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Extracting New Physics from the CMB
Brian Greene, Koenraad Schalm, and Jan Pieter van der Schaar
Institute for Strings, Cosmology and Astroparticle Physics
Department of Physics, Columbia University, New York, NY 10027, USA
Gary Shiu
Department of Physics, University of Wisconsin, Madison, WI 53706, USA

We review how initial state effects generically yield an oscillatory component in the primordial power spectrum
of inflationary density perturbations. These oscillatory corrections parametrize unknown new physics at a scale
M and are potentially observable if the ratio Hinfl/M is sufficiently large. We clarify to what extent present
and future CMB data analysis can distinguish between the different proposals for initial state corrections.

1. Transplanckian Physics — or, can
Quantum Gravity be seen in the sky?

There is much about the early universe that remains
beyond the reach of today’s most refined theoretical
tools. Among the many intertwined and as yet poorly
understood issues are the nature and resolution of the
big bang singularity, the correct form of physical laws
in the extreme environment of the Planck era, and the
full specification of initial conditions for all physical
degrees of freedom. Even without answers to these
questions, however, cosmology has made great strides
in recent years. This is at least partly due to the
happy fact that inflationary cosmology — viewed as
an effective theory that describes the dynamics of the
universe at sufficiently “late” times — has a tendency
to suppress dependence on unknown physics of the
very early universe.

Nevertheless, there are features of inflationary cos-
mology that retain a memory of conditions and dy-
namics of the very early universe, and a growing cadre
of researchers have, in recent years, tried to exploit
this to provide a cosmological window on the Planck
era — a body of work that is often referred to as
transplanckian physics [1–11]. In this note, we empha-
size one such approach: seeking transplanckian signa-
tures in the cosmic microwave background radiation
(CMB).

In the following sections, we will review potential
transplanckian signatures, emphasizing observational
consequences over technical details (which are covered
in the references we cite). But first, we give a quick
sketch of the essential physics.

The standard, and highly successful, calculations
of the CMB power spectrum1, rely on two essential
assumptions:

(1) the standard dynamics of flat spacetime quan-
tum field theory is applicable on arbitrarily short
scales (and hence arbitrarily high energies) and

1For a recent theoretical review of CMB physics, also cover-
ing some of the issues raised here, see [12].

(2) the standard boundary conditions used in flat
spacetime quantum field theory are applicable when
a mode’s wavelength is sufficiently small (the intu-
ition here is that the smaller a mode’s physical wave-
length — the more blueshift its corresponding comov-
ing mode experiences — the less sensitive it is to any
background spacetime curvature).

Transplanckian studies of the CMB challenge one or
both of these assumptions, and the literature is now
replete with many specific alternative proposals — al-
ternative dynamics and/or alternative boundary con-
ditions. We have argued [2, 8] that a generic signature
of such proposals is a new oscillatory feature over-
laid on the usual primordially power spectrum. It is
straightforward to understand why: regardless of the
primordial dynamics and primordial boundary condi-
tions, at sufficiently late times (for any given mode)
the successful standard dynamics — essentially Ein-
stein’s equations (or Einstein’s equations with cou-
plings to a scalar field theory) — must be the con-
trolling framework. At this late time, we can summa-
rize the unknown primordial dynamics and primor-
dial boundary conditions through the specification of
boundary conditions to the Einstein equations. Of
course, an arbitrary choice of boundary conditions will
result in arbitrary results. The data, however, winnow
the possibilities since the boundary conditions must
yield results that do not differ significantly from the
observed scale invariance. This suggests two physi-
cally well-motivated classes of boundary conditions.

(a) For each comoving mode k, set boundary con-
ditions when the physical momentum k/a(t) is red-
shifted to a physical cutoff scale Mcutoff (e.g. the
string scale in string theory), and choose the bound-
ary conditions to be nominally scale invariant by mak-
ing them depend only on the physical scale k/a(tk) =
Mcutoff , or

(b) At a chosen time tcutoff (essentially, the earli-
est time for which we can trust standard general rela-
tivistic dynamics), set the boundary conditions for all
modes k on this equal time hypersurface, and choose
these boundary conditions to include one-loop correc-
tions to the standard (scale invariant) flat spacetime
boundary values.
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In either case, the modified boundary conditions
on each mode amount to a Bogoliubov rotation of
positive and negative frequency components of that
mode (relative to the standard vacuum choice). Since
the power spectrum is proportional to the square of
a given mode’s amplitude, this rotation leads to a
positive/negative mode mixing, yielding the oscilla-
tory behaviour referred to above. In case (a), though,
the argument of the oscillatory terms will depend on
Hinf/(k/a(tk)) = Hinf/Mcutoff , which is constant in
de Sitter space, and hence truly oscillatory behaviour
only occurs in the physically relevant case of back-
grounds with non-constant Hubble parameter. In case
(b), the oscillatory behaviour is already present in de
Sitter space as k/a(tcutoff) is explicitly k dependent.

Thus, our main conclusion is that if transplanck-
ian physics is observable in the CMB — admittedly a
significant “if” as we need the amplitude of the trans-
planckian contribution to be sufficiently large — then
a prime signature to look for is an oscillatory compo-
nent to the primordial power spectrum.

In what follows, we spell this out in somewhat
greater detail, focusing on the choice of initial condi-
tions in the context of effective field theory — a frame-
work we feel to be both conservative and reliable, but
sufficiently rich to allow the calculation of the form of
oscillatory power spectrum component. We compare
the results found in the two cases (a) and (b), above,
and note significant qualitative differences.

2. Initial state effects in the CMB and
their relation to new physics

The initial state problem can be turned into an op-
portunity to probe new high energy, or ‘transplanck-
ian’, physics, if initial state selection proves to be re-
lated to physics at the high energy scale, typically
corresponding to the string or Planck scale. Although
many proposals have been put forward suggesting
such a link, they typically rely on highly particular
models of Planck scale physics that are predominantly
ad hoc and contain specifics whose justification can
be questioned [1–4]. However, the generic features of
Planck scale physics ought to be describable by an
effective field theory [5]. Inspired by [6], [7] showed
how initial conditions are translated into the language
of effective field theory (EFT) through the introduc-
tion of a boundary action. This spacelike boundary
action is located at an initial time surface t0 where
the initial conditions are set for all the bulk modes.
Primarily for phenomenological reasons2 the bound-
ary action is chosen to describe small corrections to

2One can show that the Bunch-Davies state is special from
the boundary effective action point of view as well; see [7].

the Bunch-Davies (BD) state. The BD state corre-
sponds to a specific choice for a (relevant) operator
on the boundary. The effect of unknown Planck scale
physics on the initial conditions is parametrized in
terms of irrelevant boundary operators. Their pres-
ence induces small corrections to the BD state sup-
pressed by powers of the ratio of the physical mo-
mentum scale p = k/a0 over the cut-off scale M .
This necessarily leads to initial states that break the
(approximate) scale invariance of the CMB spectrum,
i.e. for every comoving momentum k mode the initial
state correction is slightly different, simply because
they correspond to different physical momenta at the
initial time t0. Clearly, this is an example of the type
(b) boundary conditions discussed in the last section.

By contrast, this generic breaking of scale invari-
ance in boundary EFT differs from the type (a) ap-
proaches in which bulk modes are treated identically
by imposing an initial condition, without explicit mo-
mentum dependence, for all modes at some fixed phys-
ical cut-off scale Mcutoff . Momentum dependence is
only implicitly allowed through dependence on the
background geometry, i.e. through a time-varying H .
In this framework, therefore, one enforces the breaking
of scale invariance via the slow-roll behaviour of the
background, which itself breaks de Sitter scale invari-
ance in the bulk. Hence, this approach also preserves
near-scale invariance of the spectrum of perturbations.

It is worth emphasizing that whereas the boundary
effective field theory method introduces a spacelike
hypersurface (t = t0) in spacetime on which bound-
ary conditions are specified, in the approach just de-
scribed, boundary conditions are specified on a hy-
persurface in energy-momentum space, E = Mcutoff ,
which can be referred to as the New Physics Hypersur-
face (NPH). Notice too that the NPH approach does
not conflict with boundary EFT per se (one can al-
ways evolve/devolve boundary conditions specified at
different times on the NPH, to one chosen time t0),
but it will not conform to generic predictions from a
boundary EFT point of view due to the special re-
quirement of near-scale invariant initial conditions.
The EFT and NPH methods can thus be said to rep-
resent two separate classes of boundary conditions3.
General (observational) consequences of initial state
modifications in this class have been described in [8].

In light of these formal considerations of both the
expectation and relevance of initial state effects in the
CMB, the pressing question is how initial state effects
alter the standard predictions based on the Bunch-
Davies state. Given a basis uk, u

∗
k for the two lin-

early independent solutions to the wave equation in

3Nearly all known examples of Planck scale modifications
to the CMB fall into the two classes of modifications we have
discussed. We will therefore limit our attention to them.
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the inflationary background spacetime, the initial con-
ditions determine a unique linear combination

vk = N(k) [uk + b(k)u∗k] ,
v∗k = N(k)∗ [u∗k + b(k)∗uk] . (1)

Klein-Gordon normalization of the mode functions vk

implies that |N(k)|2 = 1
1−|b(k)|2 . The power spectrum

of perturbations is proportional to the absolute value
P (k) ∝ |v(k)|2. The (complex) parameter b is known
as the Bogoliubov parameter, and we shall follow the
convention that the standard Bunch-Davies choice of
initial conditions corresponds to b = 0. Compared
to the standard Bunch-Davies form one thus obtains
for the power spectrum (defining the phase δ through
uk = eiδ |uk|)

P (k) ∝ 1
1 − |b(k)|2

[(
1 + |b(k)|2 + e2iδb(k)∗

+e−2iδb(k)
) |uk|2

]
. (2)

Since the spectrum is evaluated for modes p > H we
know that the phase δ is k-independent and there-
fore just corresponds to an overall phase. Assuming
that the corrections are small, i.e. |b(k)| � 1, the fi-
nal expression for small initial state modifications to
the (BD) primordial spectrum of inflationary pertur-
bations is

P (k) ≈ PBD(k)
[
1 + 2|b(k)| cos(α(k) + δ)

]
. (3)

The distinctive feature of generic initial state modifi-
cations is thus the appearance of an oscillatory signal
on top of the standard BD spectrum with the period
and amplitude determined by the complex Bogoliubov
parameter b(k) = |b(k)| exp(iα(k)). Throughout the
rest of this proceeding we will drop the appearance of
(arbitrary) constant phases δ.

2.1. Corrections to the primordial
spectrum from scale-invariant initial
conditions

The above expression for the corrections to the
power spectrum directly shows the effect of near
scale-invariant initial conditions. They correspond
to explicitly k-independent Bogoliubov parameters b,
though they may have implicit k-dependence through
the background value of the Hubble parameter H . In
a pure de Sitter background with constant H the scale
invariance is exact. In scenarios where the size of the
Bogoliubov parameter is tied to the New Physics Hy-
persurface where p(t) = M = Mcutoff , the minimal
choice (i.e. the minimal uncertainty/’empty’ state
at the NPH) is b = H

2iM e−2iM/H(1−εH ) with εH the
(Hubble) slow roll parameter of the inflationary back-
ground [8]. Any k-dependence in these near-scale in-
variant scenarios is induced by the time dependence —

and therefore k dependence — in the Hubble param-
eter H . For a quasi-de Sitter background H depends
on the momentum scale as H ∝ k−εH

There is some reason to believe that these New
Physics Hypersurface scenarios, with a generalized
Bogoliubov parameter b = β̃ H

2iM e−2i M
H , are the only

consistent scale invariant modifications to the Bunch-
Davies initial state4. The power spectrum in this con-
sistent subclass is described by the expression

P (k) ≈ PBD(k)
[
1 + β̃

H(k)
M

sin
(

M

H(k)

)]
(4)

We will consider this case only from now on and com-
pare it to the generic predictions made by the bound-
ary EFT formalism.

2.2. Corrections to the primordial
spectrum from boundary EFT

In the boundary EFT formalism one finds instead
that the amplitude and phase of b are k-dependent
functions. This requires a bit more explanation (for
all the details we refer to [7]), because the Bogoliubov
parameter b(k) is not a natural parameter in the ef-
fective action. The starting point in this case is the
boundary action,

SB =
∫

t=t0

d3x
√
g̃

(
−1

2
κBDφ

2

)
, (5)

introduced at some initial time or scale factor a0(t0).
Using the machinery of effective field theory, starting
with a bare coupling reproducing the Bunch-Davies
initial state, one can calculate corrections to this bare
coupling κBD by considering the effect of higher-
derivative (irrelevant) operators in the boundary the-
ory. The assumption of new physics at some phys-
ical cut-off scale M — close to the Planck scale —
naturally introduces these irrelevant operators. They
encode the particulars of the unknown high energy
physics order by order in an expansion in the physi-
cal momentum p0 = k

a0
over the cut-off scale M . On

the basis of straightforward dimensional analysis we
generically expect the leading correction to the bare
Bunch-Davies coupling constant κBD to be of the form
(note that κ has dimensions of mass)

κ(k) ≈ κBD + β

(
k2

a2
0M

)
, (6)

Under the assumption of naturalness the coefficient β
is moreover expected to be of order 1 (although, it is
entirely possible that β is fine-tuned in the real world).

4One needs the exponential factor to avoid non-localities at
order H [7]. Any subleading prefactor will be unobservable.
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To connect with the general power spectrum expres-
sion (3), we translate this generic boundary EFT cor-
rection to an expression for the Bogoliubov parameter
b(k). To do so, we remind ourselves that the bound-
ary action was introduced to set the initial condition.
Varying the action, one finds that the coupling κ cor-
responds to the following boundary condition on the
scalar inflaton field φ

∂nφ|a0
= −κφ(a0) , (7)

where ∂n = H ∂
∂ ln a corresponds to the normal deriva-

tive with respect to the boundary. From (7) it is
straightforward to deduce a relation between the cou-
pling κ and the Bogoliubov parameter b. Expand the
scalar field in a basis of two independent mode func-
tions, allowing for an arbitrary Bogoliubov rotation,
and substitute this into (7) to obtain

b(k) = −κ(k)uk(t0) + ∂nuk|t=t0

κ(k)u∗k(t0) + ∂nu∗k|t=t0

. (8)

This equation relates b(k) and κ(k) in general. What
we are really interested in is a relation between the Bo-
goliubov parameter b, as defined with respect to the
BD mode functions, and the leading irrelevant correc-
tion to the bare BD coupling κBD (6). Expanding (8)
to leading order in corrections to the BD state, us-
ing the BD mode functions uk and the normalization
conditions, we get that

b(k) = ia3
0 (uk(t0))2 β

(
k2

a2
0M

)
+ . . . . (9)

Now we can use (3) to evaluate the effect of the
leading higher derivative correction in boundary EFT
to the initial conditions on the primordial inflation-
ary power spectrum. The explicit BD mode functions
(for a massless scalar field) will differ depending on
the specific inflationary background. The limit where
the comoving momentum k is much larger than the
comoving horizon size at the initial time t0, i.e. when
k � a0H , is universal, however. For all inflationary
backgrounds the y0 ≡ k/a0H � 1 corrections to the
power spectrum are

P (k) ≈ PBD(k)
[
1 + β

k

a0M
sin(2y0)

]
. (10)

Notice the presence of two relevant scales in this ex-
pression: kH = a0H and the ‘comoving cut-off scale
at the initial time’ kM ≡ a0M . One might take is-
sue with this introduction of a second scale 1/η0. In
a most conservative scenario one can think of it as
the beginning of inflation or the ’Planck time’ before
which GR breaks down. We will elaborate on the
interpretation and theoretical expectation of the (pe-
riod) scale kH and the (amplitude) scale kM in the
next subsection.

2.3. Observable parameters and physical
quantities

As explained and emphasized, it is a generic fea-
ture that initial state corrections are characterized by
oscillations on top of the standard spectrum of fluc-
tuations. This implies that in principle there will be
two, a priori, independent observable parameters ex-
tractable from (future) CMB data; the amplitude and
the period of an oscillatory component of the primor-
dial power spectrum5. Preliminary data extraction
studies have indicated that these oscillatory features
are indeed expected to be decipherable in future CMB
experiments (under optimistic assumptions for the ra-
tio H/M) [11]. The distinction between the generic
boundary EFT prediction and the near-scale invari-
ant NPH proposal for initial state corrections is in
the k-dependence of these two observable parameters.

For the boundary EFT prediction, the qualitative
behaviour of the corrections depends crucially on the
relative value of the scale kH and kM with respect to
the range of comoving momentum modes present in
the observable CMB, k ∈ [kmin, kmax]. As the scale
kM corresponds to the comoving cut-off scale, beyond
which the boundary EFT formalism breaks down, we
must require that kmax < kM . Now, the ratio between
the period and the cut-off is a physical quantity given
by kH

kM
= H

M .6 Thus we see that within a consistent
boundary EFT description there is a lower bound on
the period

kH �
(
H

M

)
kmax . (11)

This theoretical estimate is important because the
scale kH sets the period of the oscillations in the spec-
trum, which can be read off from (10) to equal

∆k = πkH �
(
H

M

)
π kmax . (12)

5For very high comoving momentum modes this can directly
be extrapolated to an amplitude and period in the observed
multipole moments Cl to reasonable approximation; although
in truth a full deconvolution is called for [11].

6This dimensional relation between kH and kM does yield
a conundrum. Since the boundary action should preferentially
be introduced before the time the lowest modes in the CMB
were formed, we expect kH � kmin. In other words the scale
kH is expected to be at the least the horizon size of the lowest
mode in the CMB at t = t0. This simple observation creates an
unexpected tension between 1) the physical idea that modes be-
come non-dynamical when they exit the horizon, 2) the wish to
describe the full four-orders of magnitude range of CMB modes
with one boundary EFT with fixed time initial conditions and
3) the expectation that H/M is of order 10−2. Because the
power spectrum follows from linear analysis where modes do
not interact 1) can be sacrificed without loosing its inherent
idea. For an interacting field theory it remains an open ques-
tion, however, how to resolve the tension between 1), 2) and
3).
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Extrapolating these constraints to constraints in
multi-pole space l, i.e. ∆l = πlH �

(
H
M

)
π lmax, we

can deduce a lower bound on H/M beyond which the
oscillations are too frequent and are washed out of the
data. Since we know that the current πlmax � 104 and
assuming that a period ∆l � 10 is observable, we find
that H/M � 10−3 for oscillations to be detectable
in the CMB. If H/M is at the one percent level, one
would expect to see oscillations with an estimated pe-
riod around ∆l ∼ 100.

Gratifyingly, it is also for values of H/M � 10−3

that the amplitude of the signal is at the same order of
or larger than the inherent cosmic variance ambiguity
in the CMB. For a period of order ∆l ∼ 10 the larger
part of the observable CMB spectrum (lH < l ≤ lmax)
is well approximated by (10). From the theoreti-
cal and detectability constraints discussed above, one
finds that the amplitude A(k) = A k, with kH ≤ k ≤
kmax, runs between

β

(
H

M

)
≤ A k ≤ β . (13)

This is easily beyond the 1% cosmic variance level
around k ∼ kmax, unless β is fine-tuned and unnat-
urally small. Here we should also point out that the
observed near scale invariance of the CMB spectrum
could a priori significantly constrain β as k approaches
kmax. However, as it turns out, and mainly due to the
oscillatory nature of the correction, this does not lead
to a severe constraint on β. By dividing the observ-
able parameters of the oscillations one would probe
the scale of new physics directly

∆lobs

Aobs
= β

(
H

M

)
. (14)

Under the assumption of naturalness (β ≈ 1) this fixes
the interesting ratio of scales H/M . Moreover, if ten-
sor modes are observed, the Hubble scale H will be
known independently. The presence of CMB oscilla-
tions with a constant period in k or l would then allow
a determination of the scale of new physics M through
the boundary EFT formalism (again assuming natu-
ralness).

It is a qualitative difference in the periodicity of
the oscillations that distinguishes the near-scale in-
variant New Physics Hypersurface proposal. Whereas
the generic prediction from boundary EFT was a con-
stant period in k, the NPH proposal yields oscillations
with a constant period in ln(k/kpivot). Here kpivot is
the arbitrary pivot point in k space where the nor-
malization of the observed power-spectrum is set and
compared to which slow roll is measured (e.g. COBE
used kpivot = 7.5Hpresent.). Specifically the periodic-
ity is given by

∆ ln
k

kpivot
=
πHpivot

MεH
. (15)

This allows us to deduce how many oscillations we
expect in the spectrum. Current CMB measurements
range from roughly 10−4Hpresent ≤ k ≤ Hpresent or

−4 ln 10 − ln
kpivot

Hpresent
≤ ln k ≤ − ln

kpivot

Hpresent
. (16)

Therefore the number of full oscillatory periods
present in the CMB ought to be

N = 4 ln 10
MεH
πH

	 3MεH
H

. (17)

For the observed estimate of εH ≤ 0.01 and the op-
timistic scenario that M/H ∼ 102 we expect to see
1-10 oscillations over the whole power spectrum (see
e.g. figure 1 in [8]).

An advantage of the near-scale invariant NPH pro-
posal is that it allows one to determine the ratio of
scales directly from the period of these oscillations.
This is provided that the slow roll parameter εH is
known. No appeal to naturalness is needed. In fact
with the knowledge of the ratio of scales we can test
directly the deviation β̃ from the standard Bunch-
Davies state. A significant difference from unity for
this number could be interpreted as an element of fine
tuning at work.

3. Conclusions

In table I, we have summarized our discussion of ini-
tial state effects in the CMB that arise within bound-
ary Effective Field Theory at a fixed time and within
the special class of near-scale invariant New Physics
Hypersurface initial conditions. The qualitative differ-
ence between the two scenarios is clearly the behaviour
of the periodicity in k-space: constant for generic ini-
tial conditions in boundary Effective Field Theory;
logarithmic for near-scale invariant New Physics Hy-
persurface scenarios. A secondary and related aspect
is a linearly growing amplitude for boundary Effective
Field Theory but a constant amplitude for near-scale
invariant New Physics Hypersurface proposals. Note
that under the assumption of naturalness the bound-
ary EFT formalism predicts a marginally bigger win-
dow of opportunity in H/M space as compared to the
NPH scenarios.

Throughout our discussion, we have taken a decid-
edly phenomenological perspective on transplanckian
physics, emphasizing — as in table I — the generic sig-
natures one would hope to find if high energy physics
does in fact yield an observational imprint on the
CMB. For completeness, we briefly note one impor-
tant theoretical issue. Part of the growing litera-
ture on transplanckian physics has involved a debate
about the expected magnitude of transplanckian cor-
rections. In [2, 3] it was argued that — as in the
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Boundary EFT Minimal NPH

Power Spectrum P = PBD

(
1 + Ak sin

(
2πk

C
))

P = PBD

(
1 + A sin

(
2π

C
ln

k

kpivot

))

Amplitude A = β
1

a0M
A = β̃

Hpivot

M

Period ∆k = C = πa0H ∆ ln
k

kpivot
= C =

πHpivot

MεH

Number of Osc. N � M

πH
N � εH

M

πH
ln
kmax

kmin

Ratio of Scales A · ∆k = β
H

M
A = β̃

H

M
,
εHC

π
=
Hpivot

M

Table I Phenomenological signatures of initial state effects on the primordial CMB power spectrum. PBD is the Power
Spectrum computed w.r.t. Bunch-Davies initial conditions and an arbitrary constant phase has been dropped.

approaches we have reviewed above — we should ex-
pect order H/Mcutoff corrections, a conclusion borne
out by many explicit studies [1, 4]. However, in [5]
it was argued that corrections could at most be of
order (H/Mcutoff )2. Due to cosmic variance limita-
tions, this constitutes a qualitative difference as to
whether the corrections can, even in principle, ever
be seen. The disparity between these two claims arose
because [2, 3] explicitly — and [1, 4] implicitly — al-
lowed for modified boundary conditions and modified
dynamics whereas [5] only allowed for modified dy-
namics (coming from higher order operators in the
bulk effective field theory). The second paper of [5]
went further and argued that it was physically incon-
sistent, or at the very least technically unnatural due
to large backreaction, to have any but the standard
BD boundary conditions. The advantage of working
in a boundary EFT formalism, as in [7], is that backre-
action can be systematically analysed. And as shown
in [7] and [9], large backreaction within the context of
effective field theory can be avoided, giving us a self-
consistent framework that predicts order H/Mcutoff

corrections.7

Thus, the most important observation is that with
minimal assumptions, i.e. that H/M be large enough
compared to errors due to cosmic variance, the generic
oscillatory characteristics of initial state effects should
be visible in future if not current CMB experiments
[13]. Nature could of course have arranged itself such
that the controlling coefficients β or β̃ in the Effective
Field Theory or New Physics Hypersurface scenarios
— describing the particulars of new physics at the cut-
off scale M — are small. This would be yet another

7Backreaction in the context of the NPH proposal was dis-
cussed in [10], with qualitatively the same conclusion that a
clear window of opportunity to detect new physics in the CMB
remains.

fine-tuning to bewilder us theorists. Absent that, with
guarded optimism we can imagine that in the not too
distant future we might catch the very first experi-
mental glimpse of near-Planck scale physics.
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Modification at Large Distances?
Gia Dvali∗
Center for Cosmology and Particle Physics, Department of Physics, New York University, New York,
NY 10003

We discuss an idea that the cosmic acceleration of the Universe may be caused by modification of gravity at very
large distances, and not by a dark energy source. Such a modification could, in particular, be triggered by extra
space dimensions, to which gravity spreads over cosmic distances. This idea is testable by distant supernovae
and other cosmological surveys. Also modified gravity predicts testable deviations in planetary motions. For
the moon this effect would show up in anomalous perihelion precessions of its orbit, and can be detected by
lunar ranging experiments.

1. Modified Gravity Versus Dark Energy

In this talk I shall briefly discuss an idea that the
observed accelerated expansion of the Universe[1] may
be the consequence of large distance modification of
gravity. As an example of a consistent and predic-
tive effective theory of such modification, I will closely
discuss the model [2], but qualitative conclusions are
very general, and apply to a large class of modified
gravity theories. The most important of these results
is that the distance at which the new corrections set
in is not universal but rather source dependent. For
sources as heavy as the Universe, new dynamics sets
in at the horizon scale[4], but for the lighter sources,
such as the earth, the corrections appear already at
much shorter distances[5]. Because of this the modi-
fied gravity theories are potentially testable not only
by cosmology but also by the precision gravitational
measurements at very different scales.

The cosmological evolution of the Universe is
described by Friedmann equation, which for the
spatially-flat Universe has the following form

H2 =
8π
3
GN ρ (1)

The left hand side of this equation describes the en-
ergy density budget of the Universe, which acts as a
source for gravity. The right hand side describes how
gravity, or equivalently the geometry of the Universe,
responds to this energy source.

Here H is the Hubble parameter, which is related to
the scale factor of the Universe by H = ( ȧ

a ), where dot
stands for the time derivative. Because the scale fac-
tor describes how the distance between the two points
evolves in time, the Hubble parameter encodes the
information about the expansion rate of the Universe.

For instance, in the standard picture of the deceler-
ating Friedmann-Robertson-Walker (FRW) Universe
H would decrease as inverse cosmic time. However,

∗email: dvali@physics.nyu.edu

the current observations indicate[1] that we are en-
tering the cosmic era in which H approaches an ap-
proximately constant value. That is, the Universe is
entering the epoch of an accelerated expansion. The
origin of this acceleration is a big mystery, because of
the following reason.

The energy density source that could cause acceler-
ation should have very peculiar properties. It must be
undilutable (or very slowly-dilutable) by Universe’s ex-
pansion, and have a negative pressure. All the known
energy sources in the Universe, such as the cosmic
radiation, baryons, planets, or even dark matter, all
have positive pressures. So their gravitational pull can
only slow down the expansion of the Universe, much
in the same way as the earth’s gravitational pull slows
down an object that was thrown up.

So one logical possibility is to assume that the en-
ergy budget of the Universe is dominated by a new
hypothetical source with negative pressure, which ap-
pears on the left hand side of Friedmann equation,
and causes the accelerated expansion. This source is
referred to as the dark energy. So far, any independent
observational evidence or a well established theoreti-
cal motivation for such sources is absent, and this is
why it is crucial to explore the alternative and testable
ideas. This is the subject of the present talk.

Einstein’s General Relativity, has its applicability
range of distances. For example, we know that in
the vicinity of a black hole singularity the standard
laws of gravity break down, and General Relativity
must be completed by a larger theory that incorporates
quantum gravity, such as String Theory.

The purpose of this talk is to advocate an idea that
the acceleration of the Universe indicates that the laws
of General Relativity get modified not only at very
short but also at very large distances. It is this mod-
ification, and not the dark energy, that is responsible
for the accelerated expansion of the Universe. In the
other words the key to the mystery is in modification
of the right hand side of Friedmann equation, as op-
posed to modification of its left hand side in case of
dark energy hypothesis.

It should be stressed that, such a modification is
not merely a re-arrangement of entries between the
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different sides of Friedmann equation. Modified grav-
ity predicts qualitatively new dynamical phenomena,
and is testable also by experiments other than the
large distance cosmological observations. The reason
for this is the following discontinuity. Any theory of
modified gravity has a characteristic length-scale rc.
This marks a crossover distance beyond which the cos-
mological evolution gets dramatically modified. Then,
schematically we have

Action of Modified Gravty

= Einstein +
1
rc

(New Dynamics) (2)

The crucial point is that, contrary to the naive intu-
ition, in the limit rc → ∞ we don’t recover exactly
the Einstein’s theory. In the other words,

lim
rc→∞ (Modified Gravity) �= (Einstein) (3)

The reason is that only in Einstein’s theory the medi-
ator of gravitational force is a massless spin-2 particle,
graviton. The converse is also true. It can be proven
that a generally covariant theory of massless spin-2
graviton is unique and is Einstein’s General Relativity.
The massless graviton, just like the massless photon,
has only two degrees of freedom. These are the two
polarizations of a gravitational wave, which just like
the electromagnetic waves is transversely polarized. It
can be proven (in fact it follows from the above) that
any deviation from Einstein’s action, no matter how
small, changes this property. In modified gravity, the
mediator is no longer described by a massless state
with two degrees of freedom, but inevitably acquires
new degrees of freedom and new dispersion relation.
These additional degrees of freedom lead to testable
predictions of the new theory. Historically, the firs
example of the above discontinuity was observed in
[8] in Pauli-Fierz theory of linearized massive gravity.
However, as we shall see it is a generic property of
modified gravity theories.

In studying modification of gravity, we will only be
interested in theories that maintain all the elegance
and the consistency of Einstein’s generally covariant
theory, as well as its perfect agreement with all the ex-
isting observations. This requirement, extremely nar-
rows the class of the interesting theories, and makes
them strongly constrained.

Let us now discuss why a large distance modifi-
cation of gravity can lead to the cosmic acceleration
without any dark energy source, whereas the standard
gravity cannot. First, note that because the Fried-
mann equation is linear in H2, it automatically im-
plies that without a proper source, no evolution of the
Universe is possible. No source = no expansion. One
way to think about this is the following. Consider an
Universe with a constant acceleration, that is an Uni-
verse with H2 = constant. A constantH implies that

the Universe is filled with a coherent time-dependent
gravitational field, or equivalently with a graviton con-
densate. Hence, an uniformly-accelerating Universe
can be described as a result of graviton condensation.
Because in Einstein theory the gravitons are mass-
less bosons, they cannot condense without a proper
source. This is a general property of massless bosons.
For instance, to have an uniform electric field, one
needs a source as well. Without the source, massless
bosons can only form freely travelling waves. This
is also the reason why in Einstein’s General Relativ-
ity the Universe’s acceleration requires a dark energy
source.

Now consider a gravity that is modified at distances
� rc. As said above, in modified theory gravitons are
no longer the massless bosons, and acquire a different
dispersion relation. Since they are no longer massless,
gravitons can condense without an external dark en-
ergy source, and hence, lead to an accelerated cosmic
expansion on their own!

In the language of Friedmann equation, modifica-
tion implies that its r.h.s will contain lower powers of
H2 and its derivatives. In the simplest case such a
modification can be parameterized as [6]

H2 − 1
rα
c

H2−α =
8π
3
GN ρ (4)

where α > 0 is a parameter. It is not surprising that
there is an uniformly-accelerated solution H = rc
even with ρ = 0.

Let me now address the following question. How
could a quantum gravity theory such as String The-
ory, which is usually associated with modification of
the laws of gravity at very small distances, give new
dynamics at large distances? One way in which such
a large distance dynamics can set in, is through ex-
tra dimensions[2, 4, 7, 9]. (Some alternative ideas
can be found in [19–21]). String theory (at least
the way we know it) can only be formulated in more
than three space dimensions. Where are these dimen-
sions? For further discussion I shall adopt a partic-
ular framework, called the ”brane-world”. According
to it, the reason why we do not see these extra di-
mensions through the ordinary interactions, like elec-
tromagnetism, is because all the known forces (other
than gravity) and particles are confined to a three-
dimensional surface, called brane. Brane is floating in
higher dimensional space, but ordinary particles are
confined and can only move along three dimensions.
This creates an illusion of three-dimensionality, but
only for the confined forces. This picture is natural in
string theory, in which the ordinary elementary par-
ticles (such as quarks, leptons, photons) come about
as excitations of open strings. Consistency of the the-
ory requires the open strings to be stack with their
endpoints to the hyper-surfaces called D-branes, and
cannot move in the extra space[22]. Note that in con-
trast gravity comes from the vibrations of the closed
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strings, which have no endpoints and cannot be con-
fined.

In such a picture, at low energies the only indicator
of extra dimensions would be gravity, which would re-
veal its high-dimensional nature through the Gauss’
law. According to it, the Newton’s inverse-square
gravitational force would become 1/r2+n -force, where
n is the number of large extra dimensions. One way to
hide these extra dimensions is through curling them
up in small compact spaces. The modification of the
Newton’s law would then be ”postponed” until the
very short distances, smaller than the size of the com-
pact dimensions. At large distances however gravity
and cosmological evolution of the Universe would look
completely normal.

It turns out that there is an alternative way, to hide
extra dimensions, but now at very large distances as
opposed to the very small[2]. I shall explain first how
this case works on a simple analogy. Consider a metal-
lic sheet submerged in water. The two dimensional
sheet will be the analog of the brane, and water will
play the role of the extra dimension. Waves will play
the role of gravity. Now imagine hitting the sheet with
a hammer. This will excite waves that will propagate
in all the directions and carry away the energy. Now
imagine a two-dimensional observer that measures the
dispersion of waves on the surface, and suspects noth-
ing about the existence of the extra dimension. Could
this observer nevertheless discover the additional (wa-
ter) dimension? Because the metal is much denser
than water, close to the source propagation of waves
will look two-dimensional. Only far away from the
source, when the energy leakage to extra dimension
becomes significant, can the observer detect the extra
dimension. Qualitatively this is very close to what
happens to gravity in our scenario. Newton’s law in-
terpolates between the four-dimensional and five di-
mensional regimes at the distance rc.

The reason for the nearly four-dimensional behav-
ior at short distances is that the brane breaks trans-
lational invariance in the extra dimensions, and alters
the gravitational action by inducing the terms that
would not be there in its absence. The most important
of such terms is the four-dimensional brane-localized
curvature term. The strength of this term depends on
the fundamental high energy dynamics[2, 3, 14, 15].
Since our discussion is at the level of effective field the-
ory, we shall treat it as a parameter. Reduced to the
bare essentials, the relevant part of the action takes
the following form

S =
M2

P

4rc

∫
d4x dy

√
|g(5)| R5

+
M2

P

2

∫
d4x

√
|g| R. (5)

The first term is just an usual 5D Einstein action,
with the five dimensional Plank mass given by M3

∗ =

M2
P

4rc
. gµν(x) is the induced metric on the brane, which

in the approximation of the ”rigid” brane is simply
given by the value of the five-dimensional metric at
the position of the brane. For instance, if we locate
the brane at the origin of the fifth coordinate y, the
induced metric takes the form gµν(x) = g

(5)
µν (x, y =

0). The 4D Einstein term on the brane (R) plays the
crucial role in generating 4D gravity on the brane at
intermediate distances, despite the fact that the space
is actually five-dimensional. Here is how this effect
comes about. Consider a gravitating source localized
on the brane, and let us ask what kind of gravitational
field will it create on the brane. That is, what type
of a Newtonian attractive force will it exert on the
test bodies that are also localized on the brane? The
Newtonian force is mediated by the virtual graviton
exchange, which in our case (after some gauge fixing)
satisfy the following linearized equation

(
1
rc

(∇2 − ∂2
y) + δ(y)∇2

)
hµν =

− 1
M2

P

{
Tµν − 1

3
ηµνT

α
α

}
δ(y) + δ(y) ∂µ∂νh

α
α,(6)

where Tµν is the brane-localized energy-momentum
source. The unusual thing about this graviton is that
its propagation is governed by two kinetic terms. The
4D kinetic term localized on the brane forces the gravi-
ton to propagate according to four-dimensional laws,
which would result into the 4D 1/r2-Newton’s force.
The 5D kinetic term, however, allows graviton to also
propagate off the brane, and this term alone would of
course result into a 5D Newton’s force, which scales
as 1/r3. In the presence of both kinetic terms gravi-
ton ”compromises”, and the force law exhibits the
crossover behavior. For r � rc the potential is 1/r,
and for r � rc it turns into 1/r2.

Now suppose we have an observer, that lives on the
brane and knows nothing about the existence of extra
dimensions. Based on cosmological observations this
observer derives an effective cosmological equation for
the four-dimensional scale factor a(t), of the effective
4D FRW metric. The question is what would be the
analog of the 4D Friedmann equation derived in such
a way? The answer turns out to be the following[4]

H2 ± H/rc =
8πGN

3
ρ (7)

The 1/rc correction comes from large-distance modifi-
cation of gravity, due to fifth dimension, and is negligi-
ble at early times. So for H � 1/rc the standard FRW
cosmology is reproduced. However, for late times
modification is dramatic. In particular, the cosmo-
logical expansion admits a ”self-accelerating” branch
with constant H = 1/rc, without need of any matter
source[4, 7]. Hence, the large-distance modification of
gravity may be a possible explanation for the late time
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acceleration of the Universe, that is suggested by the
current observations[1]. Because of the specific nature
of the transition, the upcoming precision cosmologi-
cal studies can potentially differentiate between the
modified gravity and more conventional dark energy
scenarios[4, 6].

As said above, It is expected that such a late time
accelerated (deSitter) phase is a generic property of
large-distance modified gravity theories, since such a
modifications should result in lower powers of H2 in
the modified Friedmann equation, and thus, in general
could admit new solutions with constant H , even for
ρ = 0.

2. Short Distance Signatures

What are the other possible tests of these idea? As
we said above, modified gravity implies new degrees
of freedom that mediate the additional gravitational
force on top of the standard one. This extra force
is one of the key points for constraining and testing
theories of modified gravity. In fact in any ghost-free
local theory of large-distance modified gravity which
admits Lorentz-invariant linearized expansion, there
is an inevitable presence of additional scalar polar-
ization(s) of the graviton. This new degree of free-
dom in the linearized approximation mediates an ad-
ditional scalar attraction incompatible with the solar
system observations. Thus, we are driven to a very im-
portant conclusion that any modified gravity theory
from the above class, is automatically ruled out, un-
less the linearized approximation (in GN -expansion)
for the gravitational field of the sun in this theory
breaks down at the solar system distances. That is,
not GN but rather 1/rc must be a good expansion pa-
rameter for the gravitational field at short distances.
This implies that in sensible theories of modified grav-
ity one should expect that the additional degrees of
freedom must become strongly coupled at some in-
termediate energy scale between MP and 1/rc. This
effect was indeed discovered in [9]. Imagine that we
wish to study the motion of a planet in the modified
theory. We can try to find the metric in form of the
GN -expansion. But in order to trust this expansion,
one has to be sure that the leading effect is indeed
given by one-graviton exchange, that is by the contri-
bution of order GN . However, this is not always the
case, because the additional polarizations of massive
graviton have couplings singular in 1/rc, and blow up
at certain distance. This can be seen from the effec-
tive brane-to-brane graviton propagator that can be
written as

Dµν;αβ(q) =
(

1
2
η̃µαη̃νβ +

1
2
η̃µβ η̃να

− 1
3
η̃µν η̃αβ

)
1

q2 + q/rc − iε
, (8)

where q is four-momentum and

η̃µν = ηµν +
qµqν
q/rc

. (9)

The additional polarizations are identical (one spin
zero and two spin one), to the one of massive gravity,
and the role of the ”mass” is played by q/rc term. This
is not surprising since the 5D graviton from the point
of view of the 4D theory looks like a resonance that
can be spectrally expanded in continuum of massive
spin-2 states, each of which has five polarizations. It
can be directly checked that the tree-graviton vertex
exhibits the following singularity [9]

q3r2c
MP

(10)

and hence the longitudinal polarizations become
strongly coupled at the scale qs = (MP /r

2
c)

1
3 . (For

massive graviton this was also found in [13]). What
is the physical meaning of this scale? The breakdown
of the linearized approximation and existence of the
”strong coupling” signals that GN is not any more a
good expansion parameter, and series have to be re-
summed. If the resummation is possible and the an-
swer does not explicitly contain the ”strong coupling”
scale, then this scale is simply an artifact of the incor-
rect perturbative expansion in powers of GN .

At the tree-level there indeed is a complete resum-
mation for different cases of interest[9–12]. For in-
stance, Schwarzchild solution can be found in terms
of 1/rc-expansions and exhibits a complete continuity.
This solution has the following form [11]

ν(r) = −rg
r

+ O
(

1
rcr

√
rgr3

)
,

λ(r) =
rg
r

+ O
(

1
rcr

√
rgr3

)
(11)

Here rg is the gravitational radius of the body, and the
functions ν(r) and λ(r) parameterize the spherically-
symmetric metric in the usual way g00 = eν(r), grr =
eλ(r). The validity of the above expansion is also con-
firmed by the exact solution of [12] As we see, any
reference to the scale qs has disappeared from the
resumed solution. Which indicates that the ”strong
coupling” scale could indeed be an artifact of the per-
turbative expansion in terms of GN .

It is interesting to understand what happens when
the additional states run in quantum gravity loops.
This issue will not be discussed here, and instead
we shall turn to phenomenological implications of the
above effect.

As it is obvious from (11), the additional force is
suppressed relative to the Einstein gravity near the
massive objects, but ”catches up” at large distances.
The distance at which the new force becomes signifi-
cant depends on the mass of a gravitating object and
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is large for massive bodies and small for the light ones.
For a gravitating body of gravitational radius rg, this
distance is given by

r∗ = (r2crg)
1
3 (12)

In the other words, every gravitating source carries
an ”umbrella” of size r∗, beyond which corrections to
Einstein gravity become strong. At closer distances,
the relative corrections to the gravitational potential
Ψ are small and are given by[11]

δΨ
Ψ

∼ r

rc

√
r

rg
(13)

corrections are suppressed, but not negligible. This
gives an exciting possibility of detecting new physics
in gravitational experiments at short distances. For
instance, for the Earth, rg ∼cm, and one has to
move away by rearth

∗ ∼ 1019 cm, before the correc-
tions become comparable to the earths gravitational
force computed in Einstein’s theory. This would re-
quire going beyond the solar system, at which point
the Earth’s gravitational effects become washed out
by sun’s gravity, which has a roughly ten times big-
ger ”umbrella”, rsun

∗ ∼ 1020cm. This fact, however,
should not create a false impression that the correc-
tions are negligible. Fortunately, Einstein’s gravity
is an extremely well-tested theory, and so, we do not
need to travel that far for detecting the difference. For
instance, at the earth-moon distance r ∼ 1010cm, the
relative correction to the Earth’s gravity is ∼ 10−12,
which is just an order of magnitude away from the cur-
rent accuracy. This opens up an exciting possibility of
testing the modified gravity theory by measuring the
lunar perihelion precession!

3. Lunar Ranging Test

The experiments that would be sensitive to such
a deviation are the improved-accuracy lunar rang-
ing experiment. These experiment perform the pre-
cision measurements of lunar orbit, by sending the
laser beam to the moon. Beam gets reflected from
the lunar surface by the retroreflector mirrors. The
firsts of these mirrors were placed on the lunar sur-
face by the astronauts of Apollo 11 mission, and are
used since then for lunar ranging. The detection of
the reflected beam gives then a possibility to monitor
the lunar orbit with a great accuracy. Current accu-
racy is approximately one cm, but the planned new
experiments will be capable of improving accuracy by
order of magnitude or so. Such an improvement would
enable the test of modified gravity theory as shown in
[5]. We shall briefly reproduce these arguments here.
Let ε be the fractional change of the gravitational po-
tential

ε ≡ δΨ
Ψ
, (14)

where Ψ = −GM/r is the Newtonian potential. The
anomalous perihelion precession (the perihelion ad-
vance per orbit due to gravity modification) is

δφ = πr(r2(r−1ε)′)′, (15)

where ′ ≡ d/dr. In our modified gravity theory

ε = −√
2r−1

c r−1/2
g r3/2. (16)

The numerical coefficient deserves some clarification.
The above coefficient was derived in [11] on Minkowski
background. However, non-linearities created by cos-
mological expansion can further correct the coeffi-
cient. One would expect these corrections to scale
as powers of rcH , where H is the observed value of
the Hubble parameter. On the accelerated branch, as
its obvious from (7), H ∼ 1/rc and thus, one would
expect the corrections to be of order one. We will re-
strict ourselves to order of magnitude estimate, but
the sign may be important if the effect is found, since
according to[16] it could give information about the
cosmological branch. We get

δφ = (3π/4)ε. (17)

Numerically, the gravitational radius of the Earth is
rg = 0.886cm, the Earth-Moon distance is r = 3.84 ×
1010cm, the gravity modification parameter that gives
the observed acceleration without dark energy rc = 6
Gpc. We get the theoretical precession

δφ = 1.4 × 10−12. (18)

This is to be compared to the accuracy of the preces-
sion measurement by the lunar laser ranging. Today
the accuracy is σφ = 4×10−12 and no anomalous pre-
cession is detected at this accuracy, in the near future
a tenfold improvement of the accuracy is expected[17].
Then a detection of gravity modification will be pos-
sible.

4. Discussions

The accelerated Universe can be a window of oppor-
tunity for looking into the most fundamental proper-
ties of gravitation, and may signal the modification of
standard laws of gravity at very large distances. Be-
cause of the extremely restrictive nature of gravity,
this hypothesis is potentially experimentally testable,
both by cosmology, as well as by gravitational mea-
surements at much shorter scales, such as the earth-
moon distance scale. These experiments together with
cosmological studies and supernova surveys, provide
an unique possibility to learn about the nature of grav-
ity at very large scales.
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Relation: is Dark Energy Necessary in a Perturbed Universe?
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1. Introduction

W'XZY9[M\A]$^ZY9\`_ZXbabcMd%Y�XD]$cUe(f$Y�egc*]$h)[iXbj.h)Xlk�[ijmd%[UeG[UnUoQhgj�]$^ZY
[UXZYpY�qsrZfmY�jmjmhGXZnt]m^ZYpeG_Zd%h)Xb[ijmh!]�ouashGj"]$cUXbk+YlvDwx[M\9cyk+[ij"z
d%[UeG[UnUhgk�cUe/jm[U_bf$k�Y?hGX{]$Y�f$d%jO[U\&h)]$jOfmY�aZjm^Zh!\�]R|S}R~�XtfmY�k+Y�XD]
oUY�cMf�jF]m^Zhgj�f$Y�egc*]$h)[iX�^bcUj��;Y�YVXlY+qsrZeG[Uh)]mY�aB]m[Ld%Y�cUjm_ZfmY@]$^ZY
rZf$YVjmY�XD]��*cMeG_ZY�[M\�]m^bY<Y+qsrbcUXbj"hG[UXOf�c*]mYi����_Z�Z�ZeGYU� j(k�[UXbj"]$cUXD]V�
� h!]$^LhGXbk+f$YVcij"hGXZn?cik�k+_bf$cik+oU}>��h!]$^L]$^ZY�Y�q�rbe)[if$cM]mhG[UXQ[M\�]$^ZY
� XZhG�UYVf$jmYHcM](fmY�aZjm^Zh!\�]�j�[U\Z[Uf�asY�f�_bXZh!]�oi� � YHXZ[ � ^bc��UY�hGXs\`[Ufmz
dQc*]mhG[UX%cM�;[U_Z]/]$^ZYF]mhGd%Y�Y��U[ie)_Z]mhG[UX?[U\b]$^ZY�Y+qsrbcUXbj"hG[UX�f$cM]mY
�!��� }A��d0[Dj�]<jm_Zf$rZfmhgjmh)XZn'fmY�j"_be!]AhGj>]$^bc*]A]m^bY&]$h)d%Y.Y��i[UeG_s]mhG[UX
[M\F]m^ZYQY�qsrbcMXbjmhG[UXtf$cM]mYQas[�YVj@XZ[U]?j"YVY�d�]m[��SYLaZYVj$k+f$h)�;YVa
��o%c�dQc*]m]mY�fmz�as[Ud%hGXbc*]$YVaL�bfmhGYVasdQcUXZXsz���[U�;Y�fm]$jm[UXsz,��cMeG�UY�f
� �A�����'^Z[id%[UnUYVXZY�[i_bj8k�[ijmd0[ie)[inUhgk�cUe(d%[sasY�e/[M\<]$^ZY � XZh)z
�UYVf$jmYU}��.^ZYB_bjm_bcMe.Y�q�rbeGcUXbc*]$h)[iX�\`[Uf�]m^bY�aZhGj$k+f$Y�rbcUXbk+o�hgj
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\`f$[Ud � ^Zhgk�^p]m^bY�rZf$YVjmY�XD]mz,aZc�oEnUf�c���h!]�c*]mhG[UXScMe�r;[M]$Y�XD]mhgcMe/hGj
[ifmhGnUhGXbcM]mYVa�}?�.^ZY�f$Y+\`[ifmYi�-]m^ZY0]$^ZY�[ifmY�]mhgk�cMeArZf$YVaZhGk+]mhG[UXbj'\`[Uf
]$^ZY{Y�qsrSY�k�]mY�a¤�*cMeG_ZY�j¡[U\R]m^ZY�k+[Dj"d%[ie)[inUhgk�cMe�rbcMf�cMd%Y+]$Y�f�j
cUfmYBcUkVk+[Ud%rbcUXZhGYVay��o�c¥XZ[UX��*cMXZhgjm^Zh)Xbn¥k+[Dj"d%hgk¡�*cUfmhgcMXbk�Y
hGd%rZeGoDhGXZn{cUX�h)XD]mf$hGXbj"hgk%]$^ZY�[ifmY�]mhgk�cMeHY�f$fm[ifV}B��^ZY�X�k�cMegk+_Zz
egc*]$h)XbnQ]m^ZY��*cMf$hGcUXbk+YR[U\A]m^ZY%asYVk�Y�eGY�f�c*]$h)[iXBrScMf�cMd%Y+]$Y�f�� � Y
_bXbk+[*�iY�f�cMXBh)XD]$Y�f$YVj"]mhGXZnQh)XZ\`f$cUfmY�a¡Y�¦;Y�k�]V}H�¥YR[i�bjmY�f$�UYU�scM]
jmYVk�[UXba%[if$aZY�fHhGX¡r;Y�fm]m_bfm�bcM]mhG[UXQ]$^ZY�[ifmoi�Dc?eGcUfmniY�k+[iXD]mf$h)�Z_Zz
]$h)[iXl]$[E]$^ZY%�*cMf$hGcUXbk+Y�\`fm[id¿]m^ZYQk�[ijmd0[ie)[inUhgk�cUe>r;Y�fm]m_Zf$�bcMz
]$h)[iXbj � h!]$^p]m^ZY0egcMf$nUYVj"] � c��UYVe)YVXZnM]$^bj�}�~,\<h)Xs¶;c*]mhG[UX{hGj�]m^ZY
[ifmhGnUhGX�[U\�]m^bY�k�[ijmd%[UeG[UnUhgk�cUeHr;Y�fm]m_Zf$�bcM]mhG[UXbj ��ÀV� �&]m^bYB�;Y+z
nih)XbXZh)Xbn¡[M\Fh)XZ¶Sc*]$h)[iX{rZf$[*��hGasY�j'cBk+_Z]"z,[M¦�]m[E]m^ZY%hGXs\`f�cMf$YVa
d%[sasY�j?[U\8]m^ZYB¶b_Sk�]m_Sc*]mhG[UXSj�}�W'_Zf0f$YVjm_Ze!]�j%j"_ZninUY�j�]R]$^bc*]
h)\/]m^ZYRjm_Zr;Y�fmz,��_Z�Z�ZeGY9d%[�aZYVj.^bc��iYOrb^DosjmhGkVcMe�jmh)niXZh)©Sk�cUXbk+Yi�
]$^ZY�o0k+[i_ZeGa0o�hGY�ega0c@d%[Dj�]<hGd%rS[if"]�cMXD]<d%[�aZh!©SkVc*]$h)[iX�]$[@]m^ZY
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2. The generic luminosity
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]$h)��hgj�]$hGk�]$^ZY�[ifmoZ��}Q�egcMf$nUY0�*cMf$hGcUXbk+Y0[M\&]m^ZYLasY�k+YVe)YVf$cM]mhG[UX
rScMf�cMd%Y+]$Y�f � EDF,GIH J(KL,MON'PLRQ hgjQk�cU_bj"Y�a���o�]m^ZY�\:cik�]%]m^bcM]Q]m^ZY
k�[ijmd%[UeG[UnUhgk�cUe*rSYVf"]$_Zf$�bc*]$h)[iXbj([iXRj"_brSYVf"z��8_Z�b�Ze)Y.j$k�cMeGYVj>cMf$Y
]$h)d%Y�z,asYVrSYVXbasYVXi] � ^ZY�X%nUf�cUaZh)YVXi]�j�cMf$Y�k+[UXSj"hgj�]$Y�XD]meGo9]�cM�UYVX
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]mf$h)�b_s]mhG[UXQ\`f$[Ud c?rZh)Y�k+Y'rZfm[irS[if"]$h)[iXbcMeZ]m[ � 0 È �taZ[DY�jHXb[M]
]m^ZYVX¡k+[id%Y�cUj<c?j"_Zf$rZf$hGjmYU�ih!]&d%cUXZh)\`YVj"]$jH]m^ZY8hGd%rS[DjmjmhG�Zh)eGh)]�o
[M\AfmY�jmkVcMeGh)Xbn�[i_s].]m^ZYRjm_Zr;Y�fmz,��_Z�Z�ZeGY9d%[�aZYVjV}
~�Xt]$^ZY%\`[UeGe)[ � hGXZnS� � YLjmY+]@]m^bYQh)Xs\`f�cMf$YVatk+_Z]"z,[M¦y]m[�]$^ZY

�*cMeG_ZYA©ZqsYVa@��o8]$^ZY<�;Y�nih)XZXbh)XZn�[U\sh)Xs¶;c*]mhG[UX � ^Zhgk�^���h)X@]$_Zf$X��
asY�r;Y�XSaZjQ_Zr;[UX�]m^ZY�]$[M]�cMe�X�_Zd?�;Y�fQ[U\ � z�\`[UegaZj > [U\']$^ZY
h)XZ¶Sc*]$h)[iXbcMf$oQrSYVfmhG[sa�}
�.^bYpf$cM]mhG[ � )'��!#"*3
) ��$(% �0hgj%rZf$YVashgk�]$YVau��oy]m^ZY{h)Xs¶;c*z

]mhG[UXbcUfmo%]$^ZY�[ifmoL]m[Q�;Y � � Y@cUfmY9cias[Urs]$h)Xbn0XSc*]m_bf$cUe�_ZXZh)]$j��
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� ^ZY�f$Y ' �
� hgj&]m^ZYOf$Y�^ZY�c*]mhGXZn9]$Y�d%r;Y�f�c*]m_bfmYOc*]F]m^ZY'�SYVnUhGXsz
XZhGXZn%[M\/]m^ZY9f�cUashgc*]$h)[iX¡YVf$c%c*\�]$Y�f.]$^ZY9Y�XbaB[U\/hGXs¶ScM]mhG[UX�}
�b[UfE]m^ZYt�*cMf$hGcUXbk+Y{]m[u�SYt[M\?]m^ZYt[Uf�asY�fE[M\R]$^ZYt�bcUk��Dz

nUf$[U_ZXSa �*cUe)_ZYxº+Å » ÆÈ �¡]m^ZYxrSYVf"]$_Zf$�bc*]$h)[iXjmr;YVk�]$fm_bd
� [i_Zega�^bc��iY{]$[�Y+q�]mYVXbax]m[�c�\:cUk�]$[Uf�[M\%Y+qsr � ´ � � ¼ Æ�� �
��� ¼ Æ���� � � z�\`[UegaZj� �¡]mhGd%YVj8]m^ZY�rZfmY�j"YVXD]'�8_Z�b�Ze)Y�f$ciashG_bj � \`[if'��	� � : $,�ph)X ]m^bY�k�cUjmY�[M\�]m^ZY��'cMf$fmhgjm[UX�£bª;Y�e�� aZ[*�Dhgk�^
j"r;YVk+]mf$_Zd�} ��[ � YV�UY�f��.h!\���\`[UfEh)Xbj"]$cUXbk+Yi�2/ � » ¼&6 ^U² [UX
j"_brSYVf"z��8_Z�b�Ze)Y�z�f�cUaZh)_bj�jmkVcMeGYVjV�/]m^ZYVX�cl�*cUfmhgcMXbk�YL[M\'[Uf�asY�f
_ZXZh)]�o@hGj>[U�s]�cMhGXZYVaRh!\Z]$^ZYHr;Y�fm]m_bfm�bcM]mhG[UX?jmr;YVk�]$fm_bd Y�q�]mY�XSaZj> � À ¼U¼ � z�\`[UegaZjL�;Y�oi[UXbau]$^ZY��8_Z�Z�be)Ytf$ciashG_bj�}¾¢�h)XSk+Y
]m^ZYOrZf$YVjmY�XD]F��_Z�Z�ZeGY@f$ciashG_bj&k�[Uf$fmY�j"r;[UXSaZj�]$[�c0jmkVcMeGY8]m^Sc*]
k+f$[ij$j"Y�a%]m^bYO��_Z�Z�ZeGY@f$ciash)_SjFcU�S[i_s]�´U¼ � z�\`[UegaZjF�SY�\`[Uf$Y�]$^ZY
Y�Xba�[M\8hGXs¶Sc*]$h)[iX���h)\�h)XZ¶Sc*]$h)[iXyeGcij�]$YVayd%[Uf$YQ]$^bcMX � À ¼U¼� z�\`[ieGaZj � h)]m^�c¥j"_brSYVf"z��8_Z�b�Ze)Y�z�f�cUaZh)_bj�j"r;YVk+]mf�cMeFh)XSasY+qy[M\/ � »�¼;6 ^M² �M]$^ZY�X¡]m^ZY'Y+¦-YVk�].[M\(jm_Zr;Y�fmz,��_Z�Z�ZeGY+z,f�cUashG_bj<r;Y�fmz
]m_Zf$�bcM]mhG[UXbj�[iXB]m^ZYReG[sk�cUe)eGo¡[i�bj"YVfm�iYVaE�*cMeG_ZYR[M\A]$^ZY?asY�k+Y�e)z
Y�f�c*]$h)[iXErbcUf$cUd%Y+]mYVf � [i_ZeGaE�;YRj"hGµ�Y�cM�ZeGYU}
��^Sc*]tcUfmY�]m^ZY�rZf$cik�]$hGkVcMeRhGd%rZe)hgk�cM]mhG[UXbj¥[M\Q[i_Zfl©bXSa�z

h)Xbnij�����^bcM]@[i�bjmY�f$��cM]mhG[UXbj�]mYVe)e�_Sj'hgj']m^bcM]@]m^ZY � Xbh)�iY�f�j"Y
hGj.rbfmY�j"YVXi]$e)o¡_ZXbasYVfmni[UhGXZn0c0rZ^ScUjmYO[U\/cik�k+YVe)YVf$cM]mY�aLY+qsrbcUXsz
j"hG[UX(� Â:Ã�ÄVÃ ]m^Sc*].]m^ZYRaZYVk+YVe)YVf$cM]mhG[UXBrbcMf�cMd%Y�]mY�f.hgj.XZY�nDc*]$h)�iYU}
~�XbasYVYVa���]m^bY<_ZXZY�q�r;YVk+]mY�aO\:cMhGXi]$XZYVj$j�[U\�^bh)ni^sz�f$YVabj"^Zh)\�](�&oDr;Y
~�c�jm_Zr;Y�f$XZ[*�*cMY � ¢ M Y9~�ci���scij&d%Y�cUjm_ZfmY�aL��o%] � [�hGXbasYVrSYVXsz
asY�XD]8]$YVcUd%j �!��� �S^bcUj��;Y�YVXph)XD]$Y�f$rZfmY�]mY�aBcij�Y���hgasY�XSk+Y@]m^Sc*]
]m^ZY¡Y+qsrbcMXSj"hG[UX�[M\.]$^ZY � Xbh)�iY�f�j"YQhgj?cik�k+YVe)YVf$cM]mhGXZnb}E~�X�cMX�CJ�HbÄqo�� �Co	��Ä�
 �A�(� � XZhG�UY�f�jmYU�s]$^ZY?asY�k+Y�eGY�f�c*]$h)[iXErScMf�cMd%Y+z
]mYVfFhgj._ZXZhg°D_ZY�eGoLasY�]mY�f$d%h)XbYVaE�Do%]$^ZY@fmYVeGcM]mhG�UY@asY�XSj"h)]mhGYVjF[M\
]m^ZY9�*cUfmhG[U_bj&¶b_bhGaZj � h!]$^E]$^ZY�hGf8[ � XBYV°D_bcM]mhG[UXB[M\/j"]$cM]mY

º Å » �
«�� Å 1 ¬

«�� ��� � � � � �`² ³U�

� ^bY�f$Y � Å hGj']$^ZY%rZfmY�j"YVXD]"z�aZc�oB]m[M]�cMeAY�XbY�f$nUopasY�XSj"h)]�oprbc*zf�cMd%Y�]mY�f�cMXba � � cMf$YQ]m^ZY¡fmYVeGcM]mhG�UY¡k�[UXD]mf$h)�b_s]mhG[UXbjR[M\.]m^ZY�*cUfmhG[U_bj�k�[Ud%r;[UXZYVXi]�j � h)]m^QYV°D_bcM]mhG[UX0[M\�j"]$c*]$Y � � » � � 3�� �� �¯cMXSa � cMf$Y8]$^ZY@rZf$YVj$j"_Zf$Y'cUXbaLYVXZY�f$nUoQasYVXbjmh!]�oi�sfmY�j"r;YVk+z
]$h)�iY�eGoZ��}A�.^ZY�f$Y+\`[ifmYi�M]m^bY8[U�bjmY�f$�*c*]$h)[iX0[U\�c9XZY�nDc*]$h)�iY���cUe)_bY
[U\9]m^ZY�asY�k+Y�eGY�f�c*]$h)[iX¤rbcUf$cUd0Y�]mYVfEjmY�Y�dQj¡]m[�k�cUe)e'\`[UfE]m^ZY
rbfmY�j"YVXbk+YL[U\�c��$�'cUfm���<XZYVfmnioC�pk+[Ud%r;[UXZYVXD] � h!]$^�XZYVnicMz
]$h)�iY@YV°D_bc*]$h)[iXE[U\Aj"]$cM]mY �)��²*� cUXbaBcM�Z_ZXSaZcMXbk�Y ��� � ¼;6 À }�.^ZYRXbY�YVa�[U\HcQd?osj"]mYVfmhG[U_bj��'cUfm���<XZYVfmnioQ¶b_ZhgaljmY�YVd%j
]$[y�SY¥k�^bcMeGe)YVXZnUY�au[UXbk�Y{c�fmY�cMeGhGj"]mhgk HbÄqo�� �Co	��Ä 
 � XZhG�UYVf$jmY
hgj?k�[UXbjmhgasY�f$YVa�}¥W'_bf?f$YVjm_Ze!]�j�jm^Z[ � ]m^Sc*]?]$^ZYL]$^ZY�[ifmY�]mhgk�cUe
rbfmY�ashGk+]mhG[UXbj?\`[Uf0]$^ZY�e)[sk�cUe��8_Z�Z�be)Y�f�c*]mY�cMXSay]m^bY�aZYVk+YVe!z
YVf$cM]mhG[UX�rScMf�cMd%Y+]$Y�f�cUfmYBc*¦-YVk+]mYVa���o�c¥k�[ijmd0hgkL�*cUfmhgcMXbk�Y
� ^b[ijmY�j"hGµ�Y'dQc�o��;Y'egcMf$nUYi�iasYVrSYVXbashGXZn0_ZrS[iXQ]m^bY'�*cMeG_ZY'[M\
]$^ZYHjmrSY�k�]$f$cUeMh)XSasY+q9cMXbaO]$^ZY<[*�iY�f�cMeGeMas_Zf�c*]mhG[UX@[U\�hGXs¶ScM]mhG[UX�}
¢s_ZrZr;[ijmYU�ZcUj � Y@^bc��UY9as[iXZY9j"[0\:cUfV��]$^bc*]�]$^ZY � XZhG�UYVf$jmY@hGj
nie)[i�bcMeGeGoy¶Sc*]¡cUXbaudQc*]"]$Y�fmz,aZ[Ud%h)XSc*]mY�a � h!]$^ ��� � ¼;6 ¬
cUXbaE]m^ZY � I B�� ?
oGL �CJ 
 �*cMeG_ZYRº+ÅO»¿ÆÈ É ¼b} � YVkVcM_bjmY@[M\/]m^ZYegcMf$nUYE�*cMf$hGcUXbk+Yi�H^Z[ � Y��iY�f��A]m^ZY�]$fm_ZY�eG[sk�cMeGeGoiz�asY�]mY�f$d%h)XbYVa
�*cUe)_ZYH[M\�]m^ZYFasYVk�Y�eGY�f�c*]$h)[iX9rbcMf�cMd%Y+]$Y�f�^ScUj�Xb[UXsz,µ�YVfm[�rZf$[U�Zz
cU�ZhGe)h)]�o{[U\8�SYVh)XZn{e)Y�jmjR]m^bcUXyµ�Y�f$[��~�Xy[U]m^ZYVf � [Uf�aZj��/hGX�c
r;Y�fm]m_bfm�;YVa � XZhG�UYVf$jmYU�scUkVk+YVe)YVf$cM]mhG[UXQd%h)ni^D].Xb[M].h)d%rZeGo%]m^ZY
Y�qshGj"]mYVXbk+Y%[M\.�'cUfm�¥�<XZYVfmnioU}Q�/h)nS} � nih)�iYVj@cp°D_bcMeGh)]$c*]$h)�iY
jm�UY�]$k�^�[M\�]$^ZY¡Y�¦;Y�k�]0[M\�]m^bYEk+[Dj"d%hgkQ�*cMf$hGcUXbk+Y¡rZfmY�ashgk�]mY�a
hGX�[U_Zf@]�cMeG�{cUj9\:cMfRcUjO]$^ZYQdQcMniXZh!]$_basY+£Df$YVaZjm^Zh)\�]RfmYVeGcM]mhG[UX
hgjRk�[UXbk�Y�f$XZYVaO*@]$^ZYQ]$^ZY�[ifmY�]mhgk�cMe�rbfmY�ashGk+]mhG[UX�hGX�c�dQcM]"]mYVf"z
aZ[Ud%h)XSc*]mY�aud0[sasYVe8hgjQXZ[M]¡c�jmh)XbnUeGY � YVe)e)z,aZY+©bXZY�a�k+_Zf$�UYi�
�b_s]BhGXbj"]mY�cUa¤hgjBfmYVrZf$YVjmY�XD]mY�a��Do¤c�©bXZh)]mY�f$Y�nUhG[UX � ^b[ijmY
jmhGµ�Y@hGj�aZY+]mYVfmd%hGXZYVaB��oQ]$^ZYRk+[Dj"d%hgk'�*cUfmhgcMXbk�YU}

5. Conclusions and comments
� Y�]{_bjtk+eG[ijmY � h!]$^ jm[Ud%Y�k+[id%d0YVXD]$jV} �>hGf�j�]t[M\LcMeGe��

eGY+]E_bjLXZ[U]mhgk+Yp]$^bc*]Eh)X¤cyr;Y�fm]m_bfm�;YVa � XZh)�iY�f�j"Y�]$^ZYl]$^ZY+z
[ifmo�hgj�_ZXbcU�Ze)Y¥]m[�rZf$[*��hGaZYl]m^bYtY�qsrSY�k�]mY�a��*cUe)_ZY�[U\R]m^ZY
��_Z�Z�ZeGY�k+[iXbj�]�cMXD] �:¬ ³U�/cMXba�asYVk�Y�eGY�f�c*]$h)[iX?rbcUf$cUd0Y�]mYVf ��¬ ´D�
jmhGXbk+Y&]m^ZYVoRasY�r;Y�XSa?_Zr;[UX?]m^ZYU�m�bcMf$Y ��_bXZ[U�bjmY�f$�*cM�ZeGY.�8_Z�sz
�be)Y�k+[iXbj�]�cMXD]¥¸pÅU}Ç�.^ZY�f$Y+\`[ifmYi�?hGX [Uf�asYVf{]$[ k�[Ud%rZ_s]$Y
]$^ZY%rZf$[U�bcU�Zh)eGh)]�oE]$^bc*]Rc¡]�o�rZhGkVcMeA[U�Sj"YVfm�iY�fOd0Y�cUjm_Zf$YVj'��cUe!z
_bYVjR[U\.]m^ZYB�8_Z�Z�be)YBk+[UXSj�]�cMXD]�cMXSayasYVk�Y�eGY�f�c*]mhG[UX�rbcUf$cUd0z
Y�]mYVf?hGX�cMnUf$Y�YVd%Y�XD] � h!]$^y]m^bY¡[U�Sj"YVfm�*c*]$h)[iXbjV�/clk�[Ud%rZeGY+]$Y
rbfm[sk+Y�as_Zf$Y � [U_beGatf$YV°D_ZhGfmY0dQcMf$nUhGXbcMeGh)µVh)XbnE[*�iY�fO]m^ZY¡�bcMf$Y
��_Z�Z�ZeGY%k+[UXSj�]�cMXD]O¸ Å � h!]$^tjm[Ud%Y?rb^DosjmhGkVcMeArZf$h)[ifV}9��[ � z
YV�UYVfV��rbfmY�ashGk+]mhGXZnlc�egcMf$nUY%�*cMf$hGcUXbk+Y0\`[Uf@]$^ZY¡asY�k+YVe)YVf$cM]mhG[UX
rScMf�cMd%Y+]$Y�f�kVcMX��SY�cMeGfmY�cUaso�f$Y�nDcMf�asYVaycij�cUX�hGXbashgk�c*]$h)[iX
]$^bc*]?]m^ZY¡]mf$Y�Y+z,eGY��UYVeH�*cMeG_ZY¡º�Å�» ÆÈ d%c�o¥XZ[M]0�SYEh)X�k�[UXsz¶ShGk+] � h)]m^ [U�bjmY�f$��h)Xbn�c�e)[sk�cUe)eGo�cUkVk+Y�eGY�f�c*]$h)Xbn � Xbh)�iY�f�j"Yi}
�·egcMf$nUYt�*cMf$hGcUXbk+Y�as[�YVj�XZ[U]ph)d%rZeGo¤]$^ZY��ZfmY�cM�sas[ � Xx[M\
r;Y�fm]m_bfm�bcM]mhG[UX¥]m^ZYV[Uf$olY�h)]m^bY�f�}Q~�XbasY�Y�a��>]m^ZYLasYVXbjmh!]�o{k�[UXsz
]$f$cij�] X ��3�� � � � 0 È � 3  È ¸ È � � �*cMeGhgaEhGXE]m^ZYRjmo�Xbk�^Zf$[UXZ[i_bj
nDcM_ZniY<\`[if I A A jmkVcMeGYVj���hgj�c*]Ad%[ij"]�[M\S[if$aZY�f/_ZXZh)]�oU}A�¥Y.^bc��iY
k�^bYVk��UY�aL]$^bc*]�c%Xb[UXZr;Y�fm]m_Zf$�bcM]mhG�UY9cMrZrbfm[DcUk�^¡£LcUe)[iXZn0]m^ZY
eGhGXZYVj�[M\'�8Y+\�} �)�V¬�� £�eGYVciaZj?]m[¥jmhGd0hGegcMf%k+[UXSk+eG_bj"hG[UXSj�cUXba
]$^bc*] � 0 È �thGjHh)X%\:cik�]H]$^ZY�©bf�j"]<]mYVfmd[M\-]$^ZY�Y�q�rScMXbjmh)[iX%[M\� B � 0 È � �!� ´ � }L�>[�nUY�]9cBrZ^�osjmhGkVcMe�hGXi]$_Zh)]mhG[UX�[M\&]m^ZYQf$YVcMz
jm[UX � ^DoO]$^ZY�f$Y&hgj/c�egcMf$nUYHk�[UXD]mf$hG�Z_s]mhG[UXR]m[']m^ZYF�*cMf$hGcUXbk+Y&[M\
]$^ZY%asYVk�Y�eGY�f�c*]mhG[UXprScMf�cMd%Y+]$Y�fO[UXZY�d0hGnU^D]O]m^ZhGXZ�phGXl]$Y�f$d%j
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[M\F]m^ZY¡Y�XZYVfmnio¥asYVXbj"h)]�o¥k�[UXD]mf�cUj"]V}E~�XbasYVYVa��Ac�eGcUfmniY%��cUfmh)z
cMXbk�Y<[M\s]$^ZY � 0 È �B]mY�f$d®h)d%rZeGhGYVj/c�eGcUfmniY<�*cMf$hGcUXbk+YH[M\&X ��3��
� ^ZY�X¥j"_Zd%d%hGXZnL_ZrlYV�UYVfmo��Z[i_ZfmhGY�f�d0[sasY�[M\�]$^ZY?r;Y�fm]m_Zfmz
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the Integrated Sachs-Wolfe (ISW) effect and the tran-
sition from the decelerating to the accelerating phase
at redshifts of order unity [16]. In this respect we no-
tice that the contribution to the variance of physical

observables, as
√

Var[〈q̃〉Ω]
q0

, increases with time and
therefore both the ISW effect and the transition from
the decelerating to the accelerating phase might well
be consistent with a perturbed flat matter-dominated
Universe. We also point out that the generic expres-
sion (??) may be used to estimate the influence of lens-
ing on the brightness of supernovae sources. Finally,
let us reiterate once more that a deeper understanding
of the physical significance of long wavelength pertur-
bations is certainly needed.
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The First Stars and their Impact on Cosmology
V. Bromm
University of Texas, Austin, TX 78712, USA

Within variants of the cold dark matter model of cosmological structure formation, the first sources of light
are expected to form in ∼ 106M� dark matter potential wells at redshifts z ≥ 20. I discuss the physical
processes that govern the formation of the first stars. These so-called Population III stars are predicted to be
predominantly very massive, and to have contributed significantly to the early reionization of the intergalactic
medium. Such an early reionization epoch is inferred from the recent measurement of the Thomson optical
depth by the WMAP satellite. I address the importance of heavy elements in bringing about the transition
from an early star formation mode dominated by massive stars, to the familiar mode dominated by low mass
stars, at later times, and present possible observational probes.

1. INTRODUCTION

One of the grand challenges in modern cosmology
is posed by the question: How did the first stars in
the universe form, what were their physical proper-
ties, and what was their impact on cosmic history (see
[6] for a recent review)? The first stars, formed at
the end of the cosmic dark ages, ionized [11, 37] and
metal-enriched [14] the intergalactic medium (IGM)
and consequently had important effects on subsequent
galaxy formation [2] and on the large-scale polariza-
tion anisotropies of the cosmic microwave background
[16]. When did the cosmic dark ages end? In the
context of popular cold dark matter (CDM) models
of hierarchical structure formation, the first stars are
predicted to have formed in dark matter halos of mass
∼ 106M� that collapsed at redshifts z � 20 − 30
[2, 38].

Results from recent numerical simulations of the
collapse and fragmentation of primordial clouds sug-
gest that the first stars were predominantly very mas-
sive, with typical masses M∗ ≥ 100M� [1, 3, 4, 21].
Despite the progress already made, many important
questions remain unanswered. An example for an
open question is: How does the primordial initial mass
function (IMF) look like? Having constrained the
characteristic mass scale, still leaves undetermined the
overall range of stellar masses and the power-law slope
which is likely to be a function of mass. In addition, it
is presently unknown whether binaries or, more gener-
ally, clusters of zero-metallicity stars, can form. What
is the nature of the feedback that the first stars exert
on their surroundings? The first stars are expected
to produce copious amounts of UV photons and to
possibly explode as energetic hypernovae. These neg-
ative feedback effects could suppress star formation in
neighboring high-density clumps.

Predicting the properties of the first sources of light,
in particular their expected luminosities and spectral
energy distributions, is important for the design of up-
coming instruments, such as the James Webb Space

Telescope (JWST) 1, or the next generation of large
(> 10m) ground-based telescopes. The hope is that
over the upcoming decade, it will become possible
to confront current theoretical predictions about the
properties of the first stars with direct observational
data.

2. POP III STAR FORMATION

The metal-rich chemistry, magnetohydrodynamics,
and radiative transfer involved in present-day star for-
mation is complex, and we still lack a comprehensive
theoretical framework that predicts the IMF from first
principles (see [18] for a recent review). Star forma-
tion in the high redshift universe, on the other hand,
poses a theoretically more tractable problem due to
a number of simplifying features, such as: (i) the ini-
tial absence of heavy metals and therefore of dust;
and (ii) the absence of dynamically-significant mag-
netic fields, in the pristine gas left over from the big
bang. The cooling of the primordial gas does then
only depend on hydrogen in its atomic and molecular
form. Whereas the initial state of the star forming
cloud is poorly constrained in the present-day inter-
stellar medium, the corresponding initial conditions
for primordial star formation are simple, given by the
popular ΛCDM model of cosmological structure for-
mation.

How did the first stars form? A complete answer
to this question would entail a theoretical prediction
for the Population III IMF, which is rather challeng-
ing. Let us start by addressing the simpler problem
of estimating the characteristic mass scale of the first
stars. This mass scale is observed to be ∼ 1M� in
the present-day universe. To investigate the collapse
and fragmentation of primordial gas, we have carried
out numerical simulations, using the smoothed parti-
cle hydrodynamics (SPH) method. We have included

1See http:// ngst.gsfc.nasa.gov.
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Figure 1: Collapse and fragmentation of a primordial cloud. Shown is the projected gas density at a redshift z � 21.5,
briefly after gravitational runaway collapse has commenced in the center of the cloud. Left: The coarse-grained
morphology in a box with linear physical size of 23.5 pc. Right: The fine-grain morphology in a box with linear
physical size of 0.5 pc. The central density peak, vigorously gaining mass by accretion, is accompanied by a secondary
clump. (Adapted from [8].)

the chemistry and cooling physics relevant for the evo-
lution of metal-free gas (see [4] for details). Improving
on earlier work [3, 4] by initializing our simulation ac-
cording to the ΛCDM model, we focus here on an iso-
lated overdense region that corresponds to a 3σ−peak:
a halo containing a total mass of 106M�, and collaps-
ing at a redshift zvir � 20 [8]. In Figure 1 (left panel),
we show the gas density within the central ∼ 25 pc,
briefly after the first high-density clump has formed
as a result of gravitational runaway collapse.

How massive were the first stars? Star forma-
tion typically proceeds from the ‘inside-out’, through
the accretion of gas onto a central hydrostatic core.
Whereas the initial mass of the hydrostatic core is
very similar for primordial and present-day star for-
mation [24], the accretion process – ultimately respon-
sible for setting the final stellar mass, is expected to
be rather different. On dimensional grounds, the ac-
cretion rate is simply related to the sound speed cubed
over Newton’s constant (or equivalently given by the
ratio of the Jeans mass and the free-fall time): Ṁacc ∼
c3s/G ∝ T 3/2. A simple comparison of the tempera-
tures in present-day star forming regions (T ∼ 10 K)
with those in primordial ones (T ∼ 200 − 300 K) al-
ready indicates a difference in the accretion rate of
more than two orders of magnitude.

Our high-resolution simulation enables us to study
the three-dimensional accretion flow around the pro-
tostar (see also [25, 28, 32]). We allow the gas to reach
densities of 1012 cm−3 before being incorporated into
a central sink particle. At these high densities, three-
body reactions [26] have converted the gas into a fully
molecular form. In Figure 2, we show how the molec-

ular core grows in mass over the first ∼ 104 yr after its
formation. The accretion rate (left panel) is initially
very high, Ṁacc ∼ 0.1M� yr−1, and subsequently de-
clines with time. The mass of the molecular core (right
panel), taken as an estimator of the proto-stellar mass,
grows approximately as: M∗ ∼ ∫

Ṁaccdt ∝ t0.75 at
t < 103 yr, and M∗ ∝ t0.4 afterwards. A rough
upper limit for the final mass of the star is then:
M∗(t = 3 × 106yr) ∼ 500M�. In deriving this up-
per bound, we have conservatively assumed that ac-
cretion cannot go on for longer than the total lifetime
of a very massive star (VMS).

Can a Population III star ever reach this asymptotic
mass limit? The answer to this question is not yet
known with any certainty, and it depends on whether
the accretion from a dust-free envelope is eventually
terminated by feedback from the star (e.g., [23, 25,
28, 32]). The standard mechanism by which accretion
may be terminated in metal-rich gas, namely radiation
pressure on dust grains [36], is evidently not effective
for gas with a primordial composition. Recently, it
has been speculated that accretion could instead be
turned off through the formation of an H II region [23],
or through the radiation pressure exerted by trapped
Lyα photons [32]. The termination of the accretion
process defines the current unsolved frontier in studies
of Population III star formation.

3. SECOND GENERATION STARS

How and when did the transition take place from
the early formation of massive stars to that of low-
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Figure 2: Accretion onto a primordial protostar. The morphology of this accretion flow is shown in Fig. 1. Left:
Accretion rate (in M� yr−1) vs. time (in yr) since molecular core formation. Right: Mass of the central core (in M�)
vs. time. Solid line: Accretion history approximated as: M∗ ∝ t0.75 at t < 103 yr, and M∗ ∝ t0.4 afterwards. Using this
analytical approximation, we extrapolate that the protostellar mass has grown to ∼ 120M� after ∼ 105 yr, and to
∼ 500M� after ∼ 3 × 106 yr, the total lifetime of a very massive star. (Adapted from [8].)

mass stars at later times? In contrast to the formation
mode of massive stars (Population III) at high red-
shifts, fragmentation is observed to favor stars below
a solar mass (Population I and II) in the present-day
universe. The transition between these fundamental
modes is expected to be mainly driven by the progres-
sive enrichment of the cosmic gas with heavy elements,
which enables the gas to cool to lower temperatures.
The concept of a ‘critical metallicity’, Zcrit, has been
used to characterize the transition between Popula-
tion III and Population II formation modes, where Z
denotes the mass fraction contributed by all heavy ele-
ments ([5, 19, 22, 30, 31, 39]). These studies have con-
strained this important parameter to only within a few
orders of magnitude, Zcrit ∼ 10−6 − 10−3Z�, under
the implicit assumption of solar relative abundances
of metals. This assumption is likely to be violated by
the metal yields of the first SNe at high-redshifts, for
which strong deviations from solar abundance ratios
are predicted (e.g., [15, 27, 33, 34]).

Recently, we have shown that the transition be-
tween the above star formation modes is driven pri-
marily by fine-structure line cooling of singly-ionized
carbon or neutral atomic oxygen [7]. Earlier esti-
mates of Zcrit which did not explicitly distinguish
between different coolants are refined by introducing
separate critical abundances for carbon and oxygen,
[C/H]crit and [O/H]crit, respectively, where [A/H]=
log10(NA/NH) − log10(NA/NH)�. Since C and O are
also the most important coolants throughout most of
the cool atomic ISM in present-day galaxies, it is not
implausible that these species might be responsible for
the global shift in the star formation mode. Under the

temperature and density conditions that characterize
Population III star formation, the fine-structure lines
of O I and C II dominate over all other metal transi-
tions. Cooling due to molecules becomes important
only at lower temperatures, and cooling due to dust
grains only at higher densities (e.g., [22, 31]). Numeri-
cally, the critical C and O abundances are estimated to
be: [C/H]crit � −3.5±0.1 and [O/H]crit � −3.1±0.2.

Even if sufficient C or O atoms are present to fur-
ther cool the gas, there will be a minimum attain-
able temperature that is set by the interaction of the
atoms with the thermal CMB: TCMB = 2.7 K(1 + z)
(e.g., [12, 17]). At z � 15, this results in a character-
istic stellar mass of M∗ ∼ 20M�(nf/104 cm−3)−1/2,
where nf > 104 cm−3 is the density at which opac-
ity prevents further fragmentation. It is possible
that the transition from the high-mass to the low-
mass star formation mode was modulated by the
CMB temperature and was therefore gradual, involv-
ing intermediate-mass (‘Population II.5’) stars at in-
termediate redshifts ([19]). This transitional pop-
ulation could give rise to the faint SNe that have
been proposed to explain the observed abundance pat-
terns in metal-poor stars ([33, 34]). When and how
uniformly the transition in the cosmic star forma-
tion mode did take place was governed by the de-
tailed enrichment history of the IGM. This in turn
was determined by the hydrodynamical transport and
mixing of metals from the first SN explosions (e.g.,
[9, 20, 29, 35]).
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Figure 3: Observed abundances in low-metallicity Galactic halo stars. For both carbon (upper panel) and oxygen
(lower panel), filled circles correspond to samples of dwarf and subgiant stars, and open squares to a sample of giant
stars (see [7] for references). The dashed lines indicate the predicted critical carbon and oxygen abundances.
Highlighted (cross) is the location of the extremely iron-poor giant star HE0107-5240. (Adapted from [7].)

4. STELLAR FOSSILS

It has long been realized that the most metal-poor
stars found in our cosmic neighborhood would encode
the signature from the first stars within their elemen-
tal abundance pattern. For many decades, however,
the observational search has failed to discover a truly
first-generation star with zero metallicity. Indeed,
there seemed to have been an observational lower limit

of [Fe/H] ∼ −4 (e.g., [10]). In view of the recent theo-
retical prediction that most Population III stars were
very massive, with associated lifetimes of ∼ 106 yr, the
failure to find any ‘living’ Population III star in the
Galaxy is not surprising, as they would all have died
a long time ago. Furthermore, theory has predicted
that star formation out of extremely low-metallicity
gas, with Z ≤ Zcrit ∼ 10−3.5Z�, would be essentially
equivalent to that out of truly primordial gas. Again,
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this theoretical prediction was in accordance with the
apparent observed lower-metallicity cutoff.

Recently, however, this simple picture has been
challenged by the discovery of the star HE0107-5240
with a mass of 0.8M� and an iron abundance of
[Fe/H] = −5.3 [13]. This finding indicates that at
least some low mass stars could have formed out of
extremely low-metallicity gas. Does the existence of
this star invalidate the theory of a metallicity thresh-
old for enabling low-mass star formation? A possible
explanation [34] could lie in the unusually high abun-
dances of carbon and oxygen in HE0107-5240.

In Figure 3, the theoretical C and O thresholds [7]
are compared to the observed abundances in metal-
poor dwarf and giant stars in the halo of our Galaxy
(see [7] for references). As can be seen, all data points
lie above the critical O abundance but a few cases
lie below the critical C threshold. All of these low
mass stars are consistent with the model since the
corresponding O abundances lie above the predicted
threshold. The sub-critical [C/H] abundances could
have either originated in the progenitor cloud or from
the mixing of CNO-processed material (with carbon
converted into nitrogen) into the stellar atmosphere
during the red giant phase. Note that the extremely
iron-poor star HE0107-5240 has C and O abundances
that both lie above the respective critical levels. The
formation of this low mass star (∼ 0.8M�) is therefore
consistent with the theoretical framework considered
by [7].

The lessons from stellar archaeology on the nature
of the first stars are likely to increase in importance,
since greatly improved, large surveys of metal-poor
Galactic halo stars are under way, or are currently
being planned.
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1. Introduction

�®+¯5®+°L±�²h³	´�±�µ4®+¶�®Eµ�·	¸�¹�®&®+°«·Cº�¶�®:·�±�»4¶m¼	º�¶�®:¸�¸g½h°¾¼	¹�¸I®+¶I¿
À ·�±�½h¼	°�·G²�¸I±�Á�Â4½'®:¸p¼GÃa¸I±�¶mÁ�¯�±mÁ4¶�®:¸�¼GÃ�±mµ4®�µ4½hº	µ ¿�¶m®+Â4¸�µ4½'Ã�±�Ä�°4½'¿
À ®+¶m¸�®	ÅSÆg·	¸�®+ÂÇ¼	°#¸V±3·�±�½,¸I±�½,¯&·G²j·	°�·G²h³ ¸I®:¸&´4¸I±�¶m¼	°�ºA¯&²'Á�¸I±�®+¶�½h°4º
¸I½hº	°�·G²,¸�·G¶m®ÇÂ4®5±�®:¯�±m®+Â�½h°�±mµ4®#·G°4º�Á4²h·	¶6¯&¼	¶m¶�®+²h·G±�½h¼	°ÈÃ�Á4°�¯5¿
±�½h¼	°�¸ÈÉ2Ê$Ë�Ì@¸3ÍÎ¼GÃ6Ïw³LÐC·	°�¹4¶m®+·GÑÒºL·G²,·�Ó ½'®:¸«É2ÏwÆ\Ô0¸&Õ�®	Å º�Å
Ö N5×�Ø�Ù�Íy·�±�ÚÇÛÜØ�Ý|ÞÎ·	°�Â¾Ïw³¾ßÒ®&Ð ½à±�±�®+¶m¸AÉ.Ï=Ê$á�¸+Õ Ö â ´wÞ�Ù�Í
·�±gÚ�ãäÞ4Å@ågµ4®:¸I®�¯5²hÁ�¸I±�®&¶m½h°4ºE¶m®+¸�Á4²à±3¸p½h°�Â ½,¯&·G±�®�±mµ�·�±\Â ½,¸V±m¶�½'¿
¹4Á ±m½'¼�°�¼	Ã=µ4½hº	µ4¿�ÚAº�·	²h·GÓ ½'®:¸7½,¸�Ã.·G½h¶m²'³æ½h°4µ4¼�Ð ¼	º	®+°4®&¼�Á�¸�·G°�Â
µ4½hº	µ4²h³�¹4½,·	¸�®+Â�·	º�·	½'°�¸I±SÐ ·G±I±m®&¶�Â ½,¸V±m¶�½h¹4Á ±m½'¼�°6»4¶m®+Â4½h¯5±�®+Â�¹�³
±�µ4®<µ�½'®+¶m·	¶m¯3µ4½,¯&·	²0ÐA¼ Â ®+²2´�½2Å ®	Åh´0±�µ4®çË7¼�²hÂéè�·G¶mÑëê¾·G±I±m®&¶
É)Ë�è�ê«ÍgÐ ¼ Â ®&²�É�®�Å º�Å Ö ì Ù�Í5Å7ågµ4®:¸I®�¹�½h·�¸I®:Â�Â4½h¸I±�¶m½'¹�Á ±�½h¼	°#¼GÃ
µ4½hº	µ ¿8ÚAº�·G²,·�Ó ½h®+¸g·G¶m®�í7®+²'²aÁ4°�Â ®&¶3¸V±m¼�¼�ÂÇí\½'±�µ�±�µ4®�½h°4µ4¼�Ð ¼G¿
º	®+°4®&¼�Á�¸�Â ½,¸V±m¶�½h¹4Á ±m½'¼�°î¼GÃ�Â4·G¶mÑÎµ�·G²h¼�¸�·	°�Â#¹4½,·	¸\¼	ÃSºL·G²,·�Ó ³
Ã�¼	¶mÐC·�±�½h¼	°ïÉ.®	Å º�Å Ö ð Ù�Í5Å�ñ$¼�í7® À ®&¶:´wí�®Cµ�· À ®C²'½'±I±m²'®æÑ�°4¼�í\²'¿
®+Â º�®æ·G¹�¼	Á ±�±mµ4®C¶m®&²,·�±�½h¼	°�¹�®5±Ví�®&®&°Èµ4½hº	µ4¿�Ú#ºL·G²,·�Ó ½'®:¸0·G°�Â
Â4·G¶mÑæµ�·	²'¼L¸�¹�®:¯&·GÁ�¸I®0¼GÃ@±�µ�®E¸IÐC·G²h²j¸I±m·�±m½h¸I±�½,¯&¸+Å
ò °ó±�µ4®ô¼G±mµ4®&¶õµ�·	°�Âa´ À ·G¶m½'¼�Á�¸õ¸V±m¶�Á�¯5±�Á4¶m®+¸ç¼GÃ�µ4½'º�µ ¿

Ú|ºL·G²,·�Ó ½h®+¸Cµ�· À ®«¹�®&®+°ä½,Â ®&°L±�½'ö�®:ÂaÅ÷Êø»4¶m¼G±m¼G¿8¯5²hÁ�¸I±�®&¶Ç·�±
Ú�Û�Ø�ù'N�í\½'±�µî·�²,·G¶mº	®�»�¼	»4Á4²,·�±m½'¼�°Ç¼	Ã@Ï=ÆgÔ0¸�í�®&¶m®�Â ½h¸m¯5¼ À ¿®&¶m®+Â�¹�³ Ö ú Ù�ÅîÊû¸I½hº	°�½àö�¯+·G°L±E®5Ó4¯&®+¸m¸0¼GÃ�ÏwÊyá�¸�íg·	¸0Ã�¼�Á4°�Â
¹�³ Ö ü Ù�·	¶�¼�Á4°�Â�·#¶m·�Â ½h¼îº�·G²,·�Ó ³«·G±�Ú�Û â ù'N�´@·	°�ÂÈ·î¸IÁ�¹ ¿
¸I®:ýLÁ4®&°L±E¸V±mÁ�Â ³�¯5¼	°�¯5²hÁ�Â ®+Â«±�µ�·�±�±�µ�½h¸�®&Ó4¯5®+¸m¸�½h¸E½'°�Â4®&®+ÂÈ·
»4¶m¼G±�¼	¿�¯&²'Á�¸V±m®&¶�í\½'±�µ�·Î¸�½'þ+®E¼GÃ�Ø�Ý|Þæêî»�¯ Ö N+ÿ�Ù�Å0êî¼	¶m®E¶m®5¿
¯5®+°�±m²'³�´\¯5²hÁ�¸V±m®&¶m½'°�º�¼	Ã ì Ï=Ê$á�¸æ°4®+·	¶æ·�¶3·	Â4½'¼Èº�·	²h·GÓ ³�·�±
Ú�� Þ ù��çí�·�¸�¶�®+»�¼�¶I±m®+Â Ö N	N5Ù)Å!Ì4¼�¶î¸V±m¶�Á�¯5±�Á4¶m®+¸#¹�®&³�¼	°�Â
¯5²hÁ�¸I±�®&¶@¸�¯+·G²h®+¸+´+í\½,Â ®&¿2ö�®+²hÂ0°�·G¶m¶�¼�íg¿�¹�·G°�Ây¸�Á4¶ À ®&³ ¸a¶m® À ®+·	²'®:Â
À ®+¶�³È½h°4µ4¼	Ð ¼�º	®&°�®&¼	Á�¸�Â ½,¸V±m¶�½h¹4Á ±m½'¼�°|¼	ÃyÏwÊyá�¸ Ö â ´�Þ�´yN��+×
N â Ù ·�±�Ú÷ã Þ#Ý ì Å Ö N��:ÙA¶�®+»�¼�¶I±«·	° ®&²h¼	°4ºL·�±m®+Âô¼ À ®+¶I¿Â ®&°�¸I®�¶�®+º	½h¼	°�¼	Ã�Ï=Ê$á�¸ ·G± Ú|Û â ù ú	ì ¼	°�±mµ4®î¸IÑ�³<¼	Ã��Gÿ
êî»�¯î½'°ïí\½,Â�±mµ�·G°�ÂïÞGÿ<ê¾»�¯î½h°ï²h®&°4º	±�µjÅôñ�¼�í�® À ®+¶+´7¼	°±�µ4®�¸�·	Ð ®«¸IÑ�³�´g±�µ4®+¶�®¾íg·	¸Î°4¼�²,·G¶mº	®&¿�¸m¯&·	²'®î¸I±�¶mÁ�¯�±mÁ4¶�®�·�±
ÚÇÛ â ù ð�ü í\µ4½h¯3µ�½h¸�¯&²'¼L¸I®+¶$±m¼ÇÁ�¸y¹�³¾Ø ü êî»�¯G´a½h°�Â ½,¯&·G±�½h°4º
·¾²,·G¶mº	®�¯5¼�¸�Ð ½h¯ À ·G¶m½h·	°�¯5®Ç¼ À ®&¶�±�µ4®+½'¶C¸�Á4¶ À ®&³�®+Â À ¼	²hÁ4Ð ®+¸
Ö Þ�Ù)Å Ê$²à±mµ4¼	Á�º	µ ·çÃ�®&í ¸I®+º	Ð ®&°L±m¸#¼	Ã6µ4½hº	µ4¿�Úï¸I±�¶mÁ�¯�±mÁ4¶m®+¸

µ�· À ®C¹�®&®&°�Ã�¼	Á4°�Â<±�¼«Â4·G±�®�´S±�µ4®Çí\µ4¼	²h®æ»4½,¯�±mÁ4¶�®Ç¼GÃ\µ4½hº	µ ¿
Ú Ä$°4½ À ®&¶3¸I®�½,¸ À ®&½h²'®:ÂaÅpêî¼�¶�®+¼ À ®&¶:´	í�®0Â ¼ °4¼G±\Ñ�°4¼�í�í\µ4®+°
·	°�Âëµ4¼�í!±�µ�®�¸V±m¶�Á�¯5±�Á4¶m®+¸#¼	Ã6ºL·G²,·�Ó ½'®:¸Ç¸�®&®+°ô·G±î»4¶�®:¸I®+°L±
Ã�¼�¶�Ð ®:Â|Ã�¶m¼	Ð ±�µ�®¾½'°�½à±m½h·	²$ÐC·�±�±�®&¶�Â ®&°�¸I½'±V³���Á�¯�±mÁ�·�±m½'¼�°�¸&Å
��®�¸I±m·	¶I±m®+Â�·�¸�³ ¸V±m®&ÐC·�±m½h¯p¸�Á4¶ À ®+³�±�¼$Ð ·	»�±�µ�®pµ4½hº	µ ¿8Ú$Ä$°4½à¿
À ®&¶3¸I®gí\½'±�µæÏ=ÆgÔ0¸�·G°�ÂCÏ=Ê$á�¸�·�±�Ø
	ÒÚ
	 ð ½h° ±�µ4®�N�Â ®&º��
¸�Ñ�³C¼GÃ=±�µ4®��Á4¹�·G¶mÁ�����ê¾ê#¿���®&íg±m¼	°�è$®+®&»#Ì=½h®&²,Â�É����èyÌ��
EÅ Ê�ÅeÛ�����N ú�� ÿ	ÿ��:´�Â ®:¯5²)ÅeÛÜÝ$Þ��+ÿ	ÿ� àÿ	ÿ�  Ö ! �	ÿ	ÿ	ÿGÙ)Õ Ö N:Þ�Ù�Í5Å"��®
¼�¹ ±m·	½'°é¯5¼L¸IÐ ½,¯ÈÐC·G»�¸î¼�° ¸�¯+·G²h®+¸#¼GÃ Ð�Á�¯3µô²,·G¶mº	®+¶#±�µ�·	°
»�¶�®:¸I®+°�±�¿�Â�·�³yÏ#$ ¸=±�¼y¯&¼ À ®+¶w·�°4®&±Ví7¼�¶�Ñ�¼GÃ�Ï#% ¸@·�±�¸�® À ®+¶m·	²¶m®+Â�¸Iµ4½'Ã�±m¸0¹�®5±Ví�®&®+°�ÚîÛ Ø#·G°�Â ð Å'&8°�±�µ�½h¸�¯&¼	°L±�¶m½'¹�Á ±�½h¼	°j´
í�®\¶m®&»�¼	¶�±@±mµ4®�½h°4½'±�½,·G²�¶m®+¸�Á4²'±m¸�¼	Ã�¼�Á4¶�¸�Á4¶ À ®&³6·G¹�¼	Á ±�¸I±�¶mÁ�¯�¿
±mÁ4¶m®+¸gÐC·	Â ®�¼	Ã=µ4½hº	µ4¿�Ú ºL·G²,·�Ó ½'®:¸g·�±�Ú6ÛäØ0Ý ì Åpågµ4¶�¼�Á4º	µ4¿
¼�Á ±A±�µ4½,¸ ¯5¼	°L±m¶�½h¹4Á ±m½'¼�°j´�í7®�»4¶m®+¸�®&°L±6ÐC·	º	°4½'±�Á�Â4®+¸A½'°|±�µ4®
ÊyÆï¸I³ ¸I±�®+Ðû·G°�Â�·	Â ¼�» ±)('*yÛ ð ÿ�+$,-*5Ñ�Ðû¸/.10yêî»�¯2.10y·	°�Â
Ö 3 �'4 3�5 47684:9$; ÙjÛ Ö ÿ4ù Ø 4 ÿ4ù ð 4 N�ù ÿ 4 ÿ�ù ü Ù)Å

2. Data and Samples
��® ¯&·G¶m¶m½'®:Â ¼	Á4±!Â4®&®&» ¼�» ±�½,¯&·	² ¹4¶�¼L·	Â�¿�¹�·	°�Â ·	°�Â

°�·G¶m¶�¼�íg¿�¹�·G°�Â�½hÐC·Gº	½h°4º�í\½'±�µ< Á4¹�·G¶mÁ����Á4»4¶m½'Ð ®&¿VË�·	Ð Ö N ì Ù
½h°¾±mµ4®#N6Â ®+º��A¸IÑ�³î¼	Ãp±�µ4®=���èyÌ�Å ò Á4¶0¹4¶m¼�·�Â�¿�¹�·G°�Â<É�>æ´
?C´A@A´CB� .´S·G°�Â<Ú� 'Í�½'ÐC·Gº�®+¸�¶m®+·�¯3µD> ãE� ú ù Ø�´C? ãF� ð ù Ø�´
@ ãG� ð ù ì ´'B� <ãG� ð ù Þ4´A·	°�Â Ú� �ãG� ì ùeÞïí\½'±�µ÷·H�I  l¿
Â4½h·	ÐA®&±�®+¶�¯&½'¶3¯5Á4²,·G¶0·G»�®&¶�±�Á�¶�®A·�±�±�µ4® Ø 9 ²h® À ®&²gÉ.Ì�Á4¶�Á�¸�·�íg·®&±|·G²)Å ½h°÷»4¶m®&»jÅhÕ«¸�®&® Ö N:Þ�Ù�Í�ÅJ��®ä¼	¹ ±3·G½h°4®+Â °�·	¶�¶m¼�íg¿
¹�·G°�Â#½hÐC·Gº	®:¸\í\½'±�µî±mµ4¶�®+®E¹�·	°�Â4¸+´�KL>AÞGÿ�Ø�ÉNMPOyÛéÞGÿ	Ø�ÿRQÊ�´
S M Û ð ÿRQÊ�Í�´TKL>AÞ ð ÿéÉNMPOïÛ Þ ð ÿ�ÿRQÊ�´ S M Û ð ÿTQÊyÍ�´
·	°�ÂDKL> ú N ì É�M�O�Û ú N�ÞGÿTQÊE´ S M�Û N��	ÿRQÊyÍ5Åjågµ4®ÎÞ 9 ¸IÑ�³
°�¼	½,¸I®g¼GÃ�±�µ4®:¸I®\°�·G¶m¶�¼�íg¿�¹�·G°�Â�½'ÐC·	º	®+¸�·	¶�®)KL>AÞGÿ�Ø0ã��	Þ4ù �4´
KU>6Þ ð ÿæãV��Þ ù ÿ4´j·	°�ÂUKL> ú N ì ãV� ì ù ÿæ½h°�·W�I  à¿�Â4½h·	ÐA®&±�®+¶
¯&½'¶3¯5Á�²h·	¶w·G»�®&¶�±�Á4¶m®$É2¸I®+® Ö N ð ÙLÃ�¼	¶w±�µ4®XKL> ú N ì Â4·G±m·LÍ�Å=ågµ�®+¸�®
°�·G¶m¶�¼�íg¿�¹�·G°�Â�ö�²'±�®+¶m¸�®+°�·G¹�²'®\Á�¸p±�¼�½,Â ®&°L±m½àÃ�³CÏwÊyá�¸+´	ºL·G²,·�Ó�¿
½h®+¸7í\½'±�µÇ·A¸I±�¶m¼	°4º�Ïw³ ß�®+Ð ½h¸m¸I½h¼	°Î²'½h°4®	´ ·G±gÚ�ãäØ4ùhNCY�ÿ4ù ÿ	Ø�´
Ø�ù ð Y#ÿ�ù ÿ�Ø4´G·G°�ÂæÞ ù ð Y#ÿ�ù ÿLÞ�í\½'±�µæ·�¸IÐC·G²h²4Ã�¶3·	¯5±�½h¼	° ¼GÃ�Ã�¼�¶�®&¿
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¶�®:Â Á�¯&®+ÂÇí\½à±mµ#·C¸�¼GÃ�±Víg·G¶m®$»�·	¯3Ñ�·Gº�®  è�ÌS�á�è Ö N ü ´P�	ÿ�Ù)Å

��®g¯+·G¶m¶�³0¼�Á ±�¼	¹1~V®:¯�±pÂ ®5±m®+¯5±�½h¼	° ·G°�Â6»4µ4¼	±�¼	Ð ®&±�¶m³�í\½à±mµ
4á�Ó�±�¶3·	¯5±�¼	¶ Ö �4N�Ù)Å ��®�Â4®5±�®:¯�±æÿ4Å ì Ð ½h²'²h½'¼�°|¼�¹1~V®+¯5±m¸6í\½à±mµ
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��®ÎÂ ®5ö�°4®æ±mµ4®Î¯5¼�²'¼�¶�¯5¶m½'±�®&¶m½,·�Ã�¼	¶6Ï=Æ\Ô0¸&´CB)¿�Â ¶m¼	»�¼	Á4±m¸+´

·	°�Â�ÏwÊ$á7¸\·	¸

> Ý @��ëN	ù�� 4 @�ÝDB  	õÿ�ù ð 4 >éÝD@��ëN�ù ì É @ïÝDB  Í���N	ù ü É���"y�@Ý�Ï=ÆgÔ0¸3Í 4 ÉVN�Í
?éÝDB  �äN�ù � 4 B  ÝÈÚ  	õÿ�ù ð 4 ?ôÝ B  �ôN	ù ú É B  ÝÈÚ  Í���N	ù ð 4 >�� � ú ù ú É��w�P�EÝ�Ï=ÆgÔ0¸3Í 4 É���Í

@�ÝDB  �ôN	ù�� 4 B  Ý�Ú  	õÿ4ù ð 4 @�ÝDB  �ëN�ù ÿ�É B  ÝÈÚ  Í���N	ù ÿ 4 >�� � ú ù ú 4 ?�� � ð ù ú É2"y�P�EÝ�Ï=ÆgÔ0¸3Í 4 É.ØLÍ
B  ÝÈÚ  � � ù ÿ 4 >�� � ú ù ú 4 ?�� � ð ù ú 4 @�� � ú ù'N ÉV�@ÝÈÂ ¶�¼�»�¼�Á ±m¸3Í 4 É â Í

É >�� @�Í����yÝ KU>6ÞGÿ�Ø��ôN	ù��ÇÉ��W�W�	K	F�Ý�Ï=Ê$á�¸3Í 4 É2Þ�Í
É�>�� @�Í��I��Ý KL>6Þ ð ÿ(�ëN�ù ÿ 4 >éÝ @��Òÿ4ùeÞÇÉ��W�W� J�KÇÝ�Ï=Ê$á�¸3Í 4 É ì Í

B  ÝDKU> ú N ì �ôN	ù ÿ 4 @äÝ B  �õÿ4ù ð É��W�{��D��æÝÈÏwÊyá�¸3Í 4 É ð Í

Ã�¼�²'²h¼�í\½h°4º Ö N ð ´R�Gÿ�Ù�·G°�Â ò Á�¯3µ4½�®&±Ç·G²)Åé½'°ï»4¶m®&»wÅ ��®
½hÂ4®&°L±�½'Ã�³C·G¹�¼	Á ±��	ÿ4´ ÿ	ÿ�ÿ�Ï=Æ\Ô0¸�·G°�Â#N	´ ÿ	ÿ	ÿ0Ï=Ê$á�¸pÃ�¶�¼�Ð ¼�Á4¶
Â4·�±3· í\½à±mµ#±�µ4®:¸I®6¯5¶m½à±m®&¶m½h·�Å�Ì4¼�¶�®+·�¯3µ�ºL·G²,·�Ó ³æ¸m·GÐ »4²h®	´4±mµ4®
°�Á4Ð�¹�®&¶g¼GÃ@¼	¹1~V®:¯�±3¸�·	°�ÂC±mµ4®0ÐC·Gº	°�½à±mÁ�Â ®0²'½hÐ ½à±3¸\·G¶m®y¸�Á4ÐA¿
ÐC·G¶m½'þ+®+Â�½'°¾å@·G¹�²'® &�ÅX> @�B)¿�Ï=Æ\Ô0¸&´P? B�Ú	¿8ÏwÆ\Ô0¸&´4·	°�Â @�B8ÚG¿
ÏwÆ\Ô0¸æ·	¶�®î²h¼ ¯&·�±m®+ÂÒ·�±�ÚïÛ â ù ÿ Yôÿ4ùeÞ ´\Ú�Û â ù ð Yôÿ4ùeÞ ´
·G°�ÂCÚ�Û â ù ü Yîÿ�ù Ø�´G¶�®:¸I»�®+¯5±�½ À ®+²'³�´�·	¸7¸Iµ�¼�í\°A½h° Ö �Gÿ�Ù�´Lí\µ4½'²h®
B� l¿8Â ¶m¼	»�¼	Á ±3¸6·	¶�®�·�±CÚ|ã!Þ ù ü Yäÿ4ù Ø Ö ���:Ù�Å�ågµ4®�¶�®:Â4¸�µ4½àÃ�±�¿
Â ½,¸V±m¶�½h¹4Á ±m½'¼�°|¼GÃ�ÏwÊ$á7¸�½,¸ Â ®5±m®&¶mÐ ½'°4®:Â�í\½'±�µç±�µ4®#¯5®+°L±�¶3·G²
í�· À ®&²h®&°4º	±�µ�¸�·G°�Â�ÌC��ñyê¾¸�¼	Ã\±�µ4®Ç°�·G¶m¶m¼�íg¿)¹�·	°�Â«ö�²à±m®&¶3¸
í\µ4½,¯3µÇ»�·�¸�¸\·A¶m®+Â4¸�µ4½'Ã�±�®:Â�Ïw³ ß<®&Ð ½,¸�¸�½'¼�°Ç²h½h°4®	Å
��® ¯&·	¶�¶m½'®:Â ¼	Á ±�¸�»�®:¯�±m¶�¼L¸�¯&¼	»4½,¯ïÃ�¼�²'²h¼�íg¿)Á�»û¼	¹�¸�®&¶ À ·�¿±�½h¼	°�¸�Ã�¼	¶7±�µ�®+¸�®yºL·G²,·�Ó ½'®:¸pí\½'±�µW�Á4¹�·	¶�Á��GÌ ò Ë�Ê� Ö �	Ø�Ùa·G°�Â

�yÏ åR�o�R&Vê ò �Å�Ê$²à±mµ4¼	Á4º�µ ½'±<½h¸ÈýLÁ4½'±�®ïÂ ½P�C¯&Á4²'±�±m¼ë¼�¹ ¿
±m·	½'°<¸�»�®:¯�±�¶3·�Ã�¼	¶6·G²h²�±�µ4®Îº�·G²,·�Ó ½h®+¸+´jí�® ±�¼�¼	Ñ�¸I»�®+¯5±�¶3·�Ã�¼	¶
»�·G¶�±æ¼GÃ0º�·	²h·GÓ ½'®:¸A¸�®&²h®+¯5±�®:ÂõÃ�¶�¼�Ð ®+·�¯3µõ¸m·GÐ »4²h®	ÅH�¼ÈÃ.·G¶:´
í7®Cµ�· À ®A½hÂ ®+°L±�½'ö�®+Â<·	¹�¼�Á ±'�Gÿ#ÏwÆ\Ô0¸�·	°�Â � ì ÏwÊyá�¸+´w¶m®5¿
¸I»�®+¯5±�½ À ®+²'³�Å ò Á4¶�¸�»�®+¯�±m¶�¼L¸�¯&¼	»4½,¯E¶m®+¸�Á4²'±m¸yí\½'²h²S¹�®C¸�Á4Ð ÐC·�¿
¶�½hþ&®:Â�½h°ôÊ$Ñ�½'³L·GÐC·|®&±¾·G²)Åû½'°ô»4¶m®&»jÅ ågµ4®<¯5¼�°�±3·GÐ ½h°�·�¿
±�½h¼	°ï¶3·�±m®+¸ ¼GÃ0±mµ4®+¸�®îº�·	²h·GÓ�³ç¸�·	ÐA»�²'®:¸æ·G¶m®î®+¸I±�½hÐC·�±�®:Âç±�¼
¹�®�N+ÿ ÝïØ�ÿ�}ÎÅ<êî¼�¸I±6¼	Ãy¯5¼�°�±3·GÐ ½h°�·G°L±m¸A·G¶m®æÃ�¼�¶�®+º	¶m¼	Á4°�Â
º�·	²h·GÓ�½h®+¸y·�±0ÚÎã N	Å���®6¸�µ4¼�íÜ¸I»�®+¯5±�¶3·æ¼	Ã�¸I®:¯5Á4¶m®&²h³Ç½,Â ®+° ¿
±�½'ö�®+Â�®&½hº	µL±'KL> ú N ì ¿�Ï=Ê$á7¸0½'°|Ì@½hº	Á4¶m®îN	´@±m¼	º	®&±�µ4®+¶�í\½'±�µ
±�µ4¼L¸I®0¼	Ã=Ã�¼�¶�®+º	¶m¼	Á4°�ÂÇ¯5¼�°�±3·GÐ ½h°�·G°L±m¸ Ö N ð Ù�Å
��®�¸�µ4¼�í�±mµ4®�¸�Ñ�³ÇÂ ½,¸V±m¶�½h¹4Á ±m½'¼�°î¼GÃ8> @�B)¿�Ï=Æ\Ô0¸\·�±yÚ Û

â ù ÿ YAÿ4ùeÞ�·G°�Â'KL> ú N ì ¿8ÏwÊyá�¸j·G±SÚ�ÛëÞ ù ð YAÿ�ù ÿLÞ7½'°AÌ=½hº	Á�¶�®:¸
�A·	°�ÂÇØ6Ã�¼�¶\®5Ó4·GÐ »4²h®+¸g¼	Ã@¼�Á4¶�ÏwÆ\ÔÜ·	°�Â#ÏwÊyáõ¸m·GÐ »4²h®+¸+Å

3. Results and Discussion

3.1. Angular Correlation Functions of
Lyman Break Galaxies

3.1.1. Definitive Detection of Excess of Small-Scale
Clustering for

U{V�X
-LBGs

��®ä½h° À ®+¸I±�½hº�·G±�® > @�B)¿8ÏwÆ\Ô0¸�Â ®&±�®+¯5±�®:Â÷½'°ó¼	Á4¶õÂ4·�±3·
í\½'±�µõ· À ½,¸IÁ�·	²7½h°�¸�»�®:¯�±m½'¼�°j´p·G°�Â�ö�°�Â�±�µ�·G±A·�°LÁ�Ð�¹�®&¶A¼GÃ
Ï=Æ\Ô0¸ µ�· À ®#¯5²h¼�¸�®5¿8¯5¼�ÐA»�·G°4½h¼	°|Ï=Æ\Ô0¸&Å ��®îµ�· À ®ÇÃ�¼	Á4°�Â
N:Ø ú Þ�»�·	½'¶3¸�¼GÃC>'@�B2¿8ÏwÆ\Ô0¸�í\½'±�µÇ±�µ4®E·	°4º	Á4²,·G¶gÂ ½,¸V±3·G°�¯&®0¼GÃ
��   Ý�ÞI  .´�¯5¼	¶m¶m®+¸�»�¼�°�Â ½h°4º�±m¼îN â ¿�ØLÞEÑ�»�¯0½'°#»4µ�³ ¸I½,¯&·	²aÁ4°4½'±m¸
·G±�Ú�Û â ´Lí\µ4½,¯3µÎ½,¸�¹�®&³�¼	°�Âæ¸m¯&·	²'®:¸p¼	Ãw½'°L±m®&¶m°�·G²�¸V±m¶�Á�¯�±�Á�¶�®:¸
¼	Ã4º�·	²h·GÓ�½h®+¸�É 	� N+ÿ\Ñ�»�¯+Í�ÅC&8°E¼�¶mÂ ®+¶a±�¼�ýLÁ�·G°L±�½'±m·G±�½ À ®+²'³�Ð ®+·�¿
¸�Á4¶m®\±�µ�®y¸�Ð ·	²'²'¿8¸�¯+·G²h®�·	¸7í7®+²'²�·	¸p²,·G¶mº	®&¿�¸m¯&·	²'®�¯&²'Á�¸V±m®&¶m½'°4º�¼GÃ
Ï=Æ\Ô0¸&´pí�®îÂ ®&¶m½ À ®æ±mµ4®¾Ê$Ë�Ì��$ÉZ�LÍ�ÅÒÊ$¯&¯&¼	¶3Â ½h°4º«±m¼ Ö � â Ù)´
±mµ4®EÊ$Ë�Ì<½,¸�¯&·	²h¯&Á4²,·�±�®:ÂÎ¹�³ �

�$ÉZ��Í7Û Ö �9� ÉF��ÍSÝ � � @ ÉZ�LÍ�� @ @ ÉZ�LÍ�ÙF�2@ @ ÉZ��Í 4 É ú Í
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¹4½,·	¸\¼	Ã@±mµ4®�¹�¶�½hº	µL±$¸m·GÐ »4²h®+¸�É$.R� â Í\½h¸y·G²,¸I¼Cµ4½hº	µ�®&¶\±mµ�·G°
±�µ�·G±E¼GÃ�±�µ4®æÃ.·G½h°�±�¸m·GÐ »4²h®îÉ .
�÷ØLÍ�´wí\µ�½h¯3µÈ½,¸E¯5¼�°�¸I½,¸I±�®&°L±
í\½à±mµÒ±�µ4®î»�¶�® À ½h¼	Á�¸ ¶�®+»�¼�¶I±3¸ ½'° Ö �Gÿ�Ù É.¸�®&® Ö N&Ù�Ã�¼	¶ÇÚÒÛ Ø
ÏwÆ\Ô0¸3Í�Å0ågµ4®+¸�®�±mµ4¶m®&®EÃ�®:·�±mÁ4¶�®:¸$¼	Ãp¹4¶m½'º�µ�±0ÏwÆ\Ô0¸�¸IÁ4º�º	®:¸V±
±�µ�·G±�¹4¶m½'º�µL±�ÏwÆ\Ô0¸�¶m®+¸�½hÂ ®C½h°<Ð ¼	¶m® Ð ·�¸�¸�½ À ®æÂ4·	¶�Ñ¾µ�·G²h¼�¸
±�µ�·	°AÃ.·G½h°�±pÏ=ÆgÔ0¸+´�¸�½h°�¯5®gÐC·	¸m¸I½ À ®gÂ4·	¶�ÑEµ�·G²h¼�¸Sµ�· À ®�·�µ4½hº	µ²h·	¶�º�®5¿8¸�¯+·G²h®0¹4½h·�¸$·�¸\í7®+²'²@·	¸y·CÐ ¼	¶m®E¼ ¯&¯5Á�»�·�±m½'¼�°�°�Á4Ð6¹�®+¶
·G°�Âõ·�²h·	¶�º�®&¶Aµ�·G²h¼<¸I½hþ&®�±mµ�·G°Ò²h®+¸m¸V¿�ÐC·	¸m¸I½ À ®�Â4·G¶mÑ<µ�·G²h¼�¸+´
í\µ4½,¯3µÎ»4¶m¼ Â Á�¯5®:¸7±�µ4®0µ4½hº	µ#¸IÐC·	²'²'¿�¸m¯&·	²'®y¹4½,·	¸�í\½à±mµÎ±mµ4®0®5Ó�¿
±�®+°�Â ®+Â�¼�Á ±m¸�Ñ�½'¶�±m¸g¼	Ã=¹4½,·	¸+Å

3.1.3. Angular Correlation Functions of
mnXF�

-LBGs andV�XF�
-LBGs at

��� e
and

X
-dropouts at

��� g
Ì@½hº	Á4¶m® ì »�¶�®:¸I®+°�±3¸6±�µ4®¾Ê$Ë�ÌS¸ ¼GÃ ? B8Ú	¿�Ï=ÆgÔ0¸A·�±æÚÒÛ

â ù ð Yçÿ4ùeÞ ´$@�B8ÚG¿8ÏwÆ\Ô0¸\·G±$ÚAÛ â ù ü Yçÿ4ù Ø4´�·	°�ÂWB)¿�Â4¶�¼�»�¼�Á ±m¸
·�±6Ú�ÛóÞ4ù ü Yïÿ�ù Ø�Å�ågµ�®&¶m®æ½h¸�·#±�®+°�Â ®&°�¯5³�±�µ�·G±E±�µ4®Ç¹4½,·	¸
¹�®:¯5¼�ÐA®:¸S¸V±m¶�¼�°4º	®+¶=·�±@µ4½hº	µ4®+¶@¶m®+Â�¸Iµ4½'Ã�±m¸+Å=ågµ�½h¸=±�®+°�Â ®+°�¯5³�½,¸
Ã�¼	Á4°�Âa´�® À ®&°�½'Ã�í7®7¯5¼	Ð »�·	¶�®�¹4½h·�¸I®:¸j¼	Ã >'@�B2¿8ÏwÆ\Ô0¸7É.Ú6Û â Í

í\½'±�µ¾±�µ4®E¼	±�µ4®+¶yÏ=ÆgÔ0¸�·G°�ÂWB2¿8Â ¶m¼	»�¼	Á ±3¸EÉ.ÚæÛ Þ�Ý ì ÍgÃ�¼	¶
±mµ4®Ç¸m·GÐ ®Î·	¹�¸�¼	²hÁ ±�®ÇÐ ·	º	°4½'±�Á�Â ®	Å|É���¼	±�®Ç±�µ�·G±�±�µ�®Ç·G¹�¸I¼	¿
²hÁ ±m®7ÐC·Gº�°4½'±�Á�Â ®:¸@¹�®:¯5¼	Ð ®�¹4¶m½'º�µ�±m®&¶=Ã�¼	¶�Ú�ÛëÞjÝ ì ¸m·GÐ »4²h®+¸
±mµ�·G°6Ú6Û â ¸�·	Ð »4²'®7í\½à±mµE±mµ4®�¸m·GÐ ®�¼	¹�¸�®&¶ À ®:Â0ÐC·Gº	°�½à±mÁ�Â ®	´
·	°�Â�±mµ�·�±�±mµ4®\Â ½���®+¶�®+°�¯5®g½h°�±mµ4®�·G¹�¸�¼	²hÁ ±m®7ÐC·Gº�°4½'±�Á�Â ®:¸�·G¶m®
S�� Ûôÿ4ù�� ð 4 ÿ�ù Ø â 4 ·G°�Âîÿ4ù ìGâ Ã�¼	¶ ? B8Ú	¿�Ï=ÆgÔ0¸+´$@�B8ÚG¿8ÏwÆ\Ô0¸+´
·	°�Â B)¿�Â4¶�¼�»�¼�Á ±m¸+´\¶�®:¸I»�®+¯5±�½ À ®+²'³�Å Í ågµ4®�¸V±m¶�¼�°4º�¹4½,·	¸�®+¸Î¼GÃ
±mµ4®+¸�®ïµ4½hº	µ ¿8ÚÜ¸m·GÐ »4²h®+¸<½,¸<®:¸I»�®+¯&½h·	²'²h³ÜÃ�¼�Á4°�Â÷·�±|¸�ÐC·G²h²à¿
¸m¯&·	²'®:¸&´Lí\µ4½,¯3µÎ¶m®+·�¯3µÎ·G¹�¼	Á ± .gÛ �	ÿ�Ý¾Ø�ÿ6·G±�N�  	� � 	� ÞI  .Å
ågµ�½h¸�±�®+°�Â ®&°�¯5³È½'Ð »4²h½h®+¸6±�µ�·G±6µ4½hº	µ�®&¶�¿�Ú¾Â�·G¶mÑ�µ�·G²h¼�¸E»�¶�¼	¿
Â4Á�¯5®0º�·	²h·GÓ ½'®:¸7Ð ¼�¶�®0®|�æ¯&½'®+°�±m²'³�Å

3.2. Primeval Large-Scale Structures at
���������
�½h°�¯5®�ÏwÊyá�¸A·G¶m®æ½hÂ4®&°L±�½'ö�®+Â�¹L³�±mµ4®&½h¶6¶m®+Â�¸Iµ4½'Ã�±�®:Â|Ïw³�ß

®+Ð ½h¸m¸I½h¼	° ²h½'°4® »�·�¸�¸�½h°4º!· °�·G¶m¶�¼�íg¿�¹�·G°�Â ö�²'±�®&¶ í\µ�¼�¸�®
ÌC��ñyê ½h¸$¼	°4²h³W� N+ÿ�ÿRQÊ6É.¸�®+¯�±m½'¼�°L�	Í�´4±�µ4®E¶m®+Â�¸Iµ4½'Ã�±$¶3·G°4º�®
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N ú ÿAê¾»�¯��ôN ú ÿAê¾»�¯E·	°�Â#· Â ®&» ±mµî¼GÃ � â ÿ êî»�¯�½'°î¯&¼G¿
Ð ¼ À ½h°4ºEÁ�°4½à±3¸7·G±�Ú6ÛäÞ ù ð Å�ågµ4½,¸�½,¸�±�µ4®$ö�¶m¸I±�¯&¼�¸�Ð ½h¯\ÐC·	»j´
® À ®&¶E¼�¹ ±m·	½'°4®:Âa´S¯5¼ À ®+¶�½h°4º#· � N+ÿ	ÿ#êî»�¯æ¸mýLÁ�·G¶m®æ·G¶m®+·�¼GÃ
±�µ4®6Ä�°4½ À ®+¶m¸�®E·�±$·	°L³Çµ4½hº	µî¶m®+Â4¸�µ4½'Ã�±m¸�É2Ú9� ��Í�Å�&8°¾Ì=½hº	Á�¶�®
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¯5¼�°�¯5®+°�±m¶m·G±�½h¼	°�¸ ·	¶�®î°4¼	±æ½h¸�¼	²,·�±m®+Âa´�¹4Á ±�¯5¼	°�°4®+¯5±�®+Âõí\½'±�µ
¼	°4®¾·	°4¼G±mµ4®&¶Î¹L³|ö�²,·GÐ ®&°L±m·	¶�³ç¼ À ®+¶mÂ ®+°�¸�®�¶m®&º�½'¼�°�¸+Åäågµ4®
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í\µ4½,¯3µE·G²hÐA¼L¸V±j°�¼\º�·G²,·�Ó ³y®5Ó ½h¸I±m¸+Åwågµ4®7¯3µ�·G¶3·	¯5±�®&¶m½,¸V±m½h¯S¸�½'þ+®+¸
¼GÃ�ö�²h·	Ð ®&°L±m¸S·G°�Â À ¼	½,Â4¸S¸I®+®&°�½h°A¼	Á4¶SÐC·G» ·G¶m®�¯&¼	Ð »�·	¶m·	¹4²'®
±�¼ ±mµ4¼�¸�®�¼GÃ@±�µ4®�»4¶�®:¸I®+°L±I¿8Â4·�³æÄ�°4½ À ®+¶m¸�®	Å7ågµLÁ�¸&´�±�µ4½,¸\ÐC·G»
ÐC·G¶mÑ�¸7±mµ4®EÂ ½,¸�¯&¼ À ®&¶m³C¼GÃ@»4¶m½'Ð ® À ·	²wÏ#%4¸\·�±$Ú�ÛëÞ ù ð Å
��®7ýLÁ�·	°L±�½'Ã�³$±mµ4®p²,·G¶mº	®5¿8¸m¯&·G²h®�¯5²hÁ4Ð »4½h°4®+¸m¸j¼	ÃL±mµ4®�ºL·G²,·�Ó ³

Â ½,¸V±m¶�½h¹4Á ±m½'¼�°Ç¹�³Î®:¸V±m½'ÐC·G±�½h°4º 9 � * ´ ±mµ4®�¶�ÐC¸���Á�¯�±�Á�·�±�½h¼	°�¼GÃ
º�·	²h·GÓ�³Ò¼ À ®&¶3Â ®&°�¸�½'±V³õí\½'±�µ�½'° ·õ¸I»4µ�®&¶m®�¼	Ã
�Gÿõêî»�¯ïÉ.¯&¼G¿
Ð ¼ À ½h°4º�ÍC¶3·	Â ½hÁ�¸+Å÷Ë7¼�°�¸I½,Â ®+¶�½h°4º�±mµ�·�±�±�µ�®�¶3·	Â ½,·G²0Â ®+» ±�µ
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Spectral Energy Distribution often indicates against Synchrotron X-rays
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2. SPECTRAL ENERGY DISTRIBUTION

2.1. Inverse Compton Emission
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Spectral Ener X-rays

many authors (e.g., Sol, Pelletier, & Asseo 1989; Laing
1993; Owen, Hardee, & Cornwell 1989; Wardle & Aaron
1997; Chiaberge et al. 2000), may be more realistic. While
more complex emission models should then be used, the
present data would be insufficient to constrain them.

Another possible scenario for the X-ray production from
jets (Celotti et al. 2001) is IC scattering of the beamed emis-
sion from a blazar nucleus, which according to unification
models is harbored by every radio-loud AGN (Urry &
Padovani 1995). However, this process is likely to be unim-
portant if the jet plasma is still relativistic on large scales. In

fact, in this case, the beamed photons from the inner jet
appear redshifted in the plasma rest frame, thus energeti-
cally unimportant.

On the other hand, IC scattering of the nuclear radiation
could be important for the X-ray emission from radio lobes
where the plasma reaches slower terminal velocities (Bru-
netti, Setti, & Comastri 1997). This process could possibly
explain the X-ray emission from the counterlobe of
0723+679, where a marginal detection is obtained from the
short Chandra exposure (Table 2 and Fig. 1). In this model,
since the upscattered photons are beamed back toward the

Fig. 8.—Radio–to–X-ray SEDs for the brightest X-ray knots in the four new X-ray jets of Figs. 1–4. In all panels, the left-hand vertical axes are in units of
observed flux �F�, while the right-hand axes are in units of luminosity �L�. Typical uncertainties for the fluxes are 33% or larger. The X-ray flux is always above
the extrapolation from the radio-to-optical continuum, except for knot A in 1136�135, suggesting a general dominance of inverse Compton for the production
of X-rays. In knot A of 1136�135, synchrotron is likely the dominant process. The solid lines are the best-fit models (sum of all components), with the parame-
ters reported in Table 4.

No. 1, 2002 SURVEY OF EXTENDED RADIO JETS IN AGNs 215

Sambruna et al., 2002ApJ...571..206S

Inverse Compton X-
rays from the CMB:

γx ≈102−3

γr ≈104−5

Some jets may be de-
tectable by GLAST,
at 10−13 to 10−12 ergs
cm−2 s−1
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2.2. Low Energy Electron Spectrum
Cutoff
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PKS 0637-752 Jet Spectrum
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3. X-RAY AND RADIO PROFILES
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Confront IC/CMB with Morphology
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4.1. Magnetic Field and Doppler Factor
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4.3. Is the Emission Really Inverse
Compton Scattering?
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5. X-RAY JETS AT LARGE REDSHIFT
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Correlation of X-ray Jet and Radio Flux Densities
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GRB Jets Inside and Outside the Star: Precursors and Cosmological
Implications
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After many years of speculation, recent observations have confirmed the association of gamma-ray bursts with
core-collapse supernova explosions from massive stars. This association carries with it important consequences.
The burst relativistic jet has to propagate through the cold dense stellar material before it reaches the trans-
parency radius and the burst photons are produced. This propagation is likely to affect the initial properties of
the jet, shaping it and changing its energy composition. The variability injected at the base of the jet is also
likely to be erased by the jet-star interaction. Despite this, GRBs seem to have remarkably predictable proper-
ties once the radiative phase sets in, as emphasized by the recent discovery of several tight correlation between
spectral, geometric and energetic properties of the jet. In this contribution we discuss the jet interaction with
the star, emphasizing its time-dependent properties and the resulting energy distribution. We finally emphasize
the surprising predictability of jet and radiation properties outside the star and underline its implication for
standardizing the GRB candle.

1. Introduction

After many years of speculation [1, 2], the associa-
tion of (at least some) long gamma-ray bursts (GRBs)
with supernova (SN) explosions has been established.
The first association was between GRB 980425 and
SN1998bw [3]. It was a problematic and highly de-
bated association since it implied a highly peculiar na-
ture for GRB 980425: an event with a normal fluence
but a distance 100 times smaller then other GRBs,
and therefore some four orders of magnitude fainter.
In addition, GRB 980425 did not have a normal af-
terglow in any band. Nevertheless, the peculiar na-
ture of the SN explosion and the temporal and spatial
coincidence argued strongly for the association. Af-
ter GRB 980425/SN1998bw, circumstantial evidence
for more associations was claimed for higher redshift
events, based on the appearance of a red bump in the
late afterglow light curve [4].

More recently two additional events have strength-
ened the association, including - at least in one case
- one GRB that has all the characteristics of classi-
cal cosmological events. GRB 030329 was the bright-
est GRB detected by HETE-2 [5]. It had a small
redshift z = 0.168 and multi-epoch afterglow spec-
troscopy revealed the emergence of a SN spectrum
approximately 15 days after the burst explosion [6–
8]. The spectrum and the overall supernova proper-
ties were remarkably similar to those of SN1998bw.
Finally, GRB 031203, detected by INTEGRAL, looks
like a twin to GRB 980425/SN1998bw [9].

The association bears new questions and riddles
with it. First we know that the γ-ray photons are
produced by ultra-relativistic material. The progeni-
tor star is however dense and massive, and any outflow
collecting matter geometrically from the star will be
slowed-down to sub-relativistic speed very effectively.

The entrained mass can be at most a small fraction
of a solar mass M0 ≤ 5.5×10−6E51 Γ−1

2 M�. Simula-
tions show that such a small contamination is possible
(see below). The jet that reaches the surface of the
star is then shaped by the interaction with the star
itself. One would expect that, depending on the type
of stellar progenitor, jet initial conditions and ener-
getics, a great diversity of jets would emerge. After
all type Ibc and type II supernovae show a remarkable
diversity.

Even though at first sight GRB observations are
characterized by a huge diversity, remarkable correla-
tions have been discovered among jet properties. The
first such correlation was discovered between the jet
γ-ray energy output (not corrected for the beaming)
and the break time in the afterglow light curve [10, 11].
This correlation can be understood in terms of jets
with the same total energy but beamed into different
opening angles [10], or in terms of structured jets with
an energy distribution such that dE/dΩ ∝ θ−2 [12].

A further correlation was discovered between the
typical frequency of photons in the prompt emission
(the peak of the ν F (ν) spectrum) and the isotropic
equivalent energy output in the prompt phase [13].
According to this correlation the brighter the burst,
the larger the typical frequency of photons. Finally,
the tightest correlation of all was recently discovered
between the typical photon energy and the beaming
corrected γ-ray output [14] (under the assumption of
a uniform jet). All these correlations, and especially
those involving the photon frequency, have not been
understood so far.

In this contribution we discuss the jet propagation
inside the progenitor star [15]. We consider in par-
ticular the effect of the diminishing collimating power
of the star, which is blown apart by the energy dis-
sipated by the jet as it opens its way out of the pro-
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genitor. We show that this creates time dependent
effects that may be responsible for the diversity in
the γ-ray phase of the burst. Such effects, however,
occur on short timescales, and therefore are not rele-
vant in the afterglow phase, which is therefore more
standardized. Finally, we discuss the opportunity of-
fered by the Ghirlanda correlation [14] to use GRBs as
standard candles to constrain the expansion history of
the universe at redshifts much larger than the range
sampled by type Ia SNe [16].

2. The star-cocoon-jet interactions

Consider a jet generated at the core of a massive
star (at a radius R0), characterized by a luminos-
ity Lj, an initial Lorentz factor Γ0

>∼ 1, a dimen-
sionless entropy η = Lj/(Ṁ c2) (where Ṁ is the
rest mass ejection rate) and an initial opening an-
gle θ0 (or, alternatively, a stagnation pressure pstag =
Lj Γ2

0/(4π cR
2
0 θ

2
0)). The jet attempts to propagate

through the stellar material. As soon as the head
of the jet reaches supersonic velocity, a double shock
structure develops at the head of the jet. The speed
of the head of the jet (the contact discontinuity) can
be computed by balancing the pressure of the jet ma-
terial with that of the cold stellar matter. Pressure
balance reads [17, 18]:

ρj hj(Γβ)2jh c
2 + pj = ρ� h�(Γβ)2h c

2 + p� (1)

where ρ is the density, h the enthalpy and p the pres-
sure. Subscripts are j for jet material, jh for the jet
material relative to the head of the jet, h for the jet
head relative to the star and � for the stellar mate-
rial. This equation, if we neglect the pressure terms
on both sides, can be solved to give the motion of the
jet head in the stellar material [17]:

βh =

√
ζΓ2

j

1 +
√
ζΓ2

j

βj (2)

where ζ = ρj hj/ρ�.
The actual structure of the head of the jet is made

by a contact discontinuity that separates jet material
from stellar material, two thin regions of shocked ma-
terial (shocked jet and shocked stellar material) and
two shocks (a forward bow shock propagating into the
star and a reverse shock into the jet). The shocked
material is over-pressured and flows to the sides of
the jet, feeding a cocoon.

The cocoon material is over-pressured with respect
to both the star and the un-shocked jet. It therefore
expands, driving a shock into the cold stellar mate-
rial and collimating the jet until pressure balance is
reached. We assume an adiabatic flow, since the jet is
optically thick inside the star. As a consequence, the

Lorentz factor scales as Γj ∝ Σ1/2
j , where Σj is the

area of the jet. This relation, which is valid only if
dissipation is negligible, allows us to compute the jet
pressure as a function only of Σj and to derive conse-
quently the Lorentz factor. The cocoon evolution can
be computed by applying the first law of thermody-
namics:

d(εc Vc) = dQ− pc dVc (3)

where εc is the cocoon energy density and Vc is the
volume of the cocoon. We assume that the cocoon
pressure is uniform, so that pc only depends on time.
The term dQ = Lj(1− βh)dt is the energy injected in
the form of shocked jet material. The evolution of the
cocoon volume Vc reads:

dVc

dt
= 2π

∫ Rh

R0

R⊥(r, t) vsh(r, t) dr (4)

where R⊥ is the transverse size of the cocoon (which
is a function of radius and time) and vsh is the
speed of the shock driven by the cocoon pressure into
the stellar material. It can be computed under the
Kompaneets approximation [19] by balancing the co-
coon pressure against the ram pressure exerted by
the cold stellar material on the expanding cocoon:
vsh =

√
εc/3 ρ�.

The above set of equations form a solvable system
of differential equations. An analytic solution is not
possible, especially if the time-dependent evolution of
the cocoon needs to be taken into account.

To show some examples of the cocoon evolution we
assume a star with mass M� = 15M�, with radius
R� = 1011 cm and ρ� ∝ r−α� . Figure 1 shows the co-
coon evolution at fixed times (indicated in the panels).
The star has a power-law density profile ρ� ∝ r−2.5 be-
tween 108 and 1011 cm. No funnel pre-evacuation is
assumed. The jet is injected with Lj = 1051 erg s−1

at r0 = 108 cm with θ0 = 20◦ and Γ0 = 1.5. A recolli-
mation shock immediately collimates and slows down
the jet (upper left panel of Fig. 1). The jet emerges
on the stellar surface after ∼ 5 s. A total energy of
1.5×1051 erg has been dissipated to create the jet path
into the star. Of this energy, ∼ 4×1050 erg are stored
into the cocoon plasma, while ∼ 1051 erg are given
to the star through the cocoon shock. Such energy
is of the order of the explosion energy of Ic SNe and
enough to unbind the star. The jet reaches the star
surface with an opening angle of ∼ 1◦ and a Lorentz
factor Γbr � 24 and is therefore in causal contact.

Figure 2 shows a similar simulation but where an
exponential cutoff of the stellar density of the form
exp[−r/(1010cm)] has been added to simulate a more
realistic profile. The main effect of this change is on
the shape of the cocoon that opens as the exponential
cutoff is reached. Also, the jet is somewhat larger
and has a larger Lorentz factor so that it turns out
to be only in marginal causal contact. These results
compare positively with analytic estimates [15].
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Figure 1: Stills from a movie showing the jet and cocoon evolution inside a 15M� star with a density profile ρ� ∝ r−2.5

and a radius of 1011 cm. The jet is injected at a radius r0 = 108 cm with an opening angle θ0 = 20◦, a Lorentz factor
Γ0 = 1.5 and a luminosity Lj = 1051 erg s−1. Note that the scale of figures is enlarged to emphasize the shape of the
cocoon.
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Figure 2: Same as Fig. 1 but for a star with an exponential cutoff in the density at large radii.
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3. Precursors

As the jet pierces the stellar surface, it simultane-
ously opens a channel for the release of the cocoon.
The cocoon material therefore expands out of the star.
The actual dynamics and radiative properties of the
cocoon are somewhat uncertain and several different
predictions have been made [20–23]. What is clear
is that a total energy of several×1050 ergs is released
almost isotropically.

Observationally, associating a precursor with a
transient event is challenging, if at all possible. At-
tempts have been made [24, 25] adopting conservative
definitions, and therefore only the tip of the iceberg
was likely discovered. Figure 3 shows a sub-sample of
the precursors discovered by Lazzati [25] in an anal-
ysis of ∼ 100 bright long BATSE GRBs. He defined
precursors as activity that is detected before the GRB
trigger from the same direction as the GRB. The de-
tected precursors are somewhat puzzling. A precursor
related to the jet release or to any event that takes
place before the γ-rays of the prompt phase are re-
leased is supposed to precede the GRB by:

∆T =
Rγ

cΓ2
∼ 0.03Rγ,13 Γ−2

2 s (5)

to be compared to the several tens of seconds of delays
found observationally. The only way1 to understand
these precursors as related to the cocoon breakout is
to assume that the jet is initially dark in γ-rays. We
argue in the following that the jet spreads during the
∼ 100 s of the energy release. If the observer is not
lying on the jet axis, there will be a time interval dur-
ing which there will be no γ-ray emission, even though
the precursor had been seen. Once the jet has spread,
it enters the line of sight to the observer and becomes
visible, with a delay that depends on the off-axis angle
of the observer.

4. Jet breakout and subsequent
evolution

As the jet reaches the stellar surface, it clears a
channel for the cocoon. The cocoon material is there-
fore now free to expand out of the star and its pres-
sure drops. We assume that from this moment on the
shock between the cocoon and the cold stellar mate-
rial stalls, as a consequence of the dropping cocoon
pressure. This is equivalent to assuming a constant
volume of the cocoon cavity inside the star. The pres-
sure drop for the relativistic cocoon can be derived

1An alternative explanation invoking the creation of a quark
star has been recently put forward [26].

through dEc = −εc Σc cs dt where Σc is the area of
the free surface through which the cocoon material
expands, εc the cocoon energy density and cs = c/

√
3

is the sound speed of the relativistic gas. Writing the
cocoon volume as Vc ∼ Σc r�, we can obtain the pres-
sure evolution:

pc = pc,br exp
(
− ct√

3 r�

)
(6)

where pc,br is the cocoon pressure at the moment of
shock breakout. As the cocoon pressure decreases,
fresh jet material passing through the cocoon is less
tightly collimated. Under isentropic conditions the
jet Lorentz factor increases linearly with the opening
angle and pressure balance yields θj ∝ p

−1/4
c , implying

an exponentially increasing opening angle of the form2

θj = θj,br exp
[

c t

4
√

3 r�

]
. (7)

Dissipative jet propagation gives similar results (with
merely a different numerical coefficient ∼ O(1) inside
the exponential), provided that Γ varies roughly as a
power of Σj .

5. Jet structure at large radii

The angular distribution of integrated energy, as
observed in the afterglow phase, is computed by in-
tegrating the instantaneous luminosity per unit solid
angle from the moment the jet becomes visible along
a given line of sight (tl.o.s.) until the end of the burst:

dE

dΩ
=
∫ TGRB

tl.o.s.

dL

dΩ
dt �

∫ TGRB

tl.o.s.

L(t)
π θ2j (t)

dt. (8)

tl.o.s. is obtained by inverting eq. 7. Such integration is
valid provided that the jet opening angle at time TGRB

is smaller than the natural opening angle of the jet:
TGRB < 4

√
3(r�/c) log(θ0/θbr). For the fiducial num-

bers assumed (r� = 1011 cm, θj,br = 1◦ and θ0 = 30◦)
this corresponds to ∼ 100 s comoving burst duration.
Assuming a jet with constant luminosity L and for
all the lines of sight that satisfy tbr < tl.o.s. � TGRB,
eq. 8 gives the jet structure

dE

dΩ
=

2
√

3L r�
π c

θ−2 θj,br ≤ θ ≤ θ0 (9)

2Note that, if the jet is causally connected at breakout, the
jet would freely expand to an angle θj = 1/Γj,br > θj,br of
the order of a few degrees. This would result in an initially
constant opening angle. The only effect on the final energy
distribution of eq. 9 is to increase the size of the jet core from
θj,br to 1/Γj,br.
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Figure 3: Atlas of a fraction of the precursors detected in a sample of bright long BATSE GRBs [25].

and dE/dΩ ∼constant inside the core radius θj,br.
This angular dependence, which characterizes a
“structured jet” or “universal jet” [12, 27–29], is of
high theoretical interest. Jets with this beam pattern
reproduce afterglow observations. If the jet is powered
by fall-back of material from the star to the accretion
disk, the mass accretion rate would be anti-correlated

with the radius of the star, for a given stellar mass.
In the above equations we have assumed for simplic-

ity that the jet reaching the surface of the star is uni-
form. As shown by simulations [30], it is more likely
that a Gaussian jet emerges from the star. On the
contrary, boundary layers may be produced by the in-
teraction of the jet with the collimating star, resulting
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Figure 4: Energy distribution for the afterglow phase for
three instantaneous beam patterns (see inset). In all
three cases a well defined dE/dΩ ∝ θ−2 section is clearly
visible. Only the edge of the jet and its core show
marginal differences. The results shown are for a jet/star
with L = 1051 erg s−1, TGRB = 40 s and r� = 1011 cm.
Inset: Instantaneous beam patterns that reach the
surface of the star. The solid line shows a uniform jet,
dashed line shows a Gaussian energy distribution, while
the dash-dotted line shows an edge brightened (or
hollow) jet.

in edge brightened jets (see the inset of Fig. 4). It can
be shown easily that the θ−2 pattern does not depend
on the assumption of uniformity. Fig. 4 shows the inte-
grated energy distribution for uniform, Gaussian and
hollow intrinsic jets. Even though small differences
are present at the edges (the jet core and the out-
skirts), the general behavior is always dE/dΩ ∝ θ−2.

6. The Eγ-εpeak correlation

Correlations between observed (and intrinsic) quan-
tities are one of the most remarkable results on the
general properties of GRB jets. They tell us that,
despite the varied behavior of the observed jet prop-
erties, they are not entirely random but follow a well
defined path. Among such correlations [10, 11, 13]
the more recent and tightest is the so-called Ghirlanda
correlation [14] that finds a correspondence between
the beaming corrected γ-ray energy release of the
prompt emission and the typical photon frequency
(the peak of the ν F (ν) spectrum). This correlation
is so tight that, within the present accuracy, it is con-
sistent with being an exact relation. The debate is
however alive on this issue [31].

The correlation is shown in Fig. 5. On the right of
the same graph the Amati [13] correlation is shown
for comparison. The origin of these correlation is not
understood so far. It is believed that they may be due

Figure 5: Rest frame peak energy Epeak = Eobs
peak(1 + z)

versus bolometric energy for the sample of GRBs with
measured redshift. Filled circles: isotropic energy
corrected for the collimation angle by the factor
(1 − cosθ), for the events for which a jet break in the
light curve was observed. Grey symbols corresponds to
lower/upper limits. The Solid line represents the best fit
to the correlation, i.e. Epeak ∼ 480 (Eγ/10

51erg)0.7 keV.
Open circles: isotropic equivalent energy Eγ,iso. The
Dashed line is the best fit to these points.

to a less dominant role of synchrotron in the prompt
radiative phase of the burst [32].

7. Standard candles and cosmography

The Ghirlanda correlation is so tight that it can be
used to standardize the GRB candle [16]. If one is
able to measure the break time of the GRB afterglow
(and therefore constrain the jet opening angle) and the
typical frequency of photons in the γ-ray spectrum, it
is possible to predict the intrinsic energy radiated in
γ-rays in the prompt phase. This allows one to mea-
sure the luminosity distance independently of redshift.
If, in addition, a redshift measurement is available, we
can draw a Hubble diagram and fit cosmological mod-
els to it.

Figure 6 shows the GRBs and SNe Hubble diagram
before and after the empirical corrections (stretch-
luminosity for SNe and Ghirlanda for GRBs). Fig-
ure 7 shows instead the constraints that can be ob-
tained in the ΩM − ΩΛ plane with SNe, GRBs and a
simultaneous fit of the two samples [33]. Even though
the simultaneous fit is clearly dominated by SNe, the
perspective for GRBs, should the Ghirlanda correla-
tion be confirmed, are very good. Their appeal is,
more than to give an independent confirmation of the
SNe result, to allow for an expansion to high redshift
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Figure 6: Classical Hubble diagram in the form of
luminosity–distance DL vs redshift z for Supernova Ia
and GRB. In the top panel the SN Ia and GRBs are
treated as standard candles (no corrections applied); for
GRBs Eγ = 1051 erg is assumed. In the bottom panel we
have applied the stretching–luminosity and the Eγ–Epeak

relations to SN Ia and GRBs, respectively. Note that, for
GRBs, the applied correction depends upon the specific
assumed cosmology, here for simplicity we assume the
standard ΩM = 0.3, ΩΛ = 0.7 cosmology. Both panels
also show different DL(z) curves, as labeled.

of the universe that can be sampled. This is an ideal
set-up to investigate on the possible evolution of the
properties of ΩΛ to understand better the origin of
dark energy.

With the launch of Swift, it is envisaged that the
sample of GRBs with all the necessary data will soon
become comparable to the SN sample. Fig. 8 shows
a prediction of how the cosmological constraints from
GRBs in the Swift era may look.

8. Discussion

We have discussed the properties of GRB jets
within the framework of the GRB-SN association. We

Figure 7: Constraints in the ΩM −ΩΛ plane derived from
our GRB sample (15 objects, red contours), from the
“Gold” SN Ia sample [34] (156 objects; blue solid lines,
derived assuming a fixed value of H0 = 65 km s−1

Mpc−1, and from the subset of SNe Ia at z > 0.9 (14
objects, blue long dashed lines). The three colored
ellipses are the confidence regions (orange: 68%; light
green: 90%; yellow: 99%) for the combined fit of type Ia
SN+GRB samples. Dashed lines correspond to the
changing sign of the cosmic acceleration [i.e. q(z) = 0] at
different redshifts, as labeled. Crosses are the centers of
the corresponding contours (red: GRBs; blue: SNe Ia,
white: GRB+SN Ia). The black dot marks the ΛCDM
cosmology. The dotted line corresponds to the statefinder
r = 1, in this case it coincides with the flatness condition.

showed that the interaction of the jet with the star
produces a cocoon that modifies the jet properties.
Even though the jet may be released in a stationary
process, with constant properties in time, the inter-
action with the star and the cocoon creates a time-
dependent opening angle of the jet. In the prompt
phase the main consequence is that the beginning of
the γ-ray emission depends on the observer. In the
afterglow phase, when the time scales of the prompt
emission are irrelevant, the jet is seen as a structured
outflow with a well defined profile. This, with some
additional constraints on the luminosity and duration
of the energy injection, can create a universal jet pro-
file [12].

Observationally, the properties of GRB jets are not
independent. In particular, the Ghirlanda correla-
tion [14] tells us that if the jet opening angle (or view-
ing angle) and the total energy output are known, the
typical frequency of photons can be predicted. The
correlation is so tight that can be used, analogously to
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Figure 8: Swift simulated ΩM − ΩΛ plane.

the stretch-luminosity correlation in type Ia SN [35],
to standardize the GRB candle. GRBs can therefore
be used as high redshift standard candles to constrain
any possible evolution in the properties of the dark
energy.
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A possible unified model of short and long gamma-ray bursts (GRBs), X-ray rich GRBs, and X-ray flashes is
proposed. It is assumed that the jet of a GRB consists of many emitting sub-shells (i.e., an inhomogeneous
jet model). The multiplicity of the sub-shells along a line of sight ns is an important parameter. If ns is
large (� 1) the event looks like a long GRB, while if ns = 1, the event looks like a short GRB. Finally, when
ns = 0, the event looks like an X-ray flash or an X-ray rich GRB. Furthermore, our model may also explain the
bimodal distributions of T90 duration of BATSE-GRBs. Clearly, our model predicts that short GRBs should
be associated with energetic SNe.

1. INTRODUCTION

For the long gamma-ray bursts (GRBs), the cosmo-
logical distance, the collimated jet, the massive star
progenitor, and the association with the supernova are
almost established or strongly suggested [30, 36, 60].
However, for short GRBs, little is known since no af-
terglow has been observed. Observed bimodal distri-
bution of T90 duration implies the origin of the short
burst is different from that of long GRB, e.g., coales-
cencing binary neutron stars. The origin of the X-ray
flashes (XRFs) also remains unclear although many
models have been proposed (see [54] and references
therein). The observed event rate of short GRBs and
XRFs are about a third of and similar to the long
GRBs, respectively [16, 22, 27]. Although there may
be a possible bias effect to these statistics, in an astro-
physical sense, these numbers are the same or compa-
rable. If these three phenomena arise from essentially
different origins, the similar number of events is just
by chance. While if these three phenomena are re-
lated like a unified scenario for active galactic nuclei
[3, 4, 47], the similar number of events is natural and
the ratio of the event rate tells us something about
the geometry of the central engine. We propose a uni-
fied model in which the central engine of short GRBs,
long GRBs and XRFs is the same and the apparent
differences come essentially from different viewing an-
gles. This paper is a slight extention of ref [55] (see
also ref [45]).

2. UNIFIED MODEL

It is suggested that short GRBs are similar to the
first 1 sec of long GRBs [12]. Although short GRBs
are harder than long GRBs [23], this difference is
mainly due to the difference in the low-energy spec-
tral slope while the peak energy is similar [12]. Fine

temporal structures in observed light curves of short
GRBs are similar to those of the first several seconds of
long GRBs [33]. Other properties, such as 〈V/Vmax〉,
the angular distribution, the energy dependence of du-
ration and the hard-to-soft spectral evolution of short
GRBs, are also similar to those of long GRBs [26].
If short GRBs also obey the peak energy-luminosity
relation found for the long GRBs [57], it is suggested
that short and long GRBs have a similar redshift dis-
tribution [12].

These similarities suggest that the difference be-
tween short and long GRBs is just the number of
pulses, and each pulse is essentially the same [39]. As
shown in Fig. 1, using 4Br catalogue of BATSE [35],
the fluence is roughly in proportion to the duration in
the range of 0.01 to 1000 sec [5]. Thus, we may con-
sider that each pulse is produced by essentially the
same unit or the sub-jet1, and the GRB jet consists
of many sub-jets. If many sub-jets point to our line
of sight, the event looks like the long GRB while if a
single sub-jet points to us, the event looks like a short
GRB. Since we can observe only the angular size of
∼ γ−1 within the GRB jet with the Lorentz factor
γ, different observers will see different number of sub-
jets depending on the distribution of sub-jets within
the GRB jet. Since the angular size of a causally con-
nected region is also γ−1 < 0.01, the opening half-
angle of a sub-jet can be much smaller than that of
the whole GRB jet (∼ 0.1), say ∼ 0.02.

XRFs also appear to be related to GRBs. Softer
and dimmer GRBs smoothly extend to the XRFs
[16, 22, 27, 48], while the peak energy-isotropic lu-
minosity/energy relations hold for GRBs as well as
XRFs [2, 42, 57]. The total energy including the ra-

1The origin of sub-jets (or equally emitting sub-shells) is
discussed in § 4.1.
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Figure 1: The fluence S(50 − 300 keV) as a function of
T90 duration for BATSE bursts from 4Br catalog
(Courtesy of Drs. S. Michikoshi and T. Suyama). From
ref [55]

dio afterglow of XRF 020903, which has a measured
redshift, might be similar to that of GRBs [43]. Other
properties, such as the duration, the temporal struc-
ture and the Band spectrum of the XRFs are also
similar to those of the GRBs, suggesting that XRFs
are in fact soft and dim GRBs. In the sub-jet model,
XRFs are naturally expected when our line of sight is
off-axis to any sub-jets [19, 31, 50, 52, 54].

3. AN EXAMPLE OF NUMERICAL
SIMULATION OF OUR UNIFIED MODEL

In the following, we show a numerical simulation to
demonstrate how an event looks so different depend-
ing on the viewing angle in our unified model [49, 55].
Let us consider Ntot = 350 sub-jets, for simplicity,
confined in the whole GRB jet whose axis is the same
as a ϑ = 0 axis (see fig. 2). For each sub-jet the
emission model is the same as in [52]. Let the open-
ing half-angle of the j-th sub-jet (j = 1, · · · , Ntot) be
∆θ(j)

sub, while the opening half-angle of the whole jet
be ∆θtot. The direction of the observer and the axis
of the j-th sub-jet are specified by (ϑobs , ϕobs) and
(ϑ(j), ϕ(j)), respectively. We assume the j-th sub-jet
departs at time t(j)

dep from the central engine and emits

at radius r = r(j) and time t = t(j) ≡ t(j)

dep + r(j)/β(j)c,
where t and r are measured in the central engine frame
and we set t(j=1)

dep = 0. For simplicity, all sub-jets are
assumed to have the same intrinsic properties, that
is ∆θ(j)

sub = 0.02 rad, γ(j) = 100 , r(j) = 1014 cm,

α(j)

B = −1, β(j)

B = −2.5, γhν′(j)

0 = 500 keV and the
amplitude A(j) = const. for all j. The departure time
of each sub-jet, t(j)

dep is randomly distributed between
t = 0 and t = tdur, where tdur is the active time of
the central engine measured in its own frame and set
to tdur = 30 sec. The opening half-angle of the whole

Observer

ϑobs (1)

ϑ(j) (2)

∆θtot (3)

∆θ
(j)
sub (4)

ϕ (5)

1

ϑobs (1)

ϑ(j) (2)

∆θtot (3)

∆θ
(j)
sub (4)

ϕ (5)

1

ϑobs (1)

ϑ(j) (2)

∆θtot (3)

∆θ
(j)
sub (4)

ϕ (5)

1

ϑobs (1)

ϑ(j) (2)

∆θtot (3)

∆θ
(j)
sub (4)

ϕ (5)

1

ϑobs (1)

ϑ(j) (2)

∆θtot (3)

∆θ
(j)
sub (4)

ϕ (5)

1

Figure 2: Schematic diagram of the multiple subjet
model. Each subjet with opening half-angle ∆θsub is
launched within a cone with an opening half-angle ∆θtot .
From ref [49].

jet is set to ∆θtot = 0.2 rad as a typical value. We
consider the case in which the angular distribution of
sub-jets is given by

P (ϑ(j), ϕ(j)) dϑ(j) dϕ(j) ∝ exp[−(ϑ(j)/ϑc)
2/2] dϑ(j) dϕ(j)

for ϑ(j) < ∆θtot −∆θsub, where we adopt ϑc = 0.1 rad
[58]. In this case, sub-jets are concentrated on the
ϑ = 0 axis (i.e., the multiplicity in the center ns ∼
10). For our adopted parameters, sub-jets are sparsely
distributed in the range ϑc

<
∼ ϑ <

∼ ∆θtot, however, the
whole jet would be entirely filled if the sub-jets were
uniformly distributed (i.e., the mean multiplicity ns ∼
3). Therefore, isolated sub-jets exist near the edge of
the whole jet with the multiplicity ns � 1 and there
exists a viewing angle where no sub-jets are launched.
Figures 3, 4 and 5 show the angular distributions of
sub-jets and the directions of four selected lines of
sight, the observed time-integrated spectra, and the
observed light curves in the X-ray and γ-ray bands,
respectively. Note here in Figure 3, “A” represents
the center of the whole jet and is hidden by the lines
of sub-jets.

3.1. Long GRB

When we observe the source from the ϑ = 0 axis
(case “A”), we see spiky temporal structures (the
upper-middle panel of Fig. 1) and Ep ∼ 300 keV which
are typical for the long GRBs. We may identify case
“A” as long GRBs.

3.2. XRF and X-ray ric h GRB

When the line of sight is away from any sub-jets
(cases “B1” and “B2”), soft and dim prompt emission,
i.e. XRFs or X-ray rich GRBs are observed with Ep =
10 ∼ 20 keV and ∼ 4 orders of magnitude smaller
fluence than that of case “A” (Fig. 2). The burst
duration is comparable to that in case “A”. These are
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Figure 3: The angular distribution of Ntot = 350 sub-jets
confined in the whole GRB jet in our simulation. The
whole jet has the opening half-angle of ∆θtot = 0.2 rad.
The sub-jets have the same intrinsic luminosity, opening
half-angles ∆θsub = 0.02 rad and other properties;
γ = 100, r = 1014 cm, αB = −1 , βB = −2.5 ,
hγν′ = 500 keV. The axes and the angular size of sub-jets
are represented by crosses and the dotted circles,
respectively. “A” represents the center of the whole jet
and is hidden by the lines of sub-jets. From ref [55].

quite similar to the characteristics of XRFs [19, 31, 50,
52, 54]. We may identify the cases “B1” and “B2” as
XRFs or X-ray rich GRBs.

In our previous works [50, 52, 54], we considered the
homogeneous, instantaneous emission of the whole jet.
Then XRFs and X-ray rich GRBs occur only when the
whole jet is viewed off-axis (corresponding case B2).
We now introduce sub-structure of the jet emission.
Then, there exists the case when the observer sees
all sub-jets off-axis but his line of sight is within the
whole jet (case B1). This leads two types of X-ray
afterglows because in the afterglow phase, the viewing
angle of the whole jet becomes important. For details
see section 4.3.

3.3. Shor t GRB

If the line of sight is inside an isolated sub-jet
(case “C”), its observed pulse duration is ∼ 50 times
smaller than case “A”. Contributions to the observed
light curve from the other sub-jets are negligible, so
that the fluence is about a hundredth of the case
“A”. These are quite similar to the characteristics of
short GRBs. However the hardness ratio (= S(100 −
300 keV)/S(50−100 keV)) is about 3 which is smaller
than the mean hardness of short GRBs (∼ 6). It is
suggested that the hardness of short GRBs is due to
the large low-energy photon index αB ∼ −0.58 [12] so
that if the central engine launches αB ∼ −0.58 sub-
jets to the periphery of the core where ns is small, we
may identify the case “C” as the short-hard GRBs. In
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Figure 4: Time-integrated energy spectrum of the
emission from the multiple sub-jets for the observers
denoted by “A”, “B1”, “B2”, and “C” in Figure 3. The
source are located at z = 1. From ref [55].

other words, the hardness of 3 comes from αB = −1
in our simulation so that if αB ∼ −0.58, the hardness
will be 6 or so. We suggest here that not only the
isotropic energy but also the photon index may de-
pend on ϑ. Another possibility is that if short GRBs
are the first 1 sec of the activity of the central engine,
the spectrum in the early time might be αB ∼ −0.58
for both the sub-jets in the core and the envelope.
This is consistent with a high KS test probability for
Ep and αB [12]. These possibilities may have some-
thing to do with the origin of αB ∼ −1 for the long
GRBs.

3.4. X-ray pre-cur sor/post-cur sor

It is quite interesting that in Figure 5, we see the
X-ray precursor at Tobs ∼ 60 sec in “B2” and the
postcursor at Tobs ∼ 65–75 sec in “B1”. These can be
understood by the model proposed by [31].

4. DISCUSSIONS

4.1. Jet structures

Origin of Sub-jets. — In this paper, we do not dis-
cuss the origin of the sub-jets, but argue the implica-
tions of the multiple sub-jet model [25, 31] This model
is an anologue of the patchy shell model for an after-
glow [32, 34, 37]. Note that in our model, a relativis-
tically moving emitting sub-shell is called a sub-jet.
The origin of sub-jets is not yet clear. One possibility
is that they may arise from relativistically outflow-
ing blobs generated by various fluid instabilities like
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Figure 5: The observed X-ray and γ-ray light curves from the multiple sub-jets, corresponding the cases “A”(the upper
left), “B1”(the upper right), “B2”(the lower left) and “C”(the lower right) in Figure 3. The sources are located at
z = 1. From ref [55].

Kelvin-Helmholtz, Rayleigh-Taylor instability, and so
on [1, 13, 61].

Jet structures (sub-jet configurationa) could be de-
termined in order to reproduce all of the observed sta-
tistical properties even including those of afterglows or
gravitational waves [41].

The Number of Isolated Sub-jets. — Let ∆θsub, ϑc

and n̄s be the typical opening half-angle of the sub-jet,
the core size of the whole jet and the mean multiplic-
ity in the core. Then the total number of the sub-jets
(Ntot) is estimated as Ntot = n̄s(ϑc/∆θsub)2 ∼ 103,
so that the total energy of each sub-jet is ∼ 1048 erg.
In our model, the event rate of long GRBs is in pro-
portion to ϑ2

c . Let M be the number of sub-jets in
the envelope of the core with a multiplicity ns = 1.
Then the event rate of short GRBs is in proportion
to M∆θ2

sub, so that M ∼ 10 is enough to explain the
event rate of short GRBs.

Angular Distribution of Sub-jets. — Of course, the
above numerical values are typical ones and should
have a dispersion [28]. Our core-envelope sub-jet
model can have a similar structure to the two com-
ponent jet model [6, 18, 38, 61] by varying such as

n̄s and M . However the distribution of sub-jets could
also have other possibilities, e.g., a hollow-cone dis-
tribution like a pulsar, a power law distribution, a
Gaussian distribution [40, 58, 59] and so on.

4.2. Proper ties of Prompt Emission

Bimodal Distribution of T90 Duration. — It is also
found that our model can reproduce the bimodal dis-
tribution of T90 duration of GRBs observed by BATSE
[45]. In our model, the duration of ns = 1 burst is de-
termined by the angular spreading time of one sub-jet
emission, while that of ns ≥ 2 burst is determined
by the time interval between the observed first pulse
and the last one (see also Fig. 2 of ref [45]). These
two different time scales naturally lead a division of
the burst T90 durations into the short and long ones.
We show an example in Figure. 6. The dispersion of
the lognormal-like distribution seems relatively small
compared with the observations. This is ascribed to
a simple modeling in this paper. We fix the jet con-
figuration and use the same intrinsic properties of the
subjets. If we vary tdur for each source and γ(j) for
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each subjet randomly, for example, the dispersion of
lognormal-like T90 duration distribution will increase
from the general argument that the dispersion of the
lognormal distribution increases with the increase of
the number of the associated random variables [20]. In
more realistic modeling the observed dispersion will be
reproduced.

It has commonly been said that the observed bi-
modal distribution of T90 durations of BATSE bursts
shows the different origins of short and long GRBs.
However, the bimodal distribution is also available as
a natural consequence of our unified model of short
and long GRBs.

Temporal Structures of Long GRBs and XRFs. —
There are three important time scales. The first is
the duration of the central engine measured by the
observer Tdur = (1 + z) tdur. The second is the ob-
served pulse duration of j-th sub-jet, δT (j), which is
given by the angular spreading time scale of each sub-
jet. Since emission components far from the viewing
angle of γ−1 is dim due to the relativistic beaming
effect, it can be approximated as

δT (j) ∼ (1 + z)
r(j)

c

[

cos θ̃ − cos(θ̃ + γ−1)
]

∼ (1 + z)
r(j)

2cγ2
(1 + 2γθ̃) ,

where θ̃ ≡ max{0, θ(j)
v −∆θ(j)

sub}, and θ(j)
v is the viewing

angle of the j-th sub-jet given by cos θ(j)
v = ~nobs · ~n(j)

sub

where unit vectors ~nobs and ~n(j)

sub are specified by di-
rections (ϑobs, ϕobs) and (ϑ(j), ϕ(j)), respectively. The
third is the time ∆T , that is the difference between
times of arrival at the observer of photons that arise
simultaneously at the nearest and the farthest side of
the whole jet to the line of sight, i.e.,

∆T ∼ (1 + z)
r

c

[

cos(max{0, ϑobs − ∆θtot})

− cos(ϑobs + ∆θtot)
]

∼ (1 + z)
r

2cγ2

×

{

(γϑobs + γ∆θtot)
2, ϑobs < ∆θtot

4(γϑobs)(γ∆θtot), ϑobs > ∆θtot
.

In the following, we assume z = 0 for simplicity.
Let us consider the case of ϑobs = 0 (then, ns ∼

102). Bright pulses in all the sub-jet emissions are
observed when θ(j)

v (= ϑ(j)) <
∼ γ−1. Then the ob-

served duration of the brightest pulses can be calcu-
lated as δT (j) ∼ 0.1 sec, while ∆T ∼ 70 sec , there-
fore, δT (j) � Tdur

<
∼ ∆T . Brightest period lasts

for about Tdur. Since we assume t(j)

dep (the departure

time of each sub-jet at the central engine) is ran-
domly distributed, brightest spikes in the observed
light curve are uniformly distributed in this period.
Since the mean time-interval between bright spikes is
about Tdur/ns ∼ 0.3 sec and is larger than the pulse

duration δT (j), those are separated with each other.
This period is followed by that with a duration of
∆T −Tdur ∼ 40 sec in which low-flux soft events come
from sub-jets with large θ(j)

v .
On the other hand, when all sub-jets are viewed

off-axis, i.e., ns = 0, observed time profile is greatly
altered. In this case, δT (j) increases with the viewing
angle and observed light curves become very smooth.
Since we see the periphery emission, the number of
observed (bright) pulses is small. For XRFs or X-ray
rich GRBs with ϑobs ∼ ∆θtot (ϑobs � ∆θtot), the du-
ration of bright emission period is comparable to or
less than ∼ Tdur (δT for smallest θv), while overall
duration is given by ∆T . There may even be the case
when the mean pulse interval in the observed light
curve is smaller than the pulse duration and observed
sub-jet emissions overlap with each other and merge
like one or a few pulses. Therefore, variability of XRFs
and X-ray rich GRBs is low. This is a possible expla-
nation of observed Ep–variability relation [29]. More
quantitative analysis is under investigation [56].

Fine Temporal Structures of Short GRBs. — It has
been known that a large fraction of short bursts are
composed of a few pulses with a duration of several
tens of msec [33]. At present we use a very simple
model of a subjet, i.e, instananeous emission at a cer-
tain radius. In reality there will be a distribution of
Lorentz factor of subjet so that the faster one will col-
lide to the slower ones. Observed variability of short
bursts may arise in such a more comlicated modeling
of subjet emissions.

Other Properties. — Some observers could see a
cold spot with small ns in the core to have a small geo-
metrically corrected energy even if the total energy of
the GRBs is the same. Thus our model may be com-
patible with the recent claim that the total kinetic en-
ergy has smaller dispersion than the geometrically cor-
rected γ-ray energy [6, 7]. The X-ray pre-/post-cursor
is also expected if off-axis sub-jets are ejected earlier
(for precursor) or later (for postcursor) than the main
sub-jets [31]. The viewing angle of the sub-jets may
also cause the luminosity-lag/variability/width rela-
tions of the GRBs including GRB 980425 [19, 53].

4.3. After glo w Proper ties

Early Afterglows. — At an early phase, the after-
glow variabilities may arise from the angular energy
fluctuations within the GRB jet [32, 34, 37], which
might correspond to the inhmogeneous ns. Indeed, in
the context of the patchy shell model, the observed
properties of variable afterglow of GRB 021004 are
well explained if the angular size of the patches is
about 0.02 rad [32]. This size is similar to those we
adopt in this paper.

Late Phase Afterglows of XRFs. — The afterglow
could have a different behavior between the core-
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Figure 6: T90 duration distribution in 50–300 keV of
hard events with observed fluence ratio
S(2 − 30 keV)/S(30 − 400 keV) < 10−0.5. Subjet
distribution is given by Gaussian form. The source
redshifts are varied according to the cosmic star
formation rate.

envelope sub-jet model and the uniform jet model. In
the uniform jet model, the afterglows of XRFs should
resemble the orphan afterglows that initially have a
rising light curve [14, 51]. An orphan afterglow may
be actually observed in XRF 030723 [10], but the light
curve may peak too early [58]. The optical afterglow
of XRF 020903 is not observed initially (< 0.9 days)
but may not be consistent with the orphan afterglow
[43]. These problems could be overcome by introduc-
ing a Gaussian tail with a high Lorentz factor around
the uniform jet [58] because the energy redistribution
effects may bring the rising light curve to earlier times
[24, 58]. Therefore, as long as the observer points
within or slightly off-axis to the whole jet (case B1),
the late phase (>∼ 1 day) properties of XRF afterglow
may be similar to those of long GRBs. On the other
hand, when the whole jet is viewed far from the edge
of the jet, such that ϑobs � ∆θtot (case B2), XRF
afterglows may resemble the orphan afterglow (e.g.,
see the upper-left panel of fig. 5 in ref [24]. After-
glows for cases B1 and B2 may correspond θobs = 5.7◦

and θobs = 11.5◦ in ref [24], respectively). Because of
the relativistic beaming effect, case B2-like events are
dimmer than case B1-like events in both the prompt
and afterglow phase (see Figure 4), so that they may
be rarely observed, but we believe XRF 030723 is a
member of such a class. Recent calculation for this
subject can be found in [15].

Late Phase Afterglows of Short GRBs. — The af-
terglow of a short GRB may be difficult to predict
since it could resemble both the orphan and normal af-
terglow depending on the sub-jet configuration within
the envelope. One situation is considered in [8], where
global afterglow emission is approximated by that of
a Gaussian structured jet superimposed on a uniform
jet. Then the emission is dominated by the on-axis

sub-jet at relatively early times, while it is dominated
by the more energetic Gaussian core at later times.
This model assumes the void around the sub-jet that
leads to an afterglow bump. On the other hand, if the
sub-jet structure is produced by one whole jet through
hydrodynamical instability (§ 4.1), the afterglow of
short GRB may be similar to those of structured jet
model because in this case the whole jet is entirely
filled with kinetic energy (i.e., no void around the on-
axis sub-jet).

4.4. Predictions of our Model

A clear prediction of our unified model is that short
GRBs should be associated with energetic SNe2. Even
if the SNe are not identified with short GRBs due to
some observational reasons we predict that the spatial
distribution of short GRBs in host galaxies should be
similar to that of the long GRBs. Another prediction
is that short GRBs should have the same total kinetic
energies as long GRBs, which might be confirmed by
radio calorimetry.

Interestingly our model has predicted short XRFs
or short X-ray rich GRBs [55]. They are observed
when isolated sub-jets are viewed slightly off-axis.
The observed short XRF 040924 may be a kind of
these bursts [9]. Note that the short XRFs will be
longer than the short GRBs since the pulse duration
grows as the viewing angle increases [19, 50]. The
event rate of short XRFs will depend on the configu-
ration of the sub-jets in the envelope. Further obser-
vations are necessary to determine the envelope struc-
ture.

4.5. Comment on the NS-NS Merger
Model for shor t GRBs

Let us assume that short GRBs arises from coa-
lescing binary neutron stars. Then the current esti-
mate of the coalescing rate is about 10−4 y−1 galaxy−1

[21] while the event rate of long GRBs is estimated as
∼ 10−6 y−1 galaxy−1. If we assume that the distance
to short GRBs is similar to long GRBs, the isotropic
energy of GRBs should be a hundredth of long GRBs
because the luminosity of long and short GRBs are
similar (Figure 1) and the duration of short burst is
typically a hundredth of that of long GRB. From the
event rate, the opening angle of the short GRB is an
order of magnitude smaller than the long GRBs. The
typical energy of long GRBs is about 1051 erg and the

2Indeed, one of short GRBs (GRB 970514) shows the possi-
ble association with a type IIn SN (SN 1997cy) [11], however, it
may be probable that it was one of rare SN Ia events exploding
in a dense circumstellar medium [46].
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typical opening half-angle is ∼ 0.1. This suggests that
the total energy of short GRBs is about 1047 erg, while
∼ 1052 erg is liberated from the coalescence of binary
neutron star. This means that the short burst is much
less effective and much less energetic compared to long
GRB.
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[30] Mészáros, P. 2002, ARA&A, 40, 137
[31] Nakamura, T., 2000, ApJ, 534, L159
[32] Nakar, E. & Oren, Y. 2004, ApJ, 602, L97
[33] Nakar, E. & Piran, T. 2002, MNRAS, 330, 920
[34] Nakar, E., & Piran, T. 2003, ApJ, 598, 400
[35] Paciesas, W. S. et al. 1999, ApJS, 122, 465
[36] Piran, T. 1999, Phys. Rep. 314, 575
[37] Piran, T., Nakar, E., & Granot, J. 2003, astro-

ph/0312138
[38] Ramirez-Ruiz, E., Celotti, A., & Rees, M. J. 2002,

MNRAS, 337, 1349
[39] Ramirez-Ruiz, E. & Fenimore, E. E. 2000, ApJ,

539, 712
[40] Rossi, E., Lazzati, D., & Rees, M. J. 2002, MN-

RAS, 332, 945
[41] Sago, N., Ioka, K., Nakamura, T., & Yamazaki,

R., 2004, Phys. Rev. D 70, 104012
[42] Sakamoto, T., Lamb, D. Q., Graziani, C. et al.,

2004, ApJ, 602, 875
[43] Soderberg, A. M., Kulkarni, S. R., Berger, E. et

al., 2004, ApJ, 606, 994
[44] Stanek, K. Z. Matheson, T., Garnavich, P. M. et

al., 2003, ApJ, 591, L17
[45] Toma, K., Yamazaki, R., & Nakamura, T., 2005,

ApJ, 620, 835
[46] Turatto, M. et al., 2000, ApJ, 534, L57
[47] Urry, C. M. & Padovani, P. 1995, PASP, 107, 803
[48] Watson, D., et al. 2004, ApJ, 605, L101
[49] Yamazaki, R. 2004, Ph.D. THESIS, Kyoto Uni-

versity
[50] Yamazaki, R., Ioka, K., & Nakamura, T., 2002,

ApJ, 571, L31
[51] Yamazaki, R., Ioka, K., & Nakamura, T., 2003a,

ApJ, 591, 283
[52] Yamazaki, R., Ioka, K., & Nakamura, T., 2003b,

ApJ, 593, 941
[53] Yamazaki, R., Yonetoku, D., & Nakamura, T.,

2003c, ApJ, 594, L79
[54] Yamazaki, R., Ioka, K., & Nakamura, T., 2004a,

ApJ, 606, L33

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0106



[55] Yamazaki, R., Ioka, K., & Nakamura, T., 2004b,
ApJ, 607, L103

[56] Yamazaki, R. et al. 2005, in preparation
[57] Yonetoku, D., et al. 2004, ApJ, 609, 935
[58] Zhang, B., Dai, X., Lloyd-Ronning, N. M., &
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Thermal Emission in the Prompt Phase of Gamma-ray Bursts
F. Ryde
Stockholm Observatory, AlbaNova, SE-106 91 Stockholm, Sweden

I discuss the interpretation of the prompt phase in gamma-ray bursts as being dominated by quasi-thermal
emission, rather than by synchrotron emission. Such an interpretation gives a more natural explanation of (i)
the observed variety of spectral shape and spectral evolution, (ii) the observed narrowness of the distribution
of peak energies, as well as (iii) the observed correlations between peak energy and luminosity. However, the
physical setting that could produce such a scenario is not yet clear.

1. Introduction

The prompt emission of gamma-ray bursts (GRBs),
radiating mainly as gamma-rays and X-rays, has de-
fied any simple explanation, despite the presence of
a rich observational material and great theoretical ef-
forts. This is in contrast to the afterglow emission,
in many cases detected all the way from X-rays to
radio wavelengths, which is successfully described by
synchrotron emission from a forward shock moving
at great speed into the surrounding medium. Syn-
chrotron emission is also a natural candidate for the
prompt emission since it arises naturally in an ultra-
relativistic outflow in which the kinetic energy is dissi-
pated through, for instance shocks or magnetic recon-
nections, and shared between the magnetic field and
particles. However, there are several observational
facts that contradict such a simple picture, most im-
portantly the existence of spectra which are much too
hard, see for instance the spectra from GRB930214
in Figure 1 and GRB960530 in Figure 2. In many
cases such spectra are fitted well by a thermal emission
function [1–3]. Furthermore, Ryde [4] showed that
spectra from more typical bursts, that is, bursts hav-
ing spectra which are consistent with the synchrotron
model, can indeed be fitted with a hybrid model which
is dominated by a thermal component, but that is
overlayed with a non-thermal emission component as
well. In many cases such a model gives a statisti-
cally better fit. Such an example is given in Figure 3.
Even though bursts appear to have a variety, some-
times complex, spectral evolutions, the behavior of
the two separate components is remarkably similar for
all bursts, with the temperature describing a broken
power-law in time. The non-thermal component is,
in most cases, consistent with emission from a popu-
lation of fast cooling electrons emitting optically-thin
synchrotron emission or non-thermal Compton radia-
tion, giving a power-law slope of the photon spectrum
of s = −1.5. However, in the case of GRB960530,
shown in Figure 2, s is closer to −2/3, which is ex-
pected for slow cooling [5].

It is very important to note that it is the instan-
taneous spectra of GRBs that most closely should re-

veal the radiation mechanism. This is because of the
strong spectral evolution that normally occurs dur-
ing a burst and that will make the spectral shape of
the time-integrated spectrum differ from that given
by the emission process. This is in particular the case
for complex bursts with several emission peaks. The
time-integrated spectrum can easily be found from
the instantaneous spectra and the spectral evolution,
which was shown analytically by Ryde & Svensson [6];
the spectra always become softer.

2. Synchrotron Model

It was early recognized that the spectra of gamma-
ray bursts (GRBs) have a non-thermal character,
with emission over a broad energy range (e.g. [7]).
This typically indicates emission from an optically-
thin source and an initial proposal for GRBs was
therefore an optically-thin synchrotron model from
shock-accelerated, relativistic electrons (e.g. [8, 9]).
The number density of the radiating electrons is as-
sumed to be typically a power law as a function of the
electron Lorentz factor γe above a minimum value,
γmin, with index −p. Such a distribution gives rise
to a power-law photon spectrum with photon index
α = −2/3 below a break energy Ep ∝ γ2

min and a
high-energy power-law with index β = −(p + 1)/2.
However, as mentioned above, this model has difficul-
ties in explaining the observed spectra of GRBs, which
show a great variation in α and β (see [10]). In par-
ticular, a substantial fraction of them have α > −2/3,
which is not possible in the model in its simplest form,
since α = −2/3 is the power-law slope of the fun-
damental synchrotron function for electrons with an
isotropic distribution of pitch angles [11]. The prob-
lem becomes even more severe for the case when the
cooling time of the electrons is shorter than the typi-
cal dynamic timescale. In the typical setting of GRBs
having a relativistic outflow with a bulk Lorentz fac-
tor Γ ∼ 100, the time scales for synchrotron and
inverse Compton losses are ∼ 10−6 s [12], which
is much shorter than both the dynamic time scale
R/2Γ2c ∼ 1 s (R/1015 cm), and the integration time-
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Trigger 2193;  t=40 s Trigger 2193;  t=6 s

Figure 1: Two time-resolved spectra from GRB930214 (BATSE trigger 2193) from 6 and 40 seconds after the trigger.
Note that the spectra are fitted well with a Planck function, both in the Rayleigh-Jeans portion of the spectrum with
α = +1 and in the Wien portion with a fast voidance of flux. The temperature has changed between the measurements.

scale of the recorded data, typically 64 ms to 1 s. In
such a case the low-energy power-law should be even
softer, with α = −1.5 [13, 14], now contradicting a
majority of the observed spectra. Furthermore, the
observed distribution of α from instantaneous spectra
is smooth (see [10]) and does not show any indica-
tion of preferred values, such as −2/3 or −3/2. Other
variations of the synchrotron or/and inverse Comp-
ton model have been suggested (see e.g. [15–17]) to
account for these hard spectra.

The peak energy from the above distribution of elec-
trons is given by Epk = γ2

mB⊥Γ. In the external shock
model γm and B⊥ are proportional to the bulk Lorentz
factor, which makes Epk ∝ Γ4, which is a very strong
dependence, which poses a problem in explaining the
relative narrowness of the distribution of peak ener-
gies [10], even including the X-ray flashes. For the
internal shock model the γm ∝ Γrel, which is the rela-
tive Lorentz factor between the two shells that collide
and

Epk ∝ B⊥Γ. (1)

However, the sharing of the energy between the kinetic
energy of the electrons and the magnetic fields should
lead to a larger dispersion.

A third complication arises in explaining the ob-
served correlation between peak energy and the lumi-
nosity which was discussed by Lloyd-Ronning et al.
[18] and Amati et al. [19] (see also [20]); the peak
energy is correlated with the isotropically equivalent
energy given by

Epk ∼
(

Eiso

1.2 × 1053erg

)0.40±0.05

(2)

where Eiso is

Eγ = (1 − cos θ)Eiso (3)

where Eγ is the actual gamma-ray energy emitted and
θ is the jet opening half-angle of the collimated out-
flow.

Equation (1) shows that in the internal shock model
Epk is proportional to the Lorentz boosted magnetic
field strength. The total energy density

U =
(BΓ)2

8π
∝ L

R2
(4)

The typical radius for the internal shocks to occur is
Rsh ∼ ctvΓ2, where tv is the typical variability time
scale, and thus

Epk ∝ Γ−2L1/2t−1
v . (5)

To get a relation similar to that in equation (2) both
Γ and tv have to be quite similar for all bursts, which
is difficult to imagine. Even though there is no di-
rect way of determining the bulk Lorentz factor, var-
ious physical models give suggestions on plausible re-
lations between the luminosity and the bulk Lorentz
factor. For instance, [21] argued for L ∝ Γ2. Such
a relation would thus give Epk ∝ L−1/2, that is, an
anti-correlation, in contradiction to the observed be-
havior (see also [22, 23]). Additional assumptions are
needed to explain the positive correlation. Invoking
Poynting flux and/or pair dominated models the cor-
relation also becomes positive [23].

3. Quasi-thermal models

If the prompt phase is indeed dominated by a ther-
mal component these three issues become natural con-
sequences. First, as shown by Ryde (2004, 2005) the
relative strength and the slope of the non-thermal
component will determine the value of the low-energy
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Figure 2: The same spectrum from GRB960530 (#5478; 6 s after the trigger) fitted with (left panel) the Band et al.
[24] model with α = 1.7 ± 1.5 and β = −2.4 ± 0.3 and (right panel) the hybrid model [3], with a power-law slope of
s = −0.62 ± 0.27. Note the obliging of the data points [? ].
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Figure 3: The same spectrum from GRB911031 (#973; 2.5 s after the trigger) fitted with (left panel) the Band et al.
[24] model with α = −0.86 ± 0.12 and β = −2.4 ± 0.3 and (right panel) the hybrid model [3], with a power-law slope of
s = −1.52 ± 0.04.

power-law index, α, that would be found if the Band
et al. [24] function were to be used. If the thermal
component is strong and/or the non-thermal compo-
nent is hard, the resulting spectrum will have a hard α
(see Fig.2). While if the non-thermal component be-
comes relatively stronger and/or softer the measured
α-value would be softer (see Fig. 3). The observed dis-
tribution of α-values is therefore consistent with this
picture and in particular the spectra beyond the ”line-
of-death” [25] are not conspicuous. A strong spectral
evolution, for instance, in a large change in the mea-
sured value of α, is also easily explained.

Second, the peak of the spectrum is now determined
of kT and is less sensitive to the bulk Lorentz fac-
tor. In fact, if the photosphere occurs during the
acceleration phase it is practically independent of Γ.

Rees & Mészáros [26] suggest a model where the pho-
tospheric emission can become enhanced by dissipa-
tive effects below the photosphere (magnetic recon-
nections, shocks) and subsequent Comptonization, see
also [27]. Typical values for the peak energy would be
hundreds of keV.

Third, the correlation in equation (2) has a nat-
ural explanation since for a thermal emitter the lu-
minosity and the temperature are correlated. For in-
stance, equating Epk with the energy density, one gets
Epk ∝ ΓkT ∝ ΓU1/4 ∝ Γ(L/ΓR2)1/4. Using that the
pair photosphere occurs at Rph ∝ LΓ−3 (see Rees &
Mészáros [26]) then Epk ∝ L∼0.8. In the last step,
L ∝ Γ2 was again assumed. Similarly if the pho-
tosphere is emitted during the acceleration phase its
temperature will be constant in the observer frame
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since the comoving cooling by adiabatic expansion is
compensated for by the increase in Γ.

ΓkT0 ∝
(
L

R2
0

)1/4

∝ L1/4R
−1/2
0 . (6)

Here, R0 is the radius at which the linear acceleration
starts. Assuming, for instance, that R0 ∝ L−1 then
again Epk ∝ L0.75 (see further Rees & Mészáros [26]).
Finally, for extremely photon starved plasmas Epk ∝
L/Nγ ∝ L.

4. Conclusions

The radiative efficiency of the thermal emission can
in plausible scenarios be radically increased by, for in-
stance, dissipation processes below the photosphere
[26, 27]. These processes would naturally produce
large amount of electron-positron pairs with modest
Lorentz factors, which would Compton up-scatter the
thermal radiation. The observed peak would then be
this Comptonized peak. The non-thermal emission
seen in the spectra, could be due to synchrotron emis-
sion or inverse Compton emission from dissipation re-
gions outside the photosphere. Ryde [4] showed that
the energy flux in the thermal and the non-thermal
components are correlated which might indicate the
latter.

In summary, thermal emission could indeed domi-
nate over non-thermal emission in standard settings of
a GRB jet. In such scenarios a correlation between the
peak energy and the luminosity naturally arises, the
details somewhat depending on the dissipation pro-
cesses. In addition, the dispersion in Epk would be
smaller and the observed spectral shapes and spectral
evolution get natural explanations.
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Relativistic Outflows From Remnants of Compact Object Mergers and
Their Viability as Progenitors of Short Gamma-ray Bursts

M. A. Aloy
Max-Planck-Institut für Astrophysik, Karl-Schwarzschild-Str. 1, 85741 Garching, Germany. and
Departamento de Astronomı́a y Astrofı́sica, Universidad de Valencia, 46100 Burjassot, Spain.
T.-H. Janka, E.Müller
Max-Planck-Institut für Astrophysik, Karl-Schwarzschild-Str. 1, 85741 Garching, Germany.

We summarize the most important results of a series of relativistic hydrodynamic simulations of mergers of
compact binaries as potential candidates to be progenitors of short gamma-ray bursts. We discuss some of the
generic conditions under which a short gamma-ray burst can be initiated and collimated in this kind of progenitor
and the main characteristics of the resulting outflow. We conclude that not every merger will be able to produce
a short gamma-ray burst. The generation of a successful event depends on the mass of the halo produced during
the process of merging of the system. Due to the lateral structure of the generated ultrarelativistic outflows
we expect some degree of variability between observed bursts, depending on the viewing angle relative to the
system axis. Such differences will be superimposed on variations due to intrinsic properties of the binary systems
and remnant BH-torus systems, e.g., associated with different masses and spins of the merging neutron stars or
black holes.

1. INTRODUCTION

Due to their different duration and spectral prop-
erties Gamma-Ray Bursts (GRBs) are commonly di-
vided in two classes: short-hard (≤ 2 s) and long-soft
(≥ 2 s) GRBs [1]. A number of afterglow multi band
observations (from radio to X-rays) of long GRBs have
connected them to the same massive stars that are
progenitors of Type I Supernovae [e.g., 2, 3]. Ob-
servations of short GRBs are less numerous and it
has not been possible to detect them in multi fre-
quency searches. Thus, progenitors of short GRBs
are still rather unknown. A possibility is that these
short bursts arise after the merger of a compact bi-
nary system [e.g., 4, 5]. Then, a few solar mass black
hole (BH) forms, surrounded by a temporary debris
torus whose accretion can provide a sudden release of
gravitational energy. Once the thick disk is formed,
up to ∼ 1051 erg can be deposited above the poles of
the BH in a region that contains less than 10−5M�
of baryonic matter. The released energy must be able
to accelerate the baryonic matter to ultrarelativistic
speeds in order to produce a GRB event. If the dura-
tion of the burst is related to the lifetime of the system
[6] this kind of events can only belong to the class of
short GRBs because the expected time scale on which
the BH engulfs the disk is fractions of a second [7].

In this work we summarize some of the findings of
Aloy et al. [8] who address the question of whether
a local deposition of energy above the accretion disk
produced after the merger of two compact objects can
yield the formation of a pair of relativistic, collimated
plasma outflows in opposite directions that can ac-
count for short GRBs. Moreover, we want to study
the mechanism by which the outflowing plasma can be
collimated, the expected durations of the GRB events
generated in this framework and whether these dura-

tions are related to the time during which the source
of energy is active. Finally, we will provide some esti-
mates of the expected rates of short GRB events and

2. NUMERICAL SET UP

We use the high-resolution shock-capturing code
GENESIS [9, 10] to integrate the general relativis-
tic hydrodynamic equations in spherical (r, θ) coordi-
nates assuming axial symmetry. We have constructed
two initial models in which the gravitational field
is provided by a Schwarzschild BH of 3M� (mod-
els type-A) and 2.44M� (models type-B) located at
the center of the system. These black holes are sur-
rounded by thick accretion disks (which we assume
to be non self-gravitating) for which the initial con-
figurations are built as explained in Aloy et al. [8].
The initial models include an environment which is
of high density and non uniform in type-A models.
In type-B models it is spherically symmetric, with
low density which decreases with radius (ρ ∼ r−3.4)
and having a total mass of 2.52 · 10−7M�. We as-
sume equatorial symmetry, and we cover 90◦ in the
angular θ-direction with 200 uniform zones. In the r–
direction the computational grid consists of 400 (type-
A) or 500 (type-B) zones spaced logarithmically be-
tween the inner boundary and an outermost radius of
Rmax = 2 · 1010 cm.

In a consistent post neutron star merger model an
outflow will be powered by any process which gives rise
to a local deposition of energy and/or momentum, as
e.g., νν̄–annihilation, or magneto-hydrodynamic pro-
cesses. We mimic such a process by releasing pure
thermal energy in a prescribed cone around the rota-
tional axis of our system. In the radial direction the
deposition region extends from the inner grid bound-

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0109



ary located at 2Rg (Rg = GM/c2; G, M and c being
the gravitational constant, the mass of the BH and the
speed of light in vacuum, respectively) to the outer
radial boundary. In the angular direction, the half–
opening angle of the deposition cone (θ0) was chosen
to be in the range 30◦ − 75◦. From the annihilation
rate distribution computed in Ruffert & Janka [7] and
Janka et al. [11], we infer a power law distribution for
the energy deposited per unit of volume in the sur-
rounding of the system whose explicit form was ap-
proximated as q̇ ∝ z−5, where z is the distance along
the rotation axis.

3. RESULTS AND DISCUSSION

For energy deposition rates (Ė) larger than a cer-
tain threshold Ėth, all the models lead to either rel-
ativistic jets or ultrarelativistic winds (i.e., fireballs).
The threshold is due to the need of overcoming the
ram pressure pram that is exerted by the infalling ex-
ternal medium onto the new born fireball close to its
initiation site. If the amount of energy per unit of
volume pumped into the deposition region (in an in-
terval of about of the free falling time of the fluid lo-
cated at distances of the order of the radius of the
torus) is not larger than pram, the fireball is swal-
lowed by the BH. The precise value of the thresh-
old is model dependent because the densities and ac-
cretion velocities outside the thick torus depend on
the details of the merger phase. For type-A models
we find Ėth ∼ 1049 erg s−1, while for type-B models
Ėth

<∼ 1048 erg s−1. The smaller value in type-B mod-
els is due to their smaller ambient density.

Depending on the energy deposition rate and
on the ambient density the outflows are either
jets (i.e., outflows where the lateral boundaries are
causally connected) having a very small opening an-
gle ( <∼ 8◦) or relatively wide opening angle ( <∼ 25◦)
winds (i.e., the lateral boundaries are not causally con-
nected) or jets. Models close to the thresholds of the
energy deposition rate or with a high density environ-
ment tend to form relativistic (Γ ∼ 10), low density,
knotty jets whose head propagates at mildly relativis-
tic speeds(∼ 0.6c). In contrast, models well above
the threshold with dense environments or, indepen-
dent of the deposition rate, in case of diluted envi-
ronments either tend to form conical, ultrarelativistic
(Γ >∼ 400) winds which are smooth, propagate at rela-
tivistic speeds (∼ 0.97c) and can be fitted by analytic
power laws in case of models of type-A, or they propa-
gate at ultrarelativistic velocities ( >∼ 0.9999c; because
there is much less mass in the ambient) being rather
irregular due to the effect of large Kelvin-Helmholtz
(KH) or shear driven instabilities [12] originating from
their interaction either with the torus, or with the
environment in case of type-B models. Indeed, the

growth of KH modes determines whether the pro-
files of the physical variables are smooth and mono-
tonically decreasing in the θ-direction (type-A), or
non-smooth and non monotonic (type-B). The larger
growth of surface instabilities in models of type-B is
due to the larger density contrast with respect to the
environment in these type of models. An effect of the
KH instabilities is to entrain mass into the relativistic
outflows of type-B models. The amount of entrained
mass is comparable in both type of models.

The opening angle of the resulting outflow is set
by the inertial confinement produced by a relatively
high density medium in type-A models. In case of
lower density environments, the complete collimation
process happens in less than 1 ms (approximately, the
light crossing time of the torus) and the opening an-
gle of the outflow (θw) is set by the angle that the
walls of the torus form with respect to the axis of the
system (Fig. 1), and neither by the external medium
(which is much more rarefied in type-B models), nor
by the angular size of the deposition region (θ0 in
Fig. 1). When the energy deposition starts, due to
its almost isotropic expansion, the newly born fireball
impinges against the much denser torus and in the
lateral boundaries of the outflow two discontinuities
develop: a shock that sweeps up the torus and the
external medium and a rarefaction wave in which the
fluid is deflected towards the axis (at the same time
that speeds up because of the density decrease in the
rarefaction). Due to the on-going acceleration, by the
time that the rarefaction reaches the axis, the Lorentz
factor is >∼ 10 and the fireball lateral expansion is ex-
tremely reduced. We have checked [8] that in spite
of the fact that there is a heavy, subrelativistic wind,
driven (artificially) by the energy deposition, from the
outer layers of the accretion disk, the ultrarelativistic
outflows are not collimated by that wind as has been
proposed by Levinson & Eichler [13].

Increasing the energy deposition rate yields an in-
crease of the average Lorentz factor of the outflow at
any given time. In models of type-A, the increase of Ė
results in a transition in the outflow morphology from
relativistic jets (Ė < 1051erg s−1) to ultrarelativistic
wind-like outflows (Ė > 1051erg s−1). In models of
type-B, we find ultrarelativistic winds for all energy
deposition rates considered (Ė > 5 · 1048erg s−1). For
energy deposition rates leading to conical wind struc-
tures, θw (∼ 20◦ − 30◦) is quite insensitive to Ė be-
cause the outflow opening angle is set by the inclina-
tion of the walls of the torus.

In type-A models, decreasing θ0 produces a transi-
tion from narrow jets to wide angle winds. In type-
B models there is almost no difference in the open-
ing angle of the wind when we vary θ0 between 30◦

and 75◦. However, there is a slight decrease of θw

and an increase of the mass entrained with increasing
θ0 because the energy deposition cone spans a larger
volume of the accretion torus. In general, increasing

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0109



Figure 1: Scheme of the collimation process of the fireball produced after the merger of a compact binary system. The
limits of the deposition region are marked by dashed lines. The empty arrows show the direction of propagation of each
of the discontinuities that develop from the interface (i.e., the contact discontinuity; CD) between the fireball and the
external medium. A shocked layer propagates away from the CD and sweeps up the external medium and the torus. A
rarefaction wave propagates through the axis. The collimation is produced when the fireball impinges against the much
denser torus and is deflected towards the symmetry axis.

θ0 while keeping Ė constant leads to smaller average
Lorentz factors in the resulting outflow.

We have followed the evolution of our models af-
ter the shut down of the energy deposition. It turns
out that outflows propagating in high density environ-
ments (type-A) will not yield successful GRBs while
most of the models with diluted environments (type-
B) can do so. The reason being that, in type-B mod-
els, the environment is diluted enough to allow for the
ultrarelativistic propagation of the leading edge of the
fireball as required by the standard model of GRBs.
The only exception to this rule happens when the
half–opening angle of the deposition region is >∼ 75◦
(model B03 in [8]), in which case the outflow blown
by the energy release is too heavy to become ultra-
relativistic. Type-A models sweep up more ambient
mass than regular type-B ones and the leading front
of the outflow slows down and it is eventually caught
up by the rear edge of the outflow (this rear edge ap-
pears when the energy deposition is shut down and the
fireball detaches from the inner boundary of the de-
position region). Therefore, we conclude that not ev-
ery merger may yield an observable short GRB event.
The key parameter to produce an observable event
is the mass of the halo generated during the merg-
ing epoch of the compact objects. Roughly, a mass
of the halo ≈ Ed/c

2 will prevent any ultrarelativis-

tic outflow although other kind of observational sig-
nature might generate. We have estimated [8] that a
low–luminosity (∼ 1043 erg s−1), soft UV-flash (with a
typical temperature of ∼ 5×104 K) may be emitted as
a result of the nonrelativistic outflow expanding from
BH-tori systems in high–density merger halos. Due
to the small luminosity predicted, only nearby events
might be detectable.

The total energy (internal plus kinetic) of the rel-
ativistic fireball in type-B models scales roughly lin-
early with the deposited energy and saturates after the
energy release has ended. A burst-like, short initial
phase of energy deposition, followed by a long-time,
gradual decay turned out to channel somewhat less
energy into the relativistic outflow and to be slightly
less efficient in converting internal energy to kinetic
energy than a constant rate of energy release with a
sudden end. In both cases a minor part (a few per
cent at most) of the energy was in form of kinetic en-
ergy after 0.5 seconds of computed evolution, with the
tendency to continue rising.

With a half-opening angle of θj ∼ 5◦–10◦ (15◦–
25◦) the collimated ultrarelativistic outflows of type-B
models having Γ >∼ 100 (Γ >∼ 10) at t = 0.5 seconds af-
ter the onset of the energy release by the GRB engine,
cover a fraction fΩ = 1− cos θj ∼ 0.4%–1.5% (< 10%)
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of the sky1. Assuming equal detectability from all di-
rections within the opening angle this fraction implies
about 100 (more than 10)1 times more events than
measured gamma-ray bursts. A rate of short GRBs
of about 100 per year therefore requires an event rate
per galaxy and year of 10−5(fΩ/0.01)−1(Ng/109)−1

where Ng is the number of visible galaxies. Com-
paring with estimated NS+NS and NS+BH merger
rates, which are typically around 10−5 per year and
galaxy (with about a factor of 10 or more uncertainty;
[e.g., 14, 15]), we therefore conclude that a significant
fraction of such mergers but probably not all, should
produce GRB viable outflows.

Of course, our rate estimate is very simplistic and
neglects many important effects (e.g., the redshift dis-
tribution of mergers) which a more careful analysis
must take into account [16]. Nevertheless, our num-
bers are in the ballpark of their results, and the con-
clusions are similar. Taking our computed jet opening
angles for granted the analysis by Guetta & Piran [16]
would also mean that not all compact binary mergers
can produce GRBs. This in fact must even be ex-
pected, considering the special requirements for GRB
suitable conditions, e.g., a baryon-poor environment
around a black hole-torus system. If the merger rem-
nant, for example, does not immediately or not at all
collapse to a black hole (as is probably the case when
two neutron stars with rather low masses merge, see
e.g. Morrison et al. [17]), the rapidly spinning rem-
nant will pollute its environment by a neutrino-driven
wind. In this case a situation similar to our type-A
models may result, i.e., the system will be enveloped
by a dense, extended baryonic halo, and a GRB is
disfavored.

The edges of the ultrarelativistic (Γ > 100) jet
core in type-B models are very sharp in terms of the
isotropic equivalent energy Eiso. Maximum (terminal)
Lorentz factors of the order of 1000 suggest the poten-
tial to account for hard GRB spectra. Our simulations
actually showed inhomogeneous and anisotropic, col-
limated outflows with lateral variation of the Lorentz
factor and of the apparent isotropic energy. Hence, we
do not expect equal observability from all positions in
the beam direction. The maximum values of the ap-
parent isotropic energy, Eiso, are found to be up to
about 1051 erg at angles <∼ 10◦ around the symme-
try axis of the ultrarelativistic outflow, declining to-
wards the outer wings of less relativistic ejecta. These
numbers are obtained for an energy deposition rate of
a few 1050 erg s−1 over a period of typically 100 ms.
These are reasonable and not extreme values in view of
model calculations for the energy release by neutrino-

1The numbers in brackets correspond to outflow with
Lorentz factors >∼ 10 at 0.5 s, which shows still ongoing ac-
celeration so that much larger Lorentz factors can finally result

antineutrino-annihilation in case of post-merging BH
accretion [7, 11, 18]. Provided a major fraction of the
energy of the ultrarelativistic fireball gets converted to
gamma-rays, our maximum isotropic equivalent ener-
gies are in good agreement with estimates based on a
comparison of the energetics of short and long GRBs,
suggesting an approximate fluence-duration propor-
tionality [19]. Since long bursts last typically about
50–100 times longer, a similar luminosity ([e.g., 20];
Lshort

iso ∼ Llong
iso ∼ 1051−52erg s−1) implies an appar-

ent energy which is around 1051 erg for short bursts
instead of ∼ 1053 erg for long ones [21].

Due to the lateral structure of the outflow we also
expect some degree of variability between observed
bursts, depending on the viewing angle relative to the
system axis. Such differences will be superimposed on
variations due to intrinsic properties of the binary sys-
tems and remnant BH-torus systems, e.g., associated
with different masses and spins of the merging neutron
stars or black holes. This finding should be taken into
account in studies of the diversity of short gamma-ray
bursts like the recent one by Rosswog & Ramirez-Ruiz
[22]. These authors also employed the assumption
that the ultrarelativistic outflow is confined as sug-
gested by Levinson & Eichler [13]. Our models, how-
ever, show a much different hydrodynamic scenario
for the fireball evolution and collimation, in which
the outflow-torus interaction, relativistic shock effects,
and Kelvin-Helmholtz instabilities play a crucial role.
Therefore, conclusions based on grounds of the sim-
plified picture developed by Levinson & Eichler [13]
should be drawn with caution. Our results suggest
that it is impossible to estimate the energetics of ultra-
relativistic outflows without performing simulations
that follow the complex hydrodynamics phenomena
which develop in response to the deposition of energy
in the vicinity of the BH-torus system. A static anal-
ysis of time slices for mass distribution and energy
deposition by νν̄-annihilation [e.g., 23] can therefore
be misleading, in particular with respect to the out-
flow energetics and asymptotic Lorentz factor which
are crucial for judging the viability of νν̄-annihilation
for powering GRBs.

We find that the larger the halo mass, the larger
the baryonic contamination of the outflow. However,
the matter entrained by the outflow does not dis-
tribute uniformly all over it but, instead, accumulates
in a high-density, mildly relativistic cocoon around
a central low-density, ultrarelativistic core (the cen-
tral core becomes narrower as the entrained mass in-
creases). Considering that type-A and type-B models
span a broad range of environmental densities or halo
masses, we can conjecture that mergers having ha-
los with masses intermediate between those of type-
A and type-B models may yield a number of differ-
ent observational signatures between short GRBs and
UV flashes. In particular, if the halo mass is slightly
larger than that of type-B models, although a cen-
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tral ultrarelativistic core might still be formed, most
of the energy would be tapped into the cocoon sur-
rounding such core. The observational signal asso-
ciated to such events might display some similarities
with that generated by, e.g., X-ray flashes. However,
this prediction should be taken with caution and a
more detailed analysis of the non-thermal emission of
the ejected cocoons should be carried out before ex-
tracting firm conclusions.

Finally, in type-B models the fireball stretches sub-
stantially in radial direction, because the propagation
velocity of its leading front is larger than its rear edge.
In case that the GRB duration, ∆tb, is defined by the
time difference between the front and rear ends of the
fireball reaching the transparency radius, e.g., 1013 cm,
we can estimate, by extrapolating the results of our
computed models, a burst duration ∆tb that might
be significantly longer than the on-time (∼ 0.1 s) of
the source: ∆tb ∼= 4.3+10.3

−3.0 s. Note that this stretch-
ing can be the dominant contribution to ∆tb in case
of source activity times of significantly less than one
second as expected for the accretion timescale of post-
merger disks.2 The latter timescale is expected to vary
with the torus mass. It is set by the viscous transport
within the compact accretion torus, in contrast to col-
lapsars where the accretion disk is fed by an external
reservoir of several solar masses of stellar matter and
the accretion timescale is therefore determined by the
collapse timescale of the massive, rotating star. Even
if the accretion phase of the remnant BHs of NS+NS
or NS+BH mergers lasts only fractions of a second,
our simulations suggest that such events can account
for the measured durations of short GRBs. Of course,
our estimation of ∆tb can only be considered as an
exercise for demonstrating a fundamental possibility.
It has to be taken with caution, because we need to
extrapolate our hydrodynamic results over several or-
ders of magnitude in radius. Extrapolation of our re-
sults from about 0.5 s (∼ 0.4 s) after the onset (shut-
down) of the energy release to more than 300 s later
ignores how the fireball properties continue to change
and how the long-time propagation and expansion of
the fireball may depend on the structure of the ambi-
ent medium of the merger site. Moreover, the GRB
emission might be shorter than our estimate if it is
produced in a region that is smaller than the whole
fireball. Nonthermal emission of radiation requires the
dominant energy of the flow to be kinetic energy of
relativistic baryons but not internal energy. Unfortu-
nately our simulations had to be stopped before def-
inite statements about the terminal fireball structure

2However, this stretching effect might not change substan-
tially the duration of a long-GRB (assuming that a similar
phenomenon might happen during the propagation up to the
transparency radius of a fireball yielding a long-GRB event).

and the final ratio of its kinetic to internal energy were
possible.

Our current work is a first step towards fully self-
consistent models. So far we have investigated the
relativistic hydrodynamic flow that is triggered by
the deposition of energy near the BH-torus system.
However, this energy release was prescribed accord-
ing to a defined functional behavior instead of being
linked to the neutrino emission of the evolving accre-
tion torus. We are currently working in removing this
limitation by preparing simulations of the viscosity-
driven evolution of BH-torus systems with a simpli-
fied, but consistent treatment of neutrino transport
and νν̄-annihilation.
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GRBs as Neutron-loaded Outflows
Elena M. Rossi
Max Planck Institute for Astrophysics, Garching, Karl-Schwarzschild-Str. 1, Garching, Germany

Recent studies show that gamma-ray burst (GRB) engines are neutron rich site. In any model, an outflow
would be produced and powered by accretion onto a few solar mass black hole. The temperature and density
conditions of the disk, within tenths of Schwarzschild radii, allow for a dominant presence of free baryons, with
a neutron eccess (Ye < 0.5). The outflow matter content is directly picked up from this neutron-rich inner
part of the disk. Since the escape (viscous) time-scale is shorter than the de-neutralization time-scale, the
initial nuclear composition of the ejecta mirrors that of the disk. Therefore, GRBs are neutron-loaded outflows.
Subsequent nucleosynthesis does not alter the neutron over proton ratio. Two questions come then natural: how
do neutrons affect the evolution of the outflow? How does this evolution compare with the standard neutron-free
theory? In this work, we address these issues, calculating consistently the dynamics and thermodynamics of a
neutron-loaded fireball. We show that its thermal hystory is very different from the standard adiabatic cooling
evolution and that the flow can be decelerated by the dissipative process triggered by the neutron β-decay.

1. Introduction

Any current model for Gamma-Ray-Burst engines
involves the formation of a hyper-accreting (Ṁ ∼
1M�) disk of few M� around a newly born black hole
of comparable mass.

This scenario is advocated both for long and short
bursts. In particular, long GRBs are thought to be as-
sociated with the final catastrophic stages of the death
of a massive star [1]. While switching off, the very in-
ner core of this star would collapse into a black hole
that starts attracting and swallowing the rest of the
star: this spirally inflow of mass forms an accretion
disk. Before falling into the black hole, part of the
accreted matter would be expelled perpendicularly to
the disk in the form of two symmetric and highly rel-
ativistic jets. For short bursts, the accretion disk and
the black hole would be formed after the merging of
two compact objects, e.g. two neutron stars [2].

It is thus possible to study the nuclear composition
of the accretion disk that powers a GRB jet, regard-
less how it was formed in first place [3]. In the inner-
most part of the disk, the temperature and density
are such that all heavy nuclei are photo-disintegrated
into free baryons and that neutrons outnumber pro-
tons. Since the jet matter content is directly and ex-
tremely rapidly picked up from these inner-disk re-
gions, it initially mirrors the nuclear composition of
the disk. As the neutron-rich material is ejected into
an expanding outflow, the neutrons tend to recombine
with the protons to α-particles, however, this recom-
bination is only partially successful [3–5] . Even in the
extreme case of complete recombination, a significant
neutron component survives because the baryonic ma-
terial has a neutron excess, while the formation of
α-particles consumes equal numbers of neutrons and
protons. The abundance of leftover neutrons in the
relativistic outflow can vary from 10% to more than
90% depending on the precise parameters of the out-
flow.

These recent results put into question the applica-

bility of the standard model for a GRB fireball [7],
where baryonic matter is composed by protons only.

Our goal is to compute, for the first time, the
dynamical and thermodynamical evolution of such
neutron-loaded relativistic explosion, neglecting any
interaction with the matter surrounding the star. We
focus on the simple hydrodynamic picture of a matter-
dominated outflow driven by thermal pressure; we also
neglect possible dynamical effects of magnetic fields.
The model is further simplified by the assumption that
the outflow is adiabatic, i.e., its radiative losses are
small compared to its total energy.

This study is meant to be a starting point for
more complicated investigation, where our assump-
tions could be relaxed and more ingredients, like the
presence of magnetic energy, could be considered.

2. The standard neutron-free model

In the standard model, most of the energy of the
outflow is, initially, in form of thermal radiation.
This “fireball” is polluted by protons at rest with
a total mass of ∼ 10−4,−5M�. Since the ratio be-
tween internal energy and rest-mass energy is greater
than 100, the fireball is bound to explode. Radia-
tion pressure accelerates protons (Γ ∼ r) and even-
tually (R ∼ Rs) most of the total energy is in ultra–
relativistic (Γ > 100) protons that start coasting with
constant speed (see Fig.1, upper panel). Parallely,
there are two thermodynamical phases, and the trans-
parency radius (Rτ ), where matter becomes transpar-
ent for photon scattering, marks the transition. For
r < Rτ , all the components of the fireball acts as a
relativistic fluid that undertakes adiabatic expansion.
There is a single temperature that decreases as

Tr = T0

(
n

n0

)1/3

, (1)
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Figure 1: Lorentz factor (upper panel) and temperature
(lower panel) as functions of radius for a neutron-free
outflow with L = 1052 erg/s, η = 200 and R0 = 107 cm.
Electrons never decouple thermally from protons and
their common temperature is shown by the solid curve.
Dashed-dotted curve shows the radiation temperature.

where n = ρp/mp is the baryon number density;
T0 and n0 are the initial values at the initial radius
r = R0. After becoming transparent the plasma is
still tracking the temperature of (freely streaming)
photons: Te ≈ Tp ≈ Tr ≈ const until the electrons de-
couple either from radiation (e-γ decoupling) or from
the protons (e-p decoupling). The e-γ decoupling oc-
curs at a radius Reγ where the Compton time-scale
exceeds the expansion time-scale τexp = R/Γp c. The
e-p decoupling may happen or not depending mostly
on the value of η. In Fig. 1 it is illustrated the case
in which electrons and protons are still coupled at
Reγ (τep < τexp, where τep is the Coulomb scatter-
ing timescale) and begin a common adiabatic cooling,
Tp = Te ∝ n

2/3
e . They will not decouple later because

tep = const while τexp keeps increasing. This regime
takes place at modest η <∼ 650.

In summary, a proton fireball is for most of the time
a coasting, adiabatic cooling outflow. The presence of
neutrons will change this picture.

3. Neutron-loaded outflows

In order to calculate the dynamics of a neutron-
loaded fireball, we now consider a four-component sys-
tem, where radiation, electrons, protons and neutrons
exchange energy and momentum. The baryonic con-
tent changes with radius. The initial neutron over
proton ratio ξ = ξ0 evolves with radius because neu-

trons continuously β-decay into protons,

n→ p+ e+ ν̄.

The mean life-time of neutrons in their rest frame is
τβ ≈ 900 s, and the corresponding mean radius of
β-decay is

Rβ =
∫ τβ

0

cβnΓn dτ � 8 × 1015

(
Γnf

300

)
cm, (2)

where Γn is the neutron Lorentz factor and βn ≈ 1;
Γnf is the final value of Γn achieved at r ∼ 102R0 �
Rβ. The neutron population is gradually depleted and
the n/p ratio evolves with radius as

ξ =
ξ0e

−r/Rβ

1 + ξ0
(
1 − e−r/Rβ

) . (3)

With respect to the standard case, two new physical
processes should be now taken into account: strong
collisions between baryons and plasma instabilities
triggered by neutron β-decay. Both dissipative mech-
anism convert the proton kinetic energy into thermal
motion; the mean dissipated energy per baryon is the
mean relative kinetic energy (Γrel − 1)mpc

2 between
neutrons and protons. On the one hand, radiation
accelerates protons via electrons; thus, protons ac-
quire a relative velocity that is effectively dissipated
by collisions (which randomize the ordered momen-
tum) as long as the collisional time-scale is shorter
than the proton acceleration time-scale. On the other,
the β-decay process continuously injects slow protons
(Γ ∼ Γn) into a background plasma of “original” fast
protons. The difference in kinetic energy is quickly
redistributed (on a time-scale given by the plasma fre-
quency ∼ ω−1

p ). Conservation laws give us the final
speed of protons. As a matter of fact, this mechanism
can effectively slow down the proton flow, while the
dissipated energy goes into thermal energy.

The quantitative results (assuming steady state) are
obtained through:

• the conservation of energy,

L = 4πr2c
[
βpΓ2

p

(
4
3
a T 4

r + ρp c
2

)
+ βnΓ2

nρnc
2

]
= const,

(4)
where ρn and ρp are respectively the proper den-
sity of the neutron and the proton component;
the thermal energy of the plasma and neutrons
has been neglected compared to their rest-mass
energy.

• the conservation of baryons,

Ṁ = 4 π r2 c (βpΓpρp + βnΓnρn) = const, (5)

where βp ≈ 1 and βn ≈ 1.
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Figure 2: upper panel: proton (black line) and neutron
(blue line) Lorentz factors; bottom panel: proton (black
line), electron (red line) and radiation (blue line)
temperature. All quantities are functions of the fireball
radius and calculated for a neutron rich wind with ξ = 1,
L = 1052 erg/s, η = 520 and R0 = 107 cm.

• the conservation of internal energy,

d

(
3
2
nikTi

n

)
= dqi − nikTid

(
1
n

)
, i = e, p. (6)

for electrons and protons, where the volume heat
change dq includes the detailed description of
the energy exchange between particles. Radia-
tion temperature, instead, obeys again the adi-
abatic law (Eq. 1) up to Rτ ; after, it remains
constant.

The results of our calculations are presented in Fig.2
and described in the following.

4. Results

At the initial stage of the fireball acceleration, neu-
trons are collisionally coupled to protons, thus radi-
ation “pushes” protons, that, in turn, drag neutrons
and all the baryons gain speed at the same rate. How-
ever, as the outflow expands, the density drops and
collisions become too rare for the acceleration to be
effective. Eventually (at r ∼ Rnp in Fig. 2), neutrons
start coasting with a constant Lorentz factor. Proton-
neutron collision is not only a way to exchange mo-
mentum but also thermal energy: protons in the fire-
ball are continuously heated via collisions with neu-
trons. There are two sinks for the heat gained by

protons via neutron collisions: adiabatic cooling and
Coulomb scattering off electrons. The first is due to
the work done by the fireball while expanding. The
second is the result of the Coulomb interaction of pro-
tons with electrons with much lower temperature.

While the adiabatic cooling is negligible for
r >∼ Rnp, the competition between heating and
Coulomb cooling shapes the first peak in the proton
temperature profile (Fig. 2, lower panel). At R = Rep

the energy transfer from the protons to the electrons
becomes inefficient (electron-proton collisions become
to rare) and most of the heat remains stored in the
proton component. When most of the radiation en-
ergy has been passed to protons (at R > Rs), the fire-
ball is composed mainly by ultra-relativistic baryons
moving at a constant speed: a faster proton compo-
nent and a slower neutron component. Even if the
two streams are part of the same outgoing jet, they
do not interact directly by collisions. However, during
the jet expansion, there is a stream of slow neutrons
that continuously convert (by β-decay) into slow pro-
tons. The net result is that the fast flow of protons is
slowed down by colliding with these “obstacles” found
along the way. Again, the dissipated bulk energy is
converted into thermal energy and protons are heated
up: this causes the second dissipation peak in the pro-
ton temperature profile.

5. Discussion

The above picture underlines strong dissimilarities
between a GRB explosion with or without neutrons.
Contrary to the pure proton model, the fireball with a
neutron component heats up significantly at R > Rnp

and decelerate for R � Rβ . The condition in the fire-
ball, where the prompt γ-ray radiation is produced,
are thus different from those considered so far. In a
popular GRB scenario, the bulk energy is partially
converted into the observed γ−rays through shock
waves inside the fireball at r >∼ 1012 cm [9] . The
β-decay process described here should affect the in-
ternal shocks. It decelerates the fastest portions of
the inhomogeneous fireball and reduces the contrast
of Lorentz factors, when collisions take place. This
should significantly reduce the strength of the shock
wave that develops. Consequently, there should be a
decrease in the internal-shock efficiency to convert rel-
ative kinetic energy into radiation. Since we observe
a huge amount of energy released by a GRB explo-
sion, it would be very unlikely that a highly inefficient
mechanism, like internal shocks in a neutron rich flow,
could account for the detected emission. This would
urgently call for new models to explain the burst of
γ-rays. Finally, this work can be extended to the case
in which part of the initial internal energy is in form
of magnetic field. The presence of a dynamically im-
portant magnetic field would lead to a larger relative
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final kinetic energy between neutrons and protons [8].
Thus the consequences of the dissipation processes de-
scribed here would be even more spectacular: protons
could reach easily a mild-relativistic temperature and
a decrease of more than a factor of 10 of their initial
Lorentz factor. This would definitely suppress inter-
nal shocks for most initial conditions of inhomogeneity
for the flow.
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X-ray States of Black-Hole Binaries and Implications for the
Mechanism of Steady Jets

R. A. Remillard
MIT Kavli Institute for Astrophysics and Space Research
Cambridge, MA 02139, USA

RXTE and other high-energy observatories continue to probe the properties of stellar-size black holes and the
physics of accretion using bright X-ray transients in the Galaxy. Progress has been made in recognizing that
the three states of active accretion are related to different physical elements that may contribute radiation: the
accretion disk, a jet, and a compact and radio-quiet corona. Each X-ray state offers potential applications for
general relativity in the regime of strong gravity. The temporal evolution of X-ray states is displayed for a few
representative black-hole systems. Radio investigations have shown conclusively that the hard X-ray state is
associated with the presence of a steady radio jet. The three X-ray states can be synthesized with the “unified
model for black hole binary jets” by Fender, Belloni, & Gallo (2004) to gain further insights into the disk:jet
connection. The “jet line” appears to coincide with the hard limit of the SPL state. Furthermore there are
broad power peaks in PDS that appear to be confined to intermediate and hard states where a jet is present.
This suggests that broad power peaks exhibit temporal signatures of non-thermal processes that are related to
the jet mechanism, rather than properties inherent to a standard accretion disk.

1. X-ray States of Black Hole Binaries

The X-ray states of black hole binary systems have
been re-defined recently in terms of quantitative crite-
ria that utilize both X-ray energy spectra and power
density spectra (PDS) [15]. This effort was under-
taken in response to the lessons of extensive moni-
toring campaigns with the Rossi X-ray Timing Ex-
plorer (RXTE), which revealed the full complexity of
spectral and timing evolution exhibited by accreting
black-hole binary systems [12, 29].

The redefinition of X-ray states uses four criteria:
fdisk, the ratio of the disk flux to the total flux (both
unabsorbed) at 2-20 keV; the power-law photon in-
dex (Γ) at energies below any break or cutoff; the
integrated rms power (r) in the PDS at 0.1–10 Hz,
expressed as a fraction of the average source count
rate; and the integrated rms amplitude (a) of a quasi-
periodic oscillation (QPO) detected in the range of
0.1–30 Hz. PDS criteria (a and r) utilize a broad
energy range, and the bandwidth of the RXTE PCA
instrument for typical X-ray sources is effectively 2–30
keV.

It had been known for decades that the energy
spectra of outbursting black holes often exhibit com-
posite spectra consisting of two broadband compo-
nents. There is a multi-temperature accretion disk
[9, 13, 14, 27] with a characteristic temperature near
1 keV. Thermal state designations draw attention to
those times when the radiation is dominated by the
heat from the inner accretion disk. The thermal state
(formerly the “high/soft” state) is defined [15] by the
following three conditions: (1) the disk contributes
more than 75% of the total unabsorbed flux at 2–20
keV, i.e. f > 0.75, (2) there are no QPOs present
with integrated amplitude above 0.5% of the mean
count rate, i.e. amax < 0.005, and (3) the integrated

power continuum is low, with r < 0.06.
In principle, the normalization constant for the

thermal component may allow numerical estimates of
the radius of the inner accretion disk (Rin), if the
source distance and disk inclination are accurately
known [13, 16, 37, 38]. However, such estimates de-
pend on disk models computed under general rela-
tivity (GR), with careful attention to the inner disk
boundary condition and to effects of radiative trans-
fer [28]. The ongoing efforts to utilize GR disk models
and consider all forms of systematic problems in deal-
ing with the inner disk boundary condition may yield
reliable measures of Rin. This would lead to estimates
of the black-hole spin parameter for cases where the
black-hole mass is well constrained via measurements
of companion star motion in the binary system.

There are other occasions when the spectrum of
an outbursting black-hole binary exhibits substantial
non-thermal emission in the form of an X-ray power-
law component. Observations with CGRO–Ossie were
particularly valuable in showing that there were two
types of non-thermal spectra [11], and this perspective
has been confirmed with RXTE. Spectral fits yield two
characteristic values for the photon index. There is a
hard state with Γ ∼ 1.7, usually with an exponen-
tial decrease beyond ∼ 100 keV), and there is a steep
power law (Γ ∼ 2.5), with no apparent cutoff. In each
case, the corresponding PDS also show distinct differ-
ences, relative to the PDS in the thermal state.

The hard state has been clearly associated with
the presence of a steady type of radio jet [5, 8]. Con-
siderations hard states of for several black-hole bina-
ries allows a definition that is again based on three
X-ray conditions: (1) f < 0.2, i.e. the power-law con-
tributes at least 80% of the unabsorbed 2–20 keV flux,
(2) 1.5 < Γ < 2.1, for a power-law model, cutoff power
law, or broken power-law (using Γ1), as appropriate,
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Figure 1: X-ray state evolution during the 1996-1997 outburst of GRO J1655–40. The top panel shows the ASM light
curve. The bottom panel shows the model flux from PCA pointed observations. Here the symbol type denotes the
X-ray state: thermal (red “x”), hard (blue square), steep power-law (green triangle), and any type of intermediate state
(yellow circle).

and (3) the PDS yields r > 0.1. In the hard X-ray
state, the accretion-disk component is either absent
or it is modified in the sense of appearing compara-
tively cool and large.

The steep power law (SPL) state is linked to the
strength and properties of the non-thermal spectrum
with Γ ∼ 2.5. QPOs are frequently seen when the
flux from the SPL begins to compete with thermal
component [30]. The SPL state re-defines the “very
high” state, which was brought into use when black
hole QPOs were first discovered and believed to rare
and confined to high luminosity [18, 19]. CGRO ob-
servations have shown that the SPL may extend to
800 keV or higher [11, 33]. This forces consideration
of non-thermal Comptonization models [10, 36]. The

QPOs impose additional requirements for an oscilla-
tion mechanism that must be intimately tied to the
electron acceleration mechanism, since the QPOs are
fairly coherent (ν/∆ν ∼ 12 ; [25]) and strongest above
6 keV, i.e. above the limit of the thermal spectrum,
which remains visible during the SPL state. The SPL
is further distinguished by its prevalence when high-
frequency QPOs are seen (7 sources; 100-450 Hz), and
the SPL tends to dominate black-hole binary spec-
tra as the luminosity approaches the Eddington limit
[15, 24]. The SPL state is defined by: (1) Γ > 2.4,
(2) r < 0.15, and (3) either f < 0.8 while a QPO (0.1
to 30 Hz) is present in the PDS (with a > 0.01), or
f < 0.5 with no QPOs.
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Figure 2: X-ray state evolution during the 1998-1999 outburst of XTE J1550–564. The top panel shows the ASM light
curve. The bottom panel shows the model flux from PCA pointed observations, again using the symbol type to denote
the X-ray state, as defined for Fig. 1.

2. Temporal Evolution of X-ray States

Samples of the energy spectra and PDS for the
three states of active accretion are illustrated for many
black hole binaries and candidates by McClintock
and Remillard [15]. Here, the temporal evolution of
states and the corresponding luminosities are shown
for three cases. Our data selections for RXTE pointed
observations exclude results when the average flux is
below 2 mCrab (or 5×10−11 erg cm−2), since contam-
ination by faint sources in the Galactic plane within
the 1◦ PCA field of view may then skew the spectral
parameters derived for the black hole binary.

The temporal evolution of X-ray states for the case
of GRO J1655–40 (1996-1997 outburst) is shown in
Fig.1. The ASM light curve is displayed in the top

panel, while the unabsorbed flux derived from spec-
tral fits to RXTE pointed observations [29] are shown
in the bottom panel. The plotting symbol is used to
represent the X-ray state: thermal (red x), hard (blue
square), SPL (green triangle), and any intermediate
type (yellow circle). This outburst of GRO J1655-40
is almost entirely confined to the softer X-ray states
(43 thermal cases and 16 SPLs), while 3 hard state ob-
servations are recorded as the source nears quiescence.
The two intermediate cases happen to be very similar
to each other, and their properties lie just beyond the
boundaries for the thermal state. The disk fraction in
the 2-20 keV flux is high (f ∼ 0.83), and there are no
QPOs, but the integrated power continuum is slightly
elevated, with r ∼ 0.07.

The temporal evolution of X-ray states for
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Figure 3: X-ray state evolution during multiple outburst of GX339–4. The top panel shows the ASM light curve. The
bottom panel shows the model flux from PCA pointed observations, again using the symbol type to denote the X-ray
state, as defined for Fig. 1. GX339-4 was in a quiescent state during 2000 and 2001.

XTE J1550–564 (1998-1999 outburst) is shown in
Fig. 2, using the same format and X-ray states repre-
sentations as in Fig. 1. For this source, spectral mod-
eling efforts follow Sobczak et al. [31], except that a
broken power law model is used when it improves the
fit significantly, and this happens frequently for ob-
servations before MJD 51140. This outburst exhibits
several state transitions, and the thermal state is the
most common condition (106 cases). The SPL state
(30 cases) is again seen when the source reaches high-
est luminosity; however, the distribution in luminosity
is broad (green triangles, Fig. 2). All three states are
seen in the range of 1–4 ×10−8 erg cm−2 s−1. There
are many observations (60) of intermediate conditions
(yellow circles) during this outburst. Those in the
MJD range 51078–51113 display values for the photon

index and rms power that lie between the SPL and
hard states (see [15] for more detailed discussions),
and they coincide with the appearance of “C” type
QPOs that vary substantially in frequency ((0.1–10
Hz) [25]. Near MJD 51300 there is a different group
of intermediate cases that lie between the thermal and
hard states; they show a hard photon index but there
are elevated values of f contributed by the decay-
ing thermal component. This 1998-1999 outburst of
XTE J1550–564 was followed by successively weaker
outbursts (not shown) in 2000, 2001, 2002, and 2003.
The outburst of 2000 again shows multi-state spectral
evolution, but the three subsequent and weaker out-
bursts appear entirely constrained to the hard state
(see below).

GX339-4 is chosen as a third example to display
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Figure 4: X-ray states displayed on the hardness-intensity diagram. The top-left panel shows GRO J1655–40 results
that correspond with the light curve shown in Fig. 1. Also shown are the results for the 1998-1999 outburst of
XTE J1550–564 (top-right; see Fig. 2), and all of the observations of GX339–4 (bottom-left; see Fig. 3). The
bottom-right panel shows the superposition of three fainter outbursts from XTE J1550–564 to illustrate the point that
some outbursts are confined to the hard state.

(see Fig. 3) the temporal evolution of X-ray states in
a black-hole binary system. This source is particularly
interesting for two reasons: the relatively high accre-
tion rate from the companion star produces frequent
X-ray outbursts, and the source is known for extended
hard-state episodes, making it a favorite target (along
with Cyg X-1) for radio studies and investigations of
the disk:jet connection [1, 3, 4, 6, 8, 26]. Three out-
bursts and a long interval in the hard state (1997) are
shown in Fig. 3. GX339–4 was in a quiescent state
during 2000 and 2001. All three active X-ray states
are represented by GX339-4: 123 thermal states, 95
hard states, 19 SPLs, and 37 that are intermediate.

3. The Unified Model for Radio Jets

Many researchers choose to investigate the spec-
tral evolution of accreting black holes in terms of a
hardness-intensity diagrams (HID), where changes in
X-ray brightness are tracked vs. a simple “hardness
ratio”, i.e. the ratio of detector counts in two energy
bands [12, 34]. The HID is also the format chosen for
the “unified model for radio jets” proposed by Fender,
Belloni, & Gallo [7].

Having defined the X-ray states and their tempo-
ral evolution for GRO J1655-40, XTE J1550-564, and
GX339-4 in the preceding figures, we now display
these same results as HIDs. These data occupy three
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Figure 5: A schematic of the model for disk-jet coupling
in black hole binaries from Fender, Belloni, & Gallo
(2004). The top panel represents an X-ray HID; the
bottom panel illustrates variations in the jet’s bulk
Lorentz factor vs. X-ray spectral hardness. The X-ray
states are labelled at the top using the older terminology:
“high/soft” (HS; “thermal state” in this paper) and
“low/hard” (LS; “hard state” here). The “very
high/intermediate” state (VHS/IS) in this schematic is
resolved into the “SPL” and different types of
intermediate states in the definitions of McClintock &
Remillard (2005).

of the four panels of Fig. 4. The horizontal scale of this
plot utilizes the hard color (HC) defined by Muno,
Remillard, & Chakrabarty [20] with a normalization
scheme that compensates for PCA gain adjustments
and detector evolution that occur during the RXTE
mission. PCA spectra of the Crab Nebula yield val-
ues at HC = 0.68, with a normalized intensity of 2500
c s−1 PCU−1. In Fig. 4, each observation is plotted
in the HID with a symbol type and color that shows
the X-ray state, using the same conventions of earlier
figures.

The fourth panel (bottom-right) of Fig. 4 shows
a superposition of color:intensity:state results for
XTE J1550-564 during the three weak outbursts noted
in §2. For this one panel, there is a slight change in the
definition of the hard state. The lower limit for the
spectral index is shifted by 0.1, allowing 1.4 < Γ < 2.1,
while keeping other criteria the same. This modifica-
tion is needed to avoid an artificial exclusion of about

Figure 6: The HID of GX339-4, re-displayed after sorting
out the intermediate states into three groups:
thermal–SPL intermediates (29 yellow circles), hard–SPL
intermediates (7 black circles), and hard-thermal (1 black
open square). The dashed line shows the hardness limit
for the SPL state in GX339-4, HC = 0.46, and this line
is hypothesized to coincide with the jet line in the
schematic for the unified model of radio jets (Fig. 5).
Similar HC limits for the SPL states of GRO J1655-40
and XTE J1550-564 are evident in Fig. 4.

half of these observations (HC > 0.98) from the hard
state.

Fig. 4 again shows that some outbursts can be dom-
inated by thermal and SPL states (e.g. GRO J1655-
40, and additional sources, such as 4U 1543-47 and
XTE J2012+381). On the other hand, some outbursts
(XTE J1550-564 2001-2003, and also XTE 1118+480
and GS 1324-64) are locked in the hard state. Com-
plex, multi-state outbursts are seen in XTE J1550-
564 (1998 and 2000), GX339-4, and sources such as
XTE J1859+226, 4U 1630-47, and H1743-322.

We wish to compare these state-represented HIDs
with the ’unified model for jets’ [7]. The schematic
representation of this model is reproduced here for
convenience, and further discussions by Fender are
available in these proceedings.

GX339-4 obviously plays an important role in shap-
ing the dynamics illustrated in the unified model for
jets. However, as recognized by the authors[7], and
as shown in Fig. 4, a black hole binary in a given
outburst may follow a track that may be more re-
stricted or more complicated than the tracks shown
in the model.
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The schematic for the disk-jet connection describes
not only the flow of states (in the older state conven-
tions), but it also specifies a “jet line” (vertical, solid
line center-left in HID of Fig. 5. The jet line repre-
sents the boundary between the presence and absence
of a steady radio jet, and it also marks a line of condi-
tions where ballistic ejections are most probable. Can
such a vertical line be recognized in terms of the re-
vised definitions of X-ray states? The answer appears
to be ’yes’. Corbel et al. [4] have investigated the
radio properties of some SPL and intermediate-state
observations of XTE J1650-500 and other sources and
suggest that the jet terminates at the boundary be-
tween the intermediate state and the SPL. In Fig. 4,
this transition is shown to have a distinct location on
the HID, as the maximum HC value for the SPL state
is in the range 0.45–0.48 for each of the three black-
hole binary systems. We support the suggestion that
this state transition line corresponds to the jet line
and encourage further studies with X-ray and radio
data for many sources.

The hypothesis that the hard end of the SPL state
represents the jet line is illustrated in Fig. 6. Here,
the data for GX339-4 (bottom-left panel of Fig. 4) is
redisplayed with two changes. The 37 intermediate
designations are resolved into 3 groups, to best de-
scribe the nearest two states for a given case. There
are 29 observations with properties that lie between
the thermal and SPL states. They continue to be plot-
ted as yellow circles in Fig. 6. All of these have photon
index Γ > 2.4; fifteen have thermal-like values of r but
exhibit either weak QPOs or relatively low values of f ;
fourteen have SPL-like values of r and f , but there are
no QPOs (although some have broad power features in
their PDS). The second group (7 cases) appear to be
intermediate between the hard and SPL states, since
they have low f values (i.e. nonthermal spectra) with
2.1 < Γ < 2.4 (i.e. photon indices between the hard
and SPL states). This group is plotted with black cir-
cles in Fig. 6. The single, remaining case is considered
to be intermediate between hard and thermal states,
since Γ < 2.1 but f = 0.34 ; this is plotted with a
black open square.

The effort to synthesize our definitions of X-ray
states with the schematic model for radio jets is en-
couraging. The identity of the SPL state and the
distinctions between different types of intermediate
states are well preserved on the HIDs. However, no
new insights have been gained, thus far, that are di-
rectly pertinent to our understanding of the jet mech-
anism. Such interests can be served by studying the
parameters that define X-ray states in greater detail.

4. X-ray Parameters vs. Hard Color:
Implications for Jets

There are three continuous X-ray parameters (apart
from “presence of QPOs”) that are used to define X-
ray states [15]. These are plotted vs. hard color in
Fig. 7 to further investigate how X-ray properties vary
across state transitions and across any hypothetical jet
line. The symbol choice represents the X-ray state, as
defined for Fig. 6.

As one proceeds from right to left in Fig. 7 (i.e. jet
“on” towards jet “off”), there do appear to be sub-
stantial changes in both the photon index (top panel)
and the rms power continuum (bottom panel) at the
point where the intermediate (hard/SPL) conditions
shift into the SPL state (HC ∼ 0.46). The disk frac-
tion in the 2–20 keV band (middle panel) appears to
be a more continuous function of HC, and the X-ray
appearance of the disk above 2 keV begins where the
hard state (blue squares) transitions to hard–SPL in-
termediate conditions (black circles).

The disappearance of the steady radio jet during
“hard to soft” X-ray spectral transitions is well known
[3, 5, 6], and the behavior of the photon index (top
panel of Fig. 7) does suggest that this occurs near
HC ∼ 0.46. However, less attention has been paid to
changes in the power spectrum across this transition.
The integrated power in the PDS (bottom panel of
Fig. 7) is clearly correlated with the value of HC and
the X-ray state. What is potentially most interesting
about this relationship is the frequency composition
of the excess power that follows the evolution of the
source in and out of the hard state.

Representative, average PDS were computed for the
different states of GX339-4 using 72 thermal-state ob-
servations with 0.10 < HC < 0.24 and 17 SPL ob-
servations with 0.24 < HC < 0.45. For the interme-
diate and hard states, we find PDS maxima that are
a function of brightness, and there are low-frequency
QPOs in some of the brighter hard states. These top-
ics needs to be investigated further. For the present
purpose of illustrating state-specific PDS in GX339-
4, we select intermediate and hard-state observations
with lower X-ray intensity, 25–100 c s−1 PCU−1, to
limit the secular variations with brightness and to rep-
resent these states at luminosity levels typically seen
in other sources. Within these brightness limits, we
select 6 intermediate states with 0.50 < HC < 0.72
and 26 hard states with 0.75 < HC < 0.90. The PDS
(weighted averages) for the four states are displayed
in Fig. 8.

In the SPL state, there is a QPO near 5.8 Hz
(a = 0.03 in the full PCA band), with another peak
(a2 = 0.01) at the first harmonic. Note, however,
that the average SPL results smear over QPOs with
different amplitudes and frequencies, which are better
investigated using individual SPL observations.

The PDS for the intermediate (SPL/hard) and hard
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Figure 7: Variations of state-defining parameters vs. hard color for GX339-4. Both the photon index (Γ) and the
integrated rms power (0.1–10 Hz) change substantially near HC ∼ 0.46, supporting the suggestion that this value
represents the “jet line”.

states appear quite different; they exhibit broad power
peaks [34] with much higher amplitude. These fea-
tures can be treated as a broad Lorentzian peak su-
perposed on a much broader power continuum, i.e.
a quadratic function in log(Pν) vs. log(ν) with a fit
range of 0.01-1000 Hz. With this type of PDS model,
the intermediate (SPL/hard) state yields a broad

power peak that is centered at ν0 = 0.53 Hz with very
low coherence parameter: Q = ν0/FWHM ∼ 0.1.
Most of the PDS power (r ∼ 0.2) is taken up in this
broad feature. The hard state PDS can be interpreted
with a stronger broad peak centered near 0.2 Hz with
Q ∼ 0.14 and r ∼ 0.3.

X-ray astronomers have been studying PDS with
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Figure 8: Representative PDS for different X-ray states of GX339-4, displayed in terms of log(ν × Pν) vs. log(ν). This
yields units of (rms/µ)2 vs.Hz. In each state, the averages are computed for a subset of the observations in a selected
range of HC (see text). The broad power peak near 1 Hz is here argued to be an X-ray timing signature associated
with the steady radio jet.

“band-limited noise” or broad power peaks in detail
for many years [2, 22, 23, 34, 35]. What is perhaps
new, here, is the demonstrated need to interpret these
features as an X-ray signature that is fundamentally
connected to the jet mechanism. These broad power
peaks are strongest in the hard state and they seem to
form only on the right side of the jet line, i.e. the con-
ditions associated with quasi-steady radio emission.

Pottschmidt et al [22] conducted a detailed analysis
of multiple broad peaks with Lorentzian profiles in
the PDS of Cyg X-1 in the hard and intermediate
states. It was shown that the PDS are best modeled
as a superposition of three strong and broad features,
e.g near 0.2, 2, and 6 Hz, with correlated variations
in frequency and with the occasional presence of a
fourth peak near 40 Hz. It was further shown that
the stability of the hard state against transitions to
intermediate-type flares is related to the strength of
the third Lorentzian. These considerations show that
the Fourier components related to the hard state are
more complicated than the simplified results shown
here. However, the point needs to be made that all
of these broad power peaks tend to disappear with
the hard power-law spectrum when an accreting black
hole crosses the jet line.

One can imagine the origin of these broad power
peaks in very different ways. In Keplerian terms, the
wide range of excess power (i.e. 0.01 to 20 Hz) cor-
responds to gravitational radii of 30–5000 rg for a 10
M� black hole with low values of the spin parameter.
If some instability at these radii creates the excess
PDS power while it furnishes the corona that supplies
plasma for the jet, then the base of the jet would be
unexpectedly large (0.5 light seconds across the max-
imum diameter). This picture would seem to be ruled
out by the high coherence and ms phase lags measured
for Cyg X-1 in the hard and intermediate states (e.g.

[22]).
Since magnetic fields are widely believed to play a

central role in the formation of jets in black-hole sys-
tems, it may be more productive to consider the PDS
power peaks in terms of wave phenomena in a magne-
tized disk. It has been argued that a vertical magnetic
field can excite an “accretion-ejection” instability [32]
leading to magnetic spiral waves that may produce
both QPOs (at the co-rotation radius for the spiral
wave and Keplerian flow in the disk) and Alfven waves
to excite the corona. The broad power peaks in the
PDS could be seen as another observational challenge
for this model and for MHD simulations of magnetized
accretion disks.

Correlations between QPO frequencies and the fre-
quencies associated with broad power peaks have been
demonstrated for hard and intermediate state observa-
tions of both black-hole binaries and accreting neutron
stars [2, 23, 35]. The neutron-star connection natu-
rally motivates the presumption that the behavior of
X-ray power peaks is dictated by standard accretion-
disk physics. However, the consideration of black-
hole hard states and the jet line motivates an alterna-
tive viewpoint: the frequency relationships for broad
power peaks are primarily exhibiting the behavior of
non-thermal processes that are related to the jet mech-
anism. As a corollary question, we may need to un-
derstand why jets appears to be less efficient in the
hard states of accreting neutron stars [17, 21].
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Primordial Black Holes - Recent Developments
B.J.Carr
Astronomy Unit, Queen Mary, University of London, Mile End Road, London E1 4NS

Recent developments in the study of primordial black holes (PBHs) will be reviewed, with particular emphasis
on their formation and evaporation. PBHs could provide a unique probe of the early Universe, gravitational
collapse, high energy physics and quantum gravity. Indeed their study may place interesting constraints on
the physics relevant to these areas even if they never formed. In the “early Universe” context, particularly
useful constraints can be placed on inflationary scenarios, especially if evaporating PBHs leave stable Planck-
mass relicts. In the “gravitational collapse” context, the existence of PBHs could provide a unique test of the
sort of critical phenomena discovered in recent numerical calculations. In the “high energy physics” context,
information may come from gamma-ray bursts (if a subset of these are generated by PBH explosions) or from
cosmic rays (if some of these derive from evaporating PBHs). In the “quantum gravity” context, the formation
and evaporation of small black holes could lead to observable signatures in cosmic ray events and accelerator
experiments, providing there are extra dimensions and providing the quantum gravity scale is around a TeV.

1. INTRODUCTION

Black holes with a wide range of masses could have
formed in the early Universe as a result of the great
compression associated with the Big Bang [70, 143].
A comparison of the cosmological density at a time t
after the Big Bang with the density associated with
a black hole of mass M shows that PBHs would have
of order the particle horizon mass at their formation
epoch:

MH(t) ≈ c3t

G
≈ 1015

(
t

10−23 s

)
g. (1)

PBHs could thus span an enormous mass range: those
formed at the Planck time (10−43s) would have the
Planck mass (10−5g), whereas those formed at 1 s
would be as large as 105M�, comparable to the mass
of the holes thought to reside in galactic nuclei. By
contrast, black holes forming at the present epoch
could never be smaller than about 1M�.

The realization that PBHs might be small prompted
Hawking to study their quantum properties. This led
to his famous discovery [71] that black holes radiate
thermally with a temperature

T =
h̄c3

8πGMk
≈ 10−7

(
M

M�

)−1

K, (2)

so they evaporate on a timescale

τ(M) ≈ h̄c4

G2M3
≈ 1064

(
M

M�

)3

y. (3)

Only black holes smaller than 1015g would have evapo-
rated by the present epoch, so eqn (1) implies that this
effect could be important only for black holes which
formed before 10−23s.

Hawking’s result was a tremendous conceptual ad-
vance, since it linked three previously disparate areas
of physics - quantum theory, general relativity and

thermodynamics. However, at first sight it was bad
news for PBH enthusiasts. For since PBHs with a
mass of 1015g would be producing photons with en-
ergy of order 100 MeV at the present epoch, the ob-
servational limit on the γ-ray background intensity at
100 MeV immediately implied that their density could
not exceed 10−8 times the critical density [122]. Not
only did this render PBHs unlikely dark matter can-
didates, it also implied that there was little chance of
detecting black hole explosions at the present epoch
[125].

Nevertheless, it was soon realized that the γ-ray
background results did not preclude PBHs playing
other important cosmological roles [27] and some of
these will be discussed in this review. Indeed the dis-
covery of a PBH could provide a unique probe of at
least four areas of physics: the early Universe; grav-
itational collapse; high energy physics; and quantum
gravity. The first topic is relevant because studying
PBH formation and evaporation can impose impor-
tant constraints on primordial inhomogeneities and
cosmological phase transitions. The second topic re-
lates to recent developments in the study of “critical
phenomena” and the issue of whether PBHs are vi-
able dark matter candidates. The third topic arises
because PBH evaporations could contribute to cos-
mic rays, whose energy distribution would then give
significant information about the high energy physics
involved in the final explosive phase of black hole
evaporation. The fourth topic arises because it has
been suggested that quantum gravity effects could ap-
pear at the TeV scale and this leads to the intrigu-
ing possibility that small black holes could be gener-
ated in accelerators experiments or cosmic ray events,
with striking observational consequences. Although
such black holes are not technically “primordial”, this
possibility would have radical implications for PBHs
themselves.
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2. PBHS AS A PROBE OF PRIMORDIAL
INHOMOGENEITIES

One of the most important reasons for studying
PBHs is that it enables one to place limits on the
spectrum of density fluctuations in the early Universe.
This is because, if the PBHs form directly from den-
sity perturbations, the fraction of regions undergo-
ing collapse at any epoch is determined by the root-
mean-square amplitude ε of the fluctuations entering
the horizon at that epoch and the equation of state
p = γρ (0 < γ < 1). One usually expects a radiation
equation of state (γ = 1/3) in the early Universe but
it may have deviated from this in some periods.

2.1. Simplistic Analysis

Early calculations assumed that the overdense re-
gion which evolves to a PBH is spherically symmetric
and part of a closed Friedmann model. In order to
collapse against the pressure, such a region must be
larger than the Jeans length at maximum expansion
and this is just

√
γ times the horizon size. On the

other hand, it cannot be larger than the horizon size,
else it would form a separate closed universe and not
be part of our Universe [29].

This has two important implications. Firstly, PBHs
forming at time t after the Big Bang should have of
order the horizon mass given by eqn (1). Secondly, for
a region destined to collapse to a PBH, one requires
the fractional overdensity at the horizon epoch δ to
exceed γ. Providing the density fluctuations have a
Gaussian distribution and are spherically symmetric,
one can infer that the fraction of regions of mass M
which collapse is [26]

β(M) ∼ ε(M) exp
[
− γ2

2ε(M)2

]
(4)

where ε(M) is the value of ε when the horizon mass is
M . The PBHs can have an extended mass spectrum
only if the fluctuations are scale-invariant (i.e. with
ε independent of M). In this case, the PBH mass
distribution is given by [26]

dn/dM = (α− 2)(M/M∗)−αM−2
∗ ΩPBHρcrit (5)

where M∗ ≈ 1015g is the current lower cut-off in the
mass spectrum due to evaporations, ΩPBH is the total
density of the PBHs in units of the critical density
(which itself depends on β) and the exponent α is
determined by the equation of state:

α =
(

1 + 3γ
1 + γ

)
+ 1. (6)

α = 5/2 if one has a radiation equation of state. This
means that the density of PBHs larger than M falls

off as M−1/2, so most of the PBH density is contained
in the smallest ones.

Many scenarios for the cosmological density fluctu-
ations predict that ε is at least approximately scale-
invariant but the sensitive dependence of β on ε means
that even tiny deviations from scale-invariance can be
important. If ε(M) decreases with increasing M , then
the spectrum falls off exponentially and most of the
PBH density is contained in the smallest ones. If ε(M)
increases with increasing M , the spectrum rises expo-
nentially and - if PBHs were to form at all - they could
only do so at large scales. However, the microwave
background anisotropies would then be larger than
observed, so this possibility can be rejected.

The current density parameter ΩPBH associated
with PBHs which form at a redshift z or time t is
related to β by [26]

ΩPBH = βΩR(1+z) ≈ 106β

(
t

s

)−1/2

≈ 1018β

(
M

1015g

)−1/2

(7)
where ΩR ≈ 10−4 is the density parameter of the mi-
crowave background and we have used eqn (1). The
(1 + z) factor arises because the radiation density
scales as (1 + z)4, whereas the PBH density scales
as (1 + z)3. Any limit on ΩPBH therefore places a
constraint on β(M) and the constraints are summa-
rized in Fig. 1, which is taken from Carr et al. [32].
The constraint for non-evaporating mass ranges above
1015g comes from requiring ΩPBH < 1 but stronger
constraints are associated with PBHs smaller than
this since they would have evaporated by now. The
strongest one is the γ-ray limit associated with the
1015g PBHs evaporating at the present epoch [122].
Other ones are associated with the generation of en-
tropy and modifications to the cosmological produc-
tion of light elements [120]. The constraints below
106g are based on the (uncertain) assumption that
evaporating PBHs leave stable Planck mass relics, an
issue which is discussed in detail in Section 4 . Other
constraints, not shown here, are associated with grav-
itino production [91], reionization [75], thermodynam-
ics [101] and the holographic principle [44].

The constraints on β(M) can be converted into con-
straints on ε(M) using eqn (4) and these are shown
in Fig. 2. Also shown here are the (non-PBH) con-
straints associated with the spectral distortions in the
cosmic microwave background induced by the dissipa-
tion of intermediate scale density perturbations and
the COBE quadrupole measurement. This shows that
one needs the fluctuation amplitude to decrease with
increasing scale in order to produce PBHs and the
lines corresponding to various slopes in the ε(M) re-
lationship are also shown in Fig. 2.
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Figure 1: Constraints on β(M)

Figure 2: Constraints on ε(M)

2.2. Refinements of Simplistic Analysis

The criterion for PBH formation given above is
rather simplistic and needs to be tested with de-
tailed numerical calculations. The first hydrodynam-
ical studies of PBH formation were carried out by
Nadezhin et al. [115]. These roughly confirmed the
criterion δ > γ for PBH formation, although the PBHs
could be be somewhat smaller than the horizon. In
recent years several groups have carried out more de-
tailed hydrodynamical calculations and these have re-
fined the δ > γ criterion and hence the estimate for
β(M) given by eqn (4). Niemeyer & Jedamzik [118]
find that one needs δ > 0.7 rather than δ > 0.3 to
ensure PBH formation and they also find that there is
little accretion after PBH formation, as expected the-
oretically [29]. Shibata & Sasaki [132] reach similar
conclusions.

It should be stressed that the description of fluc-
tuations beyond the horizon is somewhat problematic
and it is clearer to use a gauge-invariant description
which involves the total energy or metric perturba-
tion [132]. Also the derivation of the mass spectrum
given by eqn (4) is based on Press-Schechter theory

and it is more satisfactory to use peaks theory. Both
these points have been considered by Green et al. [64].
They find that that the critical value for the density
contrast is around 0.3, which (ironically) is close to
the value advocated 30 years ago!

Another refinement of the simplistic analysis which
underlies eqn (4) concerns the assumption that the
fluctuations have a Gaussian distribution. Bullock &
Primack [24] and Ivanov [81] have pointed out that
this may not apply if the fluctuations derive from an
inflationary period (discussed in more detail later).
So long as the fluctuations are small (δφ/φ � 1), as
certainly applies on a galactic scale, this assumption
is valid. However, for PBH formation one requires
δφ/φ ∼ 1, and, in this case, the coupling of different
Fourier modes destroys the Gaussianity. Their analy-
sis suggests that β(M) can be very different from the
value indicated by eqn (4) but it still depends very
sensitively on ε.

2.3. PBHs and Critical Collapse

A particularly interesting development has been the
application of “critical phenomena” to PBH forma-
tion. Studies of the collapse of various types of spher-
ically symmetric matter fields have shown that there
is always a critical solution which separates those con-
figurations which form a black hole from those which
disperse to an asymptotically flat state. The config-
urations are described by some index p and, as the
critical index pc is approached, the black hole mass
is found to scale as (p − pc)η for some exponent η.
This effect was first discovered for scalar fields [35]
but subsequently demonstrated for radiation [49] and
then more general fluids with equation of state p = γρ
[96, 112].

In all these studies the spacetime was assumed to be
asymptotically flat. However, Niemeyer & Jedamzik
[117] have applied the same idea to study black hole
formation in asymptotically Friedmann models and
have found similar results. For a variety of initial den-
sity perturbation profiles, they find that the relation-
ship between the PBH mass and the the horizon-scale
density perturbation has the form

M = KMH(δ − δc)η (8)

where MH is the horizon mass and the constants are
in the range 0.34 < η < 0.37, 2.4 < K < 11.9
and 0.67 < δc < 0.71 for the various configura-
tions. Since M → 0 as δ → δc, this suggests that
PBHs may be much smaller than the particle hori-
zon at formation and it also modifies the mass spec-
trum [58, 61, 97, 141]. However, recently Miller et al.
[114] have found that the critical overdensity lies in
the lower range 0.43 < δc < 0.47 if one only allows
growing modes at decoupling (which is more plausible
if the fluctuations derive from inflation). They also
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find that the exponent η is modified if there is a cos-
mological constant. Hawke & Stewart [69] claim that
the formation of shocks prevents black holes forming
on scales below 10−4 of the horizon mass but this has
been disputed [114].

3. PBHS AS A PROBE OF THE EARLY
UNIVERSE

Many phase transitions could occur in the early
Universe which lead to PBH formation. In some of
these one require pre-existing density fluctuations but
in others the PBHs form spontaneously even if the
Universe starts off perfectly smooth. In the latter
case, β(M) depends not on ε(M) but on some other
cosmological parameter.

3.1. Soft Equation of State

Some phase transitions can lead to the equation of
state becoming soft (γ � 1) for a while. For example,
the pressure may be reduced if the Universe’s mass
is ever channelled into particles which are massive
enough to be non-relativistic. In such cases, the effect
of pressure in stopping collapse is unimportant and
the probability of PBH formation just depends upon
the fraction of regions which are sufficiently spherical
to undergo collapse [90]. For a given spectrum of pri-
mordial fluctuations, this means that there may just
be a narrow mass range - associated with the period
of the soft equation of state - in which the PBHs form.

3.2. Collapse of Cosmic Loops

In the cosmic string scenario, one expects some
strings to self-intersect and form cosmic loops. A typ-
ical loop will be larger than its Schwarzschild radius
by the factor (Gµ)−1, where µ is the string mass per
unit length. If strings play a role in generating large-
scale structure, Gµ must be of order 10−6. However,
as discussed by many authors [25, 55, 73, 107, 124],
there is always a small probability that a cosmic loop
will get into a configuration in which every dimension
lies within its Schwarzschild radius. This probability
determines the collapse fraction β and depends upon
both µ and the string correlation scale. Note that eqn
(5) still applies since the holes are forming with equal
probability at every epoch.

3.3. Bubble Collisions

Bubbles of broken symmetry might arise at any
spontaneously broken symmetry epoch and various
people have suggested that PBHs could form as a re-
sult of bubble collisions [43, 74, 99]. However, this

happens only if the bubble formation rate per Hubble
volume is finely tuned: if it is much larger than the
Hubble rate, the entire Universe undergoes the phase
transition immediately and there is not time to form
black holes; if it is much less than the Hubble rate,
the bubbles are very rare and never collide. The holes
should have a mass of order the horizon mass at the
phase transition, so PBHs forming at the GUT epoch
would have a mass of 103g, those forming at the elec-
troweak unification epoch would have a mass of 1028g,
and those forming at the QCD (quark-hadron) phase
transition would have mass of around 1M�.

3.4. PBHs and Inflation

Inflation has two important consequences for PBHs.
On the one hand, any PBHs formed before the end of
inflation will be diluted to a negligible density. In-
flation thus imposes a lower limit on the PBH mass
spectrum:

M > Mmin = MP (TRH/TPl)−2 (9)

where TRH is the reheat temperature and TP ≈
1019 GeV is the Planck temperature. The CMB
quadrupole measurement implies TRH ≈ 1016GeV, so
Mmin certainly exceeds 1 g. On the other hand, infla-
tion will itself generate fluctuations and these may suf-
fice to produce PBHs after reheating. If the inflaton
potential is V (φ), then the horizon-scale fluctuations
for a mass-scale M are

ε(M) ≈
(
V 3/2

M3
PV

′

)
H

(10)

where a prime denotes d/dφ and the right-hand side
is evaluated for the value of φ when the mass-scale
M falls within the horizon. In the standard chaotic
inflationary scenario, one makes the “slow-roll” and
“friction-dominated” asumptions:

ξ ≡ (MPV
′/V )2 � 1, η ≡M2

PV
′′/V � 1. (11)

Usually the exponent n characterizing the power spec-
trum of the fluctuations, |δk|2 ≈ kn, is very close to
but slightly below 1:

n = 1 + 4ξ − 2η ≈ 1. (12)

Since ε scales as M (1−n)/4, this means that the fluc-
tuations are slightly increasing with scale. The nor-
malization required to explain galaxy formation (ε ≈
10−5) would then preclude the formation of PBHs
on a smaller scale. If PBH formation is to occur,
one needs the fluctuations to decrease with increasing
mass (n > 1) and, from eqn (13), this is only possible
if the scalar field is accelerating sufficiently fast that

V ′′/V > (1/2)(V ′/V )2. (13)
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This condition is certainly satisfied in some scenarios
[30] and, if it is, eqn (4) implies that the PBH density
will be dominated by the ones forming immediately
after reheating.

Since each value of n corresponds to a straight line
in Fig.3, any particular value for the reheat time t1
corresponds to an upper limit on n. This limit is indi-
cated in Fig.3, which is taken from [32], apart from a
correction pointed out by Green & Liddle [60]. Sim-
ilar constraints have been obtained by several other
people [18, 94]. The figure also shows how the con-
straint on n is strengthened if the reheating at the end
of inflation is sufficiently slow for there to be a dust-
like phase [62]. However, it should be stressed that
not all inflationary scenarios predict that the spectral
index should be constant. Hodges & Blumenthal [78]
have pointed out that one can get any spectrum for
the fluctuations whatsoever by suitably choosing the
form of V (φ). For example, eqn (10) suggests that
one can get a spike in the spectrum by flattening the
potential over some mass range (since the fluctuation
diverges when V ′ goes to 0). This idea was exploited
by Ivanov et al. [82], who fine-tuned the position of
the spike so that it corresponds to the mass-scale asso-
ciated with microlensing events observed in the Large
Magellanic Cloud.

Figure 3: Constraints on spectral index n in terms of
reheat time t1

It should be noted that the relationship between the
variance of the mass fluctuations relevant for PBHs
and the present day horizon-scale density fluctuations
in the inflation scenario is not trivial. For scale-free
fluctuations, there is a simple relationship between
them but it is more complicated otherwise. Blais et
al. [19] find that the mass fluctuations are reduced by
34% for a spectral index in the range 1 < n < 1.3,
while Polarski [123] finds a further 15% reduction if
there is a cosmological constant.

Even if PBHs never actually formed as a result of
inflation, studying them places important constraints
on the many types of inflationary scenarios. Besides

the chaotic scenario discussed above, there are also the
variants of inflation described as supernatural [126],
supersymmetric [57], hybrid [54, 87], multiple [140],
oscillating [134], preheating [13, 47, 52, 63], running
mass [100] and saddle [48]. There are also scenarios in
which the inflaton serves as dark matter [102]. PBH
formation has been studied in all of these models.

3.5. Varying Gravitational Constant

The PBH constraints would be severely modified if
the value of the gravitational “constant” G was dif-
ferent at early times. The simplest varying-G model
is Brans-Dicke (BD) theory [22], in which G is associ-
ated with a scalar field φ and the deviations from gen-
eral relativity are specified by a parameter ω. A vari-
ety of astrophysical tests currently require |ω| > 500,
which implies that the deviations can only ever be
small [137]. However, there exist generalized scalar-
tensor theories [16, 119, 136] in which ω is itself a
function of φ and these lead to a considerably broader
range of variations in G. In particular, it permits ω
to be small at early times (allowing noticeable varia-
tions of G then) even if it is large today. In the last
decade interest in such theories has been revitalized as
a result of early Universe studies. Extended inflation
explicitly requires a model in which G varies [99] and,
in higher dimensional Kaluza-Klein-type cosmologies,
the variation in the sizes of the extra dimensions also
naturally leads to this [53, 110].

The consequences of the cosmological variation of
G for PBH evaporation depend upon how the value
of G near the black hole evolves. Barrow [10] intro-
duces two possibilities: in scenario A, G everywhere
maintains the background cosmological value (so φ is
homogeneous); in scenario B, it preserves the value
it had at the formation epoch near the black hole
even though it evolves at large distances (so φ be-
comes inhomogeneous). On the assumption that a
PBH of mass M has a temperature given by eqn (2)
with G = G(t) in scenario A and G = G(M) in sce-
nario B, Barrow & Carr [11] calculate how the evap-
oration constraints summarized in Fig.1 are modified
for a wide range of varying-G models. The question
of whether scenario A or scenario B is more plausible
has been considered in several papers [28, 83] but re-
cent studies of the collapse of a scalar field to a PBH
suggest that gravitational memory is unlikely [67, 68].

4. PBHS AND DARK MATTER

Roughly 30% of the total density of the Universe is
now thought to be in the form of “cold dark mat-
ter”. Recently there has been a lot of interest in
whether PBHs could provide this, since those larger
than 1015g would not have evaporated yet and would
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certainly be massive enough to be dynamically “cold”.
They might also play a role in the formation of large-
scale structure [2, 92, 109]. However, there are some
ranges in which this is excluded. For example, fem-
tolensing of gamma-ray bursts by PBHs precludes
those in the mass range 1017 − 1020g from having
a critical density and searches for microlensing of
stars in the Large Magellanic Cloud, while allowing
a tenth-critical-density at around a solar mass, ex-
clude 1026 − 1034g PBHs [3]. However, there are no
constraints in the intermediate (sublunar) mass range
1020 − 1026g [18].

4.1. PBH Formation at Phase Transitions

One possibility is that PBHs with a mass of around
1M� could have formed at the quark-hadron phase
transition at 10−5s because of a temporary softening
of the equation of state then [43]. Such PBHs would
naturally have the sort of mass required to explain the
MACHO microlensing results [84]. If the QCD phase
transition is assumed to be 1st order, then hydrody-
namical calculations show that the value of δ required
for PBH formation is indeed reduced below the value
which pertains in the radiation case [85]. This means
that PBH formation will be strongly enhanced at the
QCD epoch, with the mass distribution peaking at
around the horizon mass then. Another possibility is
that PBHs with a mass of around 10−7M� could form
in TeV quantum gravity scenarios [79].

One of the interesting implications of these scenar-
ios is the possible existence of a halo population of
binary black holes [116]. With a full halo of such ob-
jects, there could be a huge number of binaries in-
side 50 kpc and some of these could be coalescing due
to gravitational radiation losses at the present epoch
[20]. If the associated gravitational waves were de-
tected, it would provide a unique probe of the halo
distribution [80]. Gravity waves from binary PBHs
would be detectable down to 10−5M� using VIRGO,
10−7M� using EURO and 10−11M� using LISA [79].
Note that LISA could also detect isolated PBHs by
measuring the gravitational impulse induced by any
nearby passing ones [1, 131]. However, this method
would not work below 1014g (because the effect would
be hidden by the Moon) or above 1020g (because the
encounters would be too rare).

4.2. PBHs and Supermassive Black
Holes

Several people have suggested that the 106−108M�
supermassive black holes thought to reside in galactic
nuclei could be of primordial origin [46, 86, 127]. How-
ever, since no PBHs are likely to form after 1 s, cor-
responding to a maximum formation mass of 105M�,
this requires a large amount of accretion. Bean and

Magueijo have proposed [14] that PBHs may accrete
from the quintessence field which is invoked to explain
the acceleration of the Universe. However, they invoke
a Newtonian formula for the accretion rate [143] and
this is known to be questionable [29]. Recent studies
of the accretion of a scalar field by a PBH also indicate
that this is unlikely [67].

4.3. Planck Mass Relics

Some people have speculated that black hole evap-
oration could cease once the hole gets close to the
Planck mass [21, 41]. For example, in the stan-
dard Kaluza-Klein picture, extra dimensions are as-
sumed to be compactified on the scale of the Planck
length. This means that the influence of these extra
dimensions becomes important at the energy scale of
1019GeV on which quantum gravity effects become
significant. Such effects could influence black hole
evaporation and could conceivably result in evapo-
ration ceasing at the Planck mass. Various non-
quantum-gravitational effects (such as higher order
corrections to the gravitational Lagrangian or string
effects) could also lead to stable relics [32] but the relic
mass is usually close to the Planck scale.

Another possibility, as argued by Chen & Adler [34],
is that stable relics could arise if one invokes a “gener-
alized uncertainty principle”. This replaces the usual
uncertainty principle with one of the form

∆x >
h̄

∆p
+ l2P

∆p
h̄
, (14)

where the second term is supposed to account for self-
gravity effects. This means that the black hole tem-
perature becomes

TBH =
Mc2

4πk

(
1 −

√
1 − M2

P

M2

)
. (15)

This reduces to the standard Hawking form for M �
MP but it remains finite instead of diverging at the
Planck mass itself.

Whatever the cause of their stability, Planck mass
relics would provide a possible cold dark matter candi-
date [103]. Indeed this leads to the “relics” constraints
indicated in Fig.1, Fig.2 and Fig.3. In particular, such
relics could be left over from inflation [12, 18]. If the
relics have a mass κMP , then the requirement that
they have less than the critical density implies [32]

β(M) < 10−27κ−1(M/MP )3/2 (16)

for the mass range

(TRH/TP )−2MPl < M < 1011κ2/5MP . (17)

The upper mass limit arises because PBHs larger than
this dominate the total density before they evapo-
rate. Producing a critical density of relics obviously
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requires fine-tuning of the index n. Also one needs
n ≈1.3, which is barely compatible with the WMAP
results [5, 9]. Nevertheless, this is possible in princi-
ple. In particular, Chen [33] has argued that hybrid
inflation could produce relics from 105g PBHs formed
at 10−32s.

5. PBHS AS A PROBE OF HIGH ENERGY
PHYSICS

A black hole of mass M will emit particles like a
black-body of temperature [72]

T ≈ 1026

(
M

g

)−1

K ≈
(

M

1013g

)−1

GeV. (18)

This assumes that the hole has no charge or an-
gular momentum. This is a reasonable assumption
since charge and angular momentum will also be lost
through quantum emission but on a shorter timescale
than the mass [121]. This means that it loses mass at
a rate

Ṁ = −5 × 1025(M/g)−2f(M) g s−1 (19)

where the factor f(M) depends on the number of par-
ticle species which are light enough to be emitted by
a hole of mass M , so the lifetime is

τ(M) = 6 × 10−27f(M)−1(M/g)3 s. (20)

The factor f is normalized to be 1 for holes larger than
1017 g and such holes are only able to emit “mass-
less” particles like photons, neutrinos and gravitons.
Holes in the mass range 1015 g < M < 1017 g are
also able to emit electrons, while those in the range
1014 g < M < 1015 g emit muons which subsequently
decay into electrons and neutrinos. The latter range
includes, in particular, the critical mass for which τ
equals the age of the Universe.

Once M falls below 1014g, a black hole can also
begin to emit hadrons. However, hadrons are com-
posite particles made up of quarks held together by
gluons. For temperatures exceeding the QCD confine-
ment scale of ΛQCD = 250−300 GeV, one would there-
fore expect these fundamental particles to be emitted
rather than composite particles. Only pions would be
light enough to be emitted below ΛQCD. Since there
are 12 quark degrees of freedom per flavour and 16
gluon degrees of freedom, one would also expect the
emission rate (i.e. the value of f) to increase dramat-
ically once the QCD temperature is reached.

The physics of quark and gluon emission from black
holes is simplified by a number of factors [104]. Firstly,
one can show that the separation between succes-
sively emitted particles is about 20 times their wave-
length, which means that short range interactions be-
tween them can be neglected. Secondly, the condition

T > ΛQCD implies that their separation is much less
than Λ−1

QCD ≈ 10−13cm (the characteristic strong in-
teraction range) and this means that the particles are
also unaffected by strong interactions. The implica-
tion of these three conditions is that one can regard
the black hole as emitting quark and gluon jets of the
kind produced in collider events. The jets will decay
into hadrons over a distance which is always much
larger than the size of the hole, so gravitational ef-
fects can be neglected. The hadrons may then decay
into astrophysically stable particles through weak and
electomagnetic decays.

To find the final spectra of stable particles emitted
from a black hole, one must convolve the Hawking
emission spectrum with the jet fragmentation func-
tion. This gives the instantaneous emission spectrum
shown in Fig.4 for a T = 1 GeV black hole [106]. The
direct emission just corresponds to the small bumps
on the right. All the particle spectra show a peak
at 100 MeV due to pion decays; the electrons and
neutrinos also have peaks at 1 MeV due to neutron
decays. In order to determine the present day back-
ground spectrum of particles generated by PBH evap-
orations, one must first integrate over the lifetime of
each hole of mass M and then over the PBH mass
spectrum [106]. In doing so, one must allow for the
fact that smaller holes will evaporate at an earlier cos-
mological epoch, so the particles they generate will be
redshifted in energy by the present epoch.

Figure 4: Instantaneous emission from a 1 GeV black
hole

If the holes are uniformly distributed throughout
the Universe, the background spectra should have the
form indicated in Fig.5. All the spectra have rather
similar shapes: an E−3 fall-off for E > 100 MeV due
to the final phases of evaporation at the present epoch
and an E−1 tail for E < 100 MeV due to the frag-
mentation of jets produced at the present and earlier
epochs. Note that the E−1 tail generally masks any
effect associated with the mass spectrum of smaller
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PBHs which evaporated at earlier epochs [27].
The situation is more complicated if the PBHs evap-

orating at the present epoch are clustered inside our
own Galactic halo (as is most likely). In this case, any
charged particles emitted after the epoch of galaxy for-
mation (i.e. from PBHs only somewhat smaller than
M∗) will have their flux enhanced relative to the pho-
ton spectra by a factor ξ which depends upon the halo
concentration factor and the time for which particles
are trapped inside the halo by the Galactic magnetic
field. This time is rather uncertain and also energy-
dependent. At 100 MeV one has ξ ∼ 103 for electrons
or positrons and ξ ∼ 104 for protons and antiprotons.
MacGibbon & Carr [105] first used the observed cos-
mic ray spectra to constrain ΩPBH but their estimates
have recently been updated.

Figure 5: Spectrum of particles from uniformly
distributed PBHs

5.1. Gamma-Rays

EGRET observations [133] give a γ-ray background
of

dFγ

dE
= 7.3 × 10−14

(
E

100MeV

)−2.10

cm−3GeV−1

(21)
between 30 MeV and 120 GeV. This leads to an upper
limit [31]

ΩPBH ≤ (5.1 ± 1.3) × 10−9h−2, (22)

where h is the Hubble parameter in units of 100. This
is a refinement of the original Page-Hawking limit, but
the form of the spectrum suggests that PBHs do not
provide the dominant contribution. If PBHs are clus-
tered inside our own Galactic halo, then there should
also be a Galactic γ-ray background and, since this
would be anisotropic, it should be separable from the
extragalactic background. The ratio of the anisotropic

to isotropic intensity depends on the Galactic longti-
tude and latitude, the Galactic core radius and the
halo flattening. Wright claims that such a halo back-
ground has been detected [138]. His detailed fit to
the EGRET data, subtracting various other known
components, requires the PBH clustering factor to be
(2 − 12) × 105h−1, comparable to that expected.

5.2. Antiprotons and Antideuterons

Since the ratio of antiprotons to protons in cos-
mic rays is less than 10−4 over the energy range
100 MeV − 10 GeV, whereas PBHs should produce
them in equal numbers, PBHs could only contribute
appreciably to the antiprotons [135]. It is usually as-
sumed that the observed antiproton cosmic rays are
secondary particles, produced by spallation of the in-
terstellar medium by primary cosmic rays. However,
the spectrum of secondary antiprotons should show a
steep cut-off at kinetic energies below 2 GeV, whereas
the spectrum of PBH antiprotons should increase with
decreasing energy down to 0.2 GeV. Also the antipro-
ton fraction should tend to 0.5 at low energies, so these
features provide a distinctive signature [95].

MacGibbon & Carr originally calculated the PBH
density required to explain the interstellar antipro-
ton flux at 1 GeV and found a value somewhat larger
than the γ-ray limit [105]. More recent data on the
antiproton flux below 0.5 GeV comes from the BESS
balloon experiment [142] and Maki et al. [111] have
tried to fit this data in the PBH scenario. They model
the Galaxy as a cylindrical diffusing halo of diame-
ter 40 kpc and thickness 4-8 kpc and then use Monte
Carlo simulations of cosmic ray propagation. A com-
parison with the data shows no positive evidence for
PBHs (i.e. there is no tendency for the antiproton
fraction to tend to 0.5 at low energies) but they re-
quire the fraction of the local halo density in PBHs
to be less than 3 × 10−8 and this is stronger than the
γ-ray background limit. A more recent attempt to fit
the observed antiproton spectrum with PBH emission
comes from Barrau et al. [7] and is shown in Fig.6.
PBHs might also be detected by their antideuteron
flux [8].

5.3. PBH Explosions

One of the most striking observational consequences
of PBH evaporations would be their final explosive
phase. However, in the standard particle physics pic-
ture, where the number of elementary particle species
never exceeds around 100, the likelihood of detecting
such explosions is very low. Indeed, in this case, ob-
servations only place an upper limit on the explosion
rate of 5 × 108pc−3y−1 [4, 129]. This compares to
Wright’s γ-ray halo limit of 0.3 pc−3y−1 [138] and the
Maki et al. antiproton limit of 0.02 pc−3y−1 [111].
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Figure 6: Comparison of PBH emission and antiproton
data from Barrau et al.

However, the physics at the QCD phase transition
is still uncertain and the prospects of detecting explo-
sions would be improved in less conventional particle
physics models. For example, in a Hagedorn-type pic-
ture, where the number of particle species exponen-
tiates at the the quark-hadron temperature, the up-
per limit is reduced to 0.05 pc−3y−1 [51]. Cline and
colleagues have argued that one might expect the for-
mation of a QCD fireball at this temperature [37, 38]
and this might even explain some of the short period
γ-ray bursts observed by BATSE [40]. They claim to
have found 42 candidates of this kind and the fact
that their distribution matches the spiral arms sug-
gests that they are Galactic [39]. Although this pro-
posal is speculative and has been disputed [59], it has
the attraction of making testable predictions (eg. the
hardness ratio should increase as the duration of the
burst decreases). A rather different way of producing
a γ-ray burst is to assume that the outgoing charged
particles form a plasma due to turbulent magnetic
field effects at sufficiently high temperatures [15].

Some people have emphasized the possibility of de-
tecting very high energy cosmic rays from PBHs using
air shower techniques [42, 66, 98]. However, this is
refuted by the claim of Heckler [76] that QED inter-
actions could produce an optically thick photosphere
once the black hole temperature exceeds Tcrit = 45
GeV. In this case, the mean photon energy is reduced
to me(TBH/Tcrit)1/2, which is well below TBH , so the
number of high energy photons is much reduced. He
has proposed that a similar effect may operate at even
lower temperatures due to QCD effects [77]. Several
groups have examined the implications of this pro-
posal for PBH emission [40, 88]. However, these ar-

guments should not be regarded as definitive since
MacGibbon et al. claim that QED and QCD inter-
actions are never important [108].

6. PBHS AS A PROBE OF QUANTUM
GRAVITY

In “brane” versions of Kaluza-Klein theory, some
of the extra dimensions can be much larger than
the usual Planck length and this means that quan-
tum gravity effects may become important at a much
smaller energy scale than usual. If the internal space
has n dimensions and a compact volume Vn, then
Newton’s constant GN is related to the higher di-
mensional gravitational constant GD and the value
of the modified Planck mass MP is related to the
usual 4-dimensional Planck mass M4 by the order-
of-magnitude equations:

GN ∼ GD/Vn, Mn+2
P ∼M2

4 /Vn. (23)

The same relationship applies if one has an infinite
extra dimension but with a “warped” geometry, pro-
vided one interprets Vn as the “warped volume”. In
the standard model, Vn ∼ 1/Mn

4 and so MP ∼ M4.
However, with large extra dimensions, one has Vn �
1/Mn

4 and so MP �M4.

6.1. Black Hole Production at
Accelerators

One exciting implication of these scenarios is that
quantum gravitational effects may arise at the exper-
imentally observable TeV scale. If so, this would have
profound implications for black hole formation and
evaporation since black holes could be generated in
accelerator experiments, such as the Large Hadron
Collider (LHC). Two partons with centre-of-mass en-
ergy

√
s will form a black hole if they come within

a distance corresponding to the Schwarzschild radius
rS for a black hole whose mass MBH is equivalent to
that energy [45, 56, 128]. Thus the cross-section for
black hole production is

σBH ≈ πr2SΘ(
√
s−Mmin

BH ) (24)

where Mmin
BH is the mass below which the semi-

classical approximation fails. Here the Schwarzschild
radius itself depends upon the number of internal di-
mensions:

rS ≈ 1
MP

(
MBH

MP

)1/(1+n)

, (25)

so that σBH ∝ s2/(n+1). This means that the cross-
section for black hole production in scattering exper-
iments goes well above the cross-section for the stan-
dard model above a certain energy scale and in a way
which depends on the number of extra dimensions.
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The evaporation of the black holes produced in this
way will produce a characteristic signature [45, 56,
128] because the temperature and lifetime of the black
holes depend on the number of internal dimensions:

TBH ∼ n+ 1
rS

, τBH ∼ 1
MP

(
MBH

MP

)(n+3)/(n+1)

.

(26)
Thus the temperature is decreased relative to the stan-
dard 4-dimensional case and the lifetime is increased.
The important qualitative effect is that a large frac-
tion of the beam energy is converted into transverse
energy, leading to large-multiplicity events with many
more hard jets and leptons than would otherwise be
expected. In principle, the formation and evaporation
of black holes might be observed by the LHC when
it turns on in 2007 and this might also allow one to
experimentally probe the number of extra dimensions.
On the other hand, this would also mean that scat-
tering processes above the Planck scale could not be
probed directly because they would be hidden behind
a black hole event horizon.

Similar effects could be evident in the interaction
between high energy cosmic rays and atmospheric nu-
cleons. Nearly horizontal cosmic ray neutrinos would
lead to the production of black holes, whose decays
could generate deeply penetrating showers with an
electromagnetic component substantially larger than
that expected with conventional neutrino interactions.
Several authors have studied this in the context of the
Pierre Auger experiment, with event rates in excess
of one per year being predicted [6, 50, 128]. Indeed
there is a small window of opportunity in which Auger
might detect such events before the LHC.

6.2. PBHs and Brane Cosmology

The black holes produced in accelerators should not
themselves be described as “primordial” since they do
not form in the early Universe. On the other hand,
it is clear that the theories which predict such pro-
cesses will also have profound implications for PBHs
because, at sufficiently early times, the effects of the
extra dimensions must be cosmologically important.
Such effects are not fully understood but studies of
PBH formation and evaporation in brane cosmology
are beginning to explore them.

Brane cosmology modifies the standard PBH for-
mation scenario. In particular, in Randall-Sundrum
type II scenarios, a ρ2 term appears in the Friedmann
equation and this dominates the usual ρ term for

T > 1018(l/lP )−1/4GeV (27)

where l is the scale of the extra dimension. This
exceeds 1 TeV for l < 0.2 mm. Black holes which
are smaller than l are effectively 5-dimensional. This

means that they are cooler and evaporate more slowly
than in the standard scenario:

TBH ∝M−1/2, τ ∝M2. (28)

The critical mass for PBHs evaporating at the present
epoch is in the range 3 × 109g to 4 × 1014g. This
modifies all the standard PBH evaporation constraints
[36, 65, 89] and, if some cosmic rays come from PBHs,
it means that these could probe the extra dimensions
[130]. Another complication is that accretion could
dominate evaporation during the era when the ρ2 term
dominates the ρ term in the Friedmann equation [113].

7. CONCLUSIONS

We have seen that PBHs could be used to study
the early Universe, gravitational collapse, high en-
ergy physics and quantum gravity. In the “early Uni-
verse” context, useful constraints can be placed on
inflationary scenarios and gravitational memory. In
the “gravitational collapse” context, the existence of
PBHs could provide a test of critical phenomena. In
the “high energy physics” context, information may
come from observing cosmic rays from evaporating
PBHs since the constraints on the number of evaporat-
ing PBHs imposed by gamma-ray background obser-
vations do not exclude their making a significant con-
tribution to the Galactic flux of electrons, positrons
and antiprotons. Evaporating PBHs may also be de-
tectable in their final explosive phase as gamma-ray
bursts if suitable physics is invoked at the QCD phase
transition. In the “quantum gravity” context, the for-
mation and evaporation of small black holes could be
observable in cosmic ray events and accelerator exper-
iments if the quantum gravity scale is around a TeV.
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 Dark Energy Stars 
G. Chapline  
LLNL, Livermore, CA 94025, USA 

Event horizons and closed time-like curves cannot exist in the real world for the simple reason that they are inconsistent with 
quantum mechanics. Following ideas originated by Robert Laughlin, Pawel Mazur, Emil Mottola, David Santiago, and the 
speaker it is now possible to describe in some detail what happens physically when one approaches and crosses a region of 
space-time where classical general relativity predicts there should be an infinite red shift surface. This quantum critical physics 
provides a new perspective on a variety of enigmatic astrophysical phenomena including supernovae explosions, gamma ray 
bursts, positron emission, and dark matter.,  

 

1. INTRODUCTION 

The picture of gravitational collapse provided by 
classical general relativity cannot be physically correct 
because it conflicts with ordinary quantum mechanics. 
For example, an event horizon makes it impossible to 
everywhere synchronize atomic clocks. As an 
alternative it has been proposed that the vacuum state 
has off-diagonal order, and that space-time undergoes a 
continuous phase transition near to where general 
relativity predicts there should be an event horizon. For 
example, it is expected that gravitational collapse  of 
objects with masses greater than a few solar masses 
should lead to the formation of a compact object whose 
surface corresponds to a quantum critical surface for 
space-time, and whose interior differs from ordinary 
space-time only in having a much larger vacuum 
energy [1]. I call such an object a “dark energy star“.  

The behavior of matter approaching such a quantum 
critical surface can be surmised from the behavior in 
the laboratory of real materials near to a quantum 
critical point. One prediction is that nucleons will 
decay upon hitting the surface of massive compact 
objects. Observation of positron emission from the 
center of our galaxy may be evidence for the  quantum 
critical nature of the surface of the compact object at 
the center of our galaxy as well as the Georgi-Glashow 
picture for nucleon decay. It could also be true that 
ordinary space-time is close to being quantum critical; 
indeed, we will suggest that this may be the 
explanation for dark matter. 

2. QUANTUM MECHANICS AND 
RELATIVISTIC ASTROPHYSICS 

2.1. Wrong Turn at Chapel Hill 

In the 1950s a consensus was reached, partly as a 
result of meetings such as famous meeting at Chapel 
Hill in 1957, that although quantum effects might be 
important blow some very small distance, on any 
macroscopic scale the predictions of classical general 
relativity (GR) should be taken seriously. In the 
summer of 2000 Bob Laughlin and I realized that this 
cannot possibly be correct. Indeed I am sure it will be a 
puzzle to future historians of science as to why it took 
so long to realize this. 

The fundamental reason for the tension between 
quantum mechanics and GR is the lack of a universal 
time in GR. A number of arguments can be advanced as 
to why quantum mechanics requires a universal time. 
The simplest argument is what time does one mean 
when one writes down Schrodinger's equation? More 
subtle arguments involve the existence of non-local 
correlations. These non-local correlations can exist over 
cosmological distances (as in Wheeler’s delayed choice 
experiment) and require collapse of the wave function 
to occur over such distances simultaneously with the 
measurement. At a minimum the notion of simultaneity 
requires a synchronous coordinate system for space-
time. It should also be kept in mind that physical 
synchronization of clocks requires 2-way 
communication between the clocks. 

The validity of ordinary quantum mechanics requires 
a universal time, which in turn seems to favor space-
times where it is possible to introduce a “synchronous 
coordinate system”. In such a coordinate system the 
off-diagonal components of the metric g0i have been 
transformed to zero, and there is a universal time 
coordinate.  As it happens though there exist solutions 
of the Einstein field equations where it is not possible to 
introduce a synchronous coordinate system. 

The most spectacular examples of solutions to the 
Einstein equations where the classical behavior of 
space-time is inconsistent with the existence of a 
universal time are the rotating space-times; the most 
famous example being the Godel universe. In these 
cases universal time fails because the classical space-
time manifold contains closed time-like curves. Godel 
thought that this indicated that there was something 
wrong with the intuitive notion of time itself. However 
we prefer to view this strange behavior as an example 
of the failure of classical general relativity on 
cosmological length scales. (a view shared by Einstein).  

2.2. Space-time and Superfluidity 

If one visualizes the vacuum as analogous to the 
ground state of a condensed matter system and ordinary 
matter as analogous to excited states of this system, 
then it follows that the atoms in the condensed matter 
system must move without collective rotation. Indeed, 
in a coordinate system that is comoving with the 
collective motion of the atoms the contravariant 4-
velocity is just u = 1 and u = 0. In a synchronous 
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coordinate system the covariant 4-velocity would then 
be u = 1 and u = 0. Consequently, in a non-co-moving 
coordinate system the 3-velocity v would satisfy curl v 
= 0. This condition suggests that an appropriate model 
for the vacuum of space-time is a superfluid .  

2.3. Black Holes and Quantum 
Mechanics 

One thing that is wrong with black holes vis a vie 
quantum mechanics is the existence of a space-like 
singularity which destroys quantum information. A 
more profound difficulty, though, is the presence of an 
infinite red-shift surface, i.e. an event horizon, whose 
existence precludes being able to establish a universal 
time based on sychronization of atomic clocks. A 
simple way to see this is to try and use GPS-like 
coordinates to map out space time (as was suggested 
by John Synge in 1921). In the case of spherical 
symmetry this would appear to require just 1 satellite, 
and allows one to introduce coordinates x0 = 1/2 ( t1 - 
t2) and x1 = 1/2 ( t1 + t2), where t1 and t2 are the 
transmission and reception times at the satellite. One 
can show in the case of a Schwarzshild BH that ds^2 = 
( 1- r_g/r) ( dx0^2 - dx1^2) . Obviously the GPS 
scheme with one satellite doesn't work for r < 
Schwarzchild radius. In the case of a Schwarzshild BH 
one would need two independent satellites: one outside 
the event horizon and one inside the event horizon. In 
addition the reading on the atomic clock inside the 
horizon doesn’t correspond to a universal time.  

In the case of extremely large masses the spatial 
curvature near the event horizon can be very small. 
Therefore, one might question whether quantum 
corrections to classical GR can be important under 
circumstances where at least locally space-time appears 
to be quite ordinary. The answer was supplied many 
years ago by David Boulware [2], who showed that 
quantum Green’s functions near to an event horizon 
have a cusp-like behavior, regardless of the size of the 
horizon.   

2.4. A Simple Thought Experiment 

  A simple thought experiment makes it clear why it is 
wrong to assume that classical GR is always correct on 
macroscopic length scales. Imagine that a Bose 
superfluid is confined in a vertical column. As a result 
of the increasing pressure in the fluid as a function of 
depth it could happen that at a certain depth the speed 
of sound vanishes. . What is noteworthy about this 
setup is that the behavior of sound waves near to the 
critical surface is both well defined, and up to a certain 
distance from the critical surface, qualitatively 
indistinguishable from the classical behavior of light 
outside the event horizon of a Schwarzschild black 
hole.        
  It follows from the Schrodinger equation for a 
superfluid that the dispersion relation for small 

amplitude waves approaching a critical surface in a 
superfluid will have the form [1]  
 

           
  
hωq  = 

  

hvsq( )2 +
h

2q2

2m

   

   
      

   

   
      

2

,                      (1)  

 
where vs is the velocity of sound in the superfluid. In 
the case of a black hole vs corresponds to c(z/2Rg ), 
where Rg = 2GM /c2 is the Schwarzschild radius. It 
follows from Eq. (1) that when relativistic particles 
approach to within a distance   
 

   z* = Rg   hω 2mc2
                           (2) 

 
from the critical surface they will begin to behave like 
non-relativistic particles with mass m.  
   As developed previously [1] the surface where the 
velocity of sound vanishes in our superfluid column ic 
completely analogous to the event horizon of a classical 
black hole. However, in contrast with the behavior of 
waves or particles as they cross the event horizon of a 
classical black hole, the sound waves in our thought 
experiment would not pass through the critical surface 
in an uneventful way. There are two effects in particular 
that will be important for us. First, in accordance with 
Eq. (1) the frequency of the waves will become a 
quadratic function of wave number as they approach the 
critical surface. Secondly above a certain frequency Q0 
the waves will become unstable as they cross the 
critical surface due to 4-point quantum critical 
interactions. 
   On the basis the behavior of sound waves in our 
thought experiment (which coincides with the general 
behavior of real materials near to a quantum critical 
point), we surmise that when matter approaches to 
within a distance z* from where GR predicts there 
should be an event horizon surface ordinary elementary 
particles morph into heavy non-relativistic-like 
particles. Since particle interactions in the critical 
region take place at very high energies as viewed form 
a distance, one might imagine that these interactions 
have a universal strength. The universal rate for 
particle decays would be 

 

              1/τ =   hω 2 /mc 2  ,                        (3) 
 

where m is a mass on the order of the Planck mass. 
Because of  the ω2 dependence in Eq (3), the decay rate 
will be fastest for those constituent particles with the 
highest intrinsic energies under ordinary circumstances; 
i.e. the quarks and gluons inside nucleons.  
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Figure 1: Particle interactions near to the surface of a dark energy star. 

 
 
 

 
 

 
Figure 2: Positron spectrum for 106 solar mass dark energy star. 
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3. DARK ENERGY STARS 

  The new picture that emerges for compact objects is that 
the interior space-time of the compact object looks like 
ordinary space-time except that that the vacuum energy is 
much larger than the cosmological vacuum energy. There 
is no singularity in the interior. The time dilation factor for 
the interior metric is positive ( in sharp contrast with the 
bizarre negative time dilation factor predicted by classical 
GR), but approaches zero as one approaches the event 
horizon surface. Near the event horizon classical GR 
breaks down, and one needs new physics to describe the 
transition from the interioir to the exterior. From the point 
of view of GR this transition layer must have unusual 
properties in order to support large stresses.  However, it 
appears that these objects can be mechanically stable [3]. 
  In the superfluid model the surface of a compact object is 
a quantum critical shell with thickness z*.  When ordinary 
elementary particles enter this quantum critical region they 
morph into heavy particles in accord with Eq. (1). In 
addition they undergo  4-point interactions as shown in Fig. 
2. As a result of these 4-point interactions particles can 
decay; particular particles whose energy before falling into 
the compact object exceeded Q0.= 100 MeV √(Mo/M), 
where Mo is a solar mass. The quarks and gluons inside 
nucleons have energies that exceed this limit for both 
collapsed stars and the compact objects at the center of 
galaxies. Thus a signature for the existence of dark energy 
stars will be nucleon decay [4].  
  In the Georgi-Glashow grand unified model nucleons can 
decay; e. g. via a process where a quark decays into a 
positron and two antiquarks. As it happens an excess of 
positrons has actually been observed in the vicinity of the 
center of our galaxy, and there is no conventional 
explanation for these positrons.  Indeed this may be the 
best evidence to date for dark energy stars 

Constituent particles with energies less than the cutoff 
frequency Q0 will pass through the critical surface, follow 
diverging geodesics in the interior of a dark energy star, 
and reemerge through the critical surface. However, for Q 
> Q0 some of these particles will decay as they pass 
through the critical surface, leading to decay products 
directed backwards from the surface of the dark energy 
star. It’s a matter of the geometry of geodesics that this 
radiation will be beamed backwards in a direction 
perpendicular to the critical surface and of non-relativistic 
kinematics that the spectrum of the backward directed 
radiation has a universal form analogous to the Kurie plot 
for beta decay [1]. The universal spectrum for positrons 
from nucleon decay is shown in Fig. 2 in the case of a 106 
Mo mass compact object. The Mev energies of these 
positrons is consistent with the observed spatial 
distribution of 511 keV annihilation radiation in the 

galactic bulge. It is interesting that the positron energy 
spectrum shown in Fig.2 is also qualitatively similar to the   
spectrum of gamma rays seen in many gamma ray bursts, 
This suggests that gamma ray bursts may have their origin 
in matter falling onto the surface of a dark energy star.  In 
the Georgi-Glashow model these gamma rays would not 
produced directly from nucleon decays, but indirectly from 
interactions of the decay products during their escape. 

Many other aspects of dark energy stars have observable 
consequences. For example, dark energy stars have a well-
defined specific heat, which is quite large; it differs from 
the usual specific heat of vacuum by a factor on the order 
of the Planck mass divided by the temperature. This leads 
to virial temperatures in the infrared, as opposed to a 
temperature leading to x-ray emission in the case of 
neutron stars. Thus matter falling onto massive dark 
energy stars could lead infrared transients. 

4. DARK MATTER  

The point mentioned earlier that the event horizon 
surface in classical GR can occur in a region of space-time 
that is nearly flat leads to the question as to whether our 
local space-time could be near to a quantum critical 
instability. We will turn this question on its head by 
suggesting that the Robertson_Walker space-time with 
which we are familiar may indeed be near to such an 
instability. In fact, a signal that ordinary materials are  
close to a critical point is that many small regions of the 
other phase appear. Applied to our local space-time, this 
might be interpreted to mean that we should be surrounded 
by a large number of primordial dark energy stars. Is this 
the cosmological dark matter?  
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Measurement of the PPN Parameter γ with Radio Signals from the Cassini

Spacecraft at X- and Ka-Bands

John D. Anderson, Eunice L. Lau, and Giacomo Giampieri∗
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Radio Doppler data from the Cassini spacecraft during its solar conjunction in June 2002 can be used to measure
the bending of light by solar gravitation. In terms of the standard post-Newtonian parameter γ, we find that
γ − 1 = (−1.3 ± 5.2) × 10−5, in agreement with the theory of General Relativity. This result implies that the
parameter ω in the Brans-Dicke theory is greater than 9000 at a 95% confidence level.

1. INTRODUCTION

The Cassini spacecraft, currently orbiting Saturn, is
equipped with multi-frequency radio links dedicated
to Radio Science Doppler experiments. During the
Cassini Mission’s cruise phase between Jupiter and
Saturn, two relativity tests were planned, one for the
solar conjunction of 2002 (SCE1) and the other for
the conjunction of 2003 (SCE2). However, after the
success of SCE1, hardware problems with the atti-
tude control system (ACS), in particular the reaction
wheels, caused the Cassini Project to cancel SCE2.
Data from only the 2002 conjunction are available for
a relativity test on the Cassini mission.

In addition to the favorable multi-link tracking, the
SCE1 experiment was carried out on reaction wheels
for an interval of 30 days, with no thrusting by the
ACS for attitude control, thereby minimizing the ef-
fects of nongravitational forces on the spacecraft tra-
jectory. Outside of the loss of some Doppler data
prior to conjunction, because of temporary problems
with a Ka-Band transmitter at the Goldstone station
(DSS25) of the Deep Space Network (DSN), the ex-
periment went exactly as planned.

2. THEORETICAL BACKGROUND

According to the theory of General Relativity
(GRT), a light ray propagating in the Sun’s gravi-
tational field is effectively refracted, with the vacuum
index of refraction n augmented by a refractivity in-
versely proportional to the distance r from the Sun’s
center of mass.

The gravitational field causes ray bending towards
the Sun’s center, one of the classical GRT tests, and in
addition, electromagnetic waves are time delayed and
frequency shifted[1]. In terms of the Sun’s Schwarz-
schild radius, Rg = 2GM�/c2 = 2.9532 km, the effec-

∗Electronic address: john.d.anderson@jpl.nasa.gov,eunice.

l.lau@jpl.nasa.gov,giacomo.giampieri@jpl.nasa.gov

tive refractivity to first order in Rg/R� is given by,

n = 1 +
1 + γ

2

Rg

r
. (1)

where γ (exactly unity in GRT) is a post Newtonian
parameter (PPN) that measures the amount of space
curvature produced by solar gravity[2]. Time-delay
tests became feasible in the 1960’s with the advent of
radar ranging to planets and radio ranging to space-
craft, as pointed out by Shapiro[3]. The excess gravi-
tational time delay ∆t can be derived from Eq. 1 for
a two-way signal transmitted from Earth (uplink), re-
ceived by a spacecraft, and transmitted back to Earth
(downlink). The result for electromagnetic propaga-
tion between point 1 and point 2 in heliocentric coor-
dinates is[4],

∆t = (1 + γ)
Rg

c
ln

(

r1 + r2 + r12 +
(

1+γ
2

)

Rg

r1 + r2 − r12 +
(

1+γ
2

)

Rg

)

(2)
where r1 is the heliocentric coordinate distance to
point 1, r2 is the distance to point 2, and r12 is the
distance between point 1 and point 2. The term in
Rg inside the natural logarithm results from an in-
tegration of the coordinate speed of light (v < c)
along the curved path between point 1 and point 2.
Eq. 2 is the expression actually coded in the software
used for our data analysis, JPL’s Orbit Determination
Program (ODP). Doppler data are represented in the
ODP as differenced range by Eq. 2. Before SCE1, ra-
dio ranging to Viking Landers on the surface of Mars
provided the most accurate measurement of γ (1.000
± 0.002)[5].

3. CASSINI RADIO SCIENCE DATA

Ideally, a Doppler experiment generates continu-
ous phase data (cycle count) for several days about
conjunction, thereby providing accumulative range-
change information to much better accuracy than the
ranging data, which is limited by about a seven meter
random error. In practice, the Cassini Doppler experi-
ment relies on non continuous Doppler data, with each
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measurement integrated over an interval TC = 300 s.
The Doppler data is effectively a time series of fre-
quency measurements, averaged over each TC inter-
val, but with both small gaps of several minutes and
large gaps of about 16 hours or more. Only one sta-
tion of the DSN, DSS25 at Goldstone California, is
equipped with a Ka-Band (34,316 MHz) transmitter,
required for full Doppler accuracy, hence continuous
data is impossible.

Here we present results for an independent analy-
sis of closed-loop (CL) Doppler data retrieved from
the Navigation System at JPL. A separate analysis,
using open-loop (OL) data from JPL’s Radio Science
System, has been reported elsewhere[6].

3.1. Dual-Band Plasma Calibration

Any plasma along the ray path between the space-
craft and the DSN station produces a ray deflection
and consequently a Doppler frequency shift. However,
unlike the GRT effect, the plasma contribution to the
signal is dispersive, proportional to the inverse square
of the X- and Ka-Band frequencies, and it has op-
posite sign. The simultaneous X-Band Doppler data
(7,175 MHz uplink, 8,425 MHz downlink) and Ka-
Band Doppler data (34,316 MHz uplink, 32,028 MHz
downlink) can be linearly combined to yield Doppler
data which are significantly less noisy than either link
alone, unless the ray path is close to conjunction where
the technique fails.

The plasma noise is highly variable over all time
scales, depending primarily on solar activity, in par-
ticular solar flares, coronal holes, and solar rotation.
Because of stochastic plasma variability, the real as-
sessment of how well the dual-band plasma correction
works can be determined only by doing it. In fact it
works very well for the SCE1 CL data. The algorithm
for the corrections, in terms of the observed fractional
frequency shifts at X-Band yX and Ka-Band yKa, is[7]

y = 1.0575901yKa − 0.0575901yX (3)

where y designates the plasma-corrected fractional fre-
quency shift. We multiply y by the downlink X-Band
frequency on the data file (∼ 8,425 MHz), and make
a new file of X-Band data for further processing and
analysis by the ODP.

3.2. Doppler Calibration for Earth’s

Troposphere

The Cassini radio signals are nondispersively re-
fracted in the Earth’s troposphere with a correspond-
ing Doppler shift, a potential major error source for
the SCE1 experiment. Tropospheric delay is a func-
tion of the spacecraft’s elevation angle above the hori-
zon, the altitude of the station above sea level, and

weather data on atmospheric pressure, temperature,
and relative humidity. As the refractive properties of
atmospheric gases behave differently from the water
vapor, the tropospheric delay is partitioned into two
components, the wet delay hwet and the dry delay
hdry.

We use an ODP model based on weather data for
purposes of removing a long-term trend (∼ 6 hr) in the
wet and dry components, and correct for short-term
variations (∼ 30 s) in the wet component by means
of a stochastic component in the DSN’s water-vapor
radiometry data (AWVR) for path delay. It is not
obvious that this scheme is anywhere near optimum,
but indeed it does quite a good job in calibrating the
plasma-calibrated data for the Earth’s troposphere,
the final step in our data processing before the data
analysis phase. The tropospheric noise floor in frac-
tional frequency of about 4.2 × 10−14 at 300 s sample
interval is reduced to a floor of about 2 × 10−14 on
average, and better than that between a region of 25
and 33 solar radii. Inside about 13 solar radii from
the Sun’s center, the plasma noise dominates the er-
ror budget, not the tropospheric noise.

The troposphere calibration also results in the loss
of some points that are not obvious outliers at the
plasma-calibration stage, or that are not improved by
the AWVR data because of radiometer down time.
The number of points on our data file after plasma
calibration is 1697. After troposphere calibration,
the number of points is reduced to 1575 points in
17 passes. A similar loss of points is claimed in the
OL data processing[6], but there the final number of
points is 1094 in 18 passes. We have retained about
52% more points in our CL analysis.

4. DATA ANALYSIS AND RESULTS

Our data processing is complete and we have gen-
erated a processed data file with 1575 Doppler points
calibrated for plasma and the Earth’s troposphere.
The most straightforward analysis of this file involves
weighting each pass of Doppler data by the inverse of
the data variance for that pass, and letting the ODP
estimate a set of parameters by nonlinear least squares
with given starting values. This yields at least a local
minimum for chi squared (χ2). There are eight para-
meters in the fit, the Cartesian state for the spacecraft
trajectory (Cartesian vector position and vector veloc-
ity for six parameters), a constant acceleration ATAR
in the Spacecraft-Earth direction, and the PPN pa-
rameter γ. The initial conditions for the spacecraft
trajectory are the heliocentric Cartesian position and
velocity in Earth-equatorial coordinates of J2000 at
epoch 6 June 2002 20:42:04.1848 ET, the barycentric
coordinate time t used in the JPL ephemerides[4]. The
parameter ATAR is included for purposes of correct-
ing the ODP nongravitational model for the Cassini
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Table I Eight Parameters, Data in Four Batches

Parameter Estimate Standard Error

∆ X (km) -68.4 33.5

∆ Y (km) -166.1 103.4

∆ Z (km) -28.2 19.1

∆Ẋ (mm/s) 17.11 3.75

∆Ẏ (mm/s) -2.06 1.23

∆Ż (mm/s) -1.18 1.56

ATAR (10−13 km/s2) -61.38 1.57

γ − 1 (10−5) -1.3 5.2

χ2/(N-8) 0.966 N = 1575

spacecraft, most notably solar radiation pressure and
nonisotropic thermal emission produced by the space-
craft’s power subsystem. For this basic fit, χ2 is statis-
tically 4.6% too large, which suggests the weighting of
the data is a bit too optimistic. There are systematic
signals in the Doppler residuals as well.

The best fit to the data is obtained by splitting
it into batches and estimating ATAR as a stochastic
parameter. The result for four batches is shown in
Table I, with the errors adjusted to the best estimate
of random error.

The spacecraft initial conditions or state vector are
expressed as a correction to the state of the basic so-
lution. In this fit, χ2/(N-8) is less than one, with N =
1575. No systematic signal is obvious in the residuals,
unlike the basic fit. We adopt the batch-sequential fit
as our final result for these proceedings. The result
of the stochastic solution for ATAR is that the mean
in Table I is correct for all the data interval, except
for about nine days starting near conjunction on June
21 and ending on June 30, where the magnitude of
ATAR decreases by 0.26 × 10−13 km/s2, only 0.42%
of the total correction to the ODP model for nongrav-
itational forces. It is reasonable that the real acceler-
ation could change by this much over nine days. Al-
ternatively, there could be a drift in the Doppler data
for a few days after conjunction that is not removed
by the plasma calibration so near the solar limb.

The residuals from the batch-sequential fit split nat-
urally into symmetric pre and post conjunction resid-
uals with almost identical descriptive noise statistics
(see Fig. 1 and Fig. 2). This natural splitting does not
correspond to the batch intervals for the fit. There is
overlap. The batch-sequential fit eliminates system-
atic residuals, but not because of an overly restric-
tive limit on the time interval for each batch. The
residuals closest to conjunction are plotted in Fig 3.
These too would be symmetric about conjunction if
the Ka transmitter at DSS25 had not failed for four
scheduled passes just prior to conjunction. We deleted
data from the first pass immediately after conjunction
when the DSS25 Ka-Band transmitter recovered and

became operational again. Unfortunately, data within
one day of conjunction are useless, even with the Ka-
Band uplink. The units for the residuals in the plots
are µm/s. They have been converted from Doppler
residuals ∆ν in units of Hz for the processed X-Band
Doppler data by the formula vr = c∆ν/2ν, with ν
equal to the downlink frequency of 8,425 MHz and vr

the Doppler velocity.
The mean value of γ − 1 is at minus 0.25σ. If posi-

tive values of γ − 1 are ruled out, the 95% confidence
interval for γ − 1 is between −2.14σ and zero. We
conclude that in terms of the Brans-Dicke parameter
ω = (1 − 2γ)/(γ − 1), ω > 9000 with 95% confidence.

Acknowledgments

We thank JPL’s Radio Science Systems Group
for making available the second round of AWVR
processing and for many helpful discussions, espe-
cially Sami W. Asmar, Elias Barbinis and Gene L.
Goltz. The Cassini Navigation Team (Jeremy B.
Jones, Team Leader) provided helpful advice on the
CL data. We also thank the Cassini Radio Science
Team (Arvydas J. Kliore, Team Leader) for facilitat-
ing the SCE1 experiment, and the Cassini Project
(Robert T. Mitchell, Project Manager) for agreeing
in April 2001 to fully support SCE1. This work was
sponsored by the Cassini Project and was performed
at the Jet Propulsion Laboratory, California Institute
of Technology, under contract with NASA.

References

[1] O. I. Yakolev, Space Radio Science, (Taylor and
Francis, New York, 2002).

[2] C. M. Will, Theory and Experiment in Gravita-
tional Physics, Rev. ed., (Cambridge University
Press, Cambridge 1993).

[3] I. I. Shapiro, “Fourth Test of General Relativity,”
Phys. Rev. Lett. 13, 789-791 (1964).

[4] T. D. Moyer, Formulation for Observed and Com-

puted Values of Deep Space Network Data Types
for Navigation, JPL Publication 00-7 (2000).

[5] R. D. Reasenberg, et al., “Viking Relativity Exper-
iment: Verification of Signal Retardation by Solar
Gravity,” Astrophys. Jour. 234, L219-L221 (1979).

[6] B. Bertotti, L. Iess and P. Tortora, “A Test of Gen-
eral Relativity Using Radio Links with the Cassini
Spacecraft,” Nature 425, 374-376 (2003).

[7] B. Bertotti and G. Giampieri, “Solar Corona
Plasma in Doppler Measurements,” Solar Phys.
178, 85-107 (1998).

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0305



Figure 1: Plot of the pre conjunction residuals from the batch-sequential fit (N = 677, σ = 3.95 µm/s). The break
between the first and second batch occurs at about - 8 d

Figure 2: Plot of the post conjunction residuals from the batch-sequential fit (N = 652, σ = 3.98 µm/s). The break
between the third and fourth batch occurs at about 8 d.
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Figure 3: Plot of the residuals closest to conjunction from the batch-sequential fit (N = 246). Note the change in scale
from Fig. 1 and Fig. 2. The noise is not stationary. The break between the second and third batch occurs just prior to
conjunction.
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This paper discusses the Laser Astrometric Test Of Relativity (LATOR) mission. LATOR is a Michelson-Morley-
type experiment designed to test the pure tensor metric nature of gravitation - the fundamental postulate of
Einstein’s theory of general relativity. With its focus on gravity’s action on light propagation it complements
other tests which rely on the gravitational dynamics of bodies. By using a combination of independent time-
series of highly accurate gravitational deflection of light in the immediate proximity to the Sun along with
measurements of the Shapiro time delay on the interplanetary scales (to a precision respectively better than
10−13 radians and 1 cm), LATOR will significantly improve our knowledge of relativistic gravity. The primary
mission objective is to i) measure the key post-Newtonian Eddington parameter γ with accuracy of a part in
109. (1 − γ) is a direct measure for presence of a new interaction in gravitational theory, and, in its search,
LATOR goes a factor 30,000 beyond the present best result, Cassini’s 2003 test. Other mission objectives
include: ii) first measurement of gravity’s non-linear effects on light to ∼0.01% accuracy; including both the
traditional Eddington β parameter and also the spatial metric’s 2nd order potential contribution (never been
measured before); iii) direct measurement of the solar quadrupole moment J2 (currently unavailable) to accuracy
of a part in 200 of its expected size; iv) direct measurement of the “frame-dragging” effect on light by the
Sun’s rotational gravitomagnetic field to one percent accuracy. LATOR’s primary measurement pushes to
unprecedented accuracy the search for cosmologically relevant scalar-tensor theories of gravity by looking for a
remnant scalar field in today’s solar system. The key element of LATOR is a geometric redundancy provided
by the laser ranging and long-baseline optical interferometry. We discuss the mission and optical designs of this
proposed experiment.

1. INTRODUCTION

After almost ninety years since general relativity
was born, Einstein’s theory has survived every test.
Such longevity, of course, does not mean that this
theory is absolutely correct, but it serves to motivate
more accurate tests to determine the level of accuracy
at which it is violated. Einstein’s general theory of rel-
ativity (GR) began with its empirical success in 1915
by explaining the anomalous perihelion precession of
Mercury’s orbit, using no adjustable theoretical pa-
rameters. Shortly thereafter, Eddington’s 1919 obser-
vations of star lines-of-sight during a solar eclipse con-
firmed the doubling of the deflection angles predicted
by GR as compared to Newtonian-like and Equiva-
lence Principle arguments. This conformation made
the general theory of relativity an instant success.

From these beginnings, the general theory of rela-
tivity has been verified at ever higher accuracy. Thus,
microwave ranging to the Viking Lander on Mars
yielded accuracy ∼0.2% in the tests of GR [1–3].
Spacecraft and planetary radar observations reached
an accuracy of ∼0.15% [4]. The astrometric observa-
tions of quasars on the solar background performed
with Very-Long Baseline Interferometry (VLBI) im-
proved the accuracy of the tests of gravity to ∼0.045%
[5–7]. Lunar laser ranging, a continuing legacy of the
Apollo program, provided ∼0.011% verification of GR
via precision measurements of the lunar orbit [8–15].
Finally, the recent experiments with the Cassini space-
craft improved the accuracy of the tests to ∼0.0023%
[16]. As a result general relativity became the stan-

dard theory of gravity when astrometry and spacecraft
navigation are concerned.

However, the tensor-scalar theories of gravity, where
the usual general relativity tensor field coexists with
one or several long-range scalar fields, are believed
to be the most promising extension of the theoreti-
cal foundation of modern gravitational theory. The
superstring, many-dimensional Kaluza-Klein, and in-
flationary cosmology theories have revived inter-
est in the so-called ‘dilaton fields’, i.e. neutral
scalar fields whose background values determine the
strength of the coupling constants in the effective four-
dimensional theory. The importance of such theories
is that they provide a possible route to the quantiza-
tion of gravity and unification of physical law.

Recent theoretical findings suggest that the present
agreement between Einstein’s theory and experiment
might be naturally compatible with the existence of a
scalar contribution to gravity. In particular, Damour
and Nordtvedt [17] (see also [18] for non-metric ver-
sions of this mechanism and [19] for the recent sum-
mary of a dilaton-runaway scenario) have found that a
scalar-tensor theory of gravity may contain a ‘built-in’
cosmological attractor mechanism towards GR. A pos-
sible scenario for cosmological evolution of the scalar
field was given in [11, 17]. Their speculation assumes
that the parameter 1

2
(1 − γ) was of order of 1 in the

early universe, at the time of inflation, and has evolved
to be close to, but not exactly equal to, zero at the
present time. In fact, the analyzes discussed above not
only motivate new searches for very small deviations of
relativistic gravity in the solar system, they also pre-
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dict that such deviations are currently present in the
range from 10−5 to ∼ 5× 10−8 of the post-Newtonian
effects. This would require measurement of the effects
of the next post-Newtonian order (∝ G2) of light de-
flection resulting from gravity’s intrinsic non-linearity.
An ability to measure the first order light deflection
term at the accuracy comparable with the effects of
the second order is of the utmost importance for the
gravitational theory and is the challenge for the 21st
century fundamental physics.

When the light deflection in solar gravity is con-
cerned, the magnitude of the first order light deflection
effect, as predicted by GR, for the light ray just graz-
ing the limb of the Sun is ∼ 1.75 arcsecond. (Note
that 1 arcsecond ' 5 µrad; when convenient, below
we will use the units of radians and arcseconds in-
terchangeably.) The effect varies inversely with the
impact parameter. The second order term is almost
six orders of magnitude smaller resulting in ∼ 3.5 mi-
croarcseconds (µas) light deflection effect, and which
falls off inversely as the square of the light ray’s im-
pact parameter [21–23]. The smallness of the effects
emphasize the fact that, among the four forces of na-
ture, gravity is the weakest interaction; it acts at very
long distances and controls the large-scale structure
of the universe, thus, making the precision tests of
gravity a very challenging task.

This paper discusses the Laser Astrometric Test
of Relativity (LATOR) mission that is designed to
directly address the challenges outlined above with
an unprecedented accuracy [23]. LATOR will test
the cosmologically motivated theories that explain the
small acceleration rate of the Universe (aka dark en-
ergy) via modification of gravity at very large, horizon
or super-horizon distances. This solar system scale
experiment would search for a cosmologically-evolved
scalar field that is predicted by modern theories of
quantum gravity and cosmology, and also by super-
string and brane-world models [24]. The value of the
Eddington parameter γ may be holding a key answer
to the most fundamental questions about evolution of
the universe. In the low energy approximation suit-
able for the solar system, modern theories above pre-
dict measurable contributions to the parameter γ at
the level of (1 − γ) ∼ 10−6 − 10−8; detecting this de-
viation is the LATOR’s primary objective. With the
accuracy of one part in a billion, this mission could
discover a violation or extension of general relativ-
ity, and/or reveal the presence of any additional long
range interaction.

The paper is organized as follows: Section 2 pro-
vides the overview for the LATOR experiment in-
cluding the preliminary mission design. In Section 3
we discuss the current optical design for the LATOR
flight system. We also present the expected perfor-
mance for the LATOR instrument. Section 4 discusses
the next steps that will be taken in the development
of the LATOR mission.

2. THE LATOR MISSION

The LATOR mission architecture uses an evolving
light triangle formed by laser ranging between two
spacecraft (placed in ∼1 AU heliocentric orbits) and a
laser transceiver terminal on the International Space
Station (ISS: via European collaboration). The ob-
jective is to measure gravitational deflection of laser
light as it passes in extreme proximity to the Sun (see
Figure 1). To that extent, the long-baseline (∼100
m) fiber-coupled optical interferometer on the ISS
will perform differential astrometric measurements of
the laser light sources on the two spacecraft as their
lines-of-sight pass behind the Sun. As seen from the
Earth, the two spacecraft will be separated by about
1◦, which will be accomplished by a small maneuver
immediately after their launch [23]. This separation
would permit differential astrometric observations to
accuracy of ∼ 10−13 radians needed to significantly
improve measurements of gravitational deflection of
light by the solar gravity.

To enable the primary objective, LATOR will place
two spacecraft into a heliocentric orbit so that ob-
servations may be made when the spacecraft are be-
hind the Sun as viewed from the ISS. To avoid having
to make absolute measurements, the spacecraft will
be placed in a 3:2 Earth resonant orbit that provides
three observing sessions during the initial 21 months
after the launch with the first session starting in 15
months [23]. Such an orbit provides significant vari-
ation of the distance between the beam and the cen-
ter of the Sun (i.e impact parameter); the parameters
will vary from 10 to 1 solar radii over a period of ∼20
days. The three arms of the triangle will be moni-
tored with laser ranging, based on the time-of-flight
measurements and will be accurate to ∼ 1 cm. From
three measurements one can calculate the Euclidean
value for any angle in this triangle.

As evident from Figure 1, the key element of the
LATOR experiment is a redundant geometry optical
truss to measure departure from Euclidean geometry
(∼ 8 × 10−6) caused by the solar gravity field. This
departure is shown as a difference between the calcu-
lated Euclidean value for an angle in the triangle and
its value directly measured by the interferometer. The
discrepancy is due to the curvature of the space-time
around the Sun, it is computed for every alternative
theory of gravity and it constitutes the LATOR’s sig-
nal of interest. The built-in redundancy eliminates the
need for drag-free spacecraft for high-accuracy navi-
gation [23]. Therefore, the uniqueness of this mission
comes with its built-in geometrically redundant archi-
tecture that enables LATOR to measure the departure
from Euclidean geometry caused by the solar gravity
field to a very high accuracy. The accurate measure-
ment of this departure constitutes the primary mission
objective.
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Figure 1: The overall geometry of the LATOR experiment.

2.1. Science with LATOR

LATOR is a Michelson-Morley-type experiment de-
signed to test the pure tensor metric nature of gravita-
tion - the fundamental postulate of Einstein’s theory
of general relativity [23]. With its focus on gravity’s
action on light propagation it complements other tests
which rely on the gravitational dynamics of bodies.
By using a combination of independent time-series of
highly accurate gravitational deflection of light in the
immediate proximity to the Sun along with measure-
ments of the Shapiro time delay on the interplanetary
scales (to a precision respectively better than 10−13

radians and 1 cm), LATOR will significantly improve
our knowledge of relativistic gravity.

The primary mission objective is to measure the
key post-Newtonian Eddington parameter γ with ac-
curacy of a part in 109. This parameter, whose value
in GR is unity, is perhaps the most fundamental PPN
parameter, in that (1 − γ) is a direct measure for
presence of a new interaction in gravitational theory
[17, 20, 23]. Within perturbation theory for such theo-
ries, all other PPN parameters to all relativistic orders
collapse to their GR values in proportion to (1 − γ).
This is why measurement of the first order light deflec-
tion effect at the level of accuracy comparable with the

second-order contribution would provide the crucial
information separating alternative scalar-tensor the-
ories of gravity from the general theory of relativity
[21] and also to probe possible ways for gravity quan-
tization and to test modern theories of cosmological
evolution [17–19, 24] discussed in the previous section.
LATOR is designed to directly address this issue with
an unprecedented accuracy and in its search, LATOR
goes a factor 30,000 beyond the present best result,
Cassini’s 2003 test [16, 25]. It will also reach ability
to measure the next post-Newtonian order (∝ G2) of
light deflection with accuracy to 1 part in 103.

Other mission objectives include: ii) first measure-
ment of gravity’s non-linear effects on light to ∼0.01%
accuracy; including both the traditional Eddington
parameter and also the spatial metric’s 2nd order po-
tential contribution (never been measured before); iii)
direct measurement of the solar quadrupole moment
J2 (currently unavailable) to accuracy of a part in 200
of its expected size; iv) measuring the direct “frame-
dragging” effect on light by the Sun’s rotational grav-
itomagnetic field to one percent accuracy. LATOR’s
primary measurement pushes to unprecedented ac-
curacy the search for cosmologically relevant scalar-
tensor theories of gravity by looking for a remnant
scalar field in today’s solar system.
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Table I LATOR Mission Summary: Science Objectives

• To test Einstein’s general theory of relativity in the most intense gravitational
environment available in the solar system – the extreme proximity to the Sun

• To measure the key Eddington PPN parameter γ with accuracy of 1 part in 109

– a factor of 30,000 improvement in the tests of gravitational deflection of light

• To provide direct and independent measurement of the Eddington PPN parameter
β via gravity effect on light to ∼ 0.01% accuracy

• To measure effect of the 2-nd order gravitational deflection of light with accuracy
of ∼ 1 × 10−4, including first ever measurement of the PPN parameter δ

• To measure the solar quadrupole moment J2 (using the theoretical value of the
solar quadrupole moment J2 ' 10−7) to 1 part in 200, currently unavailable

• To directly measure the frame dragging effect on light (first such observation)
with ∼ 1 × 10−3 accuracy

• To test alternative theories of gravity and cosmology (i.e scalar-tensor theories)
by searching for cosmological remnants of scalar field in the solar system

The goal of measuring deflection of light in solar
gravity with accuracy of one part in 108 requires se-
rious consideration of systematic errors. This work
requires a significant effort to properly identify the
entire set of factors that may influence the accuracy
at this level. Fortunately, we initiated this process
being aided with experience of developing a number
of instruments that require similar technology and a
comparable level of accuracy, notably SIM, TPF, Keck
and Palomar Testbed Interferometers. This experi-
ence comes with understanding various constituents
of the error budget, expertise in developing appropri-
ate instrument models; it is also supported by the ex-
tensive verification of the expected performance with
the set of instrumental test-beds and existing flight
hardware. Details of the LATOR error budget are
still being developed and will be published elsewhere,
when fully analyzed.

Here we discuss a the LATOR astrometric observ-
able as it relates to the realization of the future optical
infrastructure.

2.2. Observational Model for LATOR

In development of the mission’s error budget we
use a simple model to capture all error sources and
their individual impact on the mission performance
[22]. The light paths, `ij , between the three vortices
of the triangle may be given by an expression for the
Shapiro time delay relation, that to the first order in
gravitational constant, has the form:

`ij = rij + (1 + γ)µ� ln[
ri + rj + rij

ri + rj − rij

], rij = rj − ri,

(1)
where ri is the barycentric Euclidian position to one
of the three vortices, i, j ∈ {1, 3} (i = 3 is for
the ISS), with ri = |ri|, being its distance, and

µ� = GM/c2 is the solar gravitational radius. To
a similar accuracy, the interferometric delay, dj , for
a laser source j has the following approximate form
(i.e. differenced Shapiro time delay for the two tele-
scopes separated by an interferometric baseline, b, or
dj = `j3(r3) − `j3(r3 + b)):

dj ' (b · nj3) − (1 + γ)µ�

2rjr3

r3 + rj

b · (n3 − nj3)

p2
j

, (2)

where pj is the solar impact parameter for source j.
Both expressions Eqs.(1) and (2) require some addi-
tional transformations to keep only the terms with
a similar order. The entire LATOR model accounts
for a whole range of other effects, including due to
gravitational multipoles, second order deflection, an-
gular momentum contribution, and etc. This work
had being initiated and the corresponding results will
be reported elsewhere. Below we comment only on the
conceptual formulation of the LATOR observables.

The range observations Eq.(1) may be used to mea-
sure any angle between the three fiducials in the tri-
angle. However, for observations in the solar gravity
field, measuring the lengths do not give you a complete
information to determine the angles, and some extra
information is needed. This information is the mass of
the Sun, and, at least one of the impact parameters.
Nevertheless, noting that the paths `ij correspond to
the sides of the connected, but gravitationally dis-
torted triangle, one can write `12 + `23 + `31 = 0,
where `ij is the null geodesic path for light mov-
ing between the two points i and j. This leads to
the expression for the angle between the spacecraft

cos( ̂`31`32) = cos δr = (`232 + `231 − `212)/(2`32`31). Ex-
pression for cos δr will have both Euclidian and grav-
itational contributions; their detailed form will not
significantly contribute to the discussion below and,
thus, it is outside the scope of this paper.
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The astrometric observations Eq.(2) will be used
to obtain another measurement of the same angle be-
tween the two spacecraft. The LATOR interferometer
will perform differential observations between the two
sources of laser light, measuring the differential delay
∆d12 = d2 − d1 to the accuracy of less than 5 pm
(see below). For the appropriate choice of the base-
line orientation, one can present the angle between

the two sources of laser light as cos( ̂`31`32) = cos δa =
1 − ∆d2

12/2b2. This expression would have both Eu-
clidian and gravity contributions which are not dis-
cussed in detail in this paper.

The two sets of observations obtained by laser rang-
ing and astrometric interferometry form the complete
set of LATOR observables. Conceptually, the LA-
TOR astrometric measurement δd of the gravitational
deflection of light may be modeled as

δd = δr −δa = c1

(1

p
−

1

p + ∆p

)

+c2

( 1

p2
−

1

(p + ∆p)2

)

,

(3)
where δr is the angle computed from the range infor-
mation, δa is the angle measured astrometrically by
the interferometer. p is the impact parameter of the
spacecraft closer to the Sun and ∆p is the difference
between the two impact parameters. c1 and c2 are the
first and second order terms in the gravitational de-
flection and are the quantities of interest. Three such
measurements are made to simultaneously solve for
these constants together with the impact parameter.
The temporal evolution of the entire triangle structure
will produce another set of observables – the range
rate data, expressed as δv = dδd/dt = (∂δd/∂p)dp/dt
which will also be used to process the data. A fully
relativistic model for this additional independent ob-
servable, including the contributions of range and an-
gle rates, is being currently developed [22]. The error
budget is subdivided into three components – range
and interferometer measurements, and spacecraft sta-
bility that all relate to the expected performance of
the optical system.

As evident from Figure 1, the key element of the
LATOR experiment is a redundant geometry optical
truss to measure the effects of gravity on the laser
signal trajectories. LATOR will generate four time
series of measurements – one for the optical range
of each side of the triangle, plus the angle between
light signals arriving at one vertex of the light trian-
gle. Within the context of a moving Euclidean light
triangle, these measurements are redundant. From
a combination of these four times series of data, the
several effects of gravity on the light propagations can
be precisely and separately determined. For example:
the first and second order gravity monopole deflec-
tions go as 1/p and 1/p2 while the solar quadrupole
deflection goes as 1/p3 [with p(t) being a laser sig-
nal’s evolving impact parameter]; the quadrupole mo-
ment’s deflection has further latitude dependence if

spacecraft lines of sight are so located. The data will
be taken over periods in which the laser light’s im-
pact parameters p(t) vary from one to ten solar radii,
producing time signatures in the data which permits
both the separation of the several gravitational effects
and the determination of key spacecraft location coor-
dinates needed to calibrate the deflection signals. The
temporal evolution of the entire triangle structure will
produce the range rate and angle rate data that will
be used to process the experimental data.

We shall now consider the basic elements of the LA-
TOR optical design.

3. OPTICAL DESIGN

A single aperture of the interferometer on the ISS
consists of three 20 cm diameter telescopes (see Figure
2 for a conceptual design). One of the telescopes with
a very narrow bandwidth laser line filter in front and
with an InGAs camera at its focal plane, sensitive
to the 1064 nm laser light, serves as the acquisition
telescope to locate the spacecraft near the Sun.

The second telescope emits the directing beacon to
the spacecraft. Both spacecraft are served out of one
telescope by a pair of piezo controlled mirrors placed
on the focal plane. The properly collimated laser light
(∼10W) is injected into the telescope focal plane and
deflected in the right direction by the piezo-actuated
mirrors.

The third telescope is the laser light tracking inter-
ferometer input aperture which can track both space-
craft at the same time. To eliminate beam walk on the
critical elements of this telescope, two piezo-electric
X-Y-Z stages are used to move two single-mode fiber
tips on a spherical surface while maintaining focus
and beam position on the fibers and other optics.
Dithering at a few Hz is used to make the alignment
to the fibers and the subsequent tracking of the two
spacecraft completely automatic. The interferometric
tracking telescopes are coupled together by a network
of single-mode fibers whose relative length changes are
measured internally by a heterodyne metrology sys-
tem to an accuracy of less than 10 pm.

The spacecraft are identical in construction and
contain a relatively high powered (1 W), stable (2
MHz per hour ∼ 500 Hz per second), small cavity
fiber-amplified laser at 1064 nm. Three quarters of
the power of this laser is pointed to the Earth through
a 10 cm aperture telescope and its phase is tracked by
the interferometer. With the available power and the
beam divergence, there are enough photons to track
the slowly drifting phase of the laser light. The re-
maining part of the laser power is diverted to another
telescope, which points towards the other spacecraft.
In addition to the two transmitting telescopes, each
spacecraft has two receiving telescopes. The receiv-
ing telescope, which points towards the area near the
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Figure 2: Basic elements of optical design for the LATOR interferometer: The laser light (together with the solar
background) is going through a full aperture (∼ 20cm) narrow band-pass filter with ∼ 10−4 suppression properties.
The remaining light illuminates the baseline metrology corner cube and falls onto a steering flat mirror where it is
reflected to an off-axis telescope with no central obscuration (needed for metrology). It is then enters the solar
coronograph compressor by first going through a 1/2 plane focal plane occulter and then coming to a Lyot stop. At the
Lyot stop, the background solar light is reduced by a factor of 106. The combination of a narrow band-pass filter and
coronograph enables the solar luminosity reduction from V = −26 to V = 4 (as measured at the ISS), thus, enabling
the LATOR precision observations.

Sun, has laser line filters and a simple knife-edge coro-
nagraph to suppress the Sun light to 1 part in 104 of
the light level of the light received from the space sta-
tion. The receiving telescope that points to the other
spacecraft is free of the Sun light filter and the coro-
nagraph.

In addition to the four telescopes they carry, the
spacecraft also carry a tiny (2.5 cm) telescope with a
CCD camera. This telescope is used to initially point
the spacecraft directly towards the Sun so that their
signal may be seen at the space station. One more of
these small telescopes may also be installed at right
angles to the first one to determine the spacecraft at-
titude using known, bright stars. The receiving tele-
scope looking towards the other spacecraft may be
used for this purpose part of the time, reducing hard-
ware complexity. Star trackers with this construction
have been demonstrated many years ago and they are
readily available. A small RF transponder with an
omni-directional antenna is also included in the in-
strument package to track the spacecraft while they
are on their way to assume the orbital position needed
for the experiment.

In the next Section we present elements for the LA-
TOR optical receiver system. While we focus on the
optics for the two spacecraft, the interferometer has
essentially similar optical architecture.

3.1. The LATOR Optical Receiver System

The LATOR 100 mm receiver optical system is a
part of a proposed experiment. This system is lo-
cated at each of two separate spacecraft placed on
heliocentric orbits, as shown in Figure 1. The receiver
optical system receives optical communication signals
form a transmitter on the ISS, that is in orbit around
the Earth. To support the primary mission objective,
this system must be able to receive the optical com-
munication signal from the uplink system at the ISS
that passes through the solar corona at the immediate
proximity of the solar limb (at the distance no more
then 5 Airy disks).

Our recent analysis of the LATOR 100 mm receiver
optical system successfully satisfied all the configu-
ration and performance requirements (shown in Ta-
ble II). We have also performed a conceptual design
(see Figure 3), which was validated with a CODEV
ray-trace analysis. The ray-trace performance of the
designed instrument is diffraction limited in both the
APD and CCD channels over the specified field of view
at 1064 nm. The design incorporated the required
field stop and Layot stop. A preliminary baffle design
has been developed for controlling the stray light.

The optical housing is estimated to have very ac-
commodating dimensions; it measures (500 mm × 150
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Table II Summary of design parameters for the LATOR optical receiver system.

Parameters/Requirements Value/Description

Aperture 100 mm, unobstructed

Wavelength 1064 nm

Narrow bandpass Filter 2 nm FWHM over full aperture

Focal Planes APD Data & CCD Acquisition/Tracking

APD Field of View Airy disk field stop (pinhole) in front of APD

APD Field Stop (pinhole) Approximately 0.009 mm in diameter

APD Detector Size TBD (a little larger than 0.009 mm)

CCD Field of View 5 arc minutes

CCD Detector Size 640 × 480 pixels (9.6 mm × 7.2 mm)

CCD Detector Pixel Size 15 µm

Beamsplitter Ratio (APD/CCD) 90/10

Field Stop ‘D’-shaped at primary mirror focus

Lyot Stop Circular aperture located at telescope exit pupil

Figure 3: LATOR receiver optical system layout.

mm × 250 mm). The housing could be made even
shorter by reducing the focal length of the primary
and secondary mirrors, which may impose some fab-
rication difficulties. These design opportunities are
being currently investigated.

3.1.1. Preliminary Baffle Design

Figure 4 shows the LATOR preliminary baffle de-
sign. The out-of-field solar radiation falls on the nar-
row band pass filter and primary mirror; the scat-

tering from these optical surfaces puts some solar ra-
diation into the FOV of the two focal planes. This
imposes some requirements on the instrument design.
Thus, the narrow band pass filter and primary mirror
optical surfaces must be optically smooth to minimize
narrow angle scattering. This may be difficult for the
relatively steep parabolic aspheric primary mirror sur-
face. However, the field stop will eliminate direct out-
of-field solar radiation at the two focal planes, but it
will not eliminate narrow angle scattering for the filter
and primary mirror. Finally, the Lyot stop will elim-
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Figure 4: The LATOR preliminary baffle design.

Figure 5: LATOR focal plane mapping (the diagram not to scale).

inate out-of-field diffracted solar radiation at the two
focal planes. Additional baffle vanes may be needed
several places in the optical system. This design will
be further investigated in series of trade-off studies
with support from this proposal by also focusing on
the issue of stray light analysis.

3.1.2. Focal Plane Mapping

Figure 5 shows the design of the focal plane cap-
ping. The straight edge of the ‘D’-shaped CCD field
stop is tangent to the limb of the Sun and it is also tan-
gent to the edge of APD field stop (pinhole). There
is a 2.68 arcsecond offset between the straight edge
and the concentric point for the circular edge of the
CCD field stop (‘D’-shaped aperture). In addition,
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Figure 6: APD channel geometric (left) and diffraction (right) PSF.

Figure 7: CCD channel geometric (left) and diffraction (right) PSF.

the APD field of view and the CCD field of view cir-
cular edges are concentric with each other. Depending
on the spacecraft orientation and pointing ability, the
‘D’-shaped CCD field stop aperture may need to be
able to be rotated to bring the straight edge into a
tangent position relative to the limb of the Sun. The
results of the analysis of APD and CCD channels point
spread functions (PSF) are shown in Figures 6 and 7.

3.2. Factors Affecting SNR Analysis

In conducting the signal-to-noise analysis we pay
significant attention to several important factors. In
particular, we estimate what fraction of the transmit-
ted signal power captured by the 100 mm receiver
aperture and analyze the effect of the Gaussian beam
divergence (estimated at ∼ 7 µrad) of the 200 mm
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transmit aperture on the ISS. Given the fact that
the distance between the transmitter and receiver is
on the order of 2 AU, the amount captured is about
2.3 × 10−10 of the transmitted power.

We also consider the amount of solar disk radia-
tion scattered into the two receiver focal planes. In
particular, the surface contamination, coating defects,
optical roughness and substrate defects could scatter
as much as 1 × 10−4 or more (possibly 1 × 10−3) of
the solar energy incident on the receive aperture into
the field of view. These issues are being considered
in our current analysis. We also study the amount
of the solar corona spectrum within the receive field
of view that is not blocked by the narrow band pass
filter. The factors we consider is the filter’s FWHM
band-pass is 2 nm, the filter will have 4.0 optical den-
sity (OD) blocking outside the 2 nm filter band pass
from the X-ray region of 1200 nm; the filter efficiency
within the band pass will be about 35%, and the de-
tector is probably sensitive from 300 nm to 1200 nm.

Additionally, we consider the amount of out-of-field
solar radiation scattered into the focal plane by the
optical housing. This issue needs to be investigated in
a stray light analysis which can be used to optimize
the baffle design to minimize the stray light at the
focal plane. Finally, we study the effectiveness of the
baffle design in suppressing stray light at the focal
plane. Thus, in addition to the stray light analysis,
the effectiveness of the final baffle design should be
verified by building an engineering model that can be
tested for stray light.

The importance of this design is in the fact that
it can be applied for many applications, thus, open-
ing new ways for optical communication, accuracy
navigational and fundamental physics experiments.
This LATOR-related design experience motivates us
to think about an architecture that may have a much
border uses for the purposes of precision navigation
and high data rate transmission and capable to op-
erate at large interplanetary distance. In the next
section we will summarize our current ideas.

4. CONCLUSIONS

The LATOR experiment benefits from a number
of advantages over techniques that use radio waves
to study the light propagation in the solar vicinity.
The use of monochromatic light enables the obser-
vation of the spacecraft almost at the limb of the
Sun, as seen from the ISS. The use of narrowband
filters, coronagraph optics, and heterodyne detection
will suppress background light to a level where the so-
lar background is no longer the dominant noise source.
The short wavelength allows much more efficient links
with smaller apertures, thereby eliminating the need
for a deployable antenna. Advances in optical commu-
nications technology allow low bandwidth telecommu-

nications with the LATOR spacecraft without having
to deploy high gain radio antennae needed to commu-
nicate through the solar corona. Finally, the use of the
ISS not only makes the test affordable, but also allows
conducting the experiment above the Earth’s atmo-
sphere the major source of astrometric noise for any
ground based interferometer. This fact justifies the
placement of LATOR’s interferometer node in space.

The experiment will utilize several technology so-
lutions that recently became available. In particular,
signal acquisition on the solar background will be done
with a full-aperture narrow band-pass filer and coron-
agraph. The issue of the extended structure vibrations
of the will be addressed by using µ-g accelerometers.
(The use of the accelerometers was first devised for
SIM, but at the end their utilization is not needed.
The Keck Interferometer uses accelerometers exten-
sively.) Finally, the problem of monochromatic fringe
ambiguity that complicated the design of the previ-
ous version of the experiment [23] and led to the use
of variable baselines lengths – is not an issue for LA-
TOR. This is because the orbital motion of the ISS
provides variable baseline projection that eliminates
this problem for LATOR.

The concept is technologically sound; the required
technologies have been demonstrated as part of the
Space Interferometry Mission developments at JPL.
The LATOR experiment does not need a drag-free
system, but uses a geometric redundant optical truss
to achieve a very precise determination of the inter-
planetary distances between the two micro-spacecraft
and a beacon station on the ISS. The interest of the
approach is to take advantage of the existing space-
qualified optical technologies leading to an outstand-
ing performance in a reasonable mission development
time. In addition, the issues of the extended structure
vibrations on the ISS, interferometric fringe ambigu-
ity, and signal acquisition on the solar backgrounds
have all been analyzed, and do not compromise mis-
sion goals. The ISS is the default location for the
interferometer, however, ground- and free-flying ver-
sions have also been studied. While offering program-
matic benefits, these options differ in cost, reliability
and performance. The availability of the ISS (via Eu-
ropean collaboration) makes this mission concept re-
alizable in the very near future. A recent JPL Team X
study confirmed the feasibility of LATOR as a NASA
Medium Explorer (MIDEX) class mission.

LATOR is envisaged as a partnership between
NASA and ESA wherein both partners are essentially
equal contributors, while focusing on different mis-
sion elements: NASA provides the deep space mission
components and interferometer design, while building
infrastructure on the ISS is an ESA contribution. The
NASA focus is on mission management, system engi-
neering, software management, integration (both of
the payload and the mission), the launch vehicle for
the deep space component, and operations. The Euro-
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pean focus is on interferometer components, the initial
payload integration, optical assemblies, testing of the
optics in a realistic ISS environment. In their recent
decision, the ESA Panel on the Physical Sciences of
the ESA Directorate for Human Space Flight, Micro-
gravity and Exploration supported LATOR as one of
their focus missions. This decision opens for LATOR
direct access to the ISS. The proposed arrangement
would provide clean interfaces between familiar mis-
sion elements.

This mission may become a 21st century version
of Michelson-Morley experiment in the search for a
cosmologically evolved scalar field in the solar system.
As such, LATOR will lead to very robust advances in
the tests of fundamental physics: it could discover a
violation or extension of general relativity, or reveal
the presence of an additional long range interaction in
the physical law. There are no analogs to the LATOR
experiment; it is unique and is a natural culmination
of solar system gravity experiments.
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A Route to Understanding of the Pioneer Anomaly
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The Pioneer 10 and 11 spacecraft yielded the most precise navigation in deep space to date. However, while
at heliocentric distance of ∼ 20–70 AU, the accuracies of their orbit reconstructions were limited by a small,
anomalous, Doppler frequency drift. This drift can be interpreted as a sunward constant acceleration of aP =
(8.74±1.33)×10−8 cm/s2 which is now commonly known as the Pioneer anomaly. Here we discuss the Pioneer
anomaly and present the next steps towards understanding of its origin. They are: 1) Analysis of the entire set
of existing Pioneer 10 and 11 data, obtained from launch to the last telemetry received from Pioneer 10, on 27
April 2002, when it was at a heliocentric distance of 80 AU. This data could yield critical new information about
the anomaly. If the anomaly is confirmed, 2) Development of an instrumental package to be operated on a deep
space mission to provide an independent confirmation on the anomaly. If further confirmed, 3) Development of a
deep-space experiment to explore the Pioneer anomaly in a dedicated mission with an accuracy for acceleration
resolution at the level of 10−10 cm/s2 in the extremely low frequency range. In Appendices we give a summary
of the Pioneer anomaly’s characteristics, outline in more detail the steps needed to perform an analysis of the
entire Pioneer data set, and also discuss the possibility of extracting some useful information from the Cassini
mission cruise data.

1. BACKGROUND

The exploration of the solar system’s frontiers - the
region between 50-250 AU from the Sun - is a most
ambitious and exciting technological challenge. The
scientific goals for possible deep-space missions are
well-recognized and include studies of the gas and dust
distributions, exploration of the heliopause and the
space beyond, measurements of the magnetic fields
and particle fluxes, studies of the Oort Cloud and
Kuiper Belt Objects, encounters with distant bodies,
and investigation of the dynamical background of the
solar system by studying the effects of various forces
that influence the trajectory of the spacecraft. We are
most interested in this last goal.

Our interest comes from the experience working
with the Pioneer 10 and 11 spacecraft - the two most
precisely navigated deep-space vehicles to date. (See
Figure 1.) These spacecraft had exceptional accel-
eration sensitivity. However, as indicated by their
radio-metric data received from heliocentric distances
of 20-70 AU, the accuracies of their orbit reconstruc-
tions were limited by a small, anomalous, Doppler fre-
quency drift [1–3]. This blue-shifted drift is uniformly
changing with a rate of (5.99 ± 0.01) × 10−9 Hz/s. It
can be interpreted as a sunward constant acceleration
of aP = (8.74 ± 1.33) × 10−8 cm/s2 [3]. This interpre-
tation has become known as the Pioneer anomaly.

The nature of this anomaly remains a mystery, with

∗Electronic address: turyshev@jpl.nasa.gov,mmn@lanl.gov,

john.d.anderson@jpl.nasa.gov

possible explanations ranging from normal on-board
systematics to exotic gravity extensions on solar sys-
tem scales. Although the most obvious cause would be
that there is a systematic origin to the effect, the lim-
ited data analyzed does not unambiguously support
any of the suggested mechanisms [3, 4]. The inabil-
ity either to explain the anomaly or to test it with
other spacecraft has contributed to a growing discus-
sion about its origin. (See the discussions in [5–7].)

In this paper we describe the natural steps that one
would have to make in order to further understand the
Pioneer anomaly. These steps include analysis of the
entire set of existing Pioneer 10 and 11 data, a small
instrumental package on a large deep-space mission,
and even a dedicated mission to deep space to test for
the anomaly.

The paper is organized as follows: In Section 2
we discuss the Pioneer missions and the detected
anomaly. Section 3 will be devoted to a discussion of
the use of data which has not been precisely analyzed,
in order to further our understanding. In Section 4 we
propose new experimental tests, if the just described
analysis indicates a need for them, and in Section 5
we present our conclusion.

2. THE PIONEER MISSIONS AND THE
ANOMALY

The Pioneer 10/11 missions, launched on 2 March
1972 (Pioneer 10) and 5 April 1973 (Pioneer 11), re-
spectively, were the first spacecraft to explore the
outer solar system [8, 9]. After Jupiter and (for Pi-
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Figure 1: A drawing of the Pioneer spacecraft.

oneer 11) Saturn encounters, the two spacecraft fol-
lowed escape hyperbolic orbits near the plane of the
ecliptic to opposite sides of the solar system. (See Fig-
ure 2.) Pioneer 10 eventually became the first man-
made object to leave the solar system. Useful data
was recorded even past the end of the official Pioneer
10 mission in 2001. The last telemetry was obtained
on 27 April 2002 when the craft was 80 AU from the
Sun. (The last signal from the spacecraft was received
on 23 January 2003.)

By 1980, when Pioneer 10 passed a distance of ∼ 20
AU from the Sun, the acceleration contribution from
solar-radiation pressure on the craft (directed away
from the Sun) had decreased to less than 4 × 10−8

cm/s2. This meant that small effects could unambigu-
ously be determined from the data, and the anoma-
lous acceleration began to be seen. A serious study
of the anomaly began in 1994, using data starting in
1987.0. By then the external systematics (like solar-
radiation pressure) were limited and the existence of
the anomaly could unambiguously be extracted from
the data.

The initial results of the study were reported in 1998
[1] and a detailed analysis appeared in 2002 [3]. For
this final analysis the existing Pioneer 10/11 Doppler
data from 1987.0 to 1998.5 was used [3]. Realiz-
ing the potential significance of the result, all known
sources of a possible systematic origin for the detected
anomaly were specifically addressed. However, even
after all known systematics were accounted for, the
conclusion remained that there was an anomalous ac-

celeration signal of aP = (8.74 ± 1.33) × 10−8 cm/s2

in the direction towards the Sun. This anomaly was
a constant with respect to both time and distance,
for distances between about 20 to 70 AU from the
Sun. (See Appendix 5 for more information on the
anomaly’s properties.)

We emphasize known because one might naturally
expect that there is a systematic origin to the effect,
perhaps generated by the spacecraft themselves from
excessive heat or propulsion gas leaks. But neither we
nor others with spacecraft or navigational expertise
have been able to find a convincing explanation for
such a mechanism [1]-[4].

Attempts to verify the anomaly using other space-
craft proved disappointing. This is because the Voy-
ager, Galileo, Ulysses, and Cassini spacecraft navi-
gation data all have their own individual difficulties
for use in an independent test of the anomaly. (But
see the caveat below for Cassini.) In addition, many
of the deep space missions that are currently being
considered either may not provide the needed naviga-
tional accuracy and trajectory stability of under 10−8

cm/c2 ((e.g., Pluto Express, but see New Horizons
[10] in Section 4) or else they will have significant on-
board systematics that mask the anomaly (e.g., JIMO
– Jupiter Icy Moons Orbiter).

To enable a clean test of the anomaly there is also a
requirement to have an escape hyperbolic trajectory.
This makes a number of other missions (i.e., LISA
– the Laser Interferometric Space Antenna, STEP –
Space Test of Equivalence Principle, LISA Pathfinder,
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Figure 2: Ecliptic pole view of Pioneer 10, Pioneer 11, and Voyager trajectories. Pioneer 11 is traveling approximately
in the direction of the Sun’s orbital motion about the galactic center. The galactic center is approximately in the
direction of the top of the figure.

etc.) less able to directly test the anomalous acceler-
ation. Although these missions all have excellent sci-
entific goals and technologies, nevertheless, because of
their orbits they will be in a less advantageous posi-
tion to conduct a precise test of the detected anomaly.

A number of alternative ground-based verifications
of the anomaly have also been considered; for exam-
ple, using Very Long Baseline Interferometry (VLBI)
astrometric observations. However, the trajectories of
craft like the Pioneers, with small proper motions in
the sky, making it presently impossible to accurately
isolate an anomalous sunward acceleration.

To summarize, the origin of this anomaly remains
unclear.

Therefore, we advocate a program to study the Pi-
oneer anomaly which has three phases:

i) Analysis of the entire set of existing Pioneer 10
and 11 data, obtained from launch to the last
useful communication received from Pioneer 10
in April 2002. This data could yield critical new
information about the anomaly. If the anomaly
is confirmed,

ii) Development of an instrumental package that
to be carried on another deep space mission
to provide an independent confirmation for the
anomaly. If further confirmed,

iii) Development of a deep-space experiment to ex-
plore the Pioneer anomaly in a dedicated mis-

sion with an accuracy for acceleration resolution
at the level of 10−10 cm/s2 in the extremely low
frequency range.

In the following Sections we address the work re-
quired in these phases in more detail.

Figure 3: An ODP plot of the early unmodeled
accelerations of Pioneer 10 and Pioneer 11, from about
1981 to 1989 and 1977 to 1989, respectively.
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3. ANALYSIS OF THE ENTIRE SET OF
EXISTING PIONEER 10 AND 11 DATA

The early Pioneer 10 and 11 data (before 1987)
were never analyzed in detail, especially with a re-
gard for systematics. However, by about 1980 the
Doppler navigational data had began to indicate the
presence of an anomaly. At first this was considered
to be only an interesting navigational curiosity. But
even so. few-month samples of the data were peri-
odically examined by different analysts. By 1992 an
interesting string of data-points had been obtained.
They were gathered in a JPL memorandum [11], and
are shown in Figure 3. (More details on this issue are
in [1, 3].)

For Pioneer 10 an approximately constant anoma-
lous acceleration seems to exist in the data as close
in as 27 AU from the Sun. Pioneer 11, beginning just
after Jupiter flyby, finds a small value for the anomaly
during the Jupiter-Saturn cruise phase in the interior
of solar system. But right at Saturn encounter, when
the craft passed into an hyperbolic escape orbit, there
was a fast increase in the anomaly where-after it set-
tled into the canonical value.

The navigation of the Pioneer spacecraft relied on
an S-band radio-Doppler observable, which is not
very accurate for the purposes of a 3-dimensional or-
bit reconstruction. Even so, the Pioneer data from
both craft when they were at shorter heliocentric dis-
tances, in to about 15 AU, indicate the presence of an
anomaly in an approximate sunward direction.

With the radiation pattern of the Pioneer antennae
and the lack of precise 3-D navigation, the determi-
nation of the exact direction of the anomaly was a
difficult task [3]. While in deep space, for standard
antennae without good 3-D navigation, the directions

(1) towards the Sun,

(2) towards the Earth,

(3) along the direction of motion of the craft, or

(4) along the spin axis,

are all observationally synonymous (see Figure 4).
At 20 AU these directions are of order 3 degrees

apart (the maximum angle subtended by the Sun and
the Earth (even more depending on the hyperbolic
escape velocity vector). In Figure 5 we show the an-
gles at which these forces would act for a hyperbolic
trajectory in the ecliptic, between 20 and 40 AU [5].

Shown in Figure 5 are the following curves:

(1) At zero degrees, this is the reference curve in-
dicating constant direction towards the Sun.
Other angles are in reference to this.

Starting to the right in the plane for definiteness,

(2) shows the angle towards the Earth is a cosine
curve which is modified by an 1/r envelope as
the craft moves further out.

(3) shows the angle from the Sun to the trajectory
line. Finally,

(4) shows the direction along the spin axis is a series
of decreasing step functions. This indicates two
maneuvers per year to place the antenna direc-
tion between the maximum Earth direction and
the null Sun direction, performed as the Earth
passes from one side of the Sun to the other.

At distances further than 40 AU, both the Sun and
the Earth’s orbit were within the 3◦ of the antenna ra-
diation pattern (set by 10 dbm range in the antenna
gain), thus limiting accuracy in directional reconstruc-
tion. Therefore, analysis of the earlier data would be
critical in helping to establish a precise 3-dimensional,
time history of the effect.

Looking more closely, one can understand that pre-
cise 3-dimensional navigation alone may give evidence
to help distinguish among the directions of interest,
especially in the interior of the solar system.

(1) If the anomaly is directed towards the Sun, the
aim would be to use the data to establish such a
direction with sufficiently high accuracy to dis-
tinguish from the other curves.

(2) If the anomaly is directed towards the Earth, the
current accuracy of the Earth’s ephemerides will
be a key to determine this fact. Furthermore, in
this case one would clearly see a dumped sinu-
soidal signal that is characteristic to this situa-
tion (see above and Figure 5).

(3) An almost-linear angular change approaching
the direction towards the Sun (also highly corre-
lated with the hyperbolic trajectory) would indi-
cate a trajectory-related source for the anomaly.
This situation will be even more pronounced af-
ter a planetary fly-by (Note, there were three
fly-byes for the Pioneers, one for Pioneer 10 and
two for Pioneer 11.). In the case of a fly-by, a
sudden change in the anomaly’s direction will
strongly suggest a trajectory-related source for
the anomaly. Finally,

(4) A step-function-like behavior of the anomaly,
strongly correlated with the maneuver history,
would clearly support any anomaly directed
along the spin-axis.

Standard navigation methods may enable one to
discriminate among these four different directions of
the anomaly with a sufficiently high accuracy in the
interior of the solar system. Note that because of
the large external systematics, such a discrimination
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Figure 4: Four possible directions for the anomalous acceleration acting on the Pioneer spacecraft: (1) towards the
Sun, (2) towards the Earth, (3) along the direction of motion of the craft, or (4) along the spin axis.

Figure 5: The signatures for four possible directions of the anomalous acceleration acting on a deep-space craft. The
signatures are distinctively different and are detectable with precise enough data and analysis.

might not be a straightforward task. An additional
complication comes from the fact that close in to the
Sun re-orientation maneuvers were performed much
more frequently than twice a year. (At times maneu-
vers were performed every one and one-half months.)
But, if successfully obtained, these directions would
indicate very different origins of the anomaly, corre-
sponding to the following four possibilities:

(1) new dynamical physics originating from the Sun,

(2) anomalous behavior of frequency standards,

(3) a drag or inertial effect, or

(4) an on-board systematic.

The same investigation could study the temporal
evolution of the magnitude of the anomaly. Thus, if
the anomaly is due to a thermal inventory available on
the vehicles, one would expect the decay of its mag-
nitude in the manner correlated with the Plutonium
decay with a half-life time of 87.74 years. The anal-
yses of 11.5 years of data [3, 4] found no support for
a thermal mechanism. However, the available 30-year
interval of useful data might be able to demonstrate
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the effect of a ∼21% reduction in the fuel inventory.
This behavior, if found, would be the strongest sup-
port for a thermal origin of the anomaly.

A critical analysis of the early data should be the
first goal to understanding the anomaly. It would be
relatively straight-forward and should be done first. In
Appendix 5 we describe the details of such an analy-
sis. (In Appendix 5 we observe how some useful infor-
mation on the anomaly might be obtained from the
Cassini Jupiter/Saturn cruise data.)

However, should all analysis fail to identify a sys-
tematic origin for the effect, one would then turn to
ways to test for the anomaly in space.

4. POSSIBLE MISSIONS

4.1. A Pioneer Instrument as Part of
Another Major Mission to Deep Space

The primary goal here would be to provide an in-
dependent experimental confirmation of the anomaly.
One can conceive of an instrument placed on a major
mission to deep space. The instrument would need
to be able to compensate for systematic effects to an
accuracy below the level of 10−8 cm/s2. Another con-
cept would be a simple autonomous probe that could
be jettisoned from the main vehicle, such as Inter-
Stellar Probe, presumably further out than at least
the orbit of Jupiter or Saturn. The probe would then
be navigated from the ground yielding a navigational
accuracy below the level of 10−8 cm/s2. The data
collected could provide an independent experimental
verification of the anomaly’s existence.

Another, more immediate possibility may be offered
by NASA’s New Horizons mission [10], which is due
to launch in 2006 towards Pluto. If enough telemetric
data can be sent during cruise, and the craft is under
3-axis stabilization, a test might be feasible.

Assuming again that the Pioneer anomaly is veri-
fied, one would then consider:

4.2. An Experiment to Explore the
Pioneer Anomaly with a Dedicated
Mission

The goal here would be to explore the anomaly at
the 10−10 cm/s2 level in the near DC frequency range
and, in so doing, develop technologies critical for fu-
ture deep-space navigation and attitude control.

A viable concept would utilize a spacecraft pair ca-
pable of flying in a flexible formation. The main craft
would have a precision star-tracker and an accelerom-
eter and would be capable of precise navigation, with
disturbances, to a level less than ∼ 10−9 cm/s2 in the
low-frequency acceleration regime. Mounted on the

front would be a disk-shaped probe with laser cor-
nercubes embedded. Once the configuration is on its
solar system escape trajectory, will undergo no fur-
ther navigation maneuvers, and is at a heliocentric
distance of ∼ 5−20 AU, the co-rotating disk would be
released from the primary craft. (This concept is es-
sentially a version of a disturbance-compensation sys-
tem with a test mass being outside of the spacecraft.)
The probe will be passively laser-ranged from the pri-
mary craft with the latter having enough delta-V to
maneuver with respect to the probe, if needed. The
distance from the Earth to the primary would be de-
termined with either standard radio-metric methods
operating at Ka-band or with optical communication.
Note that any dynamical noise at the primary would
be a common mode contribution to the Earth-primary
and primary-probe distances. This design satisfies the
primary objective, which would be accomplished by
the two-staged accurate navigation of the probe with
sensitivity down to the 10−10 cm/s2 level.

Since the four possible anomaly directions all have
entirely different characters, it is clear that the use
of an antenna with a highly pointed radiation pat-
tern and star pointing sensors, will create an even
better conditions for resolving the true direction of
the anomaly than does the use of standard navigation
techniques alone. On a spacecraft with these addi-
tional capabilities, all on-board systematics will be-
come a common mode factor contributing to all the
attitude sensors and antennas. The combination of all
the attitude measurements will enable one to clearly
separate the effects of the on-board systematics refer-
enced to the direction towards the Sun.

5. CONCLUSION

The existence of the Pioneer anomaly is no longer
in doubt. Further, after much understandable hesi-
tancy, a steadily growing part of the community has
concluded that the anomaly should be understood.
Our program presents an ordered approach to doing
this. The results would be win-win; improved naviga-
tional protocols for deep space at the least, exciting
new physics at the best. Finally, a strong interna-
tional collaboration would be an additional outcome
of the proposed program of understanding the Pioneer
anomaly.

Our first goal is to explore the Pioneer anomaly by
conducting analysis of the entire set of available set
of Pioneer 10 and 11 data. The longest set includes
data for Pioneer 10 from its launch in March 1972 to
the last telemetric data received in March 2002. This
data is available at JPL and could yield critical new
information about the anomaly.

Simultaneously, however, we are already thinking
about both an instrument aboard a larger spacecraft
and a dedicated mission.
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APPENDIX A: SUMMARY OF THE
PIONEER ANOMALY’S PROPERTIES

Here we review our current knowledge of the Pio-
neer anomaly.

As discussed above, the analysis of the Pioneer
10 and 11 data [3] demonstrated the presence of an
anomalous, Doppler frequency blue-shift drift, uni-
formly changing with a rate of [12]

ν̇ ∼ (5.99 ± 0.01) × 10−9 Hz/s. (1)

To understand the phenomenology of the effect,
consider νobs, the frequency of the re-transmitted sig-
nal observed by a DSN antennae, and νmodel, the pre-
dicted frequency of that signal. The observed, two-
way (round-trip) anomalous effect can be expressed
to first order in v/c as

[νobs(t) − νmodel(t)]DSN = −2ν̇ t, (2)

with νmodel being the modeled frequency change due to
conventional forces accounted for in the spacecraft’s
motion. (For more details see [3].) This motion is
outwards from the Sun and hence it produces a red
shift.

After accounting for the gravitational and other
large forces included in the orbital determination pro-
gram [3] this translates to

[νobs(t) − νmodel(t)]DSN = −ν0

2aP t

c
. (3)

Here ν0 is the reference frequency [3].
After accounting for (not modeled) systematics [3],

this corresponds to an anomalous acceleration of

aP = (8.74 ± 1.33) × 10−8 cm/s
2
. (4)

We have already included the sign showing that aP

is inward using the DSN convention. (See Refs. [36]
and [38] in [3] for more information.) Therefore, aP

produces a slight blue shift on top of the larger red
shift.

The Pioneer anomaly was studied using the follow-
ing data [3]:

• Pioneer 10: The data used was obtained be-
tween 3 January 1987 and 22 July 1998. This in-
terval covers heliocentric distances from 40 AU
to 70.5 AU. This data set for Pioneer 10 had
20,055 data points obtained over the 11.5 years.

• Pioneer 11: The data used was obtained be-
tween 5 January 1987 to 1 October 1990. This
interval covers heliocentric distances from 22.42
AU to 31.7 AU. This data set for Pioneer 11 had
10,616 data points obtained over the 3.75 years.

The data points were obtained using integration times
ranging between 60 and 1,000 s.

By now several studies of the Pioneer Doppler nav-
igational data have demonstrated that the anomaly
is unambiguously present in the Pioneer 10 and 11
data. These studies were performed with three in-
dependent (and different!) Orbit Determination Pro-
grams (ODPs) [1, 3, 13]. Namely:

• Various versions of JPL’s ODP code developed
in 1980-1998,

• a version of The Aerospace Corporation’s
CHASPM/POEAS code extended for deep
space navigation, and finally

• a third code written by C. Markward [13], of
the Goddard Space Flight Center (GFSC). He
analyzed Pioneer 10 data obtained from the Na-
tional Space Science Data Center [14], for the
time period 1987-1994.

The properties of the Pioneer anomaly can be sum-
marized as follows [3]:

• Direction: Within the 10 dbm bandwidth of
the Pioneer high-gain antennae, the anomaly be-
haves as a line-of-sight constant acceleration of
the spacecraft directed toward the Sun.

• Distance: It is unclear how far out the anomaly
goes, but the Pioneer 10 data supports the pres-
ence of the anomaly as far out as ∼70 AU from
the Sun. In addition, the Pioneer 11 Doppler
data shows the presence of the anomalous con-
stant frequency drift as close in as ∼20 AU.

• Constancy: Temporal and spatial variations of
the anomaly’s magnitude are less then 3.4% for
each particular craft.

There are other pieces of information obtained from
spot analyses. They indicate that [3, 7, 11]:

• The anomalous acceleration was present in the
Pioneer 11 data at shorter distances, as far in as
∼ 10 AU.

• The Pioneer 11 data also indicated that the
anomaly may be much smaller at distances < 10
AU. It appears to be amplified (or turned on) at
a distance of ∼ 10 AU from the Sun. This is ap-
proximately when the craft flew by Saturn and
entered an hyperbolic, escape trajectory.
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APPENDIX B: DESCRIPTION OF AN
EXPANDED DATA ANALYSIS

An expanded data analysis of the Pioneer 10 and 11
Doppler data should include the entire available data
set.

• Pioneer 10: The entire available data set covers
mission events from the launch of the spacecraft
in 2 March 1972 to the last time a Pioneer 10
contact returned telemetry data, 27 April 2002.
(Pioneer’s last, very weak signal was received
on 23 January 2003 [15].) This interval spanned
heliocentric distances from ∼ 1 AU to 80 AU.
The total 30 year, Pioneer 10 data set might
have ∼80,000 data points.

• Pioneer 11: The entire available data set cov-
ers from 5 April 1973 to 1 October 1990. This
interval spanned heliocentric distances from ∼1
AU to 31.7 AU. The total 17.5 year, Pioneer 11
data set might have ∼50,00 data points.

To summarize, there exits about 17.5 years of Pi-
oneer 10 and 12.5 years of Pioneer 11 data that was
never well studied for our purposes. One would first
have to (re)process and (re)edit the entire data span
(from 1972 to 2002) at the same time, using the same
initial parameters, editing strategy, and parameter es-
timation and noise propagation algorithms.

In addition, one would have to process the high rate
Doppler data which previously was used very little.
This particular data can better determine a space-
craft’s spin rate and hence improve the maneuver data
file information. Also, the spin rate change was found
to be highly correlated with a small but significant
spacecraft-generated force, probably from gas leaks
[3]. Therefore, one would also have to estimate and/or
calibrate valve gas leaks and all the maneuvers.

Since the previous analysis [1, 3], physical models
for the Earth’s interior and the planetary ephemeris
have greatly improved. This is due to progress in
GPS- and VLBI-enabling technologies, Doppler space-
craft tracking, and new radio-science data processing
algorithms. One would have to write and/or update
existing orbit determination programs using these lat-
est Earth models (adopted by the IERS) and also us-
ing the latest planetary ephemeris. This will improve
the solutions for the DSN ground station locations by
two orders of magnitude (1 cm) over that of the pre-
vious analysis. Additionally, this will allow a better
characterization of not only the constant part of any
anomalous acceleration, but also of the annual and di-
urnal terms detected in the Pioneer 10 and 11 Doppler
residuals [2, 3].

One would expect that the much longer data span
will greatly improve the ability to determine the
source of the acceleration. In particular, with data
from much closer to the Earth and Sun, one should

be able to better determine whether the acceleration
is directed towards the Earth, the Sun, or along the
spacecrafts’ spin axes or velocity vectors, and there-
fore whether it is due to a systematic or new physics.
Further, with the early data (where spacecraft re-
orientation maneuvers were performed much more of-
ten than twice per year), we expect to improve the sen-
sitivity of the solutions in the directions perpendicular
to the line-of-sight by at least an order of magnitude.

Finally, of course, the question of collimated ther-
mal emission would have to be revisited. The much
longer data span of 30 years will help to better deter-
mine if there is any signature of an exponential decay
of the on-board power source, something not seen with
the 11.5 years of data.

Therefore, the extended data set, augmented by all
the ancillary spacecraft data, will help not only to pre-
cisely identify the direction of the anomaly but also
will help to obtain tighter bounds on its time and
distance dependence. This wealth of additional data
available presents an exciting opportunity to learn
more about the Pioneer anomaly in various regimes
and, thus, help to determine the nature of the anoma-
lous signal.

APPENDIX C:THE CASSINI CRUISE
DATA

Recall that inside 10 AU, the old, not thoroughly
analyzed data (see Figure 3) seems to indicate very
little anomaly as Pioneer 11 was on its bound-orbit,
Jupiter/Saturn cruise. Cassini was also on a bound-
orbit, Jupiter/Saturn cruise [16]. Therefore, one
might be able to perform a partial test of the Pio-
neer anomaly using Cassini cruise data, to see if it,
also, finds very little anomaly on this trajectory.

Even given that the reaction wheels (needed during
good navigational data taking periods) do not overly
affect the data and power usage as they are turned on
and off, the biggest problems would be:

(1) to disentangle the large heat systematic caused
by the RTGs mounted forward on the craft,

(2) the 750 W of electrical power that has to be
dissipated, and

(3) the changing mass of the craft.

The total weight of the craft at launch was about
5,600 kg, of which more than half (3,132 kg) was fuel.
The three Cassini RTGs are mounted directly in front
of the craft. They are of the GPHS type also used
on Galileo. They generate about 4 kW of heat each
or about 12 kW from all three. (They make about
250 W of electrical power each.) From the space-
craft geometry one can estimate that the fractional
excess power creating an acceleration backward is on
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the order of 3,000 W. Given that about half the mass
of the fuel was gone during cruise, one can estimate
that the systematic from the RTGs is on the order of
∼ 3 aP ∼ 27 × 10−8 cm/s2.

At this meeting it was reported that good navi-
gational data has been forthcoming during Cassini’s
Saturn orbit [17]. Since the angle of the antenna
towards the Earth must be maintained, the direc-
tion of the systematic force on Cassini will be chang-
ing with respect to Saturn’s gravitational force on
Cassini. This should allow a calibration of the system-
atic to be made. Then this calibration can be used in
an attempt to precisely model the navigation during
Jupiter/Saturn cruise. We encourage the Cassini Ra-
dio Science and Navigation Teams to conduct such an
investigation.
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Ultramagnetized neutron stars or magnetars are magnetically powered neutron stars. Their strong magnetic
fields dominate the physical processes in their crusts and their surroundings. The past few years have seen
several advances in our theoretical and observational understanding of these objects. In spite of a surfeit of
observations, their spectra are still poorly understood. I will discuss the emission from strongly magnetized
condensed matter surfaces of neutron stars, recent advances in our expectations of the surface composition of
magnetars and a model for the non-thermal emission from these objects.

1. INTRODUCTION

Simply put magnetars are neutron stars whose mag-
netic fields dominate their emission, evolution and
manifestations. In the late 1970s and early 1980s, a
fleet of sensitive detectors of high-energy radiation un-
covered two new phenomena, the soft-gamma repeater
and the anomalous x-ray pulsar. Strongly magnetized
neutron stars provide the most compelling model for
both types of object, and observations over the past
few years indicate that these phenomena are two man-
ifestations of the same type of object. Soft-gamma
repeaters exhibit quiescent emission similar to that of
anomalous x-ray pulsars [e.g 1, 2, 3, 4], and anoma-
lous x-ray pulsars sometimes burst [5, 6]. What makes
magnetars a hot topic of research is the rich variety
of physical phenomena that strong magnetic fields ex-
hibit.

This article will focus on the quiescent emission
from these interesting objects rather than the bursts
themselves (The reader may wish to refer to the sem-
inal work of Thompson and Duncan [7] for details of
the burst but may also want to look at Heyl and Hern-
quist [8] for an alternative). Furthermore, the article
will concentrate on recent results.

2. MAGNETAR MANIFESTIONS

2.1. Soft-Gamma Repeaters

The first soft-gamma repeater was discovered on
March 5, 1979 when gamma ray detectors on nine
spacecraft across our solar system recorded an intense
radiation spike [9]. The burst of gamma rays origi-
nated from near a supernova remnant known as N49 in
the Large Magellanic Cloud. The tail of the gamma-
ray burst exhibited an eight-second pulsation (in con-
trast with the classical gamma-ray bursts which show
no periodicities). If one combined this eight-second
period with the age of the supernova remnant and as-
sumed that the object (presumably a neutron star)
was born spinning much faster, one estimated a mag-
netic field on the object of ∼ 1015 G, much larger than
any neutron star discovered up to that point.

This first SGR became known as SGR 0526-66.
During 1979, two others were discovered: SGR 1806-
20 (27 December 2004 event), SGR 1900+14 (28 Au-
gust 1998 event) [10]. In 1998 SGR 1627-41 became
the fourth SGR to be discovered [11].

Thompson & Duncan [7, 12] argued that the evolu-
tion of a ultrastrong magnetic field could explain both
the outbursts and quiescent emission from soft-gamma
repeaters, and the term “magnetar” was born. They
argued earlier that if protoneutron star was born spin-
ning sufficiently rapidly, a dynamo could dramatically
amplify the standard pulsar magnetic field (∼ 1012 G)
that the protoneutron star was born with to ∼ 1015 G
or more [13].

2.2. Anomalous X-ray Pulsars

1E 2259+586 was the first anomalous x-ray pulsar
to be discovered [14]. In the early nineties these ob-
jects began to form a unique class [15, 16, 17, 18].
They were found to have much in common with the
soft-gamma repeaters.

These objects typically have pulsed X-ray emission
with steadily increasing periods of several seconds, X-
ray luminosities of ∼ 1035 − 1036 ergs s−1, soft spec-
tra, and no detected companions or accretion disks.
Furthermore, they are typically observed through hy-
drogen column densities of ∼ 1022 cm−2, indicating
that they are not common.

Two of the five confirmed AXPs are located near
the centres of supernova remnants 1E 2259+586
and 1E 1841-045[14, 18] as well as the AXP can-
didate AX J1845-0258 [19]. The remaining objects
are 4U 0142+61 [20], 1E 1048.1-5937 [21], 1RXS
J170849.0-400910 [22] and possibly XTE J1810-197
[23].

The emission from the AXPs fits neatly within the
magnetar model [12]. Heyl & Hernquist [24] argued
that the thermal flux passing through an ultramagne-
tized, hydrogen or helium envelope is sufficient to ac-
count for the x-ray emission from these objects. Hey
& Kulkarni [25] examined how magnetic field decay
can augment the thermal energy budget. For fields
less than about 1015 G magnetic field decay in a real-
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istic model does not strongly affect the emission from
young (less than 10,000 years) AXPs but can greatly
increase their lifetime as observable x-ray sources.

Alternative models such as accretion have fallen by
the wayside because even very low mass companions
have not been discovered orbiting these neutron stars
nor has the tell-tale optical emission from even a trun-
cated accretion disk been detected.

2.3. Strongly Mangetized Radio Pulsars

Moreover, a number of radio pulsars have been dis-
covered with inferred magnetic field strengths similar
to those of magnetars and apparently exceeding the
value BQED ≈ 4.4 × 1013 G [26, 27, 28] It is not clear
why these objects have magnetic fields comparable to
the AXPs but do not exhibit AXP-like emission. The
inferred magnetic field of AXP 1E2259+586 is actu-
ally smaller than PSR J1847-0130, an otherwise ordi-
nary radio pulsar. The AXPs and SGRs exhibit much
greater x-ray emission than their relatively inactive
cousins. § 3 speculates further on the possible differ-
ences between these two types of objects.

3. PHYSICS IN A STRONG MAGNETIC
FIELD

Isolated neutron stars generally drawn on several
sources of energy. For most observed neutron stars,
the dominant source of energy is the rotation of the
star.

Erot =
1

2
IΩ2 ≈ 2 × 1046I45

(
P

1 sec

)−2

erg (1)

Magnetars are typically young, highly magnetized
neutron stars. The magnetic energy,

M =
1

8π

∫
B2 dV ≈ 2 × 1047R3

6 B
2
NS,15 ergs, (2)

exceeds the rotational energy by an order of magni-
tude. Nearly as large is the thermal energy of the
star

U ∼ 1047R2
6M

1/3
1.4 T 2

8.5 ergs, (3)

where M1.4 and T8.5 are the mass and core temper-
ature of the star in units of 1.4M⊙ and 108.5 K, re-
spectively, and R6 is the radius in units of 10 km and
BNS,15 is the surface magnetic field of the star in units

of 1015 G. Much more weakly magnetized objects such
as AXP 1E2259+586 act like magnetars as well. For
this object U ∼ 100M.

It is unclear why some strongly magnetized neutron
stars behave like “magnetars” rather than just hap-
pily spinning down and radiating as a radio pulsar.

Not only do the soft-gamma repeaters and anoma-
lous x-ray pulsars share a penchant for bursting [5,
and Kaspi in these proceedings] that the pulsars lack
they also generally have much stronger x-ray emis-
sion that radio pulsars – they are not only strongly
magnetized but hot as well. As we have seen, for
AXP 1E2259+586 the thermal energy exceeds a naive
estimate of the magnetic energy by two orders of mag-
nitude. It is quite natural to speculate that the heat
flux travelling through the surface layers of the AXPs
and SGRs may play an important role in their “mag-
netar” behaviour. A thermomagnetic interplay [29]
between the strong magnetic field and the strong heat
flux may help to power their bursts .

Gamma rays from by far the largest burst from a
soft-gamma repeater arrived at Earth ten short days
after the close of this meeting. The recent superbursts
from SGR 1806-20 [30, 31, 32] brings many of these
issues to the fore. Particularly the energy of this burst
has been estimated to be ≈ 2×1046 erg [30], one hun-
dred times that of the previous two superbursts from
soft-gamma repeaters. It has been argued that this
is a once in a century event [30]. Given that detec-
tors sensitive to such phenomena have only existed
for 48 years (if one generously assumes that Sputnik
and the Explorer satellites would have noticed such
a burst), a once per century rate is rather conserva-
tive. To account for the number of observed SGRs, the
soft-gamma repeaters must have a lifetime of several
thousand years, so they would be expected to exhibit
several dozens of such bursts. The budget of magnetic
energy alone is insufficient to account for these bursts,
so one is forced to conclude that either we are seeing
the very end of the SGR phase for SGR 1806-20 or
that the energy reservoir of SGR 1806-20 exceeds the
magnetic energy stored in the dipole field.

Subsequent observations of SGR 1806-20 have re-
duced the estimate for its distance [33], but they still
only obtain a lower limit to the distance. This result
may reduce the energy budget for the event and ease
the energy crisis. Further work is clearly needed.

Until the past year the observed quiescent emission
from SGRs and AXPs was thought to be dominated
by thermal emission. The following subsections dis-
cuss the various physical processes that determine the
thermal emission from AXPs and SGRs (and possibly
the non-thermal emission as well).

3.1. Vacuum Physics

For many purposes, vacuum polarization effects can
be calculated using an effective Lagrangian for the
electromagnetic field. Following the usual convention,
we write

L = L0 + L1 + · · · . (4)

Here, L is the full Lagrangian density, L0 is the classi-
cal term, and L1 includes vacuum corrections to one-
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loop order. Higher order radiative corrections would
be described by additional terms. The second-order
term is smaller that L1 [34].

Because the Lagrangian is Lorentz invariant, both
L0 and L1 can be expressed in terms of the Lorentz
invariants of the electromagnetic field

I ≡ FµνF
µν = 2

(
|B|2 − |E|2

)
(5)

and

K ≡
[
ǫλρµνFλρFµν

]2
= −4 (E · B)

2
, (6)

where ǫλρµν is the completely antisymmetric Levi-
Civita tensor. The effective Lagrangian of the elec-
tromagnetic field was derived by Heisenberg and Eu-
ler [35] and Weisskopf [36] using electron-hole theory.
In rationalized Gaussian units, we can write L0 and
L1 as

L0 = −1

4
I , (7)

L1 =
α

2π

∫ ∞

0

e−χ dχ

χ3

[

i χ2

√
−K
4

cos(J+ χ) + cos(J− χ)

cos(J+ χ) − cos(J− χ)
+ (8)

B2
QED + I

χ2

6

]
,

where

J± ≡ 1

2BQED

[
−I ± i

√
−K

]1/2

, (9)

α ≡ e2/h̄c is the fine structure constant, BQED ≡
m2c3/eh̄ ≈ 4.4 × 1013 G, and a similar quantity can
be defined for the electric field, EQED ≡ m2c3/eh̄ ≈
2.2×1015 V/cm. The above expressions for L0 and L1

are identical to the corresponding terms in eq. (45a)
of Heisenberg & Euler [35].

The above integral cannot be evaluated explicitly,
in general. Heyl & Hernquist [37] have derived an
analytic expression for L1 as a power series in K:

L1 = L1(I, 0) + K
∂L1

∂K

∣∣∣∣∣
K=0

+ · · · , (10)

where the first term in this series is

L1(I, 0) =
α

4π
I X0

(
1

ξ

)
(11)

=
α

4π

∫ ∞

0

e−u/ξ du

u3

(
−u cothu+ 1 +

u2

3

)
,

(12)

and

ξ =
1

BQED

√
I

2
=

B

BQED
, (13)

where the final equality holds if the electric field can
be neglected.

The function X0 can be evaluated analytically (as
can the higher order terms in the expansion for L1)
with the result [37]

X0(x) = 4

∫ x/2−1

0

ln(Γ(v + 1)) dv − 1

3
lnx + C

−
[
1 + ln

(
4π

x

)]
x (14)

+

[
3

4
+

1

2
ln

(
2

x

)]
x2 ,

where

C = 2 ln 4π − 4 lnA − 5

3
ln 2 = 2.911785285, (15)

and the constant lnA is related to the first derivative
of the Riemann zeta function, ζ(1)(x), by

lnA =
1

12
− ζ(1)(−1) = 0.248754477 . (16)

The integral of ln Γ(x) can be expressed in terms of
special functions (eqs. 18, 19 in [37]). (See also Dit-
trich et al. 1979; Ivanov 1992, but note the cautionary
remark in [37].)

The expression above for X0(x) can be expanded in
either a Taylor series in the weak field limit, ξ ≪ 1, or
an asymptotic series in the strong field limit ξ ≫ 1,
as can the higher order terms in equation (10), to give
series expansions for L1 as a function of either I and
K, or equivalently B and E. In particular, to lowest
order in the weak field limit (ξ ≪ 1)

L1 =
α

90π

1

B2
QED

[
(B2 − E2)2 + 7(E · B)2

]
+ · · ·

(17)
In the limit of an ultrastrong magnetic field, B ≫
BQED, but for a weak electric field, E ≪ EQED, L1

can be written

L1 =
α

6π
B2

[
ln

(
B

BQED

)
− 12 lnA + ln 2

]
+ · · ·

(18)
(see e.g. eq. 29 in [37] for the higher order terms). We
note that equations (17) and (18) agree, respectively,
with the corresponding terms in eqs. (43) and (44) of
[35]. The analysis of [37] generalizes the expressions
of Heisenberg & Euler to arbitrary order.

Also, note that while our expression for L0 is iden-
tical to eq. (4-120) of Itzykson & Zuber [38], equation
(17) differs from their eq. (4-125) by a factor of 1/4π,
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as a consequence of a difference in the system of units
employed.1 Our expressions for L0 and L1 both dif-
fer from those in Berestetskii et al. [39] by an overall
factor of 1/4π (their eqs. 129.2 and 129.21); however,
the dynamics of the fields are invariant with respect
to rescalings of the Lagrangian.

We emphasize that the expression for the La-
grangian in the weak-field limit, equation (17), can-
not be applied to magnetar fields which are thought
to have BNS ≫ BQED. The use of the weak-field ex-
pressions to calculate, e.g. the index of refraction of
the vacuum near the surface of a magnetar will result
in estimates that are incorrect by more than an order
of magnitude at the relevant field strengths. In this
limit, the Lagrangian should instead be approximated
by e.g. equation (18), which is an asymptotic series
for L1 valid for B ≫ BQED and E ≪ EQED.

After integrating out the effects of the virtual
electron-positron pairs, one is left with an effective La-
grangian and many electromagnetic phenomena can
be treated by simply treating the vacuum itself as a
medium endowed whose properties are described by
the Lagrangian. This approximation is valid for pho-
ton energies much less than mec

2. For higher energy
photons the assumption of a homogeneous field im-
plicit in the above construction of the effective La-
grangian breaks down and one must resort to other
methods [for example 40].

3.2. Atomic Physics

The atomic physics of materials on the surfaces of
magnetars is dominated by the magnetic field rather
that the atomic nucleus. A useful figure of merit is
the ratio of the cyclotron energy of an electron to the
binding electron of an electron to a nucleus of atomic
number Z

Ecyclo

ERydberg
=

mec
2B/BQED

Z2/2α2mec2
=

2B

α2Z2BQED
(19)

=
B

1.1Z2 × 109 G
(20)

where BQED is defined in §3.1. We see for magnetars
this ratio is large for Z up to one hundred or more.
The atomic physics is in this regime has been probed
extensively for hydrogen and helium [for example 41,
42] but approximately for larger atoms such as iron
[43].

What remains uncertain is how these atoms interact
and what are the properties of strongly magnetized
material in the bulk at low pressure. Is it a solid,

1Itzykson & Zuber [38] use Heaviside’s units in defining the
Coulomb force; E2 and B2 are smaller in this system than in
ours by a factor of 4π.

liquid or gas? Is it metallic? These questions are cru-
cial to understand the details of the thermal emission
from neutron stars. For further details on the physics
of atoms and molecules in strong magnetic fields the
reader is urged to consult the excellent review of Lai
[44].

3.3. Thermal Physics

Through much of the envelope of a magnetar the
electron gas is effectively one-dimensional because
only the first Landau level is typically filled [45, 46].
This restriction dramatically affects the thermody-
namic properties of the material and allows approx-
imate yet reasonably accurate analytic treatment of
the thermal conduction through the envelope of a
magnetar [45].

The key parameters are the chemical potential of
the electrons, the temperature and the strength of the
magnetic field. It is helpful to define the dimensionless
quantities,

ζ =
µe

mec2
, x2 = ζ2 − 1, τ =

kT

mec2
(21)

in addition to ξ = B/BQED from § 3.1. The number
density of electrons in the degenerate limit (τ ≪ ζ−1)
is given by

ne,0 =
1

3π2λ−3x
3 (22)

for a weakly magnetized gas (x≫ 2ξ) and

ne,magnetar =
ξ

2π2λ−3x (23)

for a strongly magnetized gas. The symbol λ− denotes
the Compton wavelength of the electron, h̄/(mec).

The pressure of the magnetized gas also differs from
the unmagnetized case. The number density of elec-
trons in the degenerate limit (τ ≪ ζ − 1) is given
by

Pe,0 =
1

8π2

mec
2

λ−3

[
xζ

(
2

3
ζ2 − 5

3

)
+ ln(x+ ζ)

]
(24)

for a weakly magnetized gas (x≫ 2ξ) and

Pe,magnetar =
ξ

4π2

mec
2

λ−3 [xζ − ln(x+ ζ)] (25)

for a strongly magnetized gas. Although the mag-
netic field changes the pressure dramatically, the elec-
tric pressure remains isotropic due to the changing
mangetization as the electrons are compressed [47].

An important comparison is at what density do the
electron become degenerate in the two cases. Magne-
tar envelopes are generally cool, τ ≪ 1 so ζ − 1 ≈
x2/2 ≈ τ at the onset of degeneracy. The ratio of
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the densities of the gas at the onset of degeneracy in
unmagnetized and the ultramagnetized case is given
by

ne,magnetar

ne,0
=

3

2

ξ

x2
=

3

4

ξ

τ
≫ 1. (26)

The ratio of the pressures at the onset of degeneracy is
given by a similar factor. For a magnetar, ξ ∼ 10−100
and τ ∼ 10−1, yielding a factor of 100−1000 increase
in the density, column density and pressure at the
onset of degeneracy. Magnetar envelopes only become
degenerate densities larger than

ρND/D = 3.92 × 105 g cm−3ξ(ln bTypical)
1/7

×A
6/7
56 Z

−5/7
26 T

4/7
eff,6g

−1/7
s,14 . (27)

where bTypical is a typical value of ξ/τ in the enve-
lope, bTypical ≈ 6× 103ξ. The unmagnetized envelope
become degenerate at densities ∼ 102 − 104 g cm−3

[48].

4. THERMAL EMISSION FROM
MAGNETARS

The thermal emission from magnetars is powered
by a combination of the residual heat from the super-
nova explosion (Eq. 3)and possibly the magnetic field
(Eq. 2). The accretion alternative predicts more opti-
cal emission than is observed from these objects [but
see 49, for an alternative point of view]. If the ther-
mal energy originates from within the star, the energy
must first travel through the insulating envelope of the
neutron star. The conductivity of this layer throttles
the heat flow and determines the total thermal emis-
sion from these objects.

In the non-degenerate regime, the conductivity is
nearly constant and determined by the outgoing heat
flux both for magnetars and weakly magnetized neu-
tron stars [45, 48]. The photons in the extraordinary
polarization mode dominate the heat conduction, and
the conductivity itself is strongly dependent on the
magnetic field. In the degenerate regime the conduc-
tivity increases dramatically. Along the field lines, the
strong magnetic field strengthens the heat conduction,
while across the field lines, the field inhibits it. For
a fixed internal temperature of the star, the emerging
flux is approximately proportional to Z−0.7B0.4 cos2 ψ
where ψ is the angle between the local magnetic field
(B) and the normal and Z is the atomic number of the
nuclei that comprise the envelope [24, 45]. Potekhin
et al. [50] examined the dependence of the cooling of
neutron stars (including the superfluidity of their in-
teriors) on the presence of a light-element envelope in
further detail, verifying the earlier conclusions.

4.1. Magnetized Atmospheres

The study of mangetized neutron stars is simplified
by the fact that neutron stars atmospheres are ex-
ceedingly thin. Unfortunately, this is an inadequate
consolation for the complications that the strong mag-
netic fields introduce.

• As discussed in § 3.2 the binding energies of
even light species such as hydrogen and helium
may exceed several hundred electron volts in the
magnetar fields, so magnetar atmospheres are
probably only partially ionized [see Figs. 1 and 2
of 51]. The light element atmospheres of more
weakly magnetized stars are typically fully ion-
ized, but even in weak fields heavier species such
as carbon, oxygen and others will not be fully
ionized. The presence of bound species affects
not only the opacity of the plasma but also its
equation of state and electromagnetic polariza-
tion.

• The opacities for the two polarization modes dif-
fers by several orders of magnitude, so the po-
larized radiative transfer must be calculated.

• Vacuum polarization (§ 3.1) complicates the be-
haviour of the propagation modes of the plasma
itself. As radiation propagates through the vac-
uum resonance where the vacuum and plasma
contribute equally to the index of refraction,
the mode that below the resonance had the
higher opacity now has the lower opacity and
vice versa. This effect complicates the radiative
transfer for for radiation slightly above the peak
of the thermal distribution [52, 53].

• The opacites depend strongly on the direction
of that the radiation propagates relative to the
magnetic field. Where the field is normal to the
surface only the altitude is important (like in un-
magnetized transfer) but the distribution must
be sampled more finely to handle the sensitive
angular dependence. Where the field is makes
an angle with respect to the normal (the general
case), the intensity must be calculated both in
altitude and azimuth.

The recent work of Potekhin et al.[54] may be con-
sidered an example of the state of the art in mag-
netized atmospheres. Fig. 1 depicts the results for
calculations that fully include the effects of partial
ionization and vacuum polarization as well as spec-
trum using less realistic assumptions. The shape of
the spectrum changes dramatically as the calculations
become more sophisticated. Even from these com-
prehensive simulations, several important effects are
absent. First, the magnetic field is assumed to point-
ing in the normal direction. Relaxing this constraint
makes the calculations more onerous but similar in
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Figure 1: The total emergent spectrum from a strongly
magnetized neutron star atmosphere from the
calculations of Potekhin et al. [54]. A blackbody
spectrum is compared with several atmospheric
calculations of increasing realism. The fully ionized
model assumes that neutral species are absent. The
hybrid model includes partial ionization to calculate the
equation of state and the opacity but assumes that
polarization modes are those of a fully ionized plasma.
The partially ionized model includes the effects of partial
ionization on the opacity, equation of state and
polarization. All of the models include vacuum
polarization

principle and is required to simulate the emission from
the entire surface of the neutron star. Second, the
magnetic field is still two orders of magnitude less than
that of magnetars. As the magnetic field increases the
difference in the opacities between the two modes in-
creases and also the material in the outer layers may
undergo a phase transition [55]. Finally the surface
layers may not consist of hydrogen but rather helium
or heavier elements (see § 4.4).

A tantalizing alternative is that magnetar atmo-
spheres aren’t atmospheres at all, but rather the sur-
face of a magnetar is condensed. The condensation
temperature may be as high as 106 K for iron in fields
stronger than 1013 G and even for hydrogen in fields
of a few ×1014 G. In this situation detailed balances
allows the emergent spectrum from the star to be de-
termined by understanding how light reflects off of it.
Van Adelsberg et al. [55] calculate emergent thermal
spectra from the condensed surface of a magnetar. If
the surface is smooth, the spectrum deviates from a
blackbody by at most a factor of two and exhibits only
mild absorption features that correspond to the ion
cyclotron resosonace and the plasma frequency within

Figure 2: The total emergent spectrum from a strongly
magnetized condensed neutron star atmosphere from the
calculations of van Adelsberg et al. [55].

the surface. The emission for rough surfaces resembles
that of a blackbody more closely.

4.2. Magnetospheric Propagation

Regardless of the detailed composition of the at-
mosphere of magnetars, the vast difference between
the opacities in the two polarization modes nearly en-
sures that the radiation will emerge from the atmo-
sphere highly polarized perpendicular to the direction
of the local magnetic field. Pavlov and Zavlin [56] ar-
gued that because the direction of the magnetic field
varies across the surface of the neutron stars, the net
polarization from the entire visible surface is greatly
diminished. This argument neglects that the region
surrounding the magnetar is optically active. Specif-
ically at the x-ray energies, the the intense magnetic
field decouples the propagation modes in the magneto-
sphere through vacuum polarization (§ 3.1). Heyl and
Shaviv [57] argued that polarized radiation propagates
adiabatically through the magnetosphere. The adia-
batic condition holds within the polarization-limiting
radius [see 58, for the plasma analogue],

rpl ≡
( α

45

ν

c

)1/5
(

µ

BQED
sinβ

)2/5

(28)

≈ 1.2 × 107

(
µ sinβ

1030 G cm3

)2/5 ( ν

1017 Hz

)1/5

cm,

where r is the distance from the center of the star, µ is
the magnetic dipole moment of the neutron star, and
β is the angle between the dipole axis and the line
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Figure 3: The total emergent flux from the visible
surface of the star. The magnetic pole makes an angle of
60◦ with the line of sight. The radius of the star is 12 km
and its mass is 1.4 M⊙. The effective temperature at the
magnetic pole is 106.5 K. The calculation is for
µ = 1032 G cm3, corresponding to a surface field of
∼ 1014 G respectively. The solid curve traces the total
flux. The short dashed curve traces the flux polarized
perpendicular to the projection of the magnetic moment
in the plane of the sky. The long-dashed curve traces the
flux polarized parallel to the projected magnetic moment.
The heavy curves trace the results including vacuum
polarization and the light curves neglect it.

of sight. The observed polarization reflects not the
direction of the magnetic field at the surface of the star
but at the polarization-limiting radius; consequently,
if this radius is much larger than the radius of the
star, the polarized radiation from disparate regions of
the stellar surfaces adds conherently an a large net
polarization results.

Fig. 3 depicts the polarized spectrum summed over
the entire surface of the neutron star. The local emer-
gent radiation spectrum is determined from an atmo-
spheric model that assumes that the plasma is fully
ionized hydrogen and neglects vacuum polarization
within the atmosphere. The bold curves trace the
results from a calculation that includes vacuum polar-
ization within the magnetosphere and the light curves
neglect vacuum polarization. If vacuum polarization
within the magnetosphere is included the radiation is
more than 99% polarized near the peak of the spec-
trum. Without it the total emission is more modestly
polarized by about 10%.

In the X-ray regime, the radiation from the entire
surface of the neutron star is highly polarized for sur-
face magnetic fields greater than 1012 G or so. At

lower photon energies, especially in the optical and in-
frared, the observed polarization is a sensitive probe
of the magnetic field and plasma density within the
magnetosphere as well as the radius of the neutron
star [59]. Polarimetry of magnetars and neutron stars
in general will provide a unique new probe of their
environments and interiors.

4.3. Magnetic Field Decay

Thompson and Duncan [12] argued that the decay
of the strong magnetic field of a magnetar could ac-
count for the quiescent emission from the surface and
examine the gradual evolution of the magnetic field of
the star. Goldreich and Reisenegger [60] examine sev-
eral modes of magnetic field decay: Ohmic diffusion,
Hall drift and ambipolar diffusion. These processes
have the following timescales:

tOhmic ∼ 2 × 1011L
2
5

T 2
8

(
ρ

ρnuc

)3

yr (29)

tsambip ∼ 3 × 109L
2
5T

2
8

B2
12

yr (30)

tirrambip ∼ 5 × 1015

T 6
8B

2
12

yr + tsambip (31)

tHall ∼ 5 × 108L
2
5T

2
8

B12

(
ρ

ρnuc

)
yr (32)

where L5 is a characteristic length scale of the flux
loops through the outer core in units of 105 cm, T8

is the core temperature in units of 108 K and B12

is the field strength in units of 1012 G. Ohmic de-
cay dominates in weakly magnetized neutron stars
(B <∼ 1011 G), fields of intermediate strength decay
(B ∼ 1012 − 1013 G) via Hall drift, and intense fields
(B >∼ 1014 G) are mostly strongly affected by ambipo-
lar diffusion. Thompson and Duncan [12] examined
the possibility of obtaining an equilibrium between
neutrino cooling and heating through magnetic field
decay for B ∼ 1015 G and T ∼ 108 K.

In the case of a magnetar older than a few hun-
dred years, ambipolar diffusion dominates the other
porcesses at least in the core of the neutron star.
Ambipolar diffusion involves motion of the charged
species (electrons, protons and possibly muons) rela-
tive the the neutrons. In the motion of the change
species results a change in the density of these parti-
cles (if the flow is irrotational), the chemical equilib-
rium must be reestablished through weak interactions.
Otherwise the flow is solenoidal and weak reactions
are not required.

Using the results of Goldreich and Reisenegger [60],
Heyl and Kulkarni [25] examined how magnetic field
decay would affect the thermal emission from the sur-
face of a magnetar and its cooling, including a realistic
treatment of the strongly magnetized envelope of the
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neutron star. Fig. 4 shows the results of their analysis.
If the magnetic field is sufficiently strong (B ∼ 1016 G)
field decay has a dramatic effect on the emission from
young magnetars, less than ten thousand years old.
Even without field decay the magnetic field dramat-
ically increases the heat flux through the surface of
the neutron star. For intermediate fields (B ∼ 1015 G)
field decay does not strongly affect the emission of the
young magnetars, but for fields similar to and stronger
than 1015 G field decay increases the lifetime of hot
magnetars by a factor of several. This dramatically in-
creases the number of hot magnetars that you would
expect to see in the Galaxy and possibly the evolution
of soft-gamma repeaters and anomalous x-ray pulsars.

4.4. Diffusion

A crucial input for our understadning of the emis-
sion from thes surface of neutron stars is the compo-
sition of their outer layers. As discussed in § 3.3 and
§ 4.1 the presence of light elements in these layers can
have a dramaticially effect on the total thermal emis-
siokn from the star as well as its spectrum. The strong
gravitiational acceleration at the surface of the neu-
tron star (g ∼ 1014 cm s−2) ensures that the lighter
elements will float to the top of the atmosphere; con-
sequently, one would expect the emergent spectrum
and flux to be determined by the lightest elements
present in the outermost fluid layers of the star. If
any material fell back onto the neutron star during or
after the supernova, it spallates as it hits the surface,
resulting in hydrogen and helium nuclei.

The thickness of a pure hydrogen layer is limited
the stabilty of protons against decaying into neu-
trons. If the chemical potential of the electrons ex-
ceeds mass difference between a proton and a neu-
tron (ζ ≈ 2.53, x ≈ 2.33) it becomes energetically
favourable for protons to combine with electrons and
form neutrons. These neutrons will quickly bind to
protons, forming deuterons and ultimately helium nu-
clei.

According to equations 22 and 23, this occurs at a
density of about 1.2×107g cm−3 for a weakly magne-
tized gas and about 3.4ξ × 106g cm−3 for a strongly
magnetized gas in which ξ ≫ 1.

The thickness of the hydrogen layer that can be
supported on a magnetar increases with the strength
of the magnetic field. The thickness of a helium layer
is assumed to be limited by the shell flash instability
that results in Type-I X-ray bursts on neutron stars.
This criterion yields a maximum column density of a
helium layer of approximately 108−9 g cm−2 [e.g. 61].
It is unclear whether the strong magnetic field affects
nuclear burning of helium, but it does affect hydrogen
burning [62]. If a neutron star accretes more than
about 1022 g of material after its birth, one would

expect find moving from the outside inward hydrogen,
helium and then carbon or other heavier elements.

These results neglect the fact that although the lay-
ers are stabily stratified, a thermally excited tail of
protons will penetrate the layer of helium and possi-
bly be captured onto the carbon and other nuclei lying
below. Chang, Arras and Bildsten [63] examined this
problem in detail. As protons diffuse through the he-
lium layer, their density drops as a power law in the
non-degenerate regime and exponetially in the degen-
erate regime. In a magnetar the electrons become
degenerate at a much higher column density than in
a neutron star with a smaller magnetic field (Eq. 27).
Although diffusive nuclear burning is not terribly im-
portant over the timescale of a few thousand years
for weakly magnetized neutron stars, in magnetars a
thin atmospheric hydrogen layer is consumed as pro-
tons diffuse through a maximally thick helium layer
in only a few years.

The efficiency of diffusive nuclear burning on a mag-
netar indicates that the atmospheres and enevlopes of
magnetars likely consist of helium or heavier elements
rather than hydrogen. Because ionized hydrogen at-
mospheres has generally be the focus of research into
magnetar atmosphere (see § 4.1) clearly more work is
needed.

5. NON-THERMAL EMISSION FROM
MAGNETARS

Until the past year the quiescent emission from
magnetars was thought to be mostly due to thermal
emission from the surface of the star. Their soft x-ray
spectra are notoriously well described by blackbody
models (possibly with a power-law component at high
energies) [for example 64]. However, recent results
from INTEGRAL indicate that the thermal emission
is just the tip of the iceberg [65, 66, 67, and Hurley in
these proceedings]. The optical emission from AXPs
is also clearly non-thermal (or at least not from the
surface) [68].

Thompson and Beloborodov [69] present two mod-
els to account for the non-thermal hard x-ray emis-
sion from the AXP 1E 1841-045. The first involves
the heating of a surface layer of the neutron star to
kT ∼ 100 keV by currents driven in the magneto-
sphere by the twisting of the magnetic field in the
crust. The second model focusses on a region far from
the star (at ten stellar radii) where the electron cy-
clotron resonance is approximately 1 keV. The ther-
mal flux from the surface exerts a force on the current-
carrying electrons in this region and a large electric
field develops. A positron injected into this region
quickly accelerates to energies where it can upscat-
ter keV photons above the threshold for pair creation.
The pairs emit synchrotron radiation consistent with
the observed spectrum.
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Figure 4: The left panel depicts the evolution of the effective temperature (left) and magnetic field (right) magnetic
field decays through the solenoidal mode. The right panel depicts the results for decay through the irrotational mode.
The bold solid, dotted and dashed lines give the results for Bi = 1014, 1015 and 1016 G respectively. The light lines give
the results without any field decay, and the long-short-dashed line gives the cooling evolution for an unmagnetized
neutron star.

Heyl and Hernquist [70] present an alternative pic-
ture that can account for both the optical and hard
x-ray non-thermal emission. § 3.1 outlines the dynam-
ics of the electromagnetic field including radiative cor-
rections. A key result is that the effective Lagrangian
of QED makes electrodynamics non-linear. Specifi-
cally simple electromagnetic waves travelling through
a strong magnetic field develop regions when the elec-
tric and magnetic field are discontinuous – shocks [71].
These shocks also form as fast waves travel through
an ultramagnetized, ultrarelativistic plasma [72].

As a fast wave propagates away from the surface of
the neutron star and forms a shock, the energy release
in the shock powers the formation of electron-positron
pairs at rest in the frame of the shock. These pairs
emit synchrotron photons that produce more pairs.
This pair cascade stops because the total optical depth
for pair creation strongly decreasing with the energy
of the photons. The final generation of pairs has a
typical Lorentz factor of γ = 0.05ξ−1 with ξ ≪ 1
far from the surface of the star. These pairs emit
synchrotron photons with an energy ranging from

Ebreak = γ2h̄ωB ≈ 2.5 × 10−3ξ−1mc2. (33)

down to E0 = ξmc2. At each radius the pairs cool
in a fixed magnetic field, yielding a spectrum dE ∝
E

−1/2
γ dEγ between the values of E0 and Ebreak at the

innermost edge of the pair production region. At en-
ergies greater than Ebreak or less than E0 the emission
comes from pairs produced further from the star. Sim-
ulations of the fast-mode breakdown in a dipole ge-

ometry [70] indicate that the fast mode delivers equal
amounts of energy in equal ranges of mangetic field,
yielding the complete spectrum

dE

dEγ
∝



Eγ , Emin < Eγ < E0

E
−1/2
γ , E0 < Eγ < Ebreak

E−2
γ , Ebreak < Eγ < Emax

(34)

The model has two free parameters: the total energy
delivered by the fast mode Etotal and the strength
of the magnetic field at the inner edge of the pair-
production region that determines the location of both
break points.

Fig. 5 compares the spectrum of non-thermal
radiation produce by fast-mode breakdown with
the non-thermal radiation observed from the AXPs
4U 0142+61 and 1E 1841-045 and the SGR 1806-20.
The model accounts for the observed spectral slope
both in the optical and in the hard x-ray. If we as-
sume that all of the objects have similar intrinsic op-
tical emission to the nearby AXP 4U 0142+61, we
predict that the non-thermal emission should peak
around 100 MeV as traced by the curves denoted as
the “Optical Model” for AXP 4U 0142+61 and as the
“Unified Model” for the other two objects. On the
other hand if 1E 1841-045 and the SGR 1806-20 do
not exhibit a similar optical excess to 4U 0142+61,
the non-thermal emission should extend to at least
1 MeV as depicted by the “Minimal Model” curves.

EGRET determined upper limits for the gamma-
ray flux from the direction of these objects. Tab. I
gives these upper limits and the predictions of the
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Figure 5: The spectrum produced by fast-mode
breakdown is superimposed over the observed thermal
and non-thermal emission from several AXPs and SGRs
for models that fit either the optical or INTEGRAL data
solely and one that fits both sets of data. The
unabsorbed optical data are from Hulleman et al. [73]

via Özel [68] for AXP 4U 0142+61. The uppermost black
symbols are the hard X-ray band are from Molkov et al.
[67] for SGR 1806-20. Mereghetti et al. [65] obtained
similar results for the SGR. The middle sets of points in
the hard X-ray data (blue is total flux and red is pulsed
flux) are from Kuiper et al.[74] for AXP 1E 1841-045.
The green squares plot the INTEGRAL data reported by
den Hartog et al. [66] for AXP 4U 0142+61. We
normalised the den Hartog et al.[66] results using the
observations of the Crab by Jung [75]. We scaled the
emission from the three sources by assuming that they all
lie at the distance of AXP 4U 0142+61. We used 3 kpc
for AXP 4U 0142+61 [73], 7.5 kpc for AXP 1E 1841-045
[76] and 15 kpc for SGR 1806-20 [67].

fast-mode breakdown model. The optical model
and the unified model predict approximately simi-
lar EGRET fluxes for 4U 0142+61. The minimal
model based solely on the INTEGRAL data exhibits a
flux above 100 MeV about two hundred times smaller
than the unified model. Because the optical model
cannot explain the observed INTEGRAL data for
1E 1841-045 and SGR 1806-20, it is omitted. Sim-
ilarly, the minimal model cannot explain the opti-
cal data for 4U 0142+61. We see that for 1E 1841-
045 and SGR 1806-20 the predictions for the minimal
model lie comfortably below the EGRET upper lim-
its. In the context of the fast-mode breakdown model,
this means that the optical emission for 1E 1841-
045 and SGR 1806-20 is inherently weaker than from
4U 0142+61.

On the other hand, 4U 0142+61 is difficult to ex-
plain in the context of either model because of its
large optical flux. Perhaps 4U 0142+61 was more ac-
tive during the epoch of the optical observations than
during the EGRET observations. Some AXPs exhibit
variable X-ray emission such as AX J1845-0258 and
1E 1048.1-5937 [19, 77] so this conclusion might be
natural.

6. OUTLOOK

Our understanding the magnetars has increased
dramatically over the past few years but so have the
unknowns. The recently discovered hard x-ray emis-
sion [65, 66, 67, 74]present a theoretical challenge to
understand but may also hold that key to understand-
ing the evolution of the mangetic field on magnetars
that drives not only the non-thermal and thermal qui-
escent emission but the bursts as well. The recent
massive burst from SGR 1806-20 [30, 31, 32] shows
that the size of soft-gamma repeater bursts varies over
two additional orders of magnitude. The gamma-ray
energy from the December 27 event (2 × 1046 erg) is
a whopping two-percent of the total electromagnetic
energy from a supernova, and the SGR is expected to
burst like this many times over its lifetime. The ob-
servation of SGR-like bursts from AXPs has further
unified these two classes of objects and the association
of glitches with the bursts[5] from AXP 1E 2259+586
gives a tantalizing hint at the underlying mechanism
for these bursts.

We still do not have a adequate theoretical descrip-
tion of the thermal spectra from AXPs and SGRs.
Where do the expected line features go? Although
features have been seen in 1RXS J170849-400910 [80],
the other AXPs and isolated neutron stars such as
RX J185635-3754 and RX J0720.4-3125 exhibit no fea-
tures. Is this an indication that magnetars have con-
densed surfaces [55] or do they have helium, carbon
or iron atmospheres that have not yet been studied in
the magnetar regime?

Understanding magnetars draws upon a wide range
of physical processes from quantumelectrodynamics
to plasma physics, from condensed matter physics
to general relativity. The physics is messy, but that
makes it fun!
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Table I Predicted flux above 100 MeV and observed EGRET upper limits [78] in units of 10−8 photons s−1cm−2. The
GLAST upper limits are nominally (0.2 – 0.4) × 10−8 photons s−1cm−2 [79].

Object EGRET EGRET Unified Minimal Optical
Exposure [weeks] Upper Limit Model Model Model

AXP 4U 0142+61 8.8 50 1500 — 800

AXP 1E 1841-045 6.8 70 70 0.4 —

SGR 1806-20 4.9 70 280 0.6 —
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This first ever double pulsar system consists of two pulsars orbiting the common center of mass in a slightly
eccentric orbit of only 2.4-hr duration. The pair of pulsars with pulse periods of 22 ms and 2.8 sec, respectively,
confirms the long-proposed recycling theory for millisecond pulsars and provides an exciting opportunity to
study the works of pulsar magnetospheres by a very fortunate geometrical alignment of the orbit relative to our
line-of-sight. In particular, this binary system represents a truly unique laboratory for relativistic gravitational
physics. This contribution serves as an update on the currently obtained results and their consequences for the
test of general relativity in the strong-field regime. A complete and more up-to-date report of the timing results
will be presented elsewhere shortly.

1. INTRODUCTION

In this year 2005 we celebrate the work of Albert
Einstein, remembering his enormous contribution to
our understanding of nature and the Universe. One of
the best ways for honoring his work is to point out that
still today, a hundred of years later, hundreds of scien-
tists around the world are deeply involved in searching
for the limits up to which his centennial theory of gen-
eral relativity (GR) can be applied. To date GR has
passed all observational tests with flying colours. Still,
it is the continued aim of many physicists to achieve
more stringent tests by either increasing the precision
of the tests or by testing different aspects. Some of
the most stringent tests are obtained by satellite ex-
periments in the solar system. One must not forget,
however, that these solar-system experiments are all
made in the gravitational weak-field regime and that
they will never be able to provide tests in the strong-
field limit where deviations from GR may appear more
clearly or even for the first time (see e.g. [1]). This
strong-field regime is best explored using radio pul-
sars.

Pulsars, highly magnetized rotating neutron stars,
are unique and versatile objects which can be used to
study an extremely wide range of physical and astro-
physical problems. Beside testing theories of grav-
ity one can study the Galaxy and the interstellar
medium, stars, binary systems and their evolution,
plasma physics and solid state physics under extreme
conditions. In these proceedings, we will present such
applications for gravitational physics made possible

by the first ever discovered double pulsar [2, 3]. We
will demonstrate that this rare binary system repre-
sents a truly unique laboratory for relativistic gravity.
We will present an update on the currently obtained
timing results and their consequences for tests of GR.
A complete and more up-to-date report of the timing
results will be presented elsewhere shortly.

2. THE DOUBLE PULSAR

Our team discovered the 22.8-ms pulsar
J0737−3039 in April 2003 [2] in an extension to
the hugely successful Parkes Multi-beam survey
[4]. It was soon found to be a member of the most
extreme relativistic binary system ever discovered:
its short orbital period (Pb = 2.4 hrs) is combined
with a remarkably high value of periastron advance
(ω̇ = 16.9 deg yr−1, i.e. four times larger than for
PSR B1913+16!) that was measurable after only a
few days of observations. The system parameters
predict that the two members of the binary system
will coalesce on a short time scale of only ∼ 85 Myr.
This boosts the hopes for detecting a merger of two
neutron stars with first-generation ground-based
gravitational wave detectors by a factor of several
compared to previous estimates based on only the
double neutron stars B1534+12 and B1913+16 [2, 5].

In October 2003, we detected radio pulses from the
second neutron star when data sets covering the full
orbital period were analysed [3]. The reason why sig-
nals from the 2.8-s pulsar companion (now called PSR

0038
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J0737−3039B, hereafter “B”) to the millisecond pul-
sar (now called PSR J0737−3039A, hereafter “A”)
had not been found earlier, became clear when it was
realized that B was only bright for two short parts of
the orbit. For the remainder of the orbit, the pulsar B
is extremely weak and only detectable with the most
sensitive equipment. The detection of a young com-
panion B around an old millisecond pulsar A confirms
the evolution scenario proposed for recycled pulsars
(e.g. [6, 7]) and made this already exciting system
sensational, providing a truly unique testbed for rela-
tivistic gravity.

3. STRONG-FIELD TESTS OF GENERAL
RELATIVITY

Since neutron stars are very compact massive ob-
jects, the double pulsar (and other double neutron
star systems) can be considered as almost ideal point
sources for testing theories of gravity in the strong-
gravitational-field limit. Tests can be performed when

a number of relativistic corrections to the Keplerian
description of an orbit, the so-called “post-Keplerian”
(PK) parameters, can be measured. For point masses
with negligible spin contributions, the PK parameters
in each theory should only be functions of the a priori
unknown neutron star masses and the well measurable
Keplerian parameters.

With the two masses as the only free parameters,
the measurement of three or more PK parameters
over-constrains the system, and thereby provides a
test ground for theories of gravity. In a theory that
describes a binary system correctly, the PK param-
eters produce theory-dependent lines in a mass-mass
diagram that all intersect in a single point.

As A has the faster pulse period (and is bright
throughout the entire orbit apart from a ∼ 27-s eclipse
at superior conjunction), we can time A much more
accurately than B and measure precise PK parame-
ters for A’s orbit. In GR, the five most important PK
parameters are given to first post-Newtonian (1PN, or
O(v2/c2)) order by [8]:

ω̇ = 3T 2/3
�

(
Pb

2π

)−5/3 1
1 − e2

(MA +MB)2/3, (1)

γ = T
2/3
�

(
Pb

2π

)1/3

e
MB(MA + 2MB)
(MA +MB)4/3

, (2)

Ṗb = −192π
5

T
5/3
�

(
Pb

2π

)−5/3 (1 + 73
24e

2 + 37
96e

4
)

(1 − e2)7/2

MAMB

(MA +MB)1/3
, (3)

r = T�MB, (4)

s = T
−1/3
�

(
Pb

2π

)−2/3

x
(MA +MB)2/3

MB
, (5)

where Pb is the period and e the eccentricity and x
the semi-major axis measured in light-s of the binary
orbit. The masses MA and MB of A and B, respec-
tively, are expressed in solar masses (M�). We define
the constant T� = GM�/c3 = 4.925490947µs where
G denotes the Newtonian constant of gravity and c the
speed of light. The first PK parameter, ω̇, is the eas-
iest to measure and describes the relativistic advance
of periastron. According to Eqn. 1 it provides an im-
mediate measurement of the total mass of the system,
(MA +MB). The parameter γ denotes the amplitude
of delays in arrival times caused by the varying effects
of the gravitational redshift and time dilation (second
order Doppler) as the pulsar moves in its elliptical or-
bit at varying distances from the companion and with
varying speeds. The decay of the orbit due to gravi-
tational wave damping is expressed by the change in

orbital period, Ṗb. The other two parameters, r and s,
are related to the Shapiro delay caused by the grav-
itational field of the companion. These parameters
are only measurable, depending on timing precision,
if the orbit is seen nearly edge-on. For pulsar A, all
these quantities have indeed been measured, providing
a large number of available tests. In fact, in addition
to tests with these PK parameters, the possibility to
measure the orbit of both A and B opens up opportu-
nities that go well beyond what is possible with previ-
ously known double neutron stars, as we will describe
now.

With a measurement of the projected semi-major
axes of the orbits of both A and B, we obtain a pre-
cise measurement of the mass ratio, R(MA,MB), from
Kepler’s third law,

R(MA,MB) ≡MA/MB = xB/xA. (6)
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For every realistic theory of gravity, we can expect
the mass ratio, R, to follow this simple relation [9],
at least to 1PN order. Most importantly, the R
value is not only theory-independent, but also inde-
pendent of strong-field (self-field) effects which is not
the case for PK-parameters. This provides a stringent
and new constraint for tests of gravitational theories
as any combination of masses derived from the PK-
parameters must be consistent with the mass ratio
derived from Kepler’s 3rd law. With five PK parame-
ters already available, this additional constraint makes
the double pulsar the most overdetermined system to
date where the most relativistic effects can be studied
in the strong-field limit.

4. TIMING OF THE DOUBLE PULSAR

Our observations already provide measurements for
all five PK parameters listed above. This includes
a measurement of an orbital decay of the binary or-
bit due to gravitational wave emission with a rate of
7mm/day. As indicated earlier, we can use these re-
sults to test GR in a very elegant way [9]. The unique
relationship between the two masses of the system pre-
dicted by GR (or any other theory) for each PK pa-
rameter can be plotted in a diagram showing the mass
of A on one axis and B on the other. We expect all
curves, including that of the mass ratio R, to intersect
in a single point if the chosen theory (here GR) is a
valid description of the nature of this system. Such
tests have been possible to date in PSR B1913+16
(e.g. [10]) and for PSR B1534+12 (e.g. [11]). How-
ever, in neither of these systems were so many curves
available as for the double pulsar system for which we
derive a MA −MB plot as shown in Fig. 1.

It turns out that, as another stroke of luck, we
are observing the system almost completely edge-on
which allows us to determine a Shapiro delay to very
high precision. It also means, however, that we can
probe a pulsar magnetosphere for the very first time
using a background beacon. Results of the mag-
netospheric interactions between A and B [12] and
the eclipse of A’s signal at its superior conjunction
[3, 13, 14] have been presented elsewhere and must
be considered in search for a possible contamination
of the timing data and hence a violation of our as-
sumption that we deal with a “clean” system of point
sources.

While all studies so far confirm the cleanness of the
system, we also have to consider that the times-of-
arrival (TOAs) are obtained with a standard “tem-
plate matching” procedure that involves a cross-
correlation of the observed pulse profile with high
signal-to-noise ratio template (e.g. [15]). Any change
in the pulse profile could therefore lead to systematic
variations in the measured TOAs. For this reason it

was necessary to perform detailed studies of the pro-
files of A and B and to investigate any possible profile
evolution with time. Indeed, profile changes on secu-
lar time scales are expected for the double pulsar for
the following reason.

In GR, the proper reference frame of a freely falling
object suffers a precession with respect to a distant ob-
server, called geodetic precession. In a binary pulsar
system this geodetic precession leads to a relativistic
spin-orbit coupling, analogous of spin-orbit coupling
in atomic physics [16]. As a consequence, the pul-
sar spins precess about the total angular momentum,
changing the relative orientation of the pulsars to one
another and toward Earth. Since the orbital angular
momentum is much larger than the pulsars’ angular
momenta, the total angular momentum is practically
represented by the orbital angular momentum. The
precession rate [17] depends on the period and the ec-
centricity of the orbit as well as the masses of A and
B. With the orbital parameters of the double pulsar,
GR predicts precession periods of only 75 yr for A and
71 yr for B.

Geodetic precession should have a direct effect on
the timing as it causes the polar angles of the spins
and hence the effects of aberration to change with time
[9]. These changes modify the observed orbital param-
eters, like projected semi-major axis and eccentricity,
which differ from the intrinsic values by an aberration
dependent term, potentially allowing us to infer the
system geometry [18]. Other consequences of geode-
tic precession can be expected to be detected much
sooner and are directly relevant for the timing of A
and B. These arise from variations in the pulse shape
due to changing cuts through the emission beam as the
pulsar spin axes precess. Moreover, geodetic preces-
sion also leads to a change in the relative alignment of
the pulsar magnetospheres, so that the visibility pat-
tern or even the profile of B may vary due to these
changes as well.

The possibility to observe such phenomena is ex-
citing but requires a careful analysis to exclude any
impact onto the timing of the two pulsars. Indeed,
the necessity to check for these effects has delayed the
publication of the currently final timing results of the
double pulsar. The analysis is now almost complete
and results will be published shortly. A preliminary
update is given in Table 1 and discussed below.

5. PRESENT RESULTS

The study of the profile evolution of A [19] did not
lead to the detection of any profile change over a pe-
riod of 15 months. This present non-detection greatly
simplifies the timing of A but does not exclude the
possibility that changes may not happen in the fu-
ture. While the effects of geodetic precession could
be small due to a near alignment of pulsar A’s spin
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Table I Observed and derived parameters of PSRs J0737−3039A and B. Standard errors are given in parentheses after
the values and are in units of the least significant digit(s).

Pulsar PSR J0737−3039A PSR J0737−3039B

Pulse period P (ms) 22.699378556138(2) 2773.4607474(4)

Period derivative Ṗ 1.7596(2) × 10−18 0.88(13) × 10−15

Epoch of period (MJD) 52870.0

Right ascension α (J2000) 07h37m51s.24795(2)

Declination δ (J2000) −30◦39′40′′.7247(6)
Orbital period Pb (day) 0.1022515628(2)

Eccentricity e 0.087778(2)

Epoch of periastron T0 (MJD) 52870.0120588(3)

Advance of periastron ω̇ (deg yr−1) 16.900(2)

Longitude of periastron ω (deg) 73.805(1) 73.805 + 180.0

Projected semi-major axis x = asini/c (sec) 1.415032(2) 1.513(4)

Gravitational redshift parameter γ (ms) 0.39(2)

Shapiro delay parameter s = sin i 0.9995(4)

Shapiro delay parameter r (µs) 6.2(6)

Orbital decay Ṗb (10−12) −1.20(8)

Mass ratio R = MA/MB 1.071(1)

Figure 1: ‘Mass–mass’ diagram showing the observational constraints on the masses of the neutron stars in the double
pulsar system J0737–3039. The shaded regions are those that are excluded by the Keplerian mass functions of the two
pulsars. Further constraints are shown as pairs of lines enclosing permitted regions as given by the observed mass ratio
and PK parameters shown here as predicted by general relativity. Inset is an enlarged view of the small square
encompassing the intersection of these constraints (see text).

0038

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



and the orbital momentum vector, the results could
also be explained by observing the system at a par-
ticular precession phase. While this case appears to
be relatively unlikely, it must not be excluded as such
a situation had indeed occurred for PSR B1913+16
[20]. Indeed, a modelling of the results suggests that
this present non-detection of profile changes is con-
sistent with a rather wide range of possible system
geometries. One conclusion that can be drawn, how-
ever, is that the observations are inconsistent with the
large profile changes that had been predicted by some
models [21].

In contrast to the results for A, similar studies of
the profile evolution of B [22] reveal a clear evolu-
tion of B’s emission on orbital and secular time-scales.
The profile of B is changing with time, while also the
light-curves of B (i.e. the visibility of B versus orbital
phase) undergo clear changes. These phenomena may
be caused by a changing magnetospheric interaction
due to geometry variations resulting from geodetic
precession. In any case, these changes require sophis-
ticated timing analysis techniques and the preliminary
results obtained with this techniques are listed in Ta-
ble 1, while final results will be published shortly.

The present timing results already indicate that the
proper motion of this system is surprisingly small.
While a significant measurement of a proper motion
vector via pulsar timing will be available shortly, the
present limit suggests a systemic velocity of less than
30 km/s for a dispersion measure distance of 600 pc
[23].1 While such a small velocity may be indicative
of a small kick imparted onto B during its supernova
explosion [25], other studies find this limit still to be
consistent with a kick of average magnitude [26]. In
any case, such a small velocity is good news for tests of
GR. Usually, the observed value of Ṗb is positively bi-
ased by an effect known as secular acceleration arising
from a relative motion and acceleration of the system
(e.g. [27]). Computing the magnitude of this observa-
tional bias using the obtained limit on the proper mo-
tion, however, suggests that the contribution is much
less than 1%, so that the orbital decay measurement
will be available for another precise GR test.

Finally, scintillation measurements have recently
suggested an orbital inclination angle that is ex-
tremely close to 90 deg (i.e. within (0.29 ± 0.14) deg)
[24]. This measurement appears to be inconsistent
with results from the timing observations and the
measurement of the Shapiro delay parameter, s =
sin i, which suggest an inclination angle that is close
but significantly different from 90 deg. One should
note that the scintillation results are based on corre-

1We note that this small velocity is consistent with the 66
km/s derived from scintillation measurements as the latter value
is not corrected for a relative motion of the Earth [24].
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Figure 2: The effect of the Shapiro delay caused by the
gravitational potential of B seen in the timing residuals
of A. The timing residuals obtained by fitting all model
parameters shown in Table 1 except the Shapiro delay
parameters r and s. The left-over structure represents
the higher harmonics of the Shapiro delay that are
unabsorbed by fits to the Keplerian parameters.

lating the scintillation properties of A and B over the
short time-span of the orbital motion when they are
in conjunction to the observer. In contrast, the mea-
surement of the inclination angle from timing mea-
surements results from detecting significant harmonic
structure in the post-fit residuals after parts of the
Shapiro delay effect are absorbed in the fit for the
Römer delay, i.e. the light travel time across the or-
bit. As shown in Figure 2, these structures are present
throughout the whole orbit, so that the results from
timing measurements may be expected to be more re-
liable. We are currently studying the origin of this
apparent inconsistency between these two methods,
checking both any contamination of the Shapiro de-
lay measurements and effects influencing the scintilla-
tion results. An exciting possibility could be that the
emission of A suffers measurable refraction while prop-
agating through the magnetosphere of B. If that were
indeed the case, we would have a direct handle onto
the magneto-ionic properties of B’s magnetosphere for
the first time.

Inspecting the results shown in Table 1, we can
take the most precise parameters (i.e. the mass ra-
tio R, the advance of periastron ω̇ and the Shapiro
delay parameter s) to test theories of gravity. As-
suming that GR is the correct theory of gravitation,
we use Eqn. 1 to derive the total mass of the system
and combine it with the observed mass ratio to obtain
MA = 1.338± 0.001M� and MB = 1.249 ± 0.001M�.
Using these precisely determined masses we compute
the Shapiro delay parameter s as predicted by GR
and compare it to the observed value. We find that
sGR/sobs = 1.0002+0.0011

−0.0006. Hence, GR passes this test
at the 0.1% level. This is the most stringent test of
GR in the strong-field limit so far.
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6. FUTURE

In the near and far future, the precision of the de-
termined parameters will increase further, simply by
the available longer time span but also by the po-
tential employment of better instrumentation. In a
few years, we should be able to measure additional
PK parameters, including those which arise from a
relativistic deformation of the pulsar orbit (resulting
in angular and radial orbital eccentricities) and those
which find their origin in aberration effects and their
interplay with geodetic precession (see [9]). On sec-
ular time scales we will even achieve a precision that
will require us to consider post-Newtonian terms that
go beyond the currently used description of the PK
parameters. Indeed, the equations for the PK param-
eters given earlier are only correct to lowest PN order.
However, higher-order corrections are expected to be-
come important if timing precision is sufficiently high.
While this has not been the case in the past, the dou-
ble pulsar system may allow measurements of these
effects in the future [3].

One such effect involves the prediction by GR that,
in contrast to Newtonian physics, the neutron stars’
spins affect their orbital motion via spin-orbit cou-
pling. This effect would be visible most clearly as a
contribution to the observed ω̇ in a secular [17] and
periodic fashion [28]. For the J0737−3039 system, the
expected contribution is about an order of magnitude
larger than for PSR B1913+16, i.e. 2× 10−4 deg yr−1

(for A, assuming a geometry as determined for PSR
B1913+16 [20]). As the exact value depends on the
pulsars’ moment of inertia, a potential measurement
of this effect allows the moment of inertia of a neutron
star to be determined for the first time [29].

If two parameters, e.g. the Shapiro parameter s and
the mass ratio R, can be measured sufficiently accu-
rate, an expected ω̇exp can be computed from the in-
tersection point. This value can be compared to the
observed value ω̇obs which is given by (see [29])

ω̇obs = ω̇1PN

[
1 + ∆ω̇2PN − gA∆ω̇A

SO − gB∆ω̇B
SO

]
(7)

where the last two terms represent contributions from
the pulsar spin. In these terms, gA,B are geometry
dependent factors whilst ∆ω̇A,B

SO arise from relativistic
spin-orbit coupling, formally at the 1PN level. How-
ever, it turns out that for binary pulsars these effects
have a magnitude equivalent to 2PN effects [28], so
that they only need to be considered if ω̇ is to be
studied at this higher level of approximation. We find
∆ω̇SO ∝ I/PM2 [29], so that with precise masses M
the moment of inertia I can be measured and the neu-
tron star “equation-of-state” and our understanding
of matter at extreme pressure and densities can be
tested.

The dependence of ∆ω̇SO on the spin period P sug-
gests that only a measurement for pulsar A can be

obtained. It also requires that at least two other pa-
rameters can be measured to a similar accuracy as ω̇.
Despite being a tough challenge, e.g. due to the ex-
pected profile variation caused by geodetic precession,
the prospects are promising. Simulations indicate that
a few years of high precision timing are sufficient.

7. SUMMARY & CONCLUSIONS

With the measurement of five PK parameters and
the unique information about the mass ratio, the PSR
J0737−3039 system provides a truly unique test-bed
for relativistic theories of gravity. So far, GR also
passes this test with flying colors. The precision of
this test and the nature of the resulting constraints go
beyond what has been possible with other systems in
the past. The test achieved so far is, however, only the
beginning of a study of relativistic phenomena that
can be investigated in great detail in this wonderful
cosmic laboratory.
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Emission From Rotation-Powered Pulsars: Is It All Relative?
Alice K. Harding
NASA Goddard Space Flight Center, Greenbelt, MD 20771, USA

Thirty-five years after the discovery of rotation-powered pulsars, we still do not understand the fundamentals of
their pulsed emission at any wavelength. Even detailed pulse profiles cannot identify the location of the emission
in a magnetosphere that extends from the neutron star surface to near the light cylinder. Compounding the
problem are effects of strong gravity at low altitudes and plasma moving at relativistic speeds in the outer
magnetosphere. I will discuss the role of special and general relativistic effects on pulsar emission, from inertial
frame-dragging near the stellar surface to aberration, time-of-flight and retardation of the magnetic field near
the light cylinder. Understanding how these effects determine what we observe at different wavelengths is critical
to unraveling the emission physics

1. INTRODUCTION

Rotation-powered pulsars shine over a broad spec-
trum from radio to high-energy γ-ray wavelengths.
Pulsed emission in the radio band, where they were
first discovered, has been detected from over 1500 ob-
jects and the characteristics of this emission have been
studied in great detail for many years. Even so, the
origin of the radio pulsation is still not understood,
except to realize that it must be a coherent process
requiring significant particle densities and probably
electron-positron pairs [29]. Studies of radio pulse
morphology and phase-resolved polarization patterns
suggest that the emission is radiated along open dipole
magnetic field lines within several hundred stellar radii
of the polar cap [26, 39]. Pulsed emission in optical,
X-ray and γ-ray bands has been detected from a much
smaller number of sources. Some thirty pulsars are
known to have pulsations at X-ray energies [23], ten
in the optical band [31] and about ten at γ-ray ener-
gies [22]. Since emission at the higher energies origi-
nates from incoherent processes, there is greater hope
of understanding its origin, as well as the particle ac-
celeration processes in the magnetosphere. But nature
seems to be making things difficult for us here as well,
as in most cases the high-energy pulse profiles do not
look like the radio profiles and the phases of the pulses
are different across energy bands. There are, however,
notable exceptions to this behavior. The Crab pul-
sar exhibits a double-peaked pulse profile that is very
similar at all wavelengths from radio to high-energy
γ rays, and the pulses are in phase across the entire
spectrum to within tenths of milliseconds [27]. Several
other pulsars with comparably short or shorter pulse
periods show similar behavior, having X-ray and ra-
dio profiles that resemble each other and are in phase.
These sources include PSR B0540-69, a 50 ms Crab-
like pulsar in the LMC, PSR J1617-5055, a 69 ms
pulsar in RCW103, and the millisecond pulsars PSR
B1821-24, PSR J0437-4715 and PSR B1937+21. Per-
haps this indicates that the emission at these differ-
ent wavelengths originates in the same small region of
the magnetosphere. However, there is another possi-

bility if one takes into account relativistic effects on
emission, and which may agree better with emission
models as well as constraints on viewing angles and
polarization measurements.

The key to deciphering pulsar emission, I believe, is
to understand the relativistic effects that operate near
a rapidly spinning, magnetized star with strong grav-
ity, to build these into our models, and to recognize
how they distort the radiation we observe. If we can
learn to deconvolve these effects from the signals, or to
identify signatures which can give us information on
the location of the emission, then perhaps we will have
clues to the acceleration and emission mechanisms.
Special relativistic effects such as aberration, time-of-
flight delays and retardation of the magnetic field be-
come important for acceleration and radiation in the
outer magnetosphere. General relativistic effects such
as inertial frame-dragging, gravitational red-shift and
light bending are important nearer the neutron star
surface. I will review these special and general rel-
ativistic effects in pulsar magnetospheres, how they
are being incorporated into pulse emission models and
how they are essential to accurately interpreting pul-
sar data to determine the geometry of the emission.

2. SPECIAL RELATIVISTIC EFFECTS

Pulsars rotate rapidly enough that the star’s exte-
rior magnetic field and charges that are coupled to it
will experience relativistic corotation velocities in the
outer parts of the magnetosphere. Since the corota-
tion velocity at radius r, for angle ζ to the rotation
axis, is βrot = Ωr sin ζ/c, first order special relativistic
effects become important when r is a significant frac-
tion of the light cylinder radius, RLC = c/Ω, where
Ω is the pulsar rotation frequency. Aberration causes
the photon emission directions to appear shifted to
a non-rotating observer in the direction of rotation,
so the emission arrives at an earlier phase. The first
order phase shift due to aberration, at an emission
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Figure 1: Sweepback of the vacuum dipole magnetic field
in the spin-equatorial plane (from [49]) for pulsar
inclination angle is 60◦. Rotation is counterclockwise and
the circle denotes the light cylinder radius. Top view
shows inside and just outside the light cylinder and
bottom view shows the field forming a spiral pattern far
outside the light cylinder.

radius rem, is [13, 14]

∆φab ≃ − rem

RLC
, (1)

which is independent of the angle ζ. In addition, there
are time-of-flight delays in the arrival time of radiation
emitted at different rem. The phase delay is, to first
order in βrot, the same as that due to aberration, or

∆φret ≈ − rem

RLC
. (2)

The magnetic field of the neutron star will be dis-
torted by retardation in the outer parts of the magne-
tosphere near the light cylinder. The original Deutsch
[8] solution for a rotating dipole field in vacuum ex-
hibits such an effect, as the ‘near field’ dipole must
match to the ‘far-field’ electromagnetic wave solution.
Beyond the light cylinder the field lines become swept
back, in the opposite direction to that of rotation (see
Figure 1). However, the field begins to be distorted
within the magnetosphere, and this can affect both
the direction of emission tangent to field lines as well
as the shape of the open field volume [1, 49]. The low-
est order change in the field direction caused by the
sweep-back inside the light cylinder is [43]

δsb ≃ 1.2

(
rem

RLC

)3

sin2 α, (3)

where α is the magnetic inclination angle, which is in-
significant compared with the phase shifts due to aber-
ration and time-of-flight. There is however a much
more important distortion of the open field volume,
due to field-line sweep-back near the light cylinder,
which results in distortion and displacement of the
polar cap at the surface of the neutron star. The dis-
placement of the open field volume causes a phase shift
[9]

∆φov ≃ 0.2

(
rem

RLC

)1/2

(4)

which is of lower order than aberration and time-of-
flight delay and thus will dominate at smaller emission
radii. The retarded vacuum dipole solution has been
widely used in modeling pulsar emission [6, 42, 43],
even though active pulsar magnetospheres will con-
tain charges and currents, because solutions for the
realistic case are more complex and model dependent.
An analytic solution for a pulsar magnetosphere with
currents on open field lines in a space-charge limited
flow (SCLF) model [35] illustrates that there are im-
portant differences in the vacuum and non-vacuum
cases. For example, there is no sweepback of field
lines for an aligned rotator in the vacuum case (where
there is no spin-down torque) but there is sweepback
in the case of the non-vacuum aligned rotator due to
the current flow.

2.1. GENERAL RELATIVISTIC EFFECTS

Distortions of space-time near the neutron star pro-
duce various effects important to pulsar radiation, in-
cluding gravitational red-shifting of photons, bend-
ing of light, curved space-time changes to the mag-
netic field and inertial frame-dragging. The frequency
of radiation emitted near the neutron star surface is
red-shifted as photons climb out of the gravitational
potential well toward a distant observer in the (rela-
tively) flat space-time of Earth’s gravity. The result-
ing decrease in energy of the photons emitted at radius
rem is

ε = ε′
(

1 − 2GM

remc2

)1/2

. (5)

Such a red-shift can also have secondary effects on
the radiation, such as an increased efficiency of atten-
uation by one-photon pair creation [15] and photon
splitting [4], since these processes depend sensitively
on photon energy.

Gravitational bending of photon paths is most pro-
nounced for trajectories at large angles to the radial
direction. For non-thermal radiation by highly rel-
ativistic particles that is emitted mostly tangent to
magnetic dipole field lines in polar regions, light bend-
ing has a second-order effect on radiation direction
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Figure 2: Schematic illustration of pulsar acceleration/emission models.

and attenuation. However, for thermal emission from
a hot neutron star surface, emitted semi-isotropically,
light bending has a dominant effect on smearing-out
pulse profiles and diminishing degree of modulation
[37, 40].

The dipole field in a Schwarzschild metric [48] ex-
hibits several features that are important for pulsar
radiation. The surface field strength at the magnetic
poles is increased, relative to flat space-time, so that

BGR
0 ≈ (1 +

rg

R
)BFlat

0 (6)

where R is the radius and rg is the gravitational ra-
dius of the neutron star. This effect also enhances the
photon attenuation due to pair creation and photon
splitting. The dipole field is also less open, as field
lines near the light cylinder have footpoints that are
nearer the magnetic axis. There is a resulting decrease
in polar cap half-angle,

θGR ≈ θFlat√
1 + rg/R

. (7)

Effectively though, for emission of photons tangent to
field lines, the effect of light bending tends to cancel
the effect of the smaller polar cap size, so that the
resulting size of the emission beam is roughly the same
as in flat space-time [15].

The fast rotation of the neutron star also distorts
the nearby space-time, resulting in a dragging of the

inertial frame around it (also known as the Lense-
Thirring effect). In the Kerr metric that includes the
rotation of the neutron star, the inertial frame ro-
tates with angular velocity, ω = 2GL/c2r3, if L is the
neutron star angular momentum, which is effectively
a differential rotation. If one solves Maxwell’s equa-
tions in this metric to obtain the electric field induced
by the rotation of the magnetic field [36], there is a
correction to the Goldreich-Julian charge density (the
charge density required to screen the electric field par-
allel to the magnetic field),

ρGJ ≈ − 1

4πc
∇ ·

[
1

α
(v − ω) × B

]
, (8)

where v = Ω × r. The inertial-frame angular velocity
now appears in the expression for ρGJ , as well as the
rotational velocity v. This change in ρGJ turns out
to have a significant effect for SCLF models [2], where
the accelerating electric field results from the small
difference between the actual charge flow along the
open field lines and the GJ charge flow,

∇ · E|| = 4π(ρ − ρGJ)

The resulting parallel electric field near the neutron
star is 10 to 50 times higher that the corresponding
field in flat space-time (MT92), so that the frame-
dragging contribution actually dominates. The frame-
dragging E‖ also enables particle acceleration for
aligned rotators and along field lines curving away
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Figure 3: Time-lapse illustration of formation of caustic
emission in the spin-equatorial plane of an orthogonal
rotator. The magnetic axis is vertical at time t = 0 and
rotates counterclockwise. Dots and arrows mark the
successive emission points and directions of photons
along the leading and trailing last open field lines that
will arrive at a distant observer simultaneously.

from the rotation axis, which does not occur in flat
space-time.

3. DECODING THE SIGNALS

Many of the effects described above have been in-
corporated in pulsar emission models and in some
cases, they are essential features. Most current mod-
els for high energy emission involve some particle ac-
celeration and radiation in the outer magnetosphere.
Although traditional polar cap models [7, 17] focus
on activity near the neutron star, more recently such
models have explored extended acceleration from the
neutron star surface to high altitudes in the slot gap
along the edge of the open field region [34] (see Figure
2). Acceleration in outer gap models [6, 20, 42] occurs
in the outer magnetosphere between the null charge
surface and the light cylinder along the last open field
line, although recent 2D solutions of the gap geometry
show that the gap may extend to the inner magneto-
sphere [45]. Polar cap and outer gap model geometry
thus seems to be merging, although the electrodynam-
ics of the two models remains fundamentally different.
In both pictures, special relativistic effects are essen-
tial in modeling the high altitude emission. General
relativistic effects are additionally important in polar
cap models.

3.1. Caustics

A curious feature of the emission pattern in the
outer magnetosphere of a rotating dipole was first
noted by Morini [32]. If one assumes that photons are
radiated tangent to the magnetic field from the polar

cap to the light cylinder, then the relative phase shifts
of photons emitted at different radii due to dipole cur-
vature, aberration and time-of-flight nearly cancel on
field lines on the trailing edge of the open region (see
Figure 3). Radiation along such trailing field lines
bunches in phase, forming a sharp peak in the profile.
On the other hand, photons emitted at different radii
along leading field lines spreads out in phase. The
effect is most pronounced for large inclination of the
magnetic axis to the rotation axis. A plot of observer
angle to the rotation axis versus phase, as shown in
Figure 4a, clearly displays the sharp lines of emission,
or caustics, in the radiation from trailing field lines. A
number of emission models [5, 12, 42, 44] have made
use of the caustic effect to produce the sharp peaks
seen in profiles of high-energy pulsars. In purely geo-
metrical schemes, the high energy emission could orig-
inate from caustics associated with either one mag-
netic pole [32, 42, 44], or both poles [12]. Two types
of physical acceleration and emission models divide in
this way as well, with outer gap models exhibiting one-
pole caustic geometry and slot gap models exhibiting
two-pole caustics.

3.2. Outer Gap Model

Outer-gap models [5, 41] assume that accelera-
tion occurs in vacuum gaps that develop in the
outer magnetosphere, along the last open field line
above the null charge surfaces, where the Goldreich-
Julian charge density changes sign (see Figure 2), and
that high-energy emission results from photon-photon
pair production-induced cascades. The pair cascades
screen the accelerating electric field and limit the size
of the gap both along and across the magnetic field.
The geometry of the outer gaps prevents an observer
from seeing gaps associated with both magnetic poles,
putting them in the class of one-pole caustic models.
The high energy pulse profiles that are observed to
have two widely separated, sharp peaks are formed
by caustics, the leading peak originating from over-
lapping field lines at rem ∼ 0.9 RLC and the trailing
peak originating from the caustic along trailing field
lines at rem ∼ 0.2 − 0.8 RLC. An example of outer
gap profile formation is shown in Figure 4c and 4d. A
drawback to this type of model is that the formation
of the leading peak is very sensitive to the structure
of the retarded field lines very near the light cylinder,
which is not well known for non-vacuum models (see
Section 2). Some recent outer gap models point out
that the gap lower boundary should exist somewhat
below the null charge surface, and the location of this
boundary will depend on the external currents that
flow into or out of the gap [21, 45]. If the gap moves
close enough to the neutron star, depending on incli-
nation angle, it might be possible for an observer to
see gaps from both magnetic poles.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0040



Figure 4: Comparison of two-pole caustic and outer gap models. a) Plot of emission in the (ζobs, φ) plane, calculated
with a two-pole caustic model for inclination, α = 70◦. φ is the rotational phase and ζobs is the viewing angle measured
from the rotation axis. b) High-energy profile for ζobs = 47◦, produced by a horizontal cut through the phase plot
above. c) As in a) for an outer gap model. d) High-energy profile from the outer gap phase plot c) for ζobs = 83◦.

3.3. Slot Gap Model

The slot gap, a narrow pair-free accelerator border-
ing the closed field region, is a feature of polar cap
SCLF models (AS79). SCLF models assume freely

emitted charges flow out from the neutron polar cap
along open field lines. Since this charge flow is not suf-
ficient to supply the Goldreich-Julian charge above the
surface, as discussed in Section 2.1, an E‖ exists and
charges are accelerated. Radiation from these charges
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forms electron-positron pairs in the strong magnetic
field, which can screen the E‖ above a pair front in a
distance small compared to the acceleration distance.
These models assume a boundary condition that the
accelerating electric field and potential vanish at the
last open field line. Near the boundary, the electric
field is decreasing and a larger distance is required
for the electrons to accelerate to the Lorentz factor
needed to radiate photons energetic enough to pro-
duce pairs. The pair front thus occurs at higher and
higher altitudes as the boundary is approached and
curves upward, becoming asymptotically parallel to
the last open field line. Since E‖ is unscreened in the
slot gap, particles continue to accelerate and radiate
to high altitude along the last open field lines. It is
interesting that frame-dragging’s dominant effect on
the accelerating field persists even at large distances
from the neutron star surface, since the high-altitude
SCLF solution depends on surface boundary condi-
tions [34]. The resulting emission geometry naturally
creates caustics visible from both poles, and so pro-
duces double-peaked pulse profiles similar to the two-
pole caustic model of Dyks & Rudak [12], as shown
in Figures 4a and 4b. In contrast to one-pole outer
gap models, slot gap models have outward emission
beams below the null-charge surface. Both peaks orig-
inate from trailing field-line caustics at intermediate
radii rem ∼ 0.1−0.7 RLC. In such profiles, the leading
‘outer gap’ peak appears as a bump just following the
first peak.

3.4. Comparing Outer Gap and Slot Gap
Models

Although outer gap and slot gap models can pro-
duce similar pulse profiles, phase plots of their emis-
sion show prominent differences. As displayed in Fig-
ure 4a, slot gap emission fills the entire sky even
though radiation is produced only on field lines bor-
dering the closed regions. Since the radiation is emit-
ted over the entire length of these field lines from
the magnetic poles (the hollow circles in Fig. 4a) to
near the light cylinder (where field lines from opposite
hemispheres overlap), observers can view the emission
from both magnetic poles at a wide range of angles.
Two-pole caustic emission can be seen for inclination
angles α >∼ 30◦ [10]. Because the emission fills the
sky, radiation will be visible at all pulse phases so
that pulse profiles like the one shown in Figure 4b
will include ‘off-pulse’ emission. The bump or shoul-
der appearing on the inside of the first peak is due
to emission from overlapping field lines from opposite
poles, and occurs at the same phase as the first peak in
outer gap models. It is interesting that the γ-ray pro-
file of the Vela pulsar displays a similar broad bump
[22].

Outer gap emission fills only a fraction of the sky,

as shown in Figure 4c, since outward-going radiation
occurs only above the null charge surface in each hemi-
sphere. The outer gap emission pattern is thus a sub-
set of the two-pole caustic emission pattern. In Figure
4c, the magnetic poles are not visible and part of the
caustic near each pole is cut off. The pattern fills
the most phase space for large inclination angles, but
shrinks to a small area near the rotational equator
for small inclination [6]. Outer gap emission is never
visible at small viewing angles ζobs

<∼ 30◦ at any in-
clination angle. An observer cutting through the pat-
tern at a single ζobs will see emission only from field
lines originating at one pole. As a result, the peaks
in outer gap profiles drop sharply at their outer edges
and there is no off-pulse emission outside the peaks,
as is evident in Figure 4d. The second peak has the
same origin as the second peak in the two-pole caus-
tic model, but the first peak is formed by emission
from overlapping field lines very near the light cylin-
der (similar to the formation of the bump in Figure
4b).

4. DETECTING THE SIGNATURES

Emission models can make predictions of certain ob-
servable signatures, which may provide clues to both
the relativistic effects that are shaping radiation pat-
terns and to the location and nature of the radia-
tion. Such signatures are found in the relative phases
of emission at different wavelengths, the polarization
patterns and the spectrum of radiation.

4.1. Phase Shifts

Multiwavelength behavior of observed pulse profiles
contains a wealth of information, but has proven to be
extremely complex and difficult to interpret. With de-
tailed modeling of emission, taking into account effects
of rotation and strong gravity of the neutron star, we
can possibly understand why many of the short period
pulsars have pulse profiles that show phase coherence
of emission at different wavelengths while longer pe-
riod pulsars do not. For example, as discussed in Sec-
tion 3.1, caustic emission along trailing field lines puts
emission radiated over a large range of different alti-
tudes in phase for a distant observer. This means that
any radiation originating between rem ∼ 0.1 RLC and
rem ∼ 0.8 RLC near the last open field line will ap-
pear in phase, but radiation originating outside this
region will appear at different phases. This feature of
caustics may offer an explanation of multiwavelength
phase coherence seen in the profiles of fast pulsars.
The altitude of caustic formation is the same fraction
of light cylinder radius in all pulsars, independent of
period. However, emission at various wavelengths in
different pulsars may not all originate within the radii
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Figure 5: Radio emission radius (in units of light cylinder radius) as a function of pulsar period from [26]. Also shown
is the range of radii there caustic emission occurs.

of caustic formation. To illustrate this point, Figure
5 displays the dependence of pulsar radio emission al-
titude as a function of pulse period, determined em-
pirically from observed pulse widths and radius-to-
frequency mapping [26], superposed on the altitude
range of caustic formation. Although the exact al-
titudes of pulsar radio emission are not necessarily
known this well, there is indication of such a depen-
dence on period. In that case, it can be seen that
radio emission will originate within the caustic forma-
tion region only for the fastest pulsars. The pattern of
radio conal emission, that may original near the last
open field lines, will then become severely distorted
into caustic emission peaks. In this example, the di-
viding point occurs around a period of 60 ms, so that
radio and high-energy emission would be phase coher-
ent for the Crab and most millisecond pulsars, but not
for Vela and pulsars with longer periods. This in fact
seems to match observation. The radio emission in
slower pulsars in this picture occurs at altitudes below
the caustic region, so that the observer light-of-sight
would cross the radio core and/or conal beams close
to the magnetic pole before crossing the high energy
caustics.

Another example of relativistic effects that cause
phase-shift signatures in pulsar emission occurs in ob-
served radio profiles. In pulsars with both core and
one or more conal beams (i.e. profiles containing three
or five peaks), there is often a phase shift between the
central core component and the center of the profile as

determined by the conal beam(s). In most cases, the
conal components lead the core component in phase.
Such phase shifts have been interpreted as due to a
combination of aberration (Eqn 1) and time delay
(Eqn 2) if the conal emission occurs at a higher alti-
tude than the core emission [14]. Shifts in the center of
the polarization position angle curve are also observed
and could be caused by the same effects [3]. There are
some pulsars whose radio profiles show phase shifts in
the opposite direction (the conal components lag the
core components). This may be due to a dominat-
ing phase shift caused by the distortion of the open
field volume due to sweepback of the magnetic field [9]
(Eqn. 4). Such phase shift in radio profiles have been
used to derive the radio emission altitudes and they
generally agree with those derived by other methods
[13].

4.2. Polarization

Phase-resolved polarimetry of pulsar emission has
proven to be a powerful diagnostic at radio wave-
lengths. The pulsed non-thermal radiation from rel-
ativistic particles in the magnetosphere is tightly
beamed along the neutron-star magnetic field lines
and thus the emitted radiation is believed to be highly
polarized either parallel or perpendicular to the field
lines. Measurement of the polarization properties as
a function of pulse phase can provide a multidimen-
sional mapping of the field pattern at the emission

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0040



Figure 6: Left: Optical profile (top), polarization position angle Ψ (middle) and degree of polarization (bottom) of the
Crab pulsar from OPTIMA [24]. Right: Model profile and polarization characteristics predicted by a two-pole caustic
model [10] with dipole inclination α = 70◦ and viewing angle ζobs = 50◦. The PA curve has 180◦ wraparound ambiguity.

sites. In the classical rotating vector model (RVM)
[38], the expected signature of emission near the poles
of a dipole field, an ‘S’-shaped swing of the polariza-
tion position angle through the pulse profile, has been
seen from many radio pulsars and has generally been
taken as proof that the radio emission originates from
the open field lines of a magnetic dipole. However,
while this classical picture can provide a good mea-
surement of the observer angle with respect to the
magnetic pole, β, for low-altitude emission, it does
not provide an unambiguous measure of pulsar incli-
nation angle α. Furthermore, if the emission occurs
at altitudes that are more than a few tenths of the
light cylinder radius, relativistic effects can signifi-
cantly distort the simple polarization characteristics
predicted by the classical model. But such distortions
can be turned to our advantage if we can model them
well enough to understand the signatures of the ef-
fects.

As discussed in Section 4.1, one would expect severe
distortion of emission patterns by special relativis-
tic effects for radiation originating within the caustic
emission region shown in Figure 5. The emission from
fast pulsars would thus be more likely to show sig-
natures of such effects in their polarization patterns,
especially at high energies. It would be very impor-
tant to have polarization data at high energies to ex-
plore characteristics of emission in the outer magne-
tosphere. Unfortunately, polarization measurements
at wavelengths other than radio exist for very few
pulsars. In the case of the Crab pulsar, polarization
measurements have been made at radio and optical
wavelengths and do not show the simple shape pre-
dicted by the classical RVM. As shown in Figure 6,
each peak shows a very sharp swing of position an-
gle (PA) and a drop in degree of polarization. Such
PA swings could be interpreted as part of an S-curve
for small impact angle β, but then one would expect
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a peak separation of 180◦ (rather than the 140◦ ob-
served) in a 2-pole, near-surface emission model, and
no drop in degree of polarization. Figure 6 also shows
a computed pulse profile, PA curve and degree of po-
larization as a function of phase predicted in a 2-pole
caustic model [10], described in Section 3.1. Sharp
swings of PA and drops in degree of polarization are
signatures of caustic emission and the qualitative sim-
ilarity of the observed and model polarization charac-
teristics seem to strengthen the case for caustic peaks
in the Crab pulsar. This picture is also consistent
with the mutliwavelength phase coherence property
expected for fast pulsars, discussed in Section 4.1.

Optical polarization measurements have recently
been made [25] for the slower 384 ms pulsar PSR
B0656+14. The double-peaked optical profile is not
in phase with the single radio peak, but the classical
RVM provides a consistent fit of both radio and op-
tical PA data. One interpretation of these results is
that both radio and optical emission from this middle-
aged pulsar originate at low altitudes, with the high-
energy emission described by a hollow-cone centered
on the magnetic pole and the radio core emission, as
predicted by the traditional polar cap model [7].

4.3. Spectra

Spectral signatures can also provide clues to emis-
sion altitudes as well as some relativistic effects. Polar
cap [7] and slot gap [33] models include a component
of emission from low-altitude pair cascades. The ob-
servable spectra of the cascade emission will exhibit
sharp high-energy cutoffs due to pair attenuation, at
an energy of approximately [4]

Ec ∼ 2 GeV P 1/2
( r

R

)1/2

max

{
0.1, B−1

0,12

( r

R

)3
}

(9)
where B0,12 is the surface magnetic field in units of
1012, r is the emission radius and R is the neutron
star radius. Such cutoffs could be identified by their
super-exponential shape, and distinguishable from the
simple exponential cutoffs due to a maximum in the
radiating particle spectrum. The detection of a pair
attenuation cutoff would require the emission region
to be located in the strong magnetic field within sev-
eral stellar radii of the neutron star surface. Dyks
& Rudak [11] have shown that even at relatively low
altitudes, aberration and field-line slippage cause by
neutron star rotation can produce asymmetries in pair
production cutoffs across the polar cap, such that
spectra radiated on leading-edge field lines are cut off
at lower energies than are spectra radiated on trailing-
edge field lines. This produces an asymmetry in the
pulse profile, as the trailing peak will dominate at en-
ergies approaching the cutoff and the first peak will
disappear. In fact, in the double-peaked profiles of
three bright γ-ray pulsars observed by EGRET, the

Crab, Vela and Geminga, the trailing peak dominates
above 5 GeV [46].

It has been suggested [47] that the high-energy γ-
ray spectra of millisecond pulsars may provide con-
straints on the frame-dragging electric field, discussed
in Section 2.1. Since the electric fields near the surface
of millisecond pulsars are expected to be unscreened,
due to insufficient pair production in their very low
magnetic fields, the peak of their high-energy curva-
ture radiation spectrum, predicted to be at 1 − 50
GeV, should be a sensitive measure of E‖ [18]. Non-
detection of the nearby millisecond pulsar PSR J0437-
4715 by EGRET already places marginal constraints
on the neutron star equation-of-state dependence in
the frame-dragging acceleration model [16], and future
observations by air-Cherenkov telescopes will place
further constraints.

5. FUTURE PROSPECTS

Future measurements by high-energy telescopes
that have recently begun operations or are soon to
come will be capable of detecting or significantly con-
straining most of the signatures that have been dis-
cussed here. The Gamma-Ray Large Area Space
Telescope (GLAST) [30], with expected launch in
2007, will have the sensitivity to detect γ-ray emis-
sion between 30 MeV and 300 GeV from possibly
several hundred pulsars. GLAST should easily de-
tect nearby millisecond pulsars like PSR J0437-4715,
thereby putting severe constraints on frame-dragging
acceleration models. Measurement of pulse profiles of
many pulsars of varying ages and periods, and com-
parison with their radio profiles, can test the predic-
tions of outer gap and slot gap caustic models. New
air-Cherenkov telescopes such as MAGIC [28] and
H.E.S.S. [19] are expected to achieve sensitivity be-
low 100 GeV and may detect, or at least place further
limits on, millisecond pulsar spectra. INTEGRAL and
RHESSI currently have some sensitivity to polarized
signals at 100-500 keV and > 20 keV, but not enough
for the phase-resolved polarimetry required to detect
signatures of caustic emission in pulsars. Several pro-
posed X-ray polarimeters are currently under study,
the Advanced X-Ray Polarimeter (AXP) and the Po-

larized Gamma-Ray Observer (PoGO), sensitive from
2-10 keV and 25-200 keV respectively. Such detectors
are expected to have enough sensitivity to distinguish
between the different emission models and to detect
caustic signatures in the Crab pulsar.
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Neutron Stars as a Probe of the Equation of State
J. M. Lattimer
Stony Brook University, Stony Brook, NY 11733, USA

Neutron stars are the densest massive objects in the universe. They are ideal astrophysical laboratories to
test theories of dense matter physics and provide connections among nuclear physics, particle physics and
astrophysics. Recent observations, including studies of binary pulsars, thermal emission from both isolated
and accreting neutron stars, and glitches from pulsars provide information about neutron star masses, radii,
temperatures, ages and internal compositions. Of particular recent interest are new estimates of masses in radio
binary pulsars and a proposition that the relativistic binary pulsar PSR J0737-3039 could give a moment of
inertia measurement.

1. GLOBAL ASPECTS OF NEUTRON
STARS

Figure 1: Internal structure of a neutron star, courtesy
Dany Page.

Neutron stars can be broadly categorized as be-
ing normal or self-bound. Normal neutron stars are
largely composed of nucleonic matter and have sur-
faces where both the pressure and energy density van-
ish. Normal stars may have exotic matter, such as
hyperons, Bose condensates (pions or kaons) and/or
nearly free quark matter in their interiors. Self-bound
stars, on the other hand, have surfaces at which the
pressure vanishes but the energy density remains fi-
nite. The best-known example of a self-bound star
is a star composed completely of strange quark mat-
ter. Although there exists no convincing observational

evidence that strange quark matter stars exist, they
remain a tantalizing possibility if the ultimate ground
state of matter is strange quark matter, not nucleonic
matter.

The internal structure of a normal neutron star is
depicted in Figure 1. The star can be viewed as having
5 regions.

• The atmosphere shapes the thermal optical, ul-
traviolet and x-ray spectrum.

• The envelope, whose composition determines its
relative effectiveness as an insulating layer, has
densities ranging below 1 g cm−3.

• In the density range up to about 1014 g cm−3,
the crust is chiefly populated with nuclei and
electrons. Above the neutron drip density (4 ·
1011 g cm−3) a sea of (likely superfluid) neu-
trons accompanies the nuclei and becomes more
abundant at higher densities. A popular model
for glitches involves weak coupling between nor-
mal and superfluid matter within the crust.

• The outer core consists of nucleons, electrons
and muons. Protons in the outer core may be
superconducting.

• Depending upon the stellar mass and the rela-
tive stiffness of matter, an inner core with exotic
matter may exist.

The global structure of neutron stars is conve-
niently displayed using mass- radius diagrams (Fig-
ure 2) which highlight the variations allowed by un-
certainties in the underlying dense matter equation of
state (EOS, i.e., P (ρ), where P is the pressure and ρ
is the energy density of matter). These structures are
computed utilizing the Tolman-Oppenheimer-Volkoff
relativistic structure equations.

The upper left and lower right regions of Fig-
ure 2 can be excluded from consideration on the basis
of general relativity and other physical constraints.
These limits include

• The Schwarzschild constraint, R > 2GM/c2,
that the star’s surface does not lie within its
event horizon.
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Figure 2: Mass-radius diagram. The blue region ’GR’ is
excluded by general relativity, the light blue region by
finite pressures, and the green region by causality. Solid
black curves depict normal neutron stars; solid green
curves show strange quark matter stars. EOS labels are
defined in [1]. Orange contours show fixed values of R∞.
The dashed curve shows a radius limit from glitches, the
dash-dot curve shows the redshift z = 0.35, and the red
region is excluded by the most rapidly rotating pulsar
(P = 1.6 ms).

• The condition that the central pressure remains
finite, Pc < ∞, or R > (9/4)GM/c2.

• The condition that the sound speed within
the star remain less than the speed of light,
∂P/∂ρ ≤ c2. This results in, approximately,
R > 3.01GM/c2 [2, 3].

• The condition that the most rapidly rotating
neutron star rotate with a frequency ν less than
the mass-shedding limit where the surface ro-
tates with the Keplerian frequency. For a rigid
sphere 2πν =

√

GM/R3. A rapidly spinning
star is deformed, and for a neutron star, gen-
eral relativistic effects are substantial. Never-
theless, a relatively EOS-independent limit can
be deduced[5]:

ν ≤ 1045 ± 30

√

M

M�

(

10 km

R0

)3/2

Hz. (1)

Other inferred limits have come from pulsar
glitches. Several pulsars exhibit stochastic breaks in
their otherwise regular pulsing frequencies. A glitch
is a sudden increase in pulsar spin frequency (by a
part in 107 or so) which relaxes over a period of weeks
toward the original spin frequency. From the cumu-
lative number and magnitudes ofthe glitches in the
case of the Vela pulsar over a period of 30 years, it

can be inferred that at least 1.4% of the total mo-
ment of inertia of the star is contained in the region
responsible for glitches[4]. Presumably this region is
the neutron star crust. It can be demonstrated that
the fractional moment of inertia ∆I/I of the crust is
approximately proportional to PtR

4/M2 where Pt is
the pressure of matter at the core-crust interface. Al-
though the value of Pt is uncertain by about a factor
of 3 or 4, the largest possible value of Pt, together
with the above lower limit to ∆I/I, permits a lower
limit to R for a given M to be established. This limit
is shown in Figure 2.

Other constraints could be established from the red-
shifts of spectral lines or from radiation radii

R∞ = R/
√

1 − 2GM/(Rc2) (2)

determined from thermal emission from neutron stars.
Recently, wide lines were observed in the x-ray burst
source EXO 0748-676. A tentative identification with
heavy element lines has resulted in the estimate of
z = (1− 2GM/c2)−1/2 − 1 ' 0.35 for this source. Un-
fortunately, no reliable estimates for the radiation ra-
dius R∞ have been possible from observed thermally-
emitting neutron stars. Problems include uncertain-
ties in the neutron star atmosphere, the strength and
structure of surface magnetic fields, and distances. In-
ferred values of R∞ are directly proportional to the
distance.

2. CHARACTERISTICS OF THE
EQUATION OF STATE

Normal matter EOS’s generally satisfy the poly-
tropic relation P ∝ n2 in the vicinity of the nuclear
saturation density, ns ' 2.7·1014 g cm−3 ' 0.16 fm−3.
The EOS’s used in Figure 2 and several additional ex-
amples are plotted in Figure 3. At large densities,
each of these EOS’s eventually softens, in some cases
due to the appearance of exotic matter. In any event,
the restriction of causality requires this behavior.

A Newtonian polytropic star with index N obeys
the scaling

R ∝ KN/(3−N)M (1−N)/(3−N)

∝ P
N/(3−N)

0 n
−(N+1)/(3−N)

0 M (1−N)/(3−N) (3)

where K = P0/n
1+1/N

0 and the subscript 0 refers to a
fiducial density. In the case N = 1 one has

R ∝ P
1/2

0 n−1
0 M0 (4)

so that the radius is insensitive to the mass. Indeed,
this behavior is apparent in Figure 2 for many EOS’s
for stars with masses in the range 0.5 M� < M <
1.5 M�. The above relation also suggestst that a ra-
dius measurement could give some information about
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Figure 3: Pressure of various equations of state (see
Ref. [1] for descriptions and references) as a function of
baryon densities. Green and yellow shaded regions
display hypothetical confidence bands for three radius
measurements with the indicated uncertainties.

Table I Pressure-Radius Correlation Constant
CM (n0), dimensions km fm3/4 MeV−1/4

n0/ns 1 M� 1.5 M�

1.0 9.53 ± 0.32 9.30 ± 0.60

1.5 7.14 ± 0.15 7.00 ± 0.31

2.0 5.82 ± 0.21 5.72 ± 0.25

P0. Reference [1] has, in fact, found precisely that.
They found the phenomenological relation

RM = CM (n0)P0(n0)
1/4 (5)

where RM is the radius of a star of mass M , P0(n0

is the pressure at the density n0, and CM (n0) is a
constant fitted to a large number of EOS’s (rms errors
are typically less than 5% for ns < n0 < 2ns).

It should also be noted from Figure 3 that there is
a large uncertainty in P0, about a factor of 6. This
accounts for the estimated range of neutron star radii
9 km < R < 16 km. This uncertainty in P0 can be
traced directly to the uncertainty in the so-called sym-
metry energy of nuclear matter. Near the nuclear sat-

uration density ns and for nearly symmetric cold mat-
ter (i.e., x ≡ np/(nn + np) ' 1/2 and T = 0) one can
expand the energy per baryon of nucleonic matter:

E(n, x) = −16 +
K

18

(

1 −
n

ns

)2

+
K ′

27

(

1 −
n

ns

)3

+ Esym(n)(1 − 2x)2 . . . . (6)

Here, K and K ′ are the incompressibility and skew-
ness parameters, respectively, and Esym is the symme-
try energy function, approximately equivalent to the
energy difference at a given density between symmet-
ric and pure neutron matter. The symmetry energy
parameter is defined as Sv ≡ Esym(ns). Leptonic con-

tributions Ee = (3/4)h̄cx(3π2nx4)1/3 must be added
to ensure charge neutrality. Matter in neutron stars
is in beta equilibrium, i.e.,

µe = µn − µp = −∂E/∂x, (7)

so the the equilibrium proton fraction at ns is

xs ' (3π2ns)
−1(4Sv/h̄c)3 ' 0.04. (8)

The pressure at ns is

P (ns, xs) = ns(1 − 2xs)[nsS
′

v(1 − 2xs) + Svxs]
' n2

sS
′

v , (9)

due the small value of xs. Here S′

v ≡ (dEsym/dn)ns
.

Thus the pressure depends primarily upon S′

v.

The equilibrium pressure at moderately larger den-
sities similarly is insensitive to K and K ′ and con-
trolled by dEsym/dn. Experimental constraints to the
compression modulus K, most importantly from anal-
yses [6] of giant monopole resonances, give K ∼= 220
MeV. The skewness parameter K ′ has been estimated
to lie in the range 1780–2380 MeV [7]. Evaluating the
pressure for n = 1.5ns,

P (1.5ns) = 2.25ns[K/18 − K ′/216
+ ns(1 − 2x)2(dEsym/dn)1.5ns

] , (10)

and it is noted that the contributions from K and K ′

largely cancel.
It is known that dEsym/dn for n < ns is partially

constrained by the nuclear surface energy[8, 9]. Nu-
clear binding energies yield a significant correlation
between Sv and S′

v, but cannot determine either with
precision. It is hoped that experiments to measure the
neutron skin thickness of Pb and other experiments
using rare-isotope accelerators to probe neutron-rich
heavy elements will become sufficiently precise to pro-
vide an independent, second, correlation that could
break the existing degeneracy.

3. ANALYTIC SOLUTIONS OF
EINSTEIN’S EQUATIONS

Some insight into the global structures of neutron
stars can be obtained by investigating selected ana-
lytic solutions’s to the Tolman-Oppenheimer-Volkoff
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equation. With the constraint that the pressure and
energy density both vanish at the surface R, only 3
analytic solutions are currently known. These are due
to Tolman [10], Nariai [11], and Buchdahl [12]. An in-
finite set of analytic solutions are known for the case
in which the energy density is not required to vanish
at the surface (the self-bound case). Of the three for-
mer solutions, those due to Tolman and Buchdahl are
especially interesting.

Tolman’s solution has a simple density profile

ρ = ρc[1 − (r/R)2] (11)

leading to the radius-mass relation

R =

(

15M

8πρc

)1/3

. (12)

Buchdahl’s is the only analytic solution with an ex-
plicit EOS

ρc2 =
√

PP∗ − 5P, (13)

which in the low-density limit is just a polytrope with
index N=1. In these equations, ρc is the central en-
ergy density and P∗ is a constant reference pressure.
Buchdahl’s solution has the radius-mass relation

R =

√

πc4(1 − β)2

2GP∗(1 − 2β)
, (14)

where β = GM/Rc2. This relation can be used to
justify the phenomenological relation Eq. 5. Differen-
tiation of Eq. 14 leads to the exponent

d ln R

d ln P

∣

∣

∣

∣

∣

n0,M

=
1

2

(1 − 10
√

P/P∗)

(1 + 2
√

P/P∗)

(1 − β)(1 − 2β)

(1 − 3β + 3β2)
.

(15)
Note that Eq. 15 predicts an exponent 1/2 in the limit
β → 0 and P0 → 0. Finite values of β and P0 reduce
the exponent. If M and R are about 1.4 M� and
15 km, respectively, for example, β ' 0.14 and Eq. 14
gives P∗ = .5π/R2 ≈ 6.98 ·10−3 km−2 (in geometrized
units where G = c = 1). At a fiducial density n0 =
1.5ns, equivalent in geometrized units to n0 = 2.02 ·
10−4 km−2, Eq. 13 then implies P0/P∗ ' 28.8 and
Eq. 15 yields an exponent of about 0.28.

It is also interesting to examine analytic solutions
for self-bound stars. The simplest of these is that of
the constant density fluid, for which

R =

(

3M

4πρc

)1/3

. (16)

Strictly speaking, this solution is relatively non-
physical because it has an infinite sound speed. The
simplest of the analytic self-bound cases with finite

sound speeds is a solution recently found by Lake [13].
This solution has a radius-mass relation given by

4πρR2 = β(2 − 2β)2/3 6 − 15β + 5β(r/R)2

(2 − 5β + 3β(r/R)2)5/3
(17)

and a pressure profile given by

4π
P

c2
R2 =

β

2 − 5β + β(r/R)2
×

[

2 −
(2 − 2β)2/3(2 − 5β + 5β(r/R)2)

(2 − 5β + 3β(r/R)2)2/3

]

. (18)

This particular solution has the interesting property
that the speed of sound cs throughout the interior has
a value c2

s ≈ 1/3, which is approximately the case for
strange quark matter stars. In the high-density limit,
asymptotically free quark matter has c2

s = 1/3.

4. MAXIMUM DENSITY AND MASS

Assuming the EOS is known up to a fiducial energy
density ρ0, and assuming an upper limit c2

s = 1 for
matter at higher densities, it can be shown [15] that
the maximum neutron star mass satisfies

Mmax ' 4.1
√

ρs/ρ0 M� (19)

where ρs is the nuclear saturation density. Similarly,
the radius of the maximum mass star satisfies

Rmax ≥ 3.01
GMmax

c2
km. (20)

If such stars were incompressible, this would suggest
that the central density ρc would have to be less than
the value

ρc,Inc ≤
3

4πM2
max

(

c2

3.1G

)3

' 5.5 · 1015(M�/M)2 g cm−3. (21)

However, the constant density solution violates
causality, and thus represents a severe underesti-
mate to the limiting density. Interestingly the corre-
sponding limit determined using the Tolman solution
(Eq. 12) actually does bound all realistic EOS’s [14]:

ρc,T =
5

2
ρc,Inc ≤ 13.8 · 1015(M�/M)2 g cm−3. (22)

It is shown in Figure 4, which includes results from
a large number of EOS’s of various types, with and
without exotic components.

One of the most exciting recent developments is the
accumulation of significant mass information for neu-
tron stars. Almost exclusively, this data comes from
neutron stars in close binary systems (see Figure 5.
The most accurately measured masses are from timing
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Figure 4: Central energy densities as a function of
maximum masses for various equations of state.
NR=non-relativistic, R=relativistic. For comparison,
limiting central energy densities for the constant-density
and the Tolman solutions are displayed. The upper scale
for baryon density is a rough approximation since the
precise conversion is EOS-dependent. The horizontal line
at M = 2.2 M� is to guide the eye. From Ref. [14].

observations of the radio binary pulsars[16]. Ordinar-
ily, observations of binary pulsars yield orbital sizes
andperiods from Doppler phenomena, from which the
total mass of the binary can be deduced. But the
compact nature of these binaries permits, in some
cases, detection of relativistic effects, such as Shapiro
delay or orbit shrinkage due to emission of gravita-
tional waves, which constrains the inclination angle
and permits the mass ratios to be determined. A suf-
ficiently well-observed system can have masses mea-
sured to impressive accuracy. The textbook case is the
binary pulsar PSR B1913+16, in which the masses are
1.3867 ± 0.0002 and 1.4414 ± 0.0002 M�[17].

It is interesting that radio binaries with white dwarf
companions exhibit a broader range of neutron star
masses than double neutron star binaries. Ref. [18]
suggested that a rather narrow set of initial conditions
are needed to form double neutron star binaries, in-
cluding initial stellar masses that are nearly equal and
are also in a restricted range. This leads to neutron
star masses that therefore display only limited varia-
tions. These restrictions are relaxed for other neutron
star binaries. As Figure 5 indicates, a few of the neu-
tron stars in the white dwarf binaries may contain
neutron stars considerably larger than the canonical
1.4 M� value, including the case of PSR J0751+1807
in which the 1σ error range is 2–2.4 M�, and 1.4 M�

is about a 4σ excursion. Indeed, the mean observed
masses in white dwarf binaries exceeds that of the dou-
ble neutron star binaries by about 0.25 M�, although
the 2σ error ranges for all but one of these systems
extends below 1.45 M�.

Figure 5: Measured and estimated masses of neutron
stars in radio binary pulsars (gold, silver and blue
regions) and in X-ray binaries (green). Letters following
binary names indicate references which are provided in
Ref. [14].

Masses can also be estimated for another handful
of binaries which contain an accreting neutron star
emitting X-rays (see Figure 5). Some of these systems
are characterized by relative large masses, but their
estimated errors are also large. The system of Vela X-
1 is noteworthy because the lower mass limit (1.6–1.7
M�) is constrained by geometry[19]. One should note
that it is not definite that all of the X-ray sources in
Figure 5 contain neutron stars. The source 4U 1700-
37 might be a black hole, due to lack of oscillations
in its X-ray spectrum[20]. Another high-mass object,
2S 0921-630[21] could either be a high-mass neutron
star or a low-mass black hole. These two objects could
play a role in determining the neutron star maximum
mass and black hole minimum mass division.
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5. MOMENTS OF INERTIA

We have already discussed how glitches can be used
to set constraints on the crustal fraction of the mo-
ment of inertia. However, the possibility exists in suf-
ficiently relativistic binaries to use spin-orbit coupling
to determine the moment of inertia of the more rapidly
spinning neutron star. The recently discovered [22]
relativistic binary pulsar PSR J0737-3039 could be-
come the first in which a neutron star moment of in-
ertia is measured.

There are two kinds of spin-coupled precession ef-
fects in a binary system of compact stars: spin-orbit
and spin-spin couplings (for a comprehensive discus-
sion, see Refs. [23, 24]). Spin-orbit coupling leads

to a precession of the angular momentum vector ~L
of the orbital plane around the direction of the total

angular momentum ~J of the system. This is some-
times called geodetic precession, and is related to the
Thomas precession of atomic physics. Since the total

angular momentum ~J = ~L + ~SA + ~SB is conserved
(at this order), there are compensating precessions of

the spins ~SA and ~SB of the two stars. Since the or-
bital angular momentum dominates the spin angular
momenta in binaries, the geodetic precession ampli-
tude is very small while the associated spin precession
amplitudes are substantial. In addition to geodetic
precession, spin-orbit coupling also manifests itself in
apsidal motion (advance of the periastron). Spin-spin
coupling is generally negligible in binary systems be-

cause |~L| >> |~SA|, |~SB |.
According to [23], the spin and orbital angular mo-

menta evolve according to

~̇Si =
G(4Mi + 3M−i)

2Mia3c2(1 − e2)3/2
~L × ~Si,

˙~LSO =
∑

i

G(4Mi + 3M−i)

2Mia3c2(1 − e2)3/2

(

~Si − 3
~L · ~Si

|~L|2
~L

)

,(23)

where the superscript SO refers to the spin-coupling
contribution only (there are also first- and second-
order post-Newtonian terms, 1PN and 2PN, respec-
tively, unrelated to the spins, that contribute to this
order). Here a is the semimajor axis of the effective
one-body orbital problem (sum of the semi-major axes
of the two stellar orbits), e is the eccentricity, and Mi

and M−i refer to the masses of the two binary com-
ponents (for i = A, B we use −i = B, A). To this
order, one may employ the Newtonian relation for the
orbital angular momentum

|~L| =
2πMAMBa2

√
1 − e2

MP
= MAMB

√

Ga(1 − e2)

M
(24)

where P is the orbital period and M = MA + MB .
Then, from Eq. 23, the spin precession periods are

Pp,i =
2c2aPM(1 − e2)

GM−i(4Mi + 3M−i)
, (25)

which are not identical for the two components unless
they are of equal mass. The spin precession periods
are independent of the spins, and in the case of PSR
J0737-3039 are relatively short, being of order 75 years

for each pulsar. If the spins are parallel to ~L, there is
no spin precession and the spin-orbit contribution to
the advance of the periastron is in the sense opposite
to the direction of motion. However, this does not
appear to be the case for PSR J0737-3039.

The spin precession leads to two observable effects.
First, as the spin axis change orientation in space,
the pulsar beams will sweep through changing direc-
tions in space. In many cases, this will lead to the
periodic appearance and disappearance of the pulsar
beam from the Earth. Second, since total angular mo-
mentum is conserved (to this order), the orbital plane
will change orientation. This will be observed as a pe-
riodic change in the inclination angle i with amplitude

δi =
| ~SA|

|~L|
sin θA '

IAM

a2MAMB(1 − e2)1/2

P

PA

sin θA ,

(26)
where IA is the moment of inertia of pulsar A. This
in turn causes a periodic departure from the expected
time-of-arrival of pulses from pulsar A with amplitude

δtA =
MB

M

a

c
δi cos i =

a

c

IA

MAa2

P

PA

sin θA cos i (27)

if one can assume the orbital eccentricity is small.
This effect, however, will be almost negligible in the
case of PSR J0737-3039 because the inclination angle
i ' 90◦.

For the advance of the periastron, the ratio of the
spin-orbit and 1PN contributions is [24]

Ap

A1PN

= −
P

6(1 − e2)1/2Ma2

∑

i

Ii(4Mi + 3M−i)

MiPi

(2 cos θi + cot i sin θi sin φi) . (28)

In the case that | ~SA| >> | ~SB |, only the i = A
term contributes substantially. For comparison, both
masses contribute to the 2PN contribution. In the
case of equal masses, the periastron advance ratio of
2PN to 1PN is [24]

A2PN

A1PN

=
GM

12ac2

(

189

1 − e2
− 47

)

. (29)

Assuming that the orientations of the spin of pulsar
A can be eventually determined, which seems feasible
given the large precessional amplitudes and the rel-
atively short precession period, the accuracy of the
determination of the moment of inertia rests upon de-
termining the individual masses to sufficient accuracy.
It is expected that within a few years a measurement
of IA to about 10% accuracy is feasible [25].
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Figure 6: Moments of inertia are plotted versus M/R.
Symbols for EOS’s are taken from Ref. [1]. Analytic
solutions are also plotted, including the constant density
(Inc), Tolman (T IV) self-bound, Buchdahl (Buch),
Tolman (T VII) and Nariai (N4) solutions discussed in
the text. The shaded band is the fit described in Eq. 31.
The inset shows the behaviors for M/R → 0. Figure
taken from Ref. [25].

The binary pulsar system PSR J0737-3039 con-
sists of two neutron stars and has these physical
parameters[22]:

GM

ac2
= 4.32 10−6, P/PA = 3.88 105,

IA

Ma2
= (7.74 10−11) IA,80, (30)

where IA,80 = IA/(80 M� km2). The moments of in-
ertia for stars constructed with many of the normal
matter equations of state used in Figures 2 and 3,
together with those of some analytic solutions, are
displayed in Figure 6. The shaded band shows a rela-
tively EOS-independent relation among I, M and R

I ' (0.237 ± 0.008) MR2×
[

1 + 4.2
M km

M�R
+ 90

(

M km

M�R

)4
]

(31)

that describes normal neutron stars without signif-
icant low-density softening. Strange quark matter
stars deviate substantially from this, however.

To remove the undetermined quantity R, Figure 7
shows the moment of inertia, scaled by M3/2 to re-
duce the dynamic range, as a function of M . It seems
clear that a measurement of I of the indicated pre-
cision could rule out many EOS’s. Dimensionally, I
scales with MR2, so in principle a measurement of
I with 10% accuracy implies an uncertainty in a ra-
dius estimate of about 5%, since M is known to much

Figure 7: Moment of inertia scaled by M3/2 versus M .
The shaded band shows a hypothetical measurement of

I/M3/2 = 50 ± 5 km2 M
−1/2

�
. The error bar is set at the

precise mass of MA = 1.34 M�. The dashed line ’Crab’ is
a lower limit derived in Ref. [26] for the Crab pulsar.
Figure taken from Ref. [25].

Figure 8: Bands show allowed regions for indicated
hypothetical moment of inertia measurements with 10%
uncertainty (units of M� km2). The error bar is shows
the case IA,80 = 1.0 ± 0.1 and MA = 1.34 M�. Figure
taken from Ref. [25].

higher precision. The inferred value of R for a given
measured pair (I ± 10%, M ± 0%) is pictured by the
shaded bands in Figure 8. Their widths contain the
uncertainties inherent in the measurements of I and
M and in Eq. 31. The single error bar shows the case
IA,80 = 1.0 ± 0.1 and MA = 1.34 M�.
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6. RADIUS MEASUREMENTS

Most known neutron stars are observed as pulsars
and have photon emissions from radio to X-ray wave-
lengths dominated by non-thermal emissions believed
to be connected to the pulsar mechanism or the neu-
tron star’s magnetosphere. However, approximately
a dozen isolated neutron stars with ages up to a mil-
lion years old have been identified [27] with signifi-
cant thermal emissions. Stars of these ages are are
expected to have surface temperatures in the range of
3 × 105 K to 106 K, i.e., they are predominately X-
ray sources. If their total photon fluxes were that of
a blackbody, they would obey

F∞ = L∞/4πd2 = σT 4
∞

(R∞/d)2, (32)

where d is the distance, and T∞, F∞ and L∞ refer to
the temperature, flux and luminosity redshifted rela-
tive to their values at the neutron star surface. For ex-
ample, T∞ = T/(1+z), F∞ = F/(1+z)2. As a result,
the radiation radius, R∞ = R(1+z), is a quantity that
can be estimated if F∞, T∞ and d are known. R∞ is a
function of both M and R, but if redshift information
is available, M and R could be uniquely determined.
Contours of R∞ are displayed in Fig. 2. A value of
R∞ requires both R < R∞ and

M < c2R∞/(3
√

3G) ' 0.13(R∞/km)M�. (33)

A serious problem in determining R∞ and T∞ is
that the star’s atmosphere rearranges the spectral
distribution of emitted radiation, i.e., they are not
blackbodies [28]. Neutron star atmosphere models
are mostly limited to non-magnetized atmospheres, al-
though pulsars are thought to have intense mngnetic
fields ≥ 1012 G. Strongly magnetized hydrogen is rel-
atively simple, but magnetized heavy element atmo-
spheres are still in a state of infancy.

A few cases exist in which the neutron star is suffi-
ciently close for detection of optical radiation. These
stars are observed to have optical fluxes factors of 3–
5 times greater than a naive blackbody extrapolation
from the X-ray range would imply. This optical ex-
cess is a natural consequence of the neutron star at-
mosphere, and results in an inferred R∞ substantially
greater than that deduced from the X-ray blackbody
alone. In many cases a heavy-element atmosphere ap-
pears to fit the global spectral distributions from X-
ray to optical energies while also yielding neutron star
radii in a plausible range. However, the observed ab-
sence of narrow spectral features, predicted by heavy-
element atmosphere models, is puzzling [29]. Perhaps
severe broadening of spectral features is caused by in-
tense magnetic fields or high pressures. Another pos-
sibility is that intense magnetic fields produce a phase
transition in which the atmosphere disappears, and a
bare heavy-element surface is exposed.

The estimation of radii from isolated neutron stars
is also hampered by uncertainties of source distance.
Distances to pulsars can be estimated by their dis-
persion measures to factors of 2 or 3, but in a few
cases parallax distances are possible. Parallaxes of
three sources (Geminga, RX J185635-3754 and PSR
B0656+14) have been obtained [30], but errors are
still large. As a consequence, values of R∞ deter-
mined from thermally-emitting neutron stars, while in
a plausible range, are not sufficiently precise at present
to usefully restrict properties of dense matter.

In this context, the recent discovery of thermal
radiation from quiescent X-ray bursters in globular
clusters is particularly interesting [31]. These sys-
tems contain rejuvenated billions of years-old neu-
tron stars heated by recent episodes of mass accretion
from their companions. Since the accreted material
is dominated by hydrogen, and accretion is believed
to quench magnetic fields, these stars may have the
simplest of all possible atmospheres: non-magnetic
hydrogen. Current results are consistent with radia-
tion radii R∞ ∼ 12 km, but accuracies are limited by
systematic uncertainties in the intervening interstellar
hydrogen column density, since this material obscures
50% or more of the X-ray flux. Interestingly, the dis-
tances to these sources will likely become relatively
well known in the near future, reducing a source of
error that plagues interpretations of isloated neutron
stars.
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Very High Energy Gamma Rays and Origin of Galactic Cosmic Rays
F.A. Aharonian
MPI-K, Saupfercheckweg 1, 69117 Heidelberg, Germany

I discuss the crucial role of TeV gamma-ray observations for localization/identification of accelerators of galactic
cosmic rays, and argue that the recent morphological and spectrometric studies of a number of galactic TeV
sources, in particular shell-type SNRs, with the HESS array of atmospheric Cherenkov Telescopes, is an event
of extraordinary importance for the solution of the century-old problem of origin of galactic cosmic rays.

1. INTRODUCTION

It is believed that gamma-ray astronomy should
play a crucial role in solving the problem of origin
of galactic cosmic rays (CRs). The realization of this
seminal prediction recognized by pioneers of the field
in the 1950’s and 1960’s (see e.g. Refs [1, 2]) is still
considered as one of the major goals of γ-ray astron-
omy. The basic idea is simple and concerns both the
acceleration and propagation aspects of CRs. Namely,
while the localized γ-ray sources exhibit the sites of
production/acceleration of CRs, the angular and spec-
tral distributions of the diffuse galactic γ-ray emis-
sion provide unique information about the character
of propagation of relativistic particles in galactic mag-
netic fields. The prime objective of this activity is the
decisive test of the hypothesis that supernova rem-
nants (SNRs) are responsible for the bulk of the ob-
served CR flux up to 1015 eV.

Since the discovery of CRs by Victor Hess in 1912,
the origin of this radiation has remained a mystery.
Despite the plentiful experimental material accumu-
lated over the recent decades and extensive theoretical
efforts, the physicists and astronomers do not have a
clear concept which could explain all features of non-
thermal particles detected from sub-relativistic ener-
gies to 1020 eV.

The energy spectrum of the hadronic component
of CRs has two distinct features - the so-called knee
and ankle around 1015 eV and 1018 eV, respectively
(see Fig.1). It is believed that all particles below the
knee are of galactic origin, and that the Extremely
High Energy Cosmic Rays above the ankle are pro-
duced outside the Galactic Disk (see e.g. Refs [3, 4]
- in powerful extragalactic objects like Active Galac-
tic Nuclei, Radiogalaxies and Clusters of Galaxies, or
during solitary events like Gamma Ray Bursts. It is
likely that the contributions of these two components
become comparable somewhere between the knee and
ankle.

The acceleration, accumulation and effective mix-
ture of nonthermal charged particles, through their
convection and diffusion in galactic magnetic fields,
produce the so-called “sea” of galactic CRs. The av-
erage density of CRs throughout the Galactic Disk is
determined by operation of all galactic sources over

Figure 1: The energy spectrum of Cosmic Rays with
indication of two features - the so-called ”knee”
(steepening of the spectum above 1015 eV) and ”ankle”
(hardening of the spectrum above 1018 eV) [3].

a relatively long time period, comparable with the
CR confinement time in the Galaxy of ∼ 107 yr (see
e.g. Refs. [5]). If the level of the “sea” of CRs is
not significantly different from the directly measured
(local) CR flux, one can assume that the average en-
ergy density of CRs in the Galactic Disk should be
around 1 eV/cm3. Because of the relatively steep en-
ergy spectrum, more than 90 percent of this density
is contributed by particles with energy ≤ 100 GeV.

The CR production rate in the Galaxy can be
estimated solely on the basis of CR measurements,
namely from the total flux and the secondary-to-
primary ratio of CRs which contains information
about the confinement time of CRs in the Galaxy. Re-
markably, such an estimate is rather insensitive to the
details characterizing the confinement region (density,
volume, etc.). In particular, both the disk and halo
CR confinement models give similar CR production
rates [5]. The conservative estimates of the production
rate of galactic CRs vary within (0.3−1)×1041 erg/s.

This estimate of the CR production rate is based on
the belief that charged particles during their propaga-
tion in the interstellar magnetic fields are well mixed,
therefore the density of cosmic rays measured locally
in the Solar neighborhood correctly reflects the level
of the ”sea” of CRs, wCR = 1 eV/cm3, Although it
is possible that a non-negligible fraction of the di-
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rectly detected CR flux has local origin [6, 7], being
contributed by handful nearby objects1, the EGRET
measurements of the diffuse gamma-ray emission of
the interstellar medium [8] show that the average CR
density of relatively low energy (E ≤ 100 GeV) CRs
in the Galactic Disk should be quite close to the lo-
cally measured CR density. Remarkably, the energy
density of the ”sea” of CRs of 1 eV/cm3 is comparable
with the pressure of galactic magnetic fields, as well
as with the turbulent and thermal pressure of the in-
terstellar gas. This implies that galactic cosmic rays
play an important role in the dynamical balance of our
Galaxy, and perhaps have also a non-negligible impact
on interstellar chemistry through the heating and ion-
ization of the interstellar medium (see e.g. Ref. [12]).

2. THE COMMON BELIEF

It is widely believed that Supernova Remnants
(SNRs) constitute the major source population in our
Galaxy responsible for the observed CRs. The main
phenomenological argument, formulated by the pio-
neers of the field, is based on the fact that the power
to maintain the galactic population of CRs is esti-
mated to be ≈ 10 per cent of the total mechanical
energy released by Sane explosions in our Galaxy. It
is remarkable that as early as 1933 W. Baade and
F. Zwickey realized the possible association of cosmic
rays with supernovae, based on the comparable en-
ergies characterizing these two phenomena. This is,
of course, a strong but not yet decisive point, given
that other potential source populations like pulsars,
X-ray binaries (microquasars), young stars with pow-
erful mechanical winds also meet, at least formally,
this energy requirement.

The second key argument in favor of SNRs as
sources of galactic CRs has a theoretical background,
namely it relies on the theory of diffusive shock ac-
celeration (DSA) applied to young SNRs (see, for a
recent review Ref. [13]). Over the last 20 years the
basic properties of this model have been comprehen-
sively studied and cross-checked using different com-
putational approaches. In particular, it has been re-
alized [14–16] that in effective accelerators the shocks
are modified by the pressure of accelerated particles,
and that this nonlinear effect should have a strong
impact on the formation of the energy distribution of
accelerated particles. On the other hand, since the ac-

1This statement is certainly true for at least very high energy
CR electrons. Because of severe radiative losses, the source(s)
of the observed TeV electrons cannot be located well beyond a
few 100 pc [9], and therefore the sheer fact of extension of the
observed electron spectrum to TeV energies is an unambiguous
indicator of existence of a nearby cosmic TeVatron(s) [10, 11].

celeration efficiency of CR accelerators, i.e. the frac-
tion of mechanical energy transfered to non-thermal
particles, should be very high, in the case of SNRs -
10 percent or more (in order to explain the produc-
tion rate of galactic CRs), the theory of the nonlinear
shock acceleration seems to be a key element in the
SNR paradigm of galactic CRs.

DSA allows conclusive observational predictions.
The distinct feature of this model is the very hard,
power-law type (although not precisely power-law) en-
ergy distribution of particles with differential spectral
index α close to 2.

3. PROBING THE CONTENT OF COSMIC
RAYS IN SUPERNOVA REMNANTS

The high acceleration efficiency, coupled with hard
energy spectra of protons extending well beyond 10
TeV, should lead to VHE γ-ray fluxes of hadronic ori-
gin. Thus, the best way to check the hypothesis is to
search for TeV γ-ray signals of π0-decay origin from
young shell-type SNRs [17]. TeV γ-rays have indeed
been reported from three famous SNRs - SN 1006 [18],
Cas A [19] RX J1713.7-3946 [20]. These are objects
with nonthermal X-radiation of putative synchrotron
origin radiated by � 10 TeV electrons. Since the same
electrons can also radiate TeV gamma-rays through
inverse Compton (IC) scattering, we deal with two
competing emission processes responsible for TeV ra-
diation. It should be noted, however, that the lep-
tonic origin of TeV gamma-ray emission from these
SNRs was and remains the favored model of both the
gamma-ray and X-ray communities. Moreover, the
early observations of SNRs by the Whipple collabora-
tion [21] were interpreted by many experts as a fail-
ure of SNRs in general, and DSA in particular, to be
responsible for the production of galactic CRs. How-
ever, given the limited sensitivity of current detectors,
as well as large uncertainties in several key model pa-
rameters, these conclusions in many cases are not well
justified and, in fact, are misleading. Driven by an
ultimate desire for dramatic revisions of the current
concepts, the claims about the difficulties associated
with gamma-ray observations of SNRs were premature
and, to a large extent, exaggerated. A more rational
conclusion from these observations was that only the
stereoscopic IACT arrays with significantly improved
sensitivity, and capability for adequate morphological
and spectroscopic studies [22] could be able to probe
the SNR visibility in π0-decay γ-rays and thus to pro-
vide a decisive test for the SNR origin of galactic CRs.
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4. HESS - a powerful tool for probing
shell-type SNRs in TeV gamma-rays

The success of ground-based gamma-ray astronomy
(see e.g. Refs [23–26]) not only led to important astro-
physical discoveries, but also elucidated the most ef-
fective and reliable detection techniques. Among the
variety of competing designs, the concept of stereo-
scopic arrays consisting of 10m diameter or larger
aperture telescopes was identified as the most convinc-
ing approach that can facilitate strong improvements
in performance at an affordable cost, and, at the same
time promises a fast scientific return [23].

The first representative of this class of IACT arrays
dubbed HESS (High Energy Stereoscopic System) was
completed in December 2003. The array consists of
four 13m diameter optical dishes [27] spaced at the
corners of a square of side 120 m, each equipped with
a 960-pixel PMT camera with a field of view (FoV)
≈ 5◦ [28]. HESS operates in an effective energy range
from 100 GeV to 30 TeV, with an angular resolution
of a few arcminutes, energy resolution around 15 per
cent, and a flux sensitivity of about 10 mCrab flux
with a significance of 5σ in 25 h of observations of a
point like source [29], i.e. for sources with angular size
less than the point spread function of the instrument,
δψ � 0.1◦). For an extended source with θ � δψ, the
minimum detectable flux is increases approximately
by a factor of θ/δψ.

Located in the Southern Hemisphere (Khomas
Highland of Namibia), this 5◦ FoV stereoscopic ar-
ray is currently the most sensitive instrument in the
world to conduct morphological and spectrometric
studies of extended galactic sources in TeV gamma-
rays. The unique potential of HESS has been con-
vincingly demonstrated by the discovery and study of
a number of TeV sources representing several galac-
tic and extragalactic source populations. The results
on the spatial and energy distributions of TeV γ-
rays of two young SNRs - RX J1713.7-3946 [30] and
RX J0852.0-4622 (Vela Junior) [31], are of extraordi-
nary importance, in particular in the context of origin
of galactic cosmic rays.

4.1. RX J1713.7-3946

Discovered in X-rays during the ROSAT All-Sky
Survey [32], this object later was extensively studied
by the ASCA [33–35], Chandra [36], and XMM [37, 38]
X-ray satellites. RX J1713.7-3946 was reported as a
source of TeV emission by the CANGAROO collab-
oration [20, 39]. The HESS observations performed
with two telescopes in 2003 confirmed this result, and,
more importantly, provided a γ-ray image of this SNR
on arcminute scales [40]. In 2004 the source was ob-
served again, but this time with the full four-telescope
system. The TeV image of the source based on ≈ 40 h

data sample [41] is shown in Fig.2. The signal from the
entire remnant stands out from the residual charged
CR background with a statistical significance of more
than 40 standard deviations. The overall (asymmet-
ric and thick) shell structure is clearly visible and cor-
relates [40, 41] with the X-ray images detected with
ASCA [34, 35] and XMM-Newton [37, 38], as well as
with CO observations of a dense molecular gas com-
plex located on the west side of the remnant [42].

Figure 2: The gamma-ray image of RX J1713.7-3946
obtained with the 4-telescope array of HESS in 2004 [41].
The linear colour scale is in units of excess counts.

The energy spectrum of the entire remnant based
on the 2003 data is shown in Fig.3. The experi-
mental points in the energy interval 1-10 TeV can
be described by a power-law with a photon index
Γ = 2.19 ± 0.09stat ± 0.15syst. Although there is no
indication for a spectral break, but a reasonable fit of
data by a ”power-law with exponential cutoff” (e.g.
with Γ = 1.5 and Ecut = 4 TeV) cannot be excluded.
The new HESS data obtained in 2004 allow signif-
icant extension of the energy spectrum towards 100
GeV and above 10 TeV, which hopefully will provide
definite conclusions concerning the spectral features
of this source.

The interaction of RX J1713.7-3946 with a nearby
cloud discovered in CO observations by the NANTEN
telescope [42] allows an estimate of the distance to the
supernova remnant of about 1 kpc and, correspond-
ingly, the age between 1 to 3 thousand years. If so,
it is likely that RX J1713.7-3946 is a result of the su-
pernova explosion which was registered in 393 A.D.
as a guest star in the Chinese historical records [43].
Therefore RX J1713.7-3946 formally can be teated as
a representative of young galactic SNRs like SN 1006,
Vela Junior, Tycho, Kepler, Cas A.

However, RX J1713.7-3946 is, in fact, a unique ob-
ject with very unusual characteristics. First of all this
concerns the X-ray emission which does not contain
a measurable thermal component. This could be an
indication that the supernova explosion occurred in-
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Figure 3: The γ-ray spectrum of RX J1713.7-3946
reported by the HESS collaboration [40] and by the
CANGAROO collaboration [39]. Note that while the
HESS points are for the whole remnant, the
CANGAROO points correspond to the northwestern
(NW) part of the remnant. This implies a factor of 3
difference in reported fluxes at 1 TeV.

side the wind-blown bubble with very low gas den-
sity [34]. A different explanation for the lack of ther-
mal X-ray emission is also possible, namely assuming
a very high density environment; because of the fast
radiative cooling, the dense ambient gas cannot be
heated to sufficiently high temperatures to emit ther-
mal X-rays.

The observed spatial correlation of the X-ray emis-
sion with the CO map of the brightest west portion
of the remnant [37, 38, 42] could be interpreted as an
argument in favor of the production of nonthermal X-
rays in the dense gas regions. On the other hand, the
X-ray emission with hardest power-law spectrum, as
observed by XMM-Newton from the South-East part
of the remnant [37], shows that we deal with a very
complex system, and many issues, even the commonly
accepted model of synchrotron X-ray emission, should
be subject of detailed examination and further stud-
ies.

Meanwhile, these questions are tightly related to
the observed TeV γ-ray emission, and therefore their
solution would be crucial also for understanding of
the origin of TeV gamma-rays. Indeed, the first sce-
nario, which assumes very low plasma density (n ≤
10−2 cm−3), excludes any hope for detection of TeV
gamma-rays of hadronic origin. The second scenario,
which assumes very high density environment, dis-
favors the Inverse Compton (IC) origin of the ob-
served IC gamma-rays, unless one assumes a very
clumpy environment with ”voids” (regions of low-
density gas and low-magnetic field) where the TeV
electrons spend significantly more time than in dense
clouds. The real picture could be, in fact, more com-

plex. Clearly, significant efforts in modeling of parti-
cle acceleration, propagation and radiation processes
based on high quality multiwavelength observations of
several SNRs are needed before any conclusion con-
cerning the origin of nonthermal radiation, and corre-
spondingly the acceleration rates and spectra of elec-
trons and protons in these objects.

In this regard it is difficult to underestimate the im-
portance of the recent reports of detection of TeV γ-
ray emission from another young supernova remnant
- RX J0852.0-4622 (or Vela Junior) by the CANGA-
ROO [44] and HESS [45] collaborations.

4.2. Vela Junior

Vela Junior was discovered using the data of the
ROSAT All-Sky Survey [46]. The distance and the
age of the source are estimated by different authors
between 200 pc [47] and 1 kpc [48] and between several
hundred to several thousand years, respectively.

The X-ray image shows a quasi-regular 2◦ diame-
ter ring-like structure with enhanced emission along
the northern, western, and southeastern limbs. The
source displays also X-ray emission from the interior -
a faint X-ray point-like source (a neutron star ?) sur-
rounded by a diffuse nonthermal component (a syn-
chrotron nebula ?).

The X-ray flux is dominated, like in SNRs
RX J1713.7-3946 and SN 1006, by a nonthermal com-
ponent. The radio and X-ray fluxes of Vela Ju-
nior and SN 1006 are rather similar: several times
10−13 erg/cm2s around 1 GHz and ∼ 10−10 erg/cm2s
in the 1-10 keV band, correspondingly. The relation
of radio and X-ray fluxes is quite different in the case
of RX J1713.7-3946. While the radio flux of this SNR
is an order of magnitude less than the radio flux of
Vela Junior, its X-ray flux exceeds by a factor of 5
the X-ray flux of Vela Junior. Despite this difference,
the faint synchrotron radio flux is a common feature
of these three objects. Other young SNRs, in partic-
ular Cas A, Tycho and Kepler, the X-ray emission of
which is dominated by thermal components, are much
stronger radio sources.

The similarity between RX J1713.7-3946 and Vela
Junior is supported also by the strong extended TeV
emission of both objects spatially correlated with X-
rays. The HESS image of Vela Junior in TeV γ-
rays is shown Fig.4. The energy spectrum in the
energy range between 500 GeV and 15 TeV is de-
scribed by a power-law, dN/dE = Φ(E/1 TeV)−Γ

with Γ = 2.1 ± 0.1stat ± 0.1syst and Φ = (2.1 ±
0.2stat±0.6syst)×10−11 cm−2s−1TeV−1. Compared to
RX J1713.7-3946, the total flux of Vela Junior is some-
what higher, and the spectrum seems to be slightly
harder.
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Figure 4: The HESS image of the SNR Vela Junior
obtained with the 4-telescope HESS array [45]. The
excess of 660 ± 60 events from the whole remnant with a
12σ statistical significance is obtained in 4.5 h
observation time in 2004. The image is smoothed with a
Gaussian of standard deviation of 6 arcmin. The point
spread function of HESS is shown by a circle. The
superimposed ASCA contour lines [48] show spatial
correlation between X-rays and TeV γ-rays. The position
of the neutron star candidate AXJ0851.9-4617.4 is
marked with an asterisk.

4.3. SN 1006

The claim of detection of TeV γ-ray emission of
this young shell-type supernova remnant by the CAN-
GAROO collaboration [49] initiated a number of phe-
nomenological and theoretical studies to explain the
high energy γ-ray emission within the leptonic (e.g.
Refs.[50–53]) or hadronic (e.g. Refs. [52, 54]) models.
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Figure 5: Comparison of observations of SN1006 reported
by HESS [55] and CANGAROO [49] from the same (NW)
part of the shell. The HESS upper limit (99.9% c.l.)
band is derived assuming a photon index from Γ=2 to 3.

The HESS observations of SN 1006 have been car-
ried in 2003 and 2004 [55]. No evidence for TeV

gamma ray emission from any compact or extended
region associated with the remnant was obtained. The
upper limit on the TeV flux (see Fig. 5) is below,
by an order of magnitude, the flux reported by the
CANGAROO group. This upper limit constrains (1)
the total energy in ≥ 1 TeV protons in the remnant,
Wp ≤ 1050(d/2 kpc)2(n/0.1 cm−3)−1 erg (n is the
number density of the gas in the confinement region
of protons) within the framework of hadronic models,
and (2) the strength of the post-shock magnetic field
B ≥ 25 µG within the framework of leptonic (IC)
models 5.

5. THE CASE OF CASSIOPEIA A

The shell type supernova remnant Cas A is the
brightest radio source in our Galaxy. The synchrotron
radiation of Cas A continues to submillimeter wave-
lengths, and perhaps even further to the infrared and
hard X-rays. The magnetic field in this young SNR
is very high. By comparing the bremsstrahlung flux
of radio emitting electrons with the gamma-ray flux
upper limit J(> 100 MeV) ≤ 1.1 × 10−6 ph/cm2s set
by the COS B and EGRET high energy gamma-ray
detectors, one can derive a robust low limit [56, 57]
for the magnetic field in Cas A at the level of B0 ≈
100µG. Such a constraint on the magnetic field is
possible because of the high radio flux of Cas A and
effective production of high energy γ-rays via electron
bremsstrahlung. Actually this is a quite unusual sit-
uation compared with other shell type isolated SNRs
for which bremsstrahlung is generally ineffective γ-
ray production mechanism. The reason is twofold: a
very large amount of electrons with energy extend-
ing to at least 10 GeV (the electrons which produce
synchrotron radiation at mm wavelengths), and large
gas density, n ≥ 10 cm−3. There is little doubt that
GLAST should detect this radiation component at
MeV/GeV energies, and thus provide an unambigu-
ous probe of the magnetic field in Cas A.

Cas A is the result of the youngest supernova event
in our Galaxy that took place around 1680. The
source is bright in X-rays, a noticeable fraction of
which may have nonthermal (synchrotron) origin [58].
The same multi-TeV electrons responsible for syn-
chrotron X-rays contribute to the TeV γ-ray emission
through the inverse Compton scattering. However,
because of the strong magnetic field, the efficiency of
inverse Compton channel in this object seems to be
quite low.

The “brute-force” observation strategy applied by
the HEGRA collaboration to this prominent objects,
was eventually rewarded by detection of a tiny flux
(5.8 ± 1.2stat ± 1.2syst) × 10−13 ph/cm2s above 1
TeV [19]. More than 200 hours of data accumulated
during 3 years from 1997 to 1999, revealed a positive
signal with statistical significance exceeding 5σ.
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Figure 6: Gamma-rays from Cas A. The shaded area
shows the 1σ error range for the fluxes measured by the
HEGRA CT-system [19]. Also indicated are the flux
upper limits set by EGRET, Whipple and CAT
telescopes. Model predictions are presented by solid,
dashed and dotted curves. The dotted curve represents
the fluxes for π0-decay decay γ-rays calculated for
relativistic protons with power-law index Γ = 2.15
(identical to the spectral index of radio emitting
electrons), exponential cutoff at E0 = 200 TeV and total
energy 2 × 1049 erg. The density in the shell is assumed
n = 15 cm−3. The solid and dashed lines correspond to
the γ-ray fluxes produced by electrons calculated in the
framework of a 3-zone model for 2 set of basic
parameters discussed in Ref. [57].

The interpretation of this signal in terms of IC
γ-rays seems unlikely, unless one assume multi-
zone structures containing regions with low B-field
”voids” [57]. On the other hand, because of the low
TeV γ-ray flux and high average density of the nebular
gas, a little effort is needed to explain the TeV radi-
ation by interactions of accelerated protons [57, 59].
This interpretation requires ≈ 1049 erg total energy in
accelerated protons (see Fig. 6) which exceeds the en-
ergy in relativistic electrons only by a factor of ≤ 10.

A crucial information about the γ-ray production
mechanism is contained in the energy spectrum. The
inverse Compton model predicts quite steep TeV γ-
ray spectrum with a photon index Γ ∼ 3. There-
fore the detection of a hard γ-ray spectrum would be
a strong argument in favor of the hadronic origin of
the TeV emission. The TeV flux of Cas A is rather
week, therefore accurate measurements of the energy
spectrum can be performed only with new generation
IACT arrays, like MAGIC and VERITAS, located in
the Northern Hemisphere.

6. Hadronic versus leptonic gamma-rays

The key objective of TeV observations of the shell-
type SNRs, at least in the context of origin of galactic
CRs, is the detection/identification of the hadronic
component of γ-ray emission related to the shock-

accelerated protons and nuclei. In this regard, the
understanding of the origin of TeV γ-ray images de-
tected from RX J1713.7-3946 and Vela Junior is of
great importance, and may lead to the first strong ob-
servational evidence of acceleration of multi-TeV pro-
tons in SNRs. For such a dramatic conclusion we need
to show that the TeV signal cannot be related to rela-
tivistic electron. Since we have only two real alterna-
tives (IC or π0-decay gamma-rays), the demonstration
of the failure of the IC mechanism to explain the TeV
data would be interpreted as a proof of the hadronic
origin of TeV radiation. Therefore, comprehensive
theoretical and phenomenological studies of both lep-
tonic and hadronic models of γ-ray production in
SNRs are equally important for the solution of the
origin of Galactic Cosmic Rays.

For a standard “power-law with exponential cutoff”
energy distribution of protons,

Q(E) ∝ E−α exp (−E/E0) , (1)

the flux of γ-rays produced in the interactions of CR
protons with the ambient gas is basically determined
by the scaling parameter

A =
(

WCR

1050 erg

)(
d

1 kpc

)−2 ( n

1 cm−3

)
, (2)

where WCR is the total energy in accelerated protons,
n is the ambient gas density, and d is the distance
to the source. The γ-ray spectrum at high energies
repeats the spectral shape of parent protons – a power-
law with approximately the same power-law index Γ ≈
α, and a cutoff at E ∼ 0.1E0. For the given energy
density of accelerated protons, the integral flux of γ-
rays above 300 MeV is almost independent of the
proton spectral index,

Jγ (≥ 300 MeV) ≈ 3 · 10−8A cm−2s−1 . (3)

At energies 1 GeV ≤ E ≤ 0.1E0, and for the standard
chemical composition of CRs and the ambient gas,

Jγ(≥ E) = 10−11E−α+1
TeV Afα cm−2s−1, (4)

where fα ≈ 1 and 0.2 for the the proton spectral in-
dices α = 2 and 2.3, respectively. The integral fluxes
of π0-decay γ-rays from a 103 yr old SNR for the scal-
ing parameterA = 1, and proton spectrum with α = 2
and E0 = 100 TeV, are shown in Fig. 7.

When deriving information about the accelerated
protons one has to take into account a possible non-
negligible “contamination” caused by directly accel-
erated electrons that upscatter photons of the 2.7 K
CMBR (the dominant target photon field in most of
SNRs) to γ-ray energies. The multi-TeV electrons
responsible for TeV γ-rays produce also synchrotron
UV/X radiation. The typical energies of the IC and
synchrotron photons produced by the same electron
are related by

Eγ � 2(εx/0.1 keV) (B/10µG)−1 TeV . (5)
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Figure 7: Fluxes of π0-decay (heavy solid line) and IC
(thin lines) γ-rays from a 103 year old SNR. The π0

decay γ-rays are calculated for the scaling parameter
A = 1. The IC γ-ray fluxes are calculated for 3 different
values of the magnetic field: B = 3 (solid curve), 10
(dashed curve), and 30µG (dot-dashed curve), assuming
that the electrons produce the same flux of synchrotron
X-radiation Sν = 10µJy at 1 keV. For both protons and
electrons the same acceleration spectrum given by Eq.(1)
is assumed with α = 2 and E0 = 100 TeV.

Note that this relation neglects the Klein-Nishina ef-
fect which however becomes important at energies
Eγ ≥ 10 TeV. The ratio of the synchrotron and IC
fluxes fE ≡ E2F (E) = νSν at energies given by Eq.(5)
depends on the magnetic field:

fIC(Eγ)
fsy(εx)

� 0.1 (B/10µG)−2 . (6)

For a flat X-ray spectrum with photon index � 2, the
energy flux fX slightly depends on energy. Therefore
fX at a typical energy of 1 keV could serve as a good
indicator of the level of the IC γ-ray flux at TeV en-
ergies, albeit for the field B 	 100µG the energy of
synchrotron photons (produced by the same parent
electrons) related directly to ∼ 1 TeV γ-rays is in the
UV/soft X-ray band.

The contribution of π0-decay γ-rays dominates over
the contribution of the IC component if

A ≥ 0.1 (S1keV/10µJy) (B/10µG)−2 , (7)

where S1keV is the flux of nonthermal synchrotron ra-
diation at 1 keV normalized to 10µJy (the correspond-
ing energy flux fx ≈ 2.4 × 10−11 erg/cm2s).

In Fig. 7 the integral fluxes of π0-decay and in-
verse Compton γ-rays from a SNR of age 103 yr are
shown. The π0-decay γ-ray flux corresponds to the
scaling factor A = 1. The IC fluxes are calcu-
lated by normalizing the synchrotron X-ray flux to
S1keV = 10µJy for different values of ambient mag-
netic field. Note that for the normalizations used,

the results presented in Fig. 7 only slightly depend
on the source age, unless it is larger than the syn-
chrotron cooling time of multi-TeV electrons, tsynch ≈
1.2 × 103 (B/10µG)−2 (Ee/100 TeV)−1 yr .

7. The case of RX J1713.7-3946

In Fig. 8 the broad-band spectral energy distribu-
tion (SED) of RX J1713.7-3946 is shown, together
with the SED of Vela Junior. While in the case of
RX J1713.7-3946 the ratio of the energy flux of γ-rays
at several TeV to the X-ray flux at 1 keV is about
0.1, for Vela Junior this ratio is close to 1. In ac-
cordance with Eq.(6) the interpretation of TeV fluxes
within the one-zone Synchrotron-IC model requires
quite low magnetic fields – about 10 µG and 3 µG for
RX J1713.7-3946 and Vela Junior, respectively. The
accurate time-dependent calculations within the one-
zone model presented in Fig. 8 confirm these estimates
for the magnetic field.

Figure 8: The integrated broad band SEDs of
RX J1713.7-3946 and Vela Junior, and their
interpretation within the framework of the one-zone
leptonic model. The shown power-law presentations of
gamma-ray fluxes are from the best fits to the HESS
data. Three components of radiation - synchrotron, IC
and bremsstrahlung - are shown. The calculations for RX
J1713.7-3946 are performed for the following parameters:
electrons are accelerated and injected continuously, over
the last 1000 yr, into a region with magnetic field 10 µG
and gas density n = 0.1 cm−3. It is assumed that the
electrons are injected with a rate Le = 1037(d/1kpc)2

erg/s and energy spectrum given by Eq.(1) with α = 2
and E0 = 50 TeV. The model parameters used for
calculations of the SED of Vela Junior are similar, except
for α = 2.37, and Le = 8 × 1038(d/1kpc)2 erg/s.

Generally, these are uncomfortably low values for
the B-field in these SNRs. Indeed, for the given
synchrotron X-ray spectra of these sources which
are extended to 10 keV, the above condition of
low magnetic field implies extension of the electron
spectrum to E � 250(ε0/1keV)1/2B−1/2

µG TeV, where
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ε0 is the cutoff energy in the spectrum of synchrotron
X-rays, BµG = B/1µG is the magnetic field in
units of µG. On the other hand, the maximum
(within the framework of standard DSA model)
energy of electrons, assuming that the acceleration
proceeds in the extreme Bohm diffusion limit, and
neglecting the radiative losses of electrons, is es-
timated E � 8(τ0/103yr)(v/3000km/s)2BµG TeV
(τ0 is the age of the source and v is the shock
speed). From these two conditions we may con-
clude that the magnetic field should exceed BµG �
10(τ0/103yr)−2/3(v/3000km/s)−4/3(ε0/1keV)1/3 in
order to explain the cutoff energy in the X-ray
spectrum ε0 ≥ 1 keV.

Thus, while the IC interpretation of TeV γ-rays
from RX J1713.7-3946 and Vela Junior requires B-
fields around 10 ≈ µG and 3µG, respectively, the
spectra of synchrotron X-ray emission of both objects
require, even under the most favorable conditions,
B ≥ 10 µG. This discrepancy can be solved if one
assume that a more effective acceleration mechanism
(compared to the ”standard” parallel shock acceler-
ation model; see Ref.[60]) operates in these objects.
Also, significantly larger magnetic field in the accel-
erator could be allowed assuming that the electron
acceleration and IC emission regions are separated.
Even so, the total X-ray flux should be dominated by
the radiation produced in the TeV γ-ray production
region(s) which follows from the spatial correlation be-
tween the TeV and X-ray images of RX J1713.7-3946
[40]. This implies that the sites of particle acceler-
ation should be quite compact. Fig.9 demonstrates
that the two-zone model applied to the NW rim of
RX J1713.7-3946 (assuming that electrons are accel-
erated in the thin filaments resolved by Chandra) al-
lows relatively large magnetic field in filaments and,
at the same time, quite high flux of TeV γ-rays in
the plateau region [36]. Note that the predicted γ-
ray flux is a factor of 2-3 below the flux detected
by HESS from the same NW region. However, the
IC γ-ray flux can be significantly increased assuming
slightly faster escape of electrons from filaments. It
should be noted also that although in the two-zone
model the particle accelerators should appear as dis-
tinct sites because of their high surface brightness of
the synchrotron X-radiation (seen in the forms of fil-
aments and hot spots), the total X-ray flux from the
plateau region is still significantly larger than from the
filaments and hot spots.

Although the absolute γ-ray fluxes can be explained
by the IC mechanism, at least within the two-zone
model, the flat power-law γ-ray spectrum observed
from RX J1713.7-3946 with power-law index ≈ 2.2
(in the interval 1-10 TeV) do not fully agree with
the theoretical IC spectra. The reason is the follow-
ing. The electrons do not suffer significant energy
losses up to E ∼ 100(B/10µG)−2(τ0/1000yr)−1 TeV,
and therefore keep their hard (acceleration) spectrum

unchanged during the age of the source ∼ 1000 yr.
Consequently, we should expect very hard IC γ-ray
spectra below 10 TeV. On the other hand, one should
require a cutoff or steepening of the electron spectrum
around 100 TeV to fit the detected X-ray spectrum.
This feature, coupled with the Klein-Nishina effect,
leads to a break in the IC spectrum above several TeV.
Thus we should expect a ”bell-type” SED of γ-rays
with a maximum between 1 and 10 TeV. Such a spec-
tral shape does not match the power-law spectrum of
TeV γ-rays observed from RX J1713.7-3946

Somewhat better IC fits to the HESS data are pos-
sible if we assume (i) a steeper acceleration spectrum,
or (ii) significant non-radiative losses, e.g. due to the
energy-dependent escape of electrons from the zone
2. The first possibility is demonstrated for Vela Ju-
nior in Fig. 8. The electron acceleration spectrum
with α � 2.4 fits well also the radio data. However
such a spectrum requires very high injection power,
Le = 8 × 1038 erg/s. Therefore, from the point of
view of overall energetics, the steepening of the elec-
tron spectra due to escape losses, seems a more feasi-
ble option.

Unlike the IC models, the hadronic models of TeV
radiation of SNRs are less restricted by the multi-
wave observations at other wavelengths. Moreover,
with a choice of two parameters characterizing the
acceleration spectrum of protons, i.e. the power-law
index α and the cutoff energy E0, it is possible to
explain a rather broad range of γ-ray spectra. The
main problem connected with the hadronic model is
the low efficiency of conversion of energy of acceler-
ated protons to TeV γ-rays. The characteristic time
of radiative cooling of protons interacting with the
ambient matter of density n through the π0-channel
is tpp→π0 ≈ 1.5× 108(n/1cm−3)−1 yr which is longer,
by many orders of magnitude, than the most active
epoch of acceleration of particles in a SNR to multi-
TeV energies (typically, the first 103 yrs after the SN
explosion). Nevertheless, such a slow radiative cool-
ing of protons appears sufficient, as it follows from
Eq.(4), to make SNRs visible in TeV γ-rays, if the
parameter A ≥ 0.1. Most likely, this is the case of
RX J1713.7-3946 - a young (t ∼ 103 yr old), nearby
(d ∼ 1 kpc) and powerful SNR exploded in a dense
gas environment.

The flux and the energy spectrum of RX J1713.7-
3946 can indeed be explained by interactions of pro-
tons with the ambient gas, through production and
decay of secondary π0-mesons. Since the spectra of
RX J1713.7-3946 does not show spectral cutoff up to
10 TeV, one may conclude that the proton spectrum
should continue without a break, up to 100 TeV.

For the reported integral flux and energy spec-
trum of TeV γ-rays from RX J1713.7-3946, J(≥
1 TeV) � 1.5 × 10−11 ph/cm2s and Γ � 2.1 − 2.3,
Eqs.(2) and (4) give the following estimate of the re-
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quired total energy in protons, WCR � (1.5 − 7.5) ×
1050(d/1kpc)−2(n/1cm−3) erg. Given the recent es-
timates of the distances to this sources of about 1
kpc [42], and the theoretical conviction that approx-
imately 10 percent of the mechanical energy of the
SN explosion is converted into relativistic protons, the
detected TeV fluxes can be explained for the average
density of the ambient gas in the γ-ray production
region of about several hydrogen atoms or molecules
per 1cm3. This is a quite modest requirement which
can be provided by the shock-compressed gas in the
shell or by the surrounding dense gas environment.

plateau

plateau

filaments

filaments

 

RX J1713.7−3946
NW rim

Figure 9: Multiwavelength synchrotron (solid lines) and
IC (dashed lines) spectra of filaments and the ”plateau”
regions of the NW rim of RX J1713.7-3946 calculated
within the two-zone model, under the assumption that
the electron acceleration takes place in filaments. The
following parameters have been used in calculations: age
τ0 = 1000 yr, the electron acceleration rate in filaments
Le = 4 × 1036(d/1kpc)2 erg/s, α = 1.95, E0 = 200 TeV,
Bfil = 20 µG, Bplat = 6 µG the time of convection escape
500 yr. The details are described in Ref. [36].

The interpretation of the TeV gamma-ray emis-
sion reported by the CANGAROO group in terms of
hadronic interactions [39] has been criticized with an
objection that the canonical shock-acceleration spec-
trum of protons with power-law index α = 2 would
result in violation of the EGRET upper limits at GeV
energies [61, 62] Formally, this objection stands also
for the HESS results. However, this is not a suf-
ficiently robust and convincing argument to dismiss
the hadronic origin of the TeV signal [36]. A slightly
harder proton spectrum, e.g. with spectral index,
α ≤ 2, coupled with relatively small high energy cut-
off energy, E ≤ 100 TeV, can easily avoid the conflict
with the EGRET data, but yet explain satisfactorily
the TeV flux and spectrum. Moreover, even for a pro-
ton spectrum steeper than α = 2, it is possible to
suppress the GeV γ-ray flux by invoking the effect
of the energy-dependent propagation of protons when
they travel from the accelerator (SNR shock) to the

target (nearby gas clouds) [63]. In particular, the lack
of GeV γ-rays can be naturally explained by the con-
finement of low energy protons in the supernova shell.

In any case, it is clear that the standard DSA
models cannot be applied for calculations of γ-ray
emission from a SNR interacting with dense molecular
clouds. In particular, in such systems one has to treat
thoroughly the spectral features of particles ahead of
the shock. Indeed, this component of relativistic pro-
tons is most relevant to the TeV γ-ray emission ob-
served from RX J1713.7-3946, if γ-ray production oc-
curs when the SNR shock approaches a dense gas re-
gion as discussed in Ref. [64]. In this paper several im-
portant features of particle acceleration, in particular
the nonlinearity of the acceleration process (i.e. the
modification of the flow by accelerated particles) and
the position-dependent low-energy cutoff in the spec-
trum of accelerated particles ahead of the shock, have
been included in calculations Note that the low-energy
cut-off is unavoidable in the upstream of the shock.
This effect was ignored in the past, because in the
shock acceleration models usually only the downsream
solutions were considered (the downstram spectrum
of particles is almost coordinate-independent). How-
ever, at the presence of a dense gas region upstream
of the shock, the γ-ray production is dominated by
p-p interactions in these regions, and therefore the
low energy cutoff becomes an important factor. Fi-
nally, the energy-dependent escape of particles from
the cloud is another important effect which leads to
the high-energy break (steepening) in the proton, and,
consequently, also in the secondary γ-ray spectrum.

The approach suggested in Ref. [64] is applicable
also for the electronic component of accelerated par-
ticles; the electrons enter the cloud with a low-energy
spectral cutoff as well. If so, the high gas density
and the large magnetic field in the adjacent molecu-
lar clouds (typically ≥ 25µG; see e.g. Ref. [65]), can
naturally explain the spatial correlations of both X-
ray and TeV γ-ray images with CO maps, as well as
the very low radio flux of RX J1713.7-3946 [66]. Gen-
erally, molecular clouds have clumpy structure with
inter-clump gas density exceeding 10 cm−3 (see e.g.
Ref.[67]. This implies that approximately 1049 − 1050

erg is required in accelerated protons to explain the
observed TeV γ-ray flux.

The energy spectrum reported by the HESS collab-
oration based on the 2003 (2-telescope) data cover a
relatively narrow energy band, from 1 TeV to 10 TeV.
In this regard, the new measurements of the energy
spectrum of RX J1713.7-3946 performed in 2004 with
the full 4-telescope array, should allow an extension of
the energy band towards 100 GeV and 30 TeV which
hopefully could provide stronger evidence of associ-
ation of the TeV γ-ray emission with the dense gas
regions, and thus the hadronic origin of the parent
particles.

Finally we note that if a significant fraction of the
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TeV γ-ray signal of RX J1713.7-3946 is indeed of neu-
tral pion origin, then the accompanying charged pi-
ons will produce a guaranteed neutrino flux above the
sensitivity threshold of the future kilometer-scale high
energy Neutrino Observatories [4].

8. Other TeV source populations

The detection of TeV γ-ray images of RX J1713.7-
3946 and Vela Junior is a great success which clearly
demonstrates that young shell-type SNRs are effec-
tive factories of multi-TeV particles. However, these
results do not yet allow us to arrive at a more general
conclusion, namely, that SNRs provide the bulk of
the flux of galactic cosmic rays up to the knee around
1015 eV. One cannot exclude that some other galac-
tic source populations, e.g. pulsars and their ultra-
relativistic winds, X-ray binaries, in particular micro-
quasars, contribute comparably to the observed cos-
mic ray flux. The recent HESS discoveries of TeV
γ-rays from the composite SNR G0.9+0.1 [68] (see
Fig.10), pulsar wind nebula MSH 15-52 [69], and the
binary pulsar PSR B1259-63 [70] show that there are
indeed other classes of galactic TeVatrons.

Figure 10: Gamma-ray point source significance map for
the region around the Galactic Center. Two sources of
TeV gamma-rays are clearly visible: the Galactic Center
(HESSJ1745−290) and a second source
(HESSJ1747−281) coincident with the composite
supernova remnant G0.9+0.1. The gamma-ray emission
of G 0.9+0.1 appears to originate in the plerionic core of
the remnant, rather than in the shell [68].

It should be noted in this regard that the γ-ray
spectrum of the CraB Nebula - the strongest pulsar-
wind nebula in our Galaxy - extends to ≥ 50 TeV
[71] (see Fig. 11). Although it is widely believed that
the pulsar winds are electron accelerators, one cannot
exclude that a non-negligible fraction of the energy
carried by the pulsar wind is released in the form of
PeV nuclei [72–74].

Finally, the detection of TeV γ-rays from the di-
rection of the Galactic Center by the CANGAROO,
Whipple and HESS collaborations [75–77] shows that
the central region of our Galaxy in general, and the
central supermassive Black Hole Sgr A* in particular,
could significantly contribute to the hadronic compo-
nent of galactic cosmic rays up to 1015 eV, and per-
haps even to 1018 eV [78, 79] although, of course, the
electronic origin of the detected TeV radiation remains
a possible alternative [79, 80].
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Figure 11: Broad-band SED of the Crab Nebula. The
termination shock of the pulsar wind is an extreme
accelerator boosting the energy of electrons to 1015 eV
and beyond. In the framework of the synchrotron/inverse
Compton emission model, it possible to explain the entire
energy range from radio wavelengths to ultra-high energy
gamma-rays. While the synchrotron radiation of ≥ 1014

eV electrons extends to the multi-MeV region, the
inverse Compton scattering of the same electrons results
in the ultra-high energy gamma-radiation detected by
the HEGRA IACT system up to 50 TeV and beyond (see
for details [71]).

9. SEARCHING FOR COSMIC
ACCELERATORS WITH GLAST AND
IACT ARRAYS

The main obstacle to revealing the production sites
and acceleration mechanisms of CRs is the effective
diffusion of charged particles in interstellar magnetic
fields, which results in confusion of individual contrib-
utors to the “sea” of galactic CRs, and significantly
modifies the original (source) spectra of accelerated
particles. Therefore, it is believed that the resolution
of these long-standing questions will be provided by
gamma-ray astronomy, i.e. through indirect but (al-
most) model-independent measurements of secondary
γ-rays. The recent exiting discoveries of TeV gamma-
radiation from several galactic source populations, in
particular from shell-type SNRs, with the HESS ar-
ray of imaging atmospheric Cherenkov telescopes fully
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confirm the early expectations.
Generally the atmospheric Cherenkov telescopes

are designed for detection of γ-rays from point like
sources. However, the (relatively) large field of view
of the HESS telescopes and the stereoscopic approach
of reconstruction of air shower parameters allow ad-
equate studies of reasonably extended (up to 2◦)
sources, as well as effective surveys of limited regions
of the sky. The Galactic Disk is obviously the highest
priority target for such a survey. This allows not only
search for new type of yet unknown TeV emitters, but
also effective study of diffuse galactic γ-ray emission
on small (≤ 100 pc around the comic accelerators)
and large (kpc) scales. Note that although generally
the kpc scale diffuse galactic γ-ray emission is treated
as a truly diffuse radiation component caused by inter-
actions of the ”sea” of galactic CR ray electrons and
protons with the ambient gas and photon fields (see
e.g. Ref.[81]), the contribution of discrete sources, e.g.
old SNRs [82] can be quite significant.

The spectra of particle acceleration (e.g. by SNR
shocks) are generally expected to be significantly
harder than the locally observed spectrum of CRs.
On the other hand, the confinement time of particles
in the source decreases with energy (the leakage of
particles becomes easier at higher energies), therefore
the quasi-stationary spectrum of particles established
in the source could be significantly steeper than the
acceleration spectrum. Correspondingly, even for a
hard, e.g. E−2 type, particle acceleration spectrum,
the secondary γ-rays produced by interactions of rela-
tivistic particles inside the sources, could have quite a
steep spectrum – just opposite to the common belief
in which the hardest γ-ray spectra are expected from
CR accelerators themselves.

This effect is illustrated in Fig. 12. It is assumed
that high energy protons are injected into a dense re-
gion of size R = 3 pc, gas density n = 100 cm−3,
and magnetic field B = 100 µG. These parameters
are typical for the so-called giant molecular clouds –
possible sites of particle acceleration and gamma-ray
production. The acceleration spectrum of protons is
assumed to be a power-law with an index α = 2.1,
and exponential cutoff at 1015 eV. The time history
of acceleration is assumed as L = L0(1 + t/τ0)−2,
with L0 = 1038 erg/s and τ0 = 103 yr. This as-
sumption implies that the acceleration rate was es-
sentially constant over the first 103 years, but has
later decreased with time as t−2. Finally, the confine-
ment time of particles was approximated in the form
tesc = R2/2D(E) ≈ 4 × 104κ−1(E/100 TeV)−1 yr,
where κ = 1 corresponds to the slowest possible es-
cape in the Bohm diffusion regime. One can see that
for the chosen parameters of the ambient medium and
acceleration rate, the proton escape results in a signif-
icant suppression of TeV γ-rays, especially at obser-
vation epochs t ≥ 104 yr, even if the particle escape
proceeds in the regime close to the Bohm diffusion.

Thus, the study of a cosmic accelerator by detect-
ing γ-rays from the central source cannot be complete
because it contains information only about relatively
low-energy particles effectively confined in the source.
In many cases the detection of γ-rays from regions
surrounding the accelerator could add much to our
knowledge about the highest energy particles which
quickly escape from the source and thus do not con-

109 11 12 13 148

108 9 11 12 13 14

108 9 11 12 13 14

log10(E/eV)

Figure 12: Expected γ-ray spectra at different
observation epochs – t = 103, 104 and 105 years after the
start of operation of the proton accelerator, for three
different assumptions concerning the escape time of
particles from the γ-ray production region: κ =1, 30,
1000.
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tribute to the γ-ray production inside the source.
For “typical” CR accelerators, e.g. SNRs with a

total energy release in protons of less than W ≤ 1050

erg, the extension of these regions cannot significantly
exceed several tens of parsecs, because at such large
distances from the source, the density of relativistic
particles becomes negligible compared to the level of
the “sea”of galactic CRs.

The existence of a powerful particle accelerator by
itself is not yet sufficient for effective γ-ray production.
Clearly, an additional component – a dense gas target
– is required. Giant Molecular Clouds (GMCs) are
perfect objects to play that role in our Galaxy. They
are physically connected with star formation regions
which are believed to be the most probable sites for
the production of galactic cosmic rays. Fig. 13 illus-
trates [83] the γ-ray production by a cloud located in
the vicinity of a particle accelerator where the energy
density of CRs can significantly exceed the level of the
“sea” of galactic CRs of about 1 eV/cm3. It is possi-
ble that the two unidentified TeV sources discovered
by HEGRA telecope system [84] and by HESS [85]
belong to this class of objects.

The remarkable feature of γ-radiation of GMCs is
the strong evolution in time of both the absolute fluxes
and the spectra of γ-rays. The character of the evo-
lution essentially depends on the diffusion coefficient
D(E) and distance R between the target and accel-
erator. Depending on the combination of the diffu-
sion coefficient D(E), distance R, as well as the age
of the accelerator t, one should expect quite different
γ-ray spectra from source to source. Namely, in the
case of a cloud near a relatively young accelerator the
differential γ-ray spectrum is expected to be much
harder than the primary spectrum of the accelerated
particles, i.e. Γ < 2. Meanwhile, the γ-ray spectra
from clouds located near old accelerators would be
soft, with a spectral index Γ ≥ 2.7.

Thus, the detection of γ-rays from different clouds
located at different distances from the accelerator may
provide unique information about the diffusion coeffi-
cient D(E) as well as about the age of the accelerator.
Similar information may be obtained detecting γ-rays
from the same cloud, but in different energy domains,
namely at GeV and TeV energies.

It should be noted that in the case of energy-
dependent propagation of cosmic rays the chance of
simultaneous detection of a cloud in GeV and TeV
γ-rays could be not very high, because the maxi-
mum fluxes at these energies are reached at differ-
ent epochs. Since the higher energy particles propa-
gate faster and therefore reach the cloud earlier, the
maximum of GeV γ-radiation appears at an epoch
when the maximum of the TeV γ-ray flux has already
passed. In the case of energy-independent propaga-
tion (e.g. due to strong convection) the ratio of fluxes
Fγ(≥ 100 MeV)/Fγ(≥ 1 TeV) is independent of time,
therefore the clouds which are visible at GeV energies

would be detectable also at TeV energies.

In Fig. 13 are shown the temporal evolution of the
integral γ-ray fluxes in the energy intervals between
0.3-3 GeV and 1-10 TeV from a cloud with M5/d

2
kpc =

1 (where M5 = M/105M� is the mass of the cloud in
units of 105 solar masses, and dkpc = d/1kpc is the
distance to the source in units of kpc), located at 10
pc, 30 pc, and 100 pc distances from an impulsive pro-
ton accelerator with Wp = 1050 erg. For the diffusion
coefficient is assumed D∗ = 1027(E/1GeV)0.5 cm2/s,
which implies an order of magnitude slower diffusion
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IACTs
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from "sea" of GRCs

from "sea" of GRCs

Figure 13: Time dependence of the π0-decay γ-ray
emissivities (the left-hand side ordinate axes) and the
fluxes (the right-hand side ordinate axes) from a cloud in
the energy intervals 0.3-3 GeV and 1-10 TeV at three
different distances from an impulsive accelerator: 10 pc,
30 pc, and 100 pc. The fluxes are calculated for a GMC
with M5/d

2
kpc = 1 and a proton accelerator with

Wp = 1050 erg. The horizontal lines indicate the
corresponding emissivities and fluxes of γ-rays expected
from the “sea” of galactic CRs. The expected
sensitivities of GLAST and the next generation of IACT
arrays in the same energy intervals are shown for the
range of the γ-ray source size between 0.1◦ and 1◦ (see
Ref. [83] for details).
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than in the standard parts of the Galactic Disk.
The comparison of the expected γ-ray fluxes with

the sensitivities of GLAST (for approximately 1 year
observation time), and IACT arrays like HESS (for
≈ 10 h of observation time), show that at certain (not
necessarily same) epochs the cloud could be visible
at GeV and/or TeV energies, up to distances to the
accelerator R ∼ 30 pc even for the source size of about
1◦, provided that W50M5d

−2
kpc ≥ 0.01.

The γ-ray emission outside cosmic accelerators con-
tains unique information not available in the case
of direct observations of the accelerators themselves.
This allows not only correct estimates of the total en-
ergy budget of the accelerator, but also reconstruction
of the time history of the accelerator, the maximum
energy of accelerated particles, etc. In particular,
the detection of possible spectral cutoffs in the γ-ray
spectra of SNRs at E ≤ 10 TeV cannot be unambigu-
ously related to the inability of the source to accelerate
particles to energies 100 TeV or beyond. This could
be rather connected with the escape of most energetic
particles which were accelerated at the early stages of
the SNR but at the present epoch (of observations) al-
ready have left the source (see e.g. Refs.[86]). There-
fore the secondary products of these particles - the π0-
decay γ-rays would have more chances to be detected
outside of the source rather than from the source. On
the other hand, the chances to detect γ-rays from old
SNRs is higher at GeV, rather than at TeV energies.

In this regard, GLAST and the stereoscopic IACT
arrays are complementary instruments, and the study
of cosmic ray accelerators in our Galaxy can be con-
ducted most effectively through coordinated observa-
tions by GLAST and HESS type telescope arrays lo-
cated both in Northern and Southern hemispheres.
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Particle Acceleration in Relativistic Flows
J. G. Kirk
Max-Planck-Institut für Kernphysik, 69029 Heidelberg, Germany

A property common to several different astrophysical sources of high-energy gamma-rays is the presence of bulk
motion at relativistic speed. The intrinsic spectra of the nonthermal radiating particles also show interesting
similarities, with a pronounced hardening towards lower energies. This suggests two distinct acceleration mech-
anisms could be at work in these sources. At high energies, the stochastic first-order Fermi process at shocks
seems to provide a reasonable explanation. I will briefly review the status of this mechanism before discussing
the possibility that, at lower energies, non-stochastic acceleration in the induced electric field of a relativistic
current sheet plays a role.

1. INTRODUCTION

With only one or two exceptions, the identification
of relativistic bulk motion in an astrophysical source
rests on the interpretation of its nonthermal radiation
— normally a featureless continuum, presumably pro-
duced by relativistic electrons as either synchrotron
radiation or by the inverse Compton scattering mech-
anism. This makes it very difficult to constrain the
underlying physics. In most cases, cut-off or break
frequencies are only poorly defined by the data and
the only quantity that can be used to constrain mod-
els is a spectral index. Even this is not always easy to
interpret: to be meaningful, it requires a power-law
spectrum extending over at least a couple of decades
in frequency. Nevertheless, the evidence accumulated
from the spectra of shocked pulsar winds, gamma-ray
bursts, and blazars indicates that the distribution of
radiating particles is relatively soft at high energy
(s = −d ln f/d ln γ >

∼ 4, where f is the phase-space
density of the injected particles) and hard at low fre-
quencies (s <

∼ 3.6). The first-order Fermi mechanism
operating at a relativistic shock predicts indices not
too different from those seen at high energies, but it
fails to provide an explanation for the hard low energy
spectra. A promising candidate mechanism in this
regime appears to be acceleration at current sheets.
In this paper I briefly discuss the observational evi-
dence, review the predictions of the first-order Fermi
mechanism and summarise recent ideas on relativistic
current sheets.

2. OBSERVATIONS

Plerions — filled-centre supernova remnants
[Weiler and Panagia 1978] — are thought to contain
a pulsar that powers the nonthermal nebular emission
within the supernova bow-shock via a magnetised,
relativistic wind. Although data on the spectra of
several examples have been modelled [e.g., Chevalier
2000], by far the best observed member of this class
is the Crab Nebula. Optical and X-ray images of
this object show features that apparently move with

mildly relativistic velocities ∼ 0.5c [Hester et al.
2002]. However, an analysis of the dynamics of
the pulsar wind responsible for the powering of
the Nebula indicates that it is highly relativistic
(bulk Lorentz factor Γ ∼ 103 to 106) and may also
be strongly magnetised [Kennel and Coroniti 1984,
Kundt and Krotscheck 1980, Lyubarsky and Kirk
2001, Lyubarsky 2003, Rees and Gunn 1974]. Over
the entire X-ray energy range 2 × 1016 to 6 × 1020 Hz
its spectrum is well-described by a power-law of pho-
ton index q = −d ln Nγ/d ln dν = 2.11 [Massaro et al.
2000]. In the gamma-ray region, this synchrotron
spectrum cuts off at around 1022 Hz, whereas to-
wards lower frequencies it hardens substantially,
reaching a photon index of q = 0.26 in the radio
range (108 to 1010 Hz), [Baars and Hartsuijker 1972,
Bietenholz and Kronberg 1992].

In the case of gamma-ray bursts, there is a gen-
eral consensus that a highly relativistic flow with large
Lorentz factor Γ >

∼ 100 is present. Nevertheless, it is
difficult to constrain the physics of the outflow with
the available data. Several break frequencies are pre-
dicted, and have been identified in the observations
[for a review see Piran 2005]. But direct observa-
tion of a power-law spectrum over a substantial fre-
quency range is elusive. The “measured” indices fre-
quently represent interpolations between observation
bands. Light curves are in some cases quite accurately
known, but can only be used to constrain theories of
the acceleration mechanism when combined with ad-
ditional assumptions about the dynamics of the ex-
pansion. Nevertheless, all models currently discussed
conform to the trend of a hard electron spectrum at
low energy (usually manifested as a low energy cut-
off) and a softer one at high energy, although in some
bursts, even the X-ray synchrotron emission may lie
in the “low energy” regime according to this definition
[Moran et al. 2005].

A third class of object thought to harbour a rel-
ativistic flow is that of blazars. Relativistic bulk
speeds are required both to explain apparently super-
luminal motion in their jets and by the rapid vari-
ability in their gamma-ray spectra. As in the case
of gamma-ray bursts, the spectra do not show clean
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power-law behaviour over several decades of photon
energy but demand a detailed analysis before they
can be interpreted in terms of acceleration theory
[Sambruna et al. 1996, Tavecchio et al. 2002]. At ra-
dio frequencies, the spectra are systematically harder
than at high frequencies. This could either reflect the
intrinsic particle distribution [Mastichiadis and Kirk
1997] or be caused by internal absorption. Several
individual multi-frequency flares have been success-
fully modelled by using either a very hard injec-
tion spectrum s ≈ 3.3 combined with a high fre-
quency cut-off [Konopelko et al. 2003] or a low fre-
quency cut-off and softer s ≈ 4.2 high-energy power-
law [Krawczynski et al. 2002].

The study of Blazar spectra illustrates the diffi-
culties involved in trying to extract the intrinsic in-
jected particle spectrum from an observed photon
spectrum that has been shaped by various loss pro-
cesses and by internal and possibly external absorp-
tion. An interesting alternative approach to this prob-
lem has recently been adopted for FR I radio galax-
ies by Young et al. [2005], who identify s = 4.1 as a
characteristic power-law index of the acceleration pro-
cess. This analysis provides no evidence that the low
energy particle distribution hardens, but cannot be
interpreted as evidence against such a trend.

3. RELATIVISTIC SHOCKS

The first-order Fermi mechanism of particle accel-
eration at relativistic shocks rests on the assump-
tion that energetic, charged particles are transported
stochastically through the background plasma around
a shock front [for a review see Kirk and Duffy 1999].
Particles cannot be assumed to “diffuse” in space.
This is because the diffusion equation can be derived
only for particles whose angular distribution func-
tion is approximately isotropic in the local plasma
rest frame — an impossible requirement if the rela-
tive speed of the upstream and downstream plasmas
is comparable to the speed of the particles themselves
[Kirk and Schneider 1987], as, for example, at a rela-
tivistic shock.

Nevertheless, provided the particle transport pro-
cess is stochastic and does not introduce a character-
istic momentum scale into the problem, one can still
expect the acceleration process to produce a power-
law spectrum in particle energy, at least for ultra-
relativistic particles, whose velocity can be considered
to be independent of energy. A model of the trans-
port process has to be adopted in order to find the
power-law index, but the result appears to be rather
insensitive to the particular choice. The kinematic
problem of particle acceleration at a relativistic shock,
i.e., that of finding the distribution of a collection of
test particles undergoing small-angle, random, elas-
tic (in the plasma frame) deflections in the vicinity

Figure 1: The power-law index s and the compression
ratio of relativistic shocks as a function of the spatial
component of the four-velocity of the upstream plasma
into the shock Γu. Two cases are shown: (i)
non-magnetised with the full Synge/Jüttner equation of
state (solid line) and (ii) unmagnetised upstream (dotted
line) but with an oscillating field component generated to
the level of σ+ = 1/100 (see text).

of a discontinuity in the (relativistic) plasma velocity
is well-understood. An analytic method based on an
eigenfunction decomposition is available which gives
the spectrum and angular dependence of the distribu-
tion function at energies well above those of injection
for arbitrary shock speeds [Kirk et al. 2000]. In ad-
dition, Monte-Carlo simulations have been performed
[Achterberg et al. 2001, Bednarz and Ostrowski 1998]
finding good agreement with the analytic results.
These are illustrated in Fig. 1 which shows the com-
pression ratio and the high-energy power-law index s
as a function of the spatial component of the 4-speed
Γu of the upstream plasma, where Γ = (1 − u2)−1/2.
An interesting aspect of these results is that the
power-law index tends asymptotically to the value
s ≈ 4.23 for large shock Lorentz factors (or, equiva-
lently, upstream Lorentz factors), independent of the
equation of state of the plasma. This asymptotic value
is essentially fixed by the compression ratio of the
shock and depends only weakly on the form of the
scattering operator used to describe the small-angle
deflections.

The eigenfunction expansion method enables the
full angle dependence of the distribution to be ex-
tracted, giving additional insight into the kinematics
of the acceleration process. Both upstream and at
the shock front itself the angular dependence is well-
approximated by the simple expression

f ∝ (1 − µsu)−s exp

(
− 1 + µs

1 − µsu

)
(1)
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Figure 2: Contour plot of the approximate angular
dependence of accelerated particles upstream of the
shock front (Eq. 1 for s = 4.23), plotted in the rest frame
of the shock. vx and vy specify the particle velocity, and
u is the three-speed of the background plasma flow,
(which is in the positive x direction in this frame) in
units of c. Since v2

x + v2
y = 1 for ultra-relativistic

particles, the angular distribution for given u lies on a
circle of radius u (shown as dashed lines for u = 0.2, 0.5
and 0.8). The contours are linear, starting at f = 0.1
(light) and spaced by 0.1 up to f = .8 (dark).

where µs is the cosine of the angle between the shock
normal and the particle velocity, measured in the
frame in which the shock is at rest and the upstream
plasma flows along the shock normal at speed c~u.

This function is illustrated in Fig. 2 for s = 4.23.
Contours of f are shown as a function of a combi-
nation of the particle velocity components vx and vy

and the speed of the upstream plasma into the shock
u. The shock normal lies along the x axis, along which
the plasma flows. Particles with vx > 0 are stream-
ing back towards the shock front; the distribution is
rotationally symmetric about the x axis. The further
one goes away from the shock into the upstream re-
gion the better f approximates the full distribution.
For ultra-relativistic shocks, f is a good approxima-
tion even at the shock front itself, in which case those
particles with vx > 0 are crossing from upstream to
downstream and those with vx < 0 vice versa. For
a given upstream plasma speed u, the angular distri-
bution of the accelerated particles is determined by
the contours intersecting the circle of radius u, cen-
tred on vx = vy = 0. At low shock speeds, the
distribution function is more or less isotropic, with
a slight forwards/backwards asymmetry. However,
above roughly u = 0.5, a pronounced cone emerges,
directed back towards the shock front. In the ultra-
relativistic limit, this cone has an opening (half) angle

θc given by

θc = arccos

(
s − 2

s

)
(2)

It is independent of the details of the upstream trans-
port, provided these can be described as a diffusion in
angle. The details of the downstream transport enter
only in that they have a slight influence on the power-
law index s. The cone arises because of two competing
physical effects. Firstly, those particles that cross the
shock with velocity inside the cone: vx > cos θc are de-
pleted because they have a high probability of escape
downstream. Secondly, the angle at which a particle
propagates in the upstream plasma reflects the energy
and, to some degree, also the angle at which it last
emerged from the downstream plasma. Figure 2 shows
the upstream distribution at fixed energy in the shock
rest frame. In this case, the higher vx, the greater the
energy gain has been since the last crossing. A large
energy gain also implies that the potential source par-
ticles are more numerous. Consequently, this effect
leads to a steady increase in the distribution function
as vx increases.

Using a Monte-Carlo approach, it is possible to in-
vestigate more general forms of the scattering opera-
tor, whilst retaining the effect of a non-vanishing aver-
age magnetic field [Achterberg et al. 2001, Ostrowski
1993, Virtanen and Vainio 2005]. Provided the tur-
bulence remains strong, little difference is found.
However, as expected, the acceleration mechanism
becomes less effective as the turbulence diminishes
[Ostrowski and Bednarz 2002], because the regu-
lar component of the field in the downstream re-
gion quickly drags particles away from the shock
front [Begelman and Kirk 1990]. Explicit calcula-
tions of particle motion in a completely random mag-
netic field (with vanishing average component) have
been performed by Ballard and Heavens [1992] and
Casse et al. [2002]. They have been used to compute
the acceleration around a relativistic shock for Lorentz
factors Γ ≤ 5 [Ballard and Heavens 1992] and, more
recently, for Γ ≤ 100 [Lemoine and Pelletier 2003].
The latter find good agreement with the analytic re-
sult on the asymptotic power-law index.

Although particle transport in astrophysical plas-
mas is usually dominated by interaction with fluctua-
tions in the electromagnetic field produced collectively
by the background plasma, there there are strong in-
dications that two-body collisional processes (includ-
ing those with the photon gas e.g., photo-pion pro-
duction and Compton scattering) may be important
for the acceleration and/or the thermalisation of en-
ergetic particles in the inner parts of a GRB fireball
r < 1016 cm [Derishev et al. 2003, Stern 2003]. These
generically produce much harder spectra, principally
because an energetic particle occasionally takes on an
uncharged “identity” as a photon or neutron. This
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facilitates flights deep into the upstream region, en-
abling the particle to profit from an energy boost of a
factor Γ2, which is normally available to charged par-
ticles only on their initial shock encounter. However, a
hard spectrum enhances the modification of the shock
front by the accelerated particles. This implies that
fully nonlinear calculations will be required to assess
the importance of collisional processes.

On the other hand, the nonlinear modification of
a collisionless relativistic shock does not affect the
asymptotic power-law index. There are two reasons for
this: firstly, isotropised, accelerated particles behave
like a relativistic gas with adiabatic index 4/3, so that
the overall compression ratio of an ultra-relativistic
shock front remains 3, even when a significant part of
the overall energy and momentum flux is carried by
these particles. Secondly, the asymptotic power-law
index in the test-particle picture is soft (i.e., s > 4).
This means that it is possible to consider a Lorentz
factor above which the test-particle approximation is
valid, because the energy density in the remaining ac-
celerated particles is indeed small. Nevertheless, a
strong nonlinear effect can be exerted by particles of
lower energies, whose mean free path to scattering is
comparable to the size of internal structures in the
shock transition [Ellison and Double 2002].

In order to understand how a collisionless, relativis-
tic shock can form, it is necessary to identify a suit-
able instability which can lead to dissipation in the
nonlinear regime. Currently, the most promising ap-
proach to this problem considers the nonlinear devel-
opment of the Weibel instability [Medvedev and Loeb
1999, Yang et al. 1994, 1993], which generates down-
stream magnetic field perpendicular to the stream-
ing motion of the plasma i.e., in the plane of the in-
cipient shock. Particle-in-cell simulations of this sit-
uation have been performed [Jaroschek et al. 2005,
Nishikawa et al. 2003, Silva et al. 2003] suggesting
that magnetic field can be generated with a strength
σ+ of a few percent. (The magnetisation parame-
ter σ+ is defined as the ratio of the magnetic energy
density to twice the total enthalpy density (includ-
ing rest mass) as measured in the downstream plasma
rest frame). This is encouraging, since it is roughly
the level implied by spectral modelling of GRB after-
glows [Panaitescu and Kumar 2002]. However, it has
so far not been possible to identify particles that par-
take in the first order Fermi process [Hededal et al.
2004], nor is the ultimate fate of the generated field
fully understood [Medvedev et al. 2005].

The manner in which magnetic field is generated
at the shock has a strong influence on the spectrum
of accelerated particles. However, if we are interested
only in high energy particles of long mean free path,
the complex aspects of the problem can be by-passed:
the power-law index predicted by the first-order Fermi
mechanism can be calculated simply by modifying the
shock jump conditions to account for the generated

field. To do this, consider time-averaged conditions, so
that linear functions of the oscillating electromagnetic
field vanish. The stress-energy tensor in the plasma
frame is

T µν =

(
w +

B2

4π

)
uµuν +

(
p +

B2

8π

)
gµν

−BµBν

4π
(3)

(for notation see Kirk and Duffy [1999]) and the last
term on the right hand side does not contribute to the
fluxes across the shock front if the magnetic field lies
in the shock plane. As a result, the jump conditions
are the same as those of an unmagnetised fluid, pro-
vided the magnetic enthalpy density B2/4π and pres-
sure B2/8π are taken into account [Lyubarsky 2003].
For a relativistic gas, this gives an effective adiabatic
index

γeff =
4(1 + σ+)

(3 + σ+)
(4)

leading to an asymptotic compression ratio of
1/ (γeff − 1) and a relative speed of the up-
stream medium with respect to the downstream
medium corresponding to the Lorentz factor Γrel =
Γ
√

(2 − γeff)/γeff . As σ+ increases, the compres-
sion ratio of the shock decreases and the high-energy
power-law softens, as shown in Fig. 1. If magnetic
field amplification indeed saturates at σ+ ∼ 1%, the
asymptotic spectral index still remains close to 4.2.

4. RELATIVISTIC CURRENT SHEETS

The first order Fermi process at a collisionless, rela-
tivistic shock does not appear to produce spectra with
s <
∼ 4, so that an additional mechanism is required in

many sources. Since this mechanism tends to manifest
itself at lower energies, it could also play the role of
injecting particles into the Fermi I process. Possible
candidate processes include acceleration by a velocity
shear [Rieger and Duffy 2004, Stawarz and Ostrowski
2002], the maser mechanism of Hoshino et al. [1992]
and the destruction of magnetic flux in the shock front
[Lyubarsky 2003], as well as the second order Fermi
process of acceleration by a turbulent wave spectrum
[Virtanen and Vainio 2005]. Another possibility is ac-
celeration at relativistic current sheets [Kirk 2004].
As well as its obvious importance in the process of
flux destruction, this possibility is particularly attrac-
tive in view of the fact that field reversals of short
length scale can be generated at relativistic shocks
[Medvedev et al. 2005].

The current sheets at which reconnection and par-
ticle acceleration takes place in astrophysics are rel-
ativistic in two senses: Firstly, the magnetisation
parameter, σ is large and the Alfvén speed vA =
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c
√

σ/(1 + σ) is close to c. Secondly, the geometry
of the current sheet at which magnetic energy is dis-
sipated and, hence, the field configuration, is dictated
by a highly relativistic plasma flow. Particle accel-
eration depends crucially on both the magnetisation
parameter and the field configuration.

The relativistic effects associated with a large mag-
netisation parameter are readily appreciated. On the
other hand, the geometrical effects of a relativistic flow
are more subtle. The situation is closely analogous
to that of MHD shock fronts, which can be classi-
fied into “subluminal” and “superluminal” according
to whether the speed of the intersection point of the
magnetic field and the shock front is less or greater
than c [Begelman and Kirk 1990, Drury 1983]. In each
case, a Lorentz transformation enables the shock to be
viewed from a reference frame in which it has a par-
ticularly simple configuration: either a de Hofmann-
Teller frame with zero electric field, or a frame in
which the magnetic field is exactly perpendicular to
the shock normal. In the case of a current sheet, the
speed of the intersection point of the magnetic field
lines and the sheet centre-line is important. If it is
subluminal, a transformation to a de Hofmann-Teller
frame is possible, leading to the standard configura-
tion for a nonrelativistic sheet [Büchner and Zelenyi
1989, Chen 1992]. Alternatively, for superluminal mo-
tion of the intersection point, which should be the rule
for sheets in relativistic flows, a frame can be found
in which the sheet is a true neutral sheet with no field
lines linking through it. This is, in fact, the original
configuration considered by Speiser [1965]. For a rel-
ativistic sheet, however, it is the generic case, rather
than a very special singular one.

Most discussions of reconnection treat a Sweet-
Parker or Petschek configuration in which the length
of the current sheet in the average field direction deter-
mines the dissipation rate. This is also true for recent
analytic treatments that are relativistic in the sense
that the effects of large σ are included [Lyubarsky
2005, Lyutikov 2003, Lyutikov and Uzdensky 2002].
But the vanishing of Bz in the generic relativistic case
has important implications, since it is the linking field
that can eject particles from the sheet, making it cru-
cial for the determination of the spectrum of acceler-
ated particles, and, especially, the maximum permit-
ted energy [Larrabee et al. 2003, Litvinenko 1999].

Relativistic current sheets, can extend over large
distances along the field, depending on the nature
of the boundary conditions. An example, drawn
from the case of a striped pulsar wind [Coroniti
1990, Kirk and Skjæraasen 2003, Lyubarsky and Kirk
2001], is shown in Fig. 3. If we assume that recon-
nection leads on average to a stationary field config-
uration, then as the spiral pattern moves outwards,
the linking field lines shown in the inset must move
through the plasma at a speed sufficient to keep their
average distance from the star constant. The striped

Figure 3: The striped pattern of a pulsar wind. A
magnetic dipole embedded in the star at an oblique angle
to the rotation axis introduces field lines of both
polarities into the equatorial plane. The current sheet
separating these regions is shown. In the inset, an almost
planar portion of this sheet (dashed line) is shown,
together with the magnetic field lines, assuming they
undergo reconnection.

x
z

spiral pattern depicted in the figure is expected to
be established well outside the light cylinder, defined
to be at radius r = rL, where the corotation speed
reaches c. In this case, the magnetic chevrons, which
must move a distance 2πr in each rotation of the spi-
ral pattern, have a superluminal speed equal to cr/rL.
Transformation to the frame in which the sheet is a
true neutral sheet involves a small boost in the x di-
rection, and the resulting configuration has a typical
dimension in the azimuthal direction of ∼ 2πr.

Particle acceleration in current sheets with finite
linking field (Bz) has been extensively investigated
[Syrovatskii 1981]. But in the generic, relativistic,
configuration, the linking field can play no role in
ejecting particles from the sheet. Instead, acceleration
is controlled by the finite extent of the sheet in lati-
tude, i.e., in the direction parallel to the electric field
(Ey). This is limited not by the boundary conditions,
but by local parameter values, as first described by
Alfvén [1968]. Assuming the plasma consists of cold
electrons and positrons, and that σ ≫ 1, the maxi-
mum Lorentz factor γmax after acceleration is,

γmax = 2σ, (5)

whereas a cold electron-proton plasma gives

γmax ≈ σ for protons (6)

γmax ≈ σM/m for electrons, (7)

[Kirk 2004] with M and m the proton and electron
masses, respectively. It is interesting to note that
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in a plasma in which the magnetic field and par-
ticle rest mass are in rough equipartition (σ ≈ 1),
the upper limit given by Eq. (7) coincides with that
quoted by Lesch and Birk [1997]. However, this situ-
ation arises only in relativistic plasmas. In the inter-
stellar medium, for example, σ ≈ 10−9 or smaller, in
which case the upper limit on the energy gain reduces
to Mv2

A. Standard estimates of the interstellar mag-
netic field and particle density (1 µG, 1 proton/cm3)
imply that electrons can be accelerated, at most, to
only mildly relativistic energies. In this case, and in
solar system applications, direct acceleration by the
DC field may be masked by particle acceleration in
the turbulence fed by reconnection or the associated
shocks [Cargill 2001].

The picture sketched above applies only
to quasi-steady current sheets. However,
Zelenyi and Krasnosel’skikh [1979] have shown
that relativistic current sheets are unstable to the
growth of the tearing mode and other instabilities
are also likely to operate (see, for example, Daughton
[1999]). On scale lengths comparable to the sheet
thickness an unsteady, oscillating component of Bz

may be generated. Thus, locally, the nonrelativistic
picture may be relevant to the micro-structure of
the sheet, although not in its standard 2-dimensional
stationary incarnations.

Particle-in-cell simulations can provide valuable in-
sight here, provided they account for relativistic par-
ticle motion. Such simulations been performed in 3D
by Jaroschek et al. [2004] and Zenitani and Hoshino
[2005], who noted the growth of corrugations in the
current sheet in the direction of the electric field Ey

and identified them as due to the relativistic drift kink
instability. Jaroschek et al. [2004] found a very hard
spectrum of energetic particles, that can be under-
stood in terms of an “acceleration zone” near the sheet
centre, in which the electric field exceeds the magnetic
field. The escape rate from this zone is then approx-
imated as the time taken by a particle to complete
one quarter of a revolution around the linking com-
ponent of the magnetic field [Zenitani and Hoshino
2001]. However, the role of the kink instability ap-
pears to place a relatively modest maximum energy
limit on the acceleration process.

5. Summary

Although the details of the plasma physics remain
obscure, simple kinematic considerations suggest that
acceleration at shocks imprints a characteristic power-
law index on the particle spectrum. In the case of
relativistic shocks, it is p−4.2, and seems not to be
sensitive to nonlinear effects, or the effects of magnetic
field generation at the level of σ+ ∼ %.

A spectrum consistent with this prediction has been
identified in a few objects, but observations also show

that acceleration into a much harder spectrum is
needed at low energies. Current sheets are in principle
capable of producing particles with such a spectrum,
but a full understanding of the way they operate re-
mains a challenging goal.
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Underground Searches for Cold Relics of the Early Universe
Laura Baudis
University of Florida, Gainesville, FL 32611, USA

We have strong evidence on all cosmic scales, from galaxies to the largest structures ever observed, that there
is more matter in the universe than we can see. Galaxies and clusters would fly apart unless they would be
held together by material which we call dark, because it does not shine in photons. Although the amount of
dark matter and its distribution are fairly well established, we are clueless regarding its composition. Leading
candidates are Weakly Interacting Massive Particles (WIMPs), which are ’cold’ thermal relics of the Big Bang,
ie moving non-relativistically at the time of structure formation. These particles can be detected via their
interaction with nuclei in deep-underground, low-background detectors. Experiments dedicated to observe
WIMP interactions for the first time reach sensitivities allowing to probe the parameter space predicted by
supersymmetric theories of particle physics. Current results of high sensitivity direct detection experiments are
discussed and the most promising projects of the future are presented. If a stable new particle exists at the
weak scale, it seems likely to expect a discovery within this decade.

1. Introduction

More than seventy years after Zwicky’s first ac-
counts of dark matter in galaxy clusters [1], and thirty
five years after Rubin’s measurements of rotational ve-
locities of spirals [2], the case for non-baryonic dark
matter remains convincing. Recent precision observa-
tions of the cosmic microwave background [3] and of
large scale structures [4] confirm the picture in which
more than 90% of the matter in the universe is re-
vealed only by its gravitational interaction. The na-
ture of this matter is not known. A class of generic
candidates are weakly interacting massive particles
(WIMPs) which could have been thermally produced
in the very early universe. It is well known that if
the mass and cross section of these particles is deter-
mined by the weak scale, the freeze-out relic density
is around the observed value, Ω ∼ 0.1.

The prototype WIMP candidate is the neutralino,
or the lightest supersymmetric particle, which is sta-
ble in supersymmetric models where R-parity is con-
served. Another recently discussed candidate is the
lightest Kaluza-Klein excitation (LKP) in theories
with universal extra dimensions. If a new discrete
symmetry, called KK-parity is conserved, and if the
KK particle masses are related to the weak scale, the
LKP is stable and makes an excellent dark matter can-
didate. A vast experimental effort to detect WIMPs is
underway. For excellent recent reviews we refer to [5],
[6] and [7]. The good news is that cryogenic experi-
ments are now for the first time probing the parame-
ter space predicted by SUSY theories for neutralinos.
On the more pessimistic side, predicted WIMP quark
cross sections span several orders of magnitude, and
ton or multi-ton scale detectors may be required for a
detection. However, such experiments are now in the
stage of development, with prototypes being tested
and installed in underground labs. The challenge is
immense, but the rewards would be outstanding: re-
vealing the major constituents of matter in the uni-
verse and their doubtless profound implications for

fundamental physics at the weak scale.

2. Direct Detection of WIMPs

WIMPs can be detected directly, via their scatter-
ing off nuclei in terrestrial targets [8], or indirectly, via
their annihilation products in the Sun, Earth, galactic
halo and galactic center with neutrino telescopes and
space-based detectors. Here we will briefly discuss di-
rect detection only.

The differential rate for WIMP elastic scattering off
nuclei is given by [9]

dR

dER
= NT

ρ0

mW

∫ vmax

vmin

d�v f(�v) v
dσ

dER
, (1)

where NT represents the number of the target nu-
clei, mW is the WIMP mass and ρ0 the local WIMP
density in the galactic halo, �v and f(�v) are the
WIMP velocity and velocity distribution function in
the Earth frame and dσ/dER is the WIMP-nucleus
differential cross section.

The nuclear recoil energy is given by ER =
m2

rv
2(1 − cos θ)/mN , where θ is the scattering an-

gle in the WIMP-nucleus center-of-mass frame, mN

is the nuclear mass and mr is the WIMP-nucleus re-
duced mass. The velocity vmin is defined as vmin =
(mNEth/2m2

r )
1
2 , where Eth is the energy threshold of

the detector, and vmax is the escape WIMP velocity
in the Earth frame.

The simplest galactic model assumes a Maxwell-
Boltzmann distribution for the WIMP velocity in
the galactic rest frame, with a velocity dispersion of
vrms ≈ 270 km s−1 and an escape velocity of vesc ≈
650 km s−1.

The differential WIMP-nucleus cross section can
have two separate components: an effective scalar cou-
pling between the WIMP and the nucleus (propor-
tional to A2, where A is the target atomic mass) and

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

0046



an effective coupling between the spin of the WIMP
and the total spin of the nucleus. In general the coher-
ent part dominates the interaction (depending how-
ever on the content of the neutralino) and the cross
section can be factorized as dσ

dER
∝ σ0F

2(ER), where
σ0 is the point-like scalar WIMP-nucleus cross section
and F (ER) denotes the nuclear form factor, expressed
as a function of the recoil energy.

The left side of equation 1 is the measured spectrum
in a detector, while the right side represents the theo-
retical prediction. It includes WIMP properties which
are completely unknown, such as the WIMP massmW

and elastic cross section σ0, quantities accessible from
astrophysics, such as the density of WIMPs in the
halo, ρ0, the WIMP velocity distribution and the es-
cape velocity (which are however prone to large un-
certainties) and detector specific parameters: mass of
target nucleus, energy threshold and nuclear form fac-
tor.

The nuclear form factor becomes significant at large
WIMP and nucleus masses, and leads to a suppression
of the differential scattering rate. Figure 1 shows dif-
ferential spectra for Si, Ar, Ge and Xe, calculated for
a WIMP mass of 100 Gev, a WIMP-nucleon cross sec-
tion of σ = 10−43 cm2 and using the standard halo
parameters mentioned above.
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Figure 1: Differential WIMP recoil spectrum for a
WIMP mass of 100 GeV and a WIMP-nucleon cross
section σ = 10−43 cm2. The spectrum was calculated for
illustrative nuclei such as Si (light solid), Ar (light
dot-dashed), Ge (dark solid), Xe (dark dashed).

A WIMP with a typical mass between a few GeV
and 1 TeV will deposit a recoil energy below 50 keV in
a terrestrial detector. As for the predicted event rates
for neutralinos, scans of the MSSM parameter space

under additional assumptions (GUT, mSUGRA, etc)
and accounting for accelerator and cosmological con-
straints, yield about 10−6 to 10 events per kilogram
detector material and day [10].

Evidently, in order to observe a WIMP spectrum,
low energy threshold, low background and high mass
detectors are essential. In such a detector, the recoil
energy of the scattered nucleus is transformed into a
measurable signal, such as charge, light or phonons,
and at least one of the above quantities is detected.
Observing two signals simultaneously yields a power-
ful discrimination against background events, which
are mostly interactions with electrons, as opposed to
WIMPs and neutrons scattering off nuclei (see Sec-
tion 3 for a more detailed discussion). Even for ex-
periments with good event by event discrimination,
an absolute low background is still important. It can
be achieved in both passive and active ways. Passive
methods range from high material selection of detector
components to various specific shieldings against the
natural radioactivity of the environment and against
cosmic rays and secondary particles produced in their
interactions. Active background reduction implies an
active shield, commonly a plastic or liquid scintillator
surrounding the detector. An additional advantage is
provided by a highly granular detector (or good timing
and position resolution), since multiple scatters within
the detector volume allow both background reduction
and a direct measurement of the neutron background
for experiments with an event-by-event discrimination
against electron recoils.

In order to convincingly detect a WIMP signal, a
specific signature from a particle populating our galac-
tic halo is important. The Earth’s motion through the
galaxy induces both a seasonal variation of the total
event rate [11, 12] and a forward-backward asymmetry
in a directional signal [13, 14].

The annual modulation of the WIMP signal arises
because of the Earth’s motion in the galactic frame,
which is a superposition of the Earth’s rotation around
the Sun and the Sun’s rotation around the galactic
center:

vE = v� + vorb cos γ cosω(t− t0), (2)

where v� = v0 + 12 km s−1 (v0 ≈ 220 km s−1),
vorb ≈ 30 km s−1 denotes the Earth’s orbital speed
around the Sun, the angle γ ≈ 600 is the inclination
of the Earth’s orbital plane with respect to the galactic
plane and ω = 2π/1yr, t0 = June 2nd.

The expected time dependence of the count rate can
be approximated by a cosine function with a period
of T = 1 year and a phase of t0 = June 2nd:

S(t) = S0 + Smcosω(t− t0), (3)

where S0, Sm are the constant and the modulated
amplitude of the signal, respectively. In reality, an
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additional contribution to S(t) from the background
must be considered. The background should be con-
stant in time or at least not show the same time de-
pendency as the predicted WIMP signal.

The expected seasonal modulation effect is very
small (of the order of vorb/v0 � 0.07), requiring large
masses and long counting times as well as an excellent
long-term stability of the experiment.

A much stronger signature would be given by the
ability to detect the axis and direction of the recoil
nucleus. In [13] it has been shown, that the WIMP
interaction rate as a function of recoil energy and an-
gle θ between the WIMP velocity and recoil direction
(in the galactic frame) is:

d2R

dERdcosθ
∝ exp

[
− (v�cosθ − vmin)2

v2
0

]
, (4)

where v2
min = (mN + mW )2ER/2mNm2

W and
v2
0=3v2

�/2.
The forward-backward asymmetry thus yields a

large effect of the order of O(v�/v0)≈ 1 and fewer
events are needed to discover a WIMP signal than in
the case of the seasonal modulation [14]. The chal-
lenge is to build massive detectors capable of detect-
ing the direction of the incoming WIMP. At present,
only one such detector exists (DRIFT [15]) with a to-
tal active mass of ∼170 g of CS2, with larger modules
being under consideration.

3. Experiments

First limits on WIMP-nucleon cross sections were
derived about twenty years ago, from at that time al-
ready existing germanium double beta decay experi-
ments [16]. With low intrinsic backgrounds and al-
ready operating in underground laboratories, these
detectors were essential in ruling out first WIMP
candidates such as a heavy Dirac neutrino [17].
Present Ge ionization experiments dedicated to dark
matter searches such as HDMS [18] are limited in
their sensitivity by irreducible electromagnetic back-
grounds close to the crystals or from cosmogenic ac-
tivations of the crystal themselves. Next generation
projects based on high-purity germanium (HPGe) ion-
ization detectors, such as the proposed GENIUS [19],
GERDA [20], and Majorana [21] experiments, aim at
an absolute background reduction by more than three
orders in magnitude, compensating for their inability
to differentiate between electron- and nuclear recoils
on an event-by-event basis. Note that the primary sci-
entific goal of these projects is to look for the neutrino-
less double beta decay, at a Q-value around 2039keV
in 76Ge. Solid scintillators operated at room temper-
atures had soon caught up with HPGe experiments,
despite their higher radioactive backgrounds. Being

intrinsically fast, these experiments can discern on a
statistical basis between electron and nuclear recoils,
by using the timing parameters of the pulse shape of a
signal. Typical examples are NaI experiments such as
DAMA [22] and NAIAD [23], with DAMA reporting
first evidence for a positive WIMP signal in 1997 [24].
The DAMA results have not been confirmed by three
different mK cryogenic experiments (CDMS [25, 26],
CRESST [27] and EDELWEISS [28, 29]) and one liq-
uid xenon experiment (ZEPLIN [30]), independent of
the halo model assumed [34] or whether the WIMP-
nucleon interaction is taken as purely spin-dependent
[32, 33]. The DAMA collaboration has installed a
new, 250 kg NaI experiment (LIBRA) in the Gran
Sasso Laboratory, and began taking data in March
2003. With lower backgrounds and increased statis-
tics, LIBRA should soon be able to confirm the annual
modulation signal. The Zaragosa group plans to op-
erate a 107 kg NaI array (ANAIS) at the Canfranc
Underground Laboratory (2450 mwe) in Spain [35],
and deliver an independent check of the DAMA sig-
nal in NaI. Cryogenic experiments operated at sub-
Kelvin temperatures are now leading the field with
sensitivities of one order of magnitude above the best
solid scintillator experiments. Specifically, the CDMS
experiment can probe WIMP-nucleon cross sections
as low as 10−43cm2 [26]. This class of experiments
will be covered in more detail in Section 3.1. Liq-
uid noble element detectors are rapidly evolving, and
seem a very promising avenue towards the goal of con-
structing ton-scale or even multi-ton WIMP detec-
tors. These approaches will be discussed in Section
3.2. Many other interesting WIMP search techniques
have been deployed, and it is not the scope of this
paper to deliver a full overwiev. For a significantly
more detailed accounting of existing and future de-
tection techniques, as well as critical discussions of
backgrounds and of the reported positive signal, we
refer to two recent reviews [5, 6].

3.1. Cryogenic Detectors at mK
Temperatures

Cryogenic calorimeters are meeting crucial char-
acteristics of a successful WIMP detector: low en-
ergy threshold (<10 keV), excellent energy resolution
(<1% at 10 keV) and the ability to differentiate nu-
clear from electron recoils on an event-by-event basis.
Their development was driven by the exciting pos-
sibility of doing a calorimetric energy measurement
down to very low energies with unsurpassed energy
resolution. Because of the T3 dependence of the heat
capacity of a dielectric crystal, at low temperatures a
small energy deposition can significantly change the
temperature of the absorber. The change in temper-
ature can be measured either after the phonons (or
lattice vibration quanta) reach equilibrium, or ther-
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malize, or when they are still out of equilibrium, or
athermal, the latter providing additional information
about the location of an event. The astounding en-
ergy resolution comes from the fact that a much lower
energy (<1 meV) is required to produce an elementary
phonon excitation compared to semiconductor detec-
tors (∼1 eV). If a second signal, such as charge or scin-
tillation light is detected, identification of background
events induced by electron recoils is possible. It is
based on the measured difference in the ratio of charge
or light to phonons for electron and nuclear recoils. If
a class of events (such as, for example, interactions
within tens of micrometers of the detector’s surface)
results in incomplete charge or light collection, then
such events can leak into the parameter region pre-
dicted for nuclear recoils. As will be discussed later,
no such events have been observed yet in phonon-light
detectors. On the other hand, the timing properties
of the fast phonon signal in certain phonon-charge de-
tectors allow a discrimination between surface events
and interactions in the bulk.

3.1.1. CDMS

The Cold Dark Matter Search experiment operates
low-temperature Ge and Si detectors at the Soudan
Underground Laboratory in Minnesota (at a depth of
2080 m.w.e.). The high-purity Ge and Si crystals are
1 cm thick and 7.6 cm in diameter, and have a mass
of 250 g and 100 g, respectively. They are operated at
a base temperature around 50 mK. Superconducting
transition edge sensors photolitographically patterned
onto one of the crystal surfaces detect the athermal
phonons from particle interactions. The phonon sen-
sors are divided into 4 different channels, allowing to
reconstruct the x-y position of an event with a res-
olution of ∼1 mm. If an event occurs close to the
detector’s surface, the phonon signal is faster than for
events far from the surface, because of phonon inter-
actions in the thin metallic films. The risetime of the
phonon pulses, as well as the time difference between
the charge and phonon signals allow to reject sur-
face events caused by electron recoils. Figure 2 shows
phonon start times versus ionization yield (charge en-
ergy divided by the total recoil energy) for electron re-
coil events (collected with a 133Ba source) and nuclear
recoil events (collected with a 252Cf source). Events
below a yield around 0.75 typically occur within 0-
30µm of the surface, and can be effectively discrim-
inated (a typical rise time cut is shown by the hori-
zontal grey line in the figure) while preserving a large
part of the nuclear recoil signal.

Charge electrodes are used for the ionization mea-
surement. They are divided into an inner disk, cover-
ing 85% of the surface, and an outer guard ring, which
is used to reject events near the edges of the crystal,
where background interactions are more likely to oc-
cur. Figure 3 shows a picture of CDMS detectors in
their Cu holders.
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Figure 2: Phonon start times versus ionization yield for
133Ba gamma calibration events (diamonds) and 252Cf
neutron calibration events (dots). The grey lines indicate
timing and ionization-yield cuts, resulting in a high-rate
of nuclear recoil efficiency and a low rate of misidentified
surface events.

Figure 3: CDMS detectors (250 g Ge or 100 g Si, 1 cm
thick and 7.5 cm diameter) in their Cu holders.

The discrimination against the electron recoil back-
ground is based on the fact that nuclear recoils (caused
by WIMPs or neutrons) produce fewer charge pairs
than electron recoils of the same energy. The ioniza-
tion yield, defined as the ratio of ionization to recoil
energy, is about 0.3 in Ge, and 0.25 in Si for recoil
energies above 20 keV. Electron recoils with complete
charge collection show an ionization yield of ≈1. For
recoil energies above 10 keV, bulk electron recoils are
rejected with >99.9% efficiency, and surface events
are rejected with >95% efficiency. The two different
materials are used to distinguish between WIMP and
neutron interactions by comparing the rate and the
spectrum shape of nuclear recoil events. While the
interaction rate of neutrons is comparable in Ge and
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Si, the WIMP rate is much higher in Ge for spin-
independent couplings.

A stack of six Ge or Si detectors together with
the corresponding cold electronics is named a ’tower’.
Five towers (30 detectors) are currently installed in
the ’cold volume’ at Soudan, shielded by about 3 mm
of Cu, 22.5 cm of Pb, 50 cm of polyethylene and by
a 5 cm thick plastic scintillator detector which iden-
tifies interactions caused by cosmic rays penetrating
the Soudan rock. Results from the first tower of 4 Ge
and 2 Si detectors [26], which took data at Soudan
from October 2003 to January 2004, showed no nu-
clear recoil candidate in 53 raw live days (see Figure
4).
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Figure 4: Ionization yield versus recoils energy for 3 Ge
detectors of Tower 1 for a total lifetime of 53 kg days.
Events above an ionization yield of 0.75 are shown as
points (note the 10.4 keV Ga X-ray line), events below a
yield of 0.75 are shown as geometrical shapes. The
expected signal region for WIMP recoils lies between the
two dashed lines around a yield of 0.3. The dark vertical
line denotes the analysis threshold of 10 keV recoil energy.

After cuts, the net exposure was 22 kg days for
Ge and 5 kg days for Si. The resulting upper limit
on WIMP-nucleon cross sections for spin-independent
couplings and a standard halo is 4×10−43cm2 at the
90% C.L. at a WIMP mass of 60 GeV (see Figure 5),
which is four times below the best previous limit re-
ported by EDELWEISS [28].

The limits on spin-dependent WIMP interactions
are competitive with other experiments, in spite of
the low abundance of 73Ge (7.8%) in natural germa-
nium. In particular, in the case of a pure neutron
coupling, CDMS yields the most stringent limit ob-
tained so far, thus strongly constraining interpreta-
tions of the DAMA signal region [33, 36] (Figure 6).
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Figure 5: Experimental results and theoretical
predictions for spin-independent WIMP nucleon cross
sections versus WIMP mass. The data (from high to low
cross sections) show the DAMA allowed region (red) [24],
the latest EDELWEISS result (blue) [29], the ZEPLIN I
preliminary results (green) [30] and the CDMS results
from Tower 1 at Soudan (red) [26]. Also shown is the
expectation for 5 CDMS towers at Soudan (red dashed).
The SUSY theory regions are shown as filled regions or
contour lines, and are taken from [31].
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Figure 6: Experimental results for spin-dependent
WIMP couplings (90% C.L. contours), for the case of a
pure neutron coupling. The curves (from high to low
cross sections) show the DAMA annual modulation
signal (filled red region), the CDMS Soudan Si data (red
crosses), the CDMS Stanford Si data (cyan),
EDELWEISS (magenta dashed), DAMA/Xe (green
dotted) and the CDMS Soudan Ge data (solid blue). For
details and references see [38].
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For details on the CDMS analysis for spin-dependent
WIMP couplings we refer to Jeff Filippini’s contribu-
tion to these proceedings [38].

Two towers (6 Ge and 6 Si detectors) were oper-
ated at Soudan from March to August 2004. The
data is being currently analyzed in a similar fashion
to the first Soudan run, in which all cuts are deter-
mined in a blind manner from calibration data, with-
out access to the signal region. Calibration runs were
interspersed with science runs, and taken with a 252Cf
(neutron and gamma) and a 133Ba (gamma) source.
The high-statistics Ba data also allows for a calibra-
tion to surface events, providing a population of so
called ’ejectrons’, or low energy electrons which are
ejected from an adjacent detector of from material
close to a detector’s surface. For an overview of the
currently running experiment at Soudan and expecta-
tions from the 5 tower run in 2005, we refer to Walter
Ogburn’s contribution to these proceedings [39].

3.1.2. EDELWEISS

The EDELWEISS experiment operates germanium
bolometers at 17 mK in the Laboratoire Souterrain de
Modane, at about 4800 m.w.e. The detectors are fur-
ther shielded by 30 cm of paraffin, 15 cm of Pb and
10 cm of Cu. As in the case of CDMS, they simulta-
neously detect the phonon and the ionization signals,
allowing a discrimination against bulk electron recoils
of better than 99.9% above 15 keV recoil energy. The
charge signal is measured by Al electrodes sputtered
on each side of the crystals, the phonon signal by
a neutron transmutation doped (NTD) heat sensor
glued onto one of the charge collection electrodes. The
NTD sensors read out the thermal phonon signal on a
time scale of about 100 ms. Figure 7 shows a picture
of a 320 g germanium bolometer.

Figure 7: Photograph of a 320 g EDELWEISS
germanium bolometer.

Between 2000-2003, EDELWEISS performed four

physics runs with five 320 g Ge crystals, accumulating
a total exposure of 62 kg days [40]. Above an analy-
sis threshold of 20 keV, a total of 23 events compati-
ble with nuclear recoils have been observed. Figure 8
shows the ionization yield versus recoil energy for one
EDELWEISS detector for an exposure of 9.16 kg days.

The derived upper limit on spin-independent
WIMP-nucleon couplings under the hypothesis that
all above events are caused by WIMP interactions,
and for a standard isothermal halo, is shown in Fig-
ure 5. The allowed region in the (an,ap) plane for spin-
dependent WIMP couplings is shown in Figure 9, for
a WIMP mass of 50 GeV (ap,n are the effective WIMP
couplings to proton and neutrons).
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Figure 8: Ionization yield versus recoil energy for one
EDELWEISS 320 g Ge detector with an exposure of
9.16 kg days. Also shown are the electron recoil (blue)
and neutron recoil (red) bands. Figure taken from [29].

The EDELWEISS experiment has ceased running
in March 2004, in order to allow the upgrade to a
second phase, with an aimed sensitivity of 10−44cm2.
The new 50 liter low-radioactivity cryostat will be able
to house up to 120 detectors. Because of the inabil-
ity of slow thermal detectors to distinguish between
low-yield surface events and nuclear recoils and the
inherent radioactivity of NTD sensors, the collabo-
ration has been developing a new design based on
NbSi thin-film sensors. These films, besides provid-
ing a lower mass and radioactivity per sensor, show a
strong difference in the pulse shape, depending on the
interaction depth of an event [42]. The EDELWEISS
collaboration plans to operate twenty-one 320 g Ge de-
tectors equipped with NTD sensors, and seven 400 g
Ge detectors with NbSi thin-films in the new cryostat
starting in 2005.
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WIMP mass of 50GeV. ap,n are the effective WIMP
couplings to proton and neutrons (see [41] for details).
The allowed regions are those within the parallel straight
lines or ellipses.

3.1.3. CRESST

The CRESST collaboration has developed cryo-
genic detectors based on CaWO4 crystals, which show
a higher light yield at low temperatures compared
to other scintillating materials. The detectors are
also equipped with a separate, cryogenic light detec-
tor made of a 30×30×0.4mm3 silicon wafer, which is
mounted close to a flat surface of the CaWO4 crystal.
The temperature rise in both CaWO4 and light detec-
tor is measured with tungsten superconducting phase
transition thermometers, kept around 10 mK, in the
middle of their transition between the superconduct-
ing and normal conducting state. A schematic picture
and a photograph of a CRESST detector is shown in
Figure 10.

CaWO crystal
4

W thermometers

Figure 10: Schematic picture and photograph of a
CRESST CaWO4 light and phonon detector. Figure
taken from [27].

A nuclear recoil in the 300 g CaWO4 detector has a

different scintillation light yield than an electron recoil
of the same energy, allowing to discriminate between
the two type of events when both the phonon and the
light signals are observed. The advantage of CaWO4

detectors is their low energy threshold in the phonon
signal, and the fact that no light yield degradation
for surface events has been detected so far. How-
ever, about 1% or less of the energy deposited in the
CaWO4 is seen as scintillation light [27]. Only a few
tens of photons are emitted per keV electron recoil,
a number which is further diminished for nuclear re-
coils, because of the involved quenching factor. The
quenching factor of oxygen nuclear recoils for scintilla-
tion light is around 13.5% relative to electron recoils
[27], leading to a rather high effective recoil energy
threshold for the detection of the light signal. While
neutrons will scatter predominantly on oxygen nuclei,
it is expected that WIMPs will more likely scatter
on the heavier calcium and tungsten. The quench-
ing factor of tungsten at room temperatures has been
measured to be around 2.5% [27], making it difficult
to observe the light signal of WIMP recoils above the
thermal noise.

The most recent CRESST results were obtained by
operating two 300 g CaWO4 detectors at the Gran
Sasso Underground Laboratory (3800 m.w.e) for two
months at the beginning of 2004 [27]. The total ex-
posure after cuts was 20.5 kg days. The energy resolu-
tion in the phonon channel was 1.0 keV (FWHM) at
46.5 keV, the low-energy gamma line being provided
by an external 210Pb contamination. A total of 16
events were observed in the 12 keV - 40 keV recoil en-
ergy region, a number which seems consistent with the
expected neutron background, since the experiment
had no neutron shield at this stage. No phonon-only
events (as expected for WIMP recoils on tungsten)
were observed between 12 keV - 40 keV in the module
with better resolution in the light channel, yielding
a limit on coherent WIMP interaction cross sections
very similar to the one obtained by EDELWEISS.

CRESST has stopped taking data in March 2004, to
upgrade with a neutron shield, an active muon veto,
and a 66-channels SQUID read-out system. It will al-
low to operate 33 CaWO4 detector modules, providing
a total of 10 kg of target material. The upgrade will be
completed in early 2005 and the expected sensitivity
is around 10−44cm2.

3.2. Liquid Xenon Detectors

Liquid xenon (LXe) has excellent properties as a
dark matter detector. It has a high density (3 g/cm3)
and high atomic number (Z=54, A=131.3), allowing
experiments to be compact. The high mass of the
xenon nucleus is favorable for WIMP scalar interac-
tions provided that a low energy threshold can be
achieved (see Figure 1 for a comparison with other
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target nuclei). LXe is an intrinsic scintillator, having
high scintillation (λ = 178 nm) and ionization yields
because of its low ionization potential (12.13 eV).
There are no long-lived radioactive xenon isotopes,
and other impurities (such as 85Kr) can be reduced to
a very low level by centrifugation or with a distillation
tower and a cold trap. Krypton contamination levels
as low as 1 ppb (parts per billion) have already been
achieved [44].

Scintillation in liquid xenon is produced by the for-
mation of excimer states, which are bound states of
ion-atom systems. If a high electric field (∼1 kV/cm)
is applied, ionization electrons can also be detected,
either directly or through the secondary process of
proportional scintillation.

The elastic scattering of a WIMP produces a low-
energy xenon recoil, which loses its energy through
ionization and scintillation. Both signals are quenched
when compared to an electron recoil of the same en-
ergy, but by different amounts, allowing to use the
ratio for distinguishing between electron and nuclear
recoils. The quenching factor for both scintillation
and ionization depends on the drift field and on the
energy of the recoil.

At zero electric field, the relative scintillation effi-
ciency of nuclear recoils in LXe was recently measured
to be in the range of 0.13-0.23 for Xe recoil energies
of 10 keV-56 keV [45].

There are three efforts to develop liquid xenon de-
tectors operated in the dual-phase (liquid and gas)
mode.

3.2.1. ZEPLIN

The Boulby Dark Matter collaboration has been
operating a single-phase liquid xenon detector,
ZEPLIN I, at the Boulby Mine (∼3000 m.w.e.) dur-
ing 2001-2002. The ZEPLIN I detector had a fiducial
mass of 3.2 kg of liquid xenon, viewed by 3 PMTs
through silica windows. It was inclosed in a 0.93 ton
active scintillator veto, which helped in reducing the
background from the radioactivity of the PMTs and
surroundings. A picture inner detector is shown in
Figure 11.

A total exposure of 293 kg days had been accumu-
lated. With a light yield of 1.5 electrons/keV, the
energy threshold was at 2 keV electron recoil (corre-
sponding to 10 keV nuclear recoil energy for a quench-
ing factor of 20%). A discrimination between electron
and nuclear recoils was applied by using the differ-
ence in the mean time of the corresponding pulses.
To establish this difference, the detector had been cal-
ibrated with gamma sources (above ground and at the
mine), and with neutron sources above ground. Us-
ing this statistical discrimination, a preliminary limit
on spin-independent WIMP cross sections comparable
to CRESST and EDELWEISS has been achieved (see
Figure 5).

Figure 11: Photograph of the ZEPLIN I inner liquid
xenon detector.

The collaboration has developed two concepts for
dual-phase detectors, ZEPLIN II and ZEPLIN III.
ZEPLIN II will have a 30 kg fiducial target mass, ob-
served by 7 PMTs. ZEPLIN III will operate a lower
target mass (6 kg liquid xenon viewed by 31 PMTs)
at a higher field (> 5 kV/cm). It is expected that
both ZEPLIN II and ZEPLIN III will be deployed at
the Boulby Mine in 2005.

3.2.2. XMASS

The Japanese XMASS collaboration develops liq-
uid xenon detectors for solar neutrinos, double beta
decay and dark matter searches [46]. Since 2003, they
have been operating a 1 kg dual-phase detector at the
Kamioka Mine (2700 mwe). The active volume was
viewed by two UV-sensitive PMTs through MgF2 win-
dows, the detector being operated in the low drift field
regime (250 V/cm) [47]. At such fields, the propor-
tional light signal is large for electron recoils, but very
small or zero for nuclear recoils. Events which yield
a signal only in the light channel can thus mimic a
potential WIMP candidate. A second prototype with
an active volume of 15 kg viewed by 14 PMTs is cur-
rently under operation at the Kamioka Underground
Laboratory. A 100 kg single-phase detector is also be-
ing operated at Kamioka [46]. Thirty liters of liquid
xenon are contained in a (31 cm)3 oxygen free cop-
per vessel, and viewed by 54 low-background, 2 inch
PMTs. So far, the background levels are consistent
within a factor of two with expectations, although an
internal 222Rn source has been detected [46].
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3.2.3. XENON

The US XENON collaboration plans to deploy and
operate a 10 kg dual-phase detector in the Gran Sasso
Underground Laboratory (3500 m.w.e) by 2005-2006.
At present, a 3 kg prototype is under operation above
ground, at the Columbia Nevis Laboratory [43]. The
detector is operated at a drift field of 1 kV/cm, and
both primary and proportional light are detected by
an array of seven 2 inch PMTs operating in the cold
gas above the liquid. The active volume is defined by
PTFE walls and Be-Cu wire grids with high optical
transmission. The detector is insulated by a vacuum
cryostat and cooled down to a stable temperature of
(-100±0.05)C with a pulse tube refrigerator (see Fig-
ure 12 for a schematic drawing of the prototype and
Figure 13 for a picture of the cryostat.).

Figure 12: Schematic drawing of the 3 kg XENON dual
phase prototype.

The xenon gas is continuously circulated and pu-
rified using a high temperature SAES getter [48].
The performance of the chamber was tested with
gamma (57Co), alpha (210Pb) and neutron (241AmBe)
sources. The depth of an event is reconstructed by
looking at the separation in time between the primary
and proportional scintillation signal (the electron drift
velocity for the applied electric field is known). The
x-y position is inferred with a resolution of 1 cm from
the center of gravity of the proportional light emit-

ted close to the seven PMTs. The measured ratio of
proportional light (S2) to direct light (S1) for alpha
recoils is 0.03 if the corresponding ratio for gamma
events (electron recoils) is normalized to 1, providing
a very clear separation between these type of events.

Figure 13: Picture of the 3 kg (active mass) XENON
dual phase cryostat.

More interesting is the ratio S2/S1 for nuclear re-
coil events. It was established using a 241AmBe neu-
tron source, by selecting events which were tagged as
neutron recoils in a separate neutron detector placed
under a scattering angle of 130 deg. If the S2/S1 ra-
tio for electron recoils (provided by a 137Cs source) is
again normalized to 1, then S2/S1 for nuclear recoils
was measured to be around 0.1, the leakage of electron
recoils into the S2/S1 region for nuclear recoils being
< 1% (for details see [43]). Figure 14 shows a his-
togram of S2/S1 for events taken with the 241AmBe
source, compared to the corresponding distribution of
events from the 137Cs gamma source.

These first measurements are very encouraging, and
will be further improved by using a CsI photocathode
immersed in the liquid. The downwards going primary
photons are converted into electrons, which are then
drifted into the gas phase, where electroluminiscence
occurs and a tertiary signal is observed by the PMTs.
First tests of a CsI photocathode in the 3 kg prototype
have confirmed the high quantum efficiency (around
12% at 1 kV/cm) which had been previously measured
[49].

The first XENON detector with a fiducial mass of
10 kg (XENON10) to be operated in Gran Sasso is
currently under construction. Its goal is to achieve a
sensitivity of a factor of 20 below the current CDMS
results, thus probing WIMP cross sections around
2×10−44cm2.
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Figure 14: Histogram showing the S2/S1 distribution for
AmBe events (blue) versus 662 keV gamma events from
137Cs (red). Two distinct populations are visible in the
AmBe data. Figure taken from [43].

3.3. The Future

We live in suspenseful times for the field of direct de-
tection: for the first time, a couple of experiments op-
erating deep underground probe the most optimistic
supersymmetric models. The best limits on WIMP-
nucleon cross sections come from cryogenic experi-
ments with ultra-low backgrounds and excellent event-
by-event discrimination power (CDMS, EDELWEISS,
CRESST). Although these experiments had started
with target masses around 1 kg, upgrades to several
kilograms have already taken place or are foreseen for
the near future, ensuring (along with improved back-
grounds) an increase in sensitivity by a factor of 10-
100. Other techniques, using liquid noble elements
such as xenon, may soon catch up and probe sim-
ilar parameter spaces to low-temperature cryogenic
detectors. It is worth emphasizing here that given
the importance of the endeavor and the challenge in
unequivocally identifying and measuring the proper-
ties of a dark matter particle, it is essential that more
than one technique will move forward.

If supersymmetry is the answer to open questions
in both cosmology and particle physics, then WIMP-
nucleon cross sections as low as 10−48cm2 are likely
[50]. Likewise, in theories with universal extra dimen-
sions, it is predicted that the lightest Kaluza Klein

particle would have a scattering cross section with nu-
cleons in the range of 10−46 - 10−48cm2 [51]. Thus,
to observe a signal of a few events per year, ton or
even multi-ton experiments are inevitable. There are
several proposals to build larger and improved dark
matter detectors (see [5] for an exhaustive list). The
selection presented below is likely biased, but based on
technologies which seem the most promising to date.

The SuperCDMS project is a three-phase proposal
to utilize CDMS-style detectors with target masses
growing from 27 kg to 145 kg and up to 1100 kg, with
the aim of reaching a final sensitivity of 3×10−46cm2

by mid 2015. This goal will be realized by developing
improved detectors (for a more precise event recon-
struction) and analysis techniques, and at the same
time by strongly reducing the intrinsic surface con-
tamination of the crystals. A possible site for Super-
CDMS is the recently approved SNO-Lab Deep-site
facility in Canada (at 6000 m.w.e.), where the neu-
tron background would be reduced by more than two
orders of magnitude compared to the Soudan Mine,
thus ensuring the mandatory conditions to build a
zero-background experiment. For details on the Su-
perCDMS project we refer to Paul Brink’s contribu-
tion to these proceedings [52]. In Europe, a simi-
lar project to develop a 100 kg-1 ton cryogenic experi-
ment, EURECA (European Underground Rare Event
search with Calorimeter Array) [6] is underway. The
XENON collaboration is designing a 100 kg scale dual-
phase xenon detector (XENON100), towards a modu-
lar one tonne experiment. The baseline goal is 99.5%
background rejection efficiency above a 16 keV nu-
clear recoil energy threshold, full 3-D localization of
an event and a liquid xenon self shielding surrounding
the detector. The aim of XENON100 is to probe the
parameter space down to cross sections of 10−45cm2.
The full scale, one tonne experiment (XENON1t),
which will operate ten XENON100 modules, will in-
crease this sensitivity by another order of magnitude
[43]. ZEPLIN MAX, a R&D project of the Boulby
Dark Matter collaboration, is a further proposal to
build a ton scale liquid xenon experiment. The de-
sign will be based on the experience and results with
ZEPLIN II/III at the Boulby Mine [30].

In looking back over the fantastic progress made in
the last couple of years, and extrapolating into the fu-
ture, it seems probable that these, and other proposed
projects, will have a fair chance to discover a WIMP
signature within the present decade. In conjunction
with indirect searches and accelerator production of
new particles at the weak scale, they will allow to re-
veal the detailed properties of WIMPs, such as their
mass, spin and couplings to ordinary matter, and shed
light on their velocity and spatial distribution in our
galactic halo.
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Here we study the creation of a brane world using an instanton solution with Hartle-Hawking’s no boundary
approach. We analyze brane models with a Gauss-Bonnet term in a bulk spacetime. The curvature of 3-brane is
assumed to be closed, flat, or open. We construct instanton solutions with branes for our models, and calculate
the value of the actions to discuss the initial state of a brane universe.

1. INTRODUCTION

Although a big bang universe is very successful, it
predicts the existence of an initial singularity. To re-
solve such a difficulty, we have to search for a new
gravitation theory, such as quantum gravity. However,
we could so far not find it. As a first step toward reach-
ing it, we may consider a mini-super space and quan-
tize the isotropic and homogeneous universe, which
is the so-called quantum cosmology [1, 2]. Vilenkin
claimed that the universe is created from nothing [1].
This approach is based on the picture that the uni-
verse is spontaneously nucleated in a de Sitter space.
The mathematical description of this nucleation is
analogous to a quantum tunneling through a potential
barrier [3]. Another approach to quantum cosmol-
ogy was developed by Hartle and Hawking [2], who
proposed that the wave function of the universe is
given by a path integral over non-singular compact
Euclidean geometries, which is called a “no bound-
ary” boundary condition. Under this condition, we
consider the creation of a brane world. Then the wave
function is expected to be proportional to e−SE , where
SE is the Euclidean action.

When we discuss the early stage of the universe,
however, a unified theory of fundamental interac-
tions and particles will play a very important role.
Among such unified theories, string/M theory is the
most promising candidate, which is constructed in
higher-dimensional spacetime. Based on such higher-
dimensional theories, a new cosmological scenario has
been proposed, that is, a brane cosmology. One of the
most interesting approach was given by Randall and
Sundrum [4, 5]. They considered a pure 5-dimensional
(5D) Einstein gravity in a bulk only with a cosmolog-
ical constant. In their second model [5], it was shown
that four-dimensional gravity is recovered even in an
infinite bulk spacetime.

If we believe such a higher-dimensional cosmologi-
cal scenario, we have to invoke how such a universe
is created. In particular, because a brane structure
is highly inhomogeneous in a higher-dimensional bulk
spacetime, we may wonder how such a brane universe
is born and starts to evolve. As for creation of a brane

universe, a some work has been so far done. Garriga
and Sasaki first constructed an inflating brane instan-
ton of the Randall-Sundrum model [6]. This instanton
is obtained by gluing two spherical parts of AdS5. It
was also considered that the creation using an instan-
ton, inflation and a fluctuations during the de Sitter
phase in the model containing the quantum correction
term called a trace anomaly on the brane [7].

When we discuss such quantum effects on the
brane, we may also have to include quantum effects
in the bulk. In the higher dimensional theory, the
higher curvature correction terms should be added to
the Einstein-Hilbert action. These terms appear in
the low energy effective action of string theory via
quantum one-loop corrections. In fact the low en-
ergy effective actions of some string theories include
RABCDRABCD interactions, but this term gives rise
to a ghost. In order to resolve this problem, a ghost-
free Gauss-Bonnet combination was introduced [8].
Hence, the Gauss-bonnet term should be included
when we discuss a brane universe with some quantum
corrections.

Here we consider the creation of a brane universe
using an instanton solution in the Einstein-Gauss-
Bonnet theory [9]. We construct a brane instanton
including a Gauss-Bonnet term.

2. ACTION AND EQUATIONS OF MOTION

The Euclidean action for the brane world with a
Gauss-Bonnet term in 5D spacetime is described by
two parts: one in a bulk spacetime (M) and the other
in brane boundary hypersurfaces (∂M =

∑

i ∂Mi),
i.e.,

SE = Sbulk
E + Sbrane

E . (1)

The bulk action is given by

Sbulk
E = −

1

2κ2
5

∫

M

dx5√g [R − 2Λ + αLGB ] , (2)

where LGB = R2 − 4RABRAB + RABCDRABCD, κ2
5

is the 5D gravitational constant, Λ is a cosmologi-
cal constant, R,RAB , and RABCD are the 5D scalar

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1102



curvature, the Ricci tensor and the Riemann tensor,
respectively, and α is a constant, which is related to
a string coupling constant. The induced 4D metric
hµν on a 3-brane is defined by hAB = gAB − nAnB ,
where nA is the spacelike unit vector field normal to
the brane hypersurface. The action of the branes is
given by the following form:

Sbrane
E = −

∑

i

∫

∂Mi

d4x
√
h

[

1

κ2
5

Lsurface(∂Mi) − λi

]

, (3)

where Lsurface = K + 2α(J − 2GρσKρσ) is a surface
term of the 5D gravitational action [10]. λi is a tension
on the i-th brane, Kµν is the extrinsic curvature of a
brane, K = Kµ

µ , and Gµν is the Einstein tensor of
the induced metric hµν . J is a trace of Jµν , which is
given by some combination of the extrinsic curvature
defined by

Jµν =
1

3
(2KKµρK

ρ
ν +KρσK

ρσKµν

−2KµρK
ρσKσν −K2Kµν

)

. (4)

The total action (SE = Sbulk
E + Sbrane

E ) gives the
field equations as

GAB + αHAB = −ΛgAB −
∑

i

λigABδ(∂Mi), (5)

where

GAB = RAB −
1

2
gABR, (6)

and

HAB = 2
[

RRAB − 2RACRC
B − 2RCDRACBD

+R CDE
A RBCDE

]

−
1

2
gABLGB . (7)

Since we are looking for an instanton solution,
we assume a highly symmetric Euclidean spacetime,
whose metric is given by

ds2E = dr2 + b(r)2γµνdx
µdxν , (8)

where γµν is a 4D metric with maximal symmetry.
This maximally symmetric 4D space is classified into
three cases by the signature of curvature, i.e., k =0
(zero), 1 (positive), or −1 (negative). It corresponds
to the curvature sign of the Friedmann universe after
creation. Since the Euclidian space must be compact
when we discuss its creation, in the case of k=0 or −1,
we have to make a space compact by identification.
Then the flat spacetime is a 4D torus, and that with
k = −1 has a more complicated topology. Although
the spacetimes are compact, we shall call them “flat”
and “open” for k = 0 and −1 as well as “closed” for
k = 1.

Figure 1: Brane instanton. The thick vertical circle at
r = ri represents the four-sphere brane at which the two
identical five-dimensional anti-de Sitter spaces are glued.

The equations of motion under the above ansatz are
given by

3

(

b′′

b
−
k − b′2

b2

)

+ 12α
(k − b′2)

b3
b′′

= −Λ −
∑

i

λ̄iδ(r − ri), (9)

6
(k − b′2)

b2

{

1 + 2α
(k − b′2)

b2

}

= Λ, (10)

where the prime denotes the derivative with respect
to r and λ̄i = κ2

5λi.
By integrating the first equation for a small interval

(ri−ε, ri+ε) including a brane, we obtain the junction
condition [11] at r = ri as

[

b′

b

{

3 − 4α

(

b′2

b2
−

3k

b2

)}]±

= −λ̄i , (11)

where [ ]± denotes

[A]± = A(ri + ε) −A(ri − ε) ≡ A+ −A−. (12)

With the ansatz of Z2 symmetry, which gives the re-
lation of [A]± = 2A+ = −2A−, we obtain

b′

b

{

3 − 4α

(

b′2

b2
−

3k

b2

)}

= ∓
λ̄i

2
. (13)

Here the upper (lower) sign is applied at r = r2 (at
r = r1) for a two-brane model. For a single brane
model, we apply the upper case at r = r0. Throughout
this paper, we use the notation ri(i = 0, 1, 2), where i
means the number of a brane. For a two-brane model
i = 1 and 2 stand for a negative and a positive tension
brane, respectively. While for a single brane model,
we use i = 0 to stand for a brane (see Fig. 1).

3. INSTANTON SOLUTION

We first provide a solution of Eqs. (9) and (10) in
a bulk. Eq. (10) gives the quadratic equation,

6X + 12αX2 = Λ, (14)
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where

X ≡
k − b′2

b2
. (15)

If α 6= 0, Eq. (14) gives two solutions:

X = X± ≡
−1 ± η

4α
, (16)

where η =
√

1 + 4αΛ/3. Here we find two solutions;
one is called a plus-branch and the other is a minus-
branch. The limit of α → 0 exists only for the plus-
branch solution.

In this paper we consider only a negative cosmolog-
ical constant (Λ < 0). 1 Then we have the following
constraint,

−
3

4α
≤ Λ < 0 , (17)

which is required in order that X± be a real value.
The range of η is restricted as 0 ≤ η < 1 from the
constraint (17). Under this condition, X± is always
negative. We then introduce a typical length scale as

l± ≡ (−X±)−1/2 =

[

−
3(1 ± η)

Λ

]1/2

. (18)

Since X ′ = 0, we find b′′ = l2
±
b from Eq. (15). This

with Eq. (14) guarantees Eq. (9). Hence Eq. (16)
gives a bulk solution.

In what follows, we discuss the instanton solutions
for each value of k in order.

3.1. de Sitter brane instanton (k = 1)

In the case of k = 1, the solution (16) is written by,

b(r) = l± sinh

(

r

l±

)

, (19)

which also satisfies Eq. (9) in a bulk. From this bulk
solution, we construct an instanton solution by cutting
the space at r = ri and gluing two copies of it on the
surfaces of the corresponding point so that a compact
Euclidean manifold (instanton) is obtained. At r = ri,
we impose the Israel’s junction condition (13) with
k = 1. For a single brane instanton, we impose the “no
boundary boundary condition” at the origin [2]. For
a two-brane model, we impose the junction condition

1In the case of Λ = 0, there also exist instanton solutions.
For k = 1, the minus-branch solution is included in (16), and
the plus-branch solution is also included in the limit of X+ → 0.
This plus-branch solution is a 5D Milne universe. For k = 0 the
solutions of both branches is included in (27). For k = −1 only
the minus-branch solution exists and is included in (33).

at r1 and r2. As a result, the tension of i-th brane is
determined by these junction conditions. Substituting
(16) into (13) gives

λ̄
(±)

i = (−1)i 2

l±

[

(2 ± η)
cosh(ri/l±)

sinh(ri/l±)

+ 2(1 ∓ η)

(

cosh(ri/l±)

sinh3(ri/l±)

)]

.(20)

When we take the limit of α → 0 in the plus-branch,
we recover the Garriga-Sasaki instanton, i.e., l± = l ≡
√

−6/Λ, η = 1 , and

λ̄i = (−1)i 6

l
coth

(ri
l

)

. (21)

Here we note a “critical” tension. In a brane
model with a Gauss-Bonnet term in a bulk, we find
some contribution from the Gauss-Bonnet term in a
four-dimensional cosmological constant. As a result,
the fine-tuned value of the tension to find the 4D
Minkowski brane, which we shall call a critical ten-
sion, is modified from the Randall-Sundrum’s value.
The fine-tuned value is given by [12] as

αλ̄2
cr = 1 − 4αΛ ∓

(

1 +
4

3
αΛ

)3

. (22)

In our case, if we take the limit of r → ∞, the
brane approaches to 4D Euclidian flat space because
the radius of the brane (b(r)) becomes infinitely large
and the curvature of the brane (S4 manifold) vanishes.
At this limit, the tension of the brane (21) is

λ̄i,cr = (−1)i 2

l±
(2 ± η). (23)

This value is consistent with the above generalized
Randall-Sundrum tuning condition (22). Using this
critical tension, the tension of a positive-tension brane
is divided into two parts λ̄ = λ̄cr + 4λ̄. It turns
out that 4λ̄ is always positive because λ̄ decreases
monotonically with respect to r for 0 ≤ η < 1 Hence,
this brane has always a positive effective cosmological
constant, that is, the de Sitter brane.

We calculate the action in order to discuss which
state is most plausible when the brane universe is cre-
ated. The total Euclidian action for this solution is
calculated as

SE = −
8π2

κ2
5

l3
±

{[

(2 ∓ η) sinh

(

r2
l±

)

cosh

(

r2
l±

)

+(2 ∓ 3η)

(

r2
l±

)]

− [r2 → r1]

}

. (24)

For a single brane instanton, the action is given by
replacing r2 and r1 with r0 and 0, respectively.

Those actions do not have any minimum value, and
get small when the distance between two branes or
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the size of the brane becomes large. Although we can
claim that the brane universe may be created as large
as possible, we cannot predict the initial size.

The evolution of a brane after creation is given by
analytic continuation of the Euclidean metric

ds2E = dr2 + l2 sinh2(r/l±)
(

dχ2 + sin2 χdΩ2
(3)

)

(25)

by the Wick rotation, where dΩ2
(3)

is the metric of the

3-sphere. It is done by substituting χ → iHt + π/2,
which leads to

ds2 = dr2 + (l±H)2 sinh(r/l±)

×[−dt2 +H−2 cosh2(Ht)dΩ2
(3)], (26)

where H ≡ l± sinh(ri/l±) (ri = r0 or r2) is the radius
of a brane. After the creation of this spacetime, the
universe inflates. If 4λ̄ is given by some potential of
a scalar field and will decrease to zero, inflation will
end (see Section 4).

3.2. Flat brane instanton (k = 0)

In the case of a flat brane (k = 0), the solution of
Eq. (15) is b(r) = b0e

±r/l± , where b0 is an integrating
constant. Due to the Z2 symmetry, we consider only
the plus sign without loss of generality, i.e.,

b(r) = b0e
r/l± . (27)

We can construct an instanton solution in the same
way as the previous case. We can impose the junction
conditions at the brane boundaries (r = r1 and r2,
or r0). This solution, however, does not satisfy the
no-boundary boundary condition, because b(r) does
not vanish at any point r. Thus we cannot construct
a single brane instanton solution. Here we consider
only a two-brane model.

The tension of i-th brane is determined by the junc-
tion condition (13) as

b′

b

(

3 − 4α
b′2

b2

)

= ∓
λ̄i

2
. (28)

Substituting Eq. (27) into Eq. (28),

λ̄
(±)

i = (−1)i 2

l±
(2 ± η) . (29)

This tension is independent of the position of a brane
and is the same as the critical tension (23).

As for the Euclidean action of this solution, we find

SE = −
2V

(0)

4 b40(2 ∓ 3η)

κ2
5 l±

[

e4r2/l± − e4r1/l±

]

. (30)

Here V
(0)

4 is the volume of a 4D torus. This action
does also not have any minimum value with respect

to the distance between two branes. Then we cannot
predict the initial size of the universe. Note that we
can obtain a single-brane RS II model in the limit of
r1 → −∞. In that case, the total action SE is still
finite. Therefore, an instanton solution with one flat
brane exists.

The evolution of a brane universe after creation is
also given by analytic continuation of the Euclidean
metric

ds2E = dr2 + b20e
2r/l±

(

dτ2 + dx2 + dy2 + dz2
)

(31)

by the Wick rotation. Substituting τ → it, we obtain

ds2 = dr2 + b20e
2r/l± [−dt2 + dx2 + dy2 + dz2] . (32)

We recover the 4D Minkowski spacetime.

3.3. AdS brane instanton (k = −1)

In the case of an ‘open’ brane model (k = −1), the
solution of Eq. (15) is given as

b(r) = l± cosh

(

r

l±

)

. (33)

We impose the junction condition at the boundary
(r = r1 and r2). For the same reason as for a flat
brane model, this solution does not provide a single
brane model.

The tension of the i-th brane is determined by the
junction condition (13) as

b′

b

(

3 − 4α
b′2

b2
− 12α

1

b2

)

= ∓
λ̄i

2
. (34)

Substituting Eq. (33) into Eq. (34), we obtain

λ̄
(±)

i = (−1)i 2

l±

[

(2 ± η)
sinh(ri/l±)

cosh(ri/l±)

− 2(1 ∓ η)
sinh(ri/l±)

cosh3(ri/l±)

]

. (35)

In the limit of r → ∞, we recover the critical tension
(23), since the curvature of the brane vanishes. Fur-
thermore, if we divide the tension (35) into two parts,
λ̄ = λ̄cr + 4λ̄, we find that 4λ̄ is always negative for
0 ≤ η < 1 Since this tension gives a negative effec-
tive cosmological constant on the brane, the brane is
anti-de Sitter spacetime.

The total action (SE = Sbulk
E + Sbrane

E ) is given by

SE = −
3V

(−)

4

κ2
5

l3
±

{[

(−2 ± η) cosh

(

r2
l±

)

sinh

(

r2
l±

)

+ (2 ∓ 3η)

(

r2
l±

)]

− [r2 → r1]

}

. (36)

Here V
(−)

4 is the volume of a 4D manifold with k =
−1. Again we do not have any minimum in this action.
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We cannot give any prediction for a created brane
spacetime.

To discuss the evolution of the brane universe after
creation, we have to perform the analytically contin-
uation of the Euclidian space:

ds2E = dr2 + l2
±

cosh2(r/l±)ds2E,4 (37)

with

ds2E,4 = dχ2 + sinh2 χ
(

dψ2 + sin2 ψdΩ2
(2)

)

. (38)

By the double Wick rotations [? ], i.e., χ → i(t+π/2)
and ψ → iφ, we obtain the metric of the brane as

ds24 = −dt2 + cos2 t
(

dφ2 + sinh2 φdΩ2
(2)

)

, (39)

which gives the AdS spacetime.

4. Trace Anomaly

In the previous section, although we can find instan-
ton solutions for several situations, we cannot provide
the most plausible state of the brane universe because
the action does not give any minimum value. If we
choose the critical tension to obtain a zero cosmolog-
ical constant, only a flat brane instanton is possible.
The size of the brane universe, however, is not deter-
mined. Any distance between two branes is possible.
We again lose the predictability. In this section we
discuss another effect, which may predict the initial
state of the brane universe. In a curved space time,
we know that even in the absence of classical gravi-
tational action, quantum fluctuation of matter fields
provides a nontrivial gravitational action through a
trace anomaly term 〈τµν〉. In the case of free, mass-
less, and conformally invariant fields, these quantum
corrections take a simple form [13]. These terms were
discussed in the context of an inflationary scenario
[14] and of the creation of the universe [7, 15]. In
[7], assuming the critical tension, the size of the brane
universe is fixed. In the present case, we also take
into account the contribution of the trace anomaly,
our junction condition is modified as

[Bµν ]± ≡

[

−
b′

b

{

3 − 4α

(

b′2

b2
− 3

k

b2

)}]±

hµν

= −κ2
5 (τµν + 〈τµν〉) , (40)

where τµν is the energy-momentum tensor of the brane
matter fields and 〈τµν〉 is its trace anomaly term in-
cluding the tension of the brane, which is given by

〈τµν〉 = −λhµν +H(1)
µν +H(3)

µν . (41)

H
(1)
µν and H

(3)
µν take the following forms:

H(1)
µν = −k1

(

2RRµν −
1

2
hµνR

2 − 2∇µ∇νR

+2hµν∇α∇αR) , (42)

H(3)
µν = k3

(

−R σ
µ Rνσ +

2

3
RRµν +

1

2
hµνR

στRστ

−
1

4
hµνR

2

)

, (43)

where R and Rµν are the 4D scalar curvature and
Ricci tensor, respectively. The coefficient k1 may not
appear in N = 4 super conformal Yang-Mills theory
but can be included to obtain a successful inflationary
scenario. k3 is uniquely determined:

k3 =
1

2880π2
(2N0 + 11N1/2 + 62N1), (44)

where N0, N1/2, and N1 are the number of quantum
fields with spins 0, 1/2, and 1, respectively.

We shall include the trace anomaly terms for our
instanton solutions. By using the metric (8),

we obtain

〈τµν〉 = −λhµν −
3k3

b4i
hµν . (45)

For a flat brane, the trace anomaly terms H
(1)
µν and

H
(3)
µν vanish. Hence the junction condition is
[

b′

b

{

3 − 4α

(

b′2

b2
−

3k

b2

)}]±

= −

(

λ̄+
3k̄3

b4i

)

, (46)

where λ̄ = κ2
5λ and k̄3 = κ2

5k3.
For a positive tension brane (either a single brane

or the second brane of two-brane model), we obtain

λ̄ = 2
b′i
bi

{

3 − 4α

(

b′2i
b2i

−
3k

b2i

)}

−
3k̄3

b4i
. (47)

Since a trace anomaly (45) is always negative (or zero
for a flat brane), the tension is always below the value
obtained previously. It turns out that only a de Sitter
brane with k = 1 is possible if we adopt the critical
tension. We show the tension in terms of including
trace anomaly terms in Fig. 2.

λ̄(±) =
2

l±

{

(2 ± η) +
2(1 ∓ η)

sinh2(ri/l±)

}

−
3k̄3

l4
±

sinh4(ri/l±)
. (48)

If the tension is the critical value (23), we find a unique
solution with a finite radius.

For a two-brane model, if the tension on one brane
is critical, the other is not the case. For example, if the
tension of the positive tension brane (r2) is critical, an
effective cosmological constant on the negative tension
brane (r1) is positive. Conversely, if the tension of the
negative tension brane (r1) is critical, we find AdS
universe on the positive-tension brane. For a single
brane model, the radius of the created brane universe
is fixed.

Note that since the trace anomaly always vanishes
for a flat brane, the flat two-brane model at any dis-
tance is possible.
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Figure 2: The tension for a de Sitter brane instanton
with η = 2/3 and k̄3/l3± = 3, 10, 102, 103, and 0, where
k̄3 = 0 gives the case without the trace anomaly term.
This figure corresponds to the cases of plus branche. For
minus branch the shape is similar to plus branche’s.
Since limri→∞[λ̄ − λ̄cr] = 0+, we find a unique solution
at a finite radius if the tension is the critical value λ̄cr.

5. CONCLUSION

We have presented instanton solutions in the model
with a Gauss-Bonnet term. If a brane is a closed uni-
verse, we find both two-brane and single-brane de Sit-
ter brane instantons. For a flat brane universe, we can
also construct a two-brane instanton solution. As for
a single-brane model, a compact bulk spacetime with
a single brane is not possible because a flatness of the
brane is not consistent with a no-boundary boundary
condition. However, the RS II type instanton with
a non-compact bulk spacetime is allowed because its
Euclidean action is finite. For an anti-de Sitter brane
instanton with negative curvature, we can also con-
struct only a two-brane instanton solution. In this
case, the RS II type instanton does not exist because
the Euclidean action diverges.

Although we find instanton solutions in the model
with a Gauss-Bonnet term, we cannot predict the ini-
tial state of the brane universe. This is because the
Euclidian action has no minimum value. For a flat
and an anti-de Sitter brane, the volume of a created

brane universe V
(k)

4 is not fixed as well. V
(k)

4 can be
arbitrary.

As for the tension of a brane, although the critical
tension requires fine-tuning, we need such a choice to
explain the present small value of the universe. Such
a tuning could be obtained in some super symmet-
ric theories, such as the Horava-Witten model. Here
we assume such a tuned value, i.e., the critical ten-
sion. Then we also include trace anomaly terms on
the brane. In this case, we can predict the size of
the universe. If we have a single-brane universe with
a no-boundary boundary condition, the created uni-
verse is in de Sitter phase and naturally evolves into

the inflationary stage.
Although we construct brane instanton solutions,

in order to predict the initial state of created brane
universe, we need to include other important effects,
such as the Casimir energy, which are not taken into
account here. These issues are left for future study.

Acknowledgments

We would like to thank S. Mizuno, N. Okuyama,
and T. Torii for useful discussions and comments.
This work was partially supported by the Grant-in-
Aid for Scientific Research Fund of the MEXT (No.
14540281) and by the Waseda University Grant for
Special Research Projects and for The 21st Century
COE Program (Holistic Research and Education Cen-
ter for Physics Self-organization Systems) at Waseda
University.

References

[1] A. Vilenkin, Phys. Lett. 117B, 25 (1982).
[2] J. B. Hartle and S. W. Hawking, Phys. Rev. D

28, 2960 (1983).
[3] S. Coleman and F. de Luccia, Phys. Rev. D 21,

3305 (1980).
[4] L. Randall and R. Sundrum, Phys. Rev. Lett. 83,

4690 (1999).
[5] L. Randall and R. Sundrum, Phys. Rev. Lett. 83,

3370 (1999).
[6] J. Garriga and M. Sasaki, Phys. Rev. D 62,

043523 (2000).
[7] S. W. Hawking, T. Hertog, and H. S. Reall, Phys.

Rev. D 63, 083504 (2001); S. W. Hawking, T.
Hertog, and H. S. Reall, Phys. Rev. D 62, 043501
(2000); S. Nojiri and S. D. Odintsov, Phys. Lett.
B 484, 119 (2000); S. Nojiri and S.D. Odintsov,
J. High Energy Phys. 07, 049 (2000).

[8] B. Zwiebach, Phys. Lett. B 156, 315 (1985).
[9] K. Aoyanagi and K. Maeda Phys. Rev. D 70,

123506 (2004).
[10] R. C. Myers, Phys. Rev. D 36, 392 (1987); G. W.

Gibbons and S. W. Hawking, Phys. Rev. D 15,
2752 (1977).

[11] W. Israel, Nouvo Cimento Soc. Ital. Fis. 44B, 1
(1966).

[12] K. Maeda and T. Torii, Phys. Rev. D 69, 024002
(2003).

[13] N. D. Birrell and P. C. W. Davies, Quantum fields
in curved space (Cambridge University Press,
Cambridge, England, 1982).

[14] A. A. Strobinsky, Phys. Lett. 91B, 99 (1980).
[15] A. Vilenkin, Phys. Rev. D 32, 2511 (1985).

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1102



Generation of Large-Scale Magnetic Fields from Dilaton Inflation in
Noncomm utative Spacetime

K. Bamba, J.Yokoyama
Department of Earth and Space Science, Graduate School of Science,
Osaka University, Toyonaka 560-0043, Japan

Generation of large-scale magnetic fields is studied in dilaton electromagnetism in noncommutative inflationary
cosmology, taking into account the effects of the spacetime uncertainty principle motivated by string theory. We
show that it is possible to generate large-scale magnetic fields with sufficient strength to account for the observed
fields in galaxies and clusters of galaxies through only adiabatic compression without dynamo amplification
mechanism in models of power-law inflation based on spacetime noncommutativity without introducing a huge
hierarchy between the dilaton’s potential and its coupling to the electromagnetic fields.

1. INTRODUCTION

It is well established that magnetic fields with the
field strength ∼ 10−6G and coherent scale 1 − 10kpc
exist in our galaxy and other galaxies (for detailed re-
views see [1–5]). There is some evidence that they exit
in galaxies at cosmological distances [6]. Furthermore,
in recent years magnetic fields in clusters of galax-
ies have been observed by means of the Faraday ro-
tation measurements (RMs) of polarized electromag-
netic radiation passing through an ionized medium
[7]. In general, the strength and the coherent scale
are estimated as 10−7 − 10−6G and 10kpc−1Mpc, re-
spectively. It is very interesting and mysterious that
magnetic fields in clusters of galaxies are as strong as
galactic ones and that the coherence scale may be as
large as ∼Mpc.

Although galactic dynamo mechanisms [8] have
been proposed to amplify very weak seed magnetic
fields up to ∼ 10−6G, it is only an amplification mech-
anism, and so requires initial seed magnetic fields to
feed on. Furthermore, the effectiveness of the dynamo
amplification mechanism in galaxies at high redshifts
or clusters of galaxies is not well established. Hence
the origin of the magnetic fields on large scales and/or
at high redshift has been an open question.

Proposed generation mechanisms of seed magnetic
fields fall into two broad categories. One is astrophys-
ical processes, and the other is cosmological processes
in the early Universe, e.g., the first-order cosmologi-
cal electroweak phase transition (EWPT) [9] or quark-
hadron phase transition (QCDPT) [10]. However, it is
hardly possible for astrophysical processes to generate
magnetic fields on megaparsec scales. Moreover, it is
also difficult to make the mechanisms at the cosmo-
logical phase transitions operate on these scales today,
which are much larger than the horizon scale at the
epoch of the field generation (see also [11]).

The most natural origin of such a large-scale mag-
netic field would be electromagnetic quantum fluc-
tuations generated in the inflationary stage [12] (for
a comprehensive introduction to inflation see Refs.

[13, 14]). This is because inflation naturally produces
effects on very large scales, larger than Hubble hori-
zon, starting from microphysical processes operating
on a causally connected volume. However, there is a
serious obstacle on the way of this nice scenario as
argued below.

It is well known that quantum fluctuations of mass-
less scalar and tensor fields in the inflationary stage
create considerable density inhomogeneities [15] or
relic gravitational waves [16, 17]. This is because these
fields are not conformally invariant even though they
are massless. Since the Friedmann-Robertson-Walker
(FRW) metric usually considered is conformally flat,
cosmic expansion does not induce particle production
if the underlying theory is conformally invariant [18].
The classical electrodynamics is conformally invari-
ant. Hence large-scale electromagnetic fluctuations
could not be generated in cosmological background. If
the origin of large-scale magnetic fields in clusters of
galaxies is electromagnetic quantum fluctuations gen-
erated and stretched in the inflationary stage, the con-
formal invariance must have been broken at that time.
Several breaking mechanisms therefore have been pro-
posed [12, 19–22].

Recently we have studied the following model of
the dilaton electromagnetism [23]. In addition to the
inflaton field φ we assumed the existence of the dilaton
field Φ with a potential V [Φ] = V̄ exp(−λ̃κΦ), where
V̄ is a constant, and introduced the following coupling
in the electromagnetic part of the model Lagrangian,

LEM = −
1

4
f(Φ)FµνFµν , (1)

f(Φ) = exp(λκΦ), (2)

where Fµν = ∂µAν − ∂νAµ is the electromagnetic

field-strength tensor, λ and λ̃ are dimensionless con-
stants, and κ2 ≡ 8π/MPl

2 with MPl = G−1/2 =
1.2×1019GeV being the Planck mass. We use units in
which kB = c = h̄ = 1 and adopt Heaviside-Lorentz
units of electromagnetism. Such coupling is reason-
able in the light of indications in higher-dimensional

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1104



theories including string theory. The coupling was
first analyzed by Ratra [19]. In his model, however,
the inflaton and the dilaton were identified and only
the case the dilaton freezes at the end of inflation was
considered. We therefore considered a more realistic
situation that the dilaton continues its evolution along
with the exponential potential even after reheating
but is finally stabilized when it feels other contribu-
tions to its potential, say, from gaugino condensation
[24] that generates a potential minimum [25, 26]. As it
reaches there, the dilaton starts oscillation with mass
m and finally decays into radiation with or without
significant entropy production. As a result we have
shown magnetic fields with the current strength as
large as 10−10G on cluster scale or even larger scale
could be generated, but for this to be the case we
had to introduce a huge hierarchy between the cou-
pling constant of the dilaton to the electromagnetic
field λ and the coupling one λ̃ of the dilaton poten-
tial, λ/λ̃ ≈ 400.

Note that the existence of the dilaton under dis-
cussion is motivated by higher dimensional theories
including string theory. The purpose of the present
paper is to argue that if we take another prediction
of string theory, namely spacetime uncertainty rela-
tion, we can solve the above huge hierarchy problem
as well [27]. As emphasized by Yoneya [28], the stringy
spacetime uncertainty relation (SSUR) is not a mod-
ification of the ordinary energy-time uncertainty re-
lation in the framework of quantum mechanics, but
simply a reinterpretation in terms of strings. Hence
the SSUR is likely to be very universal in string the-
ories. It is therefore natural and important to take
into account both of the two consequences of string
theory, the dilaton and the SSUR, simultaneously to
the problem of the generation of primordial magnetic
fields in the high energy regime of the early Universe.

2. MODEL

2.1. U(1) gaug e field in exponential
inflation

From (1) the equation of motion for the U(1) gauge
field Aµ in the Coulomb gauge, A0(t, x) = 0 and
∂jA

j(t, x) = 0, reads

Äi(t, x)+

(

H +
ḟ

f

)

Ȧi(t, x)−
1

a2
∂j∂jAi(t, x) = 0, (3)

in the spatially flat Robertson-Walker Universe ds2 =
−dt2+a2(t)dx

2, where H is the Hubble parameter and
a is the cosmic scale factor. Through the canonical
quantization the expression for Ai(t, x) is given by

Ai(t, x) =

∫

d3k

(2π)
3/2

[ b̂(k)Ai(t, k)eik·x

+b̂†(k)Ai
∗(t, k)e−ik·x ], (4)

where b̂(k) and b̂†(k) are the annihilation and creation
operators which satisfy

[

b̂(k), b̂†(k′)
]

= δ3(k − k
′),

[

b̂(k), b̂(k′)
]

=
[

b̂†(k), b̂†(k′)
]

= 0. (5)

Here k is comoving wave number, and k denotes its
amplitude |k|. It follows from Eq. (3) that the Fourier
modes Ai(t, k) satisfy the equation,

Äi(t, k) +

(

H +
ḟ

f

)

Ȧi(t, k) +
k2

a2
Ai(t, k) = 0, (6)

and that the normalization condition for Ai(t, k) reads

Ai(t, k)Ȧ∗

j (t, k) − Ȧj(t, k)Ai
∗(t, k)

=
i

f(Φ)a(t)

(

δij −
kikj

k2

)

. (7)

For convenience in finding the solutions of Eq. (6),
we introduce the following approximate form as the
expression of f .

f(Φ) = f [Φ(t)] = f [Φ(a(t)) ] ≡ f̄aβ−1, (8)

where f̄ is a constant and β is a parameter.
In slow-roll exponential inflation models with a(t) ∝

eHinf t, the model parameter β is given by

β ≈ 1 + λ̃2wX, X ≡
λ

λ̃
, (9)

w ≡
V [Φ]

ρφ

, (10)

where ρφ
∼= const is the energy density of the inflaton

φ and w � 1 because we have assumed that during
slow-roll inflation the cosmic energy density is dom-
inated by the inflaton potential and the energy den-
sity of the dilaton is negligible. Even if the dilaton
was rapidly evolving at the onset, its kinetic energy
would soon be dissipated, and it is frozen to a value
satisfying V ′′[Φ] <

∼ Hinf
2. Thus β takes a practically

constant value. Consequently, the solution of Eq. (6)
satisfying Eq. (7) with H = Hinf is given by

Ai(k, a) =

√

π

4Hinfaf(a)
H

(1)

β/2

(

k

aHinf

)

ei(β+1)π/4, (11)

where H
(n)
ν is an ν-th order Hankel function of type

n (n = 1, 2), and we have determined the constants of
integration in the general solution of Eq. (6) by requir-
ing that the vacuum reduces to the one in Minkowski
spacetime at the short-wavelength limit.
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The energy density of the large-scale magnetic fields
can evaluated using (11) if we specify cosmic evo-
lution after inflation. Here we adopt the following
scenario. After inflation, the inflaton potential is in-
stantaneously converted into radiation and then the
Universe is reheated immediately at t = tR. On the
other hand, even after reheating the dilaton contin-
ues its evolution along with the exponential potential
V [Φ] for a while, but is finally stabilized when it feels
other contributions to its potential, say, from gaug-
ino condensation [24] that generates a potential min-
imum [25, 26]. As it reaches there, the dilaton starts
oscillation with mass m and finally decays into radi-
ation with entropy production, and hence the energy
density of magnetic fields is diluted. Then the en-
ergy density of the magnetic field on a comoving scale
L = 2π/k at the present time is given by

ρB(L, t0) =
2|β|−3

π3
Γ2

(

|β|

2

)

Hinf
4

(

aR

a0

)4

×

(

k

aRHinf

)

−|β|+5

exp
(

−λ̃κΦRX
)

(∆S)
−4/3

, (12)

∆S ≈

(

V̄

ρφ

)(

2Hinf

m

)2(
MPl

m

)

, (13)

where ΦR is the dilaton field amplitude at the end of
inflation and ∆S is the entropy ratio after and before
dilaton decay. Here the suffixes ‘R’ and ‘0’ represent
the quantities at the end of inflation tR and the present
time t0, respectively. From Eq. (12) we see that the
large-scale magnetic fields have a scale-invariant spec-
trum when |β| = 5 [23].

After a number of consistency arguments we have
found that the magnetic field could be as large as
10−10G even with the entropy increase factor ∆S ∼
106, which is the ratio of the entropy per comoving
volume after the dilaton decay to that before decay,
provided that the energy scale of inflation is maximal
and the spectrum of resultant magnetic field is close to
the scale-invariant or the red one, namely, β >

∼ 5 [23].
If the generated magnetic fields are as large as 10−10G,
the observed fields in galaxies and clusters of galax-
ies could be explained through only adiabatic com-
pression without dynamo amplification mechanism.
Incidentally, Caprini, Durrer, and Kahniashvili [29]
have recently investigated the effect of gravitational
waves induced by a possible helicity-component of a
primordial magnetic field on cosmic microwave back-
ground (CMB) temperature anisotropies and polar-
ization. According to them, the effect could be suffi-
ciently large to be observable if the spectrum of the
primordial magnetic field is close to scale invariant and
if its helical component is stronger than ∼ 10−10G.
Hence our scenario may be observationally testable.

On the other hand, the seed field required for the
dynamo mechanism, B ∼ 10−22G, could be accounted

for even when ∆S is as large as 1024 if model param-
eters are chosen appropriately to realize nearly scale-
invariant spectrum.

The serious problem is that the model parameters
should be so chosen that the spectrum of generated
magnetic field should not be too blue but close to the
scale-invariant or the red one, which is realized only
if a huge hierarchy exists between λ and λ̃, namely,
X = λ/λ̃ should be extremely larger than unity. For

example, if we take w = 0.01 and λ̃ ∼ O(1), we must

have X ≡ λ/λ̃ as large as ≈ 400 so that the ampli-
tude of the generated large-scale magnetic field could
be sufficiently large. This may make it difficult to
motivate this type of model in realistic high energy
theories.

2.2. The case of power-law inflation

If we adopt power-law inflation models instead of
exponential inflation with the following exponential
inflaton potential,

U [φ] = Ū exp(−ζκφ), (14)

we can relax the constraint on X to a limited extent.
Here Ū is a constant and ζ is a dimensionless con-
stant, the spectral index of curvature perturbation ns

is given by

ns − 1 = −6εU + 2ηU = −ζ2, (15)

with

εU ≡
1

2κ2

(

U ′

U

)2

, ηU ≡
1

κ2

(

U ′′

U

)

, (16)

where primes denote derivatives with respect to the
inflaton field φ. According to the first year Wilkin-
son Microwave Anisotropy Probe (WMAP) data [30],
ns ≥ 0.93, and hence ζ ≤ 0.26. In this case the scale
factor in the inflationary stage is given by a(t) ∝ tp,
where p = 2/ζ2 ≥ 29.

In this background, if power-law inflation lasts for
a sufficiently long time, the dilaton will settle to the
scaling solution [25] where U ′′[φ] ≈ H2 with H = p/t.
Hence the solution of the dilaton in this regime is given
by

Φ =
2

λ̃κ
ln

( √
V̄ λ̃κt

p

)

. (17)

Then we find β is constant given by

β =
2X

p
+ 1. (18)

In this case, the solution of Eq. (6) is given by

Ai(k, a) =

√

pπ

4(p − 1)Haf(a)

×H
(1)

β̃/2

(

pk

(p − 1)aH

)

ei(β̃+1)π/4, (19)
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β̃ ≡ 1 +
p

p − 1
(β − 1) = 1 +

2X

p − 1
. (20)

The energy density of the large-scale magnetic fields
on a comoving scale L = 2π/k at the present time
in the above power-law inflation models, ρ̃B(L, t0), is
given by

ρ̃B(L, t0) =
2|β̃|−3

π3
Γ2

(

|β̃|

2

)

(

p − 1

p

)

|β̃|−1

HR
4

×

(

aR

a0

)4(
k

aRHR

)

−|β̃|+5

× exp
(

−λ̃κΦRX
)(

∆S̃
)

−4/3

, (21)

∆S̃ ≈

(

V̄

ρφ

)(

2HR

m

)2(
MPl

m

)

, (22)

where HR is the Hubble parameter at the end of infla-
tion. Since p � 1 as noted above, we find from Eqs.
(12), (13), and (20)−(22) that β̃ ≈ β, which means
ρ̃B(L, t0) ≈ ρB(L, t0) by identifying HR with Hinf .
Therefore, if β ≈ 5, we find X ≈ 2p ≥ 58 [23]. Con-
sequently, although some progress has been made to
lower the required value of X by adopting power-law
inflation, it is far from sufficient because X should still
be much larger than unity in order that the amplitude
of the generated magnetic fields could be sufficiently
large at the present time. This is because power-law
inflation models are hardly distinguishable from ex-
ponential inflation under the constraint imposed by
WMAP data as far as the evolution of the dilaton is
concerned. Because we cannot expect in realistic high
energy theories that a huge hierarchy exists between λ
and λ̃, this is a serious problem of our previous model
to be solved.

3. EFFECTS OF THE STRINGY
SPACETIME UNCERTAINTY RELATION

Next, we consider a possible solution to the above
huge hierarchy between λ and λ̃ in our model. In
recent years the effect of the stringy spacetime uncer-
tainty relation (SSUR) [28]

∆t∆xphys ≥ L2
s, (23)

on metric perturbations in the early Universe have
been investigated [31–33], where t and xphys are the
physical spacetime coordinates and Ls is the string
scale. In the presence of the cosmic expansion, long-
wavelength perturbations observable today emerged
from the string-region in the early Universe, hence
string-scale physics might leave an imprint on the pri-
mordial spectrum of metric perturbations.

The SSUR is compatible with a homogeneous back-
ground, but it leads to changes in the action for the
metric fluctuations. Both scalar and tensor metric
fluctuations can be described by the action of a free
scalar field on the classical expanding background.
Brandenberger and Ho have first studied the modi-
fied action for the cosmological perturbations in non-
commutative spacetime, where they have assumed
that matter is dominated by a single scalar field [31].
Spacetime noncommutativity at high energies in the
early Universe leads to the following two effects. The
first is a coupling between the fluctuation mode and
the background which is nonlocal in time. The second
is the appearance of a critical time for each mode at
which the SSUR is saturated, and which is taken to
be the time when the mode is generated in the vac-
uum state in the absence of cosmological expansion.
In a background spacetime with power-law inflation,
these two effects lead to a suppression of power for
large-wavelength modes, compared to the predictions
of power-law inflation in standard general relativity.
This is because these modes undergo a shorter pe-
riod of squeezing than they do in the standard calcu-
lations in the commutative geometry, that is, large-
scale modes, which correspond to higher energies ear-
lier in inflation, are generated outside the Hubble ra-
dius owing to stringy effects, and hence experience less
growth than the small-scale modes, which are gener-
ated inside the Hubble radius at lower energies, and
evolve as in the standard case. There is a critical
wavenumber kcrit such that for k < kcrit the mode is
generated on super-Hubble scales, and hence under-
goes less squeezing during the subsequent evolution
than it does in commutative spacetime. On the other
hand, for k > kcrit the mode is generated on scales
inside the Hubble radius, and since the evolution of
the mode after that is not different from that in the
case of commutative spacetime, it follows immediately
that the spectrum for k � kcrit is the same as that
in the classical case. Consequently, the spectrum is
blue-tilted for k � kcrit rather than red-tilted as it
is in the power-law inflation scenario in commutative
spacetime. From now on we call the modes k � kcrit

the UV ones and the modes k � kcrit the IR ones,
respectively.

The spectrum of cosmic microwave background
(CMB) anisotropies predicted by the model in [31]
has recently been calculated, and thus the prediction
of loss of power for infrared modes has been quantified
[32]. In addition, Tsujikawa et al. [32] have performed
a likelihood analysis at various angular scales to find
the best-fit values to the WMAP data of the cosmo-
logical parameters, including the power-law exponent
p, which gives the time dependence on the scale fac-
tor, and the critical wavenumber when stringy effects
become important. As a result they have shown that
high energy stringy effects could account for some loss
of power on the largest scales that may be indicated
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by recent WMAP data. Moreover, the best-fit value
for the power-law exponent p has been found to be
p ≈ 14, which is consistent with the result of [33], in
which the likelihood value of p is derived by using re-
cent WMAP data on only two scales k = 0.05 Mpc−1

and k = 0.002 Mpc−1. By using the best-fit values,
the string energy scale Ls

−1 has been estimated as
Ls

−1 ≈ 1014GeV. Furthermore, according to their cal-
culation, even a power exponent as small as p ≈ 5 is
consistent within the current errors.

If we apply the above consequences of the SSUR in
a background spacetime with power-law inflation to
our previous model [23], from Eq. (20) and p ≈ 5 it
is expected that X could be much smaller than in the
case of power-law inflation in commutative geometry
which requires p ≥ 29.

One may wonder if electromagnetic quantum fluc-
tuations generated in the inflationary stage are also
influenced by spacetime noncommutativity, so that
the power for the long-wavelength modes should be
suppressed. However, the megaparsec scale, in which
we are particularly interested, is smaller than the
above critical scale 2π/kcrit. In fact, according to Tsu-
jikawa et al. [32], the best-fit value for the crossover
scale of the power spectrum of density fluctuation,
k∗, which satisfies k∗ � kcrit, has been found to be
2π/k∗ ≈ 2.7 × 102Mpc. Hence the megaparsec scale
fluctuations at the present time is the UV modes. It
is therefore expected that the SSUR has no signifi-
cant effect on the megaparsec scale fluctuations at the
present time and that the amplitude of the generated
magnetic field on 1Mpc scale is the same as that in
the case of commutative spacetime.

In fact, to confirm the above expectation, we have
considered the modified power spectrum of magnetic
fields and the strength of the generated magnetic field
on 1Mpc scale at the present time in noncommuta-
tive spacetime. As a result, we have confirmed that
the SSUR has no significant effect on the megaparsec
scale fluctuations at the present time and that the
amplitude of the generated magnetic field on 1Mpc
scale is the same as that in the case of commuta-
tive spacetime [27]. Furthermore, for completeness,
we have also considered the modified power spectrum
of magnetic fields for the IR modes, which are gener-
ated outside the Hubble radius. As a result, we have
confirmed that the power for the IR modes, namely,
the long-wavelength modes larger than the crossover
scale ∼ 2.7 × 102Mpc, tends to be suppressed.

As argued above, the important consequence of the
SSUR is that the power-law index, p, of the power-
law inflation could be much smaller than in the case
of commutative geometry without conflicting with the
nearly scale-invariant spectrum of density fluctuations
observed by WMAP. Then from Eq. (20) and, say,
p ≈ 5, which is in the allowed range now, we find

β̃ = 1 +
X

2
. (24)

Hence we can generate magnetic fields as strong as
B ∼ 10−10G on 1Mpc scale even if the two coupling
constants of the dilaton, λ and λ̃, are of the same
order of magnitude, X = λ/λ̃ ≈ 8. For example,
we find B(1Mpc, t0) = 1.0 × 10−10G for X = 8.1,

HR = 108GeV, and ∆S̃ = 7.0×106. Moreover, we find
similarly that a sufficient magnitude of magnetic fields
on 1Mpc scale at the present time for the galactic
dynamo scenario, B ∼ 10−22G, could be generated
even in the case X = λ/λ̃ ≈ 6.

4. CONCLUSION

In the present paper we have discussed a possible
solution to the huge hierarchy between λ and λ̃, which
is required in our previous work [23] in order that the
spectrum of generated magnetic field should not be
too blue but close to the scale-invariant or the red one,
so that the amplitude of the generated magnetic field
could be sufficiently large, by taking account of the ef-
fects of the SSUR on the primordial power spectrum
of metric perturbations in the early Universe. As a re-
sult we have found that in power-law inflation models,
owing to the consequences of the SSUR on metric per-
turbations, the resultant magnetic fields could have a
nearly scale-invariant spectrum even in the case λ and
λ̃ are of the same order of magnitude, X = λ/λ̃ ≈ 8,
so that the amplitude of the generated magnetic field
could be as large as 10−10G on 1Mpc scale at the
present time, which is strong enough to account for
the observed fields in galaxies and clusters of galaxies
through only adiabatic compression without requiring
any dynamo amplification [27]. Since the strength of
the magnetic fields on megaparsec scales is expressed
by the same formula as in the case of commutative
geometry, this result is entirely due to the fact that in
the presence of the SSUR the power index of power-
law inflation could be much smaller than the case of
the commutative geometry in order to reproduce the
nearly scale-invariant spectrum of density fluctuation
observed by WMAP.
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Dark Matter and Dark Energy from a Single Scalar Field
Roberto Mainini, Loris Colombo, Silvio A. Bonometto
Dipartimento di Fisica G. Occhialini, Università di Milano–Bicocca, Piazza della Scienza 3, 20126 Milano,
Italy & I.N.F.N., Sezione di Milano

The strong CP problem was solved by Peccei & Quinn by introducing axions, which are a viable candidate for
DM. Here the PQ approach is modified so to yield also Dark Energy (DE), which arises in fair proportions,
without tuning any extra parameter. DM and DE arise from a single scalar field and, in the present ecpoch,
are weakly coupled. Fluctuations have a fair evolution. The model is also fitted to WMAP release, using a
MCMC technique, and performs as well as LCDM, coupled or uncoupled Dynamical DE. Best–fit cosmological
parameters for different models are mostly within 2–σ level. The main peculiarity of the model is to favor high
values of the Hubble parameter.

1. INTRODUCTION

Axions are likely to be the Dark Matter (DM) that
cosmological data require. Axions arise from the so-
lution of the strong CP problem proposed by Peccei
& Quinn in 1977 ([1], PQ hereafter), who suggested
that θ parameter, in the effective lagrangian term

Lθ =
αs

2π
θ G · G̃ (1)

(αs: strong coupling constant, G: gluon field ten-
sor), causing CP violations in strong interactions, is
a dynamical variable. Under suitable conditions θ ap-
proaches zero in our epoch, so that the term (1) is sup-
pressed, while residual θ oscillations yield DM [2, 3].

In the PQ scheme, θ is the phase of a complex field
Φ = φeiθ/

√
2; its evolution is set by the potential

V (|Φ|) = λ [ |Φ|2 − F 2
PQ ]2 , (2)

whose U(1) invariance breaks when T < FPQ (the
PQ energy scale, which shall be ∼ 1012GeV). Then
φ settles at the potential minimum, while θ takes a
random value, different in different horizons. When
chiral symmetry also breaks down, during the quark–
hadron transition, a further term

V1 =
[

∑

q

〈0(T )|q̄q|0(T )〉mq

]

(1 − cos θ) (3)

must be added to the lagrangian, because of instan-
ton effects. At T ' 0, the square bracket approaches
m2

πf2
π (mπ, fπ: π–meson mass, decay constant).

The dependence on the site of initial θ’s will
causes later adjustments, as soon as the potential (3)
switches on. When θ is small, V1 ∝ θ2 and the θ field,
undergoing harmonic oscillations, is DM.

Here we wish to discuss recent work [4], where the
NG potential (2) is replaced by a tracker potential [5].
Then, instead of settling on a value FPQ, φ continues
to evolve over cosmological times, at any T . As in
the PQ case, the potential involves a complex field Φ
and is U(1) invariant. Its phase is horizon–dependent

but, just as in the PQ case, evolves only after chiral
symmetry breaks, yielding a term similar to (3).

At variance from the PQ case, however, the θ evolu-
tion starts and continues while also φ is still evolving.
This goes on until our epoch, when φ is expected to
account for Dark Energy (DE), while, superimposed
to such slow evolution, faster transversal θ oscillations
occur, accounting for DM. This scheme, where the Φ
fields bears a dual role, with its modulus and phase,
will be dubbed here dual axion model.

The question is whether φ and θ dynamics interfere,
still allowing θ to take values so small to solve the CP
problem and preserving harmonic oscillations allow-
ing the prescribed amount of DM. Here we show that
the reply is positive. As it can be expected, however,
DM and DE are dynamically coupled, although this
coupling weakens as we approach the present era.

Here we also consider a generalization of the
SUGRA potential [5] as an example of tracker poten-
tial. With an energy scale Λ ∼ 1010GeV, this model
allows suitable values for today’s DM and DE densi-
ties, while θ is even smaller than for PQ. DM density
fluctuations are also able to grow and to account for
the observed large scale structure. We fit the expected
angular CBR spectra to data, finding that this model
substantially performs as well as ΛCDM.

2. LAGRANGIAN THEORY

In the dual-axion model we start from the la-
grangian L =

√
−g{gµν∂µΦ∂νΦ − V (|Φ|)} which can

be rewritten in terms of φ and θ, adding also the term
breaking the U(1) symmetry, as follows:

L =
√

−g
{

(1/2) gµν

[

∂µφ∂νφ + φ2∂µθ∂νθ
]

−

− V (φ) − m2(T, φ)φ2(1 − cos θ)
}

.

Here gµν is the metric tensor. We shall assume that
ds2 = gµνdxµdxν = a2(dτ2 − ηijdxidxj), so that a is
the scale factor, τ is the conformal time; greek (latin)
indeces run from 0 to 3 (1 to 3); dots indicate dif-
ferentiation in respect to τ . The mass behavior for
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T ∼ ΛQCD will be detailed in Section 3. The equa-
tions of motion read

θ̈ + 2(ȧ/a + φ̇/φ) θ̇ + m2a2 sin θ = 0 , (4)

φ̈ + 2(ȧ/a) φ̇ + a2V ′(φ) = φ θ̇2, (5)

while the energy densities ρθ,φ = ρθ,φ;kin+ρθ,φ;pot and
pressures pθ,φ = ρθ,φ;kin−ρθ,φ;pot, under the condition
θ � 1, are obtainable from

ρθ,kin = φ2θ̇2/2a2 , ρθ,pot = m2(T, φ)φ2θ2/2 ,

ρφ,kin = φ̇2/2a2 , ρφ,pot = V (φ) . (6)

3. AXION MASS

According to eq. (4), the axion field begins to os-

cillate when m(T, φ)a ' 2( ȧ/a + φ̇/φ ). In the dual–
axion model, just as for PQ, axions become massive
when the chiral symmetry is broken by the formation
of the q̄q condensate at T ∼ ΛQCD. Around such T ,
therefore, the axion mass grows rapidly. In the dual–
axion model, however, a slower growth takes place also
later, because of the evolution of φ. Then m(T, φ) is

mo(φ) = mπfπ/φ = (0.0062/φ) GeV . (7)

Since φ ∼ mp today, the axion mass is now mo ∼
5 · 10−13eV, while, according to [6], at high T :

m(T, φ) ' 0.1 mo(φ)(ΛQCD/T )3.8 . (8)

This expression must be interpolated with eq. (7), to
study the fluctuation onset for T ∼ ΛQCD. We solved
the equations of section 2 by assuming

m(T, φ) = mo(φ)(0.1
1

3.8 ΛQCD/T )3.8(1−
a
ac

) a < ac

m(T, φ) = mo(φ) a > ac

with ac = 2.16 · 10−12. With the selected value, when
T <

∼ 0.5 ΛQCD, m(T, φ) already approaches its low–T
behavior mo(φ). Let us finally outline that eqs. (7)
and (8), as well as the above interpolation, show that
m(T, φ)φ is φ–independent, as is required to obtain
the equation of motion (5). Fig.(1) shows the (low–)z
dependence of mo(φ). Notice the rebounce at z ∼ 10,
whose impact on halo formation could be critical [7].

4. THE CASE OF SUGRA POTENTIAL

When θ performs many oscillations within a Hubble
time, then 〈ρθ,kin〉 ' 〈ρθ,pot〉 and 〈pθ〉 ' 0. By using
eqs. (4),(5),(6), it is easy to see that

ρ̇θ +3Hρθ =
ṁ

m
ρθ , ρ̇φ +3H(ρφ +pφ) = −

ṁ

m
ρθ . (9)

Figure 1: φ variations cause a dependence of the effective
axion mass on scale factor a, which is shown here.

When m is given by Eq (8) , ṁ/m = −φ̇/φ−3.8 Ṫ /T .

At T ' 0, instead, ṁ/m ' −φ̇/φ. Here below, the
indices θ, φ will be replaced by DM ,DE . Eqs. (9) show
an energy exchange between DM and DE. The former
eq. (9) can then be integrated, yielding ρDM ∝ m/a3.
This law holds also when T � ΛQCD, and then the
usual behavior ρDM ∝ a−3 is modified, becoming

ρDMa3φ ' const. (10)

Let us now assume that the potential reads

V (φ) = (Λα+4/φα) exp(4πφ2/m2
p) (11)

(no θ dependence); in the radiative era, it will then be

φα+2 = gαΛα+4a2τ2 , (12)

with gα = α(α + 2)2/4(α + 6). This tracker solution
holds until we approach the quark–hadron transition.
Then, in Eq. (5), the DE–DM coupling term, φθ̇2,
exceeds a2V ′ and we enter a different tracking regime.

This is shown in detail in Fig.(2), obtained for mat-
ter (baryon) density parameters Ωm = 0.3 (Ωb =
0.03) and Hubble constant h = 0.7 (in units of 100
km/s/Mpc). In particular, Fig. (2a) shows the tran-
sition between these tracking regimes. Fig. (2b) then
shows the low–z behavior (1+z = 1/a), since DE den-
sity exceeds radiation (z ' 100) and then overcomes
baryons (z ' 10) and DM (z ' 3). Fig. (2c) is a
landscape picture for all components, down to a = 1.

Notice the a dependence of ρDM , occurring accord-
ing to Eq. (10). In Fig. (3) the related behaviors of the
density parameters Ωi (i = r, b, θ, φ, i.e. radiation,
baryons, DM, DE) are shown.

In general, once the density parameter ΩDE (at
z = 0) is assigned, a model with dynamical (coupled or
uncoupled) DE is not yet univocally determined. For
instance, the potential (11) depends on the parame-
ters α and Λ and one of them can still be arbitrarily
fixed. Other potentials show similar features.

In this model such arbitrariness no longer exists.
Let us follow the behavior of ρDM , backwards in time,
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Figure 2: Density behaviors vs. scale factor.

until the approximation θ � 1 no longer applies. This
must approximately coincide with the time when

2(ȧ/a + φ̇/φ) ' m(T, φ) a (13)

and θ enters the oscillation regime. At that time, ac-
cording to Eq. (10), which is marginally valid up to
there, and taking θ = 1,

ρDM ' ρo,DM

φo

φ(a)

1

a3
' m2[T (a), φ(a)] φ2(a) . (14)

The system made by eqs. (13) and (14), owing to
eq. (12), allows to obtain (i) the scale factor ah when
fluctuations start and (ii) the scale Λ in the potential
(11). To do so, the present density of DM, ρo,DM ,
(or ΩDM ) must be assigned. But, as we shall soon
outline, the observational value of the density in the
world forces ah to lay about the quark–hadron tran-
sition, while also Λ is substantially fixed.

The plots in the previous section are for ΩDM =
0.27; then Λ ' 1.5 · 1010GeV and ah ∼ 10−13 are
required by the system. But, when ΩDM goes from
0.2 to 0.4, log10(Λ/GeV) (almost) linearly runs in the
narrow interval 10.05–10.39 , while ah steadily lays at
the eve of the quark–hadron transition.

Figure 3: Density parameters Ωi vs. scale factor a.

5. EVOLUTION OF INHOMOGENEITIES

Besides of predicting fair ratios between the world
components, a viable model should also allow the for-
mation of structures in the world.

The dual axion model belongs to the class of cou-
pled DE models treated by Amendola [8], with a time–
dependent coupling C(φ) = 1/φ. A φ–MDE phase
therefore exists, after matter–radiation equivalence, as
the kinetic energy of DE is non–neglegible during the
matter–dominated era.

Fluctuation evolution is then obtained by solving
the equations in [7], with the above C(φ). The behav-
ior shown in Fig.(4) (left) is then found.

Fig (4) (center and right) compare fluctuation evo-
lutions the dual axion model (solid curves), with those
in an analogous ΛCDM model (dot–dashed curves)
and in a coupled DE model with constant coupling
C = 0.25

√
8πG ' 〈C(φ)〉 (dashed curves). As shown

by the plots, the overall growth, from recombination
to now is similar in dual axion and ΛCDM models,
being quite smaller than in DE models with constant
coupling. The differences of dual axion from ΛCDM
are: (i) objects form earlier and (ii) baryon fluctua-
tions keep below DM fluctuations until very recently.

6. COMPARISON WITH WMAP DATA

We shall then test the dual axion model towards
CMB data, together with other dynamical or coupled
DE cosmologies, by using a parameter space of 7 to
8 dimensions. We use a Markov Chain Monte Carlo
(MCMC) approach (e.g. [9]), just as in the original
analysis of WMAP first–year data [10], constraining
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Figure 4: Time evolution of DM and baryon fluctuations.

flat ΛCDM in respect to six parameters: Ωbh
2, Ωmh2,

h, n, the fluctuation amplitude A and the optical
depth τ . Notice that, with the naming convention
used here, Ωm ≡ Ωb + ΩDM .

Here, three classes of DE are considered: (i)
SUGRA dynamical DE, requiring the introduction of
the parameter λ = log10(Λ/GeV), the energy scale
in the potential (12). (ii) Constant coupling SUGRA
DE, requiring a further parameter, the coupling β =
C (3m2

p/16π)1/2. (iii) Coupled models including the
dual axion case. For this model the parameter β does
not exist, being C = φ−1 and also the scale Λ is con-
strained by the requirement that ΩDE lays in a fair
range (also solving the strong CP problem), so that Λ
and ΩDE are no longer independent parameters. The
(iii) class of model, that we call φ−1 models, is how-
ever set keeping λ as a free parameter. We aim to
test whether data constrain λ into the right region,
turning a generic φ−1 model into a dual–axion model.

To use the MCMC, we need an algorithm provid-
ing the Cl’s. Here we use our optimized extension of
CMBFAST [11], able to inspect the cosmologies (i),
(ii) and (iii). Then, the likelihood of each model is
evaluated through the publicly available code by the
WMAP team [12] and accompanying data [13].

6.1. Results

The basic results of our analysis are summarized in
the Table I, II and III. For each model category we
list the expectation values 〈x〉 of each parameter x
and the associated variance σx; we also list the values
of the parameters of the best fitting models xmax.

Let us however remind that φ−1 models, whose fit-
ting results are reported in Table III, include the dual–
axion model, but many other cases as well. Our ap-
proach was meant to test whether CMB data carry
information on λ and how this information fits the λ
range turning a φ−1 model into the dual–axion model.

At variance from uncoupled and costant-coupling
SUGRA models, WMAP data yield constraints on λ
for φ−1 models (see Table III) and the 2–σ Λ–interval
ranges from ∼ 10 to ∼ 3 · 1010GeV, so including the
dual–axion model. In Fig. (5) the CT

l spectra for all
best–fit models (apart of ΛCDM) are compared. At

Table I SUGRA parameters for uncoupled DE

x 〈x〉 σx xmax

Ωbh
2 0.025 0.001 0.026

ΩDMh2 0.12 0.02 0.11

h 0.63 0.06 0.58

τ 0.21 0.07 0.28

ns 1.04 0.04 1.08

A 0.97 0.13 1.11

λ 3.0 7.7 13.7

Table II SUGRA parameters in the presence of a
constant DE–DM coupling β.

x 〈x〉 σx xmax

Ωbh
2 0.024 0.001 0.024

ΩDMh2 0.11 0.02 0.12

h 0.74 0.11 0.57

τ 0.18 0.07 0.17

ns 1.03 0.04 1.02

A 0.92 0.14 0.93

λ -0.5 7.6 8.3

β 0.10 0.07 0.07

Table III SUGRA parameters for a φ−1 model.

x 〈x〉 σx xmax

Ωbh
2 0.025 0.001 0.026

ΩDMh2 0.11 0.02 0.09

h 0.93 0.05 0.98

τ 0.26 0.04 0.29

ns 1.23 0.04 1.23

A 1.17 0.10 1.20

λ 4.8 2.4 5.7

large l all models yield similar behaviors and this is
why no model category prevails. Discrimination could
be achieved by improving large angular scale observa-
tion, especially for polarization, so to reduce the errors
on small–l harmonics.

7. DISCUSSION

A first point worth outlining is that SUGRA (un-
coupled) models, bearing precise advantages in re-
spect to ΛCDM, are consistent with WMAP data.
The ratio w = p/ρ at z = 0, for most these mod-
els, fulfills the constraint w <

∼ −0.80. However, these
models exhibit a fast w variation, and w becomes ∼
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Figure 5: CT

l spectra for the best fit SUGRA (solid line),
constant coupling (dotted line), φ−1–coupling (dashed)
and dual–axion (dot–dashed) models.

-0.6, -0.7 at z ∼ 1–2. In spite of this sharp decrease,
however, there is no conflict with data.

The results shown in the previous section were also
considered in the presence of some priors. For un-
coupled or constant–coupling SUGRA models, adding
priors scarsely affects conclusions. φ−1–models, in-
stead, are to be discussed separately.

In the first two categories of models opacity (τ) is
pushed to values even greater than in ΛCDM (see
also [14]). This can be understood in two comple-
mentary ways: (i) Dynamical DE models, in general,
exhibit a stronger ISW effect, increasing CT

l in the
low–l plateau (e.g. [15]). To compensate this effect,
in the fit of data, the spectral index ns is pushed to
greater values. In turn, owing to the τ–n degeneracy,
this is compensated by increasing τ . (ii) If the TE
correlation is also considered, it is worth reminding
that dynamical DE lowers the TE correlation at low
l [16]. To fit the same observed correlation level, a
greater τ is therefore favored.

Greater τ ’s have an indirect impact also on Ωbh
2

whose best–fit value becomes greater, although con-
sistent with ΛCDM within 1–σ. If we impose, as a
prior, Ωbh

2 = 0.0214 ± 0.0020 (BBNS estimates [17]),
h shifts slightly below HST findings, still well within
1–σ. We shall consider the effect of a prior also on h.

The prior on Ωbh
2 affects reionization and the spec-

tral slope: τ and ns are lowered to match WMAP’s
findings. The prior on h, in the absence of coupling,
favors low–λ models, closer to ΛCDM. Quite in gen-
eral, in fact, the sound horizon at decoupling is unaf-
fected by the energy scale Λ, while the distance of the
last–scattering–band is smaller for greater λ’s. Then,
as λ increases, a lower h is favored to match the po-
sition of the first peak. In the presence of coupling,
there is a simultaneous effect on β: greater β’s yield

a smaller sound horizon at recombination, so that the
distribution on h is smoother.

φ−1 models exhibit rather different features. Pa-
rameters are more strongly constrained in this case,
as already outlined for the scale Λ. The main puz-
zling feature of φ−1 models is that large h is favored:
the best–fit 2–σ interval does not extend below 0.85 .

The problem is more severe for dual–axion λ’s val-
ues, whose preferred values are well within 2–σ. This
model naturally tends to displace the first CT

l peak
to greater l (smaller angular scales) as coupling does
in any case does. The model, however, has no ex-
tra coupling parameter and the intensity of coupling
is controlled by the scale Λ. Increasing this scale re-
quires a more effective compensation and still greater
values of h are favored.

This effect appears however related to the choice
of SUGRA potentials, which is just meant to pro-
vide a concrete framework for the dual axion model.
To deepen its analysis, the contribution to the axion
abundance due to the decay of possible topological
defects should also be discussed.

A previous analysis of WMAP limits on constant
coupling models had been carried on by [19]. Their
analysis concerned potentials V fulfilling the relation
dV/dφ = BV N , with suitable B and N . They also
assumed that τ ≡ 0.17. Our analysis deals with a
different potential and allows more general parame-
ter variations. The constraints on β we find are less
severe. It must be however outlined that β > 0.1–
0.2 is forbidden by a non–linear analysis of structure
formation [7].

8. CONCLUSIONS

The first evidences of DM date some 70 years ago,
although only in the late Seventies limits on CMB
anisotropies made evident that a non–baryonic com-
ponent had to be dominant. DE could also be dated
back to Einstein’s cosmological constant, although
only SNIa data revived it, soon followed by data on
CMB and deep galaxy samples.

Axions have been a good candidate for DM since the
late Seventies, although various studies, as well as the
occurrence of the SN 1987a, strongly constrained the
PQ scale around values 1010 <

∼ FPQ
<
∼ 1012GeV. Con-

tributions to DM from topological singularities (cos-
mic string and walls) narrowed the constraints to FPQ.
Full agreement on the relevance of such contributions
has not yet been attained and, in this paper, they are
still disregarded, while they could cause shifts in our
quantitative predictions. This point must be therefore
deepened in further work.

The fact that DM and DE can both arise from scalar
fields, just by changing the power of the field in effec-
tive potentials, already stimulated the work of various
authors. A potential like (11) was considered in the
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Figure 6: The onset of coherent axion oscillations, due to
the increase of m(T, φ), causes the behaviors of ρθ,pot,
ρθ,kin (a) and ωφ,θ = pφ,θ/ρφ,θ (b) shown here.

so–called spintessence model [20]. According to the
choice of parameters, Φ was shown to behave either
as DM or as DE. Padmanabhan & Choudhury [21],
instead, built a tachionic model where DM and DE
arise from a single scalar field.

Here, the scalar field Φ, accounting for both DE and
DM, arises in the solution of the strong–CP prob-
lem: as in the PQ model, in eq. (1) θ is turned into
a dynamical variable, the phase of Φ. Here, however,
the modulus of Φ increases in time, approaching mp

by our cosmic epoch, when it is DE; meanwhile, θ
is driven to approach zero, still performing harmonic
oscillations which are axion DM. The critical time for
the onset of coherent axion oscillations is the eve of
the quark–hadron transition, because of the rapid in-
crease of the axion mass m(T, φ). In our dual axion
scheme, the constant FPQ scale of the PQ model is
replaced by the slowly varying field φ. Instead of the
scale FPQ, data fix the scale Λ, in the SUGRA poten-
tial. This unique setting provides DM and DE in fair
proportions.

We therefore simultaneously solve the strong CP
problem and yield DM and DE in fair proportions by
setting a single parameter.
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Macciò A.V., Bonometto S.A., Klypin A. 2003
Ap.J. 599, 24; Klypin A., Macciò A.V., Mainini.
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Formation and Evolution of Primordial Black Holes After Hybrid
Inflation

K.A. Thompson∗
Stanford Linear Accelerator Center, Stanford, CA 94309

We examine the formation and evolution of primordial black holes (PBH’s) after hybrid inflation. Our goal is
to assess the effects of various theoretical uncertainties on the extrapolation from a given inflation model to a
spectrum of primordial black hole masses. The context of our work is an examination of the possibility[1, 2]
that the dark matter is comprised of Planck-mass black hole remnants (BHR’s). As an example we focus on a
particular scenario[3, 4] in which the black holes form from quantum perturbations that were generated during
hybrid inflation. We find the correspondence between hybrid inflation parameters and the range of initial PBH
masses that would allow BHR’s to comprise the dark matter, taking account of the possible early presence of
radiation and its accretion onto the PBH’s.

1. INTRODUCTION

The main goal of this paper is to assess of the ef-
fects of various theoretical uncertainties on extrapo-
lation from a given inflation model to a spectrum of
primordial black holes. These uncertainties include
initial size of the PBH’s, efficiency of accretion of am-
bient radiation onto the PBH’s, and possible presence
of radiation due to reheating mechanisms acting prior
to PH formation. As a particular example we exam-
ine a scenario[3, 4] in which: (1) significant numbers
of PBH’s form just after an epoch of hybrid inflation,
(2) reheating of the Universe occurs primarily through
Hawking evaporation of these PBH’s to Planck scale
black hole remnants (BHR’s), and (3) the dark mat-
ter consists of these BHR’s. In this BHR dark matter
(BHRDM) scenario the problem is further simplified
because there is a fairly sharply defined character-
istic mass scale at which the PBH’s form. (BHR’s
as a dark matter candidate were first proposed by
MacGibbon[2]; other authors have also explored this
possibility[5, 6]).

The endstage of Hawking evaporation is not well
understood. However, heuristic arguments[7, 8] sug-
gest that black holes might not evaporate completely,
but instead may leave behind a stable Planck mass
remnant, and that a black hole’s temperature is given
by

TBH ≈ 1

4πM [1 +
√

1 − 1
M2 ]

. (1)

rather than the Hawking value

TBH ≈ 1
8πM

. (2)

We use Planck units: Planck’s constant h̄, the speed
of light c, Newton’s gravitational constant G, and the

∗kthom@slac.stanford.edu

Boltzmann constant kb are all set to 1. Thus masses
are in units of Planck mass mP ≡ √

h̄c/G ≈ 2.2 ×
10−5 g (≈ 1.2× 1019 GeV), lengths in units of Planck
length lP ≡√Gh̄/c3 ≈ 1.6×10−33 cm, times in units
of Planck time tP ≡√Gh̄/c5 ≈ 5.4 × 10−44 sec, etc.

We use a hybrid inflation[9, 10] potential given by:

V (φ, ψ) = (M2−
√
λ

2
ψ2)2 +

1
2
m2φ2 +

1
2
γφ2ψ2 . (3)

The effective mass of field ψ goes from positive to
negative as φ decreases from large values. This shift
to a negative (“tachyonic”) mass for ψ occurs when

φ decreases to the critical value φc =
(

2
√

λM2

γ

)1/2

There are two inflation regimes in this model: (1) slow
rolling of φ down “trough” where φ > φc, with ψ ≈ 0,
(2) Rapid fall of ψ to ψ±, beginning when φ reaches
φc. Large perturbations occuring at the “phase tran-
sition between these two regimes later produce PBH’s
at a fairly sharply defined mass when they re-enter
the horizon.

As discussed in Ref. [11, 12], one finds two evolution
equations for the simple “PBH+radiation epoch” of a
homogeneous, isotropic, flat, Friedmann Universe:

f ′
BH +

f ′
r

ā
= 0,

f ′
BH =

α1f
2
BH

fr

ā4 − α2
f2

BH√
fBH

ā + fr

ā2

, (4)

where

α1 ≡ F · 27π

√
3

8π
√
ni, α2 ≡ g

120 · 162π

√
3

8πni
.(5)

Here ā ≡ a
ai

, a prime ′ means d/dā, and we use scaled
black hole and radiation energy densities defined by:

fBH ≡ ρBH ā
3

ni
= M , fr ≡ ρrā

4

ni
. (6)
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where ni is the initial number density of PBH’s, and
ρBH = niā

−3M is the energy density in PBH’s. Note
that fBH is also equal to the mass M of the PBH’s.
The first term in the numerator on the right hand side
of Eq.(4) represents the accretion of radiation (with
energy density ρr) onto the black holes, and the second
term repesents Hawking evaporation. Here we’ve used
the simpler result in Eq.(2), and in simulations dis-
cussed later will simply put in a cut-off at the Planck
mass at the end of evaporation. The factor g ∼ 100
gives the multiplicity of particles at the high tempera-
tures characteristic of black holes near the end of their
evaporation. In obtaining these equations we used the
high frequency (“geometrical optics”) limit[13] for the
absorption cross section of the black holes, which is
27πM2 for all relativistic particles. This limit is well-
satisfied for the situations considered in our scenarios.
However, for reasons to be discussed later, we have
also introduced into Eq. 5 an “efficiency factor” for
accretion, F .

2. PBH FORMATION

2.1. ”Standard picture”

We begin by reviewing the treatment of PBH for-
mation used in Refs. [3, 4] which is based on the
Press-Schechter[14] type of formalism put forward by
Carr[15]. Assuming spherically symmetric density
perturbations with Gaussian radial profile and rms
amplitude δ(M), and an equation of state p = wρ with
0 < w < 1, Carr argued that the probability P (m) of
a region of mass M collapsing to form a PBH is given
by

P (m) ≈ δ(M) exp
(
− w2

2δ2(M)

)
. (7)

Assuming a “hard” equation of state (in our case, p =
ρ/3) and a flat Universe the PBH’s are expected to
form with approximately the horizon mass.

The dependence of initial conditions fBH,i, fr,i (as
well as the initial number density of PBH’s ni appear-
ing in α1 and α2) upon the hybrid inflation potential
of Eq. 3 can be reduced to two parameters H∗ and
s, where H∗ ≈ √

8π/3M2 is the Hubble parameter

during inflation and s ≡ − 3
2 +

√
9
4 + 2

√
λM2

H2∗
. The

evolution of ψ during the waterfall regime is given by:

ψ(t) = ψie exp[−sH∗(t− tie)] , (8)

where the subscript “ie” denotes the end of inflation.
The number of e-foldings of inflation between the

“phase transition” near φ ∼ φc and the end of inflation
is given by

Nc ≈
[

2
sH∗

]1/s

. (9)

The PBH’s form when the fractional density per-
turbations δ occurring at the “phase transition” near
φ ∼ φc reenter the horizon. This density perturbation
is closely related to the “curvature perturbation” R
at horizon re-entry[16]:

δ ≡ δρ

ρ
=

2 + 2wreent

5 + 3wreent
R . (10)

Here p = wρ is the equation of state, and w at the
time of re-entry is denoted by wreent. We also have

R =
[
H

ψ̇
δψ

]
treent

, (11)

where treent denotes that the quantity in brackets is
to be evaluated at the time when the perturbation of
interest enters the horizon. Furthermore, the average
spectral perturbation due to quantum fluctuations is

|δψ| ∼ H(ψ)
2π

. (12)

If the Universe is approximately matter-dominated
between the end of inflation and horizon re-entry, then

Hi ≈ 2
3
e−3NcH∗ , (13)

while if it is more nearly radiation-dominated between
the end of inflation and horizon re-entry, we have

Hi ≈ 1
2
e−2NcH∗ . (14)

Regardless of where between the two extremes the
actual evolution falls, we assume that the Universe has
become radiation dominated by the time of re-entry,
i.e. wreent = 1/3.

The standard assumption is that PBH’s form with
the horizon mass. As will be discussed below, this may
be only roughly true, and changes from this are im-
portant when considering the effects of accretion onto
the PBH’s. So we introduce a factor xBH(≤ 1) which
gives the ratio of the initial PBH Schwarzschild radius
to the horizon radius H−1 at the time of formation:

fBH,i = xBHH
−1
i /2 (15)

Finally, the initial proportions of PBH’s and radia-
tion (where everything except the PBH’s falls into the
category of “radiation”) is obtained as follows. From
Eqs. 11, 12, and 8 we have R ∼ 1/s. Putting this into
Eq. 10, gives

δreent ≡ δρ

ρ
=

2 + 2wreent

5 + 3wreent

1
s

=
4
9s

. (16)

Assume the probability P (M) of formation is given by
Eq. 7, where δ(M) is given by δreent from Eq. 16. (Re-
call M is the mass inside the horizon at re-entry, and
thus approximately equal to the mass of the PBH’s
that form.) The initial proportions of PBH’s and ra-
diation is then just

y ≡ fr,i

fBH,i
=

1 − P (M)xBH

P (M)xBH
. (17)
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2.2. Uncertainties in PBH formation
threshold and initial mass

There remain significant uncertainties in both the
threshold overdensity for PBH formation and in the
size of the PBH’s that do form[17–23]. Early work by
Nadejin, Novikov, and Polnarev[20] and Novikov and
Polnarev[22] gave result that black holes form with
order 10% the horizon mass and also that threshold
δ is higher. Work by some authors[21, 23] indicates
critical phenomena in gravitational collapse, leading
to the possibility of black hole formation with signifi-
cantly less than the horizon mass. Green, et.al.[17]
concluded as the results of a study comparing the
Press-Schechter based formalism with a peaks formal-
ism that the “standard” formulation is fairly good if
the threshold is in the range 0.3 to 0.5. We do not at-
tempt to settle these uncertainties here, but note for
later use that the initial mass of the PBH’s may be at
least somewhat less than the horizon mass.

3. SIMULATION AND RESULTS

Given a choice of the hybrid inflation parameters
s,H∗, we can calculate initial values fr,i, fBH.i and
then solve Eqns. 4 for fr(a) and fBH(a) up to the time
when the PBH’s have evaporated to remnants. After
that, fr and fBH remain constant in time (note in
particular that fBH = 1). Matter-radiation equality
occurs at

āeq = fr,e . (18)

Here the subscript “eq” denotes matter-radiation
equality and the subscript “e” denotes the end of PBH
evaporation. Evolution then continues into the era
which is dominated first by dark matter and eventu-
ally, as the present time is approached, by dark energy.
We assume the dark energy behaves like a cosmologi-
cal constant, so that fde ≡ ρde

nimP
is constant in time.

(We ignore baryons, in effect just lumping them in
with the dark matter since they have the same equa-
tion of state, p ≈ 0.)

The present age of the universe is given by

t0 = teq +
∫ ā0

āeq

du√
8π
3 ni

(
fBH,e

u + fr,e

u2 + fdeu2
) . (19)

Since the influence of dark energy is negligible until
relatively late, the time of matter-radiation equality
is given by

teq = te +
∫ āeq

āe

du√
8π
3 ni

(
fBH,e

u + fr,e

u2

) . (20)

where te is the PBH evaporation time.

te < 10-10 s

10-10 s< te <10-9 s

10-9 s< te <10-8 s

10-8 s< te <10-7 s

10-7 s < te

13 14 15 16
Log10H*

1
1.5

2
2.5

3
3.5
4

S
.

Figure 1: Case of no accretion, w = 0 between the end of
inflation and the time of PBH formation, and xBH = 1
(baseline case discussed in Refs. [3, 4]). The top plot
shows the line in H∗, s parameter space satisfying the
constraint that matter-radiation equality occurs at the
observed redshift (z = 3234). (Here we display H∗ in
conventional units of GeV rather than Planck units.)
The next plot covers the same region in the H∗, s plane
and shows the time te at which the evaporation of the
PBH’s to BHR’s is completed; the gray scale coding in
the latter plot is shown at the bottom of the figure.

Provided that matter-radiation equality occurs in
our simulations at the observed redshift z ≈ 3234 (and
the PBH’s do indeed complete their evaporation), the
constraint that t0 is the observationally inferred value
13.5 Gyr is also satisfied.

3.1. Baseline model

We begin by showing results for the case discussed
in Refs. [3, 4], for which accretion was not included
and to which we shall refer as the “baseline case”.
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Figure 2: Case with accretion included, w = 0 between
the end of inflation and the time of PBH formation,
xBH = 1, and F = 1. The meaning of the plot is as
described for the top plot in Figure 1. Note that the
result in this figure cannot be exactly correct, since the
PBH’s initially grow to be larger than the horizon – see
Figure 3 and discussion in text.

1.25 1.5 1.75 2 2.25 2.5 2.75 3
a

2

4

6

8

10

Figure 3: For particular point on the line shown in
Figure 2 (s = 2.45, log10[H∗/GeV ] = 14.8), we show the
PBH radius 2fBH (solid line) and the Hubble horizon
H−1 (dashed line), both normalized by fBH,i; this is as
obtained from formulation of accretion used in Eq. 4
(with F = 1 in Eq. 5).

Thus it was assumed that (for whatever reason) the
“accretion efficiency factor” F is essentially zero. We
also assume (1) black holes form with horizon size
(xBH = 1), and (2) w ≈ 0 between the end of in-
flation and the time of PBH formation. The result
is shown in Figure 1. The top plot shows the line in
H∗, s parameter space satisfying the constraint that
matter-radiation equality occurs at the observed red-
shift (z = 3234). The next plot covers the same region
in the H∗, s plane and shows the time te at which the
evaporation of the PBH’s to BHR’s is completed; the
gray scale coding in the latter plot is shown at the
bottom of the figure. A safe criterion would be that
they have evaporated by the time of the electroweak
phase transition, expected to be around a TeV, or
10−10 sec. The actual values are typically somewhat
more than this (by one or two orders of magnitude),
but the criterion is somewhat uncertain anyway.
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Figure 4: Loci in H∗, s parameter space satisfying the
constraint that matter-radiation equality occurs at the
observed redshift (z = 3234), for xbh = 0.4, with
accretion (solid line) and without accretion (dashed line);
i.e., same type of plot as in top part of Figure 1. Other
parameters are: w = 0 between the end of inflation and
the time of PBH formation, and F = 1 for the case with
accretion.

3.2. Accretion with F = 1 and xbh = 1

In Figure 2 we include accretion in accordance with
Eq. 4 (with F = 1 in Eq. 5). There is significant
change from the case of no accretion. Closer exami-
nation shows that in this formulation, where the black
holes are assumed to form with the horizon mass (i.e.,
xbh = 1) and the accretion efficiency F = 1, the
black holes accrete essentially all the available radi-
ation background, before the scale factor grows ap-
preciably, and the early growth rate of the black holes
is faster than the growth of the horizon. This is illus-
trated in Figure 3 which shows (as a function of scale
factor a) the PBH radius (solid line) and the Hub-
ble horizon H−1 (dashed line) for the case s = 2.45,
log10[H∗/GeV ] = 14.8 (which is near the middle of
the line in Figure 2).

As is obvious from causality (and was long ago
pointed out by Zeldovich and Novikov[24]) the mass
of the PBH cannot increase faster than the amount of
mass within the sound horizon after formation, which
in turn is less than the optical horizon (exactly equal
to H−1 assuming radiation domination, and in any
case equal up to factor of order 1)

The faster-than-horizon growth indicates a break-
down of one or more of the assumptions in our formu-
lation of accretion, for example, (1) that the radiation
background remains smooth and uniform, and (2) that
the black holes form with the horizon mass.

3.3. Cases with xbh = 0.4

As was also pointed out by Zeldovich and
Novikov[24], if PBH’s form with significantly less than
the horizon mass, accretion is unimportant. To get a
limit on the possible effect of accretion in the BHRDM
scenario, we reduce xbh just enough to avoid having
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Figure 5: The PBH radius 2fBH (solid line) as a function
of scale factor a, along with the Hubble horizon H−1

(dashed line), both normalized by fBH,i, at s = 3.95,
log10[H∗/GeV ] = 13.85, for xBH = 0.4 (top plot) and
xBH = 0.41 (bottom plot).

PBH’s grow to be larger than the Hubble horizon
H−1. The required value is xbh = 0.4, and Figure 4
shows the loci in H∗, s parameter space satisfying the
constraint that matter-radiation equality occurs at the
observed redshift (z = 3234), for this case. The result
with accretion is the solid line, and for comparison
the dashed line shows the result without accretion.
The effect of accretion is greatest at larger s (upper
part of plots) because the parameter y ≡ fr,i/fBH,i is
larger, i.e. there is initially more radiation available
for accretion. In Figure 5 we illustrate the growth of
the PBH’s (solid line) and the growth of the horizon
(dashed line) for a case near the top of the solid line
in Figure 4, at s = 3.95, log10[H∗/GeV ] = 13.85. The
top plot is for xbh = 0.4; here the PBH’s gain signif-
icant mass by accretion, but never grow faster than
the horizon. The bottom plot is for xbh = 0.41; here
the PBH’s do exceed H−1 for a short time.

3.4. Reduction of accretion efficiency

The solid line in Figure4 represents only an upper
limit on the PBH growth for this x = 0.4 case, as there
is no guarantee that our accretion formulation is valid
even though the growth is not faster than the horizon.
For example, it could well be the case that the as-
sumption that the radiation background remains uni-
form is still violated in reality, i.e. the region around
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Figure 6: Loci in H∗, s parameter space satisfying the
constraint that matter-radiation equality occurs at the
observed redshift (z = 3234), for accretion with F = 0.4
(solid line) and without accretion (dashed line, same as
in Figure 1).
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Figure 7: The PBH radius 2fBH (solid line) as a function
of scale factor a, along with the Hubble horizon H−1

(dashed line), both normalized by fBH,i, at s = 3.95,
log10[H∗/GeV ] = 13.85, for F = 0.4 (top plot) and
F = 0.41 (bottom plot).

the black holes could become depleted of radiation,
making F < 1.

It is of course possible to avoid the faster-than-
horizon growth in the xbh = 1 case as well, if the
accretion efficiency is reduced. Reduction to F = 0.4
is sufficient, and results are shown in Figures 6 and 7.
(We would expect F → 1 eventually, but by that time
accretion becomes neglibible anyway.)

We note Hacyan[25] found (in a general-relativistic
treatment based on Einstein-Strauss vacuole model)
that the initial growth of PBH’s by radiation accretion
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Figure 8: Locus in H∗, s parameter space satisfying the
constraint that matter-radiation equality occurs at the
observed redshift (z = 3234), for case with no accretion
included, w = 1/3 between the end of inflation and the
time of PBH formation, and xBH = 1.

could be near the horizon rate if the initial PBH size
near horizon size, but also interpreted this result as a
generous upper limit on growth rate.

3.5. Possible additional reheating
mechanisms

The baseline case assumed that the Universe is ap-
proximately matter dominated from the end of infla-
tion until nearly the formation time of the PBH’s.
However PBH evaporation is not necessarily the only
reheating mechanism. We need not exclude the possi-
bility of additional reheating mechanism(s) that could
result in approximate radiation domination well be-
fore PBH formation. Thus we compare also a case
(Figure 8) where w = 1/3 between the end of infla-
tion and the PBH formation time. Here we assume
other parameters are as in Figure 1. For a given ini-
tial s,H∗, the w = 1/3 case gives smaller initial mass
of PBH’s than w = 0, since M ∝ 2e2Nc instead of
M ∝ 3

2e
3Nc .

4. SUMMARY AND CONCLUSIONS

We examined effects associated with early presence
of radiation upon extrapolation from hybrid inflation
parameters to a spectrum of PBH’s in the BHRDM
model. It appears that accretion can produce some
early rapid growth. This may occur even if the re-
quirement that the PBH’s not grow to be larger than
the horizon H−1 at any time is enforced by reducing
either the fraction xbh of the horizon mass going into
the initial PBH mass or by reducing the accretion ef-
ficiency F . However our results should be taken as an
upper limit on the effects of accretion, as there is no
guarantee that the efficiency factor is close to F = 1
during the early rapid-accretion phase. Both these ac-
cretion effects and possible radiation production well

before PBH formation affect the correspondence be-
tween the hybrid inflation parameters s,H∗ and initial
PBH masses, but do not seriously change the results
of the BHRDM scenario.
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Two Astrophysical Phenomena in Higher Dimensional Cosmology
S.Chatterjee
Department of Physics , New Alipore College , Kolkata 700 053, INDIA

Assuming a homogeneous matter energy content such that p = p(t) and ρ = ρ(t)) we have obtained exact
solutions in cosmological models in higher dimensions. The explicit dependence of the scale factor on time
can be obtained via the assumption of an equation of state. Utilizing one of the solutions an expression .of
the luminosity distance function is found in higher dimension and it is observed that the de Sitter space time
sets an upper limit to the absolute distance of any cosmological source, where the generally accepted value
of the deceleration parameter, q > −1 is taken. Further some remarks of general nature are made on the
nucleosynthesis in higher dimensional world with the help of time temperature relation and it is conjectured
that dimensionality may have significant impact, in principle at least, on the phenomena of nucleosynthesis.
However, it is too premature to come to any definite conclusion in this regard at this stage.

1. INTRODUCTION

In the present work we have thought it worthwhile
to extend the pioneering work of Barnes [1] in the field
of luminosity distance and also of Tinsley [2] relating
to primordial nucleosynthesis in higher dimensional
spacetime. Over the years the interests in higher di-
mensional theories have stemmed up in their attempts
to unify gravity with other forces in nature [3]. The
recent spurt in activities is also due to its new field
of application in brane cosmology. Moreover, in the
cosmological context the higher dimensional theories
are particularly relevant in the early universe when
all the spatial dimensions including the extra ones are
treated in the same footing before the universe un-
derwent the compactification transition. Concerned
with the problems of the origin of elements, pioneer-
ing work in this field was done by Gamow. Current
interests in this field also arise from the observational
results of Ia supernova as also from anisotropy stud-
ies of CMBR that the expansion of the Universe is at
present accelerated. In this work we have taken the
case of one important aspect of the nucleosynthetic
process in the early universe, namely the decoupling
phase of the neutrinos. The analysis is , however, of
preliminary status and lacks, at once the depth and
sophistication required in this type of investigations.
But since in the early universe the higher dimensional
phase is particularly relevant the question of nucle-
osynthesis should be pursued more seriously in future
in higher dimensional spacetime. In the next section
we have addressed some problems relating to the Lu-
minosity distance which has undergone a revival of
interests following the recent evidence coming from
the supernovae studies that of late the expansion of
the Universe is accelerating.

2. MATHEMATICAL FORMALISM

We take the generalised (n+2) dim. metric as

dS2
−

= eνdt2 − eαdr2 − eωdX2
n (1)

where

dX2
n = dθ2

1+sin2 θ1dθ2
2+· · · sin2 θ1 sin2 θ2 · · · sin2 θn−1dθ2

n

(2)
We have shown in an earlier work [4] that the line
element (1)reduces via the postulate of homogeneity
in matter energy distribution to

dS2 = dt2 − R2[
dr2

1 − kr2
+ r2dX2

n] (3)

where k is the spatial curvature. Thus we have gener-
alised to higher dimension the well known result that
a 4D spherically symmetric metric whose source is a
homogeneous perfect fluid must be of RW type. In
the dust case it follows from the equation (3) that the

deceleration parameter q = −RR̈

Ṙ2
is

q >
n − 1

2
(4)

This relation is interesting in the sense that q is , in
principle at least, observationally verifiable. But peo-
ple are hopelessly divided on the range- magnitude of
q. Otherwise this relation may act as the window of
the existence of the extra dimensional space. If we
assume that the 4D formulation of the laws of ther-
modynamics can be extended to higher dimensional
spacetime and also the interactions at the initial stage
of the expansion of the universe led to thermodynamic
equilibrium then the energy momentum conservation
relation T ij

j = 0 in comoving coordinates yields

ρ̇ + (n + 1)
Ṙ

R
(ρ + p) = 0 (5)

If we assume that the radiation dominated era is char-
acterized by p = ρ

n+1
we get a relation between be-

tween the energy density and the temperature of the
radiation [5] as

ρ = a Tn+2
rad (6)

where a is the radiation density constant. From the
equation(5) it further follows that

Trad = [
2n(n + 1)

a(n + 2)2
]

1
n+2) t−

2
n+2) (7)
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where Tradis the temperature of radiation, ‘a′ is the
radiation density constant and ‘t′ is the age of the Uni-
verse. This equation reduces to the familiar Tkelvin =
1.52× 1010 t−

1
2 s in the 4D case. This equation is cru-

cial for the analysis to follow next, and also to inves-
tigate if the dimensionality has any role to play in the
equilibrium phase and also to the decoupling phase of
the elementary particles (neutrinos, for example).

2.1. Neutrino Physics

One of the great successes of the standard model
is that it almost correctly predicts the primordial nu-
cleosynthesis , particularly the observed abundances
of the light nuclei. One may look into the relation
(7) more closely to see if the existence of the extra
dimensions has any perceptible effect on this phenom-
ena.Excellent outline on the subject may be found
in many texts ( see for example [7]). We start from
the time when the elementary particles are already in
existence such that the low temperature approxima-
tion κ T � mµc2 holds for the distribution function.
Here mµ is the mass of a particular species. From
the equation (7) it follows that the temperature falls
less rapidly in multidimensional spacetime compared
to 4D one. As is well known , the reactions involving
the neutrinos fall in the category of weak interaction
and the cross section of a typical reaction is of the or-
der A f2h−4c−4(kT )2 where f is a weak coupling con-
stant. Since the number density of the participating
particles are of the order (kT/cH)n+2 the key equa-

tion to the analysis is Q/H = ( T
1010k )

n+4
2 , where Q is

the reaction rate and H is the expansion rate given by

H = t(kT )
n+2

2 . The two equations suggest an impor-
tant difference from the analogous 4D case. Here it
takes a relatively longer time for the elementary par-
ticles to fall below their critical temperature charac-
terised by Tc = m0c

2/k. For T > 1010K the reaction
rate predominates over the expansion rate and the
neutrinos are in equilibrium. But when T < 1010K
the cosmological expansion is larger than the reaction
rate which results in the decoupling of the neutrinos
from the rest of the elementary particles. One may

also include a damping factor, exp(−
Tµ

T
) coming from

other interacting particle, say muon. To summarise:
as the cooling progresses less rapidly in the multidi-
mensional phase the neutrinos ( for that matter other
particles as well ) maintain the equilibrium phase for
a relatively longer period.

2.2. Luminosity Distance Function

Following the recent evidence of the late accelera-
tion of the Universe the luminosity distance function
is one of the most useful and important concepts in

astrophysics connecting the intrinsic and the apparent
luminosities to some parameters like scale factor and
curvature [6]. As is well known the equation (3) may
be reduced to

dS2 = dt2 − R2(t)[dω2 + A2
kdX2

n] (8)

where Ak stands for sin ω, ω and sinh ω corre-
spoding to k = 1, 0, −1. The importance of the con-
cept of Luminosity distance in the study of theoretical
astrophysics need no further elaboration as the intrin-
sic luminosity of a source may be calculated with its
help if the source’s redshift and apparent luminosity
are known. However as it is connected to the scale
factor ,curvature etc it is definitely model dependent.
In an earlier observation Barnes (1) showed that the
de Sitter spacetime admits of the maximum luminos-
ity distance. We address the similar situation in our
model also described by the line element (8). If Pe is
the total power emitted by a star then the flux density
luminosity distance relation is given by

dhi =
Pe

bnDn
(9)

where bn is a constant and the familiar luminosity
distance is given by

Dn =
R0(1 + z)2/nri

1 + kr2
i /4

(10)

Here the suffix 0 means that the evaluation has been
made at t = t0 Thus D would be less than the analo-
gous 4D case for fixed z and R0. For the metric (8 )
the last expression reduces to

Dn = R0(1 + z)2/nAk(ω) (11)

From the field equations it further follows that

kT 2
0 /R2

o = (n + 1)(1 + ε0)µ0 − q0 − 1 (12)

where µ0 = ρ0T
2
0 /n(n + 1), ε0 = p0/ρ0, and T0 =

R0/Ṙ0. If we assume at this stage a dust distribution
we obtain via Bianchi identity the relation

2µ0(R0/R)n+1 =

˙R2T 2
0 /R2 + R2

0/R2[(n + 1)µ0 − q0 − 1]

+q0 − (n − 1)µ0 (13)

Introducing the dimensionless parameter Y = R/R0

and X = t/T0 the last equation yields dY/dX =
1/Z(Y ) where

Z2(Y ) =

Y n−1

2µ0+[q0+1−(n+1)µ0]Y n−1
−[q0−(n−1)µ0]Y n−1 (14)

where 1 + z = 1/Y . Moreover if we assume a null
radial geodesic coming from the source a little manip-
ulation for our metric form (8) for flat spacetime gives
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ω =
∫

dt
R

= T0

R0
I(z) where z is the familiar redshift fac-

tor and I(z) given by

I(z) =

∫

Z(z)dz

1 + z
(15)

reduces to

I(z) = (16)
∫

dz
[2µ0(1+z)n+1+{q01−(n+1)µ0}(1+z)2−{q0−(n−1)µ0}]1/2

For the flat space model ( k = 0)with dust distribution
it follows from (12) that

(n + 1)µ0 = q0 + 1 (17)

So we finally have, skipping mathematical details
the following relation

D(z, q0, µ0)

= T0(1 + z)2/n
∫

dz

[1+2
q0+1
n+1 {(1+z)n+1

−1}]1/2
(18)

It follows from the equation(18) that for z >
0 and q0 > −1 the integrand consists of positive terms
only and would be maximum for any fixed z when

q0 = −1. In that case we get from equation (12),
µ0 = 0. Thus the deSitter universe admits of maxi-
mum luminosity distance of all flat space models. One
obtains similar conclusion for k ± 0 cases also. Thus
dimensionality appears to play no role in this regard
except at some quantitative level.
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A Simple Accelerating Model of the Universe in Higher Dimensional
Spacetime

S. Chatterjee
Department of Physics, New Alipore College, Kolkata 700 053, India

We have, in this work, discussed a scenario in homogeneous 5D spacetime which admits a decelerating expansion
in the early epoch along with an accelerated phase at present in line with the current observational results. The
most important finding, in our opinion, is the result that it is possible to achieve this acceleration without
introducing any external quintessence -like scalar field or vacuum energy into the theory- the presence of the
extra dimension , so to say, seems to cause the expansion to accelerate.This result is quite interesting vis a vis

the current attempts to construct accelerating models as in quintessential universe. Encouraging to point out
that as time evolves the extra dimension shows the desirable feature of dimensional reduction so that the model
finally ends up as a 4D world. We have further noted that asymptotically our model mimics a steady state type
of universe as advocated by Gold and Bondi as also by Hoyle and Narlikar although it originates from a big
bang type of singularity.

1. INTRODUCTION

Recent advance based on measurements of
anisotropies in the cosmic microwave background by
DASI, BOOMERANG [1] and MAXIMA [2] groups
along with the observational results coming from
the type Ia Supernova [3] suggest that most of the
energy of the universe consists of some form of dark
energy that is gravitationally repulsive and is causing
the expansion of the universe to accelerate. One is
tempted to believe that in the universe there exists
an important matter component, in its most simple
description , has the characteristic of a cosmological
constant i.e., a vacuum energy density which con-
tributes to a large component of a negative pressure.
However, the inability of the particle theorists to
compute the energy of the quantum vacuum - con-
tributions from well understood physics amount to
1055 times the critical density - casts a dark shadow
on the feasibility or otherwise of the presence of the
constant. A rather important issue is the coincidence
problem: dark energy seems to start dominating the
energy budget, and accelerating the expansion of the
universe, just around the present time. A number
of other candidates have also been proposed: rolling
scalar field ( a quintessence) [4], Brans-Dicke type of
scalar fields [5] and a network of frustrated topological
defects, to name a few. While these and other models
have some motivation and also attractive features
none of them are compelling. In view of what has
been stated above we have thought it worthwhile to
examine a scenario in multidimensional spacetime
where the accelerated expansion of the universe at
the current epoch may be made possible without
forcing ourselves to invoke any extraneous scalar
field or vacuum energy.We have here taken a five
dimensional spatially flat, homogeneous spacetime
with perfect fluid as matter field and assuming a
specific form of the 3D scale factor we have been able
to show that the universe decelerates at the early era

( a good news for structure formation) and after a
certain instant starts accelerating in conformity with
the present day observations. Higher dimensional
spacetime is now an active field of activity in both
general relativity and particle physics in its attempts
to unify gravity with all other forces of nature [6].
These theories include kaluza-klein , induced matter,
super string, supergravity and string. In these
(4+d) dimensional models the d-spacelike dimensions
are generally spontaneously compactified and the
symmetries of this space appear as gauge symmetries
of the 4D theory. At present these extra dimensions
are not observed presumably because with time they
shrink to an unobservably small length, say plankian.
However standard cosmology indicate that the scale
factor for the extra dimensions at some epoch in the
past could have been comparable with or even larger
than, that of the usual three dimensional space.
Renewed interests to these models also stem from
their recent applications to brane-cosmology. Our
paper is organised as follows: After Introduction in
section 1 we discussed the mathematical formalism
and its implications in section 2 and the paper ends
with a short discussion in section 3.

2. FIELD EQUATIONS AND ITS
INTEGRALS

We here discuss a spatially flat 5D homogeneous
cosmological model with the topology M1 × R3 × S1

where S1 is taken in the form of a circle such that

ds2 = dt2−R2(t)
(

dr2 + r2dθ2 + r2 sin2 θdφ2
)

−A2(t)dy2

(1)
where R(t) is the scale factor for the 3D space and
A(t), that for the extra dimension and y is the fifth
dimensional coordinate. The independent field equa-
tions for our metric (1) and energy momentum tensor

Tij = (ρ + p + p5)v
ivj − (p + p5)gij (2)
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are given by

3
Ṙ2

R2
+ 3

Ṙ

R

Ȧ

A
= ρ (3)

2
R̈

R
+

Ṙ2

R2
+ 2

Ṙ

R

Ȧ

A
+

Ä

A
= −p (4)

3
R̈

R
+ 3

Ṙ2

R2
= −p5 (5)

where p5 is the pressure in the fifth dimension while
that for the 3D space is isotropic and is given by p. As
we have five unknowns ( R, A, ρ , p and p5 ) with three
independent equations we are at liberty to choose two
connecting equations. We assume that p = p5. From
this condition we get from the field equations

Ä + 2
ȦṘ

R
− A(

R̈

R
+ 2

Ṙ2

R2
) = 0 (6)

To solve this equation we put A = Ru(t) such that

Rü + 4Ṙu̇ = 0 (7)

such that

u̇ =
β

R4
(8)

where β is an arbitrary constant. As we have another
choice we make the ansatz that R = sinhnωt( where n
is an arbitrary constant) such that the above equation
reduces to

u̇ =
β

sinh4nt
(9)

We here consider only two cases corresponding to
n = 1/2 and 1/4. As we are considering an expand-
ing model any negative values of n are ruled out.

2.1. CASE I

Skipping intermediate mathematical steps for econ-
omy of space we give the final expressions for n = 1/2
as

A = sinh
1
2 ωt(γ − βcothωt) (10)

R = sinh
1
2 ωt (11)

With the above form of the metric coefficients

p = p5 = −3ω2/2 (12)

ρ =
3

2

cosh2ωt

sinh2ωt
+

3βcoshωt

2sinh3ωt(γ − βcotht)
(13)

Interestingly as t ∼ 0 , ρ = ρ0 = 3ω2

2
and as t ∼ ∞,

ρ∞ = 3ω2

2
So asymptotically the mass density tends

to assume a constant value and the cosmology mim-
ics a steady state type of behavior though not exactly
following the type advocated by Bondi and Gold or
Hoyle and Narliker. Further as t ∼ 0, R ∼ t1/2

and A ∼ t−1/2 So at the early era the spacetime re-
sembles the well known form given by Chodos and
Detweiler[7]. The temporal behavior of the model de-
pends critically on the initial conditions. If the ar-
bitrary constanta is made zero the extra dimension
starts from an infinite extension, shrinks to a min-
imum and then expands again indefinitely so that
there is no dimensional reduction in this case How-
ever the large extra dimensions in the theory are not
that much out of favor these days as it attempts to ad-
dress the well known hierarchical problem in quantum
field theory.Further with time the model isotropises
in this case and the 4D volume expands.On the other
hand with non vanishing a the extra dimension con-
tracts and ultimately vanishes exhibiting the desir-
able feature of dimensional reduction.In this case the
model again becomes singular. Theorists try to save
the situation via assuming varied stabilizing mecha-
nisms [8]like quantum gravity, Casimir effect so that
they produce a sort of repulsive potential to halt the
shrinkage at a very small constant value,say planckian
length so that the extra dimensions essentially decou-
ple as all its derivatives vanish in the field equations.
The cosmology now enters the standard 4D phase fol-
lowing the FRW model without having any reference
to the extra dimensions.
A serious shortcoming of this analysis is that there is
no dynamical evolution in the expression for pressure.
We shall shortly see that this defect is overcome in
our next section.

2.2. CASE II

In this case n = 1/4 and skipping the intermediate
mathematical steps we write the final results as

R = sinh
1
4 ωt (14)

A = sinh
1
4 ωt(β ln tanh

ωt

2
+ γ) (15)

where γ is an arbitrary constant. With the above
values of the R and A we get the following expressions
for the pressure matter density as

p = p5 = −
3ω2

8sinh2ωt
(sinh2ωt − 1) (16)

ρ =
3ω2

8

coshωt

sinh2ωt
(coshωt +

2β

β ln tanhωt + γ
)(17)

As commented earlier this model does not suffer from
the disqualification of a constant pressure. Here both
pressure and mass density are evolving and start from
an infinite value as a big bang singularity.But it has
not escaped our notice that both the physical quanti-

ties assume steady values asymptotically at 3ω2

8
. So
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unlike the big bang type it resembles more a steady
state type cosmology.But the pressure changes signa-
ture from positive to negative at sinhωt = 1. How-
ever it is not difficult to to explain the asymptotically
steady value of the matter field because a little algebra
shows that with time the 4D volume,

V = R3A = sinhωt(βln tanhωt + γ) (18)

stabilizes at some finite value. Another striking dif-
ference from the earlier case is that here both the
scales start from zero and depending on the signature
of the arbitrary constant γ the fifth dimension either
expands indefinitely or collapses at a finite time.

3. ACCELERATED UNIVERSE

As commented in our introduction this model
admits of both deceleration at the early phase and
acceleration at present. The early deceleration is
physically relevant in the sense that it allows struc-
ture formation while the present day acceleration is
in conformity with the current observations. For the
general case R = sinhnωt, we get for deceleration

parameter q = − R̈R

Ṙ2
= −ncosh2ωt−1

ncosh2ωt
. Thus for n ≥ 1,

q < 0. Hence always accelerating.

For case I, n = 1
2

and q = 1−sinh2ωt
1+sinh2ωt

. Let

sinhωtc = 1. Hence for t < tc , q > 0 (deceleration)
and for t > tc , q < 0 (acceleration).

For case II, n = 1
4

and q = 3−sinh2ωt
cosh2ωt

.

Let sinhωtc = 1
√

3
. Hence for t < tc , q > 0

(deceleration) and for t > tc , q < 0 (acceleration).

Hence acceleration starts earlier in the second case.

4. DISCUSSION

While vast literature exists to address the observa-
tional fact of the current accelerated expansion of the
universe we are not aware of models of similar kind
in the framework of higher dimensional spacetime.We
have here discussed a scenario where in homogeneous
5D spacetime which admits a decelerating expansion

in the early epoch along with an accelerated phase
at present in line with the current observational re-
sults. The most important finding, in our opinion is
the result that it is possible to achieve this acceleration
without introducing any external quintessence=like
scalar field or vacuum energy into the theory-the pres-
ence of the extra dimension , so to say, seems to cause
the expansion to accelerate. Another desirable fea-
ture is the phenomenon of dimensional reduction so
that the model finally reduces to an effective 4D one.
This takes place in both the cases discussed here.But
the most serious shortcoming is the absence of any
mechanism to achieve the stabilization of the extra
dimension at a very short length. It is not apparent
from our analysis how that stabilization work in our
model. However in an earlier work Guendelman and
Kaganovich [9] studied the Wheeler-Dewitt equation
in presence of a negative cosmological constant and
dust.They got the interesting result that the quan-
tum effects do stabilize the volume of the universe,thus
providing a mechanism of quantum avoidance of the
singularity.
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A Possible Solution to the Smallness Problem of Dark Energy
Pisin Chen
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Department of Physics, National Taiwan University, Taipei 106, Taiwan, R.O.C.

The smallness of the dark energy density has been recognized as the most crucial difficulty in understanding
dark energy and also one of the most important questions in the new century. In a recent paper[1], we proposed
a new dark energy model in which the smallness of the cosmological constant is naturally achieved by invoking
the Casimir energy in a supersymmetry-breaking brane-world. In this paper we review the basic notions of this
model. Various implications, perspectives, and subtleties of this model are briefly discussed.

1. Introduction

The accelerating expansion of the present universe
was first indicated by the type Ia supernova (SN Ia)
data in 1998 [2, 3]. It is recently reinforced by new SN
Ia data [4, 5] obtained using the Hubble Space Tele-
scope. To explain this mysterious phenomena, cos-
mologists first resort to energy sources which would
entail strongly negative pressure and thereby provide
anti-gravity (i.e. repulsive gravitational) force, such
as positive cosmological constant [6] and quintessence
[7, 8]. It is in this viewpoint the term “dark energy”
was introduced for the origin of the accelerating ex-
pansion.

In addition to the dark energy approach, which can
be regarded as a modification of the right-hand side
(i.e. the energy part) of the Einstein equations, there
have also been attempts to modify its left-hand side
(i.e. the geometry part) [9–16]. One may regard this
latter category the “dark geometry” [11, 12, 16].

Among these proposals for the accelerating expan-
sion, the positive cosmological constant approach ap-
pears conceptually the simplest. Nevertheless, while
the notion of cosmological constant is hitherto consis-
tent with all the observational results, it suffers the
well-known fine-tuning problem, especially when fac-
ing the possible huge contribution from the quantum
vacuum energy. The non-zero but extremely small
cosmological constant, as implied by observations, re-
mains a fundamental challenge.

Recently we proposed[1] a new dark energy model
in which the smallness of the cosmological constant is
naturally achievable by invoking the Casimir energy
in a supersymmetry-breaking brane-world. In the fol-
lowing section we will give an overview of the existing
approaches to the pre- and post-dark-energy cosmo-
logical constant problems. In Sec. 3 we review the
basic notions of our model. We then investigate its
implications and subtleties in Sec. 4, and briefly dis-
cuss future perspectives in Sec. 5.

2. Pre- and Post-Dark-Energy
Cosmological Constant Problems

Before the discovery of the present accelerating ex-
pansion of the universe in 1998, the cosmological con-
stant problem was how to make it vanish (pre-dark-
energy). After 1998, there came another problem —
how to make the cosmological constant slightly de-
viate from zero (post-dark-energy). The pre-dark-
energy problem stems from our lack of an ultimate
understanding of accommodating quantum vacuum in
gravity. While it still awaits a profound answer from
a future theory that would successfully combine gen-
eral relativity and quantum theory, as we shall review
below, some interesting proposals are already in sight.
The post-dark-energy problem, on the other hand, ap-
pears soluble based on our current knowledge.

One interesting early idea for ameliorating the pre-
dark-energy cosmological constant problem is, instead
of making it small, to invoke extra dimensions such
that the expansion rate of the imbedded (3+1) space-
time is independent of the vacuum energy [26]. This
idea has received reviving interests in the post-dark-
energy era, where physical models have been proposed
based on the brane-world scenario. One such ap-
proach, for example, involves a codimension-two brane
whose brane tension induces a deficit angle in the bulk,
which in turn cancels the brane tension exactly [27–
29]. Another approach [30–32] is to construct a mod-
ified Friedmann equation with the form H2 ∝ (ρ+ p),
so that the vacuum energy (with the equation of state
ρ = −p) would not contribute to the Hubble expan-
sion. We shall refer to this generic idea, including the
two types of models described above, as the self-tuning
mechanism.

Even if the pre-dark-energy cosmological constant
problem may eventually be solved by either the self-
tuning mechanism or some as-yet undiscovered novel
concept, the post-dark-energy problem would still re-
main. The tremendous hierarchy between the vacuum
energy implied by the observations and the known
particle physics energy scales remains a severe the-
oretical challenge by itself. What underlying physics
could be responsible for such a tiny vacuum energy?
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In Ref.[1] we focus on this latter issue, assuming that
the pre-dark-energy problem can eventually be ad-
dressed. We point out that the same ingredients in-
voked in the self-tuning mechanism, that is, the extra
dimensions and the brane-world scenario, when aug-
mented with supersymmetry (SUSY), can in principle
solve the post-dark-energy problem with very relaxed
constraints.

SUSY guarantees the perfect cancellation of the
vacuum energy. However, we know that SUSY has to
be broken, at least in our (3+1)-dimensional world,
with the symmetry-breaking scale ∼ TeV. Conven-
tionally this would entail a vacuum energy that is
much too large for dark energy. But we assume the
brane tension so induced should be perfectly can-
celled due to the self-tuning mechanism or its vari-
ant. If we further assume that SUSY is broken on the
brane through, for example, a gauge-mediated SUSY-
breaking mechanism (for a review, see [21]) while pre-
served in the bulk, then in this configuration we find
that the leading contribution to the vacuum energy on
the imbedded 3-brane a la Casimir effect can be dra-
matically suppressed relative to the SUSY-breaking
scale.

We emphasize that there is a fundamental difference
between such a Casimir energy and the conventional
vacuum energy. The Casimir energy in our SUSY con-
figuration is nontrivial only around the 3-brane, and,
in particular, it entails the equations of state: pa = −ρ
and pb > 0, where pa and pb are its pressures along
the 3-brane and the extra dimensions, respectively.
In contrast, the brane tension from the conventional
vacuum energy obeys the following equations of state:
pa = −ρ and pb = 0, which are a necessary condi-
tion for its cancellation via the self-tuning mechanism.
Thus the Casimir energy cannot be removed by the
same self-tuning procedure and should survive as the
leading contribution to vacuum energy on the brane.

A similar concept of SUSY-breaking in a brane-
world, called supersymmetric large extra dimensions
(SLED), has been invoked to address the vacuum en-
ergy and the cosmological constant problem [28]. In
this proposal SUSY in the bulk is slightly broken by
the presence of non-supersymmetric 3-brane. By in-
corporating the self-tuning mechanism for two extra
dimensions, the brane tension is exactly cancelled with
the curvature [27], and as a result the leading con-
tribution to vacuum energy is induced by the weak
SUSY-breaking in the bulk. The smallness of dark
energy in this proposal relies on the requirement of
two large extra dimensions of the size around 0.1 mm,
which is on the edge of the current experimental con-
straint [19].

3. Casimir Dark Energy in a
Supersymmetry-Breaking Brane-World

The possibility that the Casimir energy in extra di-
mensions can play the role of dark energy has been
explored by Milton [17]. In general, a positive Casimir
energy in ordinary (3+1) dimensions cannot entail a
negative pressure, while in extra dimensions, on the
contrary, it can in principle induce a cosmological con-
stant with the desired attribute. Its sign depends on
the geometry, the boundary condition, and the field
contents in the extra space. If all extra dimensions
have the same size a, the value of the Casimir en-
ergy density measured on an imbedded 3-dimensional
space is in general proportional to a−4. Imposing the
observed dark energy density of the universe, which
is very close to the critical density ρc as indicated by
CMB data [18], one can arrive at a lower limit on the
extra-dimension size. From this requirement Milton
obtained a stringent constraint. That is, the num-
ber of extra dimensions cannot exceed two and the
extra-dimension size should be larger than microns
[17]. This constraint on the extra-dimension size is not
far from the current experimental upper limit around
100 microns [19].

Stringent constraints and fine-tunings are common
features in many dark energy/dark geometry models.
Generally speaking, it is very difficult to retain the
smallness of the dark energy density if the energy scale
invoked in the dark energy/dark geometry model is
not a natural scale required by some symmetry prin-
ciple. In our recently proposed dark energy model,
which invokes the Casimir effect in a supersymmetry-
breaking brane-world, this difficulty is apparently re-
solved [20].

In our model we consider a (3+n+1)-dimensional
space-time with n compact extra dimensions, in which
the standard model fields and their superpartners
are confined on a imbedded 3-brane while the grav-
ity (graviton-gravitino) sector resides in the (higher-
dimensional) bulk. We assume that supersymmetry
is broken, for example, through a gauge-mediated
supersymmetry-breaking mechanism (for a review, see
[21]), only around the brane while preserved in the
bulk. In this configuration we find that the leading
contribution to the vacuum energy a la Casimir ef-
fect can be dramatically suppressed relative to the
supersymmetry-breaking scale.

As an example for demonstration, here we present
the result of the case in which extra dimensions ge-
ometry is toroidal and only graviton and gravitino re-
side in the bulk. As a result of our supersymmetry-
breaking assumption, gravitino acquires a mass m
only around the brane and graviton remains massless
everywhere. The resultant net Casimir energy density
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on the imbedded 3-brane can be shown to be

δρ
(4)

s/
∼= αn ·m2 a−2 ·

(
Vδ

Va

)
, (1)

where Vδ, ∝ δn, is the extra-dimensional volume
of the supersymmetry-breaking region, Va, ∝ an, is
the total extra-dimensional volume, and αn is a con-
stant factor depending on the number of extra di-
mensions n and the boundary conditions in extra di-
mensions. It is natural to have the situation that
Vδ � Va. Consequently the ratio Vδ/Va provides a
strong suppression factor in the above formula of the
Casimir energy density. This suppression is a mani-
festation of the sharp contrast between the volume of
the supersymmetry-breaking region around the brane
and that of the supersymmetry-preserving bulk. This
is the key for achieving the smallness of the cosmolog-
ical constant/dark energy in our model.

The quantities a, δ, and m involved in the above
expression of the Casimir energy density are related
to several fundamental energy scales: the funda-
mental gravity scale Mg, the string scale Ms, the
supersymmetry-breaking scale Msusy, and the Planck
scale Mpl, as follows.

a ∼ (
Mpl/Mg

)2/n
M−1

g , (2)

δ ∼ ls (string length) = M−1
s , (3)

m ∼ M2
susy/Mpl . (4)

The Casimir energy expression can then be rewritten
in terms of these fundamental scales as:

δρ
(4)

s/ ∼ αnM
(n+2)2/n
g M−n

s M4
susyM

−4−4/n

pl . (5)

Identifying ρ
(4)

s/ as the dark energy density ∼ 3 ×
10−11 eV4, we arrive at the following constraint among
these fundamental scales:
(
Mg

Mpl

)(n+2)2/n(
Ms

Mpl

)−n(
Msusy

Mpl

)4

∼ 10123 α−1
n .

(6)
This constraint is quite loose. Namely, it can be sat-
isfied by a wide range of Mg, Ms and Msusy values.
Its looseness indicates that the smallness of the dark
energy is easily attainable in our model. In the fol-
lowing we will see that this constraint remains flexible
even after additional conditions are imposed.

Although there is no a priori reason why these scales
should be related, it is desirable to reduce the large
hierarchy among various energy scales. Motivated by
this, we further impose two separate conditions in Eq.
(6): (a) Msusy ∼Mg, i.e. to bridge the hierarchy be-
tween the SUSY-breaking scale and the fundamental
gravity scale; (b) Ms ∼ Mg ∼ Msusy, i.e. to insist
that there is only one energy scale in our physics.

First we focus on the scenario where the mass shift
of the gravitino is suppressed by the Planck scale:

µ ∼ M2
susy/Mpl (i.e. η ∼ Msusy/Mpl). Let us

further assume that the values of αn do not vary
too drastically. Then in case (a) our general con-
straint, Eq. (6), is reduced to a more specific con-
straint on Ms and Mg under different choices of the
extra-dimensionality, as represented by solid curves
in Fig. 1. If one further insists on condition (b), then
the solutions further reduce to the intersects between
the dashed line for Ms = Mg and the solid curves.
Concentrating on the energies between TeV scale and
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o
g
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/
G
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V
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12
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n=1

n=2

n=22

M S=M G

M SUSY ~M G

Figure 1: Constraint on Ms and Mg under the
assumption of gravitino dominance:
µmax ∼M2

susy/Mpl (i.e. η ∼Msusy/Mpl). The solid

curves correspond to solutions under the further
assumption of Msusy = Mg and the dashed line
indicates the condition Ms = Mg

the Planck scale, we find that in case (a) Mg cannot
exceed 1015 GeV while the string scale Ms is barely
restricted. In case (b), the values of these quantities
are restricted in the range between TeV and 109 GeV.
We note with interest that for large n, the solutions
are approaching the TeV range, a soon-to-be testable
scale in Large Hadron Colliders.

It is also possible that the dominant mass shift
µmax is roughly of the same order of the SUSY-
breaking scale Msusy (i.e. η ∼ 1). So we repeat
the same exercise but replace the condition η ∼
Msusy/Mpl by η ∼ 1. The results are shown in Fig. 2.
Case (a) retains similar qualitative features as the pre-
vious case regarding the gravitino mass shift. Namely,
Mg is quite restricted (especially for small n) while
Ms is barely restricted. In case (b), the constraint
is so severe that only the case of n = 2 survives. In
this case (n=2) all fundamental scales are merely of
the order of a TeV and therefore can be tested in the
near future. We note that in the case of one extra di-
mension, where Mg is required to be around 109 GeV
(corresponding to the extra-dimension size around 100
meters), the solution is already ruled out.
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Figure 2: Constraint on Ms and Mg under the
assumption µmax ∼Msusy (i.e. η ∼ 1). The solid curves
correspond to solutions under the further assumption of
Msusy = Mg and the dashed line indicates the condition
Ms = Mg

4. Perspectives

In our approach the smallness of the dark energy
is attained through the sharp contrast between the
volume of the supersymmetry-breaking region around
the brane and that of the supersymmetry-preserving
region in the bulk, where their ratio naturally arises
when one integrates out the imbedding extra dimen-
sions to obtain the Casimir energy on the 3D brane.
To demonstrate the powerfulness of this new way of
handling the post-dark-energy problem, we have ex-
amined such Casimir effect under a wide range of extra
dimensions, without limiting ourselves to the specific
1 and 2 extra dimensions previously invoked in the
self-tuning models.

There exist various hierarchy problems in physics,
such as the weakness of gravity and the smallness of
the cosmological constant. To reveal the fundamental
laws of nature, it is often desirable to relate the ori-
gins of the hierarchies to more profound physics. For
example, the weakness of gravity can be explained as
a result of the largeness of extra dimensions (as in the
Arkani-Hamed-Dimopoulos-Dvali (ADD) model [23])
or the warpage of higher-dimensional geometry (as in
the Randall-Sundrum (RS) model [24]). In this re-
gard our model follows the same spirit as that of the
ADD and the RS models. Note that by further in-
voking Msusy ∼ Mg, our model manages to solve
both hierarchy problems at once. In addition, since
our model is based on the similar ingredients as those
in the self-tuning mechanism, it provides much hope
that a synergy between these two concepts may be
found for a complete solution to both pre- and post-
dark-energy problems in one stroke.

In the current construction of our model the config-
uration of the extra dimensions is ADD-like [23]. It is
interesting to further explore our scenario under the
RS configuration [24].

The possibility of time evolution of the extra-
dimension size is another important issue yet to be
studied. In many models that invoke extra dimen-
sions, their specific sizes are required to be stable in
order to satisfy the experimental constraints from the
solar-system tests of gravity. This is generally as-
sumed by introducing a certain stabilization mecha-
nism (e.g., see [22]). By invoking similar arguments,
the Casimir energy on the brane in our model is ex-
actly a cosmological constant in our 3-dimensional
world. On the other hand, it is possible that at some
cosmic epochs the stabilization mechanism was not ef-
fective so that the extra dimensions could evolve. In
this case the Casimir energy in our model may change
in time. This possibility of a time-varying dark energy
is worthy of further investigation.

The notion of Casimir energy involves the concept
of a reference energy. In our model this reference en-
ergy is associated with a Minkowskian, non-compact,
higher-dimensional space-time without boundary con-
dition, with no particles, and no other energy forms.
Whether such a energy reference point is conceptually
meaningful requires further investigation. A different
energy reference point may be required, especially un-
der the situation where certain extra dimensions sta-
bilization mechanism is introduced to the system.

The ultimate challenge of the dark energy issue is
evidently finding a complete, self-consistent solution
to the problem. In our model we bypassed the pre-
dark-energy problem and assumed that it would even-
tually be addressed by the self-tuning mechanism or
its variant. It is known that the self-tuning idea has
its own challenges[29, 32], and it clearly awaits further
developments before the pre-dark-energy problem can
be fully addressed. But even if that can be done, one
still faces the challenge of reinstating the very small
amount of vacuum energy self-consistently to comply
with the observation. With this in mind, the further
integration of our model with the self-tuning mecha-
nism would be extremely interesting.
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In brane-world models with low tension, massive branons are natural candidates for dark matter. The phe-
nomenology of these WIMP-like particles is completely determined by their mass, the brane tension and, in
the case of effects due to radiative corrections, by the cutoff setting the scale of validity of the branon effective
theory. In this paper, we review the main constraints on branon physics coming from colliders, astrophysics and
cosmological observations, and include more recent limits obtained from electroweak precision measurements.

1. Introduction

In brane-world (BW) models, the possibility that
the gravity scale is much lower than the Planck scale
and possibly close to the TeV range can give rise to
interesting observable effects at present or near ex-
periments [1]. The main idea that defines the BW
scenario is that the Standard Model (SM) particles
are restricted to a three-dimensional hypersurface or
3-brane, whereas the gravitons can propagate along
the whole bulk space.

Since rigid objects do not exist in relativistic theo-
ries, it is clear that brane fluctuations must play an
important role in this framework [2]. This fact turns
out to be particularly true when the brane tension
scale f (τ = f4 being the brane tension) is much
smaller than the D dimensional or fundamental grav-
itational scale MD, i.e. f << MD. In this case the
only relevant low-energy modes of the BW scenar-
ios are the SM particles and branons which are the
quantized brane oscillations. Indeed branons can be
understood as the (pseudo-)Goldstone bosons corre-
sponding to the spontaneous breaking of translational
invariance in the bulk space produced by the presence
of the brane.

The branon properties allow to solve some of the
problems of the brane-world scenarios such as the di-
vergent virtual contributions from the Kaluza-Klein
tower at the tree level or non-unitarity of the graviton
production cross-sections [3]. The SM-branon low-
energy effective Lagrangian reads [2, 4, 5]:

LBr =
1
2
gµν∂µπ

α∂νπ
α − 1

2
M2παπα

+
1

8f4
(4∂µπ

α∂νπ
α −M2παπαgµν)T µν

SM (1)

We see that branons interact by pairs with the SM
energy-momentum tensor. This means that they are
stable particles. On the other hand, their couplings
are suppressed by the brane tension f4, i.e. they are
weakly interacting. These features make them natu-
ral dark matter [6, 7] candidates (see [8] for updated
reviews on cosmology and dark matter).

2. Branon signals in colliders

The branon signals in colliders depend on their
number N , the brane tension scale f , and their masses
M . From the effective action given in the Equation
(1), one can calculate the relevant cross-sections for
different branon searches. The single photon channel
and the monojet production are the more interesting
ones. The main results in relation with this analysis
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Figure 1: Relevant Feynman diagrams for the branon
contribution to the single Z and the single photon channel.

are presented in Table I, where one can find not only
the present restrictions coming from HERA, Tevatron
and LEP-II but also the prospects for future colliders
like ILC, LHC or CLIC [5, 9].

3. One loop effects

In addition to direct production and the corre-
sponding missing energy signatures, branons can also
give rise to new effects through radiative corrections.
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Experiment
√
s(TeV) L(pb−1) f0(GeV) M0(GeV)

HERA 1 0.3 110 16 152

Tevatron-I 1 1.8 78 157 822

Tevatron-I 2 1.8 87 148 872

LEP-II 2 0.2 600 180 103

Tevatron-II 1 2.0 103 256 902

Tevatron-II 2 2.0 103 240 952

ILC 2 0.5 2 105 400 250

LHC 1 14 105 1075 6481

LHC 2 14 105 797 6781

CLIC 2 5 106 2640 2500

Table I Summary of the main analysis related to collider
experiments. All the results are performed at the 95 % c.l.
Two different channels have been studied: the one marked
with an upper index 1 is related to monojet production,
whereas the single photon is labelled with an upper index 2 .
The table contains a total of seven experiments: HERA,
LEP-II, the I and II Tevatron runs, ILC, LHC and CLIC.
Obviously the data corresponding to the four last experiments
are estimations, whereas the first three analysis have been
performed with real data.

√
s is the center of mass energy

associated to the total process; L is the total integrated
luminosity; f0, the bound in the brane tension scale for one
massless branon (N = 1) and M0 the limit on the branon
mass for f = 0.

By integrating out the branon fields in the action com-
ing from LBr it is possible to obtain an effective action
for the SM particles which includes the effect produced
by branon loops. At the level of two-point functions,
branon loops result only in a renormalization of the
SM particle masses which is not observable. However
new couplings appear which can be described by an
effective lagrangian [10] whose more relevant terms
are:

Leff = W1TµνT
µν +W2T

µ
µ T

ν
ν . (2)

where T µν ≡ T µν
SM and

W1 =
NΛ4

96(4π)2f8

W2 =
NΛ4

192(4π)2f8
(3)

for Λ >> M , Λ being the cutoff setting the limit
of validity on the effective description of branon and
SM dynamics used here. This new parameter appears
when dealing with branon radiative corrections since
the lagrangian in (1) is not renormalizable. When the
branon mass M is not small compared with Λ, W1

and W2 have much more involved definitions, which
will be given elsewhere [10].

An effective lagrangian similar to the one in (2) was
obtained in [11, 12] by integrating at the tree level the
Kaluza-Klein modes of gravitons propagating in the
bulk and some of its phenomenological consequences

Experiment Process f2/(ΛN1/4) GeV

LEP combined [13] γγ 59

LEP combined [14] e+e− 75

H1 [15] e+p and e−p 47

ZEUS [16] e+p and e−p 46

DØ [17] e+e− and γγ 69

CDF [18] e+e− and γγ 55

combined 81

Table II Estimated lower limits on f2/(N1/4Λ) (in GeV)
provided from different experiments.

where studied there. Thus it is easy to translate some
of the results from these references to the present con-
text. For example one of the most relevant contribu-
tions of branon loops to the SM particle phenomenol-
ogy could be the four-fermion interactions appearing
in (2) (see Figure 2) or fermion pair annihilation into
two gauge bosons.

ψa(p2) ψb(p4)

ψ̄a(p1) ψ̄b(p3)

⇒

ψa(p2) ψb(p4)

ψ̄a(p1) ψ̄b(p3)

Figure 2: Four-fermion vertex induced by branon radiative
corrections.

Following [19] it is possible to use the data coming
from LEP, HERA and Tevatron on this kind of pro-
cesses to set bounds on the parameter combination
f2/(ΛN1/4). The results are shown in Table II. It is
interesting to see that the various constraints found
are not too different.

In a similar way, using the analysis in [20], it is pos-
sible to estimate the constraints that could be found
in the next generation of colliders. For that purpose,
we have taken into account the estimations calculated
by Hewett for future linear colliders like the ILC, the
Tevatron run II and the LHC (see Table III).

4. Electroweak precision observables
and anomalous magnetic moment

Electroweak precision measurements are very use-
ful to constrain models of new physics. The so called
oblique corrections (the ones corresponding to the W ,
Z and γ two-point functions) use to be described in
terms of the S, T, U [21] or the ε1, ε2 and ε3 parame-
ters [22]. The first order correction coming from the
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√
s (TeV) L (fb−1) f2/(N1/4Λ)

ILC 0.5 75 216

0.5 500 261

1.0 200 421

Tevatron II 1.8 0.11 63

2.0 2 83

2.0 30 108

LHC 14 10 332

14 100 383

Table III Estimated constraints on the parameter
f2/(ΛN1/4) in GeV for some future colliders.

Kaluza-Klein gravitons in the ADD models for rigid
branes to the parameter:

ε̄ ≡ δM2
W

M2
W

− δM2
Z

M2
Z

(4)

was computed in [23]. Translating this result to our
context as in the previous section we find:

δε̄ � 5 (M2
Z −M2

W )
12 (4π)4

NΛ6

f8
(5)

The experimental value of ε̄ obtained from LEP [24]
is ε̄ = (1.27 ± 0.16) × 10−2. This value is consistent
with the SM prediction for a light higgs mH ≤ 237
GeV at 95 % c.l. On the other hand, the theoretical
uncertainties are one order of magnitud smaller [22]
and therefore, we can estimate the constraints for the
branon contribution at 95 % c.l. as |δε̄| ≤ 3.2 × 10−3.
Thus it is possible to set the bound:

f4

N1/2Λ3
≥ 3.1 GeV ( 95 % c.l. ) (6)

This result has a stronger dependence on Λ (Λ6) than
the interference cross section between the branon and
SM interactions (Λ4). Therefore, the constraints com-
ing from this analysis are complementary to the pre-
vious ones.

A further constraint to the branon parameters can
be obtained from the µ anomalous magnetic moment.
The first branon contribution to this parameter can
be obtained from a one loop computation with the
lagrangian given by (2).

The result for the KK graviton tower was first cal-
culated by [25] and confirmed by [23] in a different
way and can be written as:

δaµ ≈ 2m2
µΛ2

3(4π)2
(11W1 − 12W2), (7)

which for the branon case can be written as:

δaµ ≈ 5m2
µ

114 (4π)4
NΛ6

f8
. (8)

This result depends on the cut-off Λ in the same way
as the electroweak precision parameters. However
the experimental situation is a little different. In a
sequence of increasingly more precise measurements,
the 821 Collaboration at the Brookhaven Alternat-
ing Gradient Syncrotron has reached a fabulous rel-
ative precision of 0.5 parts per million in the deter-
mination of aµ = (gµ − 2)/2 [26]. These measure-
ments provide a stringent test not only of new physics
but also to the SM. Indeed, the present result is only
marginally consistent with the SM. Taking into ac-
count the e+e− collisions to calculate the π+π− spec-
tral functions, the deviation with respect to the SM
prediction is at 2.6 standard deviations [27]. In partic-
ular: δaµ ≡ aµ(exp)−aµ(SM) = (23.4±9.1)×10−10.
Using Equation (8) we can estimate the preferred pa-
rameter region for branons to provide the observed
difference:

6.0 GeV ≥ f4

N1/2Λ3
≥ 2.2 GeV ( 95 % c.l. ) (9)

We observe that the correction to the muon anoma-
lous magnetic moment is in the right direction and
that it is possible to avoid the present constraints and
improve the observed experimental value by the E821
Collaboration.

There are two interesting comments related to these
results. First if there is new physics in the muon
anomalous magnetic moment and this new physics is
due to branon radiative corrections, the phenomenol-
ogy of these particles should be observed at the LHC
and in a possible future ILC (see Table III). In partic-
ular, the LHC should observe an important difference
in the channels: pp→ e+e− and pp→ γγ with respect
to the SM prediction. The ILC should observe the
most important effect in the process: e+e− → e+e−.

On the other hand, it is interesting to note that the
same physics that could explain the Dark Matter con-
tent of the Universe could also explain the magnetic
moment deficit of the muon. In fact, as we show be-
low, the above branon models with M ∼ 350 GeV or
M ∼ 850 GeV present the total non baryonic Dark
Matter abundance observed by different experiments
[6]. In such a case, the first branon signals at colliders
would be associated to the radiative corrections an-
alyzed in this work and not to the direct production
studied in previous articles [5].

5. Cosmological and astrophysical limits

The potential WIMP nature of branons means that
these new particles are natural dark matter candi-
dates. In [6] the relic branon abundance has been
calculated in two cases: either relativistic branons at
freeze-out (hot-warm) or non-relativistic (cold), and
assuming that the evolution of the universe is stan-
dard for T < f (see Fig. 2). Furthermore, if the max-
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Figure 2: Relic abundance in the f − M plane for a model

with one branon of mass M . The two lines on the left

correspond to the ΩBrh2 = 0.0076 and ΩBrh2 = 0.129 − 0.095

curves for hot-warm relics, whereas the right line corresponds

to the latter limits for cold relics (see [6] for details). The

lower area is excluded by single-photon processes at LEP-II [5]

together with monojet signal at Tevatron-I [5]. The

astrophysical constraints are less restrictive and they mainly

come from supernova cooling by branon emission [6].

imum temperature reached in the universe is smaller
than the branon freeze-out temperature, but larger
than the explicit symmetry breaking scale, then bra-
nons can be considered as massless particles decoupled
from the rest of matter and radiation. In such a case,
branons can act as nonthermal relics and, in the par-
ticular case in which the total number of dimensions
is six, it is possible to relate the cosmic coincidence
problem with the existence of large extra dimensions
[7].

If branons make up the galactic halo, they could be
detected by direct search experiments from the energy
transfer in elastic collisions with nuclei of a suitable
target. From Fig. 3 we see that if branons constitute
the dominant dark matter component, they could not
be detected by present experiments such as DAMA,
ZEPLIN 1 or EDELWEISS. However, they could be
observed by future detectors such as CRESST II,
CDMS or GENIUS [6].

Branons could also be detected indirectly: their an-
nihilations in the galactic halo can give rise to pairs
of photons or e+e− which could be detected by γ-
ray telescopes such as MAGIC or GLAST or anti-
matter detectors (see [6] for an estimation of positron
and photon fluxes from branon annihilation in AMS).
Annihilation of branons trapped in the center of the
sun or the earth can give rise to high-energy neutri-
nos which could be detectable by high-energy neutrino
telescopes such as AMANDA, IceCube or ANTARES.
These searches complement those already commented
in high-energy particle colliders (both in e+e− and
hadron colliders [5, 9]) in which real (see Fig. 2) and
virtual branon effects could be measured [6]. Finally,
quantum fluctuations of branon fields during inflation
can give rise to CMB anisotropies through their direct

Figure 3: Elastic branon-nucleon cross section σn in terms of

the branon mass. The thick (red) line corresponds to the

ΩBrh2 = 0.129 − 0.095 curve for cold branons in Fig. 2 from

N = 1 to N = 7. The shaded areas are the LEP-II and

Tevatron-I exclusion regions. The solid lines correspond to the

current limits on the spin-independent cross section from

direct detection experiments. The discontinuous lines are the

projected limits for future experiments. Limits obtained from

[28].

contribution to the induced metric (work is in progress
in these directions).

6. Conclusions

In this paper we have reviewed the main features
of branon physics. We have considered their main
phenomenological signals parametrized in terms of the
branon mass, the brane tension scale and the effective
theory cutoff scale. At the tree level, the most impor-
tant signals come from missing energy and momentum
events in single photon, single Z and monojet pro-
cesses in colliders. At one-loop level, the most inter-
esting processes are those involving new four fermion
interactions and finally, at the two-loop level, the
electroweak precision measurements and the muon
anomalous magnetic moment can also set bounds on
the model parameters. We have also considered the
limits coming from cosmology due to the WIMP-like
nature of branons. This, in turn, ensures the existence
of a relic abundance of branons, which could make up
the galactic haloes.

Acknowledgments

This work is partially supported by DGICYT
(Spain) under project numbers FPA 2000-0956 and
BFM 2002-01003 and by the Fulbright-MEC (Spain)
program. A.D. acknowledges the hospitality of the

1113

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



SLAC Theory Group, where the final part of this work
was done and economical support from the Universi-
dad Complutense del Amo Program.

References

[1] N. Arkani-Hamed, S. Dimopoulos and G. Dvali,
Phys. Lett. B429, 263 (1998) and Phys. Rev.
D59, 086004 (1999); I. Antoniadis et al., Phys.
Lett. B436 257 (1998)

[2] R. Sundrum, Phys. Rev. D59, 085009 (1999); A.
Dobado and A.L. Maroto Nucl. Phys. B592, 203
(2001)

[3] M. Bando et al., Phys. Rev. Lett. 83, 3601 (1999)
[4] J.A.R. Cembranos, A. Dobado and A.L. Maroto,

Phys. Rev. D65, 026005 (2002) and hep-
ph/0107155

[5] J. Alcaraz et al. Phys. Rev. D67, 075010 (2003);
J.A.R. Cembranos, A. Dobado, A.L. Maroto,
hep-ph/0405286 and AIP Conf.Proc. 670, 235
(2003)

[6] J.A.R. Cembranos, A. Dobado and A.L. Maroto,
Phys. Rev. Lett. 90, 241301 (2003); T. Kugo
and K. Yoshioka, Nucl. Phys. B594, 301
(2001); J.A.R. Cembranos, A. Dobado and A.L.
Maroto, Phys. Rev. D68, 103505 (2003); hep-
ph/0307015; hep-ph/0402142; hep-ph/0405165
and hep-ph/0406076; AMS Collaboration, AMS
Internal Note 2003-08-02

[7] A.L. Maroto, Phys. Rev. D69, 043509 (2004) and
Phys. Rev. D69, 101304 (2004)
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Structure Formation through Cosmic Bose Einstein Condensation 

-Unified View of Dark Matter and Energy- 
Masahiro Morikawa  
Physics Department, Ochanomizu University, Tokyo, 112-8610, Japan 

Structure formation processes are discussed in the BEC(Bose-Einstein Condensation) cosmological model, in which, the boson 
dark matter (DM) gradually condensates into the uniform dark energy (DE) with negative pressure. This global condensate 
itself yields the accelerated expansion of the Universe. On the other hand, this component becomes unstable after its dominance 
and eventually collapses into black holes and other compact objects. Such components behave as highly localized cold dark 
matter.  They become the seeds of galaxies and quasars. It is important that such rapid formation of highly compact object does 
not affect the uniformity in CMB and the power spectrum of density fluctuations in the linear stage. The possibility of the 
repeated sedimentation of condensate is proposed, which guarantees the autonomous self-regularization of the ratio DE/DM to 
become order one. 

1. INTRODUCTION 

The present model of the universe is hybrid in the sense 
that the unknown dark matter (DM) and dark energy (DE) 
independently dominate the cosmic energy density.１２ A 
complete cosmological model cannot be established 
without clarifying such unknown components in the 
universe.  

There are several models which unifies the above two 
dark components introducing a scalar field３ or the fluid 
with peculiar equation of state４. In this article, we would 
like to explore further such unified model introducing the 
Bose-Einstein condensation model for DE/DM. We 
propose a unified model of DE and DM in the context of a 
cosmic phase transition and, consequently, we are led to a 
new scenario for the early formation of highly non-linear 
objects. The key feature of the DE would be the volume-
independent negative pressure, which guarantees the 
accelerated cosmic expansion through the Einstein 
equation for the scale factor 

( ) ( )( ) ( )4 /3 3a t G p a tπ ρ= − +�� .  
We would like to reconsider the origin of the scalar field 

which is often used in the cosmological models. Moreover, 
we would like to consider not only the coherent field 
component but also the cold gas component as well. A 
natural consideration leads to the model of the Bose-
Einstein condensation (BEC) of a boson field with 
attractive interaction５. A naïve expectation would be to 
identify the condensation as DE and the exited boson gas 
as DM. However such expectation needs some elaboration 
as we will see later in detail. The inevitable negative 
pressure of the condensate makes this component unstable, 
and they would eventually collapse into highly non-liner 
objects such as black holes very rapidly. They will behave 
as cold dark matter as well in the later stage. Thus we 
should consider the three different kinds of components in 
our BEC model; uniform excited boson gas, uniform 
condensate, and highly non-linear compact objects.   

In this BEC model, we are faced upon the quantum 
structure of the Universe since the DE dominance means 
that the present universe is in almost the ground state 
described by a big wave function of the quantum 
condensate.  

This nature is in accord with a general mechanism of the 
structures formation in cosmology. That is, all the basic 
structures are formed through phase transitions and the 
quantum mechanical principle yields the origin of detailed 
structures. This general mechanism especially applies to 
the inflationary stage in the early universe. The evolution 
of the classical inflaton filed corresponds to the 
development of the c-number order parameter in a big 
phase transition and the density fluctuation owes its origin 
in the quantum uncertainty principle.  

There are plenty of examinations on the observational 
validity of the generalizations of or deviations from the 
standard cosmological model ６ . Especially the power 
spectrum and the uniformity in CMB data allow only very 
small deviations from the standard model. Therefore for 
example, the parameter rage of the generalized chaplygin 
gas model is strongly suppressed; actually no deviation is 
allowed from the standard equation of state.  

On the other hand in our model, we do not seek for a 
small allowed deviation from the standard model, but we 
explore the different extreme limit. The homogeneous 
BEC is quite unstable and all the fluctuation modes 
develop. Among them, the instability in the smallest scale 
is the largest and the time scale of the collapse is the 
shortest. Therefore the smallest scale non-linearity 
naturally develops first. Moreover in this process the 
uniform original BEC component disappears in the course 
of the formation of compact objects. Therefore this 
process has no significant effect on the larger scale density 
fluctuations.  

The above mechanism of BEC collapse is similar to the 
collapse of a huge soap bubble. The bubble surface rapidly 
fragments into many pieces when a tiny trigger is applied 
to the original soap bubble.  

Basic model we construct would have the following 
general features:  
1. Bose gas is introduced as DM which initially 

dominates the energy density and the condensate of 
the boson is identified as DE.  

2. The condensate has negative pressure due to its 
attractive interaction. For the spatially uniform 
component of BEC, this negative pressure works as a 
cosmological constant and guarantees the accelerated 
expansion.  
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3.  The sedimentation of the condensate slowly proceeds in 
the cosmic evolution.  

4.  When the energy density of BEC exceeds some critical 
value, it collapses into compact boson stars or black 
holes, which work as the standard cold dark matter and 
provides the seeds of galaxies. Simultaneously a new 
sedimentation process begins. This cycle of slow 
sedimentation-and-rapid collapse repeats many times. 
These rapid collapses take place well after the photon-
decoupling stage, and therefore the large scale 
structure predicted by the Λ CDM model and actually 
observed pattern in CMB fluctuations would not 
strongly be violated. 

 

2. COSMIC BEC MECHANISM 

General BEC initiates when the quantum coherence of 
each constituent particle overlaps with each other and the 
coherence spreads over the whole system. More precisely 
the BEC takes place in the system when the thermal de 

Broglie length ( )( )
1/222 /dB mkTλ π≡ �  exceeds the 

mean separation length of particles 1/3
n
− . This condition 

turns out to be
c

T T< , where the critical temperature 
becomes 

 
( )

2/322

3/2c

n
T

m

π

ζ
=

�     (1) 

and /n N V=  is the mean number density of the boson 
of the mass m . The critical temperature is also 
characterized by the transition point that the chemical 
potential µ  associated with the conservation of particle 
number N  within the volume V  shows singular behavior 

0µ → − . The condensation is possible only for non-

relativistic stage T m<  and the particle number N  is 
conserved. On this non relativistic stage, the cosmic 
energy density generally behaves as  

 
3/2

0 2
02

m T
n n

Tπ

⎛ ⎞⎟⎜= ⎟⎜ ⎟⎟⎜⎝ ⎠�
,    (2) 

where 0 0,n T  are the number density and the temperature 
at some moment in the non-relativistic stage. In deriving 
eq.(2), we have used the fact that the evolution is adiabatic 
in the sense that the entropy per particle  

 ( ) ( )( )3/25/2 3/2 2/ ln / 2 /s n e mT nπ= �  (3) 

is conserved. The dominant component is the matter and is 
not the radiation on this stage; the temperature in Eq.(2) is 
the matter temperature. The number-density dependence of 

the temperature 2/3
T n∝  in Eq.(2) is the same as that in 

Eq.(3). (Figure 1.) Therefore the condition CT T<  sets 
the upper limit of the boson mass; if we adopt the value 

-30 39.44 10 g/cm
now
ρ = , then 2 eVm < . If this 
condition holds, the BEC process starts when the boson 
becomes non-relativistic and it continues afterwards.   

 
Figure 1. A schematic diagram of the temperature-
density relation in the Universe. A thick line represents 
the critical temperature, Eq.(1), below which the BEC 
proceeds. The part of broken line is in the temperature 
higher than m and the matter is relativistic. Therefore 
BEC does not take place there. A thin solid line 
represents the evolution of the cosmic energy density 
Eq.(2). The arrow shows the direction of the cosmic 
evolution.  

 

3. QUANTUM LIQUID MODEL OF COSMIC 
BEC  

For describing the dynamics of BEC, it is usually 
adopted to use the mean-field analysis７  based on the 
Gross-Pitaevskii equation. This equation has a form of 
non-linear Schrödinger equation, 

 
2

2

2
i V g

t m

ψ
ψ ψ ψ ψ

∂
= − ∆ + +

∂

�
� ,  (4)  

where ( ),x tψ
�

 is the condensate wave function, ( )V x
�

 is 

the potential, 24 /g a mπ= � , and a  is the s-wave 
scattering length. If we polar decompose the wave 
function as iS

neψ = , and define the velocity as 

/v S m= ∇
��

� , then Eq.(4) reduces to a pair of the 
continuity equation and the hydrodynamic-like equation, 

 
2 2

0
2 2

v mv
m V gn n

t m n

⎛ ⎞∂ ⎟⎜+ ∇ + + − ∆ =⎟⎜ ⎟⎟⎜⎜∂ ⎝ ⎠

� � �
,  (5) 

If we disregard, in this equation, the last term in the 
parenthesis, which is quantum origin ( 2

∝ � ), it would be 
a complete hydrodynamic equation. This term can be 
actually neglected if the wave number of the mode k  
satisfies 2 2 22 /

c
k k mgn< ≡ � ;  i.e. large scale mode. 

Further, if we choose the attractive interaction ( 0g < ), 
BEC can be described as fluid with negative pressure.  

We introduce the following simple model for the BEC: 
Boson gas is identified as cold DM with the equation of 
state 0p =  and the condensate as DE with p ρ= − . The 
sedimentation of BEC in the uniformly expanding 
Universe slowly proceeds with the time scale 1−

Γ . This 
setting is very similar to the chaplygin gas model８ with 
the equation of state /p A ρ= − , except that in the latter, 
DE and DM properties are simultaneously included in this 
single equation of state of a single phase.  

 
 

ρ

T

0ρ

 
 

 
    

m
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Since the Universe is initially extremely uniform, this 
condensation would also be uniform. The energy density 
of the excited boson gas is diluted by the cosmic 
expansion, however, that of condensate is not diluted. This 
is because the work supplied to expand the volume V  to 
V dV+   is pdV dVρ− = , which is exactly the 
necessary and sufficient amount of energy to produce the 
new condensate in the region dV  with the same energy 
density. Therefore eventually the condensate would 
dominate the excited gas component and the expansion 
law of the Universe changes from the decelerated 
expansion to the accelerated expansion.   

In the early stage when the boson gas density dominates 
that of condensate, density fluctuations are controlled by 
the dominant component, i.e. the boson gas, and their 
evolution is described by the standard Λ CDM model. 
However in the later stage when the condensate density 
dominates the boson gas density, the situation drastically 
changes. The linear perturbation equation for the gauge 
invariant quantity  

( ) ( )1 /w a v b kδ∆ = + + −�    (6) 
obeys the evolution equation 

 
( )( )

( )

2

22

2 2

2 3 2

3
1 6 8 3

2

k s k

s

s k

w c

kc
c w w

aH

ξ′′∆ + + − − ∆ ′

⎛ ⎞⎛ ⎞ ⎟⎜ ⎟⎜ ⎟⎜= − + − − ∆⎟⎜ ⎟⎜ ⎟⎟⎜ ⎟⎜ ⎟⎜ ⎝ ⎠⎜⎝ ⎠

,(7) 

where ( )
( )

ln

d

d a
≡′

�

� , and we have set zero spatial 

curvature９. For the equation of state p ρ= − ,   

( )2

2

2
1, 1, 0

2
s

Hp p
w c

H
ξ

ρ ρ

′∂
≡ = − ≡ = − ≡ =

∂
, (8) 

and therefore 
 ( )/k k kδ δρ ρ∆ = ≡ .   (9) 

Then Eq.(7) reduces to  

 ( )
2

5 6k k k

k

aH
δ δ δ

⎛ ⎞⎟⎜′′ + = − − ⎟′ ⎜ ⎟⎟⎜⎜⎝ ⎠
.  (10) 

According to this, a small scale mode 2 2
6k H>�  rapidly 

grows, and an almost cosmic horizon scale mode 
2 2

6k H<�  slowly decays, where the comoving wave 

number /k k a≡
�  is defined. Moreover, the smaller the 

fluctuation scale, the faster the growing process:  

( )exp /k tk Hδ ∝
� .    (11) 

Note that this rapid collapse is related with the fact that in 
the gas of negative pressure, there is no sound wave 
( 2

0Sc < ). The situation now considering is not the (never 
growing) density fluctuations in the de Sitter space in 
which the pressure is a strict constant.  

   In the above, we have considered only the linear stage 
of the collapse of BEC. Eventually the dynamics terns into 
the non-linear collapsing phase on which we now study. 
We suppose a uniform spherically distributed over-density 
region of BEC of radius r  and density ρ as an initial 

condition. Since the pressure gradient is non vanishing 
only on the surface of the sphere, the surface is 
isotropically compressed to form a dense skin. In this 
process, the skin region with the widthdr acquires energy 

( )2 2
4 4r dr p r drπ π ρ− =   which is exactly the mass of 
the skin. Therefore the skin soon acquires the light 
velocity. The skin itself has large negative pressure in 
magnitude and therefore self-focuses. Since this skin is 
still located in the same pressure gradient, it is further 
compressed and eventually it wipes up the whole 
condensate toward the center. (Figure 2.) Disregarding the 
gravity which is of a secondly importance in the present, 
this collapsing process can be expressed in the evolution 
equation of the skin radius,   

 
( )

2
4

t

t

d m r
r

dt

γ
π ρ= −

�

,   (12) 

where  

 ( )3 3
0

4

3
t tm r r

π
ρ= −    (13) 

is the time dependent total mass of the skin, and the right 
hand side of Eq.(12) is the total force acting on the skin 

2
4 tr pπ . All solutions of Eq.(12) turn out to approach 
asymptotically to the constant velocity solution  

 1.62, 0.79rγ ≈ ≈� .   (14) 

Thus the collapse of the condensate is almost the light 
velocity. 

 
Figure 2. A schematic diagram of BEC collapse.  A 
spherical symmetric condensate (marked in pink and 
red) region has a pressure gradient on the surface. The 
compression from outside yields the high density skin 
(marked in red), which eventually collapses toward the 
center with almost the speed of light.  

 
Self gravity of the sphere would further accelerate the 

skin collapse especially in the later stage. The collapse 
would continue until the Heisenberg uncertainty principle 
begins to support the structure (the same effect due to the 
last term in the parenthesis in Eq.(5)), or a black hole is 
formed, or it bounces back outward if the condensate melts 
at the final stage of the collapse. Anyway the collapsed 
condensate forms highly localized compact objects 
classified as cold dark matter.  

The above consideration is only on the unnatural 
spherically symmetric configuration. However the 
collapsing mechanism is robust and the similar argument 
holds, for example, also for one-dimensional collapse. 
Suppose a negative energy region is sandwiched by a low 
energy region, with parallel flat boundary surfaces. Then 

dr

 
 0p =

 
p ρ= −
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the width of the high energy region ( )r t follows the 
evolution equation, disregarding gravity,   

 
( )td m r

p
dt

γ
ρ= = −

�

   (15) 

where the mass of the compressed skin of unit area is 
( ) ( ) ( )( )/2 0tm r r tρ= − .  (16)  

All the solutions asymptotically approach toward the 
solution with constant velocity 

0.91, 2.41r γ≈ ≈� ,    (17)  

as in the previous example. Thus the BEC collapse with 
almost the light speed is considered to be a general robust 
feature of the fate of BEC in the Universe.  

4. GRADUAL SEDIMENTATION OF THE 
CONDENSATE -SELF ORGANIZED 
CRITICALITY- 

   We now turn our attention to the global evolution of 
DE/DM in the expanding Universe. The evolution of the 
various energy densities are phenomenologically given by  

8
, ,

3

, 3 , 3 ,

c g l

c g g g g l l

a G
H

a

H H

π ρ
ρ ρ ρ ρ

ρ ρ ρ ρ ρ ρ ρ

= + + ≡ =

= Γ = − − Γ = −

�

� � �

 (18) 

where cρ , gρ , and lρ  are the energy densities of 

condensate, excited boson gas, and the localized energy 
density after the rapid collapse, respectively. The latter 
two are classified as the cold dark matter.  

This set of evolution equations actually applies when the 
condensate does not dominate the energy density: 

c g lρ ρ ρ< + . Once it dominates c g lρ ρ ρ> +  after the 

time scale 1−
Γ  at around 

c
z z= , inhomogeneous 

components of the condensate would rapidly collapse, and 
some fraction of cρ  is transformed into lρ .  Then the 

condition c g lρ ρ ρ< +  is recovered and the gradual 

sedimentation of the condensate proceeds again following 
Eq.(18) during the time scale 1−

Γ . This repeated “chase 

and collapse” process by DE( cρ ) and DM( g lρ ρ+ ) self-

regularizes the ratio of them to be fixed of order unity: 

c g lρ ρ ρ≈ + . (Figure 3.) This kind of autonomous 

dynamics designated as Self Organized Criticality (SOC) 
is widely known and observed in nature in various 
places１０.    

   In the late stage when the Universe is locked in this 
SOC phase, let us approximate c g lρ ρ ρ= + . Then the 

Einstein equation  
( ) ( )( ) ( )

( ) ( )2

4 /3 3 ,

/ 8 /3

a t G p a t

a a G

π ρ

π ρ

= − +

=

��

�

  (19) 

 has the solution 

 ( ) ( ) ( )
4/3 3/2

,a t t t a tρ
−

∝ ∝   (20) 

which corresponds to the deceleration parameter 
2 1/4q aaa
−

= − = −�� � .     
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Figure 3. A simulation of the set of Eq.(18). The 
various energy density is plotted against the redshift. 
The green line represents the BEC condensation cρ , 

the red line represents the gas component gρ , and the 

blue line represents the compact collapsed 
component lρ . We set the parameter 0.01Γ =  in the 

unit of 8 /3 1Gπ = , and the transition rate 

from cρ to lρ is set to be1/3  at each BEC collapse. The 
first BEC collapse occurs, in this simulation, at redshift 
about 120, which is well after the photon decoupling. 
After 22 cycles of BEC collapse and cρ  dominance, 

DE( cρ ) and DM( g lρ ρ+ ) autonomously self-

regularize their ratio to be of order unity. These basic 
features are robust and are independent of the choice 
of parameters.  

5. PREDICTIONS AND OBSERVATIONAL 
TESTS OF THE MODEL 

The above unified model of DE/DM through BEC phase 
transition has various characteristic properties in practical 
applications. We now examine some of them and show 
how our model is tested.  
 
(a) Power spectrum of the density fluctuations  

The collapse of the condensate proceeds in the smallest 
scale. This is because the density fluctuation is stronger in 
the smaller scale, and the collapse proceeds with almost 
the speed of light. Consequently vary compact highly non-
linear objects are coherently formed everywhere in the 
Universe. This feature may mislead the reader to believe 
that all the fluctuations are extraordinary enhanced in our 
model. We now see this is actually not a case. The essence 
is the fact that the unstable period is too short for the 
density fluctuations to evolve sufficiently.  

Suppose the linear density fluctuation of the scale 

( )/ 1/l a k k= =
�  with / 1k H� �  which corresponds to 

the small physical scale, and we assume the power law 

cosmic expansion 2/3 2/3
a t H

−

∝ ∝  for the moment. 

Then according to Eq.(10), the growing mode behaves as 

 ( )2 / 4 / 3k H k H
a tδ ≈ ≈

� �

.   (21)  
On the other hand the time duration for the region of scale 
l to collapse according to the previous mechanism would 
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be /
c
t l c= which is proportional to 1/k� . Then within 

this time interval /
c
t l c= , the density fluctuation evolves 

as  

 ( )
( )4 / 3

4/3
1 3.8

c

k H
t t

t

H
e

k

δ

δ

+
= + ≈ ≈

�

�

,  (22) 

and after this short period, after the BEC collapse, the 
Universe recovers the ordinary evolution dynamics 
dominated by the cold dark matter. The above ratio is the 
largest enhancement; larger scale density fluctuation is 
less amplified. Actually, for example, the fluctuation mode 
of the scale ten times larger than l  would have the 
enhancement factor about 1.1 . Even if the cosmic 
expansion is the power law, Ht

a e∝ , the enhancement in 
the density contrast becomes  

 2 2
7.4

c
c

t t kt

t

e e

δ

δ

+
= ≈ ≈

�

  (23) 

The reason of these comparatively small enhancements 
in the limited region of scale is the fact that, despite the 
quite large instability for δ , the evolution period is limited 
to be within a tiny time interval [ , ]

c
t t t+ . Therefore the 

overall enhancement factor is cancelled and stays to be a 
tiny value. 

Of course the enhancement factor below the scale l is 
extremely large and well within the non-linear regime. 
Since such compact objects are uniformly distributed 
everywhere in the Universe, they cannot gravitationally 
affect the fate of the larger scale density fluctuations.  
(b) Power spectrum of CMB  

The collapse of the condensate must take place well 
after the photon decoupling time ( 1000

c
z < ). Otherwise, 

the BEC collapse definitely leaves any imprints in CMB 
fluctuation pattern and the model severe conflicts with 
observations. In our previous simulations, the first collapse 
takes place at about redshift 120.  

However the integrated Sacks-Wolfe effect, which 
originates from the non-uniform gravitational potential 
after the decoupling time, has a chance to modify the 
spectrum. Even this is the case, since the strongest non-
linear structure forms in the smallest fluctuation size in our 
BEC model, such effect would actually never been 
detected.   
(c) Compact objects 

Our model has conspicuous features especially in the 
smaller scales. Once the condensate dominates the comic 
energy density, vary rapid collapses take place in the 
smallest scale of density fluctuations everywhere in the 
Universe. Associated with this process, the collapsing 
object can easily fragment into many pieces because the 
pressure is always negative. Therefore we can expect the 
large amount of collapsing objects.  

For bosons, only the Heisenberg uncertainty principle 
can support the structure against the complete collapse. 
This is the quantum pressure expressed in the last term of 
the LHS in Eq.(5). This structure is known as the boson 
star１１ . The size R  of the object is of order of the 

compton wave length: 
2

2comton R
mc

π
λ = ≈

�
. This size 

must be larger than the Schwarzschild radius 
22 /R GM c>  for this object not to collapse into a black 

hole. These equations yield the critical mass for the boson 
star, 

 2 /critical pl KAUPM m m M≈ ≡ ,  (24) 

only below which a structure can exist. For example, 
5

10  eVm
−

=  yields the critical mass abut the Earth 

mass: 5
10criticalM M M
−

⊕= =� . These compact 
structures would have captured in the process of star 
formation. Moreover, such seed boson star and the 
condensate should be melted into boson gas in the high 
temperature stellar center, leaving no detectable relic in 
principle.  
(d) A first galaxy harbors a giant black hole.  

If the fluctuation mass is larger than the critical 
mass criticalM M> , then the collapse continues until a 
black hole is formed. In this process, 
since 0, 0p dV< < , no heating is expected 

thermodynamically. However the gravitational energy 
released in this collapse would be 2 /GM R , and if this 
amount of energy is used to heat up the condensate, then 
the temperature would be, from 2 /NT GM R≈  

andR GM≈ ,  

 
GM

T m m
R

≈ ≈ .   (25) 

Precisely at this point the boson becomes 
relativistic T m≈ and the particle number no longer 
conserves. Then the chemical potential is not well defined 
and the condensation melts into the ordinary gas with 
positive pressure. Therefore the boson gas stops collapse 
and violently expands outward. In this process, some 
fraction of the condensate would form a central black hole 
and the rest of the condensate would melt into the ordinary 
gas and expand outward. The point of our model is the fact 
that the formation of giant black holes is quite easy and 
natural. Even more, there would be a variety in mass 
spectrum of black holes thus formed through BEC collapse.  

The gravitational potential of this structure attracts 
baryon to form a cluster around the central black hole. If 
the size is appropriate there forms a galaxy, which harbors 
a black hole in the center and the boson gas and baryon in 
the outskirts. The size of the main part of the galaxy would 
be determined by the initial gravitational potential formed 
by the central black hole.  

What would happen for the expanding boson gas? The 
expansion of once melted boson gas keeps the relation  

 
3

,

GM M
T m

R R
ρ≈ ≈    (26) 

and therefore 1/3
T ρ∝ . Since this temperature is still 

below the critical temperature, the boson gas would 
eventually re-collapse. Then the condensation melts and 
the boson expands again.  Apparently this bounce repeats 
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multiple times with dissipation until the gas thermalizes 
completely.   

Our model can provide a mechanism of biasing, which 
is inevitable in the ordinary scenario of structure formation 
only through the gravitational instability. The early 
formation of highly non-linear objects is due to the 
pressure of BEC and not due to the gravity. In the 
literature, there have been many such non-gravitational 
scenarios of the structure formation. Our model can be 
seen as one of those approaches. Our model is strongly 
bottom-up type.  
(e) Re-ionization of the Universe 

One of the conspicuous features of BEC model is the 
sudden coherent formation of many huge black holes 
everywhere in the Universe in the very early stage. The 
coherence is naturally expected since the BEC collapse is 
a phase transition. According to this scenario, the first 
astronomical object which emits light would be the system 
of a black hole and the accreting matter around it. Let us 
now call this system as quasar in general.   

Quasars can re-ionize the Universe more efficiently that 
the ordinary stars. This is because the observation of the 
distant quasars, assuming they are the same type as the 
primordial quasars in our model, reveals that the 
luminosity of the quasars are about 100 to 1000 times 
larger than that of the ordinary galaxies as simple 
collection of shining stars. Moreover, all the features of 
BEC model such as “early sudden coherent formation of 
many huge black holes everywhere” naturally lead to the 
concept of “cosmic re-ionization phase transition”.  
Quantitative investigations are at present under progress.  

 

6. SUMMARY AND FURTHER 
DEVELOPMENTS 

We have so far explored a cosmological model based on 
the BEC. The condensate of the boson is identified as the 
dark energy (DE) and the excited gas, as well as the 
collapsed component, is naturally identified as dark matter 
(DM). In order to guarantee the cosmic acceleration 
observed, BEC should have negative pressure which is, for 
example, induced by the attractive self-interaction of the 
boson field. This point is different from other approach to 
yield negative pressure based on the vacuum property.  

Once gradually condensed DE dominates the cosmic 
energy density at

c
z z= , rapid collapses of the condensate 

occur in the smallest scale to form compact objects such as 
boson stars and black holes. They provide the seeds of 
galaxies and quasars, the first object which emits light. 
This non-linear collapsing process should be studied more 
precisely.  

After the depletion of BEC condensate, the 
sedimentation starts again until it dominates and rapidly 
collapses. This sedimentation-collapse cycle repeats many 
times and the Universe self-organizes the DE/DM ratio of 
order one.  

In the context of BEC, there are many laboratory 
experiments using alkaline atom gas, in which almost ideal 

BEC is realized１２. Especially the collapse dynamics of 
BEC with negative pressure １３ １４  may be useful to 
develop our cosmological BEC model. In this context, for 
the precise argument, we need to generalize the Gross-
Pitaevskii equation Eq.(4) relativistic. The formal 
development is easy. Actually starting from the Kline-
Gordon equation  

 ( ) ( )2 †

3!
m

λ
φ φ φ φ+ = −�   (27)  

where 2

t

µ

µ= ∂ ∂ = ∂ −� � , and similar decomposition 
iS

Aeφ =  and the definition of the 

velocity u S
m

µ µ= ∂
�

, v S
m

= ∇
�� �

 yields the continuity 

equation and the relativistic fluid equation.  

2 2

22
1

0
2 2 12 2

v mv
m A A

mAt

λ
ε

⎛ ⎞∂ ⎟⎜+ ∇ + + =⎟⎜ ⎟⎟⎜⎜⎝
+

∂ ⎠

�
�

� ��
 (28) 

where mε γ= . In the non-relativistic limit mε →  and 

0A→�� , this equation reduces to (5) with the 
correspondence / 12gλ ε ↔ . What we need is to extract 
the exact equation of state from this form. Further 
developments will be reported in some other places.  
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We investigate the thermal relic density of a cold dark matter in the brane world cosmology. Since the expansion
law in a high energy regime is modified from the one in the standard cosmology, if the dark matter decouples in
such a high energy regime its relic number density is affected by this modified expansion law. We derive analytic
formulas for the number density of the dark matter. It is found that the resultant relic density is characterized
by the “transition temperature” at which the modified expansion law in the brane world cosmology is connecting
with the standard one, and can be considerably enhanced compared to that in the standard cosmology, if the
transition temperature is low enough. As an application, the thermal relic density of the neutralino dark matter
in the brane world cosmology is studied. For the neutralino, if the five dimensional Planck mass M5 is lower than
104 TeV, the brane world cosmological effect is significant at the decoupling time and the resultant relic density
is enhanced. We calculate the neutralino relic density in the Constrained Minimal Supersymmetric Standard
Model (CMSSM) and show that the allowed region is dramatically modified from the one in the standard
cosmology and eventually disappears as M5 is decreasing. Thus, we find a new lower bound on M5

>
∼ 600 TeV

based on the neutralino dark matter hypothesis, namely the lower bound in order for the allowed region of the
neutralino dark matter to exist.

1. INTRODUCTION

Recent cosmological observations, especially the
Wilkinson Microwave Anisotropy Probe (WMAP)
satellite [1], have established the ΛCDM cosmological
model with a great accuracy and the relic abundance
of the cold dark matter is estimated as (in 2 σ range)

ΩCDMh2 = 0.1126+0.0161
−0.0181. (1)

On the other hand, theoretically, if the dark matter is
the thermal relic, the present number density is esti-
mated as

Y |0 ≡
nCDM

s

∣

∣

∣

0
'

xd

λσ0

for n = 0,

2x2
d

λσ1

for n = 1, (2)

with a constant

λ = 0.26

(

g∗S

g
1/2
∗

)

m
√

G
(3)

for models in which the thermal averaged product
of the annihilation cross section σ and the relative
velocity v, 〈σv〉, is approximately parametrized as
〈σv〉 = σnx−n with x = m/T , where g∗ is the ef-
fective total number of relativistic degrees of freedom,
xd = m/Td, Td is the decoupling temperature and m
is the mass of the dark matter particle and G is the
Newton’s gravitational constant [2].

Note that the thermal relic density of the dark mat-
ter depends on the underlying cosmological model as
well as its annihilation cross section. A brane world

cosmological model which has been intensively inves-
tigated [3] is a well-known example as such a non-
standard cosmological model. The model is a cos-
mological version of the so-called “RS II” model first
proposed by Randall and Sundrum [4], where our 4-
dimensional universe is realized on the “3-brane” lo-
cated at the ultra-violet boundary of a five dimen-
sional Anti de-Sitter spacetime. In this setup, the
Friedmann equation for a spatially flat spacetime is
found to be

H2 =
8πG

3
ρ

(

1 +
ρ

ρ0

)

, (4)

where

ρ0 = 96πGM6
5 , (5)

H is the Hubble parameter, ρ is the energy density
of matters, M5 is the five dimensional Planck mass,
and we have omitted the four dimensional cosmolog-
ical constant and the so-called dark radiation term.
The second term proportional to ρ2 is a new ingre-
dient in the brane world cosmology and lead to a
non-standard expansion law. Since at a high energy
regime this term dominates and the universe obeys a
non-standard expansion law, some results previously
obtained in the standard cosmology can be altered.
In fact, some interesting consequences in the brane
world cosmology have been recently pointed out. For
example, the novel possible solution to the “gravitino
problem” by the modified expansion law is pointed
out [5].

Here, we investigate the brane cosmological effect
for the relic density of the dark matter due to the non-
standard expansion law. If the new term in Eq. (4)
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dominates over the term in the standard cosmology
at the freeze out time of the dark matter, it can cause
a considerable modification for the relic abundance of
the dark matter [6].

After deriving an analytic formula for the relic den-
sity of the dark matter [6], we apply this result to
a concrete candidate, neutralino. The lightest super-
symmetric particle (LSP) is suitable for a cold dark
matter, because they are stable owing to the conser-
vation of R-parity. In the minimal supersymmetric
standard model (MSSM), the lightest neutralino is
typically the LSP and the promising candidate for the
cold dark matter. In the light of the WMAP data, the
parameter space in the Constrained MSSM (CMSSM)
which allows the neutralino relic density suitable for
the cold dark matter has been recently re-analyzed [7].
It has been shown that the resultant allowed region is
dramatically reduced due to the great accuracy of the
WMAP data. By taking account of the modified ex-
pansion law in brane world cosmology, we estimate
numerically the neutralino relic density in the brane
world cosmology and show that the allowed region for
the neutralino dark matter in the CMSSM is dramat-
ically modified in the brane world cosmology [8].

2. DARK MATTER RELIC DENSITY IN
BRANE WORLD COSMOLOGY

In this section, we derive the general analytic for-
mula for the relic density of the dark matter in the
brane world cosmology with a low five dimensional
Planck mass [6].

In the context of the brane world cosmology, the
thermal relic density of a dark matter particle is eval-
uated by solving the Boltzmann equation

dn

dt
+ 3Hn = −〈σv〉(n2 − n2

EQ), (6)

with the modified Friedmann equation Eq. (4), where
n is the actual number density of the dark matter
particle, nEQ is the equilibrium number density. It is
useful to rewrite Eq. (6) into the form,

dY

dx
= λ

x−2

√

1 +
(

xt

x

)4
〈σv〉(Y 2 − Y 2

EQ), (7)

where xt is defined as

x4
t ≡

ρ

ρ0

∣

∣

∣

∣

T=m

. (8)

At the era x � xt the ρ2 term dominates in Eq. (4),
while the ρ2 term becomes negligible after x � xt and
the expansion law in the standard cosmology is real-
ized. Hereafter we call the temperature defined as
Tt = mx−1

t (or xt itself) “transition temperature” at

which the expansion law of the early universe changes
from the non-standard one to the standard one. Since
we are interested in the effect of the ρ2 term for the
dark matter relic density, we consider the case that
the decoupling temperature of the dark matter Td

is higher than the transition temperature Tt, namely
xt > xd = m/Td.

At the early time, the dark matter particles are in
the thermal equilibrium and Y = YEQ + ∆ tracks
YEQ closely. After the temperature decreases, the de-
coupling occurs at xd roughly evaluated as ∆(xd) '
Y (xd) ' YEQ(xd). The solutions of the Boltzmann
equation during the xt > x > xd epoch are given as

1

∆(x)
−

1

∆(xd)
=

λσ0

x2
t

(x − xd) for n = 0,

λσ1

x2
t

ln

(

x

xd

)

for n = 1. (9)

Note that ∆(x)−1 is continuously growing without
saturation for n ≤ 1. This is a very characteris-
tic behavior of the brane world cosmology, comparing
the case in the standard cosmology where ∆(x) satu-
rates after decoupling and the resultant relic density is
roughly given by Y (∞) ' Y (xd). For a large x � xd

in Eq. (9), ∆(xd) and xd can be neglected. When x
becomes large further and reaches xt, the expansion
law changes into the standard one, and then Y obeys
the Boltzmann equation with the standard expansion
law for x ≥ xt. Since the transition temperature is
smaller than the decoupling temperature in the stan-
dard cosmology (which case we are interested in), the
number density freezes out as soon as the expansion
law changes into the standard one and can be roughly
evaluated as Y (∞) ∼ ∆(xt) in Eq. (9).

By adopting the approximate parametrization for
〈σv〉, we can obtain simple analytic formulas for the
relic number density of the dark matter as

Y (x → ∞) ' 0.54
xt

λσ0

for n = 0,

x2
t

λσ1 ln xt

for n = 1, (10)

in the limit xd � xt, where xd is the decoupling tem-
perature. Note that the results are characterized by
the transition temperature rather than the decoupling
temperature. It is interesting to compare these results
to that in the standard cosmology. Using the well-
known approximate formulas in the standard cosmol-
ogy, Eq. (2), we obtain the ratio of the relic energy
density of the dark matter in the brane world cosmol-
ogy (Ω(b)) to the one in the standard cosmology (Ω(s))
such that

Ω(b)

Ω(s)

' 0.54

(

xt

xd(s)

)

for n = 0,

1

2 ln xt

(

xt

xd(s)

)2

for n = 1, (11)
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Figure 1: Contours of the neutralino relic density Ωχh2 in the (m1/2, m0) plane for M5 = ∞ (upper left window), 4000
TeV (upper right window), and 2000 TeV (lower window) in the case of tan β = 50, A = 0 and µ > 0. The dotted,
dashed, solid and short-dash–long-dash lines correspond to Ωχh2 = 1.0, 0.3, 0.1 and 0.05, respectively. The shaded
regions (in red) are allowed by the WMAP constraint. The region outside the bold line, including the two axes, are
excluded by experimental constraints or the condition for successful electroweak symmetry breaking.

where xd(s) denotes the decoupling temperature in the
standard cosmology.

Thus, the consequence for the dark matter in brane
world cosmology is that the relic energy density can
be enhanced from the one in the standard cosmology
if the transition temperature is low enough.

If the above discussion is applied to detailed analysis
of the relic abundance of the neutralino dark matter,
we can expect a dramatic modification of the allowed
region in the CMSSM. In the next section, we present
the results.

3. THE APPLICATION TO THE
NEUTRALINO DARK MATTER

In this section, we study the enhancement effect
on the parameter space in a neutralino dark matter
model [8]. We calculate the relic density of the neu-
tralino, Ωχh2, in the CMSSM with the modified Fried-
mann equation Eq. (4). For this purpose, we have
modified the code DarkSUSY [9] so that the modi-
fied Friedmann equation is implemented.

The mass spectra in the CMSSM are determined by
the following input parameters

m0, m1/2, A, tan β, sgn(µ), (12)
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Figure 2: Ωχh2
vs. M5 for tan β = 50, m0 = 280 GeV, m1/2 = 360 GeV (left window) and tan β = 30, m0 = 2 TeV,

m1/2 = 490 GeV (right window) with A = 0 and µ > 0. The range of Ωχh2 between the two dash–dotted lines satisfies
the WMAP constraint.

where m0 is the universal scalar mass, m1/2 is the
universal gaugino mass, A is the universal coefficient
of scalar trilinear couplings, tan β is the ratio of the
vacuum expectation values of the two neutral Higgs
fields, and sgn(µ) is the sign of the higgsino mass pa-
rameter µ. With these input parameters, renormal-
ization group equations for the CMSSM parameters
are solved using the code Isasugra [10] to obtain the
mass spectra at the weak scale. In the present analy-
sis, we take A = 0 and µ > 0.

In Fig. 1, we show the allowed region in the
(m1/2, m0) plane consistent with the WMAP 2σ al-

lowed range 0.094 < Ωχh2 < 0.129 for tan β = 50,
A = 0 and µ > 0. The shaded regions (in red) are
allowed by the WMAP constraint. These figures con-
tains the contour plots of Ωχh2. The dotted, dashed,
solid and short-dash–long-dashed lines correspond to
Ωχh2 = 1.0, 0.3, 0.1 and 0.05, respectively. The region
among the bold line and the two coordinate axes is ex-
cluded by various experimental constraints (the light-
est Higgs mass bound, b → sγ constraint, the lightest
chargino mass bound etc.) [7, 11] or the condition for
the successful electroweak symmetry breaking. The
upper left window corresponds to the usual result in
the standard cosmology (M5 = ∞). The upper right
window and the lower window are the corresponding
results for M5 = 4000 TeV and 2000 TeV, respectively.
These figures clearly indicate that, as M5 decreases,
the allowed regions shrink significantly. The allowed
region eventually disappears as M5 decreases further.

Next, we present sensitivity of the relic density to
M5 in Fig. 2, fixing m0 and m1/2 as well as tan β, A
and sgn(µ). The left window, where we take tan β =
50, m0 = 280 GeV and m1/2 = 360 GeV, corresponds

to the point giving the smallest value of Ωχh2 in the
small mass region (m0, m1/2 < 1 TeV) for tan β = 50.

The range of Ωχh2 between the two dash–dotted lines
satisfies the WMAP constraint. For large M5

>
∼ 104

TeV, the (too small) relic density (Ωχh2 ≈ 0.02) in
the standard case is reproduced independently of M5.
This is because xt

<
∼ xd(s) is obtained for a such large

M5. As M5 decreases, however, the relic density Ωχh2

starts to be enhanced significantly, and it amounts to
≈ 10 for M5 ≈ 100 TeV. It is found that, through the
enhancement, an allowed region comes out for M5 in
the range of 1000 TeV <

∼ M5
<
∼ 1500 TeV.

On the other hand, the right window, where we take
tan β = 30, m0 = 2 TeV and m1/2 = 490 GeV, rep-

resents the point giving the smallest value of Ωχh2

in the higgsino-like region for tan β = 30. The M5

dependence is quite similar to the case in the left win-
dow. However, since the relic density Ωχh2 ≈ 0.01 in
the standard case is smaller than that in the left win-
dow, the WMAP allowed region is shifted to smaller
M5 region as 600 TeV <

∼ M5
<
∼ 800 TeV.

We cannot find the WMAP allowed region for M5
<
∼

600 TeV. Hence,

M5
>
∼ 600 TeV, (13)

is the lower bound on M5 in the brane world cosmol-
ogy based on the neutralino dark matter hypothesis,
namely the lower bound in order for the allowed region
of the neutralino dark matter to exist.

4. SUMMARY

We have investigated the thermal relic density of
the cold dark matter in the brane world cosmology.
If the five dimensional Planck mass is small enough,
the ρ2 term in the modified Friedmann equation can
be effective when the dark matter is decoupling. We
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have derived the analytic formulas for the relic den-
sity and found that the resultant relic density can be
enhanced. The enhancement factor is characterized
by the transition temperature xt, at which the expan-
sion law changes from the non-standard law to the
standard one.

In addition, we have studied the neutralino relic
density in the CMSSM in the brane world cosmology.
If the five dimensional Planck mass is low enough,
M5

<
∼ 104 TeV, the ρ2 term in the modified Friedmann

equation can be effective at the decoupling time. We
have presented our numerical results and shown that
the allowed region shrinks and eventually disappears
as M5 decreases. Through the numerical analysis, we
have found a lower bound on M5

>
∼ 600 TeV in the

brane world cosmology based on the neutralino dark
matter within the CMSSM.
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Approach to the Cosmological Constant Problem
with a Diluting Mechanism by Extra-Dimensions

S. Shimono∗
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The value of the cosmological constant has a gap of order 10−120 between observations and the standard theory.
It is called the cosmological constant problem (CCP), which has been considered hard to overcome while few
ten’s of years. Recently a mechanism of diluting the cosmological constant by an extra dimensional effect has
suggested by Dvali et al. [4]. That mechanism is that the crude cosmological constant is a Planck scale and
exists in the 4 plus extra dimensional entire space, but we observe this diluted in the 4-dimensional brane
embedded. Cho and Vilenkin have studied the 3-dimensional spherically symmetric extra space to examine the
Dvali et al.’s diluting mechanism [5]. But out approach is observing the dependence of Hubble expansion rate
H on the number of extra-dimensions n. So we have extended their model to an arbitrary (4 + n)-dimensional
one, and we have found new solutions numerically to get the relation between n and H, We have concluded
that n ≥ 3 is needed to obtain H = 0 if we assume the crude cosmological constant is the Planck mass.

1. INTRODUCTION

The energy density of the Universe is composed of
the matter ΩM0 = 0.3, and the cosmological constant
ΩΛ0 = 0.7 [1]. The observed present value of the
Hubble parameter is H0 ≈ 10−33eV. These estima-
tion implies the value of the cosmological constant is
Λ4 ≈ (10−3eV)4. On the other hand, a natural value
of a constant contained in a gravitational theory is
thought the Planck mass Mp ≈ 1018GeV. Both have
a gap of order

(10−3eV)4

M4
p

= 10−120. (1)

This inconsistency is called the cosmological constant
problem (CCP) [2, 3] and still remains to be solved.

Dvali et al.[4] has suggested the mechanism of di-
luting the cosmological constant by using the extra-
dimensional effect to overcome the CCP. This mech-
anism is that the observed effective cosmological con-
stant becomes so small because whose energy is con-
sumed to bend the bulk space even if the crude one is
such large as the Planck scale. And they have intro-
duced the conjecture such that

H = M∗

(

M4
∗

Λ4

)1/(n−2)

. (2)

Where M∗ is the (4 + n)-dimensional Planck mass.
If the number of extra dimensions n is greater than
3, Hubble parameter H is monotonically decreasing
function of the cosmological constant Λ4.

∗E-mail:shimono@tap.scphys.kyoto-u.ac.jp
†E-mail:chiba@phys.chs.nihon-u.ac.jp

Cho and Vilenkin [5] have constructed the concrete
model that has a 3-dimensional spherically symmet-
ric extra space. In theirs model, physically accept-
able solutions have features that bulk metric doesn’t
have a singularity at finite distance from the brane.
In that paper, solutions whose asymptotic forms have
the cigar ansatz and have the infinite bulk spaces were
found. The relation between the scalar field’s energy
interpreted as the crude cosmological constant and the
brane’s expansion rate is calculated by using these so-
lutions. And it is concluded that both have a positive
correlation and can be linear fitted against the Dvali
et al.’s conjecture (2).

Our approach is to observe the relation between the
number of extra-dimensions and the brane’s expansion
rate with the energy scale fixed near the Planck mass,
and obtain the condition of vanishing the expansion
rate. So we have extended Cho and Vilenkin’s model
to the arbitrary (4 + n)-dimensional one. We have
found new solutions under the condition that the po-
sition of the singularity becomes as far as possible and
the metric doesn’t have the divergence.

We have concluded that Dvali et al.’s conjecture
(2) cannot be reproduced by using our new bulk so-
lutions in any dimension n. But we have found that
the brane’s expansion rate is a monotonically decreas-
ing function of the number of the extra dimensions n.
And the expansion rate can vanish at the specific di-
mension.

2. MODEL

In this section, the extended (4 + n)-dimensional
model is constructed.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1128



2.1. Space-time structure

In this model, the brane is assumed a 4-dimensional
de-Sitter apace dS

4, and the extra space is a spher-
ically symmetric n-dimensional space R ×Cr S

n−1.
Where the number of extra dimensions n is greater
than 2. The entire manifold is wrapped product of
both spaces R ×Cr S

n−1 ×B dS
4, whose metric is

ds2 = dr2 + C(r)2r2dΩ2
n−1

+ B(r)2

(

−dt2 + e2Ht

3
∑

i=1

dxi2

)

. (3)

Where the brane’s coordinate is (t, x1, x2, x3) and H
is the positive constant expansion rate. The extra
space’s coordinate is (r, θ1, . . . , θn−1) and dΩn−1 is the
metric of an n − 1 dimensional sphere S

n−1. C(r)r,
B(r) are the radius of the extra space and the warp
factor depending on r only. We adopt the Einstein-
Hilbert action for the space-time dynamics such that

SE−H =
1

2κ2

∫

d4+nx
√

−gR. (4)

Where κ is the (4 + n)-dimensional gravitational con-
stant. In this paper, κ is independent of the number
of extra dimensions to make clear the effect of a di-
lution. g and R are the determinant and the Ricci
scalar of the metric (3).

2.2. Energy Momentum Tensor

The global defect in the n-dimensional spherically
symmetric space is introduced to construct the brane,
which is described by a multiplet of the scalar fields
φi with a Lagrangian density,

Sφ =

∫

d4+nx
√

−g

[

−
1

2
∂Aφi∂Aφi − V (φ)

]

. (5)

Where capital letters (A, . . .) and small letters (i, . . .)
run from 1 to 4 + n and from 1 to n respectively. Be-
cause we are thinking spherically symmetric solutions
only, the scalar multiplet has been assumed to have a
hedgehog configuration, φi = φ(r) · ξi/r. Where φ(r)
depends only on the radius coordinate r and ξi repre-
sent for the Cartesian coordinates of the extra space.
The potential of the scalar field V (φ) has minimum at
|φi| = φ = η such that

V (φ) =
λ

4
(φ2 − η2)2. (6)

The energy created by the scalar field is interpreted
as the crude cosmological constant existed in the en-
tire space, so φ’s vev holds about the Planck scale
η ≈ 1/κ.

2.3. Basic Equations

The Einstein equations and the EOM of the scalar
field are obtained by the action,

S = SE−H + Sφ. (7)

Independent components of the Einstein equations
and EOM of the scalar field have the forms

Gµ
µ = −

1

4

(4)R

B2
+ 3

B′′

B
+ 3

(

B′

B

)2

+ 3(n − 1)

(

B′

Br
+

B′C ′

BC

)

+ (n − 1)
C ′′

C
+

(n − 2)(n − 1)

2

(

C ′

C

)2

+ n(n − 1)
C ′

Cr
+

(n − 2)(n − 1)

2

(

1

r2
−

1

C2r2

)

= κ2

[

−
φ′2

2
−

(n − 1)φ2

2C2r2
−

λ

4

(

φ2 − η2
)2

]

, (8)

Gr
r = 6

(

B′

B

)2

+ 4(n − 1)

(

B′

Br
+

B′C ′

BC

)

+
(n − 2)(n − 1)

2

(

C ′

C

)2

+ (n − 2)(n − 1)
C ′

Cr

+
(n − 2)(n − 1)

2

(

1

r2
−

1

C2r2

)

−
1

2

(4)R

B2

= κ2

[

φ′2

2
−

(n − 1)φ2

2C2r2
−

λ

4
(φ2 − η2)2

]

, (9)

Gθi
θi

= −
1

2

(4)R

B2
+ 4

B′′

B
+ 6

(

B′

B

)2

+ 4(n − 2)

(

B′

Br
+

B′C ′

BC

)

+ (n − 2)
C ′′

C

+
(n − 3)(n − 2)

2

(

C ′

C

)2

+ (n − 1)(n − 2)
C ′

Cr

+
(n − 3)(n − 2)

2

(

1

r2
−

1

C2r2

)

= κ2

[

−
φ′2

2
−

(n − 3)φ2

2C2r2
−

λ

4

(

φ2 − η2
)2

]

.(10)

Here (4)R = 12H2 represents for the 4-dimensional
Ricci scalar depending on the expansion rate of the
brane. The prime denotes the differentiation with re-
spect to r. The equation of motion of the scalar field
is

φ′′ + (n − 1)

(

4

(n − 1)

B′

B
+

C ′

C
+

1

r

)

φ′

− (n − 1)
φ

C2r2
− λφ(φ2 − η2) = 0. (11)
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Eq.(9) imposes the constraint when solving eq. (8),
(10) and (11) as the second-order differential equa-
tions for B, C and φ.

3. ASYMPTOTIC SOLUTIONS

We have found asymptotic solutions which can be
written as the exact analytic forms. They were gotten
by solving eq.(8), (9), (10) and (11) analytically where
r has a large value.

3.1. H = 0 case

In case of H = 0, asymptotic solutions can be found
as follows. If n ≥ 3,

φ(∞) = η, (12)

B2(∞) = (arbitrary const.), (13)

C2(∞) = 1 −
(κη)2

n − 2
, (14)

where (κη)2 ≤ n − 2. From eq. (14), the sphere S
n−1

has a solid angle deficit such that

∆Ω =
2πn/2

Γ(n/2)
·
(κη)2

n − 2
. (15)

Where Γ is a gamma function. As κη approaches to√
n − 2, the deficit angle will consume the entire area.
In the previous works [5], the cigar type solutions in

n = 3 case are studied. These solutions have asymp-
totic forms

√
ληCr → constant. Exact analytic solu-

tions for arbitrary n ≥ 2 have been found such that

(κφ)2 =
2(n2 − 4) − (n − 1)(κη)2

(n + 5)
, (16)

B =
H

√
ληk

sin(
√

ληkr), (17)

λη2C2r2 =
(n − 1)(n + 5)(κη)2

2(n + 2)[(κη)2 − (n − 2)]
. (18)

Where,

k =

√

n + 2

2(n + 5)2
(κη)2 − (n − 2)

κη
. (19)

3.2. H 6= 0 case

In case of H 6= 0, B(∞) is not allowed to be a
constant yet. Instead, the linear form can hold such
that

φ(∞) = η, (20)

B2(∞) =
3

n + 2
H2r2, (21)

C2(∞) = −
(κη)2 − (n − 2)

n + 2
. (22)

Where (κη)2 ≥ n − 2 and C2(∞) takes a negative
value, which is meaning the sphere sector S

n−1 has a
sign (−1)n−1 for n ≥ 2.

4. NUMERICAL RESULTS

Differential equations to solve have a set of three pa-
rameters (n, κη, (κ/λ1/2)H). It is found by the numer-
ical integration that the proper relation among them
is obtained under the condition that the point of a
singularity becomes as far as possible. We call sets of
parameters this relation holds eigen values and call so-
lutions with eigen values physically proper solutions.
Solutions obtained from parameters deviated from the
eigen value have a divergence of B or C. Similar sit-
uations are considered in [5] for the cigar ansatz, but
we adopted our new solutions found numerically.

In the case of (κη)2 ≤ n − 2, non-singular solu-
tion exists when the brane is not expanding such that
H = 0. We have solved the Einstein equations and
the EOM by an numerical method with the initial
condition, B(0) = C(0) = 1, B′(0) = C ′(0) = 0 and
φ(0) = 0. The sixth condition can be determined by
the constraint (9) automatically. An example of the
solution is discussed in [5]

If the case of (κη)2 ≥ n − 2, arbitrary H including
H = 0 leads to a divergence of B or C at finite distance
from the origin and the singularity is formed. We call
this point rsing. At the specific H, the distance of sin-
gularity becomes as far as possible and has has a lo-
cal maximum, where the divergence vanishes. We call
this point rf. For example, the solution with the eigen
value (n, κη, (κ/λ1/2)H) = (3, 1.09, 0.003786056) is
shown in Fig. 1. It is noticed that the B(r) vanishes
at finite r but C(r) doesn’t diverge. Fig. 2 shows the
relations between η and H with n fixed at some val-
ues. The larger η corresponds to the larger H. This
tendency can be naturally understood like the Fried-
mann equation. Besides, each lines approach to the
point (κη, H) = (

√
n − 2, 0). Fig. 3 shows the rela-

tions between n and H with η fixed at some values.
At n = 0 in this figure, the values led from the normal
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Figure 1: This graph shows the physically proper
solution with the eigen value
(n, κη, (κ/λ1/2)H) = (3, 1.09, 0.003786056). B is
approaching to 0 at finite rf.

Figure 2: The relations between η and H with n fixed
respectively. H = 0 seems to be established at
κη =

√

n − 2.

Friedmann equation, H2 = κ2ρ/3, ρ = λη4/4 are also
indicated. This figure shows that the expansion rate
determined normally by the Friedmann equation is
suppressed as a number of extra-dimensions increases,
where H vanished at specific dimension. And these
lines connect to the (κη) ≤ n−2 case. This effect can
be considered the diluting cosmological constant.

Finally, it should be mentioned that the Dvali et

al.’s conjecture (2) is not reproduced with our solu-
tions as shown in Fig. 2.

Acknowledgments

It is a pleasure to thank Takashi Nakamura for stim-
ulating discussions throughout the course of this work.
We also acknowledge our colleagues of the Kyoto Uni-
versity for many illuminating discussions.

Figure 3: The relations between n and H. (a), (b), (c),
(d) and (e) were given by fixing
κη = 0.760, 1.15, 1.50, 1.80, 2.01 respectively. Values the
normal Friedmann equation holds are also indicated at
n = 0. As a number of extra-dimensions increase, the
expansion rate is suppressed. The end points of each
lines are (n, H) = (n, 0.01).
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Gauge-Invariant Gravitational Wave Extraction from Coalescing Binary
Neutron Stars

K. Oohara
Department of Physics, Niigata University, Niigata 950-2181, Japan

We report application of a method for extracting gravitational waves to three-dimensional numerical simulation
on coalescing binary neutron stars. We found the extracted wave form includes the components corresponding
to the quadrupole part in the Newtonian potential of the background metric, if it is monitored at a position not
far from the central stars. We present how to eliminate it.

1. INTRODUCTION

We are constructing computer codes on three-
dimensional numerical relativity [1, 2]. At first we
used the conformal slicing condition, in which the met-
ric becomes the Schwarzschild one in the outer vac-
uum region so that if the three-metric is split into the
Schwarzschild background and the perturbed parts,
the latter can be considered as the gravitational waves
at the wave zone [3]. However, it has been found
that this slicing involves unstable modes and long-
term evolution of coalescing binary neutron star can-
not be followed [1, 4]. Then we started to construct a
new code using the maximal slicing condition. In this
slicing, the perturbed part of the three-metric includes
gauge dependent modes and therefore we need gauge-
invariant wave extraction. Recently gauge-invariant
wave extraction methods have been given as nonspher-
ical perturbations of Schwarzschild geometry [5–8]. In
this letter, we report application of a method based
on them to three-dimensional general relativistic sim-
ulation on coalescing binary neutron stars.

2. BASIC EQUATIONS

We use (3+1)-formalism of the Einstein equation
and write the line element as

ds2 = −α2dt2 + γij(dxi + βidt)(dxj + βjdt). (1)

Outside of the star, we split the total spacetime met-
ric gµν into a Schwarzschild background and non-
spherical perturbation parts:

gµν = g(B)
µν + h(e)

µν + h(o)
µν , (2)

where g
(B)
µν is the spherically symmetric metric given

by

g(B)
µν dxµdxν = −N2dt2 + A2dr2 + R2(dθ2 + sin2 θdφ2)

(3)

and h
(e)
µν and h

(o)
µν are even-parity and odd-parity met-

ric perturbations, respectively;

he
µν = (4)

∑

lm







N2H0Ylm H1Ylm he
0Ylm,θ he

0Ylm,φ

? A2H2Ylm he
1Ylm,θ he

1Ylm,φ

? ? he
22 R2GXlm

? ? ? he
33







he
22 = R2(KYlm + GWlm) (5)

he
33 = R2 sin2 θ (KYlm − GWlm) , (6)

and

ho
µν = (7)

∑

lm



















0 0 −ho
0

Ylm,φ

sin θ
ho

0Ylm,θ sin θ

0 0 −ho
1

Ylm,φ

sin θ
ho

1Ylm,θ sin θ

? ? R2

2
ho

2 Xlmsin θ −R2

2
ho

2Wlm sin θ

? ? ? −R2

2
ho

2Xlm sin θ



















where the symbol ‘?’ indicates the symmetric compo-
nents, H1, he

0, he
1, K, G, ho

0, ho
1, and ho

2 are the func-
tions of t and r for each l and m; Ylm is the spherical
harmonics, Xlm and Wlm are given by

Xlm = 2(Ylm,θφ − Ylm,φ cot θ), (8)

Wlm = Ylm,θθ − Ylm,θ cot θ − Ylm,φφ/ sin2 θ. (9)

From the linearized theory about perturbations of the
Schwarzschild spacetime, the gauge invariant quanti-
ties Ψo and Ψe are given by [9]

Ψo
lm(t, r) =

√

2Λ(Λ − 2)N2

(

ho
1

r
+

r

2

∂ho
2

∂r

)

(10)

and

Ψe
lm(t, r) = −

√

2(Λ − 2)

Λ

4r(N2)2k2lm + Λrk1lm

Λ + 1 − 3N2

(11)
for the odd and even parity modes, respectively, where
Λ = l(l + 1),

k1lm = K + ΛG + 2N2r
∂G

∂r
− 2N2 he

1

r
(12)
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and

k2lm =
H2

2N2
−

1

2
√

N2

∂

∂r

[

r
√

N2
(K + ΛG)

]

(13)

The quantities Ψo and Ψe satisfy the Regge-Wheeler
and the Zerilli equations, respectively [10]. Two inde-
pendent polarizations of gravitational waves h+ and
h× are given by

h+ − ih× =
1

√
2r

∑

l,m

(Ψe
lm(t, r) + Ψo

lm(t, r))−2Ylm,

(14)
where

−2Ylm =
1

√

Λ(Λ − 2)

(

Wlm − i
Xlm

sin θ

)

. (15)

In numerical calculations, the functions N2(t, r),
A2(t, r) and R2(t, r) of the background metric are cal-
culated by performing the following integration over
a two-sphere of radius r [7]:

N2 = −
1

4π

∫

gtt dΩ, A2 =
1

4π

∫

grr dΩ,

R2 =
1

8π

∫
(

gθθ +
gφφ

sin2 θ

)

dΩ, (16)

where dΩ = sin θdθdφ. The components of the metric
perturbations are

H2(t, r) =
1

A2

∫

grrY
∗

lm dΩ, (17)

G(t, r) =
1

Λ(Λ − 2)

1

R2
(18)

×

∫
[(

gθθ −
gφφ

sin2 θ

)

W ∗

lm +
2gθφX∗

lm

sin2 θ

]

dΩ,

K(t, r) =
1

2
ΛGlm +

1

2R2

∫
(

gθθ +
gφφ

sin2 θ

)

Y ∗

lm)dΩ,

(19)

he
1(t, r) =

1

Λ

∫
(

grθY
∗

lm,θ +
grφ

sin θ

Y ∗

lm,φ

sin θ

)

dΩ, (20)

ho
1(t, r) = −

1

Λ

∫
(

grθ

Y ∗

lm,φ

sin θ
−

grφ

sin θ
Y ∗

lm,θ

)

dΩ (21)

and

ho
2(t, r) =

1

2Λ(Λ − 2)
(22)

×

∫
[(

gθθ −
gφφ

sin2 θ

)

X∗

lm

sin θ
−

2gθφ

sin φ
W ∗

lm

]

dΩ,

where ∗ denotes the complex conjugate.
We need angular integrals over spheres for constant

r, such as

F (r0) =

∫

r=r0

f(x, y, z)dΩ =

∫

f(r0, θ, φ) sin θdθdφ.

(23)
If numerical simulation is performed using Cartesian
coordinate system, we need interpolation to obtain the
values of f(r0, θ, φ) from f(x, y, z) at the grid points.
It is, however, not easy to fully parallelize the proce-
dure on a parallel computer with distributed memory.
We therefore rewrite Eq.(23) as the volume integral,
namely,

F (r0) =
1

r2
0

∫

f(x, y, z)δ(r − r0) d3x (24)

= lim
a→0

1
√

πar2
0

∫

f(x, y, z)e−(r−r0)
2/a2

d3x,

where r =
√

x2 + y2 + z2. Numerical integral with
a = ∆x/2 gives a good value to Eq.(24), where ∆x is
the separation between grid points.

3. EXTRACTION OF GRAVITATIONAL
WAVES

We have performed numerical simulation for a coa-
lescing binary consisting of two identical neutron stars
of mass 1.5M� and evaluated the gravitational waves.
The details of our code will be shown elsewhere [11]
but it is essentially the same as Refs. [2] and [12].
The lapse function and the shift vector are deter-
mined by the maximal slicing and the pseudo-minimal
distortion conditions, respectively. We used uniform
475 × 475 × 238 Cartesian grid with ∆x = 1M� as-
suming the symmetry with respect to the equatorial
plane. As for an equation of state, we use the γ = 2
polytropic equation of state. The initial rotational
velocity is given so that the circulation of the system
vanishes. The ADM mass of the system is 2.8M�.

Figures 1 shows the evolution of density on the
x-y plane. The stars start to coalesce at approxi-
mately t = 0.5msec and an almost axisymmetric star
is formed by t = 1.8msec. Figure 2 shows the gravi-
tational wave forms rh+ and rh× on the z-axis eval-
uated at r = 110, 120, 130 and 140M� as functions of
the retarded time t − r. Here t = 0 is the initial time
of the numerical simulation. The lines of rh+,×(t− r)
estimated at r = 110 ∼ 140M� for t − r >

∼ 0 coin-
cide with each other. Then the waves proportional
to r−1 and propagating at the speed of light are ex-
tracted. For t − r <

∼ 0, however, lines of rh+,×(t − r)
do not coincide with each other. Then we plot r3h+,×

as a function of t in Figure 3. In this figure, all the
lines overlap each other for t <

∼ 0.5msec. It means
that h+,× includes a non-wave mode proportional to
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Figure 1: Density contour on the x-y plane. Time t in
units of milliseconds and the maximum of density at each
time are shown.
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Figure 3: Plots r3h+,× as a function of t.
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Figure 4: Plots r3h+,× as a function of t for static point
masses.

r−3. This mode corresponds to the quadrupole part
in the Newtonian potential of the background met-
ric. As a matter of fact, a static star lying off-center
produce non-zero h+ and h× although no waves are
emitted. To evaluate the quantities of this mode, we
put static point masses at the same position in Fig-
ure 1 and calculate h+,×. Figure /reffig:waves shows
r3h+,× evaluated at r = 110 ∼ 140M� as a function
of t. It indicates that the non-wave mode dominates
for small t and decrease fast as the merger of stars
proceeds. For t > r, when the waves emitted at t > 0
in the central region arrive at the observer, the wave
part dominate the none-wave part. Since this mode
is proportional to r−3 while the wave mode is to r−1,
the former will be anyway negligible if the waves are
monitored at a few times farther position.

Consequently h+,× can be expressed as the sum of
the wave part proportional to r−1 for each value of
t − r and the non-wave part proportional to r−3 for
each value of t, that is

h(t, r) ≡ h+ − ih× =
F (t − r)

r
+

G(t)

r3
. (25)

In order to eliminate the non-wave part G(t)/r3 and
extract the wave part F (t − r)/r, we carry out the
following procedure.

• Calculate the Fourier components hω(r) of
h(t, r) for each r. From Eq. (25), hω(r) can be
written as

hω(r) =
e−iωr

r
Fω(r) +

1

r3
Gω(r), (26)

where Fω and Gω are the Fourier components of
F (t) and G(t), respectively, defined by

Fω ≡
1

2π

∫

F (t)e−iωt dt (27)
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and

Gω ≡
1

2π

∫

G(t)e−iωt dt. (28)

• From the values of hω(r) in different radial co-
ordinates r1 and r2, Fω can be given by

Fω =
r3
2hω(r2) − r3

1hω(r1)

r2
2e

−iωr2 − r2
1e

−iωr1
. (29)

• By inverse Fourier transformation, we can get
the gravitational waves that do not include non-
wave modes,

h+(t, r) − ih×(t, r) =

∫

e−iωr

r
Fωeiωt dω. (30)

The resultant wave form is shown in Figure 5. The
curves represent the average of h+ and h× calculated
at r = 110, 120, · · · 200M� and twice the dispersion
2σ is shown as error bars.

Here we define ̂h+ and ̂h× as

̂h+ =
1

2
(hxx − hyy) and ̂h× = hxy, (31)

respectively, where hij = φ−4γij − δij and φ =

(det(γij))
1
12 . The pseudo-minimal distortion condi-

tion demanding ∂t(∂jhij) = 0 guarantees ̂h+,× to be
transverse-traceless if ∂jhij = 0 at t = 0. It is our
case since we assumed the initial three-metric to be
conformal flat, hij = 0. Then they can be considered
as the gravitational waves on z-axis in the conformal
slicing, while they include gauge dependent modes in

the maximal slicing [3]. To compare ̂h+,× with h+,×

for the conformal slicing as well as for the maximal
slicing, we have performed numerical simulation for a
coalescing binary of two M = 1.0M� neutron stars.
As shown in Figure 6, they almost coincide with each

other, while a small deviation is found in ̂h+,× in the
maximal slicing. Then we found that the gauge mode

in ̂h+,× is small even in the maximal slicing.
Finally to investigate a possibility that the excita-

tion of the quasi-normal modes can be seen by the
numerically calculated waves, we evaluated the energy
spectrum of the gravitational waves, which is given by

dEGW

dω
=

1

32π

∑

l,m

ω2

(

∣

∣

∣
Ψ

(e)

lmω(r)
∣

∣

∣

2

+
∣

∣

∣
Ψ

(o)

lmω(r)
∣

∣

∣

2
)

,

(32)

where Ψ
(I)

lmω(r) is the Fourier transformation of

Ψ
(I)

lm (t, r). Figure 7 shows the energy spectrum of
the waves plotted in Figure 5. The fundamental fre-
quency of l = 2 for the Schwarzschild black hole of
mass 2.8M� is ω = 25 msec−1. A peak near this fre-
quency appears in Figure 7. Unfortunately, however,

$�% &
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×10−22 (10Mpc
r

) r

rh+

$�% &

$ '

&

'

% &

− 0.5 & &�( ' % % ( ' )

rh×

t − r  (msec)

Figure 5: Wave forms rh+,× along z-axis as a function of
t − r. The curves are averages of rh+,× estimated at
r = 110 ∼ 200M� and error bars denote 2σ.
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h(m)

ĥ(c)

ĥ(m)

Figure 6: The comparison h+,× defined by Eq.(30)

and ̂h+,× defined by Eq.(31)) obtained with the
conformal slicing (c) and the maximal slicing (m).

the rotating angular frequency just when the merger of
the stars finishes is 12 ∼ 15 msec−1 and thus they will
radiate the waves of frequency near ω = 25 msec−1.
So that more precise calculation is necessary to dis-
cuss whether this peak corresponds to the emission of
the quasi-normal mode of the formed black hole.
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The Gauss - Bonnet invariant is one of the most promising candidates for a quadratic curvature correction to
the Einstein action in expansions of supersymmetric string theory. We study these Gauss - Bonnet black holes
(and their properties) which could be formed at future colliders if the Planck scale is of order a TeV, as predicted
by some modern brane world models.

1. Introduction

It has recently been pointed out that black holes
could be formed at future colliders if the Planck scale
is of order a TeV, as is the case in some extra-
dimension scenarios [1, 2]. This idea has driven a
considerable amount of interest (see e.g. [3]). The
same phenomenon could also occur due to ultrahigh
energy neutrino interactions in the atmosphere [4].
Most works consider that those black holes could be
described by the D-dimensional (D ≥ 5) generalized
Schwarzschild or Kerr metrics [5]. The aim of this
work is to study the experimental consequences of the
existence of the Gauss-Bonnet term (as a step toward
quantum gravity) if it is included in the D-dimensional
action. This approach should be more general and
relies on a real expansion of supersymmetric string
theory.

2. Black Hole Formation at Colliders

The ”large extra dimensions” scenario [6] is a very
exciting way to address geometrically the hierarchy
problem (among others), allowing only the gravity to
propagate in the bulk. The Gauss law relates the
Planck scale of the effective 4D low-energy theory MPl

with the fundamental Planck scale MD through the
volume of the compactified dimensions, VD−4, via:

MD =

(

M2
Pl/VD−4

)1/(D−2)

. It is thus possible to

set MD ∼ TeV without being in contradiction with
any currently available experimental data. This trans-
lates into radii values between a fraction of a millime-
ter and a few Fermi for the compactification radius
of the extra dimensions (assumed to be of same size
and flat, i.e. of toroidal shape). Furthermore, such
a small value for the Planck energy can be naturally
expected to minimize the difference between the weak

and Planck scales, as motivated by the construction of
this approach. In such a scenario, at sub-weak ener-
gies, the Standard Model (SM) fields must be localized
to a 4-dimensional manifold of weak scale ”thickness”
in the extra dimensions. As shown in [6], as an exam-
ple based on a dynamical assumption with D=6, it is
possible to build such a SM field localization. This is
however the non-trivial task of those models.

Another important way for realizing TeV scale grav-
ity arises from properties of warped extra-dimensional
geometries used in Randall-Sundrum scenarios [7]. If
the warp factor is small in the vicinity of the stan-
dard model brane, particle masses can take TeV val-
ues, thereby giving rise to a large hierarchy between
the TeV and conventional Planck scales [2, 8]. Strong
gravitational effects are therefore also expected in high
energy scattering processes on the brane.

In those frameworks, black holes could be formed by
the Large Hadron Collider (LHC). Two partons with
a center-of-mass energy

√
s moving in opposite direc-

tions with an impact parameter less than the horizon
radius r+ should form a black hole of mass M ≈

√
s

with a cross section expected to be of order σ ≈ πr2
+.

Thoses values are in fact approximations as suppres-
sion effects should be considered [9, 10] and are taken
into account in the section 5 of this paper. Although
the accurate corss section values are not yet known,
a semiclassical analysis of quantum black hole forma-
tion is now being constructed and the existence of
a closed trapped surface in the collision geometry of
relativistic particles in demonstrated. To compute the
real probability to form black holes at the LHC, it is
necessary to take into account that only a fraction of
the total center-of-mass energy is carried out by each
parton and to convolve the previous estimate with the
parton luminosity [1]. Many clear experimental signa-
tures are expected [2], in particular very high multi-
plicity events with a large fraction of the beam energy
converted into transverse energy with a growing cross
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section. Depending on the value of the Planck scale,
up to approximately a billion black holes could be pro-
duced at the LHC.

3. Schwarzschild - Gauss - Bonnet black
holes

The classical Einstein theory can be considered as
the weak field and low energy limit of a some quantum
gravity model which is not yet built. The curvature
expansion of string gravity therefore provides an inter-
esting step in the modelling of a quasiclassical approx-
imation of quantum gravity. As pointed out in [11],
among higher order curvature corrections to the gen-
eral relativity action, the quadratic term is especially
important as it is the leading one and as it can affect
the graviton excitation spectrum near flat space. If,
like the string itself, its slope expansion is to be ghost
free, the quadratic term must be the Gauss - Bonnet
combination: LGB = RµναβRµναβ − 4RαβRαβ + R2.
Furthermore, this term is naturally generated in het-
erotic string theories [12] and makes possible the lo-
calization of the graviton zero-mode on the brane
[13]. It has been successfully used in cosmology, es-
pecially to address the cosmological constant prob-
lem (see e.g. [14] and references therein) and in black
hole physics, especially to address the endpoint of the
Hawking evaporation problem (see e.g. [15] and refer-
ences therein). We consider here black holes described
by such an action:

S =
1

16πG

∫

dDx
√

−g

[

R

+ λ(RµναβRµναβ − 4RαβRαβ + R2) + . . .

]

,(1)

where λ is the Gauss - Bonnet coupling constant. The
measurement of this λ term would allow an impor-
tant step forward in the understanding of the ultimate
gravity theory. Following [16], we assume the metric
to be of the following form:

ds2 = −e2νdt2 + e2αdr2 + r2hijdxidxj

where ν and α are functions of r only and hijdxidxj

represents the line element of a (D − 2)-dimensional
hypersurface with constant curvature (D − 2)(D − 3).
The substitution of this metric into the action [11]
leads to the following solutions :

e2ν = e−2α = 1 +
r2

2λ(D − 3)(D − 4)
×



1 ±

√

1 +
32π

3−D

2 Gλ(D − 3)(D − 4)MΓ(D−1
2

)

(D − 2)rD−1



 .

The mass of the black hole can then be expressed [11,
16] in terms of the horizon radius r+,

M =
(D − 2)π

D−1
2 rD−3

+

8πGΓ
(

D−1
2

)

(

1 +
λ(D − 3)(D − 4)

r2
+

)

where Γ stands for the Gamma function. The tem-
perature is obtained by the usual requirement that
no conical singularity appears at the horizon in the
euclidean sector of the hole solution,

TBH =
1

4π
(e−2α)′ |r=r+

=
(D − 3)r2

+ + (D − 5)(D − 4)(D − 3)λ

4πr+

(

r2
+ + 2λ(D − 4)(D − 3)

) .(2)

In the case D = 5, those black holes have a singular
behavior [16] and, depending on the value of λ, can
become thermodynamically unstable or form stable
relics. For D > 5, which is the only relevant hypoth-
esis for this study (as D = 5 would alter the solar
system dynamics if the Planck scale is expected to lie
∼TeV), a quantitatively different evaporation scenario
is expected.

4. Flux Computation

Using the high-energy limit of multi-dimensional
grey-body factors [17], the spectrum per unit of time
t and of energy Q can be written, for each degree of
freedom, for particles of type i and spin s as:

d2Ni

dQdt
=

4π2
(

D−1
2

)
2

D−3

(

D−1
D−3

)

r2
+Q2

e
Q

TBH − (−1)2s

.

This is an approximation as modifications might arise
when the exact values of the greybody factors are
taken into account due to their dependence, in the
low energy regime, on both the dimensionality of the
spacetime and on the spin of the emitted particle. For-
tunately, as demonstrated in the 4-dimensional case
[18], the pseudo-oscillating behaviour induces com-
pensations that makes the differences probably quan-
titatively quite small. The mean number of emitted
particle can then be written as

Ntot =
15(D − 2)π

D−9
2 ζ(3)

Γ(D−1
2

)G

3
4
Nf + Nb

7
8
Nf + Nb

×

[

rD−2
init+

D − 2
+ 2(D − 3)λrD−4

init+

]

(3)

where Nf and Nb being the total fermionic and
bosonic degrees of freedom, rinit+ is the initial horizon
radius of a black hole with mass Minit and, interest-
ingly, the ratio of a given species i to the total emission
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Figure 1: Integrated flux as a function of the total energy
of the emitted quanta for an initial black hole mass
M = 10 TeV. Upper left: λ = 0, D = 6, 7, 8, 9, 10, 11.
Upper right : λ = 0, 5 TeV−2, D = 6, 7, 8, 9, 10, 11. Lower
left : D = 6, λ = 0.1, 0.5, 1, 5, 10 TeV−2. Lower right :
D = 11, λ = 0.1, 0.5, 1, 5, 10 TeV−2.

is given by :

Ni

Ntot

=
αsgi

3
4
Nf + Ntot

where αs is 1 for bosons and is 3/4 for fermions and
gi is the number of internal degrees of freedom for the
considered particles. The mean number of particles
emitted by a Schwarzschild - Gauss - Bonnet black
hole ranges from 25 to 4.7 depending on the values of
λ and D, for MD ∼ 1 TeV and Minit ∼ 10 TeV. Those
values are decreased to 5 and 1.05 if Minit is set at 2
TeV. Figure 1 shows the flux for different values of λ
and D.

5. String Coupling Constant
Measurement

To investigate the LHC capability to reconstruct the
fundamental parameter λ, we have fixed the Planck
scale at 1 TeV. Although a small excursion range
around this value would not change dramatically our
conclusions, it cannot be taken much above, due to
the very fast decrease of the number of formed black
holes with increasing MD. Following [1], we consider
the number of black holes produced between 1 TeV
and 10 TeV with a bin width of 500 GeV (much larger
than the energy resolution of the detector), rescaled
with the value of r+ modified by the Gauss - Bonnet
term. For each black hole event, the emitted parti-
cles are randomly chosen by a Monte-Carlo simulation
according to the spectra given in the previous sec-
tion, weighted by the appropriate number of degrees
of freedom. The Hawking radiation takes place pre-
dominantly in the S-wave channel [19], so bulk modes
can be neglected and the evaporation can be consid-
ered as occurring within the brane. As the intrinsic

spectrum dNi/dQ is very strongly modified by frag-
mentation process, only the direct emission of elec-
trons and photons above 100 GeV is considered. We
have checked with the Pythia [20] hadronization pro-
gram that only a small fraction of directly emitted γ-
rays and electrons fall within an hadronic jet, making
them impossible to distinguish from the background
of decay products. Furthermore, the background from
standard model Z(ee)+jets and γ+jets remains much
lower than the expected signal. The value of the
Planck scale is assumed to be known as a clear thresh-
old effect should appear in the data and a negligi-
ble uncertainty is expected on this measurement. For
each event, the initial mass of the black hole is also
assumed to be known as it can be easily determined
with the full spectrum of decay products (only 5% of
missing energy is expected due to the small number of
degrees of freedom of neutrinos and gravitons). The
energy resolution of the detector is taken into account
and parametrized [21] as σ/E =

√

a2/E + b2 with

a ≈ 10%
√

GeV and b ≈ 0.5%. Unlike [1], we also take
into account the time evolution of the black holes and
perform a full fit for each event. Once all the par-
ticles have been generated, spectra are reconstructed
for all the mass bins and compared with theoretical
computations. The values of D and λ compatible
with the simulated data are then investigated. Fig-
ure 2 shows the χ2/d.o.f. for the reconstructed spec-
tra for 2 different couples (λ [ TeV −2], D)=(1,10) and
(λ [ TeV −2], D)=(5,8). The statistical significance of
this χ2 should be taken with care since a real statisti-
cal analysis would require a full Monte-Carlo simula-
tion of the detector. Nevertheless, the ”input” values
can clearly be extracted from the data. Furthermore,
it is important to notice that for reasonable values of
λ (around the order of the quantum gravity scale, i.e.
around a TeV−2 in our case) it can unambiguously
be distinguished between the case with and the case
without a Gauss - Bonnet term.

6. Kerr Case

According to the models of black hole creation at
new colliders an appearing black hole can have a non-
zero spinning moment, therefore, it has to be de-
scribed by some extended version of Kerr metric. This
work is in progress, here we would like to present few
details. In D > 4 space times Kerr - Gauss - Bonnet
metric does not contain any new types of singularities,
all the difference from corresponding pure Kerr black
hole is only in the Hawking temperature value, and,
therefore, in evaporation speed.

The most convenient way to obtain Kerr - Gauss
- Bonnet black hole solution is to use Kerr - Schild
parametrisation in the form:

ds2 = −(du + dr)2 + (dr)2 + ρ2(dθ)2
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Figure 2: Upper part: values of the χ2/d.o.f. for the
reconstructed spectra as a function of D and λ for
”input” values λ = 1 TeV−2 and D = 10; the right side
shows rectangles proportional to the logarithm of the
χ2/d.o.f. Lower part (left and right): values of the
χ2/d.o.f. for the reconstructed spectra as a function of D
and λ for ”input” values λ = 5 TeV−2 and D = 8; the
right side shows rectangles proportional to the logarithm
of the χ2/d.o.f.

+ (r2 + a2) sin2 θ(dϕ)2

+ 2a sin2 θdrdϕ + β(r, θ)(du − a sin2 θdϕ)2

+ r2 cos2 θ

(

dx2
5 + sin2 x5(dx2

6

+ sin2 x6(...dx2
N )...

)

. (4)

where β(r, θ) is the function under consideration and

ρ2 = r2 + a2 cos2 θ

At the infinity one has the pure Einstein [5] case,
so, if Λ = 0

lim
r→∞

β(r, θ) =
µ

rN−5(r2 + a2 cos2 θ)
+ . . . ,

in dS/AdS case

lim
r→∞

β(r, θ) = C(N)
Λr4

r2 + a2 cos2 θ
+ . . . ,

where C(N) is numerical coefficient depending upon
the number of space time dimensions (N).

Here we present numerical 3D plots of β = β(r, θ) in
6D cases for different values of Λ (α = 1), so, one can
see that the behavior of the plots is rather continious
and is without any new topologies (as in [15]). The
calculation of Hawking temperature and the evapora-
tion process details in progress now.
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Figure 3: 6D plot of β(r, θ) againgt r and a ∗ cos θ in
asymptotically flat case (when cosmological constant Λ
vanish) when string coupling constant is set to be α = 1.
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Figure 4: 6D plot of β(r, θ) againgt r and a ∗ cos θ in
when cosmological constant Λ 6= 0) when string coupling
constant is set to be α = 1.
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7. Discussion

In case the Planck scale lies in the TeV range due
to extra dimensions, this study shows that, beyond
the dimensionality of space, the next generation of
colliders should be able to measure the coefficient of
a possible Gauss - Bonnet term in the gravitational
action. This would allow an important step forward
in the construction of a full quantum theory of gravity.
It is also interesting to notice that this would be a nice
example of the convergence between astrophysics and
particle physics in the final understanding of black
holes and gravity in the Planckian region.

Then, as studied in [16, 23], a cosmological constant
could also be included in the action. On the theoreti-
cal side, this would be strongly motivated by the great
deal of attention paid to the Anti-de Sitter and, re-
cently, de Sitter / Conformal Field Theory (AdS and
dS /CFT) correspondences. On the experimental side,
this would open an interesting window as there is no
unambiguous relation between the D-dimensional and
the 4-dimensional cosmological constants.
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Black Hole Mergers Form Population III Binaries
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We follow the evolution of first population of massive metal-free binary stars. Due to the low metallicity,
the stars are allowed to form with large initial masses and to evolve without significant mass loss. Evolution
at zero metallicity, therefore, may lead to the formation of massive remnants. In particular, black holes of
intermediate-mass (∼ 100 − 500 M�) are expected to have formed in early Universe. Assuming that a fraction
of these stars forms in binaries we trace their evolution and investigate a possibility that they form coalescing
black hole binaries. We calculate the expected detection rates for such massive binaries in the present day LIGO
and VIRGO detectors. We also consider the distribution of chirp masses and discuss the likely data analysis
strategies.

1. Introduction

Population III stars have been a subject of intense
theoretical studies. Zero metallicity stars are sta-
ble even when their masses reach few hundred solar
masses [1]. The remnants for such massive stars are
black holes with the mass close to the initial mass of
the star as there is hardly any mass loss, except for the
stars with initial masses in the range 140-260 M�, for
which pair instability supernovae occur [2]. The initial
mass function for zero metallicity stars has been an-
alyzed by a number of authors [3–5], who found that
it is very likely to lean towards the high mass end
contrary to the population I stars [6–8]. Recently nu-
merical simulations of rotating zero metallicity clouds
have shown that formation of massive zero metallicity
binaries takes place for a wide range of parameters [9].

As simple model of evolution of zero metallicity bi-
naries has been constructed by (author?) [10]. They
have shown that convalescences of the black hole bina-
ries originating in population III stars should be very
prominent in the advanced LIGO detector.

In this paper we apply this model to the proper-
ties of the current LIGO and VIRGO detectors. We
estimate the expected detection rates and discuss the
properties of the observed population of such massive
black hole binaries.

2. The rates

We assume that the sensitivity of LIGO is given
by the equations from [11]. To calculate the VIRGO
sensitivity to convalescences of black hole binaries of
arbitrary masses we used the VIRGO sensitivity curve
(http://www.virgo.infn.it/senscurve/), and we

used the formalism of [11]. We assume that the noise
curve can be parameterized as

hrms(f) =















∞ f < fs

hm( αf

fm
)−2 fs ≤ f < fm

α

hm
fm

α
≤ f ≤ αfm

hm( f

αfm
)3/2 αfm < f

with the following parameters:











fs = 1.3 Hz
fm = 128 Hz
α = 3.2
hm = 5.12 · 10−22

Signal to noise ratio of the merger phase for VIRGO
detector has been calculated analytically using the for-
malism based on [11]. We obtain

S/N =
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Parameters Fm(εm, M, z, D), v and κ are defined as:

Fm(εm, M, z, D) =
εmM(1 + z)2(4µ/M)2

10π2D(z)2h2
mfmerge(κ − 1)

,

v =
(1 + z)αfm

fmerge

,

κ = fqnr/fmerge,

where fqnr is the frequency at which merger phase
ends and begins ringdown, fmerge is the transition fre-
quency between inspiral and merger, εm is the fraction
of mass-energy radiated during merger, D(z) is the lu-
minosity distance, and z is the redshift. Following [11]
we have assumed that εm = 0.1. We have calculated
the ringdown signal to noise ratio only numerically,
because integration function was too much complex
to solve it analytically.

In Figure 1 we present the signal to noise ratio for
the LIGO 1 and VIRGO detectors for the merger and
ringdown phases of a coalescence of an equal mass
black hole binary as a function of its total mass.

We use the numerical model of the evolution of
population III binaries to calculate the masses and
coalescence times of the binaries. Following (au-

thor?) [10] we assume that the binary fraction is
10%, we use the same star formation rate of Rsfr '
1.4 × 10−2M�Mpc−3yr−1 between redshifts 10 and
30. We first calculate the differential merger rate
as a function of redshift dfcoal(z)/dM taking into ac-
count the delay between formation and coalescence
due to gravitational inspiral. The differential coales-
cence rate per unit observed mass is

dR

dMobs

=

∫ zM

0

dfcoal(z)

dM

1

1 + z

dV

dz
dz (1)

where Mobs = M(1 + z) is the observed (redshifted)
total mass, zM is the maximum redshift out to which
a binary is observable, and dV/dz is the comoving
volume element.

The rates are shown in Figures 2 and 3. At the sig-
nal to noise ratio of (S/N)=10 the expected VIRGO
rate reaches ≈ 1 yr−1. We also present the model
where the orbits are tightened by dynamical harden-
ing. In this model we assume that the orbits shrink
by a factor of 10 leading to decrease of the coalescence
times by a factor of 104.

3. Discussion

The expected rates - see Figures 2 and 3 are around
one per year at the S/N=10 for the initial config-
urations of LIGO and VIRGO respectively. While

Figure 1: The signal to noise ratio in the merger (thick
lines) and ringdown phases (thin lines) of a coalescence of
an equal mass black hole binary from a distance of 1 Gpc
observed by LIGO 1 (solid lines) and VIRGO (dashed
lines).

Figure 2: The LIGO 1 detection rates of population III
black hole binaries in the merger (thin lines) and
ringdown phases (thick lines). We also present the
evolutionary model with hardening by a factor of 10
(dashed lines).

such number is in principle not large it is still of the
same order as the expected coalescence rates for com-
pact object binaries formed in the population I and
II evolution, [12–14]. Thus it is equally important to
search for the population III binary mergers in the
data stream. Figure 4 presents the the distributions
of expected total red-shifted masses of the binaries for
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Figure 3: The VIRGO detection rates of population III
black hole binaries in the merger (thin lines) and
ringdown phases (thick lines). We also present the
evolutionary model with hardening by a factor of 10
(dashed lines).

Figure 4: Differential rate as a function of redshifted
total mass of a black hole binary system for VIRGO.
Solid line represents case with no hardening, while
dashed — with hardening by a factor of 10. Here, we
performed calculations for S/N > 10.

two model calculations. depending on the model the
distribution may have different shapes, but in general
the expected masses stretch from 100 to 600 M�. A
non detection of such mergers shall yield constraints
on the formation rate of massive population III stars
and their binary fraction.
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Quasi-Periodic Oscillations in Relativistic Tori
P. Chris Fragile
Department of Physics, University of California, Santa Barbara, CA 93106, USA

Motivated by recent interesting work on p-mode oscillations in axisymmetric hydrodynamic black-hole tori by
Rezzolla, Zanotti, and collaborators, I explore the robustness of these oscillations by means of two and three-
dimensional relativistic hydrodynamic and MHD simulations. The primary purpose of this investigation is to
determine how the amplitudes of these oscillations are affected by the presence of known instabilities of black-
hole tori, including the Papaloizou-Pringle instability (PPI) and the magneto-rotational instability (MRI). Both
instabilities drive accretion at rates above those considered in Rezzolla’s work. The increased accretion can allow
wave energy to leak out of the torus into the hole. Furthermore, with the MRI, the presence of turbulence,
which is absent in the hydrodynamic simulations, can lead to turbulent damping (or excitation) of modes. The
current numerical results are preliminary, but suggest that the PPI and MRI both significantly damp acoustic
oscillations in tori.

1. Introduction

“Diskoseismology” [Nowak and Wagoner 1991] is a
relatively new subfield of accretion disk physics. Of-
ten diskoseismic oscillations have been overlooked as
uninteresting because, to be observable from the out-
side, they must be trapped in a particular region of
the disk or have a global pattern. For a Keplerian disk
in a Newtonian potential, there are no global modes
and relatively few trapped modes. Relativistic gravity
helps the situation somewhat by providing a richer set
of trapped modes. Nevertheless, even in general rel-
ativity, Keplerian thin disks have only a few trapped
modes, which mostly occur in very restricted regions
of the disk.

Non-Keplerian disks, on the other hand, have a
much richer set of diskoseismic modes available for
two fundamental reasons. First, in contrast to Keple-
rian disks, which in principle extend to infinity, non-
Keplerian disks can be constructed to have a finite size
and can thus act as a single resonant cavity. Second,
unlike Keplerian disks, non-Keplerian disks necessar-
ily have radial pressure gradients that can provide an
additional restoring force (along with the centrifugal
force and gravity) in support of oscillations.

In this work I focus on inertial-acoustic (p-mode) os-
cillations in finite tori. Two interesting consequences
of such oscillations have previously been identified.
First, they can cause periodic changes in the mass
quadrupole moment of the disks. For massive tori
of nearly nuclear densities, this may produce gravi-
tational radiation detectable by LIGO, especially for
sources located within our galaxy [Zanotti et al. 2003].
Such massive tori could form from the gravitational
collapse of a massive rotating star or as an interme-
diate state in a binary neutron star merger. These
oscillations may also be important in explaining quasi-
periodic oscillations (QPOs), particularly the harmon-
ically related high-frequency QPOs (HFQPOs) seen
in some black-hole candidate low-mass X-ray binaries
(LMXBs) [Rezzolla et al. 2003].

My goal here is to extend previous numerical simu-

lations of oscillating tori [Zanotti et al. 2003, 2005] to
include magnetic fields and nonaxisymmetric pertur-
bations. I proceed in §2 by reviewing the equations of
general relativistic magnetohydrodynamics as solved
in the numerical code used in this work. The code
itself is briefly described in §3. In §4 I present the re-
sults of this study. I conclude with some final thoughts
in §5.

2. General Relativistic MHD Equations

This work uses a form of the general relativistic
MHD equations similar to De Villiers and Hawley
[2003a]. Nevertheless, it is worth explicitly writing
these equations out for clarity. In flux-conserving
form, the conservation equations for mass, internal
energy, and momentum and the induction equation
for magnetic fields are:

∂D

∂t
+

∂(DV i)

∂xi
= 0, (1)

∂E

∂t
+

∂(EV i)

∂xi
= −P

∂W

∂t
− P

∂(WV i)

∂xi
, (2)

∂Sj

∂t
+

∂(SjV
i)

∂xi
=

∂(
√−gBjB

0/4π)

∂t
(3)

+
∂(
√−gBjB

i/4π)

∂xi

+
1

2

(

SµSν

S0
−

√−g

4π
BµBν

)

∂gµν

∂xj

−√−g
∂(P + ||B||2/8π)

∂xj
,

∂Bi

∂t
+

∂(BiV j)

∂xj
= Bj ∂V i

∂xj
, (4)

where g is the determinant of the 4-metric, W =√−gut is the relativistic boost factor, D = Wρ is
the generalized fluid density, P = (Γ − 1)E/W is the
fluid pressure, V i = ui/ut is the transport velocity,
Si = Wρhui is the covariant momentum density, and
E = We = Wρε is the generalized internal energy

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1210



density. There are two representations of the mag-
netic field in these equations: Bµ is the magnetic field
4-vector (||B||2 = gµνBµBν) and

Bµ = W (Bµ − B0V µ) (5)

is the divergence-free (∂Bi/∂xi = 0), spatial (B0 = 0)
representation of the field. The time component of the
magnetic field B0 is recovered from the orthogonality
condition Bµuµ = 0.

These equations are evolved in a Kerr-Schild polar
coordinate system (t, r, θ, φ), although all of the sim-
ulations in this work assume a non-rotating (a = 0)
Schwarzschild black hole. The computational advan-
tages of the “horizon-adapted” Kerr-Schild form of
the Kerr metric are described in Papadopoulos and
Font [1998] and Font et al. [1998]. The primary ad-
vantage is that, unlike Boyer-Lindquist coordinates,
there are no singularities in the metric terms at the
event horizon. This is particularly important for nu-
merical calculations as it allows one to place the grid
boundaries inside the horizon, thus ensuring that they
are causally disconnected from the rest of the flow.

3. Numerical Method

These simulations are carried out using the numeri-
cal code Cosmos++, a massively parallel, multidimen-
sional (one, two, or three dimensions), adaptive-mesh,
magnetohydrodynamic code for evolving both New-
tonian and relativistic flows. Cosmos++ employs a
time-explicit, operator-split, finite volume discretiza-
tion method with second-order spatial accuracy. A
detailed description of Cosmos++, including test re-
sults, will be presented in an upcoming paper.

The simulations are initialized with the analytic so-
lution for an axisymmetric torus with constant spe-
cific angular momentum l. For the initialization, we
assume an isentropic equation of state P = κρΓ,
although during the evolution, the adiabatic form
P = (Γ−1)E/W is used to recover the pressure when
solving equations (2) and (3). We set Γ = 4/3 and
κ = 0.0229 (in G = c = 1 units).

This work presents both two-dimensional (axisym-
metric) and three-dimensional simulations. The two-
dimensional simulations are carried out on a grid ex-
tending from 0.98rBH ≤ r ≤ rmax and 0 ≤ θ ≤ π,
where rBH = 2GM/c2 is the radius of the black-hole
horizon. The three-dimensional simulations include
the full azimuthal range 0 ≤ φ < 2π. We choose
rmax to be about twice the initial outer radius rout of
the torus. In order to increase the resolution inside
the torus, we replace the radial coordinate r with a
logarithmic coordinate x1 = 1 + ln(r/rBH) and the
angular coordinate θ with a coordinate x2 satisfying
θ = x2+

1

4
sin(2x2). The grid is resolved with 128×128

zones in 2D, giving a radial spacing of 0.04rG near the

horizon and 0.6rG near the outer boundary. In the
present work, the 3D simulations are limited to 643

zones.
In the “background” regions not determined by the

initial torus solution, we initialize the gas following the
spherical Bondi accretion solution [Michel 1972]. We
fix the parameters of this solution such that the rest
mass present in the background is negligible compared
to the mass in the torus. The outer radial boundary
is held fixed with the analytic Bondi solution for all
evolved fields. The inner radial boundary uses out-
flow (V r < 0) boundary conditions. Data are shared
appropriately across angular boundaries.

4. Results

Results are presented in geometrized units (G = c =
1) with units of length parameterized in terms of the
gravitational radius of the black hole, rG = GM/c2.

4.1. 2D Axisymmetric Hydro

It is instructive to begin this work by reproduc-
ing the results of a previously published axisymmet-
ric hydrodynamic simulation of an oscillating torus.
This will be useful for illustrating how p-mode oscil-
lations are generally manifested in axisymmetric hy-
drodynamic tori and facilitate easier comparison with
the subsequent MHD and non-axisymmetric results.
This is also important as a validation of the new code
used here. I choose Model (a) from Zanotti et al.
[2003] for this purpose. In this model, the specific an-
gular momentum, which is constant throughout the
torus, is l/M = 3.8. The torus just fills the largest
closed equipotential surface so that the inner torus
boundary corresponds with the location of the cusp
rin = rcusp = 4.576. The outer radius for such a torus
is rout = 15.889. The density center of this torus is
located at rcenter = 8.352; the orbital period at this
radius is torb = 151.7. This will serve as a reference
dynamical timescale for all these simulations. To ex-
cite the resonant acoustic mode I use an initial radial
velocity kick. For convenience this velocity is set at
a small fraction (η = 0.12) of the background Bondi
inflow velocity.

I use the L2 norm of the rest mass density, defined

as ||ρ||2 =
∑Nr

i=1

∑Nθ

j=1
ρ2

ij , to characterized the global
oscillatory behavior of the torus. The time history and
Fourier power spectrum of this quantity are shown in
Figures 1 and 2, respectively. The power spectrum, in
particular, reveals the rich harmonic structure char-
acteristic of diskoseismic modes [Kato 2001]. Rezzolla
et al. [2003] also showed that this structure is consis-
tent with predictions of linear perturbation analysis
of vertically integrated relativistic tori.
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Figure 1: Time history of the L2 norm of the rest-mass

density. The vertical scale has been adjusted to the

initial value of ||ρ||2.

Figure 2: Power spectra of the L2 norm of the rest-mass

density. The spectra have been arbitrarily normalized

such that the strongest frequency bin has a value of 100.

The frequency is set assuming a black hole mass

MBH = 2.5M�.

Although the p-mode of interest in this work is an
acoustic wave within the disk, the torus parameters for
this model are such that this wave periodically pushes
material over the cusp and out of the torus. This ma-
terial is accreted into the black hole on a dynamical
timescale. Therefore, one manifestation of the p-mode
in (marginally stable) tori is a periodic fluctuation in
the black-hole mass accretion rate as shown in Fig-
ure 3. The Fourier power spectrum of the accretion
history (Figure 4) reveals the same fundamental fre-
quency and first overtone as Figure 2, confirming the
connection.

4.2. 3D Hydro

I now drop the restriction of axisymmetry and con-
sider a three-dimensional hydrodynamic torus. The
concern here is that such a structure is known to be

Figure 3: Rest mass accretion rate normalized by the

initial mass of the torus.

Figure 4: Power spectra of the mass accretion rate. The

spectra have been arbitrarily normalized such that the

strongest frequency bin has a value of 100. The frequency

is set assuming a black hole mass MBH = 2.5M�.

unstable to low-order non-axisymmetric modes (the
Papaloizou-Pringle instability or PPI). Note that this
simulation uses a slightly different initial setup than
the previous one. First, the velocity perturbation is
slightly smaller in this case (η = 0.06 instead of 0.12).
In my testing I have found that the amplitude of this
perturbation has little effect on the results, so this
difference shouldn’t be important. This simulation
also uses a different set of parameters for the back-
ground Bondi solution. These differences account for
the much larger amplitude of oscillations in the ac-
cretion rate for the three-dimensional model (Figure
3). Nevertheless, the frequency of the oscillations in
both cases is the same, indicating that the different
background treatments do not effect the behavior of
the p-mode oscillations.

It is useful for this simulation to add a diagnostic
to track the growth of the main PPI modes. We ex-
tract the m = 1 and 2 modes by computing azimuthal
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Figure 5: PPI mode growth.

density averages as [De Villiers and Hawley 2002]

Re[km(r)] =

∫

2π

0

ρ(r, π/2, φ) cos(mφ)dφ , (6)

Im[km(r)] =

∫

2π

0

ρ(r, π/2, φ) sin(mφ)dφ . (7)

The power in mode m is then

fm =
1

rmax − rmin

∫ rmax

rmin

ln
[(

{Re[km(r)]}2
(8)

+ {Im[km(r)]}2
)]

dr ,

where rmin and rmax are the approximate inner and
outer edges of the disk. In Figure 5 we show the
growth of these two modes as a function of time. As
expected, there is significant mode growth for this
slender torus. Furthermore, this mode growth does
not appear to saturate before the end of the simu-
lation. Figure 6 shows the midplane density of this
model at t/torb = 33. An m = 1 “planet” and inflow-
ing spiral wave are both apparent.

The question of interest now is what effect this PPI
growth has on the p-mode oscillations. From Figure
3 it is clear that the PPI growth coincides with a sig-
nificant increase in the mass accretion rate, due to
the angular momentum transport of the spiral waves
generated in the torus. Despite the very significant
changes to the structure of the torus, the fundamen-
tal p-mode is able to survive at least to the end of this
simulation, as is apparent in Figure 3. However, the
power in this mode is significantly reduced and it is
smeared out in frequency space as shown in Figure 4.
The frequency broadening is probably due to changes
in the internal structure of the torus. The damping
is probably a result of leaking wave energy into the
black hole along the accretion stream.

Figure 6: Density in the midplane of the torus. This plot

is shown using the logarithmic radial coordinate.

4.3. 2D Axisymmetric MHD

I now explore the effect of adding initially weak
poloidal magnetic field loops to the axisymmetric
torus investigated in §4.1. The presence of the
poloidal field triggers the violent growth of the
magneto-rotational instability [MRI Balbus and Haw-
ley 1991, Hawley 1991]. The MRI facilitates angular
momentum transport through magnetohydrodynamic
turbulence. Similar to §4.2, the focus here is to deter-
mine whether the p-mode oscillations seen in the 2D
hydrodynamic simulation can survive in the presence
of a known instability, in this case the MRI.

The initial magnetic field vector potential is [De Vil-
liers and Hawley 2003a]

Aφ =

{

k(ρ − ρmin) for ρ ≥ ρmin ,
0 for ρ < ρmin .

(9)

The non-zero spatial magnetic field components are
then Br = −∂θAφ and Bθ = ∂rAφ. These poloidal
field loops coincide with the isodensity contours of the
torus. The constant k is normalized such that initially
β = P/(||B||2/8π) ≥ 100 throughout the torus. The
parameter ρmin = 0.5∗ρcenter is used to keep the field
a suitable distance inside the surface of the torus.

The presence of MRI turbulence dramatically in-
creases the mass accretion rate compared to the hy-
drodynamic torus (see Figure 3) and also redistributes
the disk material into a broader, more radially ex-
tended structure as shown in Figure 7. It is important
to note that axisymmetric MRI simulations are sus-
ceptible to a particularly violent form of the poloidal
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Figure 7: Logarithm of density for the initial and final

torus states for the 2D MHD simulation.

MRI, called the channel solution [Hawley and Balbus
1992], which can itself lead to highly episodic mass ac-
cretion [cf. De Villiers and Hawley 2003b], apparent
in Figure 3.

Comparisons of the power spectra of the L2 density
norms (Figure 2) and mass accretion rates (Figure 4)
suggest that the violent nature of the channel solution
strongly damps the p-mode oscillations. The accretion
spectrum of this simulation shows no power in the
fundamental mode or its overtones. The L2 density
norm spectrum shows some power in the fundamental
mode, although the amplitude of the oscillation decays
with time, as apparent in Figure 1. It remains to be
seen if this strong damping is restricted to the onset of
the MRI or is a more general feature of these turbulent
tori.

5. Summary

An obvious extension of this work will be to perform
3D MHD simulations. There are two potentially im-
portant differences between magnetized axisymmetric
(2D) and nonaxisymmetric (3D) tori. One is the fact
that the very violent channel solution of MRI (seen
in Figure 7) is itself susceptible to a nonaxisymmet-
ric instability that destroys its coherence [Goodman
and Xu 1994]. As a consequence, accretion from a
nonaxisymmetric torus is much less episodic than the
equivalent 2D torus [De Villiers and Hawley 2003b].
The second is that the MRI is unable to sustain it-
self through dynamo action in axisymmetry. The sus-
tained activity of the MRI in three-dimensions will
be important in assessing the importance of p-mode
oscillations in magnetized relativistic tori.

If acoustic modes are indeed strongly damped in
turbulent MRI disks, then the puzzle of QPOs in
black-hole X-ray binaries becomes more problematic.
The MRI only requires that a disk be differentially
rotating at a rate that decreases with radial distance
and that it have a weak magnetic field. Both of these
conditions are thought to be generally met in astro-
physical accretion disks. In light of this and the re-
sults presented here, it appears that p-mode oscilla-
tions may not be a viable mechanism for generating
observable QPOs in realistic accretion disks, but 3D
MHD simulations will be necessary to confirm this.

Animated movies of these results are available at
http://www.physics.ucsb.edu/∼fragile/research.html.
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New Numerical Methods to Evaluate Homogeneous Solutions of the
Teukolsky Equation

R. Fujita, H. Tagoshi
Osaka University, Toyonaka 560-0043, Japan

We discuss a numerical method to compute the homogeneous solutions of the Teukolsky equation. We use the
formalism developed by Mano, Suzuki and Takasugi, in which the homogeneous solutions of the radial Teukolsky
equation are expressed in terms of two kinds of series of special functions, and the formulas for the asymptotic
amplitudes are derived explicitly. In this formalism, we have to solve the continued fraction equation and
determine the “renormalized angular momentum parameter”. Although this parameter has been assumed to be
real number, we find that it becomes complex number as the angular frequency becomes large. We check that
these solutions of the continued fraction equation can be used to determine the homogeneous solution of the
Teukolsky equation. We also compute the energy flux of the gravitational waves from a particle in circular orbits
on the equatorial plane around a Kerr black hole and compare our results with a direct numerical integration
method. We find that both methods produce consistent results. These facts prove the validity to use the
complex solutions of the continued fraction equation to describe the homogeneous solutions of the Teukolsky
equation.

1. INTRODUCTION

Laser Interferometer Space Antenna (LISA) is ex-
pected to be launch in 2012. LISA has the best sen-
sitivity around mHz band and it can detect gravita-
tional waves from inspirals of white dwarfs, neutron
stars or solar mass black holes into a supermassive
black hole and so on. Gair et al.[1] estimated the
number of such event rates are expected to be about
600 by 3 years observation for the inspirals of 10M�

black holes into 106M� supermassive black hole. If
we can detect and observe such gravitational waves,
we may extract information of these systems such as
distance to the source, masses of binary, spin of the
star, geometry of black hole space time and so on. In
the matched filtering technique, which requires theo-
retical waveforms to be correlated with the data, we
will need very accurate theoretical waveforms to ex-
tract astrophysical information of the source although
we may not need it in detection.

To predict the waveforms of the extreme mass ratio
inspirals, we adopt the black hole perturbation ap-
proach. In this approach, a supermassive black hole
is taken to be a background (Kerr black hole), and
we deal with a spiraling compact object as a source of
the perturbation. In this context, the Teukolsky equa-
tion describes the evolution of a perturbation of the
Kerr black hole spacetime. The standard approach to
solve the Teukolsky equation is based on the Green
function method. The Green function is expressed by
two kinds of homogeneous solutions of the Teukolsky
equation. The solution of the Teukolsky equation is
obtained by the integration of Green’s function multi-
plied by the source term, which is given by specifying
the orbit of the point particle. The orbit of the par-
ticle is specified by the three constants of motion, the
energy, the z-component of the angular momentum,
and the Carter constant. When the point particle

moves eccentric orbit on the equatorial plane, the or-
bits show “zoom-whirl” property as the eccentricity
becomes large[2]. If the orbit of the point particle
become more complicated, as in the standard case of
the sources for LISA, we have to trace the orbit for
much longer time than the dynamical time of the sys-
tem in order to integrate the source term multiplied
by the Green function with good accuracy. Although
the accuracy of 10−5, established in many previous
works, may be sufficient to detect gravitational waves
from the extreme mass ratio inspirals, it would be very
helpful for the future data analysis of LISA if we had
more efficient and accurate methods to compute the
homogeneous solutions of the Teukolsky equation to
calculate gravitational waves.

In Ref.[3], we adopt a formalism, originally de-
veloped by Leaver[4] and elegantly reformulated by
Mano, Suzuki and Takasugi (MST formalism)[5, 6],
in which the homogeneous solutions of the Teukolsky
equation are expressed in series of special functions.
We calculated the gravitational wave flux induced by
a particle in a circular orbit on the equatorial plane
around a Kerr black hole within accuracy at least 15
significant figures. And we showed the validity to
use MST formalism to solve the Teukolsky equation.
However when gravitational wave frequency became
large, we could not determine “renormalized angular
momentum parameter”, ν, which is one of the most
important variable in MST’s formalism.

In this paper, we investigate the solution of the con-
tinued fraction equation by which we determine ν. Al-
though this parameter has been believed to be real
number, we find that we can find it in the complex
region. Using these complex ν, we compute the en-
ergy flux of the gravitational waves from a particle in
circular orbits on the equatorial plane around a Kerr
black hole and compare these results with a direct nu-
merical integration method. We find that both results
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are consistent. These facts prove the validity to use
the complex solutions to describe the homogeneous
solutions of the Teukolsky equation. Throughout this
paper we use units with G = c = 1.

2. HOMOGENEOUS SOLUTIONS OF THE
TEUKOLSKY EQUATION

The homogeneous Teukolsky equation is given by

∆2 d

dr

(

1

∆

dR`mω

dr

)

− V (r)R`mω = 0. (1)

The potential V (r) is given by

V (r) = −
K2 + 4i(r − M)K

∆
+ 8iωr + λ. (2)

Here ∆ = r2 − 2Mr + a2 = (r − r+)(r − r−) with

r± = M ±
√

M2 − a2, K = (r2 + a2)ω − ma and λ is
the eigenvalue of the angular Teukolsky equation.

In the MST’s formalism, the homogeneous solutions
of the Teukolsky equation are expressed in terms of
special functions [5, 6]. We consider a homogeneous
solution, Rin

lmω, which has purely ingoing wave prop-
erty at the horizon, but has both ingoing wave prop-
erty and outgoing property at infinity.

We transform the incoming solution Rin
lmω as

Rin
`mω = eiεκx(−x)−s−i(ε+τ)/2(1 − x)i(ε−τ)/2pin(x).(3)

We define pin by

pin(x) =
∞
∑

n=−∞

anF (aν
n, bν

n; cν
n; x). (4)

where x = ω(r+ − r)/εκ, ε = 2Mω, κ =
√

1 − q2, q =
a
M

, τ = ε−mq

κ
, aν

n = n + ν + 1 − iτ , bν
n = −n − ν − iτ ,

cν
n = 1 − s − iε − iτ and F (α, β; γ; x) is hypergeo-

metric function. We note that “renormalized angular
momentum” ν does not appear in the original Teukol-
sky equation. This parameter is introduced in order to
converge the series expansion Eq.(4) and determined
later.

Substituting the Eq.(3) into Eq.(1), we find that the
expansion coefficients of the series of hypergeometric
functions {an} satisfy three-term recurrence relation
given by

αν
nan+1 + βν

nan + γν
nan−1 = 0, (5)

where

αν
n =

iεκ(n + ν + 1 + s + iε)

(n + ν + 1)

×
(n + ν + 1 + s − iε)(n + ν + 1 + iτ)

(2n + 2ν + 3)
, (6)

βν
n = −λ − s(s + 1) + (n + ν)(n + ν + 1) + ε2

+ε(ε − mq) +
ε(ε − mq)(s2 + ε2)

(n + ν)(n + ν + 1)
, (7)

γν
n = −

iεκ(n + ν − s + iε)

×
(n + ν − s − iε)(n + ν − iτ)

(n + ν)(2n + 2ν − 1)
. (8)

In MST formalism, solving the Teukolsky equation
is reduced to determine a parameter ν. Dividing
Eq.(5) by an and setting n = 0, we obtain the fol-
lowing equation.

g0(ν) ≡ βν
0 + αν

0R1 + γν
0 L−1 = 0, (9)

where R1 and L−1 are expressed by the continued
fractions,

Rn(ν) ≡
an

an−1

=
−γν

n

βν
n + αν

nRn+1

=
−γν

n

βν
n −

αν
nγν

n+1

βν
n+1 −

αν
n+1γ

ν
n+2

βν
n+2 − · · ·

, (10)

Ln(ν) ≡
an

an+1

=
−αν

n

βν
n + γν

nLn−1

=
−αν

n

βν
n −

αν
n−1γ

ν
n

βν
n−1 −

αν
n−2γ

ν
n−1

βν
n−2 − · · ·

. (11)

The minimal solution sequence of the expansion coef-
ficients {an} will be derived from Eqs.(10) and (11) if
“renormalized angular momentum” ν is a root of the
continued fraction equation Eq.(9). The problem is
now to seek ν which satisfy Eq.(9).

3. SOLUTIONS OF THE CONTINUED
FRACTION EQUATION

We can determine a parameter ν by solving the con-
tinued fraction equation Eq.(9). When ε = 2Mω is
small, there is an analytic expression of a solution ν
in the form of a series of ε given by

ν = l +
1

2l + 1

[

−2 −
s2

l(l + 1)
−

(l2 − s2)2

(2l − 1)2l(2l + 1)

+
[(l + 1)2 − s2]2

(2l + 1)(2l + 2)(2l + 3)

]

ε2 + O(ε3). (12)

Thus, when ε → 0, ν takes integer value, ν = l. As
an example case, we consider l = m = 2, q = 0. As ω
increases from 0, the solution ν decreases from l and
approaches l − 1/2 at around Mω = 0.36. If Mω is
larger than 0.36, the real solution ν disappear. The
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function g0(x) is shown in Fig.1 in the cases Mω ≤
0.36 and in Fig.2 in the cases Mω > 0.36. At first
glance, in Fig.2, there seems to be a solution at x =
l − 1/2 = 3/2, x = 1 or x = 2. These are solutions
of g0(x) = 0 mathematically, but they don’t produce
the homogeneous solution of the Teukolsky equation.

Next we consider the solution of g0(z) = 0 in the
complex plane of z in the case Mω is above the
critical value and we can not find the real solution.
In Fig.3, we plot a contour of |g0(z)| in the case
Mω = 0.5. We find that there is a minimal around
Re(z) = 3/2 and Im(z) = 0.36. In Fig.4, we plot
Re(g0(z)) and Im(g0(z)) as a function of Im(z) at
Re(z) = 3/2. It is evident that there is a solution
at around z = 3/2 + 0.36i. The precise value of the
solution is z = 3/2 + 0.36188061539416i. It is also
suggested from Fig.3 that there are no solutions other
than this value. We find that when there are no real
solutions, complex solution always exists. Further,
the real part of the complex solutions are always half-
integer or integer. These property is the same in the
case of other parameters, s, l, m and q.

1 1.1 1.2 1.3 1.4 1.5 1.6 1.7 1.8 1.9 2
-1

-0.5

0

0.5

1

1.5

2

g
0
(ν
)

ν

M ω=0.20
M ω=0.36

Figure 1: The function g0(x) for Mω = 0.20 and 0.36.
s = −2 and q = 0. There are real solutions in these cases.

4. NUMERICAL RESULTS

In this section, we confirm the results of Sec.3 by
computing the energy flux of the gravitational waves
induced by a test particle orbiting in circular and
equatorial plane around a Kerr black hole. The com-
plete formulas are given in Appendix A of [3]. We
compare our results, in the case r0 = 1.55M, q = 0.99,
and ν is complex, with that of Kennefick1, which are

1This data was calculated by D. Kennefick based on his pre-
vious work[2], and was kindly provided for us.
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Figure 2: The function g0(x) for Mω = 0.37, 0.40 and
0.50. s = −2 and q = 0. There are no real solution in
these cases.
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Figure 3: The |g0(z)| in the case Mω = 0.50, s = −2,
l = m = 2 and q = 0. There is a complex solution at
ν = 1.5 + 0.36188061539416i.
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Figure 4: The real and imaginary part of the function
g0(z) at Re(z) = 1.5 in the case Mω = 0.50, s = −2,
l = m = 2 and q = 0. The real and imaginary part
become 0 at Im(z) = 0.36188061539416.
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Table I Relative error of the energy flux, up to ` = 7, between Ref.[2] and our results when r0 = 1.55M, q = 0.99, and ν
is complex.

l | m | Re(ν) Im(ν) Numerical integration This paper Relative error

2 2 1.5 1.1374192131794 3.568050135 × 10−2 3.568033154338851 × 10−2 4.76 × 10−6

3 3 2.5 1.4249576682707 2.152962111 × 10−2 2.152959342790158 × 10−2 1.29 × 10−6

4 4 3.5 1.7677955367662 1.230541176 × 10−2 1.230541952573211 × 10−2 6.31 × 10−7

5 4 4.5 0.3735768429955 1.933923538 × 10−5 1.933924400940079 × 10−5 4.46 × 10−7

5 5 4.5 2.1437000387424 7.259841388 × 10−3 7.259849874157195 × 10−3 1.17 × 10−6

6 5 5.5 0.8032470628900 1.536518877 × 10−5 1.536520289551414 × 10−5 9.19 × 10−7

6 6 5.5 2.5395166388946 4.404590776 × 10−3 4.404599359654937 × 10−3 1.95 × 10−6

7 6 6.5 1.2521347909128 1.148793520 × 10−5 1.148795883734041 × 10−5 2.06 × 10−6

7 7 6.5 2.9481395894691 2.726943363 × 10−3 2.726949666682515 × 10−3 2.31 × 10−6

computed by numerical integration, in Table I. We
find that our numerical results agree with that of [2]
for 5-7 significant figures, which are consistent with
the accuracy of the data by the numerical integration
method. This fact shows the validity to use the com-
plex ν to calculate the homogeneous solutions of the
Teukolsky equation.

5. SUMMARY AND CONCLUDING
REMARKS

We investigated solution of the continued fraction
equation, which is derived by Leaver and Mano et al.
in the formalism deal with the homogeneous solutions
of the Teukolsky equation, and determine the “renor-
malized angular momentum” ν. Although we could
not find ν in real region when gravitational wave fre-
quency becomes large, we can find it in the complex
region. In order to verify the existence of complex
ν, we compute the power radiated by gravitational
waves from a particle in circular orbit in equatorial
plane around a Kerr black hole using complex ν and
compare our results with that of a direct numerical
integration method. We find that relative errors of
both methods are about 10−5. Thus, the range of
the gravitational frequency in which the MST formal-
ism can be used for numerical analysis becomes much
wider than that where ν is assumed to be real. We
will apply MST’s formalism using the complex solu-
tions of ν to compute the gravitational waves from a

compact star in generic orbits around a supermassive
black hole in the future.
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Using Simulation, Comparison and Grid Search To Find all Possib le
Binar y Blac k Hole Sour ce Parameter s For Extreme Mass-Ratio Inspiral
Gravitational Wave Signals.

James S. Graber
Graber Research, Washington, DC 20003, USA

First, for each case to be tested, a specific target inspiral signal is selected for parameter extraction. In a future
real analysis, the target signal would be a real signal actually observed by a gravitational wave detector such
as LISA. In this study, however, the target signals are themselves simulations. Some cases were selected to
resemble sources likely to be detected by LISA when it flies; others were selected to facilitate comparison with
previous work using Fisher matrix techniques [e.g. Leor Barack, Curt Cutler, Phys.Rev. D69 (2004) 082005].
Then, for each target inspiral signal, a grid search of the input parameter space is conducted to determine the
set of input parameters that produce a simulated inspiral output signal compatible with the target. In this
study, we consider four parameters: the two masses, the spin of the larger black hole, and the eccentricity of the
orbit. Searching through this four-dimensional parameter space requires that hundreds of possible input source
parameter combinations be simulated for each target signal analyzed. For each input parameter combination,
the detailed time history of the phase of the resulting inspiral is simulated and directly compared with the phase
history of the target signal.
The simulation, comparison, and grid search technique used in this study requires more work than the Fisher
matrix technique used in most previous studies of this topic. However, this method yields a detailed map of the
acceptable region of input parameter space, in contrast to the multidimensional ellipsoids of the Fisher matrix
method. Nevertheless, the final results are in general agreement with those obtained previously by the Fisher
matrix method, providing a partly independent confirmation of both results.

1. Intr oduction

In this paper we display and describe two major
issues, ”ridgelines” and ”catastrophes”, that arose in
our study of the type of extreme mass-ratio binary
black hole inspiral signals that are expected to be
observed by the gravitational wave satellite observa-
tory LISA when it flies. These extreme mass-ratio
inspiral (EMRI) signals are expected to be among the
most scientifically fruitful observations of the LISA
mission, making it possible to map out the geometry
of the spacetime near a black hole in considerable de-
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Figure 1: Ridgeline sample with false islands caused by
grid too coarse
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Figure 2: Ridgeline sample near parameter maximum.
Note ridgeline pinching out on right side.

tail, and also to perform the Ryan[1] test, which is
a go/no-go test of the accuracy of general relativity,
with considerable accuracy. We are carrying out this
study by means of a semi-automated grid search, us-
ing simulations of the phase and frequency evolution
of the EMRI signal. We compare a target signal to
the signal predicted for each combination of possible
source parameters in the grid by simulating the en-
tire inspiral. For each combination, if the phase of
a predicted signal differs from the phase of the tar-
get signal by less than a specified fraction of a cycle
throughout the entire simulated inspiral, that com-
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Figure 3: Ridgeline sample showing false islands and
intersecting ridgelines.
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Figure 4: Slice through ridgeline showing narrowness of
ridgeline and abrupt cliffs due to fold catastrophe.

bination is accepted. Otherwise, the combination is
rejected. The shape of these sets of accepted parame-
ters is much more complex than the multidimensional
ellipses that are the graphical representation of the
results of a Fisher matrix calculation. This paper dis-
plays several examples of slices through these mul-
tidimensional configurations of all accepted parame-
ters. Due to space restrictions, we can show only a
subset of the larger set of examples displayed at the
poster session of this Texas at Stanford conference.
An extended paper with more figures is available on-
line at gr-qc/0503063. These figures show a represen-
tative sample of the ridgelines and catastrophes that
we discovered in our simulations. As we explain below,
these ridgelines and catastrophes are consistent with
the nature of the gravitational wave signals and could
have been anticipated. These ridgelines and catastro-
phes complicate the analysis of EMRI gravitational
wave signals and give more detailed results than sim-
ple Fisher matrix calculations, but the overall results
concerning the accuracy with which parameters can
be extracted are in general agreement with the results
obtained by Fisher matrix methods. In particular,

the grid search method sometimes finds possible solu-
tions not found by the Fisher matrix method, and the
shape of the space of acceptable solutions is almost
always different, but the dimensions of the acceptable
solution spaces are generally comparable.

In the sections below, we first describe EMRIs and
the Ryan test. We next describe the matched filter-
ing and grid search techniques that will probably be
used for analyzing gravitational wave signals. Then
we consider why ridgelines, catastrophes and multiple
solutions are reasonable expectations in this type of
analysis. We also consider various spurious sources
of similar signals. Finally, we briefly consider the im-
plications of these results for using LISA signals to
extract source parameters and perform the Ryan test.

2. Extreme Mass Ratio Binar y Inspirals

LISA is expected to observe stellar mass black holes
(7-15 solar masses) spiralling into galactic center black
holes of 106to 107 solar masses. These are called ex-
treme mass ratio inspirals ( EMRIs). Because of the
extreme mass ratio, the spin of the smaller black hole
is almost negligible. It has less effect on the phase
and frequency evolution of the inspiral than does the
quadrupole moment of the larger black hole, which
must be measured to perform the Ryan black hole
uniqueness test. To a large extent, the smaller black
hole can be treated as a mathematical test particle,
and used to indirectly map out the spacetime sur-
rounding the larger black hole. The most sensitive
measurable parameter is the rate of evolution of the
phase and frequency of the inspiralling black hole. As
the binary radiates energy in the form of gravitational
waves, the two black holes move closer together and
the orbital speed increases. The frequency of the grav-
itational waves increases synchronously with the or-
bital frequency, and the rate of radiation increases as
the two black holes move closer together and orbit
more rapidly. This results in an accelerating rate of
frequency increase, until the two black holes merge.
This accelerating rising frequency signal is called a
chirp.

To a first approximation, all chirps look like nearly
sinusoidal signals. However, if the orbit is eccentric
or inclined with respect to the axis of the spin of the
larger black hole, a second fundamental frequency en-
ters the picture, and if the orbit is both eccentric
and inclined, a third fundamental frequency is in-
volved. Complex harmonics and beats of these varied
fundamental frequencies are generated, affecting the
strength of the gravitational waves and the speed of
the frequency evolution. Importantly, the first funda-
mental frequency can still be detected, and its evolu-
tion monitored. Nevertheless the detailed shape of the
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waveforms and the details of the phase and frequency
evolution depend on a large number of parameters, in-
cluding the astronomical location of the source on the
sky, the location and orientation of LISA, the masses
and spins of the two black holes, the magnitude and
orientation of each of the two spins, the orientation of
the orbit and its periastron, and the timing of the sys-
tem. The largeness of this number of parameters, and
the accuracy with which any given parameter must
be known to predict as many as a hundred thousand
orbits, results in a huge parameter space that is much
too large for an exhaustive search.

3. The Ryan Test

According to the black hole uniqueness theorem,
popularly expressed as ”a black hole has no hair”, in
general relativity, a black hole is uniquely determined
by its mass, its charge, and its spin or angular mo-
mentum, but astrophysical black holes are expected to
have negligible charge. Thus if you know a black hole’s
mass and spin you can predict its quadrupole moment
(and all higher multipole moments as well). If you can
measure a black holes mass, spin and quadrupole mo-
ment, you can test this theorem, and hence test gen-
eral relativity. Ryan[1] showed mathematically how
this can be done by measuring the first few deriva-
tives of the frequency evolution of a chirping EMRI
black hole binary.

4. Signal Detection and Parameter
Extraction by Matched Filtering

It is expected that the signal-to-noise ratio for LISA
EMRIs will be so small that the signal will not be obvi-
ous. Instead, it will be necessary to extract the signals
by the matched filtering technique. For our purposes,
it will suffice to consider only signals of the chirp form,
i.e. quasi sinusoidal signals with a slowly increasing
frequency. For these signals, the power detected is of
order 90 percent of the maximum possible if the sig-
nal and the filter are both sinusoidal and they remain
in phase by less than 5 percent of a cycle. On the
other hand, the detected signal power drops to zero if
the two signals are in quadrature or out of phase by
a quarter cycle. Therefore, we assume that a phase
difference of .05 is not detectable, but that one of .25
is clearly detectable.

5. Multidimensional Grid Search
Techniques

5.1. Exhaustive Search Impractical

As indicated above, the parameter space of EMRI
signal analysis is multidimensional. As many as 17
different parameters may be involved, but some are
negligible. The effective dimension has been estimated
at 14. The total number of possibilities has been es-
timated to be as high as 1040[13]. Even if it is only
1030, exhaustive search is clearly impractical. Alter-
nate techniques, probably including some form of hier-
archical search, are clearly necessary. The technique
of ignoring overtones and beats and searching for a
single fundamental has already been mentioned. A
technique of LISA analysis based on matched filtering
of three-week segments with simple polynomial filters
followed by a search for connected segments has also
been proposed. [12][13]

Even after a signal has been found, extracting the
most likely source parameters, which is part of the
problem considered in this paper, still requires search-
ing a huge remaining parameter space. Finding all
acceptable parameters, or finding the range of ac-
ceptable parameters, requires an even more thorough
search.

5.2. Mesh Refinement

One obvious technique, which has been used effec-
tively in many other contexts, is mesh refinement. We
use this technique extensively, and the major draw-
back we have found is that, since the solutions tend to
fall on very narrow ridgelines, it is easy to totally miss
a solution if your initial grid is too coarse. Of course,
the finer the grid, the greater the computation cost.
This has proven to be a serious limitation on the use
of this technique in two ways: it makes us begin with
much finer grids, and it makes it difficult to automate
the location and sizing of subsequent grid refinements.
Nevertheless, manual grid refinement and relocation is
the fundamental technique we used for the searches in
this paper.

5.3. Hierar chical Search by Dimensional
Reduction

In this technique, one searches in only a few dimen-
sions at a time and then switches to at least partly
orthogonal dimensions. Searching in only one dimen-
sion at a time, it is easy to get stuck at any one point
on a diagonal ridgeline, when the true maximum is lo-
cated a diagonal distance away on the same ridgeline.
Searching at least two dimensions at a time avoids this
trivial trap and has worked fairly well in the searches
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we have tried. Searching only a single step in a hyper-
cube surrounding the current position is another pos-
sibility we have considered, but not yet implemented.
We are not aware of any foolproof technique for fol-
lowing these ridgelines to their true maximum. The
display of false islands resulting from too coarse a grid
indicates how easy it is to get stuck at a false max-
imum. This has prevented us from implementing an
effective fully automated search strategy and forced
us to use very fine grids to make sure we were not
stuck at a false maximum.

6. Characteristics of EMRI signals.

6.1. Characteristics of Actual Signals

The actual signals are still only known to a certain
level of approximation; however, the known level is
more than enough for our purposes. In fact as in-
dicated, we truncate the known results at an early
post-Newtonian order in order to conserve computa-
tion time at an acceptable cost in accuracy. It is also
clear that the actual signals are monotone increases
in frequency and also in the first, and probably sec-
ond, time derivative. However, the relative effects of
spin and eccentricity are not linear, as spin in partic-
ular tends to have dominant quadratic terms. The
full expressions of the current best known analytic
approximations have many more higher order terms
than we have used. Even the early post-Newtonian
order terms that we keep have coefficients that are
qudratic and cubic and beyond in spin, eccentricity
and the two masses. The relevance of this to our sim-
ulations is simply the fact that higher order equations
have multiple solutions. Often only one solution will
be physically reasonable, but sometimes multiple solu-
tions yield acceptable results. In our experience, this
happens more often with noisy data and with short
duration data.

6.2. Characteristics of Simulated Signals

As indicated, most of the simulations in this pa-
per are based on formulae truncated at fairly early
orders. Since the lower order terms are dominant
except in the late stages, low-order polynomial fits
are quite good, especially for short intervals in early
stages of the inspiral. Thus it is reasonable to un-
derstand some of the behaviors of the simulations in
terms of low-order polynomials, even though the ac-
tual simulations involve higher order terms and even
non-polynomial terms. This makes it easier to ex-
plain the appearance of catastrophes and multiple so-
lutions. The ridgelines also follow from approximate
dimensional analysis and the hierarchical convergence
of the various terms, which makes the Taylor expan-
sion effective.

7. Simulation Techniques

We simulate only the frequency evolution of the
EMRI phase signal, ignoring all waveshape infor-
mation. We use a standard modified Taylor ex-
pansion that has been developed by many authors
over the years and has been computed by both the
post-Newtonian technique and the perturbative tech-
nique. We are indebted to Finn and Thorne[3],
Poisson[4][5], Mino et. al.[6], Barack and Cutler[2],
and Glampedakis, Hughes and Kennefick[7][8] for ec-
centric evolutions. We carry terms up to one order be-
yond the first appearance of, or to the second appear-
ance of, the spin, the eccentricity, and the quadrupole
moment. We have experimented previously with car-
rying higher order terms, which give greater absolute
accuracy but have much less effect on the relative
phase that determines our results. We now truncate
these higher-order terms to reduce computation time.

8. Factor s affecting accurac y and
computation costs

Factors that affect accuracy and computation costs
include the order of terms in Taylor series expansions,
the use of non-polynomial terms such as logarithms
and exponentials, the order of polynomial interpo-
lations, the accuracy of numerical integrations, and
the general accuracy of the Mathematica[14] software
package that we used. We tried many combinations
of adjustments to these factors. We believe that an
adequately accurate, but also reasonably economical
combination of these factors was used to produce these
graphs.

9. Notes on Graphs

Most of the simulations for this paper explored the
four-dimensional parameter space spanned by the two
masses, the spin, and the eccentricity, or equivalently,
the chirp mass, the mass ratio, the spin, and the ec-
centricity. (Other parameters that we have explored
in other simulations are start and stop times and the
quadrupole moment.) Most of the graphs in this paper
show the two-dimensional slice in the spin eccentricity
plane for a fixed chirp mass and a fixed mass ratio.
The vertical dimension, which transforms to the in-
side of the contours on the contour charts, is basically
a time dimension. (It is actually number of cycles,
which is monotonically, but not linearly, related to
time.) As long as the inspiral signal generated from
a given set of parameters remains inside the accept-
able zone, that set of parameters is a possible source
for the target signal. Parameters inside the innermost
contour on the contour maps were acceptable for the
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entire length of time simulated, which corresponds to
approximately one year of LISA data.

10. The fold catastr ophe

The catastrophe we see is the simplest, lowest order
catastrophe, called the fold catastrophe. It can occur
anytime a cubic equation or any equation with the
S-shape of a cubic is involved.

11. What We Saw When We Simulated.

11.1. Ridg elines

Ridgelines are long, narrow, often slightly curving
areas inside the acceptable zone. In a two-dimensional
contour plot, they actually look like ridgelines in a to-
pographic map. In three dimensions they are more
like a two-dimensional ”fundamental plane”, as as-
tronomers use that term; in four dimensions they are
three-dimensional, etc. In general, they are one di-
mension less than the number of dimensions being in-
vestigated, which shows that they are the solution to
a single equation. There is one equation for each order
in the Taylor expansion, and also one equation for the
frequency and each of its derivatives. In each case the
lowest order equation is the most dominant and so it
should define the ”ridgeline.” In lowest order in the
two dimensions defined by the two black hole masses,
the ridgeline is the equation for the chirp mass, which
can be determined from the frequency and its first
derivative.

11.2. Catastr ophes

Catastrophes are defined mathematically as the oc-
currence of a discontinuity in a basically continuous
system. The hysteresis curve is a familiar example.
We see the catastrophes as the sudden jumps in the
number of cycles (or length of time) that the signal
generated by a set of parameters remains in the ac-
ceptable zone as the parameters vary. Thus the to-
pographic analogy is that the graph looks like box
canyons, plateaus and mesas separated by cliffs, rather
than hills, mountains and valleys connected by slopes.
Mathematically, catastrophes are usually generated
when a solution jumps from one branch of a curve
to another or one maximum to another, and that is
exactly what is causing the cliffs and plateaus we see
in these graphs. (In the contour maps, the cliffs are
multiple contours crowded together.)

11.3. Multiple solutions

Less commonly than the ridgelines and the catas-
trophes, which are nearly ubiquitous, two or more dis-
connected islands of high acceptability, or high prob-
ability of being a correct solution, will occur. These
seem to occur more often at shorter durations and
with higher noise ratios. Caution is necessary, be-
cause too coarse a grid will make a connected ridge-
line appear to break up into a series of disconnected
islands. Multiple solutions in mathematics usually re-
sult from nonlinear, higher order equations, and many
such equations are used to solve the gravitational wave
generation formulas and extract the parameters we are
interested in. It is perhaps surprising that multiple
solutions do not occur more often.

11.4. Inter secting Ridg elines

Several graphs clearly show a narrower ridge of even
higher probability or longer conformance intersecting
the main ridgeline. It is clear that the points inside
these boundaries satisfy two separate sub conditions
for optimality. (See figures 1,2 and 3)

12. Why we could have expected to see
these results.

12.1. Ridg elines

Ridgelines result from the dimensional reduction of
the solution space due to the constraints imposed by
the equations involved. There is one equation for
each order in the Taylor expansion of the gravitational
wave prediction formula. (These are theoretical quan-
tities.) There is also one equation for the frequency
of the gravitational wave signal and each of its deriva-
tives. (These are observable quantities.) By match-
ing these two sets of equations, we can extract the
theoretically interesting parameters, such as the two
masses, the spin, the eccentricity, and the quadrupole
moment from the observed values and hence perform
the Ryan[1] test. Each equation in a set of multi-
ple equations with multiple unknowns reduces the di-
mension of the remaining solution space by one. An
equation with an error bar reduces one dimension to
a narrow band instead of to a complete mathemat-
ical zero dimensional collapse. If one equation is a
much stronger constraint than the others, one dimen-
sion will be reduced by much more than the others,
giving the patterns we see. Since we expect a hierar-
chy in the strength of the constraints, we should ex-
pect a hierarchy in the widths of the dimensions. At
least the first two layers of this hierarchy are visible
in figures 1,2 and 3.
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12.2. Catastr ophes and Multiple
Solutions:

These are logical possibilities as soon as you have
equations of degree two or more for multiple solu-
tions and three or more for catastrophes. Perhaps
it is surprising that catastrophes seem to be so much
more common than multiple solutions. The extent to
which the chirps and their derivatives are monotone
may promote the tendancy for unique solutions. The
fact that spin and eccentricity have many of the same
effects on phase evolution (and hence can substitute
for each other), but have a different dominant power
contributing may allow for the non-monotone type of
equation that makes catastrophes possible, particu-
larly in the spin-eccentricity plane.

13. Implications for Ryan Test

The fact that the size of the acceptable zone de-
creases as duration increases, (see narrow peak at the
top of figure 4), suggests that EMRI inspirals that are
observed for a year or more will give strong results for
the Ryan test.

14. Implications for Parameter Extraction

The same narrow peak augurs well for LISA pa-
rameter extraction as well. On the other hand, the
broad base will be relevant for all short duration ob-
servations, including LIGO and other ground based
gravitational wave observatories.

15. Implications for Hierar chical Search

The three-week observations proposed as part of the
hierarchical search strategy clearly fall in this broad
base if treated as individual, disconnected observa-
tions. However, there does not seem to be any reason
to continue to analyze them in isolation if a connected
signal is found.

16. Implications for LISA Weak Signals
and Noise Anal ysis

Some cases of marginally observed LISA signals will
fall into this broad base. This will limit the accuracy
with which these signals can be retrodicted as well
as predicted, and will hence somewhat hamper the
ability to reduce the LISA noise level by subtracting
out these signals.

17. Conc lusion

The ridgelines and catastrophes illustrated in this
poster paper show that the acceptable solution space
is much more complex than can be represented by a
multidimensional ellipsoid. This complexity will have
to be considered during parameter extraction when
gravitational wave signals are observed.

References

[1] Ryan, F. D., Phys. Rev. D 52, 5707 (1995).
[2] Leor Barack, L., and Cutler, C., Phys.Rev. D69

(2004) 082005].
[3] Finn, L. S., and Thorne, K. S., Phys. Rev. D 62,

124021 (2000).
[4] Poisson, E., Phys. Rev. D 55, 639-649 (1997).
[5] Poisson, E., Phys. Rev. D 54, 5939 (1996).
[6] Mino, Y., Sasaki, M., Shibata, M. Tagoshi, H.,

and Tanaka, T., Prog. Theor. Phys. Suppl.128,
1-121 (1997).

[7] Glampedakis, K., Hughes, S. A., and Kennefick,
D., Phys. Rev. D 66, 64005 (2002).

[8] Glampedakis, K., and Kennefick, D., Phys. Rev.
D 66, 44002 (2002).

[9] Ryan, F. D., Phys. Rev. D 56, 1845 (1997).
[10] Ryan, F. D., Phys. Rev. D 53, 3064 (1996).
[11] Barack, L., and Cutler, C., gr-qc/03010125.
[12] Wen, L., and Gair, J. R., gr-qc/0502100
[13] Gair J R, Barack L, Creighton T, Cutler C, Lar-

son S L, Phinney E S and Vallisneri M 2004 Class.
Quant. Grav 21, S1595

[14] Wolfram, S., Mathematica, Cambridge Univer-
sity Press, 1999

1212

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



 
 

  

lagrangians and field equations in the Weyl-Cartan spacetime 
V. Korolyov  
MSPU, Moscow, Russia 

Dilaton matter, considered as a mathematical model for dark matter, generates in spacetime the Weyl-Cartan geometry. We 
investigate into variational procedure in Weyl-Cartan spacetime with nonmetricity of the Weyl type for non-linear lagrangians 
of the most general type presented within tetrad gravity theory and obtain gravitational field equations. We use method of 
independent variation with respect to tetrad and the general nonholonomic connection obeyed Weyl condition with the help 
undetermined lagrangians multipliers. In order to validate obtained equations we use strong differential identities. Also we 
showed the equivalence of our variational procedure and over variational methods. The obtained equations are used to 
investigate into the singularity problem in the early Universe. 

 

1. THE WEYL-CARTAN SPACETIME 
The basic concept of modern physics coming from 

Einstein establishes/claims that spacetime geometrical 
structure compatible with the properties of matter filling 
spacetime. That means that the matter dynamics 
determines the metric and the connection of the 
spacetime manifold and in turn is determined by the 
spacetime geometric properties. Within Einstein 
Gravitational theory it was possible to develop relative 
astrophysics and cosmology in Riemann spacetime 
successfully describing the basic structures of observable 
Universe. However the difficulties of classical theoretical 
cosmology and up-to date state of art in observation 
cosmology result in new problems of fundamental 
physics. One way to solve these problems suggested by 
many authors is to generalize Gravitation theory to 
spaces with more complicated geometrical structure, i.e. 
Riemann-Cartan space with curvature and torsion and 
general metric-affine spaces with curvature, torsion and 
non-metricity, in particular, Weyl-Cartan space. Weyl-
Cartan space stands for a connected differentiable 
manifold with a connection , Lorenz metric  and 
obeying of the Weyl non-metricity condition: 

                    ,           (1) 
Vector  is called Weyl vector.  geometry is 

characterized by Weyl non-metricity (1), curvature  
and torsion . 

2. FIELD EQUATIONS 
We represent the total Lagrangian density 4-form of 

the theory as follows [1] 

       ,        (2) 
In (2) the Lagrangian density is used as the 

sum of linear Gilbert-Einstein Lagrangian density 
  generalized to  

space, and the term  is a sum of arbitrary invariants 
that are squares of curvature tensors , torsion  and 
nonmetricity . In (2)  is a Lagrangian density of 
matter that includes all possible sources of gravitational 
field. In the considered theory Weyl-Cartan space has the 
original fundamental status without any connection to 

the metric-affine gravitation theory that’s why Weyl’s 
condition (1) is allowed for by including the theory (2) in 
Lagrangian density (2) with the help of the Lagrange 
multipliers  before variation procedure. 

In  space in tetrad variational formalism of the first 
order (generalized Palatiny formalism) independent 
variables are coupling components in anholonomical 
orthogonal basis , tetrad potentials  and the 
components of metric tensor of tangent space  and 
also indeterminate Lagrange multipliers . The 
appropriate variation field equations are obtained by 
varying action integral with the total Lagrangian density 
(2) with respect to this system of dynamic variations [3]: 

               , , , .           (3) 
The last equation (3) is Weyl’s condition of 

nonmetricity (3). Allowing for this condition we obtane 
the following variational equations 

                                       (4) 

                                   (5) 

                                   (6) 

where , . 
In (4)-(6) we use the symbols according to [1] 

         , , . 
In equation (4) tensor P is called Palatiny tensor that is 

given by  
                     

where  is modified torsion 
tensor. The left parts of equations (5), (6) contain the 
following reduces of curvature tensor 

        , , , . 
The right parts of equations (4)-(6) contain tensors 

describing the sources of gravitational field 

– canonical tensor energy-momentum, 

 – metric tensor of energy-momentum, 

 tensor of dilaton-spin momentum [2]. 

 

The ariational formalism in the Tetrad gravitational theory with non-linear 
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By simmetrization of the first equation with respect to 
indexes a and b one can obtain the equation for 
indeterminate Lagrange multipliers 

                           
and eliminate indeterminate multipliers from (6). Then 
we antisimmetrizate the also take trace of this equation 
with respect of these indexes equation (4) with respect to 
indexes a and b and. As a result, taking into account the 
properties of Palatiny tensor [1] 

              , ,                       (7) 
we obtain the equation of gravitation field in tetrad 
gravitation theory in Weyl-Cartan space 

                             (8) 

                               (9) 

       (10) 
The direct calculation proves that equation (10) is the 

consequence of equations (8), (9) and identity (7). 
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The Role of Primordial Kicks on Black Hole Merger Rates
M. Micic, T. Abel, S. Sigurdsson
Pennsylvania State University, State College, PA 16802, USA

Primordial stars are likely to be very massive >∼ 30Msun, form in isolation and likely will leave black holes as

remnants in the centers of their host dark matter halos in the mass range 106 − 1010Msun. Such early black
holes have been speculated to be the seed black holes for the many supermassive black holes found in galaxies
in the local universe. If they exist, their mergers with nearby supermassive black holes may be a prime signal
for long wavelength gravitational wave detectors. We distinguish cases in which the black holes are born in the
center of high redshift dark matter halos and are endowed with or without intial kick velocities. The central
distributions of early black holes in present day galaxies is reduced if they are born even with moderate kicks
of tens of km/s. The modest kicks allow the black holes to leave their parent halo which consequently leads
to dynamical friction being less effective on the lower mass black holes as compared to their parent halos.
Therefore, merger rates may be reduced by more than an order of magnitude. Using analytical and illustratory
cosmological N–body simulations we quantify the role of natal kicks of black holes formed from massive metal
free stars on their merger rates with supermassive black holes in present day galaxies. Our results also apply
to black holes ejected by the gravitational slingshot mechanism. A powerful instrument for studying massive
black holes will be LISA.

1. MOTIVATION

It is firmly established that most of the galaxies
have super-massive black holes at their centers. Ab
initio numerical simulations of the formation of the
first luminous objects in the current structure forma-
tion models find metal free stars to form in isolation
and to may have masses 30 − 300 Msun [1], [2], [5].
This suggests that a large population of primordial
black holes could be an end product of such pregalac-
tic star formation [10]. Since they form in rare high-σ
density peaks [7], [11] relic massive black holes would
be predicted to cluster in the cores of more massive
halos formed by subsequent mergers. It has been sug-
gested [15] that clustering of these massive black holes
could aid in the formation of supermassive black holes
that are indirectly observed in the nuclei of nearby lu-
minous galaxies. The core collapse of the primordial
massive stars can lead to fragmentation and produc-
tion of two or more compact objects (black hole or
neutron star). Their coalescence under gravitational
radiation may give the resulting black hole or neu-
tron star a significant kick velocity [6], which may
explain those observed in pulsars. The most probable
kicks come from coalesce of binary black holes through
mergers of dark matter halos at high redshifts [9], [12].
LISA can study much of the last year of inspiral, and
the waves from the final collision and coalescence of
massive black hole binaries, whenever the masses of
the black holes are in the range 3 × 104 − 108 Msun
[8].

2. IMBHs TRAJECTORIES AND KICKS

In our numerical simulations we use GADGET
(GAlaxies with Dark matter and Gas intEracT), a
code written by Volker Springel [14]. Periodic box of

14.3 comoving Mpc, ΛCDM universe with ΩM =0.3,
ΩΛ=0.7 and h=0.7 from redshift z=40 to z=1, refined
field: sphere of 2 Mpc comoving radius. 4.9×106 high-
resolution particles (softening length 2 kpc comoving)
for the simulation and 2.0×106 low-resolution parti-
cles (softening length 4 kpc comoving) in the rest of
the box. The mass of each high resolution particle in
these simulations is 8.85×105 Msun and the mass of
each low-resolution particle is 5.66×107 Msun. Anal-
ysis is performed by P-GroupFinder [13]. We used
this code to define dark matter halos and to iden-
tify black holes as the most bounded particles in their
host halos. Density plots were made with codes pro-
vided by Naoki Yoshida. Fig 1: (SIM1): At redshift
z=8.16 we identified 2869 dark matter halos with mass
in range 107 Msun <∼ M <∼ 1010 Msun. We selected
the same number of MBHs from their centers. By con-
necting particles’ coordinates through 33 snapshots we
obtained MBHs trajectories from redshift z=8.16 to
redshift z=1.00. From 2869 MBHs at z=8.16, 1958 of
them can be found inside primary halo at z=1.00. Fig
2: We add this presumed kick velocity with a random
direction to a gadget velocity taken from the snapshot
at redshift 8.16, for every particle identified as tracing
the location of a presumed pop III intermediate mass
black hole. This leads to Fig 1 (SIM2a and SIM2b).
Fig 3: IMBHs in more massive host halos demand
larger kicks in order to escape. As a result, some of
them stay captured in their host halo gravitational
potential. Notice the fundamental difference between
simulations SIM1 and SIM2. In the case without the
kicks, black holes embedded in sub–halos reach the
center of the primary halo, and the location of the
presumed supermassive black hole, through dynami-
cal friction, and the main contribution to this procces
is from the total mass of their halos which remain
mostly bound through our simulation.
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Figure 1: Sample of hundred IMBHs selected from most
massive host halos at z=8.16 and their trajectories from
z=8.16 to z=1 overploted on 2D density projection.
Density peaks in yellow correspond to host halos centers
and to the positions of their IMBHs. top : no kick case
(SIM1); middle (SIM2a): case of [0,150] km/s kick
centered at 75km/s and bottom (SIM2b): case of
[125,275] km/s kick centered at 200km/s. With large
kicks IMBHs overcome the host halos gravitational
potential resulting in change of their trajectories.
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Figure 2: Binned black holes’ kick velocities chosen from
analytical distribution (overploted as thin for [0,150]
km/s kicks centered at 75 km/s and as thick for [125,275]
km/s kicks centered at 200 km/s).
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Figure 3: Black holes’ escape velocity as a function of
halo mass as pluses, calculated from gravitational
potential of host halo set consisting of 2869 members.
Black holes’ velocity relative to their host halos’ velocity
reduce to assigned kicks: [0,150] km/s centered at 75
km/s repesented as circles and [125,275] km/s centered
at 200 km/s represented as diamonds. Lower mass host
halos have lower maximum escape velocities enabling
their IMBHs to escape.

3. ANALYTICAL EXPECTATIONS

Clustering of massive black holes at the centers of
dark matter halos leads to their growth into the pop-
ulation of intermediate mass black holes (IMBH) at
the centers of merging dark matter halos. The early
stages of merger are driven by hierarchical cold col-
lapse of the sub–halos into the primary halo forming
the Galaxy. Subsequent dynamical evolution of the
IMBH population occurs through dynamical friction.
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We assume that IMBHs embedded in their parent
sub–halos experience dynamical friction acting collec-
tively upon the entire compact sub–halo containing
the IMBH, at least until tidal stripping significantly
reduces the effective sub–halo mass to that of the cen-
tral mass only [16]. The primary halo is well approxi-
mated by a singular isothermal sphere. The frictional
force on a host-halo [4] of mass M moving on a circular
orbit is:

F = −0.428lnΛ
GM2

r2
, (1)

Trivially, taking the time derivative of the expres-
sion L=rvc, and substituting into equation (2) gives
an upper bound on the timescale for dynamical fric-
tion to bring the sub–halo and associated IMBH to
the primary halo center. Solving, subject to the initial
condition r(0)=r, one finds that the sub–halo would
reach the center after a time:

tfric =
1.17
lnΛ

r2vc

GM
. (2)

Assuming that dynamical friction is efficient in
bringing sub–halo to the center of the primary halo,
from the equation (3), we can calculate the radius
rsink at which sub–halo has to be, in order to sink to
the center in less then the Hubble time for given veloc-
ity dispersion and sub–halo mass. If every sub–halo
carries one IMBH at its center, then the merger rate
for IMBHs will be function of number of sub–halos
inside rsink . If kicks at higher redshifts supply IMBH
with velocity enough for IMBH to escape its sub–halo,
the expected number of IMBHs at r <∼ rsink will be
smaller and this will lead to significant decrease in
IMBH merger rates. Stoping the growth of IMBH
through gas accretion by ejecting them into lower
dark matter density regions, changing x-ray popula-
tion predictions [3].

4. POST-MERGER EVOLUTION

We find that significantly more black holes get at
the center of the primary halo when they are embed-
ded in their dark matter sub–halos. But a number
of mergers to the center occur even in the presence
of kicks. Comperable numbers of black holes reach
primary halo in both cases since the gravitational po-
tential of dark matter halos increases with redshift
(Fig 4 and Fig 5). Fig 6. shows number density of
the IMBHs inside primary halo, from SIM1, SIM2a
and SIM2b. Although the total number of black holes
differs from SIM1 by 0.7% for SIM2a and 8.3% for
SIM2b, there is a decrease in the number of IMBHs
at SIM2 for the inner 10% of the primary halo.

1e+07 1e+08 1e+09 1e+10 1e+11 1e+12 1e+13
1

10

100

1000

M[Msun]

m
ax

. e
sc

ap
e 

V
 [

km
/s

]

z=8.16

z=5.51

z=2.29

z=1.00

Figure 4: All dark matter halos in our simulations.
Maximum escape velocity (corresponds to central
gravitational potential) of dark matter halos at different
redshifts as a function of dark matter halos’ masses.
Gravitational potential of the same mass halos increases
at lower redshifts wich, together with IMBHs free fall,
results in reaching the primary halo at z=1 for almost all
of the kicked IMBHs, see Fig 6.
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Figure 5: Data after removing substructures. Maximum
escape velocity (corresponds to central gravitational
potential) of dark matter halos at different redshifts as a
function of dark matter halos’ masses. As the number of
substructures increases with redshift, the dark matter
halos with mass <∼ 109 Msun start showing dispersion in
their maximum escape velocity. This is due to tidal
effects in the outer regions of primary. Dispersion
disappears after removing substructures. At redshifts
z=1 and z=2.99 data splits into two streams as the result
of major merger at redshift z=3.

We calculate a radius (rsink) which IMBHs have to
reach in order to merge to the center in less then the
Hubble time for two cases. First, when the IMBHs are
inside sub–halos of minimum mass 107 Msun (SIM1),
and second when IMBH has been ejected from its par-
ent sub–halo (SIM2). In the first case, IMBHs inside
107 Msun will merge to the center if they are at less
then rsink=rvir/30 when the halo collapse virialises.
We find that a little over 4% of the IMBHs formed are
at radii less then rsink. So for this model we predict
that in the absence of kick, 83 IMBH reach the center
to coalesce with the central SMBH (or the seed SMBH
formed in the sub–halo that became the center of the
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Figure 6: Number of black holes as a function of primary
halo radius. No kick case (thick); [0,150] km/s kick
centered at 75 km/s (dash) and [125,275] km/s kick
centered at 200 km/s (dash-dot). Although the number
of IMBHs entering primary halo is comparable in all
three cases, the difference in their interior distribution is
well pronounced.

primary halo). More generally, this predicts O(102)
IMBH mergers per Milky Way like halo over a Hubble
time, even for the cases shown here where only halos
with masses >∼ 2.83 × 107 Msun were allowed to form
black holes. In the second case, the kicked IMBHs
have a significantly flatter spatial distribution, partly
because they have decoupled from their parent sub–
halos, so there are fewer inside 1/30rvir. Fig 6. shows
that there are 2.21% of IMBHs from SIM2a and 0.95%
of IMBHs from SIM2b inside this radius. Fig 7. shows
the ratio of IMBHs with kicks and IMBHs with no
kicks. There is a large drop in the central population
of IMBHs with kicks. This can be seen also in den-
sity plots Fig 8. IMBHs in SIM2 have to be at radii
less then rsink=rvir/100. Only 1/4% of the SIM2a
IMBHs are inside this radius. That is, under the same
assumptions but allowing for natal kicks, only about
4 to 5 IMBH merge with the central SMBH over a
Hubble time, a factor of 20 lower merger rate. In the
SIM2b there are no IMBHs inside rvir/100 except for
the one originating from the ancestor of primary halo
at redshift z=8.16.

These numbers can increase since, in reality, σ is
lower at small radii so tfric is also smaller. The merger
of 83 IMBHs in SIM1, leads to formation of 7.34×107

Msun SMBH inside dark matter halo with velocity dis-
persion σ = 157 km s−1. We note that primary halo
is not actually spherical and if a halo is triaxial, then
some fraction of the IMBHs can “walk” into the inner
halo (r � 10−2rvir) region on time scale ∼ 10torbital

due to centrephilic box or boxlet orbits [17], [18], at
which point dynamical friction becomes effective in
bringing the IMBH to the halo center. Also, some of
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Figure 7: Fraction of SIM1 black holes in SIM2a and
SIM2b as a function of radius. Thick line for [0,150]
km/s kicks centered at 75 km/s and dots for [125,275]
km/s kicks centered at 200 km/s.
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Figure 8: Density of the primary halo at z=1 (thick
dash) and its most massive progenitor from z=8.16
(dots) as a function of radius. Also, density in hosted
black holes for no kick (thick); [0,150] km/s kick centered
at 75 km/s (dash) and [125,275] km/s kick centered at
200 km/s (dash-dot).

the MBHs are being assigned with kick velocities that
directed them toward center. Due to this, some addi-
tional IMBHs from SIM1 and SIM2 could reach orbits
in the center of HALO 1. Kicks are also responsible for
ejecting IMBHs from gas enriched regions of the halos.
Since gas accretion is one of the main mechanisms for
black hole growth, dumping black holes into regions of
lower gas densities would prevent formation of AGNs
which would lead to decrease in their numbers. Gas
accumulates where the gravitational potential wells
are deepest. It is also where dark matter densities
are highest. Therefore we may get a crude estimate
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Figure 9: Local density of dark matter traced by black
holes as a function of redshift. No kick (thick); [0,150]
km/s kick centered at 75 km/s (dash) and [125,275] km/s
kick centered at 200 km/s (dash-dot). Ejection of IMBHs
from gas enriched regions of galaxy infuences AGNs
formation rates, reduces their numbers and their
contribution to ionizing background.

of the ability of IMBHs to accrete gas by tracing the
dark matter density at their positions. Fig 9. shows
average local density of dark matter traced by our set
of IMBHs vs. redshifts. At z=8.16 the kicks are as-
signed. IMBHs are being ejected from their host halos
into the regions with lower density (dash and dash-
dot from z=8.16 to z=7.75). From z=7.75 to z=2.80
kicked IMBHs are in the environment 1-6 times less
dense then in the no-kick case. This might suppress
formation of AGNs. Notice that around z=3.00, the
average IMBHs in all three cases start tracing similar
density distributions. This implies that for z>∼3, the
contribution of faint AGNs to the ionizing background
would be decreased if kicks of IMBHs were important.

5. DISCUSSION

We have performed and analyzed high-resolution
collisionless simulations of the evolution of structure
in a ΛCDM model. We have followed the formation
and evolution of dark matter halos and by assuming
that each halo is a host of one IMBH we studied the
formation of SMBH. We focused on two cases where in
the first IMBHs together with their host halos merge
through dynamical friction and second when IMBHs
are endowed with an initial kick which in many cases
lead to ejection from their host halos. Already ana-
lytically it is clear that the dynamical friction will act
more efficiently on the host halos then on the much
lower mass black holes formed within them. Our il-
lustrative calculations highlight some of the expected
differences in the density distribution of the final dis-

tributions of black holes which may by quite different
even in the presence of the modest kick velocities we
have imposed. The flatter spatial distribution of MBH
with kicks can be due to dynamical friction but it can
also be influenced by numerical noise. In order for dy-
namical friction to work in numerical simulations, the
density of the background - parent halo density, has
to be more resolved. Larger resolution gives smaller
softening lengths for particles and smaller softening
lengths give more realistic dynamical friction. At the
current resolution of our simulation, dynamical fric-
tion can not be efficiently realised in the model be-
cause the background density of parent halos is not
resolved well enough. Nevertheless, it seems that even
at current resolution, our simulations are able to ac-
count for effects of dynamical friction. Subsequent
papers will track the dynamical evolution of the sub-
halos and IMBH at late times, using higher resolution
simulations and semi-analytic implementations of dy-
namical friction [4]. A little over 4% of MBHs merge
at the center in less then Hubble time and if this is
the dominant way of creating SMBH then it is effi-
cient even if the MBHs are ejected from their parent
halos, with merger numbers only reduced by a fac-
tor of two or so for modest kicks. It is also possible
that kick velocities have been underestimated in our
simulations. The value of median kick of 150km/s
may be increased to more then 1000km/s according
to some authors [9], [12], which would also greatly en-
hance the effects introduced here, reducing the num-
ber of mergers to negligibly small. LISA observations
should strongly constrain any natal kick on IMBHs
formed from very massive Pop III stars in low mass
proto-galactic sub-halos. Currently we are running
a followup simulation together with SCF code that
evolves our structures from redshift z=1.0 to z=0.0.
We are also studying globular clusters formation and
kinematics through our simulation.
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Prospects of Non-Riemannian Cosmology
Dirk Puetzfeld
Department of Physics and Astronomy, Iowa State University, Ames, IA 50011, USA∗

In this work we provide the motivation for considering non-Riemannian models in cosmology. Non-Riemannian
extensions of general relativity theory have been studied for a long time. In such theories the spacetime
continuum is no longer described by the metric alone but endowed with additional geometric quantities. These
new quantities can be coupled to the intrinsic properties of matter in a very natural way and therefore provide
a richer gravitational theory, which might be necessary in view of the recent cosmological evidence for dark
matter and dark energy. In this work we mainly focus on the concepts in metric-affine gravity and point out
their possible significance in the process of cosmological model building.

1. INTRODUCTION

Cosmology, especially its observational sector, is
currently a thriving field of physics. On the theoreti-
cal side opinions have converged to what is nowadays
dubbed cosmological concordance model (CCM). But,
despite of all the successes of this model in describing
different cosmological observations, we should not fool
ourselves to believe that the grand picture of cosmol-
ogy stands on a firm basis. The reason for this is sim-
ple: Interpretation of the data within the concordance
model leads inevitably to the introduction of the con-
cepts of dark matter and dark energy1. We surely
could live with such concepts by stating that they de-
pend on some peculiar details which yet have to be
added to the description of our universe. Unfortu-
nately, dark matter and energy make up the complete
energy budget within our simple picture and therefore
cannot be treated as some minor details which remains
to be worked out. This is clearly an embarrassing sit-
uation which needs to be addressed by cosmologists.

In the following we will have a glance at the theoret-
ical landscape of cosmology and pay special attention
to the non-Riemannian approach. Non-Riemannian
extensions of our current gravity theory, i.e. General
Relativity (GR), represent a well motivated frame-
work and have been discussed extensively in the lit-
erature. In this short review we only address ques-
tions which are related to the possible cosmologi-
cal significance of such an approach. Readers who
want to learn more about the fundamentals of non-
Riemannian gravity theories, the gauge theoretical ap-
proach to gravity, and metric-affine gravity (MAG)
should consult the excellent reviews [3, 6, 7, 9, 10].

∗Electronic address: dpuetz@iastate.edu
1See [4] for an inventory of cosmological parameters.

2. THEORETICAL LANDSCAPE

With the right amount of crudeness one could sum-
marize the reasons to consider a drastic step, like the
change of the gravity theory which underlies cosmol-
ogy, as follows:

• Large amounts of dark matter/energy necessary
to fit current observations within the CCM.

• No direct observation of a dark matter particle
in the laboratory.

• No theoretical explanation for the smallness of
the dark energy component when compared to
quantum field theory.

• No reason to believe that GR is valid in the early
universe, i.e. at high energies.

• No test of Newtonian/general relativistic gravity
on cosmological scales.

In the following we have a glance at some of the
proposed remedies for this situation.

2.1. Alternatives

Although we know for sure that GR has to be mod-
ified in order to make it compatible with quantum
theory [12], we do not have any final form of this
new gravitational theory. Additionally, we do not
know how possible low-energy modifications, and thus
modifications that may play an important role for the
aforementioned observational problems in cosmology,
caused by such a new theory will look like.

In table I we provided a very rough overview over
current theoretical approaches to extend/replace our
current gravity theory and thereby also our cosmo-
logical model. The separation into different model
classes is sometimes not unique. For example, one
could also count the non-symmetric gravity models as
non-Riemannian models and all of the models listed
in table I could in principle also have a non-trivial
topology.
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Table I Some examples for different classes of models
recently used to explain observations of cosmological
significance.

Model type Description

Scalar-tensor theories Modified Lagrangian, addi-
tional scalar field (maybe a
leftover from some higher the-
ory) non-minimally coupled to
the Ricci scalar.

Higher dimensions Our universe represents only a
4-d brane in a 5-d bulk, gravity
assumed to be the only inter-
action which propagates in the
bulk.

f(R, Rαβ , . . .) models Modified gravitational La-
grangian in terms of the
curvature.

Topological models Universe assumed to have non-
trivial topology, i.e. impose
some additional global proper-
ties of spacetime which GR, as
a local theory, makes no state-
ments about.

Non-symmetric gravity Theories in which the metric
gαβ is no longer symmetric.

Tensor-vector-scalar the-
ory

Additional vector field intro-
duced by hand into the defini-
tion of the metric, extended La-
grangian which contains the ad-
ditional vectorial quantity and
an extra scalar field.

Non-Riemannian models Spacetime no longer Rieman-
nian, new field strengths torsion
T α

βγ and nonmetricity Qαβγ

couple to intrinsic properties of
matter such as the spin.

2.2. Non-Riemannian gravity

One of the general frameworks for non-Riemannian
gravity theories is metric-affine gravity (MAG) as re-
viewed by Hehl et al. in [10]. In the following we focus
on the new geometrical notions in metric-affine grav-
ity and try to explain their possible impact on cos-
mology. The reasons to pick MAG as starting point
are varied: (i) Among the different alternative gravity
theories MAG represents a very well motivated and
natural generalization, c.f. the introduction of [10] for
a list of arguments, and (ii) there exists a general
Lagrangian formulation of MAG according to which
many other non-Riemannian theories may be system-
atically classified. (iii) There exist several exact (also
non-cosmological) solutions for MAG which rank it
among the best studied alternative gravity theories
during the last years. (iv) The idea to couple intrinsic
features of matter to new geometrical quantities can

Figure 1: Classification of different spacetime types
according to the non-Riemannian scheme. By switching
off torsion and nonmetricity we arrive at the usual
Riemannian spacetime as encountered in GR.

be viewed as the natural prolongation of the line of
reasoning which led to the formulation of the so far
most successful gravity theory, namely GR.

2.3. Metric-affine gravity

In metric-affine gravity the spacetime continuum
which contains matter carries both stresses σαβ (or
momentum currents) and hyperstresses ∆αβγ (or hy-
permomentum currents). The geometry of spacetime
is described by means of a metric gαβ and an indepen-
dent affine connection Γγ

αβ . The metric is still sym-
metric, i.e. gαβ = gβα, but the connection is no-longer

given by the metric compatible connection
{

α
βγ

}

2

known from GR and may be asymmetric Γγ

αβ 6= Γγ

βα.
If we define Cartan’s torsion tensor Tα

βγ := Γα
[βγ]

and

the nonmetricity tensor Qαβγ := −∇αgβγ then, cf.
[22], the affine connection might be split up as follows

Γα
βγ =

{

α
βγ

}

+ Tβγ
α − Tγ

α
β + Tα

βγ

+
1

2
(Qβγ

α +Qγ
α

β −Qα
βγ) . (1)

Furthermore, one assumes that the momentum cur-
rent Σαβ of matter essentially couples to the metric
gαβ whereas the hypermomentum current ∆αβγ cou-
ples to the affine connection Γα

βγ of the spacetime.
From the last assumption and the splitting of the

connection as given in eq. (1) it becomes clear that
MAG incorporates several other alternative gravita-
tional theories, as well as GR itself. For example it
is well known from Einstein-Cartan (EC) theory that

2
{

α

βγ

}

:= 1

2
g

αµ
(

∂βgγµ + ∂γgβµ − ∂µgβγ

)

.
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the torsion of spacetime couples to the intrinsic spin of
particles. In figure 1 we sketched how different space-
times, and thereby different alternative theories which
make use of these richer spacetime concepts, maybe
classified with respect to the torsion and nonmetric-
ity.

The gravitational field Lagrangian of MAG is ex-
pected to be of the form L = L (g, ∂g,Γ, ∂Γ) and a
matter Lagrangian minimally coupled to the new geo-
metrical fields Lm = Lm (ψ,∇ψ, g). The gravitational
field equations are given by the variational derivatives
with respect to the metric δL/δgαβ ∼ σαβ and the
connection δL/δΓα

βγ ∼ ∆α
βγ . We only mention here

that a very general suggestion for the dynamics of
this theory, which makes use of a slightly different
but equivalent notation than the one used here, has
been made in [11].

3. COSMOLOGY

In [17] we provided a brief chronological guide to the
literature on non-Riemannian cosmological models.
Therein the developments in cosmology were traced
back to the early seventies and were given in table
form. Most of the early non-Riemannian cosmologi-
cal models were based on Einstein-Cartan theory. In-
vestigations mainly revolved around the construction
of exact solutions and the question of whether or not
an initial singularity can be avoided in such models.
In the 1980s more general types of Lagrangians were
considered. The inclusion of quadratic terms in the
Lagrangian, leading to dynamical degrees of freedom,
was mainly motivated by the framework of Poincaré
gauge theory (PGT) and led to new classes of ex-
act solutions. The story continued with the advent
of the inflationary model, which led to investigations
which tried to mimic or justify this new idea within
different non-Riemannian scenarios. Till the end of
the 1990s most of the works in non-Riemannian cos-
mology (NRC) were focused on the description of the
early stages of the universe. This bias can mainly be
ascribed to the estimates for the new spin-spin con-
tact interaction encountered in Einstein-Cartan the-
ory. This interaction shows up at extremely high en-
ergy densities3 and might therefore play only a crucial
role in the early universe. This focus has changed dur-
ing recent years, mostly due to the persisting need for
the large amount of dark matter and more recently
also dark energy. The requirement of dark energy at
late stages of the cosmic evolution might be taken as
an indicator for the presence of new physics possibly
due to some non-Riemannian relics in cosmology.

3In [8, 9] it was estimated that this may be the case at
approximately 1047 g/cm3.

Figure 2: In more complex fluid models matter may be
represented by a medium with dislocations or finely
dispersed voids. Non-Riemannian models allow for a
natural coupling of the new geometrical quantities like
torsion and nonmetricity to such kind of fluid properties.

Since the field equations of the FLRW model are
extremely simple and the main evidence (see [2, 23]
for the latest SNIa samples) for the new dark energy
component comes from cosmological tests which are
related to the expansion history of the universe, it is
natural to study the impact of changes in this history
and their possible origin. There have been several sug-
gestions for modifications during the last years coming
from different directions, cf. table I. Non-Riemannian
models, especially MAG, provide a very good starting
point for the study of changes of the cosmological field
equations which are justified by a grander theory, in
the case of MAG by the general Lagrangian provided
in [11]. Let us now come to the rhs, i.e. the matter
side, of the field equations.

3.1. Contin ua with micr ostructure

A very promising approach to construct cosmologi-
cal models in a non-Riemannian setup is related to the
availability of more sophisticated fluid models. In the
case of metric-affine gravity Obukhov & Tresguerres
[15, 16] devised a fluid model termed the hyperfluid 4.
This kind of fluid can be used as a natural source for
the hypermomentum current which appears on the rhs
of the field equations of MAG. The new degrees of free-
dom in such a fluid model can be coupled to the new
geometrical properties, i.e. torsion and nonmetricity.
In the hyperfluid picture, which can viewed as a gener-
alization of early spin-fluid models [13, 14, 19–21, 24],
the motion of the fluid is described by usual four-
velocity and a triad attached to each fluid element,
which can undergo arbitrary deformations during the
motion of the fluid. This is analogous to the descrip-
tion of continua with microstructure [5] in the theory
of elasticity. In figure 2 we sketched two examples

4See also [1].
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Figure 3: How to build and compare cosmological models?

of such media, namely one with dislocations and an-
other one with finely dispersed voids. The hyperfluid
and special cases of it were used in several cosmolog-
ical models in the past5, a systematic treatment for
a fairly general Lagrangian of MAG will be published
in [18].

4. HOW TO TEST AND COMPARE?

As we sketched in figure 3, the list of different cos-
mological tests is quite long, and still growing. Usu-
ally one starts with a theoretical model from the upper
portion of the figure and then compares it to some of
the observations in the lower portion of the figure in
order to falsify it. In view of the sometimes very differ-
ent theoretical approaches this can become quite cum-
bersome, i.e. one has to spend a lot of time to work
out the single tests in a scenario which significantly
deviates from the cosmological concordance model.
Therefore one of the most pressing tasks in cosmology
is the development of a post-Newtonian framework
which allows us to compare different theoretical ap-
proaches in a systematic and somewhat standardized
way, and hopefully allows for the a fast backreaction
of the cosmological tests on the theoretical model. In
figure 3 we denoted such a framework, which has yet
to be developed, by the connecting middle part.

5. CONCLUSION & OUTLOOK

Up to now there seems to be no real competitor
model in the non-Riemannian context which can re-

5See [17] for a list of references.

place the current cosmological concordance model and
at the same time explain the effects caused by dark
matter/energy in a purely gravitational way. Most
of the models proposed so far are either not worked
out to a sufficient level of detail, fail one or more of
the cosmological tests, or are not distinguishable from
the CCM with the currently available data. But, and
this cannot be stressed enough, we are clearly only
beginning to explore the different possibilities of non-
Riemannian models. This is especially true for the
cosmological sector of metric-affine gravity which cur-
rently only covers a very small region of the theoreti-
cally permissible parameter space.
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The search for gravitational radiation remains one of the most challenging problems faced by experimental physicists at this 
present time.  One of the most significant limits to the sensitivity of current and planned long-baseline gravitational wave 
detectors is thermal displacement noise in their test masses and suspensions.  Future detectors with higher sensitivities will 
require optics with both reduced thermal noise and the capability of handling increased levels of laser power.  The thermo-
mechanical properties of silicon both at room and low temperatures make it of significant interest as a possible material for 
mirror substrates and suspension elements.  The mechanical dissipation in a 91µm thick <110> single-crystal silicon cantilever 
has been observed over the temperature range 85 K to 300 K, with dissipations approaching levels down to φ = 4.4×10-7. 

 

1. INTRODUCTION 
Long baseline gravitational wave detectors operate 

using laser interferometry to sense the differential strain, 
caused by the passage of gravitational waves, between 
mirrors suspended as pendulums.  These detectors 
operate at frequencies between those of the pendulum 
modes (typically few Hz) and the lowest internal 
resonances of the mirrors (few 10’s of kHz). The 
displacement sensitivity of current and planned detectors 
will be limited by off-resonance thermal noise in the 
mirrors and suspensions driven by thermal fluctuations.  
Thus low mechanical loss materials, such as silica, 
sapphire and silicon are currently used or proposed for 
detectors at the forefront of this research. 

Improved sensitivity at low frequencies (few Hz to 
few 100 Hz) will require further reduction in the level of 
thermal noise from the test masses and their suspensions.  
A possible route for achieving this is through cooling.  
Fused silica, the most commonly used test mass material, 
exhibits a broad dissipation peak at around 40 K [1] and 
therefore is not a promising candidate for cooling.  
Sapphire and silicon however are good candidates.  
Work is currently being carried out in Japan on 
developing cooled sapphire test masses and suspension 
fibers for use in a transmissive Fabry-Perot based 
interferometer [2,3], and in Europe and the US research 
on the use of silicon at low temperatures is underway 
[4,5]. 

At higher frequencies (greater than a few 100 Hz) the 
performance of current interferometers is not limited by 
thermal noise from the optics but by photo-electron shot 
noise, whose significance can be reduced by circulating 
higher optical powers in the interferometer.  However, 
power absorbed by the test masses and mirror coatings 
can cause excessive thermally induced deformations of 
the optics, causing the interferometer to become 
unstable.  The extent of this deformation is proportional 
to α/κ [6], where α is the linear coefficient of thermal 
expansion and κ the thermal conductivity of the test 
mass material. Changing from a transmissive to 
reflective topology eliminates thermal loading from 
substrate absorption, provided coatings of suitably low 

transmission are available.  Used in such a topology, the 
high thermal conductivity of a silicon mirror substrate 
would allow circulating powers approximately seven 
times higher than could be supported by sapphire for the 
same induced surface deformation [4] making silicon of 
significant interest as a test mass substrate from a 
thermal loading standpoint. 

At room temperature the thermal noise resulting from 
thermo-elastic effects in interferometers using crystalline 
optics has been predicted to be a significant noise source 
in the frequency band of gravitational wave detection 
[7].  The level of intrinsic [8] and expected thermo-
elastic dissipation in silicon is broadly comparable to 
sapphire at room temperature. However on cooling the 
linear thermal expansion coefficient of silicon becomes 
zero at two temperatures, ~125 K and ~18 K, and thus 
around these two temperatures thermoelastic dissipation 
could be expected to be negligible.  It is thus of interest 
to study the temperature dependence of mechanical 
dissipation in silicon samples for potential use as 
suspension elements and mirror blanks. This paper is 
restricted to studies of thin silicon flexures. 

Studies of dissipation in silicon samples of a variety of 
geometries and types have been carried out by other 
authors.  In particular, dissipation in silicon flexures has 
been studied in samples of the type used in Atomic Force 
Microscopes [9,10]. However these cantilevers have 
dimensions considerably smaller than would be suitable 
for use in the test mass suspensions of gravitational wave 
interferometers and thus are in a regime where measured 
dissipation may be dominated by different sources of 
dissipation than the dimensions that have been studied 
here [11]. 

2. EXPERIMENTAL PROCEDURE 
The single-crystal cantilever tested was fabricated 

from a silicon wafer by a hydroxide chemical etch.  The 
anisotropic nature of such etching allows the reduction of 
thickness whilst a masked, thick end can remain as a 
clamping block to attenuate any ‘slip-stick’ losses as the 
cantilever flexes [12].  The geometry of the cantilever 
obtained is shown in figure 1.  The silicon was boron 
doped with a resistivity of 10-20 Ωcm. 
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Figure 1: Schematic diagram of silicon cantilever tested 

 
The thick end of the cantilever was held in a stainless 

steel clamp and placed within a cryostat, shown in 
figure 2, evacuated to approximately 3 × 10-6 mb. The 
resonant modes of the cantilever were excited in turn 
using an electrostatic drive plate.  Laser light reflected 
from the silicon surface and directed onto a photodiode 
external to the cryostat allowed the angular motion of the 
end of the cantilever to be detected.  The length of the 
lever arm due to the optical pipe leading to the inner 
experimental chamber of the cryostat made the readout 
system very sensitive to the cantilever motion.  As a 
consequence, loss measurements on the first bending 
mode were not possible since the readout system 
saturated before the mode was excited to a level 
significantly above the background excitation due to 
ground vibrations.  However it was possible to measure 
the frequency of this resonance, and this is used later in 
section 3.1. 

 

vacuum
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cable feed-through

optical feed-through 

silicon 

liquid nitrogen bath 

outer cryostat 
vacuum jacket 

experimental chamber

stainless 

steel clamp 

ceramic spacer

resistive heater
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temperature  sensor 
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Figure 2: Schematic diagram of cryostat 
 

The mechanical quality factor Q of a resonance of 
angular frequency ω0 can be calculated from 

measurements of the amplitude A of freely decaying 
resonant motion. It can be shown that the time 
dependence of the amplitude decay is given by  

)2(
0

0 QteAA ω−= , (1) 
where A0 is the initial amplitude of the motion.  The 
mechanical loss φ(ω0) is the inverse of the quality factor 
[13,14].  The mechanical losses of the several modes of 
the cantilever were measured at temperatures from 85 K 
to 300 K.  Presented here are loss measurements for the 
third (f ~ 670 Hz) and fifth (f ~ 2185 Hz) bending 
modes. 

2.1. Temperature dependence of mode 
frequencies 

At a given frequency the expected thermoelastic 
dissipation depends on the sample thickness. In thin 
samples it is convenient to have a non-contact method of 
estimating sample thickness to avoid sample damage or 
contamination. Here, sample thickness was estimated 
from measurements of the change in the resonant 
frequencies of the sample as a function of temperature. 

The frequency of each bending mode changes as the 
silicon is cooled due to the temperature dependence of 
Young’s modulus, E(T).  E(T) can be calculated using 
the semi-empirical formula [15], 

⎟
⎠
⎞

⎜
⎝
⎛−−=

T
T

BTETE 0
0 exp)( , (3) 

where E0 is the Young’s Modulus at 0 K, B is the bulk 
modulus, T is the temperature in Kelvin and T0 is related 
to the Debye Temperature. 

The angular resonant frequency ω of the third bending 
mode of a homogeneous beam of thickness t and length 
L is given by [16], 

ρω 122
2)853.7( E

L
t

= , (4) 

where ρ is the material density.   
Using values of E0 = 1.69 GPa along the <110> axis 

and T0 = 317 K from Gysin et al. [17], equations (3) and 
(4) were used to find a best-fit curve to the observed 
temperature dependence of the frequency and thus a 
value for 2/ Lt  obtained.  It was possible to measure the 
cantilever length to be 57.0 mm to an accuracy of 
± 0.5 mm without contacting the cantilever surface. 

For the third mode the best agreement between 
predicted and experimental frequencies gave a cantilever 
thickness of (92 +/- 2) µm thick. The temperature 
dependence of the calculated and measured frequencies 
for this mode are shown in figure 3.  Applying the same 
model to the first and fifth resonant modes 
(approximately 39 Hz and 2185 Hz) gave very similar 
values for the cantilever thickness. The average thickness 
and associated error was calculated to be  (91 ± 2) µm.   
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Figure 3. Temperature dependence of the frequency of 
the third resonant mode of the cantilever at 
approximately 670 Hz. Measured data (o) and modeled 
(-). 

3. LOSS AS A FUNCTION OF 
TEMPERATURE 

The measured loss, φmeasured(ω), is the sum of 
dissipation arising from a number of sources, 

(4)    ),()( )(                            

)()()()(

ωφωφωφ

ωφωφωφωφ

othergasclamp

surfacebulkticthermoelasmeasured

+++

++=

where φthermoelastic(ω) is loss resulting from thermoelastic 
damping, φbulk(ω) is the bulk (or volume) loss of the 
material, φsurface(ω) is the loss associated with the surface 
layer, φclamp(ω) is the loss associated with the clamping 
structure, φgas(ω) is the loss due to damping from 
residual gas molecules and φother(ω) is loss from any 
other possible dissipation process.  In order to estimate 
the level of thermal noise expected from using silicon in 
gravitational wave detectors test masses and suspensions, 
φthermoelastic(ω), φbulk(ω)  and φsurface(ω)  must be quantified.  
Therefore in our experiment all the other sources of loss 
must be minimised. 

3.1. Thermoelastic loss 
Thermoelastic loss is associated with the flexing of a 

thin suspension element where the cyclical stretching 
and compression of alternate sides of a flexing sample 
results in heat flow between the compressed and 
expanded regions. [18].  The flow of heat is a source of 
loss. In the simple case of a bending bar of rectangular 
cross section, the thermoelastic loss can be expressed as, 

221
)(

τω
ωτωφ

+
∆=ticthermoelas , (5) 

where 
C

TE
ρ
α 2

=∆    (6)  

and 
κ

ρ
π

τ
21 Ct

=   (7) 

with τ the characteristic time for heat transfer across the 
bar, C is the specific heat capacity of the material and 
other parameters are as defined earlier. 

Equations (5)  to  (7) may be used to calculate the 
temperature dependent thermoelastic loss for our sample  
using the relevant material parameters.  Table 1 shows 
the room temperature parameters used.  The temperature 
dependent parameters were taken from ‘Thermophysical 
Properties of Matter’ (Touloukian) [19].  Data for the 
coefficient of thermal expansion comes from the 
recommended curve, Vol. 13 p.155, and the specific heat 
from curve 2, Vol. 5 p.204.  The thermal conductivity 
data is taken from the curves presented in Vol. 2 p.326. 
Here minimum, median and maximum values are taken 
to represent the spread of data for single-crystal silicon at 
each temperature.   

Table 1: Room temperature parameters for silicon [19] 
 

Parameter Magnitude 
Young’s modulus (E) 1.68 Gpa 
Linear thermal coefficient 
of expansion (α) 

2.54×10-6 K-1 

Density (ρ) 2330 kg m-3 

Specific heat capacity (C) 711 J kg-1 K-1 
Thermal conductivity (κ) min:  130 

median:  145 W m-1 K-1 
max:  160 

 
The uncertainty in the calculated magnitude of the 

thermoelastic loss comes predominantly from this 
variation in thermal conductivity (κ) between silicon 
samples. 

3.2. Results 
The measured mechanical losses of the fifth and third 

bending modes of the silicon cantilever are shown in 
figures 4 and 5.  Also shown are the predicted levels of 
thermoelastic dissipation for these modes. 
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Figure 4: Temperature dependence of (a) measured loss, 
and (b) calculated thermoelastic loss, for the fifth 
bending mode at 2185 Hz. 
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Each data point in figures 4 and 5 represents the 
average of three consecutive loss measurements.  To 
investigate the reproducibility of the measurements, the 
sample was repeatedly cooled to an initial temperature of 
~85 K and loss measurements made as temperature was 
increased. 
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Figure 5: Temperature dependence of (a) measured loss, 
and (b) calculated thermoelastic loss for the third 
bending mode at 670 Hz. 
 

The data shows a number of interesting features.  First 
consider the measured mechanical loss of the fifth 
bending mode as shown in figure 4.  Measurements of 
the mechanical loss at temperatures between 85 K and 
150 K when made on different days could differ by up to 
a factor of ~ 2.4. 

Also, during two measurement runs a broad 
dissipation peak was observed at around 200 K.  
However this is unlikely to result from an intrinsic loss 
mechanism in the sample since the peak is not observed 
in the results from 1st February.  We believe that these 
effects may be due to energy coupling into the clamping 
structure.  This evidence of a coupling that is dependent 
on the temperature distribution inside the system, which 
may differ from run to run, clearly requires further study. 

In contrast, the temperature dependence of the loss 
factors of the third mode, shown in figure 5, showed no 
sign of any dissipation peaks and appeared to have a 
smaller variation between experimental runs. It can be 
seen that the dominant loss mechanism at temperatures 
above approximately 160 K is consistent with 
thermoelastic effects. Possible candidates for the 
additional sources of loss observed at lower temperatures 
are discussed in the following section. 

4. DISCUSSION 
4.1.1. Surface Loss 

Mechanical loss measurements carried out on silicon 
samples of sub-micron thickness [17, 20] suggest that the 
measured loss is dominated by surface losses.  These 
may be due to a combination of the following: 

1. a thin layer of oxidized silicon on the surface 
[20], 

2. shallow damage to the crystal structure (atomic 
lattice) from surface treatment, 

3. contaminants absorbed on or into the surface 
from the surroundings or from polishing, 

4. general (or local) surface roughness [22]. 
 
 Yasumura et al. measured the loss factors of single-

crystal cantilevers with thickness in the range 0.06 to 
0.24 µm and found they could be represented by [11], 

S

S

surface E
E

t
φδφ

1

16
= , (8) 

where φsurface is the limit to the measurable loss of a 
cantilever of thickness t and Young’s modulus E1 set by 
the presence of a surface layer of thickness δ, Young’s 
modulus E1

S, and loss φs.  If for simplicity we assume 
E1≈E1

S, then equation (8) may be used to estimate the 
limit to measurable dissipation for our sample, set by 
surface loss, by scaling with thickness the results of 
Yasumura et al. 

The magnitude of this scaled loss, φsurface(ω), summed 
with the upper limit to thermoelastic loss, φthermoelastic(ω), 
for the third bending mode is shown in figure 6.  Since 
there appears reasonable reproducibility between loss 
measurements for this mode taken on different days, the 
average measured loss at each temperature was calculate.  
These values along with their associated standard error 
are plotted in figure 6.  It can be seen that below 160 K 
the sum of the estimated surface and thermoelastic loss is 
lower than the experimental loss by up to a factor of six, 
thus other loss mechanisms are of a significant level. 
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Figure 6. Plot of (a) the average measured loss of the 
third bending mode compared with (b) the sum of 
estimated surface loss and calculated thermoelastic loss. 
 
4.1.2. Gas Damping 

Suitable vacuum pressures must be reached in order to 
avoid the measured loss being limited by the result of 
damping from residual gas molecules in the system.  At 
room temperature the recorded range of gas pressures 
was 2 × 10-6 to 4 × 10-6 mb. However, an accurate 
measure of the gas pressure within the experimental 
chamber was not possible as the sensor was some 
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distance from the experimental chamber.  A residual gas 
analyser sensitive to molecular weights up to 200 
indicated that residual molecules were mainly nitrogen 
(N2) and water (H2O).   

The level of loss due to gas damping of an oscillator 
can be expressed as [13], 

MRT
RT
M

m
AP

gas ∝≈
ω

ωφ )( , (9) 

where A is the surface area, P is the pressure, m is the 
mass of the oscillator, ω  is the angular frequency of the 
resonant mode, M is the mass of one mole of the gas, R 
is the gas constant and T the temperature.  For gas 
damping to the dominant loss mechanism at room 
temperature the gas pressure in the experimental 
chamber would be approximately 2.6 × 10-2 mb, 
assuming the gas to be N2, which is much higher than 
could be reasonably expected. 

The residual gas pressure is expected to decrease with 
temperature.  In figures 4 and 5, below 160 K the level of 
dissipation for both modes at temperatures at best 
approaches levels around 10-6.  The lack of a clear 1/ω0 
dependence here is also consistent with gas damping not 
being significant.  

 
4.1.3. Bulk Loss 

Measurements by us and by other authors have shown 
that the intrinsic bulk dissipation of single-crystal silicon 
cylinders at room temperature can be as low as 2 × 10-8 
to 7 × 10-9 [23, 24, 25] and in general is found to 
decrease as temperature decreases. This suggests that the 
bulk loss of silicon is significantly lower than the 
measured losses of the cantilever studied here. 

However the measurements of [24] revealed 
dissipation peaks near the temperatures where the 
coefficient of thermal expansion goes to zero.  Other 
experimenters have also observed dissipation peaks at 
these, and other temperatures, see for example [11]. 

  There are a variety of explanations postulated in the 
literature for the existence of each of the peaks observed 
however there appears no reason that the peaks should be 
related to the zeros in the coefficient of expansion.   
Therefore it is of interest to investigate whether such 
peaks in the loss are observed in the sample being 
studied here.  Over the temperature range from 115  to 
130 K there is a plateau in the loss in both the third and 
fifth bending modes as shown in figures 4 and 5.  There 
is no sign of a clear dissipation peak within the 
temperature range of these measurements. 
 
4.1.4. Clamping Loss 

For the case of a two-dimensional system radiating 
into a semi-infinite silicon substrate the structural loss 
can be estimated by the following expression [26], 

3

support ⎟
⎠
⎞

⎜
⎝
⎛=

L
tAφ , (10) 

Typical values for the constant A lie in the range 2 to 3 
[26, 27].  This would give a limiting loss factor of 
between 1.4 × 10-9and 2 × 10-9.  This is significantly 
below the measured losses for this particular cantilever. 
However ‘stick-slip’ losses may also exist associated 
with friction at the clamped end of oscillating sample.   

 
4.1.5. Other Losses 

As previously discussed, for both modes measured 
there is clear evidence of excess dissipation above that 
estimated for the sources detailed through sections 4.1.1 
to 4.1.4.  In particular an intermittent dissipation peak 
was seen in the measured loss of the fifth mode.  This 
peak may be due to energy loss into the clamping 
structure and the other sources are subject to further 
study. 

5. CONCLUSIONS AND FUTURE WORK 
Measurements of the mechanical dissipation of a 

single crystal silicon cantilever as a function of 
temperature in general show the dissipation decreasing 
as temperature decreases.  At room temperatures the 
measured dissipation is strongly dependent on the level 
of thermoelastic dissipation in the sample, however at 
lower temperatures other loss mechanisms become 
dominant.  Losses associated with the surface of the 
samples are expected to be significant, but at a level 
lower than the measured losses.  The level of surface loss 
will be investigated further by measuring the dissipation 
in samples of different thicknesses.  A possible source of 
loss requiring further investigation is that of frictional 
losses associated with the end of the sample moving 
inside the clamp.  To reduce this effect, samples with a 
greater ratio of thickness of clamp end to thickness of 
cantilever will be studied.  
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Gravitational Radiation from Rotating White Dwarfs and Neutron Stars  
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Gravitational waves from isolated sources like single neutron stars or white dwarfs aren’t as much intense as comparably very 
rare events in massive double systems, but the quantity of single stars and comparably small distances to Earth make these 
sources interesting from viewpoint of gravitational wave physics. We present our results of research on gravitational radiation 
from magnetized white dwarfs and neutron stars. We compare different energy sources for oscillation: 
1)  differential rotation energy for White dwarfs, 
2)  deformation energy of configuration for White Dwarfs and Neutron Stars 
3)  energy released during glitches for Neutron stars. 
According to our estimations the most promising sources of gravitational waves should be Crab and Vela pulsars and may be 
G99-47 white dwarf. Registration of gravitational radiation from a given single source will open a new window for 
investigation of neutron stars and white dwarfs. 

 

1. INTRODUCTION 

A recent trend in modern astrophysics is the study of 
potential sources of gravitational radiation. Because 
gravitational waves are not absorbed by intervening 
matter, the observation of gravitational radiation from 
compact objects (neutron stars and white dwarfs), can 
provide additional information about the state of the matter 
and internal processes in their core. 

 
 

2. GRAVITATIONAL WAVES FROM WHITE 
DWARFS 

 

2.1. Magnetized White Dwarfs 

There are a number of gravitational radiation detectors, 
planned, under construction, and operational covering a 
wide frequency spectrum from ~10-9Hz all the way up 
to~104Hz. The coverage of the spectrum is not complete 
and the gap between space-based interferometer and 
ground-based interferometers has been proposed as a 
possible “window”, devoid of continuous foreground 
sources, through which the cosmological background of 
gravitational radiation could be seen [1]. Magnetized 
rotating white dwarfs undergoing self-similar quasi-radial 
oscillations will emit gravitational  radiation in the 
frequency range in 0.1-0.3 Hz [2]. Quasi-radial oscillations 
of rotating white dwarfs were investigated in the early 
1970’s [3,4] where the frequency spectrum of the 
fundamental oscillation mode for maximally rotating white 
dwarfs was determined. These stars are oblate due to their 
rotation and consequently they have a non-zero 
quadrupole moment. Oscillations add a time dependence 
to the quadrupole moment [5]. The oscillation is described 
by assigning each mass element a time dependent 

coordinate given by ( )txx ωηαα sin10 +=  where 

1<<η  and is a constant. Thus, the reduced quadrupole 
moment is given by:  

( )∫ +≈⎟
⎠
⎞

⎜
⎝
⎛ −= tQxdxxxQ ωηδρ αβαββααβ sin21

3

1 032  

where 0
αβQ  are the components of the quadrupole 

moment of the rotating oblate white dwarf in equilibrium 

and we have neglected terms of order 2η .The radiation 
power is 

tJtQ
c

G
J ′=′= ωωωη 2

0
22062

5
coscos

5

6
 

where the retarded time is crtt −=′  for a source at 
distance r . We can express the strain amplitude as [2]: 

tsinsinhtsinsin
rc

GJ
h ′=′=+ ωθωθ

ω
2

0
2

3
0 1

2

15  

 We assume that permanent source of energy to feed the 
gravitational radiation is deformation energy released 
during spin-down [2]. This energy is calculated in [6]. We 
relate the power of gravitational radiation to the decrease 

in deformation energy by: 
0

gW
J β

τ
=  , where β  is 

”branching ratio” that quantifies the fraction of 
deformation energy that goes into gravitational radiation 
from fundamental mode, τ  is a spin-down time. 

Now let’s turn to determination of spin-down 
time τ . We assume that white dwarf spins-down due to 
magneto-dipole radiation torque, which occurs if the 
magnetic field is oblique [8]. Observational data for 65 
isolated white dwarfs indicates the magnetic field strength 
on the surface of these stars lies in the range ~3⋅104 to 
~109G [9]. If we define α  to be the angle between the 
magnetic and rotation axes, the spin-down rate of the 
white dwarf is given by:  

αµ 2
3

32

sin
3

2

Ic

Ω−=Ω&                         
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where 3BR=µ  is the magnetic moment, B  is the 
magnetic field strength. Then the characteristic time scale 
will be:  

              
2

τ Ω=
Ω&

                                          

We calculate thermal energy losses due to magneto-
hydrodynamic mechanism [7]. 

 The expected gravitational energy flux F on earth (in  
erg.s-1.cm-2) for a population made entirely of each type of 
white dwarf is  is calculated using formula 

( )
( )

0
218

4

4 3 10

shf h J
F

πρ

π
=

⋅
,   

where 200h pc=  and ( ) 6.15f h =  is calculated 

using Appendix A of [20]. Finally, we note that a simple 
average of the strain amplitudes in Table 3 gives 

26
0 5.7 10h −= ⋅ and an average flux of 

12 1 28.3 10 . .F erg s cm− − −= ⋅ . The flux is spread out over 

a frequency band of 1 0.12ν =  to 2 0.32Hzν = , and we 

can estimate an average strain amplitude for the galactic 
population of pulsating white dwarfs by using the angle 
and polarization averaged expression of  and averaging 

over the frequency range 2 1ν ν ν∆ = −  to obtain:  

2 1
0 3

ln 4
ave

GF
h

c

ν ν
ν π

=
∆

 

which gives 25
0 7.94 10aveh −= ⋅ .  

 

Table 1: Gravitational waves from Differentially Rotating 
White Dwarfs(WD)  

 Name of   WD β  h0 F 
PG 1031+234 0.00184  2.58⋅10-28 1.13⋅10-15 
EUVE J0317-855 0.90727 9.69⋅10-26 6.04⋅10-11 
PG 1015+015 0.16853  3.81⋅10-28 1.93⋅10-15 
Feige 7 0.80759 1.47⋅10-26 3.96⋅10-13 
G99-47 0.99484 3.45⋅10-25 5.84⋅10-12 
KPD 0253+5052 0.50833 2.06⋅10-28 2.33⋅10-16 
PG 1312+098 0.41490 9.38⋅10-29 1.56⋅10-17 
G217-037 0.99999 8.97⋅10-29 8.19⋅10-19 
 

2.2. Differentially Rotating White Dwarfs 

Now lets consider the differential rotation energy of the 
white dwarf as providing the energy to drive the 
oscillations. We presume that at birth the white dwarf was 
rotating differentially, with the angular velocity a function 
of the radius. Due to friction, the configuration will relax 
to uniform rotation after some time. The difference 
between the energies of the star in these two states we call 

the differential rotation energy. To describe a differentially 
rotating stellar configuration, one should give both the 
density distribution and the angular momentum 
distribution inside the star. Following Ostriker and Mark 
[10], we change to cylindrical coordinates where, 
according to the Poincare theorem, the angular momentum 
distribution depends only on the Lagrangian cylindrical 
mass u . This is the fraction of the total mass M  for the 

configuration accumulated within a cylinder of radius r⊥ . 

For a star with radius R  we have in cylindrical 
coordinates, 

∫ ∫
⊥−

⊥⊥⊥⊥ +=
R rR

M dzdrzrrru
0 0

222

22

)(2)( ρπ
 

where ( )rρ is density distribution in spherical 
coordinate system.  

Our calculations are made for the following two 
distributions of angular momentum [10]  

 2/ 3( ) 5(1 (1 ( ) ) / 2l u u r⊥= − −                               (1) 

  0.5622 1/3( ) 4.8239 1.8744(1 ) 6.6983(1 )l u u u= + − − −           (2) 
The first distribution corresponds to rigidly rotating 

MacLoren spheroid, while the second interpolating 
formula corresponds with accuracy 1% to rigidly rotating 
polytrope with index n=1.5. If these distributions are 
applied for white dwarfs consisting of ultrarelativistic 
electronic gas where the density distribution is described 
by Line-Emden function of index 3, then they may 
correspond to strong differential rotation [10].  

 One can easily check that 
1

0

( ) 1l u du =∫  for both cases. 

The available energy of differential rotation is equal to 
difference of rotating energy of  differentially rotating star 

( drE ) and rotating energy of uniformly rotating 

star( 2
0 / 2urE I= Ω ). I is moment of inertia of the star, 0Ω  

will be the angular velocity of uniformly rotating star if 

friction is zero. 0 constΩ =   throughout the star as 

differential rotation  had already dumped.  

( )∫ ∫
⊥−

⊥⊥⊥⊥⊥ Ω−Ω+=
R rR

diff dzdrrrzrrE
0 0

22
0

222

22

)()(2 ρπ
 

where ( )r⊥Ω  is  angular velocity versus cylindrical radius.  

Angular velocity for each infinitesimally thin cylinder of 

radius r⊥ , mass M du⋅   and angular momentum 

( )L l u du⋅ ⋅ equals to  
Angular velocities of differential rotation is given by 

2/ 3 2
0( ) 5 (1 (1 ( ) ) / 2r I u r Mr⊥ ⊥ ⊥Ω = Ω − −               

0.56 1/ 3 2
0( ) (4.82 1.87(1 ( )) 6.70(1 ( )) ) /r I u r u r Mr⊥ ⊥ ⊥ ⊥Ω = Ω + − − −    

where 0Ω  is the final angular velocity of white dwarf 

that is rotating uniformly. We consider 0Ω  to be equal   

kΩ  Keplerian angular velocity when there is an outflow 
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of matter from equator of the star. For the same white 
dwarfs that were considered in 2.1, if driving energy of 
oscillations will be differential rotation we shall have 
gravitational waves described in Table 2 
 

Table 2: Gravitational waves from Differentially Rotating 
White Dwarfs  
 White Dwarf 
 

τ  
(Gyr) 

ho 
for dist. 1  

ho 
for dist.2 

PG 1031+234 2,2 1.39E-27 1.14E-27 
EUVE J0317-855 0,1 5.86E-26 4.72E-26 
PG 1015+015 0,5 4.39E-27 3.56E-27 
Feige 7 11,8 3.63E-27 3.00E-27 
G99-47 11,8 4.89E-26 4.04E-26 
KPD 0253+5052 2,2 2.18E-27 1.79E-27 
PG 1312+098 2,2 2.68E-27 2.20E-27 
G217-037 2,2 3.05E-26 2.50E-26 
Averege  1.9E-26 1.6E-26 

The average from the whole population of white dwarfs, 
if all were rotating differentially will be  hoave=2.0116E-25  
 

 

2.3. White Dwarfs with rough surfaces 

A white dwarf rotating at a maximal angular velocity can 
take a form of a triaxial ellipsoid due to the rotation and 
the presence of mountains on its surface. Such object emits 
gravitational waves at a frequency of 2Ω, where Ω is the 
angular velocity of rotation. The gravitation radiation 
power of the WD with rough surface is following: 

2 2 6
0 35

32

5

G
J I

c
ε= Ω                 (3) 

where I3 is the moment of inertia around z axes, ε – 
ellipticity [8,9]. We find also the expression for 
gravitational wave amplitude for a terrestrial observer at 
the distance r from the WD: 

0
0 3

2.51 J G
h

r c
=

Ω
                 (4) 

We suppose that the source of gravitational radiation is the 
kinetic energy of rotation of the star, i.e. the WD spins-
down due to reaction of radiation. In this case we find 
characteristic spin-down time for the WD by gravitational 
radiation, which is  

5

0 2 4
3

5

642

c

GI
τ

ε
Ω= =

ΩΩ&
             (5)  

If 0τ  turns out to be on the order of lifetime of the WD 

(the age of Universe), then a WD with a rough surface will 
emit gravitational waves until now.  
As we see from expressions (3) and (4), the basic 
characteristics of the gravitational radiation, such as the 
intensity and wave amplitude, depend on the ellipticity ε. 
In order to estimate this quantity, we have to know the 

characteristic scales of the mountains on the surface of a 
WD. The maximum height of a mountain that can support 
its own weight in the gravitational field of a white dwarf 
can be estimated to be [12,13] 

12
1/310

H cm
g

ρ=                           (6) 

After this, we obtain an expression for the ellipticity of the 
form ε=H/a, a is the equatorial radius of the star, which 
we shall use below for estimating the gravitational 
radiation intensity and gravitational wave amplitude. For 

example, for a WD with a central density cρ =2⋅107g/cm3 

from (6) we find integral parameters of the star: mass 
M=MΘ, radius a=7.3⋅103km, moment of inertia 
I3=8.9⋅1049 g.cm2, and maximal rotation speed Ωmax=0.48s-

1. Using these data, from (6) we get that H=0.19 km and as 
follows from (3) and (4) J0=1030 erg/s, and h0=10-24. In this 

way for extremely dense WD with cρ =2.6⋅109g/cm3 we 

find that J0=3.7⋅1031 erg/s, and h0=10-24 [12]. These 
calculations show that gravitational waves from rapidly 
rotating white dwarfs have quite high amplitudes and can 
be distinguished from the cosmic background by the new 
generations of detectors. Rapidly rotating white dwarfs are 
entirely possible, since the characteristic spin-down times 
due to gravitational radiation, as it follows from (5), are on 
the order of 1011 years, which is on the order of  the age of  
the universe. Thus, if a star had an angular velocity close 
to maximal when it was born, it would have a fairly high 
angular velocity in our time and our calculations would 
remain valid. 
 
 

3. GRAVITATIONAL WAVES FROM 
NEUTRON STARS 

 
We consider undamped, self-similar quasiradial 

pulsations of a rotating neutron star consisting of a real 
baryon gas as a source of gravitational radiation.  

Another mechanism for generating gravitational 
radiation can be the precession of the neutron star [14,15] 
in which the symmetry axis rotates about the angular 
momentum vector. This kind of precession was used to 
explain the fluctuations of the angular velocity of the Crab 
and Vela pulsars. Observational data from pulsar PSRB 
1828-11 supports the existence of precession [16]. It has 
also been proposed that the recently discovered pulsar in 
the remnant of supernova 1987a is spinning down due to 
the emission of gravitational radiation caused by the free 
precession of the star [17]. However, as it was shown in 
[18] gravitational waves from precession of isolated 
neutron stars should be smaller then homax=10-30. 

3.1. Oscillating Neutron Stars 

One possible source of energy is the deformation energy 
of the neutron star. For rotating neutron stars, the surfaces 
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of constant density are rotating elipsoids. During the spin-
down, these surfaces tend towards sphericity. Because the 
crust is a crystalline solid, the process of spin-down will 
be accompanied by starquakes which will relieve the stress 
built up in the core and drive quasi-radial oscillations. We 
propose that part of the deformation energy is converted to 
gravitational radiation in this process. 
Let us take a model of a neutron star with a central density 

cρ  = 1.14⋅1015
 g/cm3

 and a mass M = 1.4Mo . This model 

[3] has the following characteristics:  

kΩ  ≈ 8.4⋅103s-1and ( )defW Ω ≈ 1.8⋅1053
 erg. We find the 

gravitational radiation intensity to be J0 ≈ 3.9 ⋅1037 erg/s. 
We bring maximally possible values for parameters of 
gravitational waves from Crab and Vela pulsars in Table 3. 
For the neutron star model we have chosen, the oscillation 
frequency is ω ≈ 5⋅10 khz [3,4]. In reality branching ratio 
will be about 0.01 or less that will result in coefficient β    

for strain amplitudes. 

Table 3: Gravitational wave Maximal parameters from 
oscillating Neutron Stars(branching ratio β =1)  

Neutron 
Star 

r 
distance 

τ (Gyr) ho 
 

F 
 

  Crab 2.5kpc  2.27E-6 9.20E-25 4.11E-4 
Vella 0.3kpc  2.22E-5 9.04E-25 3.97E-4 

 

3.2. Gravitational Waves from Glitches 

Glitches (jumps) and fluctuations on the order of  
≈Ω∆Ω / 10-6 ÷10-9

are superimposed on the 
irregular variation in the angular velocity. The derivative 
of the angular velocity also experiences relative changes 

on the order of ≈ΩΩ∆ && / 10-2 ÷10-4
. In the following 

we assume that one of the possible sources for generating 
and maintaining the quasiradial oscillations may be the 
glitches and fluctuations in the star’s angular velocity. It 
can be assumed that part of the rotational energy is 
transferred to the crust of a neutron star during these 
irregular changes in the angular velocity through the 
excitation of harmonic oscillations. The energy transferred 
to the crust is subsequently removed by gravitational 
radiation. The energy involved in the acceleration of a 
neutron star is 

ΩΩ=∆ ∆IW  
where Ω is the angular rotation velocity, ∆Ω is the change 
in it, and I is the moment of inertia of the star. The power 
transferred to the star’s crust is given by 

Ω
Ω∆ΩΩ=ΩΩ∆=∆
&

&
&&& IIW  

where W& is the steady state loss of rotational energy by 
the neutron star during its secular deceleration. 
If we assume that the energy of the quasiradial oscillations 
is entirely radiated in the form of gravitational waves, then 
we have to set 

•
∆= WJ 0  

Substituting Glitch parameters from [19]and [20] for Crab 
and Vela pulsars we come to the following results 

Table 4: Gravitational waves from Neutron Star Glitches  

Neutron 
Star 

∆Ω
Ω

&

&  ho 
 

F 
 

  Crab 5E-3 1.0E-26 3.2E-7 
Vella 1E-4 6.8E-27 7.78E-7 

Registration of Gravitational Waves from Glitches will be 
very important, because it will give a chance to measure 
experimentally the velocity of propagation of gravitational 
wave.  

4. CONCLUSIONS 

The galactic population of white dwarfs is a large 
collection of potential sources of gravitational radiation. 
Although most oscillation modes of white dwarfs lie in the 
millihertz range, quasiradial self-similar oscillations lie in 
the decihertz range. We have investigated the possible 
strength of the gravitational radiation foreground due to 
these oscillations in the galactic population. We have 
identified a possible energy source in the differential 
rotation energy which can support the oscillations for 
roughly the lifetime of the galaxy, so that we can consider 
these oscillations to be long-lived, essentially 
monochromatic sources of gravitational radiation. 
Although we have not identified a mechanism by which 
the gradual relaxation of differential rotation can actually 
drive the oscillations, we have shown that if such a 
mechanism can sustain quasi-radial oscillations with an 
amplitude comparable to observed low frequency 
oscillation, then the galactic population of white dwarfs 
can produce a stochastic foreground of comparable 
strength to the expected cosmological background in this 
frequency band. 
   Pulsars with irregular variations in their angular velocity 
are good candidates for gravitational wave observations. 
Note that the best candidate for this purpose is the Vela 
pulsar, which is being continuously monitored. 
This pulsar also differs from other pulsars in having large 
glitches in its angular momentum that occur at a high rate. 
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Shadows (Mirages) Around Black Holes and Retro Gravitational
Lensing
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Recently Holz & Wheeler [1] considered a very attracting possibility to detect retro-MACHOs, i.e. retro-images
of the Sun by a Schwarzschild black hole. In this paper we discuss glories (mirages) formed near rapidly rotating
Kerr black hole horizons and propose a procedure to measure masses and rotation parameters analyzing these
forms of mirages (a detailed description of the problem is given in [2]). In some sense that is a manifestation
of gravitational lens effect in the strong gravitational field near black hole horizon and a generalization of the
retro-gravitational lens phenomenon. We analyze the case of a Kerr black hole rotating at arbitrary speed
for some selected positions of a distant observer with respect to the equatorial plane of a Kerr black hole.
Some time ago Falcke, Melia & Agol [3] suggested to search shadows at the Galactic Center. In this paper we
present the boundaries for shadows calculated numerically. We also propose to use future radio interferometer
RADIOASTRON facilities to measure shapes of mirages (glories) and to evaluate the black hole spin as a
function of the position angle of a distant observer.

Recently Holz & Wheeler [1] have suggested that
a Schwarzschild black hole may form retro-images
(called retro-MACHOs) if it is illuminated by the Sun.
We analyze a rapidly rotating Kerr black hole case for
some selected positions of a distant observer with re-
spect to the equatorial plane of the Kerr black hole.
We discuss glories (mirages) formed near a rapidly
rotating Kerr black hole horizon and propose a pro-
cedure to measure the mass and the black hole spin
analyzing the mirage shapes. Since a source illuminat-
ing the black hole surroundings may be located in an
arbitrary direction with respect to the observer line of
sight, a generalization of the retro-gravitational lens
idea suggested by Holz & Wheeler [1] is needed. A
strong gravitational field approximation for a gravi-
tational lens model was considered recently in several
papers [4–16].

Here we will consider images formed by retro-
photons, but in contrast to Holz & Wheeler [1] we
will analyze forms of images near black holes but not a
light curve of an image formed near black hole as Holz
& Wheeler [1] did. In our consideration a location of
source could be arbitrary in great part (in accordance
with a geometry different parts of images could be
formed),1 for example, accretion flows (disks) could
be sources forming such images. Since in such cases
images formed by retro-photons are considered, we
call it like retro gravitational lensing even if a source
is located near a gravitational lens (a black hole) in
contrast to a standard gravitational lens model.

1However, if a source is located between black hole and
an observer, images formed by retro-photons and located near
black holes could be non-detectable.

As usual, we use geometrical units with G = c = 1.
It is convenient also to measure all distances in black
hole masses, so we may set M = 1 (M is a black
hole mass). Calculations of mirage forms are based
on qualitative analysis of different types of photon
geodesics in a Kerr metric (for references see [17–20]).
In fact, we know that impact parameters of photons
are very close to the critical ones (which correspond to
parabolic orbits). One can find some samples of pho-
ton trajectories in [18, 21]. This set (critical curve) of
impact parameters separates escape and plunge orbits
(see [17–20] for details) or otherwise the critical curve
separates scatter and capture regions for unbounded
photon trajectories. Therefore the mirage shapes al-
most look like to critical curves but are just reflected
with respect to z-axis. We assume that mirages of all
orders almost coincide and form only one quasi-ring
from the point of view of the observer. We know that
the impact parameter corresponding to the π deflec-
tion is close to that corresponding to a nπ deflections
(n is an odd number). For more details see [1] (as-
tronomical applications of this idea was discussed by
De Paolis et al. [22] and its generalizations for Kerr
black hole are considered by De Paolis et al. [23]).
We use prefix ”quasi” since we consider a Kerr black
hole case, so that mirage shapes are not circular rings
but Kerr ones. Moreover, the side which is formed by
co-moving (or co-rotating) photons is much brighter
than the opposite side since rotation of a black hole
squeeze deviations between geodesics because of Lense
- Thirring effect. Otherwise, rotation stretches devia-
tions between geodesics for counter-moving photons.

The full classification of geodesic types for Kerr
metric is given in [19]. As it was shown in this paper,
there are three photon geodesic types: capture, scat-
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tering and critical curve which separates the first two
sets. This classification fully depends only on two pa-
rameters ξ = Lz/E and η = Q/E2, which are known
as Chandrasekhar’s constants [18]. Here the Carter
constant Q is given by Carter [24]

Q = p2
θ + cos2 θ

[

a2
(

m2 − E2
)

+ L2
z/sin2 θ

]

, (1)

where E = pt is the particle energy at infinity, Lz = pφ

is z-component of its angular momentum, m = pip
i

is the particle mass. Therefore, since photons have
m = 0

η = p2
θ/E2 + cos2 θ

[

−a2 + ξ2/sin2 θ
]

. (2)

The first integral for the equation of photon motion
(isotropic geodesics) for a radial coordinate in the Kerr
metric is described by the following equation [18, 19,
24, 25]

ρ4(dr/dλ)2 = R(r), (3)

where

R(r) = r4 + (a2 − ξ2 − η)r2 + 2[η + (ξ − a)2]r − a2η,

and ρ2 = r2 + a2 cos2 θ, ∆ = r2 − 2r + a2, a = S/M2.
The constants M and S are the black hole mass and
angular momentum, respectively. Eq. (3) is written
in dimensionless variables (all lengths are expressed
in black hole mass units M).

We will consider different types of geodesics on r
- coordinate in spite of the fact that these type of
geodesics were discussed in a number of papers and
books, in particular in a classical monograph by Chan-
drasekhar [18] (where the most suited analysis for our
goals was given). However, our consideration is dif-
fered even from Chandrasekhar’s analysis in the fol-
lowing items.

i) Chandrasekhar [18] considered the set of critical
geodesics separating capture and scatter regions as
parametric functions η(r), η(r), but not as the func-
tion η(ξ) (as we do). However, we believe that a direct
presentation of function η(ξ) is much more clear and
give a vivid illustration of different types of motion.
Moreover, one could obtain directly form of mirages
from the function η(ξ) (as it will be explained below).

ii) Chandrasekhar [18] considered the function η(r)
also for η < 0 and that is not quit correct, because for
η < 0 allowed constants of motion correspond only to
capture (as it was mentioned in the book [18]). This
point will be briefly discussed below.

If we fix a black hole spin parameter a and consider
a plane (ξ, η) and different types of photon trajectories
corresponding to (ξ, η), namely, a capture region, a
scatter region and the critical curve ηcrit(ξ) separating
the scatter and capture regions. The critical curve is a
set of (ξ, η) where the polynomial R(r) has a multiple
root (a double root for this case). Thus, the critical

curve ηcrit(ξ) could be determined from the system
[19, 25]

R(r) = 0,

∂R

∂r
(r) = 0, (4)

for η ≥ 0, r ≥ r+ = 1+
√

1 − a2, because by analyzing
of trajectories along the θ coordinate we know that for
η < 0 we have M = {(ξ, η)|η ≥ −a2 +2a|ξ|− ξ2, −a ≤
ξ ≤ a} and for each point (ξ, η) ∈ M photons will be
captured. If instead η < 0 and (ξ, η) ∈̄ M , photons
cannot have such constants of motion, corresponding
to the forbidden region (see, [18, 19] for details).

One can therefore calculate the critical curve η(ξ)
which separates the capture and the scattering regions
[19, 25]. We remind that the maximal value for ηcrit(ξ)
is equal to 27 and is reached at ξ = −2a. Obviously, if
a → 0, the well-known critical value for Schwarzschild
black hole (with a = 0) is obtained.

Thus, at first, we calculate the critical curves for
chosen spin parameters a which are shown in Fig. 1
(the critical curves for other spin parameters are pre-
sented in [2]). The shape of the critical curve for a = 0
(Schwarzschild black hole) is well-known because for

this case we have ηcrit(ξ) = 27 − ξ2 for |ξ| 6 3
√

3, but
we show the critical curve to compare with the other
cases.

By following this approach we can find the set of
critical impact parameters (α, β), for the image (mi-
rage or glory) around a rotating black hole. The sets of
critical parameters form caustics around black holes
and it is well-known that caustics are the brightest
part of each image (numerical simulations of caustic
formations were done by Rauch & Blandford [26]). We
remind that (α, β) parameters could be evaluated in
terms of (ξ, ηcrit) by the following way [18]

α(ξ) = ξ/ sin θ0, (5)

β(ξ) = (ηcrit(ξ) + a2 cos2 θ0 − ξ2 cot2 θ0)
1/2

= (ηcrit(ξ) + (a2 − α2(ξ)) cos2 θ0)
1/2. (6)

Actually, the mirage shapes are boundaries for shad-
ows considered by Falcke, Melia & Agol [3] (see also
[27]).

We note that the precision we obtain by consider-
ing critical impact parameters instead of their exact
values for photon trajectories reaching the observer
is good enough. In particular, co-rotating photons
form much brighter part of images with respect to
retrograde photons. Of course, the larger is the black
hole spin parameter the larger is this effect (i.e. the
co-rotating part of the images become closest to the
black hole horizon and brighter).

This approximation is based not only on numer-
ical simulation results of photon propagation [28–44]
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Figure 1: Different types for photon trajectories and an
extreme spin parameter (a = 1.,). Critical curves
separate capture and scatter regions. Here we show also
the forbidden region corresponding to constants of
motion η < 0 and (ξ, η) ∈̄ M as it was discussed in the
text.

(about 109 photon trajectories were analyzed) but also
on analytical results (see, for example [18, 19]).

Let us assume that the observer is located in the
equatorial plane (θ = π/2.). For this case we have
from Eqs. (5) and (6)

α(ξ) = ξ, (7)

β(ξ) =
√

ηcrit(ξ). (8)

As mentioned earlier, the maximum impact value β =
3
√

3 corresponds to α = −2a and if we consider the
extreme spin parameter a = 1 a segment of straight
line α = 2, 0 < |β| <

√
3 belongs to the mirage (see

images in Fig. 2 for different spin parameters). It is
clear that for this case one could easy evaluate the
black hole spin parameter after the mirage shape re-
construction since we have a rather strong dependence
of the shapes on spins. As it was explained earlier, the
maximum absolute value for |β| =

√
27 ≈ 5.196 cor-

responds to α = −2a since the maximum value for
η(ξ) corresponds to η(−2a) = 27 as it was found by

Figure 2: Mirages around black hole for equatorial
position of distant observer and different spin parameters.
The solid line, the dashed line and the dotted line
correspond to a = 1, a = 0.5, a = 0 correspondingly.

Zakharov [19]. Therefore, in principle it is possible to
estimate the black hole spin parameter by measuring
the position of the maximum value for β, but proba-
bly that part of the mirage could be too faint to be
detected.

Let us consider different angular positions of a dis-
tant observer θ = π/2, π/3, π/4 and π/6 for the ex-
treme spin parameter (Fig. 3). From Fig. 3 (and
other Figs. presented in [2]) one can see that angular
positions of a distant observer could be evaluated from
the mirage shapes only for rapidly rotating black holes
(a ∼ 1), but there are no chances to evaluate the an-
gles for slowly rotating black holes, because even for
a = 0.5 the mirage shape differences are too small
to be distinguishable by observations. Indeed, mirage
shapes weakly depend on the observer angle position
for moderate values of a black hole spin.

According to the schedule the space radio telescope
RADIOASTRON will be launched in 2006 or 2007.
This space based 10-meter radio telescope will be used
for space – ground VLBI measurements. The mea-
surements will have extraordinary high angular res-
olutions, namely about 1 – 10 microarcseconds (in
particular about 8 microarcseconds at the shortest
wavelength 1.35 cm and a standard orbit and could
be about 0.9 microarcseconds for the high orbit at
the same wavelength. For observations four wave
bands will be used corresponding to λ = 1.35 cm,
λ = 6.2 cm, λ = 18 cm, λ = 92 cm.

The fringe sizes (in micro arc seconds) for the
apogee of the above-mentioned orbit and for all RA-
DIOASTRON bands are given in Table 1.

Thus, there are non-negligible chances to observe
such mirages around the black hole at the Galactic
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Figure 3: Mirages around black hole for different angular
positions of a distant observer and the spin a = 1. Solid,
long dashed, short dashed and dotted lines correspond to
θ0 = π/2, π/3, π/6 and π/8, respectively.

Table I The fringe sizes (in micro arc seconds) for the
standard and advanced apogees Bmax (350 000 and 3 200
000 km correspondingly).

Bmax(km)\λ(cm) 92 18 6.2 1.35

3.5 × 105 540 106 37 8

3.2 × 106 59 12 4 0.9

Center and in nearby AGNs and microquasars in the
radio-band using RADIOASTRON facilities.

Observations of Sgr A∗ in radio, near-infrared and
X-ray spectral bands develop very rapidly [45–53]2

also because it harbours the closest massive black
hole. The mass of this black holes is estimated to
be 4 × 106 M� [52, 55–57] and its intrinsic size from
VLBA observations at wavelengths λ = 2 cm, 1.3 cm,
0.6 cm and 0.3 cm [52].

Similarly to Falcke, Melia & Agol [3] we propose to
use VLBI technique to observe the discussed mirages
around black holes. They used ray-tracing calcula-
tions to evaluate the shapes of shadows. The bound-
aries of the shadows are black hole mirages (glories or
”faces”) analyzed earlier. We use the length param-

eter rg =
GM

c2
= 6 × 1011 cm to calculate all values

in these units as it was explained in the text. If we
take into account the distance towards the Galactic

2An interesting idea to use radio pulsars to test a region near
black hole horizon was proposed in [54].

Center DGC = 8 kpc then the length rg corresponds
to angular sizes ∼ 5µas. Since the minimum arc size
for the considered mirages are about 2rg, the standard
RADIOASTRON resolution of about 8 µas is compa-
rable with the required precision. The resolution in
the case of the higher orbit and shortest wavelength
is ∼ 1µas (Table 2) good enough to reconstruct the
shapes. Therefore, in principle it will be possible to
evaluate a and θ parameters after mirage shape re-
constructions from observational data even if we will
observe only the bright part of the image (the bright
arc) corresponding to positive parameters α. How-
ever, Gammie, Shapiro & McKinney [58] showed that
black hole spin is usually not very small and could
reach 0.7 – 0.9 (numerical simulations of relativistic
magnetohydrodynamic flows give a ∼ 0.9). Taking
into account detections of 106 day cycle in Sgr A∗ ra-
dio variability seen at 1.3 cm and 2.0 cm by Zhao,
Bower & Goss [59] at Very Large Array (VLA), Liu
& Melia [60] suggested a procedure to evaluate the
black hole spin assuming that the variability could
be caused by spin induced disk precession. More-
over, the recent analysis by Aschenbach et al. [61] of
periodicity of X-ray flares from the Galactic Center
black hole gives an estimate for the spin as high as
a = 0.9939+0.0026

−0.0074. Actually, the authors used gener-
alizations of the idea proposed by Melia et al. [62] that
the minimum rotation period for Schwarzschild black
hole (for an assumed black hole mass of 2.6×106M�)
is about P0 ≈ 20 minutes and could be in the range
P0 ∈ [2.6, 36] minutes depending on the black hole
spin and prograde and retrograde accretion flows gen-
erating the quasi-periodic oscillations. Using this idea
and analyzing quasi-periodic variabilities in a infrared
band Genzel et al. [47] concluded that the black hole
spin should be a ∼ 0.5. However, this conclusion
is based on the assumption that the emitting region
is located at the marginally stable orbit, therefore if
the periodicity is related to the emitting gas motion
around the black hole, we should conclude that the
black hole spin is a & 0.5. One could also mention
that such a determination of the black hole spin is in-
direct and actual typical frequencies for real accretion
flows could be rather different from frequencies con-
sidered by the authors. We may summarize by saying
that there are indications that the spin of the Galac-
tic Center black hole can be very high, although this
problem is not completely solved up to date.

As stated earlier, the part of Kerr quasi-rings
formed by co-rotating photons is much brighter with
respect to the opposite side (i.e. the part of the image
formed by counter-rotating photons) and in princi-
ple can be detected much more easily. However, even
the bright part of the quasi-ring can give information
about mass, rotation parameter and inclination angle
of the black hole. Of course, if the black hole - ob-
server distance is unknown, the black hole mass can
be evaluated in units of the distance. Even if the faint
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part of image (which is formed by counter-rotating
photons) is not detectable, one can try to reconstruct
the shape of the total image searching for the best
fit of the full image using only the bright part of the
image.

We could summarize that angular resolution of the
space RADIOASTRON interferometer will be high
enough to resolve radio images around black holes
therefore analyzing the shapes of the images one could
evaluate the mass and the spin a for the Kerr black
hole inside the Galactic Center and a position angle θ0

for a distant observer and as it is clear a position angle
could be determined by more simple way for rapidly
rotating black holes a ∼ 1 (in principle, measuring
the mirage shapes we could evaluate mass, inclination
angle and spin parameter if we know the distance to-
ward the observed black hole. Otherwise one can only
evaluate the spin parameter in units of the black hole
mass since even for not very small spin a = 0.5 we
have very weak dependence on θ0 angle for mirage
shapes and hardly ever one could determine θ0 angle
from the mirage shape analysis. Moreover, we have a
chance to evaluate parameters a and θ (for rapidly ro-
tating black holes) if we reconstruct only bright part of
the mirages (bright arcs) corresponding to co-moving
photons (α > 0). However, for slow rotating black
holes α . 0.5 it would be difficult to evaluate param-
eters a and θ because we have very slow dependence
of mirage shapes on these parameters.

However, there are two kind of difficulties to mea-
sure mirage shapes around black holes. First, the lu-
minosity of these images or their parts (arcs) may not
be sufficient to being detectable by RADIOASTRON.
However, numerical simulations by Falcke, Melia &
Agol [3], Melia & Falcke [55] give hope that the lu-
minosity could be not too small at least for arcs of
images formed by co-rotating photons (α > 0).

Recent observations of simultaneous X-ray and ra-
dio flares at 3 mm, 7 mm, 1.3 cm and 2 cm with
the few-hundred second rise/fall timescales gave in-
direct evidences that X-ray and radio radiation from
the close vicinity of Sgr A∗ was detected because of
that is the most natural interpretation of these flares.
However, another interpretations of these flares could
not be ruled out and in this case an optical depth for
radio waves at 1.3 cm wavelength toward Sgr A∗ may
be not very small.

Few years ago a possibility to get images of nearby
black holes in X-ray band was discussed by White [64],
Cash et al. [65], moreover Cash et al. [65] presented a
laboratory demonstration of the X-ray interferometer.
If the project will be realized, one could get X-ray
images of black holes with 0.1×10−6 arcsec resolution,
thus using this tool one could detect X-ray images
around the Galactic Centre and around the black hole
in M87 Galaxy.

One could mention also that if the emitting region
has a degenerate position with respect to the line of

sight (for example, the inclination angle of an accre-
tion disk is & 850) strong bending effects found by
Matt, Perolla & Stella [66] and analyzed later by Za-
kharov & Repin [38] do appear.

In spite of the difficulties of measuring the shapes
of images near black holes is so attractive challenge to
look at the ”faces” of black holes because namely the
mirages outline the ”faces” and correspond to fully
general relativistic description of a region near black
hole horizon without any assumption about a spe-
cific model for astrophysical processes around black
holes (of course we assume that there are sources il-
luminating black hole surroundings). No doubt that
the rapid growth of observational facilities will give a
chance to measure the mirage shapes using not only
RADIOASTRON facilities but using also other instru-
ments and spectral bands (for example, X-ray inter-
ferometer [64, 65] or sub-mm VLBI array [67]).

A detailed description of the problem and addi-
tional figures illustrating the consideration could be
found in [2].

Acknowledgments

The authors wish to thank V. Beskin, A. Gurevich,
L. Rezzolla, J. Miller for useful discussions.

References

[1] D. Holz and J.A. Wheeler, ApJ, 578, 330 (2002).
[2] A.F. Zakharov, A.A. Nucita, F. De Paolis,

G. Ingrosso, New Astronomy (accepted); astro-
ph/0411511.

[3] H. Falcke, F. Melia, E. Agol, ApJ, 528, L13
(2000).

[4] S. Frittelli, T.P. Kling & E.T. Newman, PRD,
61, 064021 (2000).

[5] K.S. Virbhadra & G.F.R. Ellis, PRD, 62, 084003
(2000).

[6] K.S. Virbhadra & G.F.R. Ellis, PRD, 65, 103004
(2002).

[7] I. Ciufolini & F. Ricci, CQG, 19, 3863 (2002).
[8] I. Ciufolini & F. Ricci, gr-qc/0301030.
[9] V. Bozza, PRD, 66, 103001 (2002).

[10] V. Bozza, PRD, 67, 103006 (2003).
[11] V. Bozza & L. Mancini, GRG, 36, 435 (2004).
[12] V. Bozza & L. Mancini, astro-ph/0404526.
[13] E.F. Eiroa, G.E. Romero & D.F. Torres, PRD,

66, 024010 (2002).
[14] E.F. Eiroa & D.F. Torres, PRD, 69, 063004

(2004).
[15] M. Sereno, MNRAS, 344, 942 (2003).
[16] M. Sereno, PRD, 69, 023002 (2004).
[17] P. Young, Phys. Rev. D, 14, 3281 (1976).

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1226



[18] S. Chandrasekhar, The Mathematical Theory of
Black Holes. (Clarendon Press, Oxford, 1983).

[19] A.F. Zakharov, Sov. Phys. – J. Exp. & Theor.
Phys., 64, 1 (1986).

[20] A.F. Zakharov, Sov. Phys. – J. Exp. & Theor.
Phys., 68, 217 (1989).

[21] A.F. Zakharov, SvA, 35, 147 (1991).
[22] F. De Paolis, A. Geralico, G. Ingrosso, A.A.

Nucita, A&A, 409, 804 (2003).
[23] F. De Paolis, A. Geralico, G. Ingrosso, A.A.

Nucita, A. Qadir, A&A, 415, 1 (2004).
[24] B. Carter, Phys.Rev., 174, 1559 (1968).
[25] A.F. Zakharov, Preprint ITEP 44-91 (1991).
[26] K.P. Rauch and R.D. Blandford, ApJ, 421, 46

(1994).
[27] R. Takahashi, astro-ph/0405099.
[28] A.F. Zakharov, MNRAS, 269, 283 (1994).
[29] A.F. Zakharov, In: Proc. 17th Texas Symposium

on Relativistic Astrophysics, ed. H. Bohringer,
G.E. Morfill, and J.E. Trumper (Annals of the
New York Academy of Sciences, 1995) 759,
pp. 550-553.

[30] A.F. Zakharov & S.V. Repin, Astronomy Re-
ports, 43, 705 (1999).

[31] A.F. Zakharov & S.V. Repin, Astronomy Re-
ports, 46, 360 (2002).

[32] A.F. Zakharov and S.V. Repin, In: Proc. of
the Eleven Workshop on General Relativity and
Gravitation in Japan, ed. by J. Koga, T. Naka-
mura, K. Maeda, K. Tomita (Waseda University,
Tokyo, 2002) pp. 68-72.

[33] A.F. Zakharov and S.V. Repin, In: Proc. of the
XXXVIIth Rencontres de Moriond ”The Gamma-
ray Universe”, ed. by A. Goldwurm, D.N. Neu-
mann and J. Tran Thanh Van, (The GIOI pub-
lishers, 2002) pp. 203-208.

[34] A.F. Zakharov and S.V. Repin, In: Proc. of
the Tenth Lomonosov Conference on Elementary
Particle Physics ”Frontiers of Particle Physics”,
ed. by A.I. Studenikin, (World Scientific Publish-
ing House, Singapore, 2003) pp. 278-282.

[35] A.F. Zakharov and S.V. Repin, In Proc. of the
214th Symposium on ”High Energy Processes and
Phenomena in Astrophysics”, ed. by X.D. Li,
V. Trimble, Z.R. Wang, (Astronomical Society of
the Pacific, 2003) pp. 97-100.

[36] A.F. Zakharov and S.V. Repin, In: Proceedings of
the Third International Sakharov Conference on
Physics, vol. I, ed. by A. Semikhatov, M. Vasiliev
and V. Zaikin, (Scientific World, Moscow, 2003)
pp. 503-511.

[37] A.F. Zakharov and S.V. Repin, In: Proceedings
of the International Conference ”I.Ya. Pomer-
anchuk and physics at the turn of centuries”,
(World Scientific Publishing House, Singapore,
2004) pp. 159-170.

[38] A.F. Zakharov and S.V. Repin, Astron. & Astro-
phys., 406, 7 (2003).

[39] A.F. Zakharov and S.V. Repin, Astronomy Re-
ports, 47, 733 (2003).

[40] A.F. Zakharov and S.V. Repin, Nuovo Cimento,
118B, 1193 (2003).

[41] A.F. Zakharov, In : Proc. 22nd Summer School
and International Symposium on the Physics of
Ionyzed Gases, AIP conference proceedings, 740,
pp. 398-413; astro-ph/0411611.

[42] A.F. Zakharov and S.V. Repin, Advances in
Space Res. 34, 2544 (2004).

[43] A.F. Zakharov, N.S. Kardashev, V.N. Lukash &
S.V. Repin: MNRAS, 342, 1325 (2003).

[44] A.F. Zakharov and S.V. Repin: In: ”XEUS -
studying the evolution of the hot universe”, ed. by
G.Hasinger, Th. Boller, and A.N. Parmer (MPE
Report 281, 2003) pp. 339-345.

[45] K.Y. Lo, Zh.-Q. Shen, J.-H. Zhao, P.T.P Ho:
ApJL, 508, L61 (1998).

[46] K.Y. Lo, Zh.-Q. Shen, J.-H. Zhao, P.T.P Ho:
In: ”The Central Parsecs of the Galaxy”, ed.
by H. Falcke, A. Cotera, W.J. Duschl, F. Melia,
M.J. Rieke (ASP Conference Series, 1999) pp. 72-
79.
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Obser vational Signature of Tidal Disruption of a Star by a Massive
Blac k Hole
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We have modeled the time-variable profiles of the Hα emission from the nonaxisymmetric disk and debris tail
created in the tidal disruption of a solar-type star star by a 106 M� black hole. Two tidal disruption events
were simulated using a three dimensional relativistic smoothed particle hydrodynamic code to describe the early
evolution of the debris during the first 50-90 days. We have calculated the physical conditions and radiative
processes in the debris using the photoionization code CLOUDY. We model the emission-line profiles in the
period immediately after the accretion rate onto the black hole becomes significant. We find that the line profiles
at these very early stages of the evolution of the postdisruption debris do not resemble the double-peaked profiles
expected from a rotating disk, since the debris has not yet settled into such a stable structure. As a result of
the uneven distribution of the debris and the existence of a “tidal tail” (the stream of returning debris), the line
profiles depend sensitively on the orientation of the tail relative to the line of sight. Moreover, the predicted
line profiles vary on fairly short time scales (of order hours to days). Given the accretion rate onto the black
hole we also model the Hα light curve from the debris.

1. INTRODUCTION

A star in an orbit around a massive black hole can
get tidally disrupted during its close passage by the
black hole. After several orbital periods the debris
from the disrupted star settles into an accretion disk
and gradually falls into the black hole [1–4]. As ma-
terial gets swallowed by the black hole intense UV or
soft-X ray radiation is expected to emerge from the in-
nermost rings of the accretion disk [5–12]. For black
hole masses Mbh < 107 M�, tidal disruption theory
predicts flares with luminosities of the order of the
Eddington luminosity with durations of the order of
months, and with spectra that peak in the UV/X-
ray band [1, 13–16]. High-energy flares from the cen-
tral source illuminate the debris, the photons get ab-
sorbed, and some are re-emitted in the optical part of
the spectrum (i.e. the light is “reprocessed”). One of
the spectral lines in which this phenomenon can be ob-
served is the Balmer series Hα line (λrest = 6563 Å).

The disruption of a star begins when the star ap-
proaches the tidal radius, rt ' r?(Mbh/M?)

1/3, the
point where the surface gravity of the star equals the
tidal acceleration from the black hole across the diam-
eter of the star (r? and M? are the radius and mass
of the star and Mbh is the mass of the black hole). A
106 M� black hole is often used as a prototypical ex-
ample in tidal disruption calculations. This choice is
motivated by the criterion for a solar-type star to be
disrupted before it crosses the black hole event horizon
(i.e. the Schwarzchild radius, rs) in order for emission
to be observable. For supermassive black holes with
Mbh > 108 M�, rs > rt and the star falls into the
black hole before it gets disrupted.

2. CALCULATION

Tidal disruption simulations were carried out with
a three dimensional relativistic smoothed particle hy-
drodynamics (hereafter SPH) code in order to study
the dynamical evolution of the post-disruption debris.
The SPH code used provides a description of relativis-
tic fluid flows in a static curved spacetime geometry
[17, 18]. We use it to simulate the tidal disruption of
a star in the potential of a Schwarzchild black hole.

Two different simulations were carried out with
5,000 and 20,000 particles (hereafter 5k and 20k re-
spectively) contributing equally to the mass of a 1M�

star. The 5k calculation follows the debris for 94 days
in total. After 34 days, significant accretion onto the
black hole begins. Our investigation follows the evo-
lution of the line profiles in the last 60 days. The 20k
simulation spans 53 days, during which the evolution
of the line profiles was followed for the last 6 days. Us-
ing both the 5k and 20k simulations in the line profile
modeling we take advantage of the longer time span
in the former and better resolution achieved with the
larger number of particles in the latter. Figure 1 shows
particle distribution maps after the second pericentric
passage, at the beginning of the accretion phase and
at the end of the 5k simulation. At the early stages
of the tidal event most of the particles were located in
the pronounced tidal tail. Sixty days later, about 20%
of the particles are scattered from the tidal tail and
form a quasi-spherical distribution, with most of its
mass concentrated in the equatorial plane. We refer
to the spheroidal part of the debris as the halo and to
its planar component as the disk. There is a concern
that some fraction of particles of the halo are a nu-
merical artifact of the simulation. We further mention
the implications of existance of the spheroidal halo for
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the total Hα luminosity and emission line profiles in
§3.1 and §3.2.

We follow the line profile calculations carried out
by [19] and [20] to obtain the observed profile from
a Keplerian, relativistic, thin disk in the weak field
approximation. The main objective of the calculation
is to obtain the final expression for the flux density
in the observer’s frame as a function of parameters
defined in the reference frame of the debris.

In order to calculate the resulting Hα luminosity of
the debris it is necessary to determine the efficiency
with which the debris reprocesses the incident radia-
tion. This efficiency can be characterized by the sur-
face emissivity of the debris as a function of radius,
ε = ε0 ξ−q, where ε0 is a constant and ξ ≡ r/rg is the
dimensionless radius (rg = rs/2 = GMbh/c2 = Mbh).
We have used the photoionization code CLOUDY [21]
for numerical calculations of the response of the de-
bris to illumination. For a more detailed description
of the calculation refer to [22].

3. RESULTS

3.1. Light Curves

With the above emissivity prescriptions we have cal-
culated the observed Hα luminosity curve of the de-
bris at a particular time step by computing the time
at which the light was emitted from the debris and
by finding the ionizing flux that was illuminating that
location at the time the emission occurred, according
to the light-travel time from the black hole to that
particular region of the debris. We assumed that the
observer is located in the x′z′ plane, above the orbital
plane at i = 30◦ to the z′-axis, at a distance d → +∞.

Figure 2 shows three different Hα light curves from
the debris confined to a plane (assuming ξin = 500,
ξout = 40, 000) during the 60-day accretion phase of
the 5k simulation. Figure 2a shows the accretion lumi-
nosity on a logarithmic scale (solid curve), calculated
from the accretion rate of the debris in the simula-
tion. The UV/X-ray luminosity curve is arbitrarily
scaled and overplotted on the top of the Hα curve for
comparison. The Hα light curve departs from the ac-
cretion light curve at late times, though the departure
appears small in the logarithmic plot (used here due
to the large dynamic range of the light curves). The
same effect is more noticeable in Figure 2b, where the
accretion luminosity is proportional to t−5/3 and the
Hα light curve is plotted on a linear scale. The Hα
light curve roughly follows the shape of the incident
UV/X-ray light curve at early times but decays faster
at late times. The faster decay in the Hα light curve
reflects the debris evolution in time: as the tail be-
comes more elongated, the incident photons travel a

Figure 1: Maps showing the positions of the SPH
particles from the 5k simulation after the second
pericentric passage, projected in the x′y′-plane at two
different times. Particles gravitationally bound to the
black hole are colored black, while unbound particles are
colored grey. The dashed line represents the initial
trajectory of the star before disruption and the
trajectory of the center of mass of the debris after
disruption. The maximum particle velocities are of order
10−2c. Upper Panel: Particle map at the start of the
accretion phase, 34 days after the disruption occurred.
Inset: Particles in the inner region of the debris, orbiting
close to the black hole.Lower Panel: Particle map at the
end of the simulation, 94 days after the disruption. The
tidal tail can be clearly separated into particles that are
unbound and about to escape the black hole and
particles that are returning towards the black hole. The
inner region of the debris consists of returning particles
from the inner tail that have been scattered and form a
flat rotating structure around the black hole.

longer way to illuminate the debris. Consequently,
the intensity of the illuminating light gets lower in
the later stages of the tidal disruption event. At late
times the decay of Hα light curve stops because of the
return of more particles from the tail to the imme-
diate vicinity of the black hole. As particles diffuse
from the high density tail to the lower density disk, in
later stages of the simulation, their emission efficiency
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increases and they contribute a significant amount of
Hα light to the light curve. To isolate the effect of the
debris evolution in time from the evolution of the illu-
minating light curve, we calculate the Hα light curve
in the case of constant illumination (Fig. 2c). Here,
the relative departure of the Hα light curve from the
UV/X-ray light curve can be interpreted as a con-
sequence of the expansion and redistribution of the
debris. The Hα luminosity appears to level off at late
times because the debris disk begins to settle into a
quasi-steady configuration.

Figure 2: The Hα light curves (triangles) resulting from
the reprocessing of three different illumination light
curves. The solid line shows a scaled version of the
UV/X-ray continuum light curve that illuminates the
debris, which in (a) follows the SPH accretion rate, (b)

decays with time as t−5/3, and (c) is constant. Note that
the vertical axis is calibrated logarithmically in (a), while
in (b) and (c) they have the same linear scale. The Hα
light curves rise initially as the illumination front
propagates through the debris and then decay faster than
the UV/X-ray light curves.

The observed Hα flux depends sensitively on the
UV/X-ray light curve, on the distribution of matter
that makes up the inner portion of the debris, and on
how quickly particles redistribute themselves in phase
space. The main features of the Hα light curve are:
an initial rise followed by a decline, with superposed

fluctuations. The initial rise is a consequence of the
propagation of the initial illumination front through
the debris. The fluctuations are a result of the fluc-
tuations in the accretion rate, which are caused, in
turn, by the finite number of particles employed in
the simulation. The decay rate of the Hα light curve
is determined by the decay rate of the UV/X-ray light
curve, debris expansion and redistribution rate.

The CLOUDY calculation predicts a time-average
Hα luminosity from the tidal debris of about 1036,
1037, and 6 × 1038 erg s−1 for the tail, disk and
halo, respectively. In the earlier stages of the disrup-
tion event when the UV/X-ray luminosity is super-
Eddington, the Hα luminosity is expected to be up
to 80 times higher than its average value and compa-
rable to that of tidal disruption candidates observed
in the local universe (see Figure 2). These examples
include NGC 4450 (at 16.8 Mpc) with an Hα lumi-
nosity of LHα=1.8×1039 erg s−1 [23] and NGC 1097
(at 22 Mpc) with LHα=7.7×1039 erg s−1 [24]. Thus
the emission-line signature of a tidal disruption event
should be detectable at least out to the distance of the
Virgo cluster. In practice, however, the detection of
such emission lines from low luminosity sources may
be complicated by their weak contrast relative to the
underlying stellar continuum.

3.2. Line Profiles from the Debris

In Figures 3–6 we show sample line profiles to il-
lustrate how they evolve in time and how they are
affected by the choice of model parameters and by
the orientation of the observer. Figure 3 is a “trailed
spectrogram” summarizing the temporal evolution of
the line profiles from the two different SPH runs; it
is a 2-dimensional map of the Hα emission as a func-
tion of projected velocity and time. Figure 4 shows
a different representation of the evolution of the line
profile with time, which effectively comprises selected
time slices from the trailed spectrogram. Figures 5
and 6 show how the inner radius of the line-emitting
region and the azimuthal orientation of the observer
affect the observed line profiles.

A property that is immediately obvious in the line
sequence is the change of the profile shape with time

(Figures 3 and 4). The adopted low value of ve-
locity dispersion allows us to resolve individual parti-
cles in the trailed spectrograms, orbiting around the
black hole. The evolution of the line intensities in
time roughly follows the behavior of the UV/X-ray
luminosity but decays somewhat faster in time. The
multi-peaked line profile is a consequence of the ve-
locity field of the inner debris, which consists of the
inner portion of the tidal tail that is falling towards
the black hole (towards the observer) and debris that
is rotating around the black hole after being scattered.
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Figure 3: Trailed spectrogram of the simulated Hα
emission-line profiles from the 5k simulation spanning 60
days (left) and from the 20k simulation spanning 6 days
(right). This is effectively a 2-dimensional intensity map
versus projected velocity of the emitting material and
time. Darker shades correspond to higher intensity. The
scale on the right represents time since the tidal
disruption event.

The line profiles and their variability could be obser-
vationally important features of the debris just formed
from tidal disruption. The variable line profiles might
be observed and recognized on the relatively short
time scale of hours to days.

The profiles become broader as the inner radius
of the line-emitting regions decreases since higher-
velocity gas resides at smaller radii (see Figure 5).
The approximate full width at zero intensity of the
profiles ranges from 4, 500 km s−1 for ξin = 10, 000 to
18, 000 km s−1 for ξin = 200. We find that line pro-
files change from the profiles dominated by the emis-
sion red-ward from the rest wavelength for ξin < 1000
to narrower profiles dominated by the blue-ward emis-
sion from the tail for ξin > 1000, since for large values
of ξin, the high-velocity rotating gas in the vicinity
of the black hole is excluded and the dominant con-
tributions to the line profile come from the tidal tail.
The intensity of the line also decreases with increasing
inner radius, making the outer regions of the debris
harder to observe.

Because of the non-axisymmetric geometry and ve-
locity field, the line profiles emitted by the debris, de-
pend on the orientation of the tidal tail relative to the
observer. In Figure 6 we show the effect of azimuthal
orientation φ0 of the debris, with respect to the ob-
server. The values of φ0 are 45◦, 90◦, 120◦, 180◦,
220◦ and 270◦, as measured in a counterclockwise di-
rection from positive x′-axis to the observer’s line of
sight. These can be compared with the profile corre-
sponding to the same time in Figure 4 for φ0 = 0◦.

Figure 4: Sequence of Hα profiles emitted from the
region ξ ∈ (500, 40 000) over a period of 6 days (20k run).
The relative time from the beginning of the accretion
phase onto the black hole is marked next to each profile.
The accretion phase begins 47 days after the tidal
disruption. The inclination of the debris plane and the
velocity shear are as marked on the figure.

The position of the peaks in Figure 6 varies relative
to the rest wavelength, since the relative direction of
bulk motion of the material depends on the observer’s
orientation. For example, it is possible to distinguish
the emission from the tail for the range of azimuthal
orientations 90◦ − 220◦. The tail emission in these
profiles appears as the most blueshifted peak, since
these are the orientations for which different portions
of the tail flow towards the observer.

We have computed model profiles for several dif-
ferent X-ray illumination light curves keeping all the
other parameters fixed. We used (a) the light curve
obtained from the accretion rate in the 5k simulation,
(b) the light curve from the accretion rate as predicted
by theory, i.e. ∝ t−5/3 [1, 8], and (c) a light curve
that is constant in time (Figure 2). We find that the
line profile shapes do not depend sensitively on the
shape of the light curve. This is a consequence of the
centrally ”weighted” emissivity profile of the debris
which causes the innermost emission region to be the
dominant contributor of the Hα light. In the inner-
most region of the debris the dynamic range in light-
travel times is not large; therefore the illumination of
the innermost emitting region is almost instantaneous.
Over the very short light-crossing time of the central
emitting region, the gradient in the UV/X-ray light
curve is small and the illumination is nearly constant
over this region. The fast fluctuations in the illumi-
nating light curve on the other hand are smoothed
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Figure 5: Hα emission line profiles simulated for seven
different values of inner radius (ξin), as determined by
the propagation of the ionization front through the
debris. The relative time for profile frames is 6d 6h 0m.
The intensity of the profile calculated for ξin = 10, 000 is
multiplied by the factor of 100. The inclination and
velocity shear are as marked on the top of the figure.

out during reprocessing in the debris, and cannot be
identified in the Hα light curve.

The temporal variability of the Hα emission line
profiles from the post-disruption debris is one of the
important indicators of a tidal disruption event. In
order to capture the rapid profile variability, due to
the variable illumination, the exposure time should
be comparable to the light crossing time of the in-
nermost regions of the line-emitting debris, which has
the fastest and strongest response to the ionizing ra-
diation. Longer exposures are expected to capture
the average shape of the rapidly varying line profiles.
The light-crossing time of the innermost regions of the
debris is about 8 ξ2 M6 minutes (where ξ2 = ξ/100
and M6 = Mbh/106 M�), while the exposure times
are typically about 30-60 minutes (for galaxies at the
distance of the Virgo cluster, for example). Thus, if
an event is caught early in its evolution and the light-
crossing time is relatively long (i.e., M >

∼ 106 M�),
there is a chance of detecting variability caused by
changing illumination over the course of one to a few
nights. On longer time scales, variability is caused by
changes in the structure of the debris. In the presence
of the spheroidal halo, the variability of the lines may
be modified by the long diffusion time scale of photons
through the halo. The component of the tidal tail out-
side the halo will then still respond to the variability
but on the time scale set by the light reprocessed by
the halo.

Figure 6: Hα emission line profiles simulated for six
different azimuthal orientations of the debris with respect
to the observer, as represented by φ0. See profile in
Figure 4 with the time label 5d 22h 30m for orientation
φ0 = 0◦. The size of the emitting region, inclination and
velocity shear are as marked on the top of the figure.

4. CONCLUSIONS

We modeled the emission-line luminosity and pro-
file from the debris released by the tidal disruption
of a star by a black hole in the early phase of evo-
lution. Our model predicts prompt optical evolution
of the post-disruption debris and profile shapes dif-
ferent from circular and elliptical disk model profiles.
Since line profiles observed so far in LINERs (low-
ionization nuclear emission regions) look more disk-
like and evolve slowly, the observations are likely to
have caught the event at late times (≥ 6 months after
the initial disruption), after the debris has settled into
a quasi-stable configuration.

The line profiles can take a variety of shapes for
different orientations of the debris tail relative to the
observer. Due to the very diverse morphology of the
debris, it is almost impossible to uniquely match the
multi-peaked profile with the exact emission geome-
try. Nevertheless, the profile widths and shifts are
strongly indicative of the velocity distribution and the
location of matter emitting the bulk of the Hα light.
Profile shapes do not depend sensitively on the shape
of the light curve of the X-rays illuminating the debris.
They strongly depend on the distance of the emitting
material from the central ionizing source, which is a
consequence of the finite propagation time of the ion-
ization front and the redistribution of the debris in
phase space. It may be possible to distinguish be-
tween the two effects observationally, based on their
different characteristic time scales.
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If X-ray flares and the predicted variable profiles
could be observed from the same object they could be
used to identify the tidal disruption event in its early
phase. The X-ray flares can be promptly detected by
all-sky synoptic X-ray surveys and high energy burst
alert missions such as Swift. The evolution of the tidal
event may then be followed with optical telescopes
from the ground on longer time scales and give an
insight in the next stage of development of the debris.
Thus, simulations of the tidal disruption process on
longer time scales (of order several months to a few
years) are sorely needed. Calculations of the long-
term evolution of a tidal disruption event can predict
the type of structure that the debris finally settles
into and whether its emission-line signature resembles
the transient double-peaked lines observed in LINERs.
This study would provide an important insight into
the evolution of LINERs.

Finally, the observed rate of tidally disrupted solar
type stars can constrain the rate of captured com-
pact objects which are important gravitational wave
sources [25–27], and the capture rate of main sequence
stars in our Galaxy, which are expected to emit the
peak of the gravitational radiation in the LISA fre-
quency band and can be detected in the local universe
[28].
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General Relativistic Radiative Transfer in Tori
S. V. Fuerst and K. Wu
MSSL, University College London, Holmbury St. Mary, Surrey RH5 6NT, UK

We investigate black hole systems where the accretion rate approaches the Eddington limit. This means that
the thin disk approximation no longer holds, and the flow puffs up into a three dimensional configuration. The
result are thick tori with a wide range of optical depths. We use a new covariant moment method to calculate
images of these tori around Kerr black holes where the effects of electron scattering are dominant. We also
investigate the relativistic smearing of line emission from these objects.

1. INTRODUCTION

The strong X-rays observed in active galactic nu-
clei (AGN) and some X-ray binaries are believed to
be powered by accretion of material into black holes.
The curved space-time around the black hole influ-
ences not only the accretion hydrodynamics but also
the transport of radiation from the accretion flow.

Far from the central black hole, it is generally as-
sumed the material forms a thin accretion disk. [5]
A relativistic version of the thin disk model was de-
veloped by Novikov and Thorne. [4] However, it is
known that the assumptions used in deriving the thin
disk model break down at high accretion rates near
the black hole. Radiation pressure becomes impor-
tant, and can no longer be ignored. The accretion disk
puffs up out of the equatorial plane, and no longer is
thin.

Various models of thick disks and tori exist in the
literature. For descriptions of the physics of New-
tonian tori, see Frank, King and Raine.[2] General
relativity modifies the effective potential the gas in
the torus fills. Abramowicz, Jaroszy/’nski and Sikora
[1] derived the form of this modified potential. Their
formulation can be simplified when the angular mo-
mentum is constant, and thus that case has been well
explored in the literature.

This paper explores the case where a powerlaw-
modified Keplerian profile is used. However, the same
formulation can be applied to arbitrary angular mo-
mentum and velocity laws.

Using a model of the distribution of material in the
tori together with their velocity fields and tempera-
ture distributions, it is possible to calculate the emis-
sivity and opacity as a function of position. Combined
with the theory of relativistic radiative transfer, it is
then possible to determine what will be observed from
afar.

We calculate what images would be seen if we had
an ultra-high resolution telescope in the X-ray region
of the spectrum. We then integrate the flux over the
images to produce spectra

2. RELATIVISTIC RADIATIVE TRANSFER

The radiative transfer equation in curved space-
time without scattering reads

dI

dλ
= −kαuα|λ

[

−χ0(x
β , ν) + η0(x

β , ν)
]

(1)

where I = I/ν3 is the Lorentz invariant intensity,
χ0(x

β , ν) is the absorption coefficient in the rest frame
of the material, η0(x

β , ν) is the emissivity in the rest
frame of the material, and λ is an affine parameter for
the ray path.

The simplest way to solve the radiative transfer
equation is via the method of ray-tracing. Ray trac-
ing works by following the geodesics of the photons
backwards in time from the observer to the emission
region. If the optical depth is integrated along the
path for each frequency, it is possible to calculate the
emission seen at the observer for each path element
along the ray.[3]

By creating an image, the effects of gravitational
lensing are implicitly included. The image can be in-
tegrated over to produce a spectrum. These spectra
can then be compared with those of AGN observed by
satellites such as XMM-Newton and Chandra.

3. RELATIVISTIC TORI

We approximate the angular velocity of the gas or-
biting the black hole by assuming the form is Keple-
rian modified by a power law.

ω =
1

(r sin θ)
3/2

+ a

( rk

r sin θ

)n

=
φ̇

ṫ
(2)

From this it is possible to calculate the acceleration
as a function of position, and thus the equipotential
which describes the largest torus with these parame-
ters. There is a maximal size any given velocity profile
has a marginally stable orbit around the black hole,
setting a lower limit on the radius of the inner edge.
Note that it is also possible to parametrise the angu-
lar momentum as a function of position instead, where
similar results are obtained.
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Figure 1: This graph shows the locations of the light
cylinder (dotted), the marginally stable orbit (dashed)
and the outer surface of the torus. The parameters are
n = 0.21, r = 12 and the black hole has a spin parameter
a = 0.998

Figure 2: A comparison of the line profiles from a thin
accretion disk (dotted), and an optically thick accretion
torus (solid) viewed at an inclination angle of 85◦.

Using Boyer-Lindquist coordinates, the acceleration
in terms of the four velocity components is

−
Σ

∆
ar =

Σ − 2r

Σ2

(

ṫ − a sin θφ̇
)2

+ r sin2 θφ̇ (3)

−Σaθ = sin θ cos θ

[

2r

Σ2

(

aṫ − (r2 + a2)φ̇
)2

+ ∆φ̇2

]

,

where ṫ is the lorentz factor, and φ̇ is defined in equa-
tion 2.

This yields the outer surface for an optically thick
torus. Given an emissivity law for a line on the torus
surface, such as I ∝ r−2, it is possible to calculate
the observed line profile. These line profiles will be
different to those of accretion disks because tori self-
obscure. The inner part of the torus, corresponding
to the fastest moving gas, is obscured at some incli-
nation angles so the corresponding wings of the line
profile are reduced. See fig. 2. This produes a line
profile that looks like a broad hump instead of a wedge
shape. This may explain why not many sources with
asymmetric lines like MCG-6-30-15 are observed.

Figure 3: The frequency-shift colour image of a torus
around a Kerr black hole viewed at inclination angles of
45◦ and 85◦. At high inclination angles, the inner surface
is obscured, altering the observed spectrum.

4. A FUZZY TORUS

If an equation of state is used, it is possible to cal-
culate the density of the gas as a function of position.
We assume that the relative ratio of radiation pres-
sure to gas pressure is constant throughout the torus,
and use this to derive an equation of state.

κ =
h

2π

[

45(1 − β)

π2(µmHβ)4

]1/3

, (4)

Γ = 4/3 and β is the fraction of gas pressure relative
to the total pressure.

Then, by using the equation of hydrostatic equilib-
rium derived from the stress-energy tensor of an ideal
fluid we obtain,

∂ρ

∂xα
= aα

(

ρ2−Γ

κΓ
+

ρ

Γ − 1

)

. (5)

Using the aα in equation 3, the equation for the
density of the gas can be solved numerically. Using
the equation of state, we can then calculate the tem-
perature, and thus the emissivity and opacity for the
radiative transfer equation.

Figure 4 shows a case where absorption has been
included proportional to the density of the gas. This
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Figure 4: Bolometric flux image of an accretion torus
around a Kerr black hole with an inclination angle of
45◦. Absorption has been included proportional to the
density of the gas. Limb darkening can be seen, and the
first two higher order images can be seen in the middle of
the image, where the light has orbited the black hole on
its way to the observer.

produces limb darkening automatically. Note how the
first two higher order images can be seen in the middle
of the image, where the light has orbited the black hole
on its way to the observer. This is an example of how
extreme gravitational lensing alters what is seen.

These simple analytic models of emissivity and
opacity as a function of position depend on the ar-
bitrary velocity law chosen for the flow. This degree
of freedom can be relaxed by moving to hydrodynamic
simulations of accretion flow. However, this requires
vastly greater computational resources, especially if
the radiation reaction force is included in the calcula-
tions.

5. TORI WITH SCATTERING

For a more correct model of tori around black holes,
the effects of electron scattering must be included,
since the scattering opacity dominates over free-free
absorption. The ray-tracing method doesn’t handle
the non-local behaviour of the scattering term very
well. It is possible to use a Monte-Carlo technique to
model scattering at low optical depths. However, it
takes exponentially more rays to model what is seen
as scattering opacity rises.

The solution is to use a moment method to appoxi-
mate the radiation field as a function of angle at each
location. We use a simplified version of the Thorne
(1981) method where the series of moments is tele-
scoped into one term. This yields the following co-
variant version of Eddingtons approximation at first

Figure 5: Accretion torus images around a Kerr black
hole with an inclination angle of 45◦ and 85◦. These
images are of tori where the effects of free-free emission,
absorption and electron scattering have been taken into
account in the radiative transfer.

order.[6]

mα

[

Jα
,βmβ + 2Γα

δβJβmδ +

(

1

E2

∂E

∂λ

) (

∂Jα

∂(ln E)
− Jα

)]

= − (χ0 + ρσT ) Jαmα + η0 + ρσT Jαuα, (6)

where Jα(E, xα) is a linear combination of the zeroth
and first order moments of the radiation field. uα is
the bulk fluid velocity, and mα = kα/E, with E the
photon energy.

We solve the moment equation using a second order
implicit upwind numerical method. The results are
then used by a ray-tracer to evaluate the flux scattered
into the line of sight along each ray. The moment
method works best at high optical depths, and the
ray tracer works best in the free streaming limit. By
combining them in the same algorithm we obtain the
best of both.

Future work will include changing to a 3D numerical
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scheme, and moving to higher order accuracy in the
moment method. Another goal is the addition of this
radiative transfer method to hydrodynamics codes so
that radiation reaction forces are included in the dy-
namics. Finally, the moment method can be rederived
to apply to polarized radiative transport.
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Indirect Visibility of Gravitational Waves in Magnetohydrodynamic
Plasmas

J. Moortgat
Department of Astrophysics, University of Nijmegen, The Netherlands and
Theoretical Astrophysics, California Institute of Technology, Pasadena, USA
J. Kuijpers
Department of Astrophysics, University of Nijmegen, The Netherlands

We propose a mechanism to make gravitational waves (GWs) visible in the electromagnetic domain. Grav-
itational waves that propagate through a strongly magnetized plasma interact with the plasma through its
anisotropic stress-energy tensor and excite magnetohydrodynamic (MHD) wave modes. In catastrophic events
such as the merger of a double neutron star binary, a large fraction of the total binding energy of the system is
released in the form of GWs observable by LIGO, and the amount of energy transferred to the MHD waves is
substantial. These modes, however, are excited at the same frequency as the GW and are not directly observ-
able. In this paper we investigate radiation processes that operate in the presence of the gravitationally excited
MHD waves and radiate in the radio regime accessible to LOFAR. We present order of magnitude estimates for
the spectral flux of a merger detectable by a LOFAR.

1. INTRODUCTION

Gravity is the weakest of all the fundamental forces
and, not surprisingly, gravitational waves have proven
to be the most elusive signals in astronomy. In fact,
now that almost every electromagnetic frequency is
observable and even cosmic ray and neutrino astron-
omy are becoming a reality, the first direct detection
of GWs still has to be made. With the development
of advanced resonant bar and in particular interfer-
ometric GW detectors, this will most likely happen
within the next one or two decades. The same prop-
erty of GWs that makes them so hard to detect is their
main advantage as a diagnostic of the Universe: be-
cause GWs hardly interact with anything the entire
Universe is transparent to them. The planned GW
detector in space, LISA LISA expects to detect the
signal from merging supermassive black holes out to
any distance and LIGO LIGO which is presently un-
der construction could probe for instance the central
engine of gamma-ray bursts (GRBs) which is opaque
to electromagnetic radiation.

In general, electromagnetic and GW observations
are very complimentary and an electromagnetic coun-
terpart of any GW signal and vice versa is invaluable.
As an example: with electromagnetic observations it
is very difficult to determine the inclination of a bi-
nary system, whereas this could be easily measured
from the polarization of a GW signal Schutz [1996].
On the other hand, the amplitude of a GW measured
on earth does not allow a unique determination of the
distance and the intrinsic strain at the source (which
can be measured only from the chirp of the system).
When the distance can be determined electromagnet-
ically, this uncertainty can readily be removed.

Rather than studying different types of GW sources
and trying to find accompanying electromagnetic
processes, we investigate whether the GW them-

selves produce an electromagnetic signal when they
propagate through the magnetohydrodynamic (MHD)
plasma in which many GW sources are embedded. In
particular one can think of rapidly spinning NS with
small (< 10−5) asymmetry, low-mass X-ray binaries,
neutron stars with an r-mode instability, asymmetric
supernova core collapse and bounce (GRB with after-
glow), newly born neutron stars that boil and oscillate
(magnetars) and coalescing compact binaries (short
GRB candidates). Gravitational waves only interact
to linear order with mediums that have an anisotropic
stress-energy tensor. Interaction is therefore possible
with a magnetized MHD plasma and not, for instance,
with dust or an isotropic hydrodynamic ideal fluid.

We have found in previous work
(see Moortgat and Kuijpers [2003],
Moortgat and Kuijpers [2004] and references therein)
that × and + polarized GW couple to Alfvén and fast
magneto-acoustic MHD modes, respectively. Here
the × polarization refers to GWs that are polarized
at an angle to a uniform magnetic field. In the limit
of a strongly magnetized tenuous plasma these MHD
waves can interact coherently with a GW and grow
linearly with distance up to a maximum value. The
frequency of the excited MHD modes is, however,
the same as that of the GW and therefore lower than
the interstellar plasma frequency and not observable
directly.

In this paper we investigate subsequent inverse
Compton (IC) scattering of the low frequency
(kHz) MHD wave on the relativistic electrons (and
positrons) in the wind, either the bulk secondary par-
ticles or the even more relativistic primary particles.
Inverse Compton scattering on electrons and positrons
with a Lorentz factor of γ > 100 boosts the frequency
of the radiation to the regime of the LOFAR LOFAR
low frequency radio array currently under construc-
tion in the Netherlands. Finally, we mention the possi-
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bility of coherent radiation when the MHD mode acts
as an undulator for the relativistic electrons similar
to the free electron laser process Fung and Kuijpers
[2004].

The set-up of this paper is as follows: Sec-
tion 2 summarizes some of the main con-
clusions of Moortgat and Kuijpers [2003] and
Moortgat and Kuijpers [2004], Section 3 elaborates
on the specific situation of GWs propagating through
the magnetosphere and wind of a double neutron star
(neutron star) binary close to merging. In Sections 4
– Section 5 we derive a rough estimate for the spectral
flux on earth as a result of the inverse Compton
scattering, taking into account possible damping
mechanisms and propagation effects and we discuss
some issues that are subject of future research such
as the coherent radiation mechanism. We end with
conclusions in Section 6.

2. MHD MODES EXCITED BY GW

The only oscillating components δT ab of the stress-
energy tensor in the rest frame of a perfect mag-
netofluid that couple to the GW and can not be re-
moved by a gauge transformation depend on the mag-
netic field. Explicitly, the Einstein field equations re-
duce to evolution equations for the GW:

2h+(z, t) = 4B0
xδBx(z, t), (1)

2h×(z, t) = 4B0
xδBy(z, t), (2)

where the ambient magnetic field is chosen to lie in the

x-z plane: ~B = ~B0 + δ ~B and ~B0 = B0(sin θ, 0, cos θ).
Approximating the GW as a driver, the evolution

equations for the magnetic field can be solved and look
like:

δBx ∝ 1

2
h+B0

x, δBy ∝ 1

2
h×B0

x. (3)

These results are reminiscent of the spatial deviations
of test masses in interferometers such as LIGO (δx =
1
2 (h+x0 + h×y0) and δy = 1

2 (h×x0 − h+y0)).
The solution for δBx is illustrated in Figure 1

and corresponds to a compressional fast magnetosonic
wave (MSW) with both electromagnetic and gas prop-
erties. Coherent interaction with the GW is possi-
ble when the phase velocity of the MSW approaches
that of the GW. In a Poynting flux dominated plasma
where the Alfvén velocity uA is relativistic and much
larger than the sound velocity, this limit is satisfied
and the perturbations are allowed to grow linearly
with distance:

δBx(z, t) ≃ h+

4γ2
B0 sin θ ωz ℑ

[
eiω(z−t)

]
. (4)

The phase velocity of the slow MSW is always much
smaller than the fast mode, so it can never interact
coherently with the GW.
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Figure 1: Magnetic field in the magneto-acousic mode.
The perturbation is exaggerated to emphasize the overall
behavior (arbitrary units).
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Figure 2: Magnetic field in the Alfvén mode.

The second expression in Eq. 3 corresponds to non-
compressional shear Alfvén waves, illustrated in Fig-
ure 2. The condition for coherent interaction with
the GW is more stringent because its phase velocity
uA‖ = uA cos θ has to approach the velocity of light,

but at the same time its amplitude is ∝ B0
x ∝ uA sin θ.

Therefore, in the case of coherent interaction the am-
plitude of the Alfvén waves is suppressed by a small
factor θ ≪ 1.

δBy(z, t) ≃ h×

4γ2
B0θ ωz ℑ[eiω(z−t)] + O[θ2]. (5)

In fact the polarization of the GWs emitted by a
binary merger is linear only for an edge-on and circular
for a face-on binary with the same sense as the binary

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1230



− y

kg

1

1

v1

E,

B,

k
z

A

Θ
u

A

B
0

x

 j
 1

1

Θ

x

uA

ks

kg

kf

v

j1

1

B1

B0

− y

z

E

Figure 3: Polarization of Alfvén (top) and fast
magnetosonic modes (bottom).

motion on the sky. If the GW is for instance right
circularly polarized, simply replace h+ → hR/

√
2.

As was mentioned in the previous section, the GW
only interacts directly with the magnetic field. In
particular the plasma motion in a GW is generally
non-compressional. However, in a perfectly conduct-
ing plasma the particles are strongly coupled to the
magnetic field lines and Maxwell’s equations couple
to the matter conservation laws through the current
density. Consequently, perturbations in pressure, den-
sity, magnetic field gradients, currents and a drift ve-
locity are also excited in the MSW, whereas the non-
compressional Alfvén waves cause a divergence of the
electric field and a corresponding charge density fluc-
tuation. The orientation of these different components
of the MHD modes, i.e. the polarizations, are shown
in Figure 3.

3. GENERAL PICTURE

We consider a merger of two neutron stars where
each neutron star has its own magnetic field that falls
off as a dipole close to the surface: B(r) = B⋆ (R⋆/r)3.
As the merger coalesces the orbital frequency increases
and dominates over any other (rotational) motion.
Therefore, we assume that at the end of the spiral-
in phase the orbital rotation of the binary (with
Ωb ∼ 103 rad/s) determines the light-cylinder ra-
dius: Rlc = c/Ωb ≃ 320 km. At the light cylinder
plasma would require superluminal velocities to coro-
tate. A steady charge density cannot be maintained

T

m2

m1

Ω1
Ω2 > Light cylinder

Force−free wind

~ Perpendicular B−field

Plane GW in far field

B
160

(r=0) ~ 10

Figure 4: Magnetic field configuration of a double
neutron star binary merger.

at the Goldreich-Julian density, nGJ = ~2ǫ0Ωb · ~B/e,
everywhere. As a result, a strong electric field devel-
ops along the open magnetic field lines above the po-

lar cap and charged ‘primary’ particles are extracted
from the surface with a density np ≃ nGJ⋆ and ac-
celerated to high Lorentz factors (a typical number is
γp ∼ 107). The available potential jump is propor-
tional to ∆Ψ ∝ ΩbB⋆ in our case and can be much
larger than for single pulsars since the orbital fre-
quency becomes large for neutron stars of arbitrary
field strengths.

Processes such as curvature radiation and inverse
Compton emission then result in a cascade of ‘sec-
ondary’ e± pairs with a particle number density ns =
2Mnp, where M is called the multiplicity. Due to
energy conservation npγp = nsγs, so the Lorentz fac-
tor of the secondary particles is γs = γp/(2M) ∼ 100
for M ∼ 105. The secondary plasma, probably in-
terspersed with beams of primary particles, flows out
as a relativistic wind along the open magnetic field
lines which develop into spirals further out since the
toroidal component of the field soon dominates the
poloidal component. The wind remains force-free up
to a large distance.

As the binary looses angular momentum through
gravitational radiation it spirals in and eventually the
two neutron stars merge and form a black hole. In
the process, a large fraction of the binding energy of
the system is released in the form of GWs that propa-
gate through the surrounding plasma and excite MHD
waves. In the relativistic wind the dominant mode will
be the fast magnetosonic wave that propagates with a
highly relativistic Alfvén phase velocity uA ↑ c, over-
taking the particles further out (that are themselves
relativistic).

In the next section we will discuss how the energy
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transferred to the plamsa by the GW can be released
in the form of inverse Compton radiation.

4. INVERSE COMPTON RADIATION

The relativistic flow in the jet cannot remain force
free after the GW pulse has travelled through the jet
and excited the MHD waves which – by definition –
impose forces and accelerations everywhere on the lo-
cal plasma. As a result the jet is expected to radiate.
For simplicity we assume that the particles are charac-
terized by an outflow of secondary particles at multi-
plicity M and a random motion with Lorentz factor γs

superimposed on a systematic outflow with a similar
Lorentz factor. Of course, there will also be the rem-
nant of the primary beam with Lorentz factor γp but
these particles will not radiate at radio frequencies.
We note however that the secondary particles will (see
Eq. 6 below). Actually, the radiation from the sec-
ondary particles will be partly synchrotron in the mag-
netic field of the MHD waves – largely at frequencies
above the LOFAR band – and partly inverse Comp-
ton radiation. Although the inverse Compton process
is fixed by the frequency of the GW and the Lorentz
factor of the particles – and has therefore the same fre-
quency and in the radio domain all over the jet – this
radiation can only escape sufficiently far out where
the relativistic plasma frequency has fallen below the

frequency of emission ωs > ωp/
√

< γ3 > ≈ ωp/
√

γs

where ωp is the non-relativistic plasma frequency of
secondary particles in the observer frame and the av-
erage is over the energy distribution of the secondary
particles Melrose and Gedalin [1999].

Inverse Compton scattering is a natural radiation
process because the GW – and therefore also the MHD
wave – propagate outwards radially, whereas the wind
is collimated by the background magnetic field and
has an essentially cylindrical geometry. Consequently,
the MHD wave overtakes the wind at an angle, and
in fact the relativistic electrons will see it approaching
almost head-on in their rest frame (Figure 5). In fact,
since we are studying the regime of a strongly magne-
tized tenuous plasma, the MHD wave behaves similar
to a vacuum electromagnetic wave propagating at the
speed of light. We will therefore treat the MHD wave
simply as incident photons with ω = ωmhd = ωgw in a
first estimate.

The frequency of the scattered radiation can most
readily be derived from the resonance condition:

ωmhd − kmhdβ cosαgw = ωs − ksβ cosαs ≃
ωs

2γ2
s

(6)

where the last equality is for the photons scattered in
the forward direction (αs = 0). The frequency of the
scattered radiation as a function of the angle between
the incident MHD wave and the bulk velocity in the
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Figure 5: Inverse Compton process in plasma (left) and
lab (right) frame.

wind is plotted in Figure 6. Already for relatively
small angles αgw does the boosted frequency fall into
the LOFAR regime, which is 10 – 220 MHz.
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Figure 6: Scattering of the radial MHD waves on the
cylindrical flow in the wind (in this illustration the angle
αGW is compressed).

The power density in inverse Compton radiation is
given by Rybicki and Lightman [1979]

Pic ∼ κγ2
s β2σTǫEMne, (7)

where ne is the density of scattering electrons (in fact,
the scattered radiation from the electrons and the
positrons adds constructively). β is the velocity of the
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electrons and γs the corresponding relativistic Lorentz
factor, ǫEM is the energy density in the incident MHD
waves and κ is a geometrical factor of order unity,
which depends on the angular distribution of the in-
cident radiation (κ = 4/3 for an isotropic radiation
field). Note that the Thomson cross-section, σT, is
only a rough estimate for the scattering of a MHD
wave on relativistic charged particles.

The energy density in the MHD mode (with δE2 +
δB2 ≃ 2δB2 ≫ 1

2ρδv2) is Moortgat and Kuijpers
[2004]:

ǫEM =
|δ ~B|2
µ0

=

[
(B0

x)2

2µ0

]
(kmhdz)2h2

+

2γ4
. (8)

For a GW burst of duration ∆t ≤ 0.1 s,
(kmhdzmax)

2h2
+ = ω2h2

+∆t2 = O[1] and the excited
MHD wave amplitudes can be quite significant for a
mildly relativistic wind. Note also that in the analyt-
ical calculations we have assumed a uniform constant
background magnetic field. In the numerical estimates
in the next section, we will take account of the 1/r de-
pendencies in a WKB approach so that the MHD wave
amplitude falls of as 1/r within the interaction region
just like the background field.

4.1. Numerical estimates

Radiation from the entire jet will be emitted as soon
as the GW pulse has passed through and the MHD
waves are excited. The burst of electromagnetic radi-
ation will be compressed to a duration ∆t ≈ L/(c2γ2

s)
as is familiar from GRB models. However, even
though the entire jet is radiating at the same inverse
Compton frequency the jet expands and is therefore
very inhomogeneous. In our estimate of the total
power in inverse Compton radiation we will just ap-
proximate the jet as being built up out of different
parts each of uniform properties and extent equal to
the local scale height L ≈ r.

In the absence of collimation both the electron den-
sity, the backgound magnetic energy density and the
MHD wave field energy density fall off as 1/r2 and the
simple estimate of Eq. 7 integrated over r2dr shows
that the power falls of with 1/r. Radiation in the LO-
FAR radio domain can only escape far away from the
light cylinder where the plasma density has decreased
sufficiently. Note however that a mild collimation of
the jet with B ∝ 1/

√
r so that both ǫEM , ne ∝ 1/r

already leads to the opposite result that the power
increases (∝ r).

When the jet is collimated and using the values in
Table I we find:

P tot
ic ∼ κγ2

s β2σT

∫ 2r

r

ǫEM(Rlc)ne(Rlc)R
2
lc

r2
r2dr

≃ 4 · 1030W

(
r

Rlc

)
, (9)

Parameter Value

B⋆ ∼ 1012 T

Ωb ∼ 103 rad s−1

γp ∼ 107

γs ∼ 102

M ∼ 105

Rlc = c

Ωb
∼ 3 · 105 m

nlc = 2Mǫ0ΩbBlc
e

∼ 3 · 1023 m−3

hin ∼ 10−3

σT ∼ 66.5 · 10−30 m−2

Table I Numerical values in Eq. 9.

Coherent interaction of the GW with the MHD is
only possible as long as their wave number mismatch
is small, (∆k)z ≪ 1, from which we calculated a
maximum interaction length scale of Rmax ∼ 1015 m
in Moortgat and Kuijpers [2003]. Most of the in-
verse Compton radiation will be emitted in this last
L = Rmax with P tot

ic ∼ 1040 W, which is approxi-
mately 10−5 of the power in GW!

For a binary merger close enough for a LIGO detec-
tion, i.e. in the Virgo cluster at D ∼ 1 Gpc, this would
yield a flux on earth of 2 · 106 Jy at 30 MHz assuming
that the signal in reality is not monochromatic, but is
incoherent with a bandwidth of ∆ν ∼ ν = 30 MHz.
The duration of this transient signal is relatively short:
∆t = L/(2γ2

sc) ≈ 3 min, but much longer than the
cosmic ray events that LOFAR will also detect.

5. DISCUSSION

5.1. Propagation effects

Whether this signal is sufficiently strong, depends
on a number of complicating factors. Firstly, the
galaxy is quite bright at these low radio frequencies.
From Cane [1979] we find that at 30 MHz the galac-
tic background brightness temperature is 1.7 · 104 K.
This is, however, still below LOFAR’s antenna tem-
perature of ∼ 2.3 · 104 K at the same frequency and
well below our signal (both are approximately all sky
temperatures and can be therefore be compared di-
rectly Pacholczyk [1970]). The galactic background
temperature drops with frequency and it is even less
of a problem at higher frequencies.

Secondly, dispersion is important at low frequen-
cies. Since the radio signal is propagating through
both interstellar and intergalactic plasma rather that
a vacuum, its dispersion relation becomes frequency
dependent. Radiation at lower frequencies is delayed
with respect to higher frequencies and a single pulse is
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‘smeared out’ over a longer duration and with a cor-
respondingly lower signal strength. This differential
delay depends on the electron density, ne, integrated
along the line of sight to a distance D, e.g. the elec-
tron column density or dispersion measure dm in pc
m−3, so that the frequencies in Eq. 11 are in MHz
(and consequently also the differential dispersion is in
s MHz−1).

dt

dν
∼ −8 · 10−3dm

ν3
, (10)

dm =

∫ D

0

nedl, (11)

When looking at a neutron star binary merger the
signal is dispersed both by the host galaxy and by
the intergalactic medium. Since these binaries close
to a merger are very old systems that have received
a randomly oriented kick during the birth of each
neutron star, we expect them to lie relatively high
above the galactic plane where the galactic dispersion
is low. The dominant dispersion then occurs during
intergalactic propagation and results in a dispersion
measure of dm∼ 107 pc m−3 for a source at a distance
of 100 Mpc and an upper limit for the unknown inter-
galactic electron density of ne ∼ 0.1 m−3. In terms of
delays this means

dt
dν ∼ −3 s MHz−1 @ ν = 30 MHz,

∼ −0.08 s MHz−1 @ ν = 100 MHz.
(12)

For comparison: the dispersion measure in a typical
galactic medium with ne ∼ 3 ·104 m−3 over a distance
of D ∼ 3.5 · 103 pc is dm = 108 pc m−3, so if the
merger occurs deeper inside the host galaxy, or the
line of sight crosses our own galaxy close to the disc
the dispersion is an order of magnitude larger.

The effect of the dispersion on the signal will be
to smear out the pulse within the observing band of 4
MHz over say a minute. As a result the signal to noise
will go down with the inverse square root of the in-
crease in duration, but in view of the above estimates
well within the sensitivity of LOFAR.

5.2. Coherent radiation

Here we mention the posibility of coherent radio
emission from the jet. Once the fast mode MHD waves
travel away from the jet axis into weaker magnetic
fields their amplitude relative to the ambient magnetic
field increases and may lead to the effective formation
of a large amplitude wiggler or undulator. Just as in
the Free Electron Laser the fast particle beam of sec-
ondary particles emits coherent radiation, again at the
frequency determined by Eq. 6 but with an increased
intensity (see Fung and Kuijpers [2004]).

6. CONCLUSION

We have shown that the pulse of GWs which is ex-
cited in a merger sets up a pulse of fast mode outgoing
MHD waves of the same frequency in the pre-existing
jet structure of the binary. The interaction between
fast (secondary) particles and these MHD waves cre-
ates radio emission by the inverse Compton process
which is expected to be observable with LOFAR. The
radio emission pulse comes from the outer regions of
the jet and is expected to be smeared out to longer du-
ration by intergalactic dispersion but still detectable
with LOFAR. The inverse Compton signal can serve
as an indirect detection of GWs and be distinguished
from other, more conventional radio emission from the
merger, by its low frequency imprint. The best strat-
egy to look out for these signals will be in GRBs and
future observations of GW detectors such as LIGO.
The coupling between GWs and MHD waves there-
fore offers in principle an important new and indirect
complementary detection technique of GWs.
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Looking for Signs of Anisotropic Cosmological Expansion in the

High-z Supernova Data

Brett Bochner

Hofstra University, Hempstead, NY 11549, USA

Several problematical epochs in cosmology, including the recent period of structure formation (and acceleration),
require us to understand cosmic evolution during times when the basis of FRW expansion, the cosmological
principle, does not completely hold true. We consider that the breakdown of isotropy and homogeneity at
such times may be an important key towards understanding cosmic evolution. To study this, we examine
fluctuations in the high-z supernova data to search for signs of large-scale anisotropy in the Hubble expansion.
Using a cosmological-model-independent statistical analysis, we find mild evidence of real anisotropy in various
circumstances. We consider the significance of these results, and the importance of further searches for violations
of the cosmological principle.

1. Introduction and Research Rationale

After a wave of successes in recent years, cosmol-
ogy today is facing a series of potentially major turn-
ing points. The accepted standard model of the field,
the concordance model [1], is a patchwork of detailed
and observationally proven theories, interlaced with
paradigms that are equally well accepted, though less
well proven and far less detailed in terms of precise
physical models. In the near future, new data will
either bring these paradigms dramatically into focus,
or will force great changes into the tightly interwoven
concordance model.

Besides the unsolved problem of baryogenesis, the
two most problematical epochs in cosmology both
involve similar circumstances: they seek to under-
stand the Friedmann-Robertson-Walker (FRW) ex-
pansion of the universe during phases in which the
fundamental conceptual basis of FRW expansion, the
Cosmological Principle (i.e., isotropy and homogene-
ity) [2], does not completely hold true. The early
such epoch (the pre-homogenization period) is usu-
ally handled with the Inflation paradigm [2], and
the late such epoch (post-CMB formation of large
scale structure) is currently addressed with paradigms
such as Vacuum Energy [2], Quintessence [3] (e.g.,
Tracker Quintessence [4]), etc. Correct or not, these
paradigms are not yet well constrained or proven in
detail; and we take the position that it is no coin-
cidence that the two least well understood epochs in
cosmology happen to occur at times in which the Cos-
mological Principle loses its validity.

Demonstrating any direct theoretical link between
the violation of isotropy and homogeneity, and solu-
tions to specific cosmological problems, is beyond the
scope of this current analysis; nor do we include here
any investigation of the pre-homogenization period in
the very early universe. What we focus upon here is
the late epoch during which the CMB-era smoothness
finally breaks down into clumpy structure. We seek
to determine how seriously the Cosmological Princi-
ple is broken in the recent universe, and the tool we

use for this purpose is the collection of high-redshift
Type Ia supernova data used for measuring the cosmic
acceleration (e.g., [5]), representing perhaps the best
mapping of the expansion flow on very large scales.
Measuring the extent of any irregularity in the smooth
Hubble expansion would be a key step towards deter-
mining its significance (if any) in our understanding
of cosmological concordance.

Theoretically, there remains room for new physics,
since post-CMB evolution and the formation of large
scale structure is by no means a “solved problem”.
Despite the strengths of linear gravitational collapse
models in a Cold Dark Matter/Dark Energy (ΛCDM)
universe [6], there remain many loose ends, such as:
the cuspy CDM halo problem, and the possible dearth
of identifiable satellite-galaxy-sized structures in the
local universe [7]; the overabundance of high-z clus-
ters predicted by low-density ΛCDM models, implying
actual values of ΩM higher than those in the con-
cordance model [8, 9]; the unexpected existence of
very massive galaxies at high-z [10]; the troubling,
persistent tendency of Type Ia SNe data to indicate
best-fit values of Ωtot > 1 [11] and/or (for Dark En-
ergy) w < −1; the unknown behavior and composi-
tion of the Dark Energy itself (not to mention the
Dark Matter) [12]; the possibility of non-Gaussian
and hemisphere-asymmetric behavior in the WMAP
data [13]; and the question of what is causing the lack
of low-order multipole power in the CMB, as well as
its rolling spectral index of fluctuations [6].

Searching for meaningful anisotropy in the cos-
mic expansion is not without empirical justification.
Well documented are the large discrepancies that have
been historically found between different measure-
ments of the Hubble Constant, yielding a broad and
non-Gaussian distribution of results [14]; and though
the error bars on H0 have been greatly reduced over
the years, even results quoted as demonstrating con-
cordance (e.g., the agreement between values for H0

found by WMAP and by the Hubble Key Project [6]),
remain tempered by the fact that different types of H0

measurements (e.g., combining S-Z effect and cluster
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X-ray flux measurements) still give somewhat discor-
dant values [6]. In addition, in the high-z supernova
data used to prove cosmic acceleration, though the ac-
celerating trend is statistically strong [5], there remain
enormous fluctuations for the individual SNe scattered
about that trend (to be shown below). While the bulk
of such discrepancies are doubtless due to a number
of factors unrelated to the expansion itself – e.g., sys-
tematic errors (theoretical and observational), poorly-
understood physical processes causing variations in
SN luminosity [15], measurement difficulties leading
to very large statistical errors, scarcity of data, etc.
– it remains possible that at least some of this SN
scatter (and some of the disagreement between dif-
ferent H0 measurements) represents real physics, and
appears due to unknown dependencies of the expan-
sion rate on angular position in the sky, which has
been virtually ignored up to now by cosmological re-
search because of the assumption of isotropy.

Despite the broad assumption (and validity) of the
Cosmological Principle in general, we are not the
first to explore the possibility of meaningful cosmic
anisotropy on the largest observable scales. Zehavi
et al. [16] searched the early high-z supernova data
(with marginal, positive results) for possible evidence
that we might live in a local “bubble” of faster Hubble
flow within a shell bounded by the local Great Walls.
Alternatively, a detailed examination of the question
by Lahav [17] led to some evidence of overall homo-
geneity, such as: agreement in shape and amplitude
(except at the largest scales) between the 2dFGRS
spectrum and a ΛCDM linear-regime perturbations
model [18]; the near-convergence between the CMB
dipole and the IRAS galaxy clustering dipole [17, 19];
some evidence (though conflicting) of an isotropic
distribution of very distant radio sources; an upper
limit (produced using substantial theoretical interpre-
tation) on anisotopy of sources contributing to the
X-ray background; the apparent absence of big voids
in the Lyman-a forest (covering 1.8 < z < 4, roughly);
and, anisotropy constraints by Kolatt and Lahav [20]
from Type Ia SNe. (Somewhat curious is this last re-
sult, in which Kolatt and Lahav interpret a mild rejec-
tion of isotropy at the ∼ 70% − 80% confidence level
as evidence for FRW behavior at these scales.) In
short, there are a number of lines of evidence pointing
towards isotropy and homogeneity on very large (sub-
CMB) scales, though none of them are completely con-
vincing at this time. The strongest reason for believ-
ing in extended FRW behavior long after the CMB
epoch is still mainly a drive for concordance – a the-
oretical motivation, not empirical proof.

Direct probes of cosmic structure made by mapping
the universe still remain inconclusive in demonstrat-
ing large-scale homogeneity. Despite perennial expec-
tations of reaching scales large enough for which struc-
ture finally gives way to smoothness, evidence contin-
ues to be found for apparently real structure at ever-

increasing scales. Examples include: the large “Lo-
cal Hole”, a significant deficit of galaxies in the APM
survey area, re-verified with 2MASS data, and imply-
ing possible non-Gaussian clustering on scales up to
∼ 300h−1 Mpc [21]; ∼ 200 − 300 Mpc sized structure
detected in the 2dF QSO redshift survey [22]; and the
SDSS detection of the gigantic “Sloan Great Wall”, a
structure 80% larger than the CfA Great Wall (450
Mpc wide) in comoving coordinates [23].

The implications of such results are debated:
Mueller and Maulbetsch [24] claim that in contrast to
other, earlier results, the supercluster and void struc-
ture in the SDDS data is well reproduced by high-
resolution ΛCDM simulations; Miller et al. [22] demon-
strate (using a model requiring some bias of QSO
distribution with respect to the Dark Matter distri-
bution) that their 2dF QSO detection of very large
structure does not provide any evidence of collapsed,
non-linear structures on scales larger than 100 Mpc;
and Gott et al. [23] claim (counterintuitively, it may
seem) that the detection of the unprecedentedly large
Sloan Great Wall provides support for the expected
approach to large-scale homogeneity (based upon an a
posteriori argument that the size of Sloan Great Wall,
despite being much larger than any previously known
“single” structure, was not the largest possible struc-
ture that could have fit in the SDSS survey). Never-
theless, the overall lesson still remains: the transition
from CMB-era smoothness to the recent, clumpy uni-
verse is still very poorly understood, and the potential
importance of anisotropy and inhomogeneity in the
“Dark-Energy-dominated” epoch of cosmic evolution
continues to be an open question.

The immediate impetus for this analysis is the pub-
lication of a combined, standardized list of 230 Type
Ia Supernovae [25], containing extinction, redshift, lu-
minosity distance and angular sky position data. Sim-
ilarly to Kolatt and Lahav [20], we search the SN data
for statistical evidence of a lack of uniformity in the
Hubble flow. What is different, however, is that we do
not interpret our results according to any particular
cosmological model. While they express their results
in terms of variations in H0, ΩM, etc., we instead
ask a bare statistical question: “Have some regions
of the universe been expanding faster than others?”,
once the Hubble evolution with respect to z is (em-
pirically) removed. This has two advantages: it keeps
our analysis much more independent of theoretical as-
sumptions; and we avoid the problem of having to di-
lute data from a limited, noisy sample by dividing the
statistical power of the results among 4 four different
model parameters.

One other aspect of our analysis is that we sepa-
rately consider SNe at “intermediate-z” (.01 < z <∼
.1 − .2), vs. “high-z” (z >∼ .1 − .2). We use different
types of analyses because the former is distributed
more evenly, giving better sky coverage; though the
latter is of more interest here, since the higher-z
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SNe occupy more cosmologically-significant volumes
of space, and correspond to look-back times closer to
the onset of Hubble-flow acceleration.

Finally, we note that this conference proceedings
paper is just a general overview of our results; we plan
to present a more detailed discussion of our statistical
methods and results in a future journal article.

2. Preparation of Data for Analysis

The data analyzed here is taken from the work
of Tonry et al. [25], a compilation of Type Ia SN
data from many sources, including the High-z Super-
nova Search Team (HZT), the Supernova Cosmology
Project (SCP), and other researchers throughout the
years. The total sample includes 230 SNe, presented
in as uniform a fashion as possible, with a common
calibration.

For most of our cosmological analysis, we apply the
same data cuts as in [25]: we remove all SNe with
z < 0.01 (to minimize scatter from non-Hubble-flow
peculiar motions), and we remove SNe known to be
heavily extinguished (i.e., AV < 0.5 mag, for SNe

with listed AV values). These cuts reduce the sample
set from 230 to 172, but successfully eliminate many
dramatic (and likely spurious) outliers from the cos-
mic expansion rate fits. Later, we will divide the data
into groups of “mid-z” and “high-z” SNe; but for now
we consider the entire sample.

The distance modulus (in Mpc) for each supernova
is given as [26]:

(m−M) = 25+5 log(dL) = 25+5 log(dLH0)−5 log(H0) ,
(1)

where dL is the supernova’s luminosity distance, and
lists of log(dLH0) for all SNe are given in [25].

The theoretical luminosity distance in an empty or
coasting (i.e., q0 = 0) universe would be [26]:

DL =
cz

H0

(1 +
z

2
) , (2)

with an expression similar to Eq. 1 for calculating the
theoretical distance modulus, (m − M)coasting. Any
cosmic acceleration or deceleration is then found by
computing the residuals, as follows (for the ith SN):

∆(m − M)i ≡ ∆i = [(m − M) − (m − M)coasting]i = 5 [log(dLH0) − log(cz) − log(1 +
z

2
)]i . (3)

In most analyses, these ∆i’s would then be used to
find a best-fit cosmological model to be interpreted in
terms of Ωm, ΩΛ, etc. But what we are interested in
here is not finding best-fit model parameters, but in
studying the scatter of the data around the average
cosmological expansion (whatever that is, assuming
it to be well defined), for potential signs of cosmic
anisotropy and inhomogeneity. To do this in a purely
statistical, model-independent way, we perform a very
simple fit to the data, and then subtract this fit, f(z),
from the ∆i’s to compute the “modified residuals”:

δ(m − M)i ≡ δi = [∆(m − M) − f(z)]i . (4)

These δi’s are reasonably independent of z, and can
thus be used for SN statistical analysis.

A polynomial fit to the δi for the 172 SNe is
shown in Figure 1, with a best-fit function of f(z) =
(0.586 z − 0.547 z2). The essential physics is fairly
well modeled (for this limited range of z ) with just a
2nd-order polynomial, showing both the current cos-
mic acceleration and the earlier deceleration. This fit
yields a χ2 of 230; a little bit high, but good enough for
our purposes. The cosmological fits in [25] do some-
what better, but they achieve that partially by arti-
ficially enlarging the error bars (which are somewhat
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Figure 1: Residuals of ∆(m − M) for Supernovae, plot
vs. best-fit 2nd-order polynomial, y = 0.547z2 + 0.586z.

heuristically generated in the first place) to include
a velocity uncertainty (or dispersion) of 500 km/sec.
We do not do this here, since such a procedure actu-
ally obscures the effect which we are trying to study
(i.e., their “noise” is our data).

For any fit with a reasonable number of parameters,
however, the SNe will always have tremendous scatter
about the best-fit trendline. In this case, the index of
fit [27] R is only 0.32, indicating that ∼70% of the
variation in the data, roughly speaking, has nothing
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Figure 2: Modified residuals, δ(m − M), from Fig. 1 fit.

to do with this (or any similar) fit. Tonry et al. [25]
note the extreme noisiness of this data, and deal with
it by binning the SNe, and taking medians over each
redshift bin. While this may be useful for the analysis
of cosmological models, it once again is a procedure
which masks the physics that we wish to study here.

A plot of our fit-removed δi’s is shown in Fig. 2, de-
picting a similar-looking (though now visibly random)
scatter. This is the main data that we analyze in this
paper.

3. Presentation of Results

Here we give a brief overview of some results of our
Supernova analysis.

First, considering the “mid-z” (i.e., .01 < z <∼
.1 − .2) SNe data, we divide the SNe into 3 groups,
depending upon their δi values: “high”, “mid”, or
“low”. A plot of these data on the sky is shown in
Fig. 3; and a modal analysis (using Spherical Har-
monic modes) is depicted in Fig. 4, shown along with
the modal decompositions of 300 randomly simulated
skies, for comparison.

Some significant results here: the possible detec-
tion of a moderate dipole (larger than 80% of simu-
lated skies); no evidence of a significant quadrupole
mode (smaller than ∼ 70% of simulated skies); and
the possible detection of one or two especially large
anisotropy modes, particularly the Y33 mode (cosine
phase). The structure of this specific mode is demon-
strated in Fig. 5; and future analysis with more data
will be crucial in determining whether this is a real
sign of anisotropy in the cosmic expansion, or merely
a random event from the decomposition of this data
set into a large number of modes.

In an attempt to interpret the dipole mode present
in the data (if it is real), Figure 6 compares the di-
rection of this dipole with a variety of other known,
cosmologically-significant dipoles or significant di-
rections – such as the CMB Dipole, and dipole
hotspots/coldspots from 2Mass, IRAS, Local Group
velocity, etc.; and the Milky Way center, the Great
Wall, the Great Attractor, the Perseus-Pisces Su-
percluster, the Supergalactic Plane, etc. Simple in-
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Figure 3: Hammer-Aitoff plot of δ(m − M) for SNe at
.01 < z < .2 (with bubble size ∝ z), color-coded
depending upon δ (blue for low values, yellow for
medium values, red/pink for high values).
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Figure 4: Spherical harmonic modal decomposition of
δ(m − M) for .01 < z < .2 SNe (pink), vs. modal
decompositions for 300 simulated random skies (blue).

spection does not indicate any clear, obvious align-
ment of the dipole we have derived from the SN data
with any of these other dipoles, though it is possi-
ble that the Supergalactic Plane does run through
the hot/coldspots of this apparent SN dipole. In any
case, future supernova data should more precisely de-
termine the direction and magnitude of the SN dipole
(if it exists), and determine whether or not there is
any real correlation with other cosmic dipoles.

Now we consider the “high-z” (i.e., z > .1) SNe
data, again dividing it up into three groups, with
“high”, “mid”, and “low” δi values. A plot of these
data on the sky is shown in Fig. 7, with the sky
roughly divided into 4 quadrants, for statistical com-

Figure 5: Single largest mode from the decomposition in
Fig. 4, Y33Cosine (real mode, cosine phase).

1301

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



��� �

���

Figure 6: Comparison of dipole direction from the
decomposition in Figs. 3 & 4, vs. various galactic,
intergalactic, and cosmological dipoles.

�
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Figure 7: Hammer-Aitoff plot of δ(m − M) for SNe at
z > .1 (with bubble size ∝ z), color-coded depending
upon δ (blue for low values, yellow for medium values,
red/pink for high values). Data partitioned into 4 regions
reflecting groupings in space and z.

parison. (The kind of modal analysis done earlier for
the intermediate-z SN data is not as appropriate here,
due to the lack of any real “all-sky coverage” by the
data.)

Statistical tests (t-tests [27]) between the upper-
left and lower-right quadrants (the quadrants with the
most and highest-z SN data) show mild, positive ev-
idence of an asymmetry between the quadrants, with
an effective statistical significance of ∼ 1 − 1.8σ (de-
pending upon the specific data cuts used).

Lastly, as is shown in Fig. 8, we re-partition the SNe
data into smaller, more specific groupings (partition-
ing done somewhat arbitrarily, but with the partitions
being made as similar as is feasible in sky area). In
this case, statistical tests (ANOVA tests [27]) again
indicate mildly positive results (∼ 1 − 2σ, depend-
ing upon the specific data cuts) for real differences
between the δi values – and thus the expansion rate
histories – for SNe in different parts of the sky.
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�

��
��
�

��

�����
�.�
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Figure 8: Same data as in Fig. 8, re-partitioned into
more smaller, more numerous groupings.

4. Conclusions

We summarize these overall results as follows:

1. Given that Friedmann Robertson-Walker Cos-
mological Expansion depends upon the Cosmological
Principle (Isotropy and Homogeneity), and that these
assumptions break down in the recent universe (the
Structure Forming and Accelerating Epoch), it is im-
portant to test the extent of this breakdown.

2. High-z Supernovae are likely the best probes
for these tests, as long as angular information is con-
sidered and analyzed, not just sky-position-averaged
behavior as a function of z.

3. For SNe at .01 < z < .2, we find some evidence
of a dipole (which the Supergalactic Plane may be
passing through), as well as a largest (real Spherical
Harmonic) Anisotropy mode of Y33Cosine. But both
findings are difficult to quantify in terms of statistical
significance.

4. For SNe at z >∼ .2, we find some mild pos-
itive evidence for a “Dipole-like” Expansion Rate
Anisotropy in opposite regions of the sky; and similar
evidence for anistropies between smaller subdivided
regions of the sky. But large gaps in sky coverage
make these results hard to evaluate conclusively.

5. As more and better Supernova data are obtained
(especially more all-sky coverage), we will be able to
place more significant statistical limits on these po-
tential anisotropies in the cosmological expansion.
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Estimate of the CMB Fluctuation Amplitude from Dark Energy De-
coherence 

James Lindesay and H. Pierre Noyes  
SLAC, Stanford, CA 94025, USA 

Homogeneity and correlations in the observed CMB are indicative of some form of cosmological coherence in earlier times. 
Cosmological dark energy de-coherence is assumed to occur when the rate of expansion of the microscopically relevant 
cosmological scale parameter in the Friedmann-Lemaitre equations at early times is no longer supra-luminal. This choice of the 
scale parameter in the FL equations directly relates the scale of dark energy de-coherence to the De Sitter scale (associated with 
the positive cosmological constant) at late times.  It is shown that  the class of dynamical models so defined necessarily 
requires a spatially flat cosmology in order to be consistent with  observed structure formation. Prior to de-coherence, the 
coherence which preserves the uniform density needed to make the FL dynamical equations meaningful must be maintained by 
supra-luminal (cosmological) correlations and not by the luminal or sub-luminal microscopic exchanges available after de-
coherence.   The basic assumption is that the dark energy density which is fixed during de-coherence is to be identified with the 
cosmological constant. This approach makes no assumption about the constancy of dark energy density outside of the finite 
time interval when the expansion rate is not supra-luminal. It is shown for the entire class of models that the expected 
amplitude of fluctuations driven by the dark energy de-coherence process is of the order needed to evolve into the fluctuations 
observed in cosmic microwave background radiation and galactic clustering. 

 
 

1. INTRODUCTION AND GENERAL 
APPROACH 

The luminosities of distant Type Ia supernovae and 
analysis of the CMB radiation show that the rate of 
expansion of the universe has been accelerating for several 
giga-years, in quantitative agreement with a (positive) 
cosmological constant fit to the data. When the dynamics 
of the cosmology is made consistent with cosmological 
scales so defined, it is expected that the usual microscopic 
interactions of relativistic quantum mechanics (QED, 
QCD, etc) cannot contribute to cosmological 
(gravitational) equilibrations when the relevant FRW scale 

expansion rate is supra-luminal, cR >& . The cosmological 
dark energy density is expected to decouple from the 
energy density in the Friedmann-Lemaitre(FL) equations 
when the FRW scale expansion is no longer supra-luminal, 
at which time the microscopic interactions open new 
degrees of freedom. The general approach used here is to 
start from well understood macrophysics, assume that the 
physics of de-coherence defines a cosmological scale 
parameter, and end the  examination of the backward 
extrapolation of  cosmological physics at the time when 
the rate of expansion of that scale parameter is the velocity 
of light.  The process that takes the cosmology from the 
very early universe (i.e. prior to de-coherence) through this 
boundary will be called gravitational dark energy de-
coherence.   An understanding of the physics of de-
coherence allows one to use the known value of the 
cosmological constant (dark energy) to determine the 
behavior of the scale parameter during early times. 

 

2. COSMOLOGICAL EVOLUTION 

2.1. The Friedmann-Lemaitre Equations 

Global gravitational coherence prior to de-coherence 
(i.e. the assumption that the FL equations still apply in the 
very early universe) solves the horizon problem because 
the gravitational correlations implied by the FL equations 
are supra-luminal; it is hypothesized that the same will be 
true of any type of dark energy to be considered. Prior to 

the de-coherence scale condition cRDC =& , gravitational 

influences on scales R>RDC must propagate (at least) at the 
rate of the gravitational scale expansion, and microscopic 
interactions (which are assumed to propagate no faster 
than c) cannot contribute to cosmological scale 
equilibrations.  If the expansion rate is supra-luminal 

cR >& , scattering states cannot form decomposed (de-
coherent) clusters on cosmological scales.   

The Friedmann-Lemaitre(FL) equations are assumed 
valid during de-coherence.  
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where H(t) is the Hubble expansion rate, the dark energy 
density is given by ρΛ, ρ represents the FL matter-energy 
density, and P is the pressure. The term which involves the 
spatial curvature k has explicit scale dependence on the 
FRW parameter R. The dark energy density is assumed to 
make a negligible contribution to the FL expansion during 
de-coherence, but will become significant as the FL 
energy density decreases due to the expansion of the 
universe. 
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2.2. Single Parameter for De-coherence 

The energy density during dark energy de-coherence ρDC  
satisfies 
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Assuming that the relevant scale RDC describes the evolution 
of the cosmology, a so called “open” universe k=-1 is 
excluded from undergoing this transition, since the positive 
dark energy density term ρΛ already excludes a solution with 

cR ≤& . For a “closed” universe that is initially radiation 
dominated, the scale factors corresponding to de-coherence 

cRDC =&  and maximal expansion 0max =R&  can be directly 

compared: 
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Since the relevant scale has a value RDC early enough for the 
observed structure of the CMB at last scattering (and the 
subsequent galactic clustering now observed) to develop, a 
“closed” (k=+1) universe must be ruled out. It follows that 
this de-coherence scenario necessarily requires a spatially flat 
cosmology in order to be consistent with structure formation. 

Setting the expansion rate to c in the Lemaitre equation 
with k=0 defines the energy density during de-coherence ρDC  
as 
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in terms of the single parameter RDC. 
As is often assumed, if the cosmology remains radiation 

dominated in the standard way down to t=0, then the scale 

parameter satisfies 
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= . The assumption of radiation 

dominance during de-coherence corresponds to a thermal 
temperature of 
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where g(TDC) counts the number of degrees of freedom 
associated with particles of mass mc2 << kB TDC, and  MP is 
the Planck mass. 

Using the FL densities at radiation-matter (dust) equality 
ρM(zeq)= ρrad(zeq) one can extrapolate back to the de-
coherence period. Ignoring threshold effects (which give 
small corrections near particle thresholds while they are non-
relativistic), this gives 
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Here, ΩMo is the present normalized non-relativistic mass 
density. The scale parameter at the present time is then 
expressed in terms of this redshift using the usual definition 

( ) DCDCo RzR += 1 . 

The evolution of the cosmology during the period for which 
the dark energy density is de-coupled from the FL energy 
density is modeled using the FL equations.  There is a period 
of deceleration, followed by acceleration towards a De Sitter 
expansion. The rate of scale parameter expansion is sub-
luminal during a finite period of this evolution, as shown in 
the following figures.  

 

 
 

 
 

The particular value for the scale at de-coherence is 
determined by the microscopic makeup of the dark energy. 
Present time corresponds to the origin on both graphs. The 
value of the expansion rate is c for R=RDC, as well as when 
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2.3. Estimate of CMB Fluctuations 

Adiabatic perturbations (those that fractionally perturb 
the number densities of photons and matter equally) grow 
according to 
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An estimation of the scale of fluctuations at last scattering 
is given by 
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As will be shortly justified, the energy available for 
fluctuations in the two point correlation function during 
dark energy de-coherence is expected to be given by the 
cosmological dark energy.  This means that the amplitude 
of relative fluctuations δρ/ρ is expected to be of the order  
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Using the previous equations, this amplitude at last 
scattering is given by  
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where a spatially flat cosmology has been assumed. This 
estimate is independent of the scale parameter during de-
coherence RDC, and is of the order observed for the 
fluctuations in the CMB. Fluctuations in the CMB at last 
scattering of this order are consistent with the currently 
observed clustering of galaxies. 

2.4. De-coherence during Matter/Plasma 
Domination 

The previous results have demonstrated NO dependency 
on the energy density during the transition period if de-
coherence occurs during radiation domination.  For 

completeness, the amplitude of expected fluctuations if the 
phase transition occurs during the matter/dust/plasma 
dominated era is next examined.  The acoustic wave has 
coherent phase information that is transmitted to the CMB 
at last scattering.  There must have been a significant 
enough passage of time from the creation of the acoustic 
wave to the time of last scattering such that peaks and 
troughs of the various modes should be present  δ t > 
Ds/vs, where Ds is the distance scale of the longest 
wavelength (sound horizon), and vs ~ c/√3 is the speed of 
the acoustic wave. 

Generally, if the phase transition occurs while the 
energy density is dominated by dust/plasma, prior to last 
scattering then the amplitude satisfies 
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which varies from 2 x 10-5 if the phase transition occurs at 
radiation dust equality, to 4 x 10-5 if it occurs at last 
scattering. 

 

3. STATISTICAL DARK ENERGY DE-
COHERENCE 

One type of physical system for which vacuum energy 
density directly manifests is the set that exhibit the 
Casimir effect.  Lifshitz and his collaborators 
demonstrated that the Casimir force can be thought of as 
the superposition of the van der Waals attractions between 
individual molecules that make up the attracting media 
resulting from the zero-point motions of the sources.  
Since these motions are inherently a quantum effect for 
systems which manifest vacuum energy, one expects 
space-like correlations consistent with a quantum 
phenomenon. 

A weakly interacting sea of the quantum fluctuations 
due to zero point motions should establish statistical 
variations in this ``dark energy" density during de-
coherence.  One should be able to use simple counting 
arguments to quantify these variations.  Consider a 
partitioning of the system as demonstrated in the figure. 

If the zero-point motions of the sources have a statistical 
weight Ω(EA) associated with a partition A having energy 
EA while holding total energy fixed, then the probability of 
such a partitioning is given by 
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where A  represents all external to the A partition.  
Requiring then that the most likely configuration of 

energy partitions results when (the log of) this probability 
is maximized, this distribution gives a uniform dark 

energy distribution (
AA EE ΛΛ = ) if the dark energy EΛ is 

given by 
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Here EΛ is an intensive energy associated with the 
statistical bath and boundary conditions. This result is of 
course analogous to the zeroth law of thermodynamics.  

If one next examines a “small” partition A for which the 
reservoir  has energy Etot-EA, one can examine the (log of 
the) lowest order partitioning of energy from the reservoir  
to the partition A to show 
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thus defining a probability distribution 
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For such an ensemble, one can immediately show that 
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A typical equation of state will connect the extensive 
variable <E> to a dimensionless extensive variable that 
counts the available degrees of freedom NDoF. On 
dimensional grounds, the terms in a typical equation of 
state which depend on EΛ should take the general form 
E=NDoF (EΛ)

a / εa-1, where ε is a system dependent constant 
with dimensions of energy.  The expected fluctuations are 
then given by 
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In terms of the densities, one can directly write  
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This means that the amplitude of relative fluctuations δρ/ρ 
is expected to be of the order  
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4. AN EXAMPLE:  COLD DARK BOSONIC 
MATTER 

As an example of such a phase transition, consider cold 
dark bosonic matter made up of particles of mass m. For 
non-relativistic bosonic dark matter, the relationship 

between number density and critical density for a free bose 
gas is given by 

( ) .2
)2(

)2/3()2/3( 2/3

32 critBTmk
V

N

hπ
ζ Γ=  

 
Since the dynamics is assumed non-relativistic,  

2mc
V

N
m ≅ρ , giving the following requirement for a 

macroscopic quantum system made up of Bose condensed 
cold dark matter: 
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In order for the macroscopic space-like quantum 
coherent state to persist, the ambient temperature must be 
less than this critical temperature.  If the phase transition 
occurs while the dark matter is cold (i.e. non-relativistic), 
its density can be assumed to depend on the redshift by 

3)1( zmom += ρρ .  The temperature of the photon gas 

is expected to likewise scale with the redshift when 
appropriate pair creation threshold affects are properly 
incorporated. Substitution into the critical equation gives 

.GeV102.1
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where g(z) counts the number of low mass degrees of 
freedom available at redshift z.  If the transition occurs at 
last scattering, this mass must be as low as 0.8 eV. 
 

5. CONCLUSION 

When global gravitational coherence of the dark energy 
is lost, only local coherence of microscopic degrees of 
freedom within independent clusters is expected to remain, 
and the dark energy scale coherence with the clusters is 
lost as the new degrees of freedom become available.  The 
effect of dark energy density at de-coherence is ``frozen 
out" as a positive cosmological constant. The predicted 
order of magnitude for the amplitude of CMB fluctuations 
has been shown to be independent of this scale (and by 
inference, independent of the energy density) at de-
coherence.  The dark energy de-coherence hypothesis 
defines a class of cosmological models all of which give 
an amplitude of density fluctuations in the CMB expected 
to be of the order 10-5. 
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Cosmological Perturbations in Generalized Gravity Theories Including
Tachyon

Hyerim Noh
Korea Astronomy and Space Science Institute, Korea

The cosmological perturbation theory including tachyonic condensation was presented. Both of the scalar- and
the tensor-type perturbations were considered. The power spectra based on the slow-roll inflations were derived.

1. INTRODUCTION

Cosmological perturbation theory [1] is important
to investigate the large-scale structures in the universe
and the cosmic microwave background radiation. Al-
though Einstein’s gravity theory has been succesful
to study the perturbations using the various fluids
and fields as the energy-momentum content, the rela-
tivistic gravity theories more general than Einstein’s
gravity are needed. These include variants of Ein-
stein’s gravity and more generalized forms with nat-
ural correction terms which appear in the quantum
corrections or in the attempt of unified theories like
string/M-theory program. Here we present the gener-
alized forms of gravity theories expressed as actions in
eqs. (20,31,45). The classical evolution and quantum
generation processes are shown in unified forms.

We set c ≡ 1 ≡ h̄.

2. EQUATION

We consider the Robertson-Walker spacetime with
the metric

ds2 = − (1 + 2α) dt2 − 2aβ,αdtdxα

+a2
(

g
(3)

αβ + 2ϕg
(3)

αβ + 2γ,α|β + 2Cαβ

)

dxαdxβ ,(1)

where a(t) is the cosmic scale factor and dt ≡ adη. α,
β, γ and ϕ are scalar-type perturbed order variables
and Cαβ is a (transverse-tracefree) tensor-type vari-

able. Cαβ is based on g
(3)

αβ and a vertical bar indicates

a covariant derivative based on g
(3)

αβ . We introduce

χ ≡ a (β + aγ̇) which is spatially gauge-invariant com-
bination. The vector-type perturbation is neglected.

The energy-momentum tensors considering an im-
perfect fluid form are

T 0
0 = − (µ̄ + δµ) , T 0

α = −
1

k
(µ + p) v,α,

Tα
β = (p̄ + δp) δα

β + Πα
β , (2)

where Πα
β is a tracefree anisotropic stress; Πα

β is based

on g
(3)

αβ . An overbar indicates the background order
quantities. The entropic perturbation e is defined as

e ≡ δp − c2
sδµ, c2

s ≡ ṗ/µ̇. (3)

The anisotropic stress is decomposed as

Παβ ≡
1

a2

(

Π,α|β −
1

3
g
(3)

αβ∆Π

)

+ Π
(t)

αβ . (4)

The background evolution equations are

H2 =
8πG

3
µ −

K

a2
, Ḣ = −4πG (µ + p) +

K

a2
(5)

Using Einstein’s equations and the energy and mo-
mentum conservation equations we derive following
scalar-type perturbation equations [2, 3]

κ ≡ 3 (−ϕ̇ + Hα) +
k2

a2
χ, (6)

−
k2 − 3K

a2
ϕ + Hκ = −4πGδµ, (7)

κ −
k2 − 3K

a2
χ = 12πG

a

k
(µ + p)v, (8)

χ̇ + Hχ − α − ϕ = 8πGΠ, (9)

κ̇ + 2Hκ +

(

3Ḣ −
k2

a2

)

α,

= 4πG (δµ + 3δp) , (10)

δµ̇ + 3H (δµ + δp) ,

= (µ + p) (κ − 3Hα −
k

a
v), (11)

[

a4(µ + p)v
]

·

a4(µ + p)
=

k

a
(α +

δp

µ + p

−
2

3

k2 − 3K

a2

Π

µ + p
). (12)

The gravitational wave evolution is given as

C̈α
β + 3HĊα

β +
k2 + 2K

a2
Cα

β = 8πGΠ
(t)α

β . (13)

2.1. Fluid

Using the Field-Shepley combination [5]

Φ ≡ ϕv −
K/a2

4πG(µ + p)
ϕχ, (14)
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we derive [6]

Φ̇ = −
H

4πG(µ + p)

c2
sk

2

a2
ϕχ

−
H

µ + p

(

e −
2

3

k2

a2
Π

)

, (15)

H

a

( a

H
ϕχ

)

·

=
4πG(µ + p)

H
Φ − 8πGHΠ. (16)

Combining eqs. (15,16) we derive the closed form
second-order differential equations for both Φ and ϕχ

H2c2
s

a3(µ + p)

{

a3(µ + p)

H2c2
s

[

Φ̇ +
H

µ + p

(

e −
2

3

k2

a2
Π

)]}·

= −c2
s

k2

a2

(

Φ − 2
H2

µ + p
Π

)

, (17)

µ + p

H

[

H2

a(µ + p)

( a

H
ϕχ

)

·

+ 8πG
H2

µ + p
Π

]·

= −c2
s

k2

a2
ϕχ − 4πG

(

e −
2

3

k2

a2
Π

)

. (18)

For the tensor mode we have

1

a3

(

a3Ċαβ

)

·

+
k2 + 2K

a2
Cαβ = 8πGΠ

(t)

αβ . (19)

2.2. Field

Considering an action for a minimally coupled
scalar field [7–9]

S =

∫

d4x
√

−g

[

1

16πG
R −

1

2
φ,cφ,c − V (φ)

]

, (20)

the gravitational field equation and the equation of
motion are given as

Gab = 8πG

(

φ,aφ,b −
1

2
φ,cφ,cgab − V gab

)

,(21)

φ;a
a − V,φ = 0. (22)

We have the same equations (5-12) with the following
background and perturbed order fluid quantities

µ ≡
1

2
φ̇2 + V, p ≡

1

2
φ̇2 − V, (23)

δµ ≡ φ̇δφ̇ − φ̇2α + V,φδφ,

δp ≡ φ̇δφ̇ − φ̇2α − V,φδφ,

v ≡
k

a

δφ

φ̇
, Π = 0 = Π

(t)α

β . (24)

Eq. (14) becomes

Φ ≡ ϕδφ −
K/a2

4πGφ̇2
ϕχ. (25)

We derive

Φ̇ = −
H

4πGφ̇2

c2
Ak2

a2
ϕχ, (26)

H

a

( a

H
ϕχ

)

·

=
4πGφ̇2

H
Φ, (27)

where

c2
A ≡ 1 − (1 − c2

s)
3K

k2
,

c2
s ≡

ṗ

µ̇
= −1 −

2φ̈

3Hφ̇
. (28)

Combining eqs. (26,27) gives

H2c2
A

a3φ̇2

[

a3φ̇2

H2c2
A

Φ̇

]

·

= −c2
A

k2

a2
Φ, (29)

φ̇2

H

[

H2

aφ̇2

( a

H
ϕχ

)

·

]·

= −c2
A

k2

a2
ϕχ. (30)

Comparing with the ideal fluid equations in eqs.
(17,18) we have c2

s replaced by c2
A. The cA has the

role of wave speed of the perturbed field and the si-
multaneously excited metric; interpretation of cA as
the wave speed is properly valid only for K = 0.

For the tensor mode, eq. (19) remains valid in the

field situation with Π
(t)

αβ = 0.

2.3. Generalized f(φ, R) gravity

An action is [3, 4, 10–12]

S =

∫

d4x
√

−g[
1

2
f(φ, R) −

1

2
ω(φ)φ,cφ,c

−V (φ) + L(m)]. (31)

This action includes f(R) gravity, the scalar-tensor
theory, the non-minimally coupled scalar field, the in-
duced gravity, etc. The gravitational field equation
and the equation of motion are given as

Gab =
1

F
[T

(m)

ab + ω

(

φ,aφ,b −
1

2
φ,cφ,cgab

)

+
1

2
(f − RF − 2V ) gab + F,a;b

−F ;a
agab], (32)

φ;a
a +

1

2ω
(ω,φφ,cφ,c + f,φ − 2V,φ)

= 0, (33)

where F ≡ ∂f

∂R
.

Equations (5-13) remain valid with the following
effective fluid quantities

8πGµ =
1

F

(

1

2
ωφ̇2 +

RF − f + 2V

2
− 3HḞ

)

,
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8πGp =
1

F
(
1

2
ωφ̇2 −

RF − f + 2V

2
+ F̈

+2HḞ ), (34)

8πGδµ =
1

F

[

ωφ̇δφ̇ +
1

2

(

ω,φφ̇2 − f,φ + 2V,φ

)

δφ

−3HδḞ +

(

3Ḣ + 3H2 −
k2

a2

)

δF

+
(

3HḞ − ωφ̇2
)

α + Ḟ κ

]

,

8πGδp =
1

F

[

ωφ̇δφ̇ +
1

2

(

ω,φφ̇2 + f,φ − 2V,φ

)

δφ

+δF̈ + 2HδḞ + (−Ḣ − 3H2

+
2

3

k2 − 3K

a2
)δF

−Ḟ α̇ −
(

ωφ̇2 + 2F̈ + 2HḞ
)

α −
2

3
Ḟ κ

]

,

8πGT 0
α =

1

F
[
1

a

(

−ωφ̇δφ − δḞ + HδF + Ḟα
)

,α
],

8πGΠα
β =

1

F
[
1

a2

(

∇α∇β −
1

3
δα
β ∆

)

(

δF − Ḟχ
)

−Ḟ Ċα
β ], (35)

where

R = 6

(

2H2 + Ḣ +
K

a2

)

, (36)

δR = 2[−κ̇ − 4Hκ +

(

k2

a2
− 3Ḣ

)

α

+2
k2 − 3K

a2
ϕ] = δµ − 3δp. (37)

Introducing

Φ ≡ ϕδφ − 2
K

a2

F

ωφ̇2 + 3Ḟ 2

2F

Ψ,

Ψ ≡ ϕχ +
δFχ

2F
(38)

we can derive

Φ̇ = −
2HF + Ḟ

ωφ̇2 + 3Ḟ 2

2F

c2
Ak2

a2
Ψ, (39)

H + Ḟ
2F

aF

(

aF

H + Ḟ
2F

Ψ

)

·

=
ωφ̇2 + 3Ḟ 2

2F

2HF + Ḟ
Φ, (40)

where

c2
A ≡ 1 −



6 +
2 φ̈

φ̇
− 3 Ḟ

F
+ Ė

E

H + Ḟ
2F





K

k2
,

E ≡ F

(

ω +
3Ḟ 2

2Fφ̇2

)

. (41)

Combining eqs. (39,40) gives

(

H + Ḟ
2F

)2

c2
A

a3

(

ωφ̇2 + 3Ḟ 2

2F

)







a3
(

ωφ̇2 + 3Ḟ 2

2F

)

(

H + Ḟ
2F

)2

c2
A

Φ̇







·

= −c2
A

k2

a2
Φ, (42)

ωφ̇2 + 3Ḟ 2

2F

HF + 1
2
Ḟ







(

H + Ḟ
2F

)2

a
(

ωφ̇2 + 3Ḟ 2

2F

)

(

aF

H + Ḟ
2F

Ψ

)

·







·

= −c2
A

k2

a2
Ψ. (43)

Here cA can be interpreted as a wave speed of the
perturbed field as well as the simultaneously excited
metric.

For the tensor mode we have

1

a3F

(

a3FĊαβ

)

·

+
k2 + 2K

a2
Cαβ = 0. (44)

This equation is valid for general algebraic function of
f(φ, R).

2.4. Tachyonic generalization

Considering an action [13]

S =

∫

d4x
√

−g

[

1

2
f(R, φ, X) + L(m)

]

, (45)

where X ≡ 1
2
φ,cφ,c, we have the gravitational field

equation and the equation of motion

Gab =
1

F
[T

(m)

ab +
1

2
(f − RF ) gab + F,a;b

−F ;a
;agab −

1

2
f,Xφ,aφ,b], (46)

(f,Xφ,c)
;c

= f,φ. (47)

Equations (5-13) remain valid with the following
effective fluid quantities

8πGµ =
1

F

(

f,XX +
FR − f

2
− 3HḞ

)

,

8πGp =
1

F
(−

FR − f

2
+ F̈ + 2HḞ ), (48)

8πGδµ =
1

F

[

−
1

2
(f,φδφ + f,XδX)

−
1

2
φ̇2 (F,XδR + f,Xφδφ + f,XXδX)

−f,X φ̇δφ̇ − 3HδḞ

+

(

3Ḣ + 3H2 −
k2

a2

)

δF + Ḟ κ
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+
(

3HḞ + f,X φ̇2
)

α

]

,

8πGδp =
1

F

[

1

2
(f,φδφ + f,XδX) + δF̈ + 2HδḞ

+

(

−Ḣ − 3H2 +
2

3

k2 − 3K

a2

)

δF

−
2

3
Ḟ κ − Ḟ α̇ − 2

(

F̈ + HḞ
)

α

]

,

8πGT 0
α =

1

F
[
1

a

(

1

2
f,X φ̇δφ − δḞ + HδF + Ḟα

)

,α

],

8πGΠα
β =

1

F
[
1

a2

(

∇α∇β −
1

3
δα
β ∆

)

(

δF − Ḟχ
)

−Ḟ Ċα
β ], (49)

where

X = −
1

2
φ̇2, δX = −φ̇δφ̇ + φ̇2α. (50)

The equation of motion gives

1

a3

(

a3φ̇f,X

)

·

+ f,φ = 0, (51)

f,X [δφ̈ +

(

3H +
ḟ,X

f,X

)

δφ̇ +
k2

a2
δφ

+φ̇

(

3ϕ̇ − α̇ −
k2

a2
χ

)

]

+2f,φα +
1

a3

(

a3φ̇δf,X

)

·

+ δf,φ = δT (c), (52)

where

δf = f,φδφ + f,XδX + f,RδR. (53)

We introduce a more generalized form

Φ ≡ ϕδφ −
K

a2

2F

Xf,X + 3Ḟ 2

2F

Ψ, (54)

where Ψ is the same as in eq. (38). We can derive

Φ̇ = −
2HF + Ḟ

Xf,X + 3Ḟ 2

2F

c2
Ak2

a2
Ψ, (55)

H + Ḟ
2F

aF

(

aF

H + Ḟ
2F

Ψ

)

·

=
Xf,X + 3Ḟ 2

2F

2HF + Ḟ
Φ, (56)

where

c2
A ≡

Xf,X + 3Ḟ 2

2F

Xf,X + 2X2f,XX + 3Ḟ 2

2F

{1 −

[

3 +
X(f,X + 2Xf,XX) + 3Ḟ 2

2F

Xf,X + 3Ḟ 2

2F

(3 +
Ẋ
X

− 3 Ḟ
F

+ Ė
E

H + Ḟ
2F

)

]

K

k2
}, (57)

E ≡ −
F

2X

(

Xf,X +
3Ḟ 2

2F

)

. (58)

Combining eqs. (55,56) we have

(

H + Ḟ
2F

)2

c2
A

a3

(

Xf,X + 3Ḟ 2

2F

)







a3
(

Xf,X + 3Ḟ 2

2F

)

(

H + Ḟ
2F

)2

c2
A

Φ̇







·

= −c2
A

k2

a2
Φ, (59)

Xf,X + 3Ḟ 2

2F

HF + 1
2
Ḟ







(

H + Ḟ
2F

)2

a
(

Xf,X + 3Ḟ 2

2F

)

(

aF

H + Ḟ
2F

Ψ

)

·







·

= −c2
A

k2

a2
Ψ. (60)

c2
A differs clearly from c2

s ≡ ṗ/µ̇. Contrary to the min-
imally coupled scalar field and the generalized f(φ, R)
gravity theory the wave speed is non-trivial even for
K = 0.

For the tensor mode, eq. (44) remains the same.

3. CLASSICAL EVOLUTION

Our basic scalar-type perturbation equations can be
written in the following forms

Φ̇ = −2x1

k2

a2
Ψ, (61)

1

x2

(x2Ψ)
·

=
1

2
x3Φ. (62)

Introducing

z̄ ≡ cAz ≡
√

ax2x3, cA ≡
√

x1x3; v ≡ zΦ,

u ≡ x2

1

z̄
Ψ, (63)

we have

v =
2

cAz̄
(z̄u)

′

, u = −
1

2k2

z

cA

(v

z

)

′

, (64)

where a prime indicates a time derivative based on η
with dt ≡ adη. Then

v′′ +

(

c2
Ak2 −

z′′

z

)

v

= a2z

[

1

az2

(

az2Φ̇
)

·

+ c2
A

k2

a2
Φ

]

= 0, (65)

u′′ +

[

c2
Ak2 −

(1/z̄)′′

(1/z̄)

]

u

=
a2x2

z̄

{

z̄2

ax2

[ a

z̄2
(x2Ψ)

·

]

·

+ c2
A

k2

a2
Ψ

}

= 0.(66)
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In these wave equations, cA becomes the wave speed
of the fluctuating fluid or field and the simultaneously
excited metric.

For the tensor mode, we use

zt ≡ a
√

Qt, vt ≡ ztΦ, (67)

with Φ = Cαβ or h`k, then

v′′

t +

(

c2
T k2 −

z′′

t

zt

)

vt

= a2zt

[

1

az2
t

(

az2
t Φ̇
)

·

+ c2
T

k2

a2
Φ

]

= 0. (68)

In the large-scale limits, with c2
Ak2 � z′′/z and

(1/z̄)′′/(1/z̄)

Φ(k, η) =
1

z
v = C(k){1 + k2[

∫ η

z̄2

(
∫ η dη

z2

)

dη

−

∫ η

z̄2dη

∫ η dη

z2
]} − 2d̃(k)k2

∫ η dη

z2
,

Ψ(k, η) =
z̄

x2

u = C(k)
1

2x2

∫ η

z̄2dη

+d̃(k)
1

x2

{1 + k2[

∫ η 1

z2

(
∫ η

z̄2dη

)

dη

−

∫ η

z̄2dη

∫ η dη

z2
]}. (69)

The C (d)-mode is relatively growing (decaying) in the
expanding phase of the background world. So, to the
leading order in the large-scale expansion the C-mode
of Φ remains constant whereas the one of Ψ changes
its behavior according to the background evolution.
Ignoring the transient mode

Φ(k, η) = C(k). (70)

In the small-scale limits, with c2
Ak2 � z′′/z and

(1/z̄)′′/(1/z̄), we have

v(k, η) = zΦ = cv1
eicAkη + cv2

e−icAkη, (71)

u(k, η) =
x2

z̄
Ψ

=
i

2k
(−cv1

eicAkη + cv2
e−icAkη), (72)

where we assumed cA = constant.
In case

z ∝ |η|q, c2
A = constant, (73)

we have

z′′

z
=

q(q − 1)

η2
≡

n

η2
, (74)

and exact solutions

Φ(k, η) =

√

π|η|

2z
[c1(k)H(1)

ν (cAk|η|)

+c2(k)H(2)
ν (cAk|η|)], (75)

Ψ(k, η) = −

√

π|η|

2z

acA

2kx1

[c1(k)H
(1)

ν−1(cAk|η|)

+c2(k)H
(2)

ν−1(cAk|η|)], (76)

where

ν ≡
1

2
− q =

√

n +
1

4
. (77)

4. QUANTUM GENERATION

The perturbed action is [8, 16]

δ2S =
1

2

∫

az2

(

Φ̇2 − c2
A

1

a2
Φ|αΦ,α

)

dtd3x,

=
1

2

∫
(

v′2 − c2
Av|αv,α +

z′′

z
v2

)

dηd3x.(78)

In terms of the mode function we have [9, 14]

Φk(η) =

√

π|η|

2z
[c1(k)H(1)

ν (cAk|η|)

+c2(k)H(2)
ν (cAk|η|)], (79)

Ψk(η) = −

√

π|η|

2z

acA

2kx1

[c1(k)H
(1)

ν−1(cAk|η|)

+c2(k)H
(2)

ν−1(cAk|η|)], (80)

where

|c2(k)|2 − |c1(k)|2 = 1. (81)

4.1. Power spectra

We evaluate the power-spectrum based on a vacuum
expectation value given by

P
Φ̂
(k, t) ≡

k3

2π2

∫

〈Φ̂(x + r, t)Φ̂(x, t)〉vace
−ik·rd3r

=
k3

2π2
|Φk(t)|2. (82)

In the large-scale limit we have

P
1/2

Φ̂
(k, η)

=
H

2π

1

aH|η|

Γ(ν)

Γ(3/2)

(

k|η|

2

)3/2−ν
1

cν
Az/a

. (83)

For the tensor-type perturbation we have Φ̂ = Ĉα
β

and we need additional
√

2 factor [15], with cT replac-
ing cA, thus

P
1/2

Ĉαβ

(k, η) =
√

16πG
H

2π

1

aH|η|

Γ(νt)

Γ(3/2)
(

k|η|

2

)3/2−νt 1/
√

8πG

cνt

T zt/a
. (84)
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For ν = 0 we we have additional 2 ln (cAk|η|) factor.
In the super-horizon scale we identify [17]

P
Φ̂

≡ PΦ, (85)

where

PΦ(k, t) ≡
k3

2π2

∫

〈Φ(x + r, t)Φ(x, t)〉xe−ik·rd3r

=
k3

2π2
|Φ(k, t)|2 (86)

is a power-spectrum based on the spatial averaging.
Since the growing modes of Φ are conserved in the

large scale limit, the final classical power spectra of
the large-scale structure and the gravitational wave
PΦ is the same as the P

Φ̂
generated from the quantum

fluctuations in the early universe.
Spectral indices are defined as

nS − 1, nT ≡
∂ ln PΦ

∂ ln k
, (87)

thus

PΦ ∝ knS−1, knT . (88)

Assuming the simplest vacuum state, i.e., c2 = 1 and
c1 = 0, etc., we have

nS − 1, nT = 3 − 2ν = 2 + 2q. (89)

For near Harrison-Zel’dovich spectra (nS − 1 ' 0 '
nT ) the quadrupole anisotropy of the CMB is

〈a2
2〉 = 〈a2

2〉S + 〈a2
2〉T

=
π

75
Pϕδφ

+ 7.74
1

5

3

32
PCαβ

, (90)

which is valid for K = 0 = Λ. The ratio between two
types of perturbations is

r2 ≡
〈a2

2〉T

〈a2
2〉S

' 3.46
PCαβ

Pϕδφ

. (91)

From eqs. (83,84) we have

r1 ≡
PCαβ

Pϕδφ

= 2

[

(

k|η|

2

)ν−νt Γ(νt)

Γ(ν)

cν−1
A

cνt

T

z̄

zt

]2

.(92)

Therefore, if the background evolution during the
quantum generation stage satisfies eq. (73) we can
read the power spectra using eqs. (82,79). In the
large-scale limit we have the power spectra in eqs.
(83,84). It is noticeable that our results in §3 and 4

are generally valid in our generalized gravity theories
in unified forms.
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Validity and Application of the Extended Lagrangian Perturbation
Theor y

Takayuki Tatekawa
Department of Physics, Waseda University, 3-4-1 Okubo, Shinjuku-ku, Tokyo, 169-8555, Japan

Basing our discussion on the Lagrangian description of hydrodynamics, we studied the evolution of density
fluctuation for nonlinear cosmological dynamics. We solved hydrodynamic equations for a self-gravitating fluid
with pressure, given by a polytropic equation of state, using a perturbation method. In this conference, we
discuss validity of these perturbative solutions and application for structure formation in the Universe. Especially
we will notice the correspondence between past modified Lagrangian perturbation models and our model.

1. Intr oduction

The structure formation scenario based on gravi-
tational instability has been studied for a long time.
Zel’dovich [1] proposed a linear Lagrangian approxi-
mation for dust fluid. This approximation is called the
Zel’dovich approximation (ZA) [1–3]. ZA describes
the evolution of density fluctuation better than the
Eulerian approximation [4–6]. After that, the second-
and the third-order perturbative solution for dust fluid
were derived [7, 8].

Although ZA gives an accurate description until a
quasi-linear regime develops, ZA cannot describe the
model after the formation of caustics. In order to
proceed with a hydrodynamical description in which
caustics do not form, the ‘adhesion approximation’ [9]
(AA) was proposed based on the model equation of
nonlinear diffusion (Burgers’ equation). In AA, an
artificial viscosity term is added to ZA. Because of
the viscosity term, we can avoid caustics formation.
From the standpoint of AA, the problem of structure
formation has been discussed [10–12]. However, the
origin of the viscosity has not yet been clarified.

Buchert and Domı́nguez [13] discussed the effect of
velocity dispersion using the collisionless Boltzmann
equation. They showed that when the velocity dis-
persion is regarded as small and isotropic it produces
effective ‘pressure’ or viscosity terms. Furthermore,
they posited the relation between mass density ρ and
pressure P , i.e., an ‘equation of state’. Buchert et
al. [14] showed how the viscosity term or the effective
pressure of a fluid is generated, assuming that the pe-
culiar acceleration is parallel to the peculiar velocity.

With respect to the relation between the viscos-
ity term and effective pressure, and the extension of
the Lagrangian description to various matter, the La-
grangian perturbation theory of pressure has been
considered. Actually, Adler and Buchert [15] have
formulated the Lagrangian perturbation theory for
a barotropic fluid. Morita and Tatekawa [16] and
Tatekawa et al. [17] solved the Lagrangian perturba-
tion equations for a polytropic fluid up to the second
order. Recently, we have derived third-order pertur-
bative solution for simple case [19]. Hereafter, we call

this model the ‘pressure model’.
Here we consider the correspondence between the

pressure model and the modified Lagrangian models.
Then we discuss the validity of linear perturbation
in the pressure model. In summary, we propose an
application of our model.

2. The Lagrangian description for the
cosmological fluid

2.1. Basic equations

In this subsection, we briefly mention the La-
grangian description for the cosmological fluid. In the
comoving coordinates, the basic equations for cosmo-
logical fluid are described as

∂δ

∂t
+

1

a
∇x · {v(1 + δ)} = 0 , (1)

∂v

∂t
+

1

a
(v · ∇x)v +

ȧ

a
v =

1

a
g̃ −

1

aρ
∇xP , (2)

∇x × g̃ = 0 , ∇x · g̃ = −4πGρbaδ , (3)

δ ≡
ρ − ρb

ρb

. (4)

In the Eulerian perturbation theory, the density fluc-
tuation δ is regarded as a perturbative quantity. On
the other hand, in the Lagrangian perturbation the-
ory, the displacement from homogeneous distribution
is considered.

x = q + s(q, t) , (5)

where x and q are the comoving Eulerian coordinates
and the Lagrangian coordinates, respectively. s is the
displacement vector that is regarded as a perturbative
quantity.

The peculiar velocity is given by

v = aṡ . (6)

Then we introduce the Lagrangian time derivative:

d

dt
≡

∂

∂t
+

1

a
v · ∇x . (7)
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Taking divergence and rotation of Eq. (2), we obtain
the evolution equations for the Lagrangian displace-
ment [15, 16]:

∇x ·

(

s̈ + 2
ȧ

a
ṡ −

κγργ−1

b

a2
J−γ∇xJ

)

= −4πGρb(J
−1 − 1) , (8)

∇x ×

(

s̈ + 2
ȧ

a
ṡ

)

= 0 , (9)

where (̇) means the Lagrangian time derivative
(Eq. (7)). To solve the perturbative equations, we
decompose the Lagrangian perturbation to the longi-
tudinal and transverse modes:

s = ∇S + s
T , (10)

∇ · sT = 0 , (11)

where ∇ means the Lagrangian spacial derivative.
Because Eqs. (8) and (9) include the Eulerian spa-

cial derivative, we change to the Lagrangian spacial
derivative.

2.2. The Lagrangian per turbation for dust
fluid

Zel’dovich derived a first-order solution of the lon-
gitudinal mode for dust fluid [1]. For the E-dS model,
the solutions are written as follows:

S(1)(q, t) = t2/3S+(q) + t−1S−(q) . (12)

This first-order approximation is called the Zel’dovich
approximation (ZA). Especially when we consider the
plane-symmetric case, ZA gives exact solutions.

To improve approximation, higher-order perturba-
tive solutions of Lagrangian displacement were de-
rived. Irrotational second-order solutions (PZA) were
derived by Bouchet et al. [20] and Buchert and
Ehlers [21], and third-order solutions (PPZA) were
obtained by Buchert [22], Bouchet et al. [7], and Cate-
lan [8]. The second-order and third-order solutions for
the E-dS model are written as follows:

S
(2)

i,i =
3

14

(

S
(1)

i,j S
(1)

j,i − S
(1)

i,i S
(1)

j,j

)

, (13)

S
(3)

i,i =
5

9

(

S
(1)

i,j S
(2)

j,i − S
(1)

i,i S
(2)

j,j

)

−
1

3
det
(

S
(1)

i,j

)

,(14)

where the superscript S(n) means n-th order solutions.

2.3. Adhesion appr oximation

Adhesion approximation (AA) [9] was proposed
from a consideration based on Burgers’ equation. This

model is derived by the addition of an artificial vis-
cous term to ZA. AA with small viscosity deals with
the skeleton of the structure, which at an arbitrary
time is found directly without a long numerical calcu-
lation.

We briefly describe the adhesion model. In ZA, the
equation for ‘peculiar velocity’ in the E-dS model is
written as follows:

∂u

∂a
+ (u · ∇x)u = 0 , u ≡

∂x

∂a
=

ẋ

ȧ
, (15)

where a(∝ t2/3) means scale factor. To go beyond ZA,
we add the artificial viscosity term to the right side of
the equation.

∂u

∂a
+ (u · ∇x)u = ν∇2

xu . (16)

We consider the case when the viscosity coefficient
ν → +0 (ν 6= 0). In this case, the viscosity term
especially affects the high-density region. Within the
limits of a small ν, the analytic solution of Eq.(16) is
given by

u(x, t) =
∑

α

(

x − qα

a

)

jα exp

(

−
Iα

2ν

)

/
∑

α

jα exp

(

−
Iα

2ν

)

, (17)

where qα means the Lagrangian points that minimize
the action

Iα ≡ I(x, a;qα)

= S0(qα) +
(x − qα)2

2a
= min. , (18)

jα ≡

[

det

(

δij +
∂2S0

∂qi∂qj

)]−1/2
∣

∣

∣

∣

∣

q=qα

, (19)

S0 = S(q, t0) , (20)

considered as a function of q for fixed x [12]. In AA,
because of the viscosity term, the caustic does not
appear and a stable nonlinear structure can exist.

2.4. Pressure model

Buchert and Domı́nguez [13] argued that the effect
of velocity dispersion becomes important beyond the
caustics. They showed that when the velocity disper-
sion is still small and can be considered isotropic, it
gives effective ‘pressure’ or viscosity terms. Buchert
et al. [14] showed how the viscosity term is generated
by the effective pressure of a fluid under the assump-
tion that the peculiar acceleration is parallel to the
peculiar velocity.

Adler and Buchert [15] have formulated the La-
grangian perturbation theory for a barotropic fluid.
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Morita and Tatekawa [16] and Tatekawa et al. [17]
solved the Lagrangian perturbation equations for a
polytropic fluid in the Friedmann Universe. Hereafter,
we call this model the ‘pressure model’.

When we consider the polytropic equation of state
P = κργ , the first-order solutions for the longitudinal
mode are written as follows. For γ 6= 4/3,

̂S(K, a) ∝ a−1/4 J±5/(8−6γ)

(

√

2C2

C1

|K|

|4 − 3γ|
a(4−3γ)/2

)

,

(21)
where Jν denotes the Bessel function of order ν, and
for γ = 4/3,

̂S(K, a) ∝ a−1/4±

√
25/16−C2|K|

2/2C1 , (22)

C1 ≡ 4πGρb(ain) a 3
in/3 , (23)

C2 ≡ κγρb(ain)γ−1 a
3(γ−1)

in . (24)

ρb and K mean background mass density and La-
grangian wavenumber, respectively. ain means scale
factor when an initial condition is given. When we
take the limit κ → 0, these solutions agree with
Eq. (12).

In this model, the behavior of the solutions strongly
depends on the relation between the scale of fluctua-
tion and the Jeans scale. Here we define the Jeans
wavenumber as

KJ ≡

(

4πGρba2

dP/dρ(ρb)

)1/2

.

The Jeans wavenumber, which gives a criterion for
whether a density perturbation with a wavenumber
will grow or decay with oscillation, depends on time in
general. If the polytropic index γ is smaller than 4/3,
all modes become decaying modes and the fluctuation
will disappear. On the other hand, if γ > 4/3, all
density perturbations will grow to collapse. In the
case where γ = 4/3, the growing and decaying modes
coexist at all times.

We rewrite the first-order solution Eq. (21) with the
Jeans wavenumber:

̂S(K, a) ∝ a−1/4 J±5/(8−6γ)

( √
6

|4 − 3γ|

|K|

KJ

)

. (25)

For the pressure model, the Lagrangian perturbatve
solutions are derived up to the third order [16, 17, 19].

In this paper, we analyze the first-order perturba-
tion and the full-order solution. In general, it is very
difficult to solve Eq. (8) for such reasons as the coordi-
nate transformation or non-locality. Here, we imposed
symmetry and avoided these difficulties.

3. Comparison between Lagrangian
models

We analyzed the plane-symmetric and the
spherical-symmetric cases [23]. Here we show only
the sperical-symmetric case. For this case, dust
collapse and void evolution have been analyzed [4–6].
Here we consider the evolution with ZA, PZA, PPZA,
the exact solution for dust fluid, AA, and the pressure
models. To avoid a discontinuity of the pressure
gradient, we adopt the Mexican-hat type model
(Fig. 1):

δ(r) = ε(3 − r2)e−r2/2 . (26)

The initial peculiar velocity is made equal with that
of the growing mode in ZA. For this model, from
Eq. (12)-(14), the solutions of ZA, PZA, and PPZA
are given as follows:

S(1) = −εe−r2/2 , (27)

S(2) = −
3

7
ε2e−r2

, (28)

S(3) = −
46

189
ε3e−3r2/2 . (29)

In our analysis, we set the value of ε as follows:

ε = ±
1

60
. (30)

Under this condition, the initial density fluctuation at
r = 0 becomes δ = ±0.05. Then the scale factor is set
as a = 0.0167(= 1/60) at the initial condition. In the
case where ε > 0, the caustics appear at a = 1 in ZA.
The initial peculiar velocity is equal with that given
by the growing mode in ZA.

In past analyses [4, 5], homogeneous spherical col-
lapse and void evolution have been analyzed. Here we
consider spherical but inhomogeneous density fluctua-
tion. We investigate time evolution in the dust model
first because it may produce a result that differs from
that of past analyses.

Fig. 2 shows the time evolution of the Mexican-hat
type density fluctuation in the dust model. For spher-
ical collapse, as well as in the past analyses, when
we considered higher order perturbation, the occur-
rence time of the caustics becomes fast [4–6]. The
caustic appears with an exact solution at a ' 0.55.
On the other hand, the growth of the fluctuation be-
comes gentle, and the caustic does not appear in AA.
For void evolution, the evolution of the density fluc-
tuation stops gradually with PZA, and it starts to
proceed in reverse. When we consider long-time evo-
lution, PPZA deviates from an exact solution greatly
more than ZA does. These results correspond to past
analyses considering homogeneous spherical distribu-
tion.
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Figure 1: Mexican-hat type model. The average of density fluctuation over the whole space becomes zero.
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Figure 2: The evolution of the spherical-symmetric (the Mexican-hat type) density fluctuation at r = 0 in dust models.
(a) The evolution of a density fluctuation in ZA, PZA, PPZA, the exact model, and AA in the case where ε > 0. The
viscosity parameter in AA is set as ν = (1/512)2. The approximation is improved by higher order perturbation. In the
exact model, the caustic appears at a ' 0.55. On the other hand, the density fluctuation evolves gently in AA. (b) The
same as (a) but the case where ε < 0. In PZA, the fluctuation becomes positive during evolution. Later (a > 0.6),
PPZA deviates from an exact solution greatly more than ZA does.

When we consider the effect of pressure, (Eq. (8)),
how does the behavior of the density fluctuation
change? These results are shown in Fig. 3. The pres-
sure suppress the evolution of the density fluctuation.
In the spherical-symmetric case, not only the pres-
sure term but also the gravity term contains non-linear
terms. Therefore, when we consider a full-order cal-
culation, the contribution of not only the pressure but
also the gravity becomes strong. Then if we choose a
small value for KJ , the fluctuation sometimes grows
earlier than in the case of linear approximation (Fig. 3
(a), (c), and (e)). In either case, the general tendency
of the evolution of the fluctuation does not differ very
much. According to Fig. 3 (a), (c), and (e), linear
approximation of the pressure model seems to good
until the quasi-nonlinear regime develops. The final
state is unchanged, though a few differences are seen
in the growth of the fluctuation, oscillatory amplitude,
and period. In other words, even if the full-order cal-
culation is considered, it is very difficult to explain
the origin of the viscosity term in AA by the pressure
model.

Next, we mention the evolution of a void (the case
where ε < 0). When we consider a full-order calcula-
tion, unrealistic behavior, such as linear approxima-
tion in the case where γ = 5/3 (Fig. 3 (b)), does not
appear. Furthermore, the oscillation of the fluctuation

is suppressed, and the growth of the fluctuation comes
to look like that of AA. In the evolution of the void,
the linear approximation of the pressure model seems
good until δ ' −0.5. When we do not introduce linear
approximation, the oscillation of the density fluctua-
tion is almost imperceptible (Fig. 3 (b), (d), and (f)).

Although we can realize a void evolution in AA with
the pressure model, we cannot reproduce the existence
of a stable nonlinear structure. In other words, it is
very difficult to find the origin of artificial viscosity in
AA with the isotropic velocity dispersion.

According to our calculation in linear approxima-
tion, the amplitude and the period of the oscillation
of the fluctuation in the intermediate state obviously
depends on γ. Although the tendency of the evolution
of the fluctuation in the case of γ = 4/3 looks like AA,
the snapshot of the density field will be different from
that in AA.

As for the validity of the linear approximation in
the pressure model, the approximation is rather good
until a quasi-nonlinear regime develops.
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4. The effect of the higher -order
appr oximation

We have derived perturbative solutions for the pres-
sure model up to the third order [19]. For detail, we
show our paper [19]. Here we briefly mention the re-
sult. Even if we restrict ourselves to the simplest case,
the case of γ = 4/3 in the E-dS model, the third-order
perturbative solutions become very complicated.

We have analyzed a planar model. The effect of the
higher-order approximation suppresses the evolution
of the density fluctuation. In this model, the difference
between the Lagrangian approximations still be very
small even just before shell-crossing.

In the one-dimensional model, the pressure only
affects the nonlinear effect. However, in the three-
dimensional realistic model, the gravitational force
also affects the nonlinear effect, and the difference be-
tween first-, second-, and third-order approximation
obviously appears. In fact, according to the compar-
ison between the first-order approximation and full-
order numerical calculation, the difference becomes
large in the strongly nonlinear region [18].

5. Summar y

We analyzed the corresponding relation with the
viscosity term in AA and the velocity dispersion us-
ing spherical-symmetric case. In long-duration evolu-
tion, even if we consider full-order effects, the caustics
will be formed. Though behavior similar to that of
AA can be seen with the pressure model, more con-
sideration is necessary for establishing the existence
of stable nonlinear structure.

Next, we consider another question. When we an-
alyze structure formation in the fluid with pressure,
can we learn whether the Lagrangian linear pertur-
bation is valid or not? From our analyses, until a
quasi-nonlinear regime develops, the linear approxi-
mation of the pressure model seems rather good from
the comparison with a full-order numerical calcula-
tion. Therefore, for example, if the interaction in some
kind of dark matter can be described by the effective
pressure, we can examine the behavior of the density
fluctuation in a quasi-nonlinear stage. Furthermore,
when we compare the observations and the structure
that is formed by using the pressure model, we can
give a limitation to the nature of the dark matter.

In our analysis for a planar model, the effect of the
third-order perturbation seems very small even at the
nonlinear stage. However, our result does not show
that we can ignore the third-order perturbation easily,
because the nonlinear term of the gravitational force
disappears in the planar model. When we consider the
effect of nonlinear pressure and gravitational force, the
third-order perturbation is expected as a powerful tool
to treat high-density regions.
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Figure 3: The evolution of a density fluctuation at r = 0 in the spherical-symmetric case. These figures show the
evolution in AA and the pressure models (linear approximation and the full-order calculation). These figures show the
case where ε > 0. (a) In the case where ε > 0 and γ = 1. In the pressure model, linear approximation seems valid until
δ ' 1. After that, in linear approximation, the fluctuation oscillates violently. In a strongly nonlinear region (δ > 10),
even if we consider full-order calculation in the pressure model, the evolution of a fluctuation similar to AA cannot be
reproduced. (b) The same as (a), but here ε < 0. As in the case where ε > 0, when the fluctuation evolve fully
(δ < −0.5), the fluctuation begins to oscillate. Finally the fluctuation decays and approaches to 0. (c) The same as (a),
but here γ = 4/3. In the pressure model with linear approximation, the fluctuation oscillates, and the caustic appears
at a ' 1.44. When we consider a full-order equation, although we can delay the density divergence, we cannot avoid
the formation of the caustic. (d) The same as (b), but here γ = 4/3. In the linear approximation in the pressure model,
although the fluctuation oscillates, the density asymptotically decreases. In the pressure model, when we consider a
full-order calculation, we can realize the evolution of a fluctuation similar to that of AA. (e) The same as (a), but here
γ = 5/3. In the pressure model with the linear approximation, the oscillation of the fluctuation in the intermediate
state grows very large. Then the caustic appears at a ' 1.28. When we consider a full-order equation, the density
diverges a little to the outside at a ' 1.14, and the model fails. (f) The same as (b), but here γ = 5/3. In the linear
approximation in the pressure model, the density fluctuation becomes positive during evolution because the oscillation
of the fluctuation grows very large. On the other hand, when we consider a full-order equation, it is different from
linear approximation, the density fluctuation always remaining negative.
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Evolving Disks in Cold Dark Matter Cosmology
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Despite having entered the era of “precision cosmology,” the formation of galaxies within the favored CDM cos-
mological paradigm remains problematic. By relating our N-body/smooth particle hydro-dynamical simulation
to an extensive range of Galactic and extragalactic observations, we shed light on the formation and evolution
of the Milky Way and other late type galaxies. In light of recent observations of the stellar populations of
extragalactic thick disks, we examine the proposal that the thick disk formed in a high redshift period charac-
terized by gas rich merging. We show such a scenario to be consistent with color observations. We then follow
the evolution of structural parameters of the subsequently formed disk galaxy, from redshift ∼1 to the present.
Consistent with observation, little evolution in the ratio of scale-height to scale-length is found in our simulated
galaxy, despite its somewhat chaotic origins. The simulated galaxy in this report forms part of a larger study
of a suite of galaxies, with which these issues are to be studied in detail.

1. INTRODUCTION

The age of precision cosmology is upon us, with
concordance values of cosmological parameters plac-
ing us in an accelerating Universe, composed primar-
ily of dark energy (∼73%), and dark matter (∼23%),
with a mere smattering of baryonic matter (∼4%).
The evolution of structure on large scales is driven
by gravity, and such structures as clusters and fila-
ments of galaxies are exceedingly well explained by
the ΛCDM paradigm. Yet on the scale galaxies, prob-
lems persist. In some sense this is not surprising, as
on smaller scales, baryonic processes become impor-
tant; gas dynamics, star formation, quasars, Active
Galactic Nucleii, supernovae, shocks, and ram pres-
sure are some of the processes that add complexity
beyond gravity driven structure formation. Our work
is aimed at unravelling the major processes which de-
termine how galaxies form within the context of hier-
archical structure build.

The recently emerging conviction that thick disks
are prevalent in disk galaxies, and their seemingly
ubiquitous old ages [1], means that the formation of
the thick disk, perhaps more than any other compo-
nent, holds the key to unraveling the evolution of the
Milky Way, and indeed all disk galaxies. In an ear-
lier study [2], we proposed that the thick disk was
formed in an epoch of gas rich mergers, at high red-
shift. This hypothesis was based on comparing N-
body/SPH simulations to a variety of Galactic and
extragalactic observations, including stellar kinemat-
ics, ages and chemical properties. Recently, the stellar
populations in four nearby edge-on disk galaxies were
resolved [3], and it was confirmed that thick disks are
common features of spiral galaxies. Thick disk popu-
lations of all galaxies in this sample are old and rel-
atively metal rich, and no significant color gradient
with height above the plane (∆V −I/∆Z) is apparent.
These observations will provide further constraints to

our thick disk formation scenario, which we probe in
this study by examining how the ages and metallic-
ties of our simulated thick disk stars vary with height
above the plane.

Meanwhile, in a study of 34 edge-on disk galaxies
in the Hubble Deep Field [4], selected for apparent di-
ameter larger than 1.3” and unperturbed morphology,
it was shown that distant and local disk galaxies are
globally similar in their relative thickness or flatness,
as characterised by the ratio of scale-height to scale-
length (hz/hl). Disks at redshift z ∼ 1 are smaller,
in absolute value, than present day disk galaxies, and
have a flatness ratio, hz/hl, only slightly larger, by a
factor ∼ 1.5. We examine the evolution of our simu-
lated disk galaxy in the epoch which follows thick disk
formation, in light of these observations, to determine
whether a choatic thick disk formation epoch is con-
sistent with a galaxy whose structural parameters do
not evolve much since around redshift 1.

The galaxy presented in this conference proceeding
is the first of an ongoing study of a suite of simulated
galaxies, which will probe deeper into the issues pre-
sented here, and will be detailed in [5] & [6].

2. CODE AND MODEL

We analyse data from the simulated late type
galaxy from a previous study [2]. Our Galactic
Chemodynamical code, (GCD+), models the effects of
gravity, gas dynamics, radiative cooling, and star for-
mation in a self-consistent manner. Type Ia and
Type II supernova feedback are included, and we trace
the lifetimes of individual stars when monitoring the
chemical enrichment history of our simulated galax-
ies. Details of GCD+ can be found in [7]. We assume
that 1051 ergs is fed back as thermal energy from each
SNe. An adiabatic phase is applied to gas heated by
SNe II explosions.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1402



Figure 1: Density plots of the evolution of the distribution of stars (upper panels) and gas (lower), shown face on, of
the simulated galaxy between redshift z = 1.6 and z = 1.1.Axis are 100 kpc. This epoch is characterised by a series of
merger events.

Figure 2: Out of the plane direction (W) velocity
dispersion versus log stellar age (Gyrs), plotted as red
squares. Observations of solar neighbourhood stars are
also shown, taken from [9] (triangles with error bars) and
[11] (which selects for thin disk stars, “+” symbols). An
abrupt increase in velocity dispersion at ∼10 Gyrs is
apparent in the observations, and a similar abrupt
increase is apparent in the simulated galaxy at ∼8.5
Gyrs.

We use the semi-cosmological version of GCD+, with
an isolated sphere of dark matter and gas as initial
condition. Small scale density fluctuations are super-
imposed on the sphere, parameterized by σ8, which
seed local collapse and subsequent star formation.
Solid-body rotation is imparted to the initial sphere
to incorporate the effects of longer wavelength fluctu-
ations. For the model described here, the relevant pa-
rameters include the total mass (5×1011 M⊙), baryon
fraction (Ωb = 0.1), star formation efficiency, c∗=0.05,
spin parameter (λ = 0.0675), and σ8 = 0.5. We em-

ployed 38911 dark matter and 38911 gas/star parti-
cles.

3. RESULTS

Our final simulated galaxy has properties resem-
bling the Milky Way. The galaxy has a dominant, ex-
ponential (scale-length∼4.5 kpc), rotating disk com-
prising primarily young, metal rich stars. It also has
a low mass, low metallicity, pressure supported stel-
lar halo (for details see [8] , which examines the same
simulated disk galaxy).

3.1. Thick Disk Formation

The epoch of thick disk formation is depicted in
Figure 2, which shows density plots of the evolution
of the distribution of star particles (upper panels) and
gas (lower), shown face on, of the simulated galaxy
between redshift z = 1.6 and z = 1.1. Axis are 100
kpc. The velocity dispersion-age plot (Figure 1) pro-
vides evidence that our simulated galaxy has a thick
disk component, in close agreement with the velocity
dispersion-age relation for solar neighbourhood stars
[9], using data of [10]. The abrupt increase in velocity
dispersion corresponds to end of the epoch depicted
in Figure 2. This epoch, is by far the most chaotic
period in the galaxies evolution. At the beginning of
this epoch, at least four proto-galaxies of significant
mass exist. These building blocks are gas rich, with
combined gas mass of ∼2.4×1010 M⊙, compared with
stellar mass of ∼7.0×109 M⊙. By ∼ 9 Gyrs ago, a
single central galaxy has emerged.
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Figure 3: the relation of the metallicity ([Fe/H]) of our
simulated thick disk stars with height (kpc) above the
plane. Very little gradient is apparent.

Figure 4: log age versus height for the thick disk stars of
our simulated galaxy. There is no gradient apparent.

Our thick disk stars have metallicity [Fe/H]∼-0.5
out to 2 kpc from the plane (Figure 3). The nature of
thick disk formation ensures that our simulated thick
disk stars are old, and that there is little variation in
age with |Z| (Figure 4).

3.2. Evolution of structural parameters

The evolution of our simulated galaxy, in late
epochs after the disk has formed, is shown in Fig-
ure 5, where we plot the I-band luminosity at three
times, z = 0.72 (left panels), z = 0.46 (middle), and
z = 0 (right), both edge-on (upper panels) and face-on
(lower). The scale parameters of our disks can be mea-
sured by examination of radial and vertical luminosity
profiles, shown in the I-band in Figure 6 and Figure 7,
respectively. It is evident that these parameters have
not evolved much since the time that the disk galaxy
has settled down. The luminosity surface density pro-
files in Figure 6 & 7 are shown at redshifts z = 0.72 in
red, z = 0.46 in yellow and z = 0 in blue. We derive
scale-lengths and scale-heights by fitting exponentials

to these plots. The relative thickness to flatness can
be parameterised by the ratio of scale-height to scale-
length, hz/hl. This value is only larger by a factor of
∼1.2 in our simulated galaxy at z = 0.72 compared
with the present.

3.3. Merger Histories

We make now a statistical study of merger histo-
ries in a ΛCDM model with Ω0 = 0.27, λ0 = 0.73,
and H0 = 71 km s−1Mpc−1, using a P3M algorithm
[12], [13]. In our initial run, we simulated a comoving
cubic volume of size Lbox = 100 Mpc, using 1283 par-
ticles. The mass per particle was 1.801×1010M⊙. We
identified a region of size 30 Mpc × 35 Mpc × 28 Mpc
in which several Milky-Way-like halos formed. We
zoom-in by increasing the resolution of the code by 2
in each directions in the region of interest and rerun-
ning the simulation. This simulation has 2.5 million
particles, with mass per particle in the region of in-
terest of 2.251 × 109M⊙. This is sufficient to resolve
the relatively large building blocks which we are inter-
ested in. We have 58 halos with masses in the range
(0.5− 1.1)× 1012M⊙. We plot, in Figure 8, the aver-
age number of “building blocks” versus lookback time
for our 58 Milky Way sized dark matter halos. To
qualify as a “building block”, the merging sub-halo
must be ≥ 1010M⊙, add at least 4% to the mass of
the halo, and be merged to the largest (central) halo
by the next timestep. Thus, this plot summarises the
history the build up of Milky Way sized halos (see [5]
for details). A peak merging period around 10 Gyrs
ago, before a relatively quiescent final 7-8 Gyrs, is in-
dicated by our plot, and provide support to the disk
galaxy evolution scenario presented here.

4. DISCUSSION

The properties of disk galaxies have proven to be
difficult to accommodate within the favoured Cold
Dark Matter cosmological paradigm. Complex gas
processes involving energy feedback, for example from
quasars, supernovae and stellar winds, and multiple
gas phases, have proven difficult to model. yet these
processes appear to be crucial in the formation and
evolution of disk galaxies within the context of hier-
archical structure assembly. Here we report on a sim-
ulated disk galaxy, and match to recent observations
of local and distant (z ∼ 1) disk galaxies. In form-
ing our simulated galaxy, feedback and gas physics
proved crucial ingredients [8] in forming a realistic disk
galaxy. We now have have a suite of four simulated
disk galaxies, and the galaxy presented here will form
an extensive study of disk galaxy formation and evo-
lution ([5] & [6] ) as we build up a statistical sample
with which to interpret observations.
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Figure 5: We zoom in to axis of 40 kpc, and show the I-band luminosity plots of our simulated galaxy, both edge-on
(upper panels) and face on (lower panels). The flattened nature of the galaxy is apparent by the 1st panel. The galaxy
evolves relatively quiescently during the final 8 Gyrs.

Figure 6: I-band luminosity of the simulated galaxy
versus radius, in the galactic plane, taken at three
redshifts. The earliest timestep (z = 0.72, red) is taken
after significant mergers have finished. An intermediate
timestep (z = 0.46, yellow) and present (blue) are also
shown. The exponential nature of the disks between
5 − 15 kpc allows scale-lengths to be derived.

The simulated disk galaxy is shown to have a thick
disk component. This is evidenced by the velocity
dispersion versus age relation for solar neighbourhood

Figure 7: I-band luminosity versus height above the
plane. Symbols as for Figure 6. Exponentials are fitted
between 0.5 and 1.5 kpc to derive scale-heights.

stars (Figure 1). Our simulations indicate that the
thick disk is created in an epoch of of multiple merg-
ers of gas rich building blocks, during which a cen-
tral galaxy is formed [2], and it was shown that such
a scenario is consistent with present observations of
the Galactic and extragalactic thick disks. Recently,
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Figure 8: The average number of building blocks versus
lookback time (see text for details).

observations of four edge-on galaxies explored proper-
ties of their stellar populations as a function of height
[3]. All showed thick disks composed of red stel-
lar populations, which are old and metal rich. V −I
colour gradients were seen to be zero or slighlty pos-
itive. These observations do not support thick disks
which form through dissipative disk formation, accre-
tion from shredded satllites, or slow heating of the
thin disk. Heating through galaxy interactions more
than 3 Gyrs ago are not ruled out. In Figures 3 & 4,
we show the metallicity and age of the thick disk stars
in our simulated galaxy. We see that our thick disk
formation scenario results in stellar populations which
can match the observations. Although accretion from
galactic “building blocks” are involved in our model,
these accreted building blocks have high gas fraction.
Astration during and after murders, as well as ongo-
ing disspiative infall of gas, eliminates differences in
metallicity of original and accreting material. Thus
little metallicity gradient is seen in our simulated thick
disk. The rapid star formation in this epoch ensures
that thick disk stars are almost exclusively old, and a
lack of gradient with height.

In a study of 34 edge-on disk galaxies in the Hubble
Deep Field [4], galaxies out to redshift∼1 were shown
to have scale parameters similar to local disk galax-
ies. These parameters are characterised by the ratio of
scale-height to scale-length (hz/hl). Disks at redshift
z ∼ 1 are smaller, in absolute value, than present day
disk galaxies. However, their flatness ratio, hz/hl, is
only slightly larger, by a factor ∼1.5. We examine our
simulated disk galaxy from a time after the thick disk

formation epoch, when a late type galaxy has clearly
formed. We derive a value of hz/hl which is larger by a
factor ∼ 1.2 in our simulated galaxy at z = 0.72 com-
pared with the z = 0. Thus, even though a chaotic
period of merging which led to the emrergence of the
thick disk was involved in the birth of our simulated
disk galaxy, once a disk emerges, the global structure
does not evolve to a large extent. We found the disk
does get larger and slighlty flatter.
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Testing the Friedmannian Magnitude-redshift Relation with SNIa Data
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FRANCE

Standard cosmology is constructed upon the (generally implicit) assumption of the “large scale” homogeneity
of our Universe. Now, structures are observed at scales which become larger and larger as the observational
distances increase. However, the homogeneous Friedmann-Lemaitre-Robertson-Walker model remains a cosmo-
logical paradigm, and Friedmannian relations are usually used to work out the model, implicitly assuming that
the homogeneity assumption is valid at the studied scales. This has been the way the concordance (ΛCDM)
model came out from the analyses of the SNIa data. Since this model implies the validity of the Friedmannian
magnitude-redshift relation at the range of redshifts spaned by the supernovae surveys, it has been proposed
some years ago a very simple test of this possible validity, provided the SNIa should be confirmed as standard
candles. Since we can hope that the redshifts of the supernovae which will be observed in the years to come will
allow such a test to be performed, it would be interesting to find inside the SNIa community some collaborators
ready to perform the test.

1. The three observational pilars of the
standard Hot Big-Bang model

The standard Hot Big-Bang model is based upon
three observational pilars, of which the most common
interpretations have been thoroughly discussed in a re-
view paper published in 2003 by López-Corredoira [1].
We refer here to this author, even if some of the pos-
sible caveats proposed in his work seem too weak to
really shake the actual robustness of these pilars, as
far as our current scientific knowledge is involved.

1. The increasing with distance galaxy redshifts are
commonly interpreted as due to a recession of
the galaxies implying an expanding Universe.
This interpretation seems to be the robustest
available upon the market even if some authors
have proposed other ones.

2. The measured abundance of the light elements
is generally explained in the framework of the
standard Big Bang primordial nucleosynthesis.
Alternatives can be found in the literature, al-
though this model might be considered as the
best proposed up to now, besides some possi-
ble problems that might be or not solved in the
future.

3. The cosmic microwave background (CMB) is
mostly believed to be a relic of the early stage of
the Universe, when the photon decoupled from
the high energy primordial soup, that is ob-
served as a background with a perfect black-
body spectrum. By now, nobody has proposed
a satisfactory alternative scenario and therefore
the standard interpretation remains the best
one. However, López-Corredoira [1] points out,
for example, a possible problem arising from
the high energy cosmic rays. These are cur-
rently measured with energies up to 3.2 1020 eV,
which is, in the framework of standard physics

(another explanation has been proposed in the
framework of Scale Relativity [2]) beyond the
theoretical energy limit for particles traveling
for distances such as those separating powerful
galaxies, because of their interactions with the
CMB. Considering the robustness of the other
observations in favor of the standard interpre-
tation of the CMB in the Hot Big-Bang model,
it seems more clever to consider that this prob-
lem pertains to particle physics rather than to
cosmology.

2. The“concordance” ΛCDM model

The current program of a major part of the cos-
mological community is to determine a set of cosmo-
logical “constants” in the framework of a Friedmann-
Lemâitre-Robertson-Walker (FLRW) model of Uni-
verse incorporating an inflationary scenario.

• The Hubble Space Telescope (HST) provides ob-
servations allowing an estimate of the Hubble
constant H0.

• The deuterium abondance measured in Lyman
α clouds gives a value for Ωb.

• The abundance of rich clusters in large scale
structures leads to an estimate for σ8.

• Large scale weak lensing is a probe for ΩM and
w.

• The magnitude-redshift relation issuing from
the SNIa observations provides ranges for H0,
ΩM and ΩΛ

• The CMB Cl curve is used to put constraints
on 6 to 12 cosmological ”constants”, the num-
ber of constants depending on the cosmological
assumptions retained.
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A cross-correlation of all these results, and others
that cannot be cited here, an exhaustive review of
the cosmological field being beyond the scope of this
contribution, provides what is known as the concor-
dance or ΛCDM model, with the following values of
the main cosmological“constants” pertaining to this
model (see, e.g., [3]) :
H0 ∼ 70km/s/Mpc, Ωb ∼ 0.02h−2, Ω0 ∼ 1, ΩM ∼ 0.3,
ΩΛ ∼ 0.7, n ∼ 1, τ ∼ 0, etc.

2.1. Priors to the “concordance” model:

However, the “concordance” model is built with pri-
ors pertaining to the “standard” paradigm of cosmol-
ogy and which are:

• The FLRW metric of the Universe.
Since all isotropic, homogeneous, uniformly ex-
panding universes exhibit a FLRW metric [4],
their geometry can be caracterized by a finite
number of cosmological “constants”.
It is worth stressing here that the FLRW so-
lution implies, as an implicit assumption, that
global solutions to Einstein’s equations can be
physical, although we know that General Rela-
tivity is an essentially local theory. A lot of work
can be found in the literature (for a review see,
e.g., [6]) which discuss the validity of such an
approach. In the FLRW case, the stress-energy
tensor is averaged over a scale which is generally
neither precised nor probed. However, there is
currently no available mathematical definition
of a tensor average. Averaging is only math-
ematically valid for scalars. Therefore, Fried-
mannian relations must be used with great care
and should be considered as approximations and
systematically validated for the scale range to
which they are applied.

• The inflation assumption.
It implies a power-law primordial spectrum of
the density perturbations presumably generated
during an inflationary phase and assumed for
the analysis of the CMB temperature fluctua-
tions. Another rather generic prediction of this
paradigm is a strict spatial flatness of the Uni-
verse, implying Ω0 = 1. The current error bars
on Ω0 (Ω0 = 1.02±0.02 [5]) are still too large to
test this prediction, which might be more easy
to discard than to validate, since the prediction
is Ω0 = (strictly) 1.

2.2. Other theoretical alternatives

Other theoretical alternatives have been proposed
by different authors. The reader will find below some
among the most famous examples:

• Gaussian adiabatic fluctuations versus isocurva-
ture

• ΛCDM with a cosmological constant versus
quintessence

• vanishing versus non vanishing amount of grav-
itational waves

• vanishing versus non vanishing cosmic string
component

• etc.

3. The homogeneity assumption

“Large scale spatial homogeneity” is generally as-
sumed without any precision as to the scale at which
the Universe is supposed to become homogeneous.
However, large scale inhomogeneities can yield a ge-
ometry noticeably different from the one infered from
the homogeneous assumption, therefore invalidating
the use of Friedmannian expressions. Inhomogeneous
solutions to Einstein’s equations generally involve
cosmological functions of the coordinates rather than
cosmological constants as in FLRW solutions (see,
e.g., for a mere example, [7]).

As a consequence, the expressions or relations
retained to analyse data collected at any distances
must be carefully used, in particular those assuming
the “constance” of the cosmological “constants”.

But these expressions can be used to test some of
the features of the geometry of the Universe. This is,
in particular, the case of the FLRW expression for the
luminosity distance as a function of redshift and of
the three“constants” H0, ΩM and ΩΛ, which has been
initially retained to analyse the data of the SNIa [8, 9].

4. Use of the magnitude redshift-relation
to test some features of the geometry of
the Universe

The FLRW model implies the use of a relation for
the luminosity distance DL as a function of the four
parameters, z, H0, ΩM and ΩΛ. This is only valid if
the FLRW picture is confirmed as a good approxima-
tion for all the spaned values of z. The relation is the
following:

DL =
c(1 + z)
H0

√|κ| S
( √

|κ|
∫ z

0

[(1 + z′)2(1 + ΩMz′)

−z′(2 + z′)ΩΛ]−
1
2 dz′

)
, (1)
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Figure 1: Contours of constant m in the ΩM -ΩΛ plane.

for ΩM + ΩΛ > 1 S = sin and κ = 1 − ΩM − ΩΛ

for ΩM + ΩΛ < 1 S = sinh and κ = 1 − ΩM − ΩΛ

for ΩM + ΩΛ = 1 S = I and κ = 1 .
The apparent magnitude of a source at a given z

writes

m = M + 5 logDL(z;H0,ΩM ,ΩΛ) + 25. (2)

The proposed method, inspired from Goobar and
Perlmutter, 1995 [10] uses this expression to draw
contours of constant apparent magnitude on the
ΩΛ-versus-ΩM plane for different fixed redshifts. One
first selects, from the SNIa catalogs, three fair sam-
ples at sufficiently different redshifts, z1 < z2 < z3.
Sets of rather low redshifts can be used to try to find
out the scale of a possible transition to homogeneity,
usually expected above some hundred Mpc. For the
higher reached z3, this transition, if not found at
lower redshifts, may also be put to the test. Note
that the errors allowed for small redshift samples
used for this kind of analysis would be lower than for
high redshift ones.

The uncertainties in the measurements define three
strips between two contour lines for each allowed range
of ΩM and ΩΛ. The two first ones (z ∼ z1, z ∼ z2)
cross, thus defining a possible allowed region (dashed
rhombus in 1). The third strip (z ∼ z3) does or does
not cross this rhombus.

4.1. Possible missing of the rhombus

If the data produce the red case in Figure 1, where
the third strip does not cross the rhombus, the FLRW
magnitude-redshift relation might be discarded, at
least at the spaned redshifts.

As a consequence, one (or more) of the assumptions
retained to derive this relation must be removed:
either homogeneity, or the constance of the Cosmo-
logical Constant, or the universe expansion (but this
last seems the robuster one, being one of the three
pilars of the standard model of universe, see above

Section 1) etc.

4.2. Possible crossing of the rhombus

If the data yield the blue strip case of Figure 1, this
would imply a validation of the FLRW magnitude-
redshift relation at the spaned redshifts.

As a consequence, this would be rather good
support for the homogeneity assumption, for the use
of this method to obtain the value of ΩΛ and for its
interpretation as a real Cosmological Constant versus
quintessence.
Note that the “concordance” value ΩΛ ∼ 0.7 corre-
sponds to a theoretical prediction of the value of the
Cosmological Constant in the framework of the scale
relativity theory [2, 11].

But one should remain careful since it has been
shown that inhomogeneous cosmological models, with
or without a non-zero cosmological constant, can
mimic FLRW ones with a different value for Λ [7, 12].

5. Conclusion

• The current “concordance” model of the Uni-
verse is a very interesting product of crossed
analyses of the large amount of currently avail-
able cosmological data.

• We must however remain aware of its priors,
mostly implicitly assumed to derive the geome-
try and the dynamics of our Universe with those
methods.

• The Friedmannian magnitude-redshift relation
can be used as a test, using fair samples of SNIa
data at different redshifts to: i) determine the
redshift value of the possible transition from in-
homogeneity to homogeneity; ii) test the Cos-
mological Constant versus quintessence or other
hypotheses; iii) and more generally the FLRW
model at the spaned redshifts.

• It could be also an independent way of testing
the validity of the analysis of the fractal dimen-
sion of the galaxy distribution currently in pro-
cess [15], by comparing the values for this tran-
sition obtained by both methods.

One must however remain aware of the high de-
generacy of the cosmological exercise. When dealing
with only one Universe, many different answers can
be proposed to a given problem. The application of
Occam’s razor to discriminate between a number of
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abundant ideas, some of them very ingenious and ap-
pealing, is the usual and more economic way to ob-
tain at least an elegant, at most “the” right solution.
This is the reason why the proposed test retains a set
of very simple assumptions in the framework of Ein-
stein’s General Relativity. Of course, other interpre-
tations than those proposed in Section 4 can be put
forward to explain the results of the test. The high
degeneracy of the cosmological problem, here stressed
once again, alows each reader to choose among the
possible explanations the one which corresponds to
his (her) own taste, provided not too many epicycles
would be needed to construct his (her) model of Uni-
verse (do not forget Occam’s razor).

6. Prospects

To complete the proposed test we need:

• A validation of the SNIa as accurate standard
candles, actively in progress inside the SNIa
community [13, 14].

• The largest catalogs of photo-spectroscopic mea-
surements of SNIa from very low (needed for cal-
ibration) to sufficiently high redshifts that can or
will be found in the on-going or planed surveys:
the Nearby Supernovae Factory (SNfactory),
the Supernova Legacy Survey(SNLS), Equation
of State: SupErNovae trace Cosmic Expan-
sion (ESSENCE), the Supernova/Acceleration
Probe (SNAP), etc.

• A collaboration with the SNIa teams to use the
more recent data to perform a statistically ro-
bust analysis.
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[15] M. N. Célérier and R. Thieberger, “Constant frac-

tal dimensions of the galaxy distribution varying
by steps?”, this issue.

1403

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



Fractal Dimensions of the Galaxy Distribution Varying by Steps?
M. N. Célérier
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R. Thieberger
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The structure of the large scale distribution of the galaxies have been widely studied since the publication of
the first catalogs. Since large redshift samples are available, their analyses seem to show fractal correlations up
to the observational limits. The value of the fractal dimension(s) calculated by different authors have become
the object of a large debate, as have been the value of the expected transition from fractality to a possible large
scale homogeneity. Moreover, some authors have proposed that different scaling regimes might be discerned at
different lenght scales. To go further on into this issue, we have applied the correlation integral method to the
wider sample currently available. We therefore obtain a fractal dimension of the galaxy distribution which seems
to vary by steps whose width might be related to the organization hierarchy observed for the galaxies. This
result could explain some of the previous results obtained by other authors from the analyses of less complete
catalogs and maybe reconcile their apparent discrepancy. However, the method applied here needs to be further
checked, since it produces odd fluctuations at each transition scale, which need to be thoroughly explained.

1. Introduction

Standard cosmology is based on the assumption
that the Universe is spatially homogeneous, at least
on scales sufficiently large to justify its approximation
by a FLRW model.

However, the consensus on a homogeneous feature
of structures, even on very large scales, has never
been complete. At small separations, data worked
out using the correlation function method show a
correlation lenght r0 = 5h−1 Mpc and the galaxy dis-
tribution exhibits a fractal structure with dimension
D2 ∼ 1.2 [1]. The correlation integral method [2]
gives a fractal dimension slightly larger, D2 ∼ 1.3
to 1.5. At larger scales, the value D2 ∼ 2 has been
proposed [3] up to scales of at least 150h−1Mpc [4].
For review articles see Martinez, 1999 [5] or Wu,
Lahav and Rees, 1999 [6]. It has also been suggested
that three scaling regimes might be discerned [7].

At least, the value of the transition scale from in-
homogeneity to homogeneity needs to be tested [8, 9].

We use the more recent and complete three-
dimensional galaxy catalog, the Sloan Digital Sky
Survey (SDSS), to repeat older calculations and hope
to obtain more reliable results.

We leave out of the account some other issues
related to the galaxy case. These are source evolution
and cosmological effects [10–12]. They should be
considered in detail in some further study.

2. The correlation Integral method

As a first approach, we have chosen to use a charac-
terization of the structures of point sets which is given
by the correlation integral [13], defined as:

C2(r) =
1

N ′(N − 1)

∑
i

∑
j �=i

Θ(r − |Xi − Xj |) (1)

where Θ is the Heaviside function. The inner sum-
mation is over the whole set of N − 1 galaxies with
coordinates Xj , j �= i, and the outer summation is
over a subset of N ′ galaxies, taken as centers, with
coordinates Xi. By taking only the inner N ′ galaxies
as centers we allow for the effect of the finiteness of
the sample [4].

This characterization is also valid when the set is
not fractal. Therefore it seems appropriate to use
this approach to analyse galaxies considered as point
sets, provided the spaned scale range shows either a
fractal behavior or not.

We may interpret C2(r) as N (r)/N where N (r) is
the average number of galaxies within a distance r of a
typical galaxy in the set. As r goes to zero, C2 should
vanish as C2 ∝ rD2 . For computational purposes it is
more convenient to use the form:

log(C2) = CONST. + D2 log(r) (2)

The exponent D2 is the fractal dimension, neces-
sarily ≤ 3 for an embedding space of dimension three.
When D2 is different from three, the distribution is
fractal [14].
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Figure 1: D2 as a function of r, for small scales.
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Figure 2: D2 as a function of r, for larger scales.

3. The analysis

We use the publicly available SDSS data. After
appropriate eliminations we are left with 84k galaxies.
The rms galaxy redshift errors are estimated to be
about 30km/sec [15], therefore they are small for the
overall density fluctuations.

We assume H0 = 65 km/s/Mpc. Since our results
exhibit large error bars, the value of H0 is not too
important. Another choice would only shift h−1 the
transition scales.

Because of the large differences between the tran-
sitions from one dimension to another, we devide the
appropriate range into a large number of segments
and calculate D2 by the Procaccia-Grassberger
method [13]. To obtain a very rough estimate on the
region of transition, we check three points at a while.
It gives the values for D2 which are shown in Figures
1 and 2.

In the above figures, a step variation of the fractal
dimension D2 is obvious. This could explain why pre-
vious studies, limited in scale range, concluded to con-

stant fractal dimensions with different values. How-
ever, large fluctuations appear at each transition scale.
Then D2 decreases towards a fluctuating value and
rises again with large fluctuations at the next transi-
tion scale. The fluctuations are such that the fractal
dimension becomes larger than the limiting dimen-
sion three at each transition. This seems to point out
to some artefacts or bias due either to the employed
method or to the data sample. The interpretations we
propose are twofold.

3.1. First interpretation (tentative)

If one puts aside the low r results of Figure 1
because of the too unphysical values attained by D2,
one can use only the results of Figure 2 and proceed
to their following processing.

One devides the range from 0 to 200 Mpc into 256
segments. To obtain a rough estimate of the region
of transition, one first checks three points at a while.
This gives 128 values for D2 (see Figure 2). The
error on the average of the so obtained D2 is taken
as the error (more reliable than the (smaller) error
obtained from the direct least square fit), because the
distribution of these segment values is more Gaussian
than the total least square fit. This method tends
to give large errors on each segments but enables to
observe more clearly the trend. Then one calculates
the dimensions by using all the points to perform a
least square calculation.

To check these results, we used two different
amounts of inner points in the evaluation. Still we
kept in mind that all the points, including those
outer points which are at a distance used in our
calculations, should be within the measured range.
We also used, as the maximal distance considered,
three different values. In all the cases the transition
area remained the same. We then took an inner
region which is much larger so that some of the points
of the outer region are already in an area not covered
by the catalogue. For this case the results differed
considerably. We do not get a clear transition and
the dimension was on the average 2.3 ± 0.3. The
trend is obvious as less and less points are counted
from the total available points set we expect to get
more and more distorted results.

In Figure 3, a transition seems to appear between
two scaling regimes:
1.90 ± 0.03 , for 6 Mpc to 80 Mpc.
3.01 ± 0.04 , for 100 Mpc to 200 Mpc.

Between 80 Mpc and 100 Mpc the picture is not
clear, so that the transition might be somewhere
around 90 Mpc. In Figure 4, which is obtained by the
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Figure 3: The tentative D2 = 2 to D2 = 3 transition.
Taking the parameters of the least square fit for the
lower part and upper part, compared to the experimental
results (solid line).
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Figure 4: The tentative D2 ≈ 1 to D2 = 2 transition with
the same procedure as for Figure 3.

same method applied to the low r results of Figure 1,
another transition seems to appear between a D2 ∼ 1
and D2 ∼ 2 regime:
0.89 ± 0.01 for 2 Mpc to 4.5 Mpc.
1.93 ± 0.05 for 6 Mpc to 20 Mpc.

Between 4.5 Mpc and 6 Mpc the picture is also
not too clear. At the transition, the dimension in-
creases very dramatically. This might be interpreted
as an artefact resulting from the small difference in
r of neighbouring bins. But these low r analyses can
also be viewed as some confirmation of the prelim-
inary results obtained by [7] who found, for galaxy
separations up to about 5 Mpc a D2 dimension about
1.2 and for larger scales (out to about 30 Mpc, which
was the limiting scale of their study) a dimension of
about 1.8.

3.2. Second interpretation (seemingly
more robust, but to be confirmed)

Figures 1 and 2 show a similar behavior, with a
peak at the transition, then an (e−r)-like decrease
toward a constant value (with fluctuations above the
allowed value D2 = 3). When more data become
available, and with an analysis method more adapted
to the study of multi-fractal distributions, we might
be able to check whether this peak is actually an
artefact coming from our data analysis method (some
step behavior at each transition scale) or if it is due
to the data sample.

The D2 = 3.3 peak at 100 Mpc in 2 and the decrease
farther could be of the same nature: in this case, the
“true” value of D2 beyond 100 Mpc would not yet have
been reached at the limit of the study (200 Mpc) (it
might be ≤ 2.6), which could mean that the transition
to uniformity (D2 = 3) has not yet been reached at
these scales.

4. Conclusion and discussion

We use the publicly available data from the SDSS,
to complete an analysis of the fractal dimension of
the galaxy distribution, with the correlation integral
method.

We check scales up to 130 h−1 Mpc. We obtain an
obvious step variation of the fractal dimension D2.
This could explain why previous studies, limited in
scale range, concluded to constant fractal dimensions,
with different values.

Two possible interpretations of these results are
proposed:

• A rough mean square fit method gives i) up to
4.5 to 6 Mpc, a dimension of the order one, ii)
then a transition to a dimension of the order
two, iii) and between 80 and 100 Mpc, another
transition to a dimension around three.

• However, the variation of D2 with scales show a
peak at each transition (the fractal dimensions
at the peaks become larger than 3), then an
(e−r)-like decrease toward a constant value
(with fluctuations). This could be due to the
step behavior at the transition scale. The
transition to uniformity (D2 = 3) would thus
not yet have been reached at the largest studied
scales. Moreover, a transition to homogeneity
at 130 h−1 Mpc would be inconsistent with
the sizes of the largest structures seen in the
universe [16, 17]. Last, it would be interest-
ing to check if a variable with scale fractal
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dimension of the galaxy distribution might
be related to theoretical predictions proposed
as a consequence of a principle of relativity
of scales [18]: a transition to homogeneity
predicted around 750 Mpc and a multi-
fractal distribution with a dimension varying
by steps whose width might be related to the
organization hierarchy observed for the galaxies.

However, these large fluctuations, which appear
at each transition scale, seem to point out to some
artefacts due either to the employed method or to
the data sample. A way to discriminate between
the two possible reasons of the appearance of these
odd fluctuations would be to test the validity of
the application of the Grassberger and Procaccia’s
correlation integral method to a mutifractal distri-
bution by applying it to a set of mock catalogues
of galaxies, artificially constructed, with a known
fractal dimension varying by known steps. If the
runs of the here employed code reproduce the known
features of the distributions, it would suggest that
the artefacts might be due to the data sample
analysed here. We would therefore need a better
sample to go further on and, e. g., apply our method
to the next SDSS catalogue, presumably publicly
available in a very near future. If, on the contrary,
those runs are not able to reproduce the known
features of the distributions, it would suggest that
the artefacts might be due to the employed method,
and we would have to test other ones and find a code
better fitted to the study of multifractal distributions.
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425, 2003.
[18] L. Nottale, in Clustering in the Universe, Pro-

ceedings of the XXXth Rencontres de Moriond,
eds. S. Maurogordato, C. Balkowski, C. Tao, and
J. Trân Thanh Vân (Editions Frontières), 1995.

1404

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



SALT: a Spectral Adaptive Light curve Template
for Type Ia Supernovae
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We present a new method to estimate luminosity distances of Type Ia supernovae (SNe Ia) from their multi-color
light curves. The method was developed in view of analyzing the large number of SN Ia multi-color light curves
measured in current high-redshift projects such as ESSENCE or SNLS. The technique is based on modeling
SN Ia luminosity as a function of phase, wavelength, a shape parameter, and a color parameter. The model is
trained with a sample of well measured nearby SNe Ia and then tested with an independent set of supernovae.
We obtain luminosity distance estimates using U - and B-band data only, comparable in precision with those
obtained with B- and V -band data.

1. INTRODUCTION

Type Ia supernovae (SNe Ia) are a powerful tool
to study the evolution of the luminosity distance as
a function of redshift and to subsequently constrain
the cosmological parameters. SNe Ia are indeed very
luminous and “standardizable” candles, and have lead
to the discovery of the acceleration of the Universe
([12, 17]).

Although often described as an homogeneous class
of objects, SNe Ia exhibit variability in light curve
shapes, colors, intrinsic luminosity and spectral fea-
tures. Finding correlations among SN Ia observables
is motivated by improving the estimation of their in-
trinsic luminosity on an event by event basis, in order
to reduce the scatter in luminosity distance estimates.
Among the observed correlations between observables
related to photometric measurements are:

• a width-luminosity (or brighter-slower) relation,
which expresses the fact that brighter super-
novae have a slower decline rate than fainter
ones ([6, 13, 14, 16, 18]).

• a brighter-bluer relation which was made ex-
plicit in [11, 25, 26], and assumed to be due to
extinction by dust in other works ([1, 8, 12, 17,
19, 24]).

The case of the brighter-bluer relation is interesting.
Even if authors do not fully agree on the origin of
the effect nor on the strength of the correlation, most,
if not all, recent attempts to build a SN Ia Hubble
diagram have made use of color in their distance esti-
mator. [20] summarizes previous work on the subject
and proposes a way to reconcile divergent interpreta-
tions of data by taking into account the correlation
between light curve shape and color.

Other methods have also been recently proposed to
estimate luminosity distances (see for example [27]).
We propose here to parameterize the light curve model

with a minimal parameter set: a luminosity parame-
ter, a decline rate parameter and a single color param-
eter. Our approach will be to build a phenomenologi-
cal model of the expected SN flux, continuously vary-
ing with phase, wavelength, decline rate and color, in
order to capture all these features at once, and that
is easily applicable to high-redshift SNe Ia currently
measured in projects such as ESSENCE1 or SNLS2.
Particularly important for high redshift events, we re-
quire that our model predicts light curves for any band
located between U and R rest-frame since it is rather
common, in current experiments that one of the avail-
able bands of high redshift objects falls blue-wards of
B rest-frame. Also, since high redshift objects often
lack late-time photometric data (or have one of too
poor quality), we cannot rely on this data to estimate
color, as proposed in [9].

In section 2 we describe the semi-analytic model
used. We then describe how the coefficients of the
model are determined by iterative training based on a
set of well-sampled nearby SNe Ia from the literature,
and highlight some properties of the resulting model.
At this stage, the aim is to model multi-color light
curves and not to estimate luminosity distances. The
model is then tested in section 4 with an independent
set of SNe Ia in the Hubble flow to check its consis-
tency. A luminosity distance estimate is constructed
from the fitted parameters of the light curve model.
It is used to build Hubble diagrams successively from
(B, V ) and (U, B) pairs of light curves in order to as-
sess the precision of this approach.

1www.ctio.noao.edu/˜ wsne
2cfht.hawaii.edu/SNLS
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2. THE LIGHT CURVE MODEL

As already mentioned, we choose to parameter-
ize light curves (more precisely light curve pairs or
triplets when available) using a single luminosity, a
single shape parameter and a single color. The choice
among possible implementations is largely arbitrary.
We choose parameters which enable comparisons with
previous works:

• f0 : a global intensity parameter defined below,

• s : a time stretch factor as the decline rate indi-
cator [13]. In Goldhaber et al. [4], this param-
eter is shown to apply to the rising part of the
light curve as well. However, while the stretch
paradigm describes well the bright part of the B
light curve, it does poorly at late time. It also
fails to capture the shape variations in the other
bands. This is why our model uses the stretch
parameter as an index rather than the stretch
paradigm itself. As described below, by con-
struction our model follows exactly the stretch
paradigm in the B band.

• c = (B − V )max + 0.057, where (B − V )max

is measured at B maximum, and −0.057 is the
chosen reference color (Vega magnitudes) of a
SN Ia.

With these definitions, the expected counting rate
fSN at a phase p in a given pass-band T of a su-
pernovae at redshift z can be written:

fSN (T ) = v0 (1 + z)

(

d

dL(z)

)2

×

∫

φ(p, λ, s, c)
λ

h c
T (λ(1 + z)) dλ

where φ(p, λ, s, c) represents a benchmark supernova
energy flux per unit wavelength placed at some refer-
ence distance d� c/H0 from the observer, which may
vary with stretch and color. The transmission T (λ)
has then the dimension of an area times counts in the
detector per photon. v0 is the absolute luminosity ex-
cess (or deficit) of the supernova studied with respect
to the benchmark. Note that the potential extinction
by dust in the host galaxy is not explicit in the equa-
tion. Instead, we choose to incorporate it in the model
φ(p, λ, s, c). We will discuss this in more details.

In the following, we use a global normalization pa-
rameter f0 = v0(d/dL(z))2. This choice of parameter,
hiding the cosmological dependence of fluxes, is well
suited for light curve modeling without any consider-
ation on distances (for instance it can be applied to
supernovae that are not in the Hubble flow).

Building an average spectral template φ as a func-
tion of phase, wavelength, color and stretch from ob-
servations is complicated because of the inhomogene-
ity and incompleteness of published data. In order to

implement stretch dependent light curve shapes and
colors we therefore used the following approximation:

fSN (T ) = f0 (1 + z)

∫

φ(ps, λ)
λ

h c
T (λ(1 + z)) dλ

× exp [−0.4 ln(10)×K(ps, λT , s, c)] (1)

where ps ≡ p/s is a stretch-corrected phase. This
functional form defines the light curve model.

In 1, φ no longer depends explicitly on s and c, and
K(ps, λ, s, c) is a smooth “correction” function of our
four variables. λT is the central wavelength of the fil-
ter T . K enables one to implement light curve shape
variations that are more complicated than simple di-
lations of the time scale, along with stretch dependent
colors. As described below, K varies smoothly with λ;
this justifies placing it outside the integral over wave-
length.

While the functional form of T (λ) is determined
by optical transmission measurements its normaliza-
tion can be determined from the integrated flux fref

(deduced from the zero point) of a known standard
spectrum φref , via the relation

∫

φref (λ)
λ

h c
T (λ) dλ = fref (2)

The functions φ and K define the model. Once they
are determined, one can fit the supernova photomet-
ric data points, measured in a minimum of two pass-
bands, to estimate f0, s, c, and a date of B maximum
light, which is a nuisance parameter. With only one
passband, c must be held fixed.

For φ(ps, λ), we use a template spectrum assembled
by P. Nugent (Nugent et al. [10] and private commu-
nication) smoothed along the phase (time) axis, and
normalized as a function of phase to the B-band light
curve template “Parab -18” of Goldhaber et al. [4].
The empirical correction function K is implemented
as a sum of two polynomials:

K(ps, λ, s, c) = Ks(ps, λ, s) +Kc(λ, c) (3)

where we explicitly separate the corrections associated
with the parameters s and c to clarify their interpre-
tation. Ks(ps, λ, s) modifies the shape of light curves
and absorbs any stretch–color relation except for the
(B − V )max color. Indeed we want c to describe ex-
actly the (B − V )max color. Kc(λ, c) is then a color
correction as a function of wavelength and color. The
number of independent coefficients in the model is 34.
We will call “training” the determination of these co-
efficients from measurements of nearby SNe Ia.

3. TRAINING THE MODEL

Since f0 describes the observed luminosity in the B
band, the model only incorporates stretch-shape and
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stretch-color relations, but no correlation involving lu-
minosity. This option was chosen in order to allow us
to train the model with objects at unknown distances,
in particular the nearby objects in the sample of Jha
[7] measured in the U band. If one offsets all magni-
tudes of each training object by an arbitrary amount,
possibly different for each object, the resulting model
will not change. One may then consider incorporating
high redshift objects into the training, but we did not
do it here.

The model was trained and tested using a sample of
published nearby supernova light curves. We collected
122 SNe Ia for which B- and V -band light curves are
available in the literature, including data from Hamuy
et al. [6], Riess et al. [20] and Jha [7] for a total of 94
objects, and 28 additional supernovae collected from
various sources.

Objects were then selected based on two main cri-
teria. First, we kept supernovae with at least two
measurements before the maximum in the B or the
V -band. This is necessary to ensure that the date
of maximum is well defined and that the measure-
ments can safely be used as a function of phase. Out
of the whole sample, 56 SN satisfied this criterion.
Then under-luminous peculiar supernovae were re-
jected from our sample, but SN 1991T-like events were
kept. The resulting sample of 50 SNe was then split
into two sets: a training sample and a test sample.
The training sample (35 SNe) was used to adjust the
coefficients of the polynomial of the model. It con-
tains all the supernovae with redshifts smaller than
0.015 (not in the Hubble flow) and 6 supernovae at
redshifts above 0.015, for which with U -band data
was available, in order to improve the model in this
wavelength region. The test sample contains 26 su-
pernovae. The data was not pre processed in any way
prior to fitting. To account for the Milky Way extinc-
tion, we incorporate it into the instrument transmis-
sion, using the law from (author?) [3] with a color
excess E(B−V ) obtained from Schlegel et al. [22] dust
maps at the position of the object to fit.

All the published nearby supernova magnitudes are
expressed in the Johnson-Cousins UBV R system. In
Equation (1), we use models of the instrument trans-
missions as a function of wavelength. We adopted
the transmission functions published by (author?)

[2], and interpreted them as λ T (λ) (see equation 1),
i.e. counts per unit energy, following a footnote of
Suntzeff et al. [23].

Training the model consists in determining the
K(ps, λ, s, c) = Ks(ps, λ, s) +Kc(λ, c) correction func-
tion (Eq. 3) using the training sample data in the
UBV and R-bands. We start with a first guess:

Ks(ps, λ, s) = 0

Kc(λ, c) = c× (λ− λB)/(λV − λB)

and we use an iterative algorithm which can be
sketched as follows:
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Figure 1: The UBV R template light curves (from top
left to bottom right) obtained after the training phase for
different values of the stretch and null color.

1. Fit the light curves using the current determi-
nation of K.

2. Fit δK(ps, λ, s, c), an instance of the K function,
on the light curve residuals. During this step,
identify and remove the outliers data points.

3. K ← K + δK.

4. GOTO step 1, until δK becomes negligible.

3.1. Results of the training

The fit converged after four iterations. 2480 mea-
surement points were fitted, and 39 were discarded as
outliers (at the 3 σ level). Compared to the number of
free coefficients of the model, we can safely conclude
that the model is not over-trained. The standard de-
viation of the residuals to the model in UBV R are re-
spectively of 0.09, 0.09, 0.06, 0.07 magnitudes. Figure
(1) shows the final U , B, V and R templates obtained
at the end of the process as a function of stretch.
By construction, the rest-frame B and V -band mag-
nitudes at maximum do not vary with stretch. We
find a strong dependence of (U −B)max with stretch
(δ(U − B)max ' − δs, compatible with [7]), which
is an essential feature for the model to reproduce in
order to estimate a reliable color in the wavelength
range between U and B. The model also manages
to reproduce a a stretch-dependent secondary shoul-
der in the R-band. The k, stretch, and color corrected
light curves of SNe from the training sample are shown
figure 2 along with the model for (s, c) = (1, 0).

Figure 3 represents the color correction Kc(λ, c) for
c = 0.1 compared to the dust extinction law from (au-

thor?) [3]. Interestingly enough, the law we obtain
follows pretty well that of Cardelli except in the U -
band where we get a slightly stronger dependence on
c. As a consequence, we deduce that the relation be-
tween E(B-V) and E(V-R) are very similar (i.e. in-
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Figure 2: The k, stretch, and color corrected rest-frame
UBV R light curves from the training sample. The solid
curves represent the template light curves for
(s, c) = (1, 0).
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Figure 3: The color correction Kc as a function of
wavelength for a value of c of 0.1. The dashed curve
represents the extinction with respect to B-band,
(Aλ − AB), from (author?) [3] with RV = 3.1 and
E(B − V ) = 0.1.

distinguishable) to the ones expected from reddening
by dust. This similarity, noted by [20], does not prove
however that c can be interpreted as reddening by
dust; an additional requirement for this hypothesis to
be valid would be that the peak B-band magnitude
increases with c by a value of RB × c. We will see
that this is not the case in the next section. Let us
also emphasize that the stretch dependent part of the
U−B and V −R colors are included in the stretch de-
pendent term Ks(ps, λ, s), and not in the color curve
of fig. 3.

4. PERFORMANCE STUDY

Once the correction function K(ps, λ, s, c) is deter-
mined, we can fit the model on an independent sample
of nearby SN Ia light curves. This allows us to per-
form various consistency checks, in order to make sure

that the model describes well the UBV photometry
of SNe Ia.

One can define a rest-frame B magnitude m∗

B [13]

m∗

B = −2.5 log10

fSN (T ∗

B)

(1 + z) fref (TB)
(4)

where fSN and fref are respectively defined by equa-
tions 1 and 2, TB is the transmission of the B filter
and T ∗

B(λ) = TB(λ/(1+z)) is a redshifted B transmis-
sion. One can check that m∗

B varies as 5 log10 dL(z)
with redshift and that m∗

B → mB for z � 1, where
mB is the conventional B magnitude. We incorpo-
rate the Hubble parameter dependence of dL in a con-
stant parameter M70

B = MB − 5 log10 (h70), which is
the mean absolute magnitude of a SN Ia with s = 1
and c = 0, for a value of the Hubble parameter of 70
km.s−1.Mpc−1. Following Tripp [25], we adopt lin-
ear corrections of coefficients α and β respectively for
stretch and color to build a distance estimator:

m∗

B −M70
B − 43.16− α (s− 1) + β c (5)

Its expectation value for a supernova at redshift z is
5 log10

(

dL(z) H0c
−1

)

. In what follows we apply this
method to build low-z Hubble diagrams using succes-
sively (B, V ) and (U, B) light curves. Since our goal
is here to test the distance estimator rather than ac-
tually perform a cosmological fit, we impose the “con-
cordance” cosmological parameters (ΩM = 0.3 and
ΩΛ = 0.7) when fitting M70

B , α and β.

4.1. Hubble diagram in BV

Using all B and V -band light curves of supernovae
with redshifts larger than 0.015 from the test sample,
we obtain: M70

B = −19.40 ± 0.05, α = 1.47 ± 0.28
and β = 2.11± 0.35. The standard deviation of resid-
uals is 0.17 ± 0.03 3. Uncertainties on mB , s, c along
with their covariance were included in the fit4, we also
considered an uncertainty on redshifts due to pecu-
liar velocities of 300 km.s−1; an additional “intrin-
sic” dispersion of 0.15 is needed in order to get a χ2

per degree of freedom of 1. This value is quite small
and comparable with results obtained with other dis-
tance estimators. The observed brighter–slower and
brighter–bluer relations are shown figure 4.

Our approach to estimating distances easily com-
pares to the one adopted in [25]: the main differ-
ences are the light curve model and the brighter-slower

3Note that this number takes into account the number of
parameters in the fit. The measured RMS value is 0.15 ± 0.03.

4The uncertainties on the distance estimate formally depend
on α and β, and increase with them. As a consequence, the χ

2

minimum is biased toward large values of these parameters. We
therefore computed the uncertainties with the initial values, and
use the result of the fit at the final iteration.
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Figure 4: Residuals to the Hubble diagram as a function
of stretch s and color c indexes for supernovae of the test
sample fitted in B and V bands. SNe with redshifts
smaller than 0.015 are labeled with opened symbols.

parameterization. When we fit the same SNe sam-
ple (The Calán-Tololo sample from [5]), a value of
α = 1.04±0.24 and β = 2.08±0.27 are obtained, which
compare well to α = 0.885, β = 2.09 of [25], based on
peak luminosity, color, and decline rate estimates from
[5]. We conclude that our model correctly reproduces
basic parameter estimations of previous works.

Concerning the interpretation of the brighter-bluer
correlation, we find a value of β which is incompat-
ible with RB = 4.1, expected for extinction by dust
analogous to the observed law in the Milky Way. The
value we find is compatible with those found in pre-
vious works (see Tripp [25] and references therein).
However, as stressed in Riess et al. [20], the color ex-
cess (or deficit) at maximum should not be interpreted
as entirely due to extinction but be corrected for the
part of this excess that is correlated with stretch .
We measure a stretch-color slope of about 0.2, similar
to the relation proposed in Phillips et al. [15]6 and
can redefine our parameters to account for this cor-
relation (c′ = c + 0.2 (s − 1) and s′ = s), so that s′

and c′ are uncorrelated. The correlation coefficients
then become α′ = α + 0.2 β and β′ = β, which means
that redefining the color excess to explicitly assign to
stretch the color variations correlated to stretch does
not change the brighter-bluer correlation strength.

4.2. Hubble diagram in UB

We applied the same procedure as in the previous
section to fit the U and B-band light curves of the test
sample for which U -band measurements are available
and redshifts larger than 0.015 (7 supernovae). We
obtain M70

B = −19.36 ± 0.06, α = 0.8 ± 0.4, β =
3.3 ± 0.6, and the standard deviation of residuals is
0.13. Without any additional intrinsic dispersion, the

5
b = 0.52 translates to α ' 0.88 when using stretch and the

first order relation (∆M15 − 1.1) ' 1.7(1 − s).
6The proposed relation is dc

d∆M15
= 0.114± 0.037. With the

approximate relation d∆M15
dsB

' −1.7 (at sB = 1), we expect

dc/ds ' −0.2.
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Figure 5: 68% joint confidence regions for (α, β) fitted
using either UB or BV light curves of the test sample.
The crosses show the best fitted values with 1 σ
uncertainties.
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Figure 6: Residuals to the Hubble diagram as a function
of stretch s and color c indexes for supernovae of the test
sample fitted in U and B bands. The values of M ′

B , α, β
used here are those fitted using B and V bands as
described in the text. SNe with redshifts smaller than
0.015 are labeled with opened symbols.

χ2 per degree of freedom is of 0.7. As expected, these
results are consistent with the fit using B and V , as
shown by the confidence contours for α and β fitted
using either UB or BV light curves shown figure 5.
Figure 6 presents the residuals to the Hubble diagram
as a function of redshift, stretch and color using the
values of M ′

B , α, β fitted with B and V band light
curves in the previous section. Fitting the Hubble
diagram with the values of α and β obtained with B
and V -band light curves, the standard deviation of
residuals is 0.18± 0.05.

5. CONCLUSION

We have proposed a new method to fit broadband
light curves of type Ia supernovae. It allows us to de-
termine simultaneously the SN Ia rest-frame B magni-
tude at maximum, stretch and color excess (or deficit)
using any measured multi-color light curve within the
wavelength range of rest-frame U to R. In particular,
we have been able to estimate distances from rest-
frame U - and B-band measurements comparable in
precision with those obtained from rest-frame B- and
V -bands. This technique is particularly well suited
for the treatment of high-redshift SNe Ia for which
limited coverage is obtained in both wavelength and
phase.
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The k−corrections, which allow the observer to
transform the observed magnitudes into the stan-
dard rest-frame magnitudes are built-in; the model
includes the dependence on stretch and color of the
spectrum template needed to estimate those correc-
tions. In particular, the well-known correlation be-
tween (U −B)max and stretch is reproduced.

We have tested this fitting procedure on an almost
independent sample of SNe Ia. Using alternatively
BV and UB bands, we managed to retrieve consistent
parameters and hence build Hubble diagrams with
both sets of data. The dispersions about the Hub-
ble line were found to be 0.17 ± 0.03 and 0.13 ± 0.04
in the BV and UB bands respectively. The reader
may be surprised by the UB dispersion being smaller
than the BV one, but both dispersions are statisti-
cally compatible.

The BV dispersion is larger than the value of 0.12
obtained in Riess et al. [19] with the Multicolor Light-
Curve Shapes method (MLCS). However, it is smaller
than the value computed from the latest nearby sam-
ple in Riess et al. [21] which gives a value of 0.22 (com-
puted with SNe at redshifts 0.015 < z < 0.1 from the
”golden” sample in Table 5 of Riess et al. [21], also
analyzed with the MLCS method). This difference
may be due to the use of different training samples in
those two papers. Wang et al. [27] finds a weighted
dispersion of 0.08 with the CMAGIC method for a
sub-sample of SNe with Bmax − Vmax < 0.05. With a
weaker cut on color, Bmax − Vmax < 0.5, the disper-
sion rises to about 0.15, which is consistent with our
result. A more detailed comparison would require us
to perform the comparison on the same sample of SNe
(due to the limited statistics).

The (B−V ) and (V −R) stretch-independent colors
we obtain are extremely similar to the ones expected
from reddening by dust. The (U − B) color departs
from this law. We find a relation between (B − V )
color and observed B luminosity incompatible with
RB = 4.1, at more than 3 standard deviations, even
when accounting for the stretch–color correlation.
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Cosmology in the Very Local Universe - Why Flow Models Matter
Karen L. Masters
Department of Astronomy, Cornell University, Ithaca, NY, 14853, USA

While much of the focus of observational cosmology is on the high redshift universe it is important not to
neglect the very local universe as a source of cosmological information. The inner profiles and number counts
of low mass halos have provided the biggest stumbling blocks so far for ΛCDM. These small structures can
only be seen nearby. In the very local universe (cz < 3000 km s−1) the component of a galaxy’s redshift
which is due to motions under gravity can be comparable to (or even larger than) its cosmological redshift.
The distance to a galaxy as inferred from its redshift can differ by more than a factor of two from its actual
distance. Given that the mass and intrinsic size scale of a galaxy (among many other physical parameters)
depend strongly on distance, and that these peculiar motions are coherent over large regions of the sky, serious
biases can occur. While it is important to have accurate distances to local galaxies, it is not feasible to measure
a primary distance for every nearby galaxy. Instead, a velocity field model can be used to provide a first order
correction to the redshift distance. We report on a new sample of Tully-Fisher distances (the SFI++) which
is being used in combination with publicly available primary distances to model galaxy flows in and around
the Local Supercluster. This sample has ∼10 times as many tracers as were used for the current best model.
Initially a parametric model including infall onto multiple attractors will be used. Such models (which assume
spherical symmetry for the attractors) are not realistic representations of the true velocity field, but provide
useful first order corrections. We explore the typical errors in distances from such a flow model and how they
vary in different regions of the local supercluster by fitting the same parametric model to mock catalogs derived
from a constrained simulation of the volume. Non-parametric reconstructions of the velocity field will follow.

1. INTRODUCTION

Cosmology has entered a new era. Recently large
redshift surveys have been used in combination with
observations of the cosmic microwave background to
provide such strong constraints on the cosmological
parameters that many astronomers now consider cos-
mology ‘solved’ (eg. [17]), giving the concordance
model of ΛCDM in which the universe consists of
4% baryons, 26% dark matter and 70% dark energy.
Much of this information has come from studies of the
very high redshift universe - for example the WMAP
observations of the fluctuations in the cosmic mi-
crowave background [1], or the studies of high red-
shift Type Ia supernova that gave the first evidence
for dark energy [13], [14].

On the large scales ΛCDM has stood up extremely
well to observational tests. Its biggest challenges have
so far come from much smaller scales; for example in
measurements of the inner density profiles and num-
ber counts of low mass galaxies. Such observations
can only be done in the local universe, and therefore
are impacted by the uncertainty inherent in estimat-
ing distances in this region where Hubble’s law cannot
be used. There are many thousands of galaxies with
measured redshifts less than a few thousand km s−1,
so it is obviously not feasible to measure redshift in-
dependent distances to all of them. Flow models are
therefore the only was to provide unbiased distances
to these galaxies.

In this paper we will discuss the impact the local pe-
culiar velocity field has on cosmology, and the use of
simple flow models to estimate galaxy distances in the
local universe. In Section 2 we will describe the local
velocity field and the pattern of deviations from Hub-

ble’s Law. In Section 3 we will discuss an example of
the impact of ignoring peculiar velocities, specifically
on the inferred number counts of low mass galaxies. In
Section 4 we will introduce the SFI++, a new sample
designed to study the local velocity field. In Section 5
we provide a preliminary report on a test of distances
estimated using simple infall models, which is done
by fitting such a model to a mock catalog generated
from a constrained simulation of the volume. Section
6 provides a summary of the paper.

2. THE LOCAL VELOCITY FIELD

The uneven distribution of mass in the universe
gives galaxies deviations from Hubble flow (or peculiar
velocities) of the order 200-600 km s−1. In the local
universe cosmological redshifts are small, so these pe-
culiar velocities can dominate the observed recessional
velocity of a galaxy. Gravitational instability theory
in the linear regime in an expanding universe shows
that the peculiar velocity at any given point in space
is directly proportional to the gravitational potential.

v(x) =
2

3H0ΩM

fg(x) (1)

where the proportionality constant depends on cos-
mological parameters, and the factor f ∼ Ω0.6

M which
describes the rate of growth of structures. N-body
simulations have shown that these motions are domi-
nated by the infall of galaxies along filaments towards
the clusters which form at the intersections of fila-
ments.

Our nearest large cluster is the Virgo Cluster at a
distance of ∼16 Mpc away, and within the Local Su-
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Figure 1: A slice of the density field in the Supergalactic plane from the constrained simulations described in [12]. The
density field has been smoothed with a Gaussian of radius 4 Mpc. Contours are spaced at intervals of
δ = (ρ − ρ0)/ρ0 = 0.2. The mean density of the universe is shown by the thick solid line, while the magenta solid lines
show overdensities, blue dotted lines underdensities.

percluster (of size ∼30 Mpc) galaxies lie preferentially
in a plane, known as the supergalactic plane[3]. At
our location the infall velocity onto Virgo is vinf ∼200
km s−1, but this infall cannot account for all of the
v = 368±1.8 km s−1 peculiar velocity of the Local
Group in the CMB frame (as measured by COBE
and now WMAP [1]), largely because it points in a
direction ∼50◦ away from the direction to the Virgo
cluster. This and other observations of the motions of
galaxies in the local universe have revealed a flow in
a the direction towards the Hydra-Centaurus cluster
and Shapley Supercluster in the background (or the
“Great Attractor” region), as first suggested by [10].

The distribution of mass in a slice through the su-
pergalactic plane from the constrained simulations de-
scribed in [12] is shown in Fig 1, with the major
nearby concentrations of mass indicated. This slice
goes out in distance to cz = 8000 km s−1 and has been
smoothed with a Gaussian of radius 4 Mpc (H0 = 70
km s−1 Mpc−1 in the simulation).

3. THE MISSING SATELLITE PROBLEM

One of the largest discrepancies between observa-
tions and ΛCDM revolves around the “missing satel-
lite” problem. Numerical simulations in ΛCDM pre-

dict a value for the logarithmic slope of the faint end
of the halo mass function, α ∼ −1.8, while most recent
determinations of the optical luminosity function (LF)
in the local volume yield values of α that are signif-
icantly flatter. Complementary to the results on the
optical LF, several determinations of the local HI mass
function (HIMF) have likewise yielded relatively flat
faint-end slopes. The over-prediction of the number of
low mass objects relative to those actually observed is
considered one of the last remaining stumbling blocks
for ΛCDM, and points towards a new understanding
of the baryon physics of galaxy formation. It is ob-
viously desirable that all of the uncertainties in the
observed luminosity and mass functions be well un-
derstood.

To derive a luminosity (or mass) function from ob-
servational data, the sample selection effects must be
considered carefully. In most surveys, the lowest lu-
minosity (or mass) objects are only visible nearby,
and their contribution must be weighted accordingly.
Fractional distance errors can be large for relatively
nearby objects, and can thus have a very strong im-
pact on determinations of the faint end of luminosity
(or mass) functions. In particular, the derivations of
HIMFs have to rely on relatively shallow, wide area
surveys to detect low HI mass objects over a sufficient
volume, and are therefore most susceptible to uncer-
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Figure 2: Difference between input and reconstructed HIMFs for a mock HIPASS BGC survey [21], (shown are the
average of 10 simulations). The HIMF derived when “true” distances are used (blue circular points and dotted line),
along with the HIMF constructed when multi-attractor model distances are used (green triangular points and
long-dashed line) reconstructs the input HIMF within the errors (here typical Poisson counting errors are shown only
on the “true” distance points). When pure Hubble flow is assumed (red square points and short dashed line), the low
mass end of the HIMF is underestimated. The solid line shows the HIMF derived in [21], which differs from the input
by ∆α = 0.1.

tainties associated with distance errors in the nearby
universe.

In [11] we described simulations of the impact of ne-
glecting peculiar velocities on the derivation of HIMFs
from recent HI surveys. We showed that the HIMF
derived from the HIPASS Brightest Galaxy Catalog
[21] underestimated the slope of the low mass end of
the HIMF because of their use of Hubble’s law to esti-
mate distances to nearby galaxies (see Fig 2). HIPASS
is a HI survey of the southern sky. Nearby galaxies in
the south will systematically have their distances (and
therefore masses for a given HI flux) overestimated
if peculiar velocities are neglected, largely because of
their motion towards the “Great Attractor” region at
(RA, DEC) ∼ (13 hr, -35◦). This systematic effect
results in an underestimate of the number counts of
low mass galaxies as inferred from the HIMF derived
from this data.

The size of the bias is not nearly large enough to
explain the missing satellite problem, but it serves to
illustrate the point that without a good understand-
ing of the local peculiar velocity field mistakes can be
made which influence our understanding of cosmology
as a whole.

4. THE SFI++

The SFI++ is a sample of spiral galaxies with I-
band photometry and a combination of HI and Hα
spectroscopy suitable for use in the Tully-Fisher (TF)
relation (a relation between the absolute magnitude

and rotation velocity of a spiral galaxy). This sample
builds on the all-sky SFI (Spiral Field I-band) sample
([5],[6],[7],[8]) and contains much new I-band photom-
etry, HI and Hα spectroscopy in areas of the sky north
of -20◦. Data from the SFI has also been reprocessed
to provide a uniform sample. The SFI++ will pro-
vide Tully-Fisher distances for ∼ 5000 galaxies out to
cz = 10 000 km s−1. It is a diameter limited catalog,
with diameter limits which vary with the redshift of
the galaxy in a similar way to the SFI, except that the
minimum diameter limit for SFI++ is smaller. Fig-
ure 3 shows the preliminary sky distribution of the
galaxies in this sample.

A multiattractor model is being fit to a subset
of these Tully-Fisher distances (for galaxies within
cz =4000 km s−1) combined with a sample of ∼ 500
publicly available primary distances collected from the
literature. Primary distances provide lower errors for
individual measurements, but larger numbers of ve-
locity field tracers can be obtained using secondary
indicators like TF. This combination will provide the
best currently available sample to study the local ve-
locity field and represents a significant increase in the
number of velocity field tracers from what has pre-
viously been used. The multiattractor model should
not to be considered a realistic representation of the
local density and velocity fields, but will provide first
order corrections to galaxy distances estimated from
their redshifts. Non-parametric modeling of the ve-
locity field (e.g. POTENT [2]) which can provide a
more realistic picture will follow.
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Figure 3: The sky distribution of galaxies in the SFI++ sample centered at RA=12 hours. Galaxies are shown as blue
filled circles if they have a negative peculiar velocity, red open circles if they have a positive peculiar velocity. The lines
show the location of the Galactic plane.

5. TESTING MULTIATTRACTOR MODELS
ON CONSTRAINED SIMULATIONS

Numerical simulations in the ΛCDM paradigm and
redshift surveys have given us a consistent picture of
the filamentary large scale structure of the universe
in which the dominant motions of galaxies are that
of infall onto clusters along filaments. In light of this
picture the traditional infall models used to study the
velocity field of the Local Supercluster going back to
[16], and most recently used by [18] and [19] are at
best over simplifications and at worst simply wrong.
The assumption of spherical symmetry for attractors
is clearly an over simplification, even for a single clus-
ter like Virgo which is made up of many sub-groups,
let alone for a filamentary or pancake like superclus-
ter.

However, multiattractor models have many nice fea-
tures which leads to their continuing use. They are
simple to apply, and the non-linear approximation
of [20] (which is only valid for spherical masses) has
been shown to work reasonably well to overdensites
of δ ∼ 30 [4]. For a galaxy which has only a posi-
tion on the sky and a redshift, a multiattractor model
will provide a unique distance over much (if not all)
of its volume. A multiattractor model can in principle
have any number of spherical attractors which could
be combined to give more complicated mass distri-
butions, and other components, such as quadrupole
moments in the velocity field (perhaps from the tidal
influence of distant masses) are also easy to add. A

multiattractor model can also give you an idea of the
dominant sources of attraction in the local volume,
taking into account a combination of the total mass
and distance to the attractors.

Here we test the validity of a simple multiattractor
model as applied to a mock distance catalog gener-
ated from the Virgo Consortium’s publicly available
constrained simulations of the local universe [12]. We
test distance predicted from the best fit multiattrac-
tor model against the real distances in the constrained
simulation to see how well such a model can be used
to predict distances for galaxies in the local universe.

5.1. Mock Catalog of Distances

The mock catalogs used here are based on the con-
strained simulations described in [12]. These ΛCDM
simulations are designed to mimic the local density
and velocity field. Semi-analytic galaxy formation [9]
is grafted onto the N-body simulation to create galaxy
catalogs. We generate simple mock catalogs of dis-
tance indicators from these publicly available catalogs
by imposing a magnitude limit of mI = 12 and se-
lecting a random sample of ∼ 500 such galaxies with
cz < 4000km s−1. The sample is uniform over the
sky except that no galaxies are seen within 10◦ of the
Galactic plane. Gaussian scatter of width 0.2 mag is
added to the distance modulus to simulate 10% dis-
tance errors.
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Figure 4: Contours of constant heliocentric velocity in the supergalactic plane for the best fit multiattractor model of a
mock sample of distance indicators. The location of the mock galaxies used in the fit are also shown. Thin black
contours are places at 200 km s−1 intervals with the thick red contours every 2000 km s−1. The concentric green
dashed circles show pure Hubble flow with H0 = 70 km s−1 Mpc−1.

5.2. The Best Fit Multiattractor Model

We fit a multiattractor model to the mock distance
catalog described above. This model has a very simi-
lar functional form to that described in [18], except
that we use NFW profiles for the attractors. The
best fit model includes infall onto both Virgo, and
the “Great Attractor” region and a quadrupole com-
ponent to the velocity field which might account for
the tidal influence of external masses. Fig 4 shows
contours of constant heliocentric velocity in the su-
pergalactic plane from this model, along with the lo-
cations of the mock galaxies it was fit to.

5.3. Predicting Distances from a Flow
Model

A flow model gives you the peculiar velocity of a
galaxy at a given location. In order to use it to give
distances for galaxies with observed redshifts one must
invert it, and therefore solve an equation of the form
D = f(D, vobs, RA, DEC). We do this using Numer-
ical Recipes root finding algorithms. Galaxies which
are close to the location of attractors are assumed to
be in the attractor core. Galaxies in the triple values
regions (where three distances along a line of sight
have the same observed recessional velocity) are as-
signed to the central location, and the distance error
is inflated to bracket all three possible distances.

5.4. Flow Model Distance Errors

The use of a this flow model gives distance esti-
mates to galaxies to less than 5% accuracy over much
of the local volume. This is illustrated in Fig. 5 which
shows contours of the average percent error for dis-
tances estimated using the flow model. Fig. 6 shows
the same thing, but this time for distances estimated
using Hubble’s Law. Note that near the origin where
the absolute distance is small there will always be an
area where distances are overestimated by large per-
centages (it is not possible to underestimate distances
to galaxies which are very close by). The flow model
does not completeley correct for the area of systemat-
ically overpredicted distances in the direction towards
the “Great Attractor” region at (SGX, SGY) ∼ (-50,
20) Mpc, nor can it completely correct for the velocity
field in the direction towards Virgo at (SGX, SGY) ∼
(-3, 20) Mpc.

6. SUMMARY

We have argued that the local universe is an impor-
tant source for cosmological information, especially in
light of the fact that the two largest challenges still
faced by ΛCDM come from observations which are
only possible in the local universe.

Within a redshift of cz ∼ 4000km s−1 Hubble’s law
cannot be used to predict distances. We show, using
the example of the derivation of the HI mass function
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Figure 5: Contours of the mean percent error in
distances estimated using the multiattractor model for
galaxies within 5 Mpc of the supergalactic plane. Errors
are smoothed on a scale of 4 Mpc. The contour spacing
shows a 5% error with red solid contours being
overestimated distances, blue dahsed contours
underestimated.

Figure 6: As in Fig 5 except for distances estimated
assuming Hubble’s Law.

for galaxies in the southern sky, that if Hubble’s law is
used to derive distance serious biases can occur. This
work is presented in detail in [11].

We present the SFI++, and all-sky sample of ∼5000
spiral galaxies for which Tully-Fisher distances will be
available. This sample builds on the SFI sample of the
1990s ([5],[6],[7],[8]) and provides the best currently
available sample for studies of the local peculiar ve-
locity field. Initially a multiattractor model will be fit
to this data, more realistic modeling will follow.

We provide a preliminary report of work testing
the distances predicted the using commonly applied,
but simplistic multiattractor infall models. This work

makes use of the publicly available Virgo Consortium
constrained simulations [12], and fits a multiattractor
model to a mock sample of 500 galaxies with distances
measured to 10% derived from this simulation. The
best fit model includes infall onto both the Virgo clus-
ter, and Hydra-Centaurus (‘Great Attractor’) region,
as well as a small quadrupolar component to the ve-
locity field. Preliminary results suggest that this mul-
tiattractor model can be used to estimate distances to
better than 5% on average over much of the local vol-
ume, but care must be taken in the directions towards
both attractors.
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The long-range force gravity produces all unique structures in the universe. Such structures, called self gravitating systems 
(SGS), are thought to represent the basic nature of gravity. Since the gravity is long-range and unshielded, we cannot expect a 
naïve Boltzmann statistical mechanics, which is fully based on the additivity of conserved quatities such as energy and angular 
momentum. Therefore in this paper, we return to the very basic stand point and try to find out what kind of statistical 
mechanics is applicable for SGS. We especially emphasize the two properties often appear in SGS systems: the non-extensive 
property and the long-tails in various distribution functions. In order to determine which property is essential in statistical 
description of SGS, we study four kinds of statistical mechanics, possessing all the combinations of these two properties: (1) 
Boltzmann, (2) Fractal matter, (3) Renyi, and (4) Tsallis statistical mechanics. We use Akaike Information Criteria for their fair 
comparison.  We use the data of SDSS DR3 spectroscopic survey and apply the count-in-cell method. We conclude that only 
the Tsallis statistical mechanics properly describe the system. That is, both non-extensive and long-tail in distribution function 
are essential for SGS.   

 

1.  INTRODUCTION 

Large-scale non-linear structures in the Universe such 
as clusters of galaxies and voids have some universal and 
coherent properties reflecting the force gravity. The 
detail of such structures, called self gravitating systems 
(SGS), are systematically observed especially recently. 
Such large structures are apparently made mainly by 
gravity. Since the gravity is long-range unshielded force, 
SGS generally have the following unique properties:  
they have non-extensive properties, and they have no 
absolute equilibrium state, and long-tails are often 
observed in their various distribution functions. 
Therefore, of course, the ordinary Boltzmann statistical 
mechanics, fully based on the extensive property, cannot 
be applied to SGS in a naïve form. Faced upon this 
situation, we are force to reconsider the basics of 
statistical mechanics. Actually there are some 
generalizations of the formalism in statistical mechanics 
in various fields in Physics. For the moment, we would 
like to examine which basic property is essential, among 
various phenomenological theories of statistical 
mechanics, for correctly describing the universal 
properties of SGS.  

In our previous paper[1], we have tentatively explored 
the similar problem using the data set of CfAII South 
survey. Due to the smallness of the data set, we couldn’t 
conclude the definite answer. Though we have obtained 
the conclusion that the long-tail in distribution function 
is at least essential, we couldn’t sufficiently elucidate the 
non-extensive property. In this paper, we would like to 
obtain the definite answer applying the bland new data 
set of Sloan Digital Sky Survey DR3 spectroscopic 
catalog which includes enormous amount of galaxy data.  

We start our discussion from describing the count-in-
cell method, especially emphasizing on its generating 
functional. Then, using this formalism, we examine 
various statistical mechanics in comparison with 
observations.   

2. THE COUNT-IN-CELL METHOD AND 
THE GENERATING FUNCTIONAL ( )0f  

We characterize the galaxy distributions by using the 
count-in-cell method, in which the probability to find 
exactly N galaxies within the volume V ( )f N  becomes 
the central object. The most basic quantity would be the 
void probability ( )0f . This quantity has a rich 
information and all the higher quantity ( )f N  for 

1N ³ can be generated from ( )0f [2]. Actually, 
( )0f is the assembly of the co-probability that each 

galaxy is located as some particular location in space. 
The expression for the probability ( )f N  is given by  

 ( )
( )

(0)
N N

N

n d
f N f

N dn

-
º

!
,  (1) 

which we now derive in this section. In the above, n  is 
the mean number density of galaxies.  

Suppose a general statistical variable ( )xf , which is a 
field on the three-dimensional space. Most generally, the 
partition function  
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[ ]
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3
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V

V c

Z J J x x d x

J x x d x

W J

f
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é ù= -ê ú
ë û

= -

º

ò
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has all the information of the statistical property of 
( )xf . In the above the brackets represent the functional 

integral of the field ( )xf  (or the sum over all possible 

fluctuations=configurations ( ))xf , and ( )J x  is a 
source field which is a small probe from outside. The 
whole part of the cumulants or the connected correlation 
functions, denoted as the brackets with a suffix c, are 
defined by the above equation by some appropriate 
expansions.  

For our purpose, we now specify the field ( )xf  as 
discontinuous bare number density of galaxies:  
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Then the functional integration is reduced to the 
following multiple integration  
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since the distribution of galaxies at all the points 
{ }1 2 3 nx x x x, , , ... ,...  determines a field ( )xf . It is 
apparent that the probability of finding one galaxy within 
a small volume 3

1d x  around the space position 1x  

becomes ( ) ( )3 3
1 1 1 1P x d x x d xf= , and the joint 

probability of finding one galaxy within a small volume 
3

1d x  around the space position 1x  and the other within 
3

2d x  around 2x  would be  

( ) ( ) ( )3 3 3 3
1 2 1 2 1 2 1 2P x x d x d x x x d x d xf f, = , and so 

on.  
More useful, but complicated, quantity is the 

probability ( )0f  of finding no galaxy within a fixed 
volumeV . Suppose the volume V  is divided into small 
pieces { }1 Mv v, ..., , each of which is of order v V M= / . 
Then this void probability is expressed as  
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In the above, the quantity ( )( )1 m mx vf- is the co-

probability that a galaxy is located around mx . Taking 
the continuous limit M ® ¥  with fixed V , and 
therefore ( ) ( )2 2O Mv O V M= / , the void probability 

simply reduces to  
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Similarly, the probability of finding one galaxy within 

a small volume 3
1d x  around the space position 1x  and 

finding no other galaxies is given by  
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In the same way, the general probability 

( )1 0NP x x, ..., ;  for finding N galaxies at around each 

N points and no other galaxies is given by  
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These quantities should be clearly distinguished from 

( )1 NP x x, ..., , which is the probability to find N 
galaxies without mentioning the existence of other 
galaxies. This probability is given by the expansion of 
the partition function [ ]Z J :  
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That is, in general,  
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On the other hand, our probability is more directly 

related with ( )1 0NP x x, ..., ; , which can be expressed 

as  
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Actually the probability of finding exactly N  galaxies 
within the volumeV  is given by  
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If we factor out the mean number density n  from the 
density field ( )xf  as ( ) ( )( )1x n xf d= + , where 
( )xd  denotes deviation from the average, then we have  
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and similarly  
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Using this form and Eqs.(6) (12), we finally have the 
compact expression   

( )
( )

( )0
NN

N

n
f N f

N n

- ¶
=

! ¶
,             (15) 

which we now apply in the following arguments.  
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3. VARIOUS THEORIES OF STATISTICAL 
MECHANICS 

In this section, we apply the following four theories of 
statistical mechanics classified by (non)-extensive 
property and the long tails of the associated distribution 
function.  

 
Table1. Four models of statistical mechanics are 

compared. All the combinations of the two basic 
properties are exhaustively included.  
Theory  Extensive?  Long-tail? 
Boltzmann  Yes No 

Fractal  No No 

Renyi Yes Yes 

Tsallis No Yes 

 

3.1. Boltzmann statistical mechanics 

We first consider a simple model in which the galaxy 
distribution is supposed to obey the ordinary Boltzmann 
statistical mechanics with grand canonical ensemble. It is 
apparent that the genuine Boltzmann statistical 
mechanics is not suitable for the galaxy distributions. 
Therefore let us introduce a possible small deviation 
from it, and consider the virial parameter b  which 
measures the deviation from the dynamical-equilibrium. 
Then we have the following expression for the pressure   

(1 ).pV NT b= -                 (16) 
The distribution function of void is defined to be the 

probability of finding no galaxy in any part of the 
volume V [3],      

(1 )(0) .N bf e- -=                 (17) 
As is explained in the previous section, this is the 
generating functional of the general probability ( )f N  
the probability of finding N galaxies in the fixed volume  
V [2][1].  

3.2. Fractal model  

Motivated by the fact that various observational data 
suggest that the matter distribution in the Universe shows 
fractal nature, we investigate a simple mono-fractal 
distribution ( a  beeing the fractal dimension) model with 
the ordinary Boltzmann statistical mechanics.  
Reminding the number N nV= depends on the scale 
r in this fractal model, the void probability is given by   

2

(0) exp[ ].
( 1)
2

N
r

f e n

a ap
a

-= = -
G +

              (18) 

 
 

3.3. Rényi Statistical Mechanics  

Rényi statistical mechanics is a generalization of the 
ordinary Boltzmann statistical mechanics by introducing 
a new form of entropy. 

[ ]
1

ln .
1

q
i

i

S p p
q

æ ö÷ç= ÷ç ÷÷çç- è øå      (19) 

This Rényi entropy reduces, in the limit 1q ® , to the 
ordinary Boltzmann entropy.  Because of the extensive 
property of this form, the total entropy of N galaxies is 
simply expressed as the sum of all the entropies of a 
single galaxy: 

.N galaxyS sN=       (20) 

The distribution function is given by  

( )( ){ }
1

1
, 1

1
,q

N E E E
q

N N
T

p m
-

= - - -
-

- (21) 

which maximizes the above Rényi entropy. This has a 
long-tail with power-law shape.  

The void probability is given by  
( ){ } 1(0) 1 1 .f q Ns -= + -      (22) 

We note that, since the effect of the change in the 
parameters can be absorbed into the change in the 
parameter q , this probability is essentially independent 

of s .  

3.4. Tsallis Statistical Mechanics   

Tsallis proposed a non-extensive entropy [4] 

[ ]
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q q
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-
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å .     (23) 

When we compose two independent systems A and B, 
the total Tsallis entropy satisfies the non-extensive 
relation: 

( )1B BA B A AS S S q S S+ = + + - ,    (24) 

as is easily shown from the above entropy form. The 
distribution function  

° ( )( ){ }
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1 q
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= - - -
X

-
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maximizes the above Tsallis entropy. In the limit 1q ® , 
this expression reduces to the ordinary Boltzmann 
distribution as previously. 

Since the theory is non-extensive, the total entropy of 
N galaxies is given by 

{ }1 (1 ) 1

1

N

N galaxy

q s
S

q

+ - -
=

-
.     (26) 

Using this non-extensive property, we obtain the final 
void probability as  

( ){ }

( ){ }[ ]
1

1(0) 1 1

1 ln 1 1 .
q

q

N
qf q s

N q s
-

-
-= + - ´

+ + -

    (27) 
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4. COMPARISON WITH OBSERVATION 

We use the observational data of SDSS DR3 
spectroscopic catalog. (http://www.sdss.org/dr3) It is 
amazing that this data set includes 374,767 galaxies and 
the spectroscopic area is 4188 square degree. This is 
sufficient amount of data for us to select appropriate 
theory of statistical mechanics, as we will see soon.  

In order to cleanly apply the count-in-cell method, we 
need large extension of special volume for a single cell. 
Moreover, for the uniform data set excluding the 
boundary region of the total observation region, we use 
only the data region RA 150 - 210 degree and  DEC 45 – 
67 degree. From the magnitude-redshift diagram (Fig. 1), 
we choose the lower limit of the absolute magnitude -

37.83 and the redshift distance z < 0.16. This constructs 
a volume limited sample. K-correction is also included. 

 
Fig. 1: A diagram of absolute-magnitude v.s. 

redshift distance. The red line is the detection limit of 
the observation.  
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4.1. Boltzmann Statistical Mechanics 

If we apply the Boltzmann statistical mechanics to the 
SDSS data set, we obtain the value b=0.98 as the best fit 
for ( )0f  within this theory. This fact ( 1b » ) means the 
observation does not allow the generalization of genuine 
Boltzmann statistical mechanics toward the deviation from 
the dynamical equilibrium. We fix this b and plotted the fit 
for higher probabilities in Fig. 2.  
 
Fig.2. Various probabilities in Boltzmann statistical 
mechanics. Dots are calculated from the SDSS 
observations.  
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4.2. Fractal model 

If we apply the fractal model to SDSS data set, the 
fractal dimension a turns out to be 2.48a = . Various 
probabilities are plotted in Fig.3. 
 
Fig.3. Various probabilities in fractal model. The 
fractal dimension is 2.48a = .  
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4.3. Rényi Statistical Mechanics 

If we apply the Rényi statistical mechanics to the SDSS 
data set, we obtain the parameter value 0.97q = . as the 
best fit for ( )0f  within this theory. This fact ( 1q » ) 
means the observation does not allow the generalization of 
genuine Boltzmann statistical mechanics holding the 
additivity. We fix this q  and plotted the higher 
probabilities in Fig. 4.  
 
Fig.4. Various probabilities in Rényi statistical 
mechanics. The best parameter is 0.97q = .  
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4.4. Tsallis Statistical Mechanics  

If we apply Tsallis statistical mechanics to the SDSS 
data set, we obtain the values 1.84q = -  and 0.0081s =  
as the best fit for ( )0f  within this theory. We fix these 
parameters  and plot the higher probabilities in Fig. 5.  
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Fig.5. Various probabilities in Tsallis statistical 
mechanics. The best fit parameters are 1.84q = -  and 

0.0081s = .  
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5. COMPARISON OF MODELS USING AIC  

In the above, we have studied four kinds of statistical 
mechanics, in which the number of free parameters are 
different from each other. Despite this fact, we need a fair 
measure to choose the most appropriate theory of 
statistical mechanics to describe galaxy distributions. For 
this purpose, we introduce the Akaike Information Criteria 
(AIC)[5], in which the theory with much more number of 
parameters is imposed penalty. AIC measure is defined as   

 
10(# datapoints) (1 log 2 (variance))

2 (1 number of free parameters)

A IC p= ´ +

+ ´ +
, (28) 

and the better model has the smaller AIC measure.  
 
Fig.6. The AIC measure for various theories. We have 
used all the data ( ) ( ) ( )0 , 1 , ..., 9f f f . The bet fit is 
always the Tsallis statistical mechanics.  
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 From the result in Fig.6., it is apparent that the Tsallis 

statistical mechanics always has the smallest AIC measure, 
i.e. the most appropriate theory. Therefore we conclude 
that both the non-extensive property and the existence of 
long-tail in distribution function are essential for 
describing the distribution of galaxies.  All the other 
theories of statistical mechanics, with only a single 
property at most, have been rejected by SDSS analysis.  

The next step toward our problem would be to clarify 
the physical nature of these two properties and the 
theoretical justification of Tsallis statistical mechanics as 
well as the derived values of parameters. We would like to 
report these analysis soon in separate publications.  

 
 This work is supported by Japan Grants-In-Aid for 

Scientific Research 15740169 (Wakate B).  
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Type Ia supernovae (SNe Ia) currently provide the most direct evidence for an accelerating Universe and for the
existence of an unknown “dark energy” driving this expansion. The 5-year Supernova Legacy Survey1 (SNLS)
will deliver ∼1000 SN Ia detections with well-sampled g′r′i′z′ light curves. Using this definitive dataset, we
will obtain a precise measurement of the cosmological parameters (Ωm, Ωλ); our goal is to determine the
cosmological equation of state parameter “w” to a statistical precision of ±0.07, testing theories for the origin
of the universal acceleration. In this proceeding, we summarize the progress made during the first full year of
the survey operation.

1. Introduction

The Hubble diagram for high-redshift Type Ia su-
pernovae (SNe Ia) provides the most direct current
measurement of the expansion history of the universe
– and hence the most direct evidence for an accel-
erating expansion. The “first generation” of SN Ia
cosmology work developed a systematic approach to
this measurement [Riess et al. 1998, Perlmutter et al.
1999] that led to astonishing results ruling out a flat,
matter-dominated Universe. This indicated the pres-
ence of a new, unaccounted-for “dark energy” driving
the cosmic acceleration.

One of the most pressing questions in cosmology
now is: “What is the dark energy that causes this
acceleration?”. There are fundamental differences be-
tween a Cosmological Constant and other proposed
forms of dark energy (see Peebles and Ratra [2003]
for a comprehensive review). The distinction can
be addressed by measuring the dark energy’s average
equation-of-state, <w>=<p/ρ>, where w=−1 corre-
sponds to a Cosmological Constant – current mea-
surements of this parameter (e.g., Knop et al. [2003],
Tonry et al. [2003], Riess et al. [2004]) are consistent
with a very wide range of dark energy theories. The
importance of improving measurements to the point
where w=−1 could be excluded has led to a second-
generation of SN cosmology studies: large multi-
year, multi-observatory programs benefiting from ma-
jor commitments of dedicated time. These “rolling
searches” find and follow SNe over many consecutive
months of repeated wide-field imaging, with redshifts
and SN type classification from coordinated spec-
troscopy.

The five-year CFHT “Supernova Legacy Survey”
(SNLS) is one such ambitious project. It is made
of two components: an imaging survey to detect su-
pernovae and monitor their light curve and a large

1see http://cfht.hawaii.edu/SNLS/

Table I SNLS field locations

Field RA (J2000) DEC (J2000)

SNLS-D1 02:26:00.00 −04:30:00.0

SNLS-D2 10:00:28.60 +02:12:21.0

SNLS-D3 14:19:28.01 +52:40:41.0

SNLS-D4 22:15:31.67 −17:44:05.7

spectroscopic survey to identified supernova candi-
dates and measure their redshifts. The imaging sur-
vey is built on the Canada-France-Hawaii Telescope
(CFHT) Legacy Survey conducted in 4 SDSS filters
(g′r′i′z′), utilizing an imager field three times larger
than used in the next largest survey, with around
twice as much time devoted to the survey. The spec-
troscopic survey requires observations on the world’s
largest (8-10 meter class) telescopes, because of the
faintness of distant supernovae. SNLS will provide the
biggest improvement in the determination of the dark
energy parameters achievable over the next decade,
using an order-of-magnitude larger statistical sample
(i.e. ∼700) of SNe in the redshift range z=0.3-0.9
where w is best measured. With this sample, we aim
to answer the key question: Is the dark energy some-
thing other than Einstein’s Λ?

2. Survey overview

The SNLS survey began in June 2003 (with a pre-
survey period from March 2003) using the queue-
scheduled one square-degree imager “megacam” on
CFHT. In a typical month, each available field (Ta-
ble I) is imaged on five epochs in a combination of
g′r′i′z′ (r′i′ are always observed; g′z′ are arranged
according to the lunar phase), each of the observa-
tions spaced 4-5 days apart (∼3 days in the SN rest-
frame). Each field is typically searched for 5 contin-
uous months, giving around 20 “field-months” in a
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given calendar year – and consequently high-quality
and continuous light-curves for each SN candidate
lasting many months (Fig. 1).

On a given night, data is taken, pre-processed
(using the CFHT-developed data processing sys-
tem1), aligned, psf-matched and candidates located
and placed in our database within 12 hours, al-
lowing a rapid prioritisation for spectroscopic fol-
lowup. The spectroscopic time comes via an interna-
tional collaboration, with allocations on Gemini (60
hours/semester), VLT (60 hours/semester) and Keck
(3 nights in the “A” semester for coverage of the
northern-most D3 Groth Strip field).

The amount of successful spectroscopic follow-up
performed will define the success of SNLS, and with
many hundreds of candidates to select from every
month, locating probable SNe Ia (and rejecting AGN
and other variable objects) is essential. We have de-
veloped a SN photometric redshift technique which
performs a light-curve fit to 2-3 epochs of multi-band
real-time data, and returns a probability that the can-
didate is a SN Ia, as well as predictions of redshift,
stretch and phase. This technique is very successful;
since it was implemented our SN Ia fraction is around
80%, with an excellent agreement between photomet-
ric and spectroscopic redshift.

3. Current Status

As of December 2004, SNLS has located ∼650 SN
candidates, with ∼140 spectroscopically identified as
SNe Ia and ∼30 core-collapse SNe. We currently
obtain an average of 11 spectroscopically confirmed
SNe Ia per month; at this current rate ∼700 SNe Ia
will be spectroscopically identified over the 5 years of
the survey ending in 2008.

The detection of new SN candidates is done using
two independent real-time analysis pipelines which an-
alyze the data as it arrives from Mauna Kea at the
CFHT headquarters. Detection are performed by sub-
tracting an image to a reference one computed by
stacking previous images of the same field. The two
pipelines produce lists of candidates, and magnitudes,
in about 4–6 hours, and agree quite well down to about
i′AB = +24.5 (redshift about 1 for a typical SNIa).
The key element of these pipelines is matching the
point spread function of an exposure to a reference
image. This is done using the Alard algorithm [Alard
and Lupton 1998, Alard 2000] for one of the pipelines,
and using a non-parametric approach for the other one
[Pritchet 2005]. A complication is the large (∼ 1.5
arcmin) dithering pattern that is used to “fill in” the
two 80 arcsec wide gaps in the MegaCam mosaic. This

1http://www.cfht.hawaii.edu/Instruments/Elixir/

prevents the use of a chip-by-chip analysis of the mo-
saic, because much of the area of each CCD chip would
be lost because of the dithering. Instead it is neces-
sary to “align” each individual exposure of a sequence
to an astrometric reference frame, prior to combining
and PSF-matching.

Figure 2 displays the cumulative number of SN dis-
covered to December 2004 and the predicted num-
bers to the survey mid-point. This data set will form
the largest and most homogeneous high-z SN sample
available over at least the next decade. Our current
number-redshift (N(z)) distribution (together with
some predictions based on published high-redshift
SN Ia rates and our spectroscopic efficiency) is shown
in Fig. 3. This distribution is well understood in terms
of our spectroscopic selection function, coupled wih
incompletness at high redshift.

Follow up of already detected supernovæ is per-
formed on the same image thanks to the wide field of
view of the MegaCam camera. This greatly improves
the building of light curve photometry compared to
previous measurements where photometric follow-up
had to be performed on different telescopes and in-
struments. Photometry and calibration pipelines are
operational in Canada and France. We are currently
investigating both the internal photometric alignment
and the external photometric calibration – both are
critical for an accurate determination of w. Inter-
nally, after Elixir data-processing, the 36 chip array is
photometrically aligned to ∼0.01 mag in all 4 filters,
and internal colour-terms appear negligible. As we are
continually observing the same four deep fields, an in-
ternal field-to-field calibration of better than 0.01 mag
is achievable. Beyond the internal calibration, we are
in the process of defining a “natural megacam” sys-
tem onto which we will place our SN photometry;
in the meantime an overlap of the D2 field with the
SDSS data release allows a calibration of our data onto
the SDSS system beyond that obtained by observing
SDSS secondary standards.

Figure 4 shows our preliminary Hubble diagram,
constructed from SNe observed up to July 2004 and
for which at observations could be performed in at
least 2 bands, corresponding to either U + B, B + V
or U+B+V rest frame. Points reported on the graph
are stretch and color corrected.

4. Discussion

The 700 well-measured SNe Ia, together with an Ωm

prior known to ±0.03 (i.e. 10%), will allow us to deter-
mine w to a statistical precision of ±0.07, distinguish-
ing between w>−0.8 and w=−1 at 3σ. Clearly, with
700 SNe Ia, controlling (and understanding) system-
atics in the SN sample is of the utmost importance.
Our rolling search with multiple filters (g′r′i′z′) will
generate the first large high-z SN Ia dataset with
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Figure 1: A selection of real-time light-curves in the g′r′i′ filters for confirmed SNe Ia discovered over the period
April–December 2004, demonstrating the quality of typical light-curves in the survey. At any given lunar phase
candidates at maximum light are available for follow-up programs. For clarity only around a third of the SNe Ia
followed during this period are shown.

Figure 2: The survey progress as of December 2004. The main panel shows the number of SN candidates, spectroscopic
observations, and SNe Ia for the 18 month of the survey. The inset shows predicted numbers to the survey mid-point
based on the last six months of the survey.

complete colour coverage throughout the lightcurves
(see Fig. 1), enabling comprehensive extinction stud-
ies since all the SNe are sampled over a wide, rest-
wavelength baseline. Additionally, the narrow galaxy
emission and absorption lines detectable with spec-

troscopy of SN+host, plus the extremely deep ground-
based optical coverage due to the rolling-search (and
some HST coverage), provide valuable constraints on
host galaxy stellar populations, and allow construc-
tion of SN sampled based in different host galaxy
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Figure 3: The measured N(z) of the SNe Ia distribution compared to simple predictions based on the search limiting
magnitudes and completeness, and the spectroscopic efficiencies of the survey. The dot-dash line shows the predicted
number of SNe Ia candidates detected as a function of redshift; the solid line shows the expected distribution of
confirmed SNe Ia after one year based on the amount of spectroscopic time available and our follow-up strategy.

Figure 4: Preliminary SNLS 1st year Hubble diagram for SNe observed from the start of the survey up to July 2004.
Also shown are the predictions for a flat universe with Ωm = 0.2 (solid line) and Ωm = 1 (dotted line).
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classes (e.g, presumed “dust-free” ellipticals). Thus,
SNLS will provide the biggest improvement in the de-
termination of the dark energy parameters achievable
over the next decade.
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We investigate the impact of environment on metal absorption observed in the Lyman α forest. Weak Civ

absorption in spectrum of Q1422+231 is searched for using pixel correlation techniques in regions of the spectrum
close to and far from galaxies at z ∼ 3. This is achieved both using strong Civ absorption as a proxy for the
presence of galaxies near the line of sight and by using the positions of observed Lyman break galaxies. We find
that much of the carbon abundance is dependent not only on the Hi optical depth and so gas overdensity but
also proximity to highly enriched regions. Furthermore, most Civ absorption detected appears to be far from
galaxies. This will improve constraints on models of feedback and the evolution of the intergalactic medium
and galaxy formation.

1. INTRODUCTION

The spatial distribution of metals in the intergalac-
tic medium (IGM) is a central indicator for feedback
and galaxy formation since metals are not produced in
situ in the low to moderate density IGM. Widely dis-
tributed metals are indicative of widespread and early
feedback, whilst if metals are limited to the halos of
galaxies, late feedback or inefficient mixing is implied.

The pixel correlation search for metals in the IGM
in its simplest form involves collating Lyman α forest
pixels in quasar absorption spectra and pairing them
with the pixels where absorption by a chosen metal
species is expected [1], [2]. In this case we search for
absorption by triply ionized carbon (1548Å, 1551Å)
- the most readily observed metal species seen in the
Lyman α forest. A variety of techniques are employed
to minimise contamination and maximise the infor-
mation derived in order to arrive at a dependence be-
tween neutral hydrogen optical depth and apparent
CIV optical depth.

Information regarding the redshift and density de-
pendence of this enrichment has been derived using
this search method and we modify it for the purpose of
inclusion of environmental factors. We search for weak
CIV both near and far from strong CIV absorption
lines and both near and far from Lyman break galaxies
(LBGs). This search is performed on the absorption
spectrum of Q1422+231, observed with the HIRES
instrument on Keck I. As with previous searches for
CIV using this spectrum the absorbing gas considered
is between 2.9 < z < 3.6.

LOS

Marker pixels in LOS

Pixels in LOS 
within  ∆υ km/s of 
marker pixels

LBG

Figure 1: An illustration of the separation of the pixels
into markers for LBGs near to the line of sight (LOS),
the sample of pixels within a velocity ,∆υ, of these
markers and the sample of pixels corresponding to the
rest of the spectrum.

2. TWO SAMPLES OF PIXELS

Strong CIV absorption in quasar spectra is believed
to be correlated with galaxies close to the line of sight
(LOS). The absorption seen in a number of quasar
spectra has been compared with the redshifts of LBGs
at small angular separations [3]. They conclude that
where LBGs are particularly close to the LOS (within
∼ 0.5h−1 Mpc comoving) the strongest Civ systems
(NCIV

>
∼ 1013.5cm−1 or peak τ ≈ 0.8 − 0.9) are seen

and that most systems found through line fitting are
within 2.4h−1 Mpc comoving of an LBG. Q1422+231
is the highest signal-to-noise spectrum in their sample.

We use strong CIV absorption as a proxy for galax-
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Figure 2: τLyα - apparent τCIV relation for 10 simulated spectra derived using the two sample pixel correlation search
for CIV. The curves shown are medians from the 10 spectra. The sample corresponding to pixels from the
environments of galaxies are 10% of the total.

ies close to the line of sight. We take such pixels to
be markers and separate our sample of HI-CIV pixel
pairs into two sub-samples: those within a veloctiy,
∆υ, of these markers and the rest of the pixel pairs
[6]. This is illustrated in Figure 1.

Where the optical depth of CIV pixels is above some
threshold level, τCIV,Thresh, this pixel is flagged as a
marker and pixels within ∆υ of this are searched for
weak CIV absorption. The marker pixel itself is re-
jected from the search in order to avoid any difference
between the two samples resulting from a trivial con-
sequence of the search method. To further strengthen
this claim we discard pixels within 30kms−1 of marker
pixels (redward and blueward) and thus discard any
contribution from the broadened wings of these strong
CIV lines.

We have also used the redshifts of previously ob-
served LBGs [4] near the line of sight to Q1422+231.
LBGs within a chosen distance of the line of sight are
used to separate the full sample of pixels into those
within a velocity, ∆υ, and the rest of the pixels.

3. STRONG CIV ABSORPTION AS A
PROXY

There are too few systems of peak τCIV
>
∼ 0.8 in

an observed sample of one QSO absorption spectrum.
However, we use the claim that other Civ lines found
are close to LBGs and so while the markers may not
be the same systems as LBGs, they are expected to
be in their vicinity.

For a given ∆υ we choose the τCIV,Thresh to provide
a given fraction of pixels. Shown here are the results
from a search with 10 % of pixels in the environment
of strong CIV for both the spectra of Q1422+231 and
the simulated spectra. For ∆υ = 600kms−1 this is
provided by a τCIV,Thresh = 0.44.

This search method is tested with 10 simulated
spectra [5] with overall and density dependent abun-
dance consistent with pixel searches for gas along the
line of sight to Q1422+231. Although the simulated
spectra were formed with a scatter in the metallicity
that matches previous observations, the scatter is not
spatially dependent. It is apparent from Figure 2 that
this search method does not distinguish between the
two samples for the simulated spectra to a significant
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Figure 3: τLyα - apparent τCIV relation for Q1422+231 derived using the two sample pixel correlation search for CIV.
Strong CIV absorbers are used as a proxy for nearby galaxies The sample corresponding to pixels from the
environments of galaxies are 10% of the total. The relation for all pixels is shown for comparison.

degree. This is as expected since the simulations do
not contain patchiness and further supports our claim
that this search method is sensitive to such patchiness.

The relation between apparent CIV optical depth
and Lyman α optical depth is shown in Figure 3 for
the IGM along the line of sight to Q1422+231. Using
strong CIV markers the results of a search for weak
CIV absorption is shown for both samples near and
far from LBGs. For comparison the search results for
the full sample of pixels is also shown.

It is apparent that we have succeeded in selecting
two classes of objects since the relation between CIV
and HI absorption differs significantly for the two sam-
ples. The difference is larger than may be explained as
merely an artifact of the search method. This is con-
sistent with observations that a large scatter in the
[CIV/HI] is seen [5], [6] and indicates that this scatter
may, in part, be a result of proximity to galaxies.

The observed metal enrichment is not confined to
those regions near strong CIV absorption and so it
does not appear that the enrichment is limited to the
vicinity galaxies. This result is, however, dependent
on the assumption that all galaxies near the line of
sight are located using this technique.

The difference between the search for pixels far from
galaxies and the full sample of pixels is small. Our un-
derstanding of the properties of the low-to-moderate
density IGM away from galaxies may need to be ad-
justed by even small changes in the τLyα - apparent
τCIV relation. This result may also weaken limits on
the already poorly constrained volume filling factor of
metal enriched gas [7], [6] which is highly sensitive to
the curve at τLyα ∼ 3.

4. LBGS AS MARKERS

We also use a more direct approach for the inves-
tigation of regions in proximity to galaxies by tak-
ing redshifts and impact parameters of LBGs near
Q1422+231 previously observed [4]. Again we sep-
arate our sample of pixels into two depending on
whether the velocity offset from the nearest marker
pixel is smaller/greater than ∆υ.

In Figure 4 we take ∆υ = 600kms−1 and a distance
of 2.4h−1Mpc comoving. This comoving distance from
LBGs is the scale for which it is claimed [3] that most

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1414



Figure 4: τLyα - apparent τCIV relation for Q1422+231 derived using the two sample pixel correlation search for CIV.
Positions of LBGs close to the line of sight (LOS) are used as markers for the separation of pixels into two samples.
The relation for all pixels is shown for comparison.

of the Civ they detect are seen. 7 LBGs with corrected
redshifts from Lyman α emission, interstellar lines or a
combination of both are within this distance from the
line of sight. These parameters result in 13% of pixels
falling into the sample pixels in the environments of
LBGs.

Using LBG positions as markers there is only a
small, statistically insignificant difference in the CIV
enrichment of the two samples. There may be a con-
tradiction here since it has been claimed [3] that CIV
absorption is correlated with LBGs in excess of that
expected from large scale structure and clustering. We
find there is clearly much Civ in regions away from
known LBGs. This may be resolved by a difference in
selection effects; they find that as much 4/5 of LBGs
in the vicinity of Civ absorption systems may be ab-
sent from their catalogue due to the photometric selec-
tion criteria. Perhaps more significantly, we find more
weak Civ absorption using the pixel search method
and much of the absorption seen far from LBGs may
be weak.

5. SUMMARY

• The abundance of carbon in the intergalactic
medium is not only a function of density and
redshift but also a function proximity to highly
enriched regions.

• The observed signal is not an artifact of the
search method as indicated by the use of sim-
ulated spectra.

• Where observed LBGs are used as markers to
separate our sample of pixels into two, these
samples do not appear to reflect different classes
of absorbers.

• Using observed LBGs and highly enriched re-
gions, it would appear that weak Civ absorp-
tion is not only limited to regions in proximity
to galaxies.
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We use a series of ray-tracing experiments to determine the magnification distribution of high-redshift sources
by gravitational lensing. We determine empirically the relation between magnification and redshift, for various
cosmological models. We then use this relation to estimate the effect of lensing on the determination of the
cosmological parameters from observations of high-z supernovae. We found that, for supernovae at redshifts
z < 1.8, the effect of lensing is negligible compared to the intrinsic uncertainty in the measurements. Using
mock data in the range 1.8 < z < 8, we show that the effect of lensing can become significant. Hence, if a
population of very-high-z supernovae was ever discovered, it would be crucial to fully understand the effect of
lensing, before these SNe could be used to constrain cosmological models.

1. INTRODUCTION

High-redshift supernovae have become a major tool
in modern cosmology. By measuring their appar-
ent magnitudes, we can estimate their luminosity dis-
tances dL (see [1, 9, 10], and references therein). Since
the relationship between dL and the redshift z de-
pends on the cosmological parameters, observations
of distant SNe can constrain the cosmological model.
Prior to the announcement of the WMAP results [2],
observations of high-z SNe provided the most com-
pelling evidence of the existence of a nonzero cosmo-
logical constant.

The luminosity distances dL are determined by
combining the observed fluxes F with estimates of the
SNe luminosities L. Uncertainties in dL are caused by
uncertainties in L, because SNe are not perfect stan-
dard candles. The flux F is much easier to measure,
but for distant sources the value of F might be al-
tered by gravitational lensing cause by the interven-
ing distribution of matter. For instance, a positive
magnification would result in a increase in F , and an
underestimation of dL.

2. THE ALGORITHM

We have developed a multiple lens-plane algorithm
to study light propagation in inhomogeneous universes
[5–8]. In this algorithm, the space between the ob-
server and the sources is divided into a series of cubic
boxes of comoving size 128 Mpc, and the matter con-
tent of each box is projected onto a plane normal to
the line of sight. The trajectories of light rays are
then computed by adding successively the deflections
caused by each plane.

To use this algorithm, we need to provide a descrip-
tion of the matter distribution along the line of sight.
Matter is divided into two components: background
matter and galaxies. We use a P3M algorithm to sim-
ulate the distribution of background matter. The sim-

ulations used 643 equal-mass particles and a 1283 PM
grid, inside a comoving volume of size 128 Mpc. The
matter distribution in the different cubes along the
line of sight then corresponds to the state of the sim-
ulation at different redshifts.1 We then use a Monte
Carlo method for locating galaxies into the compu-
tational volume [4, 6]. Galaxies are located accord-
ing to the underlying distribution of background mat-
ter. Morphological types are ascribed according to the
morphology-density relation [3]. Galaxies are mod-
eled as nonsingular isothermal spheres, with rotation
velocities and core radii that vary with luminosity and
morphological types. In Figure 1, we use a series of
zooms to illustrates the dynamical range of the den-
sity distribution generated by this method.

3. THE RAY-TRACING EXPERIMENTS

We consider 3 cosmological models: (1) a flat, cos-
mological constant model with Ω0 = 0.27, λ0 = 0.73,
and H0 = 71 km/s/Mpc. This model is in agree-
ment with the results of the WMAP satellite [2]. (2)
a low-density model with Ω0 = 0.3, λ0 = 0, and
H0 = 75 km/s/Mpc. (3) a matter-dominated model
with Ω0 = 1, λ0 = 0, and H0 = 75 km/s/Mpc. For
each model, we consider sources at 5 different red-
shifts: zs = 1, 2, 3, 4, and 5. For each combination
model-redshift, we performed 10–20 ray tracing ex-
periments. Each experiment consists of propagating a
square beam of 101 × 101 = 10, 201 rays back in time
from the present to redshift zs, through the matter
distribution. The rays in the beam were widely sepa-
rated, by 6 arc minutes, and therefore sampled differ-
ent regions of space. We computed the magnification
matrix A along each ray. The magnification µ is then

1In practice, we combine cubes from different simulations in
order to avoid periodicities along the line of sight.
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Figure 1: Series of zooms illustrating the dynamical range of the algorithm. Small dots represent P3M, dark matter
particles. Large dots represent actual galaxies.

given by

µ =
1

det A
. (1)

Figure 2 shows the distribution of magnifications for

the Λ-model. The distribution peaks at µ < 1, and
is strongly skewed. The width of the distribution in-
creases with the source redshift. The distributions for
the other two models are qualitatively similar.
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Figure 2: Distribution of magnifications for the
Ω0 = 0.27, λ0 = 0.73 model. The various curves
correspond to different source redshifts zs, as labelled.

Figure 3: Standard deviation σµ versus redshift, for all
three models considered. The solid lines show empirical
fits of the form σµ = az/(1 + bz).

4. THE EFFECT OF LENSING ON
STATISTICS OF HIGH-Z SUPERNOVAE

Estimating the effect of lensing on the statistics of
high-z supernovae is a complex problem, and we defer
such analysis to future work. Here we use a simple ap-
proach. First, for each model and each source redshift,
we compute the standard deviation σµ of the magni-
fication distribution P (µ). The values are shown in
Figure 3. We use an empirical fit of the form

σµ =
az

1 + bz
. (2)

This enables us to estimate the values of σµ at any
redshift.

We estimate the effect of lensing as follows: the
distances of high-z supernovae are reported in the lit-

Figure 4: Ratio δµ/δa versus redshift. The dashed lines
separate the real data of Tonry et al. (left side) from the
mock, high-redshift data (right side).

erature as:

log(dLH0) = a± δa , (3)

where dL is the luminosity distance, H0 is the Hubble
constant, a is the measurement, and δa is the intrinsic
uncertainty (i.e. not caused by lensing). The distance
dL is related to the luminosity L and flux F by

F =
L

d2
L

. (4)

After eliminating dL, we get

L1/2H0 = 10a10±δaF 1/2 . (5)

The effect of lensing will be to modify the flux F . To
account for it, we replace F by F±∆F in equation (5),
and expand to first order in δa and ∆F . After some
algebra, we get

log(dLH0) = a± δa ± ∆F
2F ln 10

. (6)

The last term represents the effect of lensing. We then
make the approximation ∆F/F ≈ σµ, and get

log(dLH0) = a± δa ± δµ , (7)
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Figure 5: Hubble diagram showing the magnitude
deviation ∆(m−M) relative to an empty universe, for
the three models considered. In the top panel, the three
curves, from top to bottom, show the analytical result for
the cosmological models (Ω0,λ0)=(0.27,0.73), (0.3,0.0),
and (1.0,0.0), respectively. The last three panels
reproduce the data of the top panel, but have been
corrected to account for lensing. Since this correction is
model-dependent, the three models are plotted on
separate panels. Error bars show 90% confidence level.

where δµ(z) = σµ(z)/2 ln 10 is computed using the
empirical relations plotted in Figure 3. We use the
values of a and δa reported by Tonry et al. [10] (their
Table 8). In Figure 4, we plot the ratio δµ/δa versus z
(left of the dashed line). This quantity increases with
redshift, but never gets higher than 0.5 for the Tonry
et al. sample. Furthermore, we shall assume that
δa and δµ are statistically independent, and combine
them in quadrature, using

δ = (δ2a + δ2µ)1/2 , (8)

Figure 6: Same as Figure 5, but the panels have been
extended to include the mock data (four rightmost data
points).

where δ is the total error. The contribution of lensing
to this error is then of order 25% at most.

The top panel of Figure 5 shows a Hubble diagram
[deviation ∆(m −M) relative to an empty universe,
versus redshift], obtained by averaging the data in red-
shift bins, using

wi = 1/δ2i , (9)
[∆(m−M)]j = Σiwi∆(m−M)/Σiwi , (10)

δj = (1/Σiwi)1/2 , (11)

where the sums are over all data points i in bin j.
The three curves, from top to bottom, show the ex-
act results for the ΛCDM, low-density, and matter-
dominated models, respectively. The results support
the flat ΛCDM model and exclude the other models
considered.
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The other panels of Figure 5 show the effect of
lensing (the three models have to be plotted sepa-
rately, because the correction due to lensing is model-
dependent). This effect is totally negligible. The
largest correction to the error bars is about 10% for
the highest redshift bin, for the ΛCDM model.

Clearly, the potential error introduced by lensing is
negligible in comparison to the intrinsic error in the
measurement, at least for SNe at redshifts z < 1.8.
The next step is to estimate the effect on a yet-
undiscovered population of very-high-z SNe. We gen-
erated a mock catalog of 43 SNe in the range 1.8 < z <
8. We assume that the values of a are consistent with
a ΛCDM model, and the values of δa in that range are
comparable to the ones in the range 1.5 < z < 1.8.

The ratios δµ/δa are plotted in Figure 4. The ef-
fect of lensing rapidly becomes important at redshift
z > 2. Figure 6 shows the Hubble diagrams of Fig-
ure 5, which have been extended to higher redshifts to
include the mock data. The error bars get significantly
bigger when lensing is included. Furthermore, at red-
shift z ≈ 3, it becomes very difficult to distinguish
the open, low density model from the cosmological
constant model.

5. SUMMARY AND CONCLUSION

We have performed a series of ray-tracing experi-
ments using a multiple lens-plane algorithm. We have
estimated the standard deviation of the magnification
distribution with source redshift, for three different
cosmological models. Using this relation, we have es-
timated the effect of lensing on the statistics of high-
redshift supernovae. The errors introduced by lensing

are unimportant for SNe with redshift z < 1.8. How-
ever, the effect of lensing on a hypothetical population
of SNe at redshifts z > 1.8 could be very important,
and must be understood before these SNe could be
used to constrain cosmological models.
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Spectroscopy of QSO absorption lines provides essential observational input for the study of nucleosynthesis and chemical evo-
lution of galaxies at high redshift. But new observations may indicate that present chemical abundance data are biased due to
deficient spectral resolution and unknown selection effects: Recent high-resolution spectra reveal the hitherto unperceived chemi-
cal nonuniformity of a molecule-bearing damped Lyman-alpha (DLA) system, and the still ongoing H/ESO DLA survey produces
convincing evidence for the effect of dust attenuation. We present a revised analysis of the H2-bearing DLA complex toward the
QSO HE 0515–4414 showing nonuniform differential depletion of chemical elements onto dust grains, and introduce the H/ESO
DLA survey and its implications. Conclusively, we aim at starting an unbiased chemical abundance database established on
high-resolution spectroscopic observations. New data to probe the temperature-redshift relation predicted by standard cosmology
and to test the constancy of fundamental constants will be potential spin-offs.

1. CHEMICAL UNIFORMITY AT HIGH Z?

In stark contrast to many interstellar lines-of-sight in the
Milky Way or the Magellanic Clouds, high-redshift DLA
systems usually appear to be chemically uniform [1]. But
despite their chemical uniformity, for any redshift the ob-
served metallicities are different by up to two orders of
magnitude [2].

The known DLA systems make a heterogeneous popu-
lation involving very different physical environments – a
very unfavorable precondition for tracing nucleosythesis
and the chemical evolution of galaxies. But the physical
environments of molecular clouds are less diverse. In fact,
for the known H2-bearing DLA systems the metallicity-
redshift distribution may exhibit less variation than for the
regular DLA systems [3].

Molecular hydrogen is detected in DLA components ex-
hibiting high particle densities and low kinetic tempera-
tures [4, 5]. The metallicity of DLA systems is usually
calculated by averaging ad hoc radial velocity intervals,
i.e. by averaging several absorption components. But the
depletion of chemical elements in H2-bearing components
may surpass the average by up to one order of magnitude
[4, 5]. Moreover, narrow components arising from cold
gas are blurred in the usually complex absorption profiles.

In fact, high-resolution (55 000) and exceptionally high
signal-to-noise (90-140) spectra of the H2-bearing DLA
system toward the QSO HE 0515–4414 indicate the hith-
erto unperceived chemical nonuniformity of individual
metal absorption profile components, similar to the inter-
stellar lines-of-sight intersecting Galactic warm disk and
halo clouds (Figs. 1, 2). In addition, for the H2-bearing
components the calculated [6] fraction of iron in dust of

98 percent is close to that of Galactic cold disk gas. Is
the DLA system toward HE 0515–4414 just a rare case,
or are compact high-metallicity dust clouds systematically
missed in present spectroscopic observations due to insuf-
ficient resolution or low signal-to-noise ratio?

2. FAINT QSOS OBSCURED BY DUST?

The possibility that present surveys of DLA systems are
affected by dust is an ongoing concern: If the extinction of
DLA absorbers is high enough, optical surveys will miss
the QSOs behind them. However, present samples of DLA
absorbers toward radio-selected and SDSS QSOs do not
indicate any distinct selection bias due to dust [8, 9].

In contrats, the new H/ESO survey of DLA systems to-
ward a complete subsample of 182 HE QSOs produces
convincing evidence for the effect of dust attenuation: Four
new DLA systems were discovered toward the bright half
of the QSO subsample, but 14 were detected toward the
faint. The probability for both numbers being drawn from
the same Poissonian is less than 2.5 percent (Fig. 3). Do
the DLA systems toward the fainter QSOs exhibit more
dust than those toward the bright?

3. FUTURE AIMS

In order to study the possible biases and selection effects
involved with duts, we aim at starting a sound abundance
database established on high-resolution and high signal-
to-noise spectroscopy of the complete sample of DLA sys-
tems discovered by the H/ESO survey. The database will

High-Resolution Spectroscopy of Damped Lyman-Alpha Systems
Cosmochemistry, Cosmology, and Fundamental Constants
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Figure 1: Selected metal absorption profiles associated with the DLA system toward HE 0515–4414. The blue curves indicate the
optimized profile decomposition and its deconvolution. Individual components are labeled by numbers 23-28. Note the different
optical depths of Fe  and Zn  for the H2-bearing componets 23/24 and component 28. Component 23 also exhibits rare neutral
species (S , Si , Fe ). Radial velocity zero corresponds to the redshift z = 1.1508.

be extremely useful for studying the physical conditions
in DLA systems, and may shed some light on the star for-
mation history of the universe and the problem of missing
metals [10, 11].

As spin-off product, newly detected C  and C 
fine-structure absorption lines may be used to test the
temperature-redshift relation predicted by the standard
big-bang cosmology. A further potential spin-off will be a
homogenous sample of Fe  lines suitable for probing the
hypothetical variation of the fine-structure constant α by
means of the regression many multiplet method [12, 13].

Acknowledgments

This research is based on observations made with the
ESO Very Large Telescope under Programme ID 066.A-
0212 and hs been funded by the Verbundforschung of the
BMBF/DLR under Grant No. 50 OR9911 1.

References

[1] J. X. Prochaska and A. M. Wolfe, ApJ 582, 49 (2003).

[2] J. X. Prochaska, E. Gawiser, A. M. Wolfe, S. Castro,
and S. G. Djorgovski, ApJ 595, L9 (2003).

[3] S. J. Curran, J. K. Webb, M. T. Murphy, and R. F.
Carswell, MNRAS. 351, L24 (2004).

[4] P. Petijean, R. Srianand, and C. Ledoux, MNRAS.
332, 383 (2002).

[5] C. Ledoux, P. Petijean, and R. Srianand, MNRAS.
346, 209 (2003).

[6] G. Vladilo, A&A 421, 479 (2004).
[7] D. E. Welty, J. T. Lauroesch, J. C. Blades, L. M.

Hobbs, and D. G. York, ApJ 554, L75 (2001).
[8] S. L. Ellison, C. W. Churchill, S. A. Rix, and M. Pet-

tini, ApJ 615, 118 (2004).
[9] M. T. Murphy and J. Liske, MNRAS. 354, L31

(2004).
[10] A. M. Wolfe, J. X. Prochaska, and E. Gawiser, ApJ

593, 215 (2003).
[11] A. M. Wolfe, E. Gawiser, and J. X. Prochaska, ApJ

593, 235 (2003).
[12] S. A. Levshakov, in Astrophysics, Clocks and Funda-

mental Constants (Springer, 2004), vol. 648 of Lec-
ture Notes in Physics, pp. 151–166.

[13] R. Quast, D. Reimers, and S. A. Levshakov, A&A
415, L7 (2004).

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 200422nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1416 2



Mg Si S Ti Cr Mn Fe Ni

Chemical element, X

1.5

1

0.5

0

0.5

X
n

Z

Gas phase abundance ratios

H

H
W

W

C

28

27

26

25

24

23

Figure 2: Evidence for chemical nonuniformity at high redshift.
Gas-phase abundance ratios (relative to solar ratios) for the
absorption components shown in Fig. 1 compared with typical
values found for Galactic cold (C) and warm (W) disk and halo
(H) clouds [7]. Since the volatile element Zn is only mildly
depleted, the abundance ratios reflect the differential depletion
of chemical elements into dust. Note that Cr, Mn, Fe, and Ni are
strongly depleted in the H2-bearing components 23/24 but
appear essentially undepleted in component 28.

0 5 10 15 20

Number of DLA systems, N

0

0.05

0.1

0.15

0.2

ytili
b

a
b

or
P

H ESO bright and faint QSO subsamples

Figure 3: Evidence for attenuation of fainter QSOs by dust. The
number of DLA systems detected toward the bright (faint) half
of 182 HE QSOs is 4 (14). The absorption paths of both
subsamples exhibit almost the same length. Two Poissonians
with means 4 and 14 are marked by, respectively, the red and
gray vertical bars. The probability for both numbers being
drawn from the same Poissonian with mean N is indicated by
green dots.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 200422nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1416 3



Dynamical One-Armed Spiral Instability in Differentially Rotating Stars
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We investigate the dynamical one-armed spiral instability in differentially rotating stars with both eigenmode
analysis and hydrodynamic simulations in Newtonian gravity. We find that the one-armed spiral mode is
generated around the corotation radius of the star, and the distribution of angular momentum shifts inwards
the corotation radius during the growth of one-armed spiral mode. We also find by investigating the distribution
of the canonical angular momentum density that the low T/|W | dynamical instability for both m = 1 and m = 2
mode, where T is the rotational kinetic energy and W is the gravitational potential energy, is generated around
the corotation point. Finally, we discuss the feature of gravitational waves generated from these modes.

1. Introduction

Stars in nature are usually rotating and may be sub-
ject to non-axisymmetric rotational instabilities. An
exact treatment of these instabilities exists only for in-
compressible equilibrium fluids in Newtonian gravity,
e.g. [1, 2]. For these configurations, global rotational
instabilities may arise from non-radial toroidal modes
eimϕ (where m = ±1,±2, . . . and ϕ is the azimuthal
angle).

For sufficiently rapid rotation, the m = 2 bar mode
becomes either secularly or dynamically unstable. The
onset of instability can typically be marked by a crit-
ical value of the dimensionless parameter β ≡ T/|W |,
where T is the rotational kinetic energy and W the
gravitational potential energy. Uniformly rotating, in-
compressible stars in Newtonian theory are secularly
unstable to bar-mode formation when β ≥ βsec �
0.14. This instability can grow only in the presence of
some dissipative mechanism, like viscosity or gravita-
tional radiation, and the associated growth timescale
is the dissipative timescale, which is usually much
longer than the dynamical timescale of the system.
By contrast, a dynamical instability to bar-mode for-
mation sets in when β ≥ βdyn � 0.27. This instability
is independent of any dissipative mechanism, and the
growth time is the hydrodynamic timescale.

There are several papers indicating that dynamical
instability of the rotating stars occurs at low T/|W |,
which is far below the standard criterion of dynamical
instability in Newtonian gravity. Tohline and Hachisu
[4] find in the self-gravitating ring and tori that m = 2
dynamical instability occurs around T/|W | ∼ 0.16 in
the lowest case in the centrally condensed configu-
rations. Shibata, Karino, and Eriguchi [3] find that
m = 2 dynamical instability occurs around T/|W | ∼
O(10−2) in the high degree (Ωc/Ωeq ≈ 10) of differen-
tial rotation. Note that Ωc and Ωeq are the angular
velocity at the center and at the equatorial surface, re-
spectively. Centrella et al. [5] found dynamical m = 1
instability around T/|W | ∼ 0.09 in the n = 3.33 poly-
tropic toroidal star with high degree (Ωc/Ωeq = 26)

of differential rotation, and Saijo, Baumgarte, and
Shapiro [6] extended the results of dynamical m = 1
instability to n >∼ 2.5, Ωc/Ωeq

>∼ 10. Note that n is
the polytropic index of the star.

There are some indications that corotation reso-
nance triggers dynamical bar instability. Papaloizou
and Pringle [7] found that non-selfgravitating tori
with constant specific angular momentum are unsta-
ble to low order non-axisymmetric modes and that
the modes grow on a dynamical time-scale. Watts,
Andersson, and Jones [8] argue that the shear insta-
bilities occur when the degree of differential rotation
exceeds a critical value and the f -mode develops a
corotation point associated with the presence of a con-
tinuous spectrum. They also point out that dynamical
bar instability that Shibata et al. [3] found is in the
corotation band.

Our purpose in this paper is to investigate the na-
ture of dynamical m = 1 instability with both eigen-
mode analysis and hydrodynamical analysis. A non-
linear hydrodynamical simulation is indispensable for
investigation of evolutionary process and final out-
come of instability. The nature of instability as a
source of gravitational wave, which interests us most,
is only accessible through non-linear hydrodynamical
computations. On the other hand, a linear eigenmode
analysis is in general easier to approach the dynamical
instability of given equilibria and it may be helpful to
have physical insight on the mechanism and the ori-
gin of instability. Therefore a linear eigenmode analy-
sis and a non-linear simulation are complementary to
each other and they both help us to understand the
nature of dynamical instability.

For a hydrodynamical simulation, we used the nu-
merical code developed in Ref. [6], while we intro-
duced a toy cylinder model that mimics differentially
rotating stars to study the instability. Self-gravitating
cylinder models have been used to study general dy-
namical nature of such gaseous masses as stars, accre-
tion disks and of stellar system as galaxies. Although
there is no cylinder with infinite length in reality, it
is expected to share some qualitative similarities with
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Table I Three differentially rotating equilibrium stars that trigger dynamical instability

Model n a d/Req
b Rp/Req

c Ωc/Ωeq
d ρc/ρmax

e Rmaxd/Req
f T/|W | g dominant unstable mode

I 3.33 0.20 0.413 26.0 0.491 0.198 0.146 m = 1

II 1.00 0.20 0.250 26.0 0.160 0.383 0.119 m = 2

III 1.00 1.00 0.250 2.0 0.837 0.388 0.277 m = 2

an: Polytropic index
bReq: Equatorial radius
cRpl: Polar radius
dΩc: Central angular velocity; Ωeq: Equatorial angular velocity
eρc: Central density; ρmax: Maximum density
fRmaxd: Radius of maximum density
gT : Rotational kinetic energy; W : Gravitational potential energy

realistic astrophysical objects, e.g. [9]. In fact, it has
served as a useful model to investigate secular and
dynamical instabilities of rotating masses.

This paper is organized as follows. In § 2 we present
our hydrodynamical results of dynamical one-armed
spiral and dynamical bar instability. We present our
diagnosis of dynamical m = 1 and m = 2 instability
by using canonical angular momentum in § 3, and
briefly summarize our findings in § 4. Throughout
this paper we use gravitational units with G = 1. A
more detailed discussion will be presented in Ref. [10].

2. Dynamical instabilities in differentially
rotating stars

First we explain features of our initial data sets of
differentially rotating stars on which we performed
non-linear hydrodynamical computations. We assume
a polytropic equation of state,

P = κρ1+1/n, (1)

where P is the pressure, κ is a constant, ρ is the den-
sity, n is the polytropic index. One feature of the poly-
tropic equation of state is that all matter quantities
can be renormalized in terms of κ so that κ does not
explicitly appear. We also assume the “j-constant”
rotation law as

Ω =
j0

d2 +�2
, (2)

where Ω is the angular velocity, j0 is a constant pa-
rameter with units of specific angular momentum, and
� is the cylindrical radius. The parameter d deter-
mines the length scale over which Ω changes; uniform
rotation is achieved in the limit d → ∞, with keep-
ing the ratio j0/d

2 finite. We choose the same data
sets as Ref. [6] for investigating low T/|W | dynamical
instability in differentially rotating stars. We also con-
struct the equilibrium of a star with weak differential
rotation in high T/|W |, which excites the standard

dynamical bar instability, e.g. [1]. The characteristic
parameters are summarized in Table I.

To enhance any m = 1 or m = 2 instability, we
disturb the initial equilibrium density ρeq by a non-
axisymmetric perturbation according to

ρ = ρeq

(
1 + δ(1)

x+ y

Req
+ δ(2)

x2 − y2

R2
eq

)
, (3)

where Req is the equatorial radius, with δ(1) = δ(2) ≈
1.7− 2.8× 10−3 in all our simulations. We also intro-
duce “dipole” D and “quadrupole” Q diagnostics to
monitor the development of m = 1 and m = 2 modes
as

D =
〈
eimϕ

〉
m=1

=
1
M

∫
ρ

x+ iy√
x2 + y2

d3x, (4)

Q =
〈
eimϕ

〉
m=2

=
1
M

∫
ρ

(x2 − y2) + i(2xy)
x2 + y2

d3x,

(5)

respectively.
We compute approximate gravitational waveforms

by using the quadrupole formula. In the radia-
tion zone, gravitational waves can be described by
a transverse-traceless, perturbed metric hTT

ij with re-
spect to a flat spacetime. In the quadrupole formula,
hTT

ij is found from

hTT
ij =

2
r

d2

dt2
ITT
ij , (6)

where r is the distance to the source, Iij the
quadrupole moment of the mass distribution, and
where TT denotes the transverse-traceless projection.
Choosing the direction of the wave propagation to be
along the rotational axis (z-axis), the two polarization
modes of gravitational waves can be determined from

h+ ≡ 1
2

(hTT
xx − hTT

yy ) and h× ≡ hTT
xy . (7)

For observers along the rotation axis, we thus have

rh+

M
=

1
2M

d2

dt2
(ITT

xx − ITT
yy ), (8)
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Figure 1: Diagnostics D and Q as a function of t/Pc for
3 differentially rotating stars (see Table I). Solid and
dotted lines denote the values of D and Q, respectively.
The Roman numeral in each panel corresponds to the
model of the differentially rotating stars, respectively.
Hereafter Pc represents the central rotation period.

rh×
M

=
1
M

d2

dt2
ITT
xy . (9)

The time evolutions of dipole diagnostic and the
quadrupole diagnostic are plotted in Fig. 1. We de-
termine that the system is stable to m = 1 (m = 2)
mode when the dipole (quadrupole) diagnostic re-
mains small throughout the evolution, while the sys-
tem is unstable when the diagnostic grows exponen-
tially at the early stage of the evolution. It is clearly
seen in Fig. 1 that the star is more unstable to the
one-armed spiral mode for model I, and more unstable
to the bar mode for models II and III. In fact, both
diagnostics grow for model I. The dipole diagnostic,
however, grows more markedly than the quadrupole
diagnostic, indicating that the m = 1 mode is the
dominant unstable mode.
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Figure 2: Density contours in the equatorial plane for 3
differentially rotating stars (see Table I). Models I, II,

and III are plotted at the parameter (t/Pc, ρmax/ρ
(0)
max) =

(16.3, 3.63), (132, 1.25), and (5.49, 1.20), where ρmax is

the maximum density, ρ
(0)
max is the maximum density at

t = 0, and R is the equatorial radius at t = 0. The
contour lines denote densities
ρ/ρmax = 10−(16−i)d(i = 1, · · · , 15) for model I and
ρ/ρmax = 6.67(16 − i) × 10−2(i = 1, · · · , 15) for models II
and III, respectively.
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The density contour of the differentially rotating
stars are shown in Fig. 2. It is clearly seen in Fig. 2
that one-armed spiral structure is formed at the inter-
mediate stage of the evolution for model I, and that
bar structure is formed for models II and III once the
dynamical instability sets in.

We also show gravitational waves generated from
dynamical one-armed spiral and bar instability in Fig.
3. For m = 1 modes, the gravitational radiation
is emitted not by the primary mode itself, but by
the m = 2 secondary harmonic which is simultane-
ously excited, albeit at a lower amplitude. Unlike the
case for bar-unstable stars, the gravitational wave sig-
nal does not persist for many periods, but instead is
damped fairly rapidly.

3. Canonical Angular Momentum

We introduce canonical angular momentum follow-
ing Ref. [11] to diagnose oscillations in rotating fluids.
For adiabatic linear perturbations on a perfect fluid
configuration in stationary, axisymmetric spacetime,
it is possible to introduce canonical conserved quanti-
ties. Since we only use canonical angular momentum
Jc in this paper, we write down its explicit form as

Jc = m

∫
(�[σ] −mΩ)ρ|ξ|2d3x

−2m
∫
ρ�Ω · 	[ξ�ξϕ∗]d3x, (10)

where σ is the eigenfrequency, ξi is Lagrangian dis-
placement vector. Note that total canonical angular
momentum becomes zero when dynamical instability
sets in.

Next we apply the method of canonical angular mo-
mentum to the linearized oscillations of a cylinder. We
prepare two m = 1 stable modes (A-i, A-iii) and one
m = 1 unstable mode (A-ii), summarized in Table II.
We plot the integrand of canonical angular momen-
tum �jc

jc = m(�[σ] −mΩ)ρ|ξ|2 − 2mρ�Ω · 	[ξ�ξϕ∗], (11)

for m = 1 mode in Fig. 4. We define corotation radius
�crt of modes as �[σ]−mΩ(�) = 0. This means that
the pattern speed of mode coincides with the local ro-
tational frequency of background flow there. We find
that the distribution of canonical angular momentum
changes its sign around corotation radius in m = 1
unstable case, and that it is positive for � < �crt,
while it is negative for � > �crt. The behavior of the
canonical angular momentum suggests us that this in-
stability is related to the existence of corotation point
inside the cylinder. We also find that the positive
case of the canonical angular momentum (A-iii) cor-
responds to the case when the pattern speed of the
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Figure 3: Gravitational waveform for 3 differentially
rotating stars (see Table I) as seen by a distant observer
located on the rotational axis of the equilibrium star.

Table II Parameters for equilibrium gaseous fluid and
eigenfrequency

Model Ωc/Ωs
h T/|W | σ/Ωc

i �crt/�s
j

A-i 11.34 0.460 −0.245 —

A-ii 11.34 0.460 0.551 + 0.0315i 0.281

A-iii 11.34 0.460 1.15 —

B 13.00 0.170 0.327 + 0.0126i 0.507

hΩs: Surface angular velocity
iσ: Eigenfrequency
j�crt: Corotation radius; �s: Surface radius

mode is faster than the rotation of cylinder in all ra-
dius, while the negative (A-i) corresponds to the op-
posite. We also check the low T/|W | bar instability
in cylindrical model and find that the same behavior
as m = 1 mode (B) appears in the distribution of the
canonical angular momentum density (Fig. 5).

We furthermore investigate m = 2 instability of
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Figure 5: Distribution of canonical angular momentum
density for m = 2 unstable mode (see Table II). The
Roman character in the panel corresponds to the model
of the cylindrical gaseous fluid. Vertical dashed lines
mark the locations of corotation radius of the mode.

Bardeen disk and classical bar instability of Maclaurin
spheroid. In these cases, the canonical angular mo-
mentum density that is analytically obtained is zero
in all cylindrical radius. Therefore the behavior of the
canonical angular momentum density shows a clear
contrast between m = 1, 2 instability with high degree
of differential rotation and m = 2 classical instability
of uniformly rotating fluid.

Finally, we adopt the method of canonical angular
momentum to the nonlinear hydrodynamics. We iden-
tify the complex eigenfrequency and the corotation
radius from dipole or quadrupole diagnostics which is
summarized in Table III. Note that we read off the
eigenfrequency from those plots at the early stage of
the evolution. The Eulerian perturbed velocity is de-
fined by subtracting the velocity at equilibrium from
the velocity. The Lagrangian displacement vector is

Table III Eigenfrequency and the corotation radius of 3
differentially rotating stars

Model σ [Ωc] �crt [Req]

I 0.590 + 0.0896i 0.167

II 0.284 + 0.0121i 0.492

III 0.757 + 0.200i —

extracted by using a linear formula for a dominant
mode in each case.

We show the snapshots of canonical angular mo-
mentum density in Fig. 6. Since we determine the
corotation radius using the extracted eigenfrequency
and the angular velocity profile at equilibrium, the ra-
dius does not change throughout the evolution. For
low T/|W | dynamical instability, the distribution of
the canonical angular momentum drastically changes
its sign around the corotation radius, and the maxi-
mum amount of canonical angular momentum density
increases at the early stage of evolution. This means
that the angular momentum flows inside the corota-
tion radius in the evolution. On the other hand, for
high T/|W | dynamical instability that is related to
the classical bar instability, the distribution of the
canonical angular momentum is smooth with no par-
ticular feature and tends to have a positive portion
outside. This means that the canonical angular mo-
mentum flows outwards in the evolution, which is in
clear contrast to the case of low T/|W | one.

From these different behaviors of the distribution
of the canonical angular momentum, we see that the
mechanisms working in the low T/|W | instabilities
and the classical bar instability may be quite different,
i.e., in the former the corotation resonance of modes
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are essential, while the instability is global in the lat-
ter case.

4. Discussion

We have studied the nature of dynamical one-armed
spiral instability in differentially rotating stars both in
linear eigenmode analysis and in hydrodynamic sim-
ulation using canonical angular momentum distribu-
tion.

We have found that the one-armed spiral instabil-
ity occurs around the corotation radius of the star by
investigating the distribution of the canonical angu-
lar momentum. We have also found by investigating
the canonical angular momentum that the instability
grows through the inflow of the angular momentum
inside the corotation radius. The feature also holds
for the dynamical bar instability in low T/|W |, which
is in clear contrast to that of classical dynamical bar
instability in high T/|W |. Therefore the existence of
corotation point inside the star plays a significant role
of exciting one-armed spiral mode and bar mode dy-
namically in low T/|W |.

Finally, we mention the feature of gravitational
waves generated from this instability. Quasi-periodic
gravitational waves emitted by stars with m = 1 in-
stabilities have smaller amplitudes than those emit-
ted by stars unstable to the m = 2 bar mode. For
m = 1 modes, the gravitational radiation is emitted
not by the primary mode itself, but by the m = 2 sec-
ondary harmonic which is simultaneously excited, pos-
sibly through non-linear self-coupling of m=1 mode.
(Remarkably the precedent studies [5, 6] found that
the pattern speed of m = 2 mode is almost the same
as that of m = 1 mode, which suggest the former is
the harmonic of the latter.) Unlike the case for bar-
unstable stars, the gravitational wave signal does not
persist for many periods, but instead is damped fairly
rapidly.
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Hot Spot Ignition in White Dwarfs – One-zone Ignition Times
L. Jonathan Dursi
CITA, University of Toronto, Toronto, ON, M5S 3H8, Canada
Frank X. Timmes
Theoretical Astrophysics Group, Los Alamos National Laboratory, Los Alamos, NM, 87545, USA

Type Ia supernovae are almost certainly caused by the incineration of a turbulent carbon-oxygen white dwarf.
Local hot spots ignite and either fizzle out, or begin propagating burning as a deflagration or a detonation, in
which the carbon and oxygen is consumed. These burning pockets may then rise harmlessly upwards, or may
be large enough to cause a large fraction of the dwarf to burn.
Although the basic picture is understood, the details of igniting these hot spots remains fuzzy. In this work, we
begin the process of understanding the ignition of these hotspots by examining the burning of one zone of the
white dwarf.

1. Introduction

The standard model for supernovae of type Ia in-
volves burning beginning as a subsonic deflagration
in a Chandrasekhar-mass white dwarf. Progress has
been made in recent years in understanding these
events through multidimensional reactive simulations
where the initial burning is prescribed as an initial
condition of one or more sizable bubbles already burn-
ing material at time zero. However, the initial igni-
tion process by which such bubbles begin burning –
whether enormous 50 km bubbles [Plewa et al. 2004]
or smaller igniting points [Woosley et al. 2004, Garćıa-
Senz and Bravo 2005] – remains poorly understood.
Further, if there is later in evolution a transition to a
detonation [Gamezo et al. 2004], this ignition process,
too, must be explained. Here we begin examining the
ignition process by considering the simplest ignition
possible – that of a single zone.

2. Ignition Times

Astrophysical combustion, like most combustion, is
highly temperature-dependent (for example, Williams
[1985], Glassman [1996].) Rates for the exothermic re-
actions which define the burning process are generally
exponential or near-exponential in temperature (eg,
Caughlan and Fowler [1988]). Thus a hotspot can sit
‘simmering’ for a very long time, initially only slowly
consuming fuel and increasing its temperature as an
exponential runaway occurs. If fuel depletion were ig-
nored, and ignoring hydrodynamical effects, the tem-
perature of the spot would become infinite after a fi-
nite period of time. This time is called the ignition
time, or ignition delay, or sometimes induction time,
τi. After ignition starts, burning proceeds for some
length of time τb.

For burning problems of interest, of course, fuel de-
pletion is important, and no quantities become in-
finite; however, the idea of an ignition delay time
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Figure 1: Temperature evolution for burning
constant-pressure zone with XC12 = 1.0, To = 109K,
ρo = 5 × 108g cm−3. Because of the strong temperature
dependence, most of the burning happens ‘all at once’.

still holds (see Fig. 1). If the energy release rate
for most of the evolution of the burning is too small
to have significant hydrodynamical effects, and if the
timescale over which burning ‘suddenly turns on’ is
much shorter than any other hydrodynamical or con-
ductive timescales, then the burning of such a hotspot
can be treated, as an excellent approximation, as a
step function where all energy is released from t = τi
to t = τi + τb. In many problems, where τb � τi, this
can be further simplified to burning occurring only at
t = τi. Where such an approximation (often called
‘high activation-energy asymptotics’) holds, it greatly
simplifies many problems of burning or ignition, re-
ducing the region of burning in a flame to an infinites-
imally thin ‘flamelet’ [Matalon and Matkowsky 1982]
surface, for instance, or the structure of a detonation
to a ‘square wave’ [Erpenbeck 1963]. Where this ap-
proximation does not hold – such as if slow β-decay
processes are energetically important – the simplifica-
tion of burning happening only over τi ≤ t ≤ τi + τb
often remains a useful simplification.

If the burning is happening in an ideal gas, or in
a material with some other simple equation of state
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(where, for instance, the specific heat is constant in
temperature), it is fairly easy to write down approx-
imate ignition times for various burning laws. In a
white dwarf, however, where the material is partially
degenerate or relativistic and the equation of state
is quite complicated [Timmes and Swesty 2000], no
such closed-form expression can be written. In this
poster, we numerically integrate burning and temper-
ature evolution of a zone of white dwarf material, and
measure the ignition times as a function of the ini-
tial temperature, density, composition, and whether
the evolution was assumed to be constant-density or
constant-pressure. The results are simple, moderately
accurate, fitting formula, and some direction for fu-
ture applications are discussed.

3. Calculations

We performed a series of calculations of 1-zone
burning of carbon/oxygen mixtures for the purposes
of measuring ignition times of carbon-oxygen mixtures
under these conditions. Time evolutions were gener-
ated as in Fig. 1.

For each of two burning conditions – burning at
constant volume and constant pressure – over 2500
initial conditions were examined, in a grid of initial
densities, temperatures, and initial carbon fraction.
In the conditions chosen here, densities and tempera-
tures were selected to be relevant to the inner regions
of a near-Chandrasekhar-mass white dwarf. For burn-
ing, a 13-isotope α chain was used [Timmes 1999], and
a Helmholtz free energy based stellar equation of state
[Timmes and Swesty 2000] maintained the thermody-
namic state.

To cover the wide range of burning times within
each simulation, the timestep was increased or de-
creased depending on rate of change of fuel abun-
dance. The timestep was varied by up to a factor
of two in each step, to try to keep the change of fuel
within the range 10−5 − 10−7 per timestep. The final
ignition time, when the simulation was stopped, was
defined to be time when 90% of the carbon was con-
sumed, although the time reported was found to be
insensitive to endpoint chosen.

Over the initial conditions chosen, ignition times
varied from 10−13 s to 10+8 s.

Constant-Pressure fitting formula:

τiCV(ρ, T,XC12) = 2.16 × 10−13sec ×
exp(16.0T̂−1

9 (1 + 10.3T̂−1
9 ))

×ρ̂−2
8 (1 + 2.91ρ̂−1

8 )

where

T̂9 =
T

109K
+ 1.68
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Figure 2: Contour plot of ignition time as a function of
initial density and temperature for a constant-pressure
ignition of pure carbon.

8.0 8.5 9.0 9.5
log10(dens)

8.6

8.8

9.0

9.2

9.4

9.6

9.8

10.0

lo
g1

0(
te

m
p)

million sec
1000 sec

1 sec

1 millisec

1 microsec

1 nanosec

1 picosec

Figure 3: Contour plot of ignition time as a function of
initial density and temperature for a constant-volume
ignition of pure carbon. Differences between
constant-pressure and constant-volume ignition times
under these moderately degenerate conditions are on
order a factor of two.

ρ̂8 =
ρXC12

108g cm−3
+ 0.865

Constant-Volume fitting formula:

τiCV(ρ, T,XC12) = 2.80 × 10−13sec ×
exp(15.2T̂−1

9 (1 + 11.4T̂−1
9 ))

×ρ̂−2
8 (1 + 1.85ρ̂−1

8 )

where

T̂9 =
T

109K
+ 1.72

ρ̂8 =
ρXC12

108g cm−3
+ 0.837

The fits are good to ≈ 50% between 10−9 sec and
1 sec for temperature and density range as shown, and
XC12 from 0.5 to 1.0, as shown for instance in Fig. 4;
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Figure 4: Fit results vs. calculated results for
constant-volume pure carbon ignition.
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Figure 5: Fit residuals vs. calculated results for
constant-volume pure carbon ignition.

however, as the residuals indicate in Fig. 5, the results
are not likely to be meaningful outside of the range of
conditions calculated here.

4. Detonation structure

A detonation can be thought to consist of three
states; the state the detonation propagates into; the
post-shock state; and the completely burned state.
For a steady-state Chapman-Jouget (CJ) detonation,
these states can be computed for a given unshocked
medium (see for instance Glassman [1996].) Since we
now can compute ignition times for the intermediate
state, we can estimate the width of the CJ detonation,
lCJ , as equal to the ignition time at the intermediate
state multiplied by the material velocity in that state.

In the case of a detonation into a very low-density,
cold material, the material immediately behind the
shock will still not burn significantly for a length of
time equal to the ignition time, and we will have a
square wave detonation. For conditions relevant to
near the core of a white dwarf, however, the inter-
mediate state of a shock will typically have tempera-
tures on order 5×109 K – that is, temperatures which
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Figure 6: Energy release rate from nuclear reactions
behind the shock of a leftward-traveling ZND detonation
into a pure-carbon quiescent medium of ρo = 108g cm−3,
To = 5 × 107K. The shocked state is
ρs = 2.97 × 108g cm−3, Ts = 4.2 × 109K, and the
incoming fuel velocity is 4.0 × 108cm s−1. For the
shocked material, the predicted ignition time is
3 × 10−11s. Even in this case, where the shocked
temperature is so high that significant burning occurs
immediately, and the ‘square wave’ detonation structure
does not apply, the predicted lCJ = 1.2 × 10−2cm
correctly matches the peak of the reaction zone.
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Figure 7: Pressure and energy release rate, plotted
relative to their maximum values, behind a
leftward-traveling slightly overdriven detonation into the
same material as in the previous figure, calculated by a
hydrodynamics code. The line above the plotted
quantities shows the predicted lCJ calculated with the
observed values in the intermediate state.

are near the maximum temperature which will be ob-
tained by burning. Even in these cases, this estimate
of lCJ provides a good measure of the thickness of the
detonation structure behind the shock, as is shown in
Fig 6 and Fig 7.

5. Ignition of a Spherical Detonation

Emergence of a detonation in a homogeneous,
exothermically reacting medium can occur in two
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steps. The first step processes the medium to cre-
ate conditions ripe for the onset of detonation. The
events leading up to preconditioning may vary from
one scenario to the next, but typically, at the end of
this stage the medium is hot and in a state of non-
uniformity (e.g., turbulent motions). The second step
forms the detonation wave via interactions between
exothermic processes and hydrodynamics.

Consider the case when the preconditioned medium
has an initial linear gradient of temperature. For shal-
low gradients, the result is a decelerating supersonic
reaction wave, a weak detonation, whose trajectory is
dictated by the initial temperature profile, with only
weak intervention from hydrodynamics. If the domain
is long enough, or the gradient less shallow, the wave
slows down to the CJ speed and undergoes a swift
transition to the ZND structure.

For sharp gradients, the path to detonation is
through an accelerating pulse that runs ahead of the
reaction wave. This rearranges the ignition-time dis-
tribution to one that has little resemblance to the
ignition-time distribution of the initial temperature
gradient. The pulse amplifies and steepens, trans-
forming itself into a lead shock, an induction zone,
and a following fast deflagration. If the domain is
long enough, these three entities gradually transform
to the ZND structure.

In this study we consider a step function initiation
profile; the limiting case of a infinite initial tempera-
ture gradient. A Sedov explosion is generated by de-
positing an energy into a well defined mass region; and
the evolution of the structure described above ensues.

Naively, the condition for a successful detonation
ignition would be that RCJ ≈ lCJ , since a detonation
structure of width lCJ must be set up before the shock
speed becomes too slow. However, experimentally this
is known to be far too lenient a condition, and RCJ

must be orders of magnitude larger than lCJ .
This has been explained by, for instance, He and

Clavin [1994]. Curvature has a significant nonlinear
effect on the structure of a detonation; looking at a
pseudo-steady calculation of a detonation with curva-
ture, they find that for a near-CJ steady detonation to
exist and be stable requires curvature to be extremely
small. The condition found by the authors requires
RCJ ≈ 300lCJ .

Given our calculations for lCJ , we can test the ap-
plicability of this result to detonations in degener-
ate white dwarf material. The reason that the He &
Clavin’s result may give reasonable guidance, despite
being derived for terrestrial reacting flows but used
here for nuclear burning under degenerate/relativistic
conditions, is that it’s a calculation of non-linear cur-
vature effects on detonation structure, which ulti-
mately comes down to a ratio of length scales. He &
Clavin use the ideal gas EOS assumption to calculate
the detonation length scale from first principles and
compare it to the curvature length scale. The EOS
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Figure 8: Shock velocity vs. shock position for a Sedov
explosion, without burning, into pure carbon medium of
ρo = 108g cm−3, To = 5 × 107K. Shock velocity is given
in units of the CJ detonation speed,
(DCJ ≈ 1.2 × 109cm s−1) and shock position in units of
CJ detonation width (lCJ ≈ 0.012cm). Input energies
are, top to bottom, 1030,1029,1028, 1027, and 1026 ergs
within a radius of 0.0015 cm.

only comes in through the detonation length scale,
and doesn’t matter much afterwards.

In Fig. 8, we see the shock speed of a Sedov explo-
sion for various input energies. By the criterion of He
and Clavin, with this configuration we would expect
a successful ignition of a detonation with an input
energy of 1029 ergs and greater, and an unsuccessful
ignition with an input energy of 1028 ergs and less.
(It is also interesting to note that the early stages of
evolution of the shocks which would later successfully
ignite a detonation are relativistic.)

To test this prediction, we can run the same calcu-
lations with burning. The results are shown in Fig. 9.
We see that neither the 1028 nor the 1029 erg Sedov ex-
plosions result in sustained detonations, which would
asymptote to a velocity equal to the CJ detonation
velocity. This may be due the EOS of the degenerate
material playing a more significant role than is obvi-
ous in the He & Clavin work, or it may be a result
of the fact that the location of peak nuclear energy
release underestimates the required structure of the
detonation, as significant amounts of energy continue
to be released well behind the peak of the burning, as
shown in Fig 6 and Fig 7. Further examination of the
failure of this criterion will be left to future work.

6. Conclusion

We have presented ignition times for carbon-oxygen
mixtures at densities and temperatures relevant to the
cores of near-Chandrasekhar-mass white dwarfs. Even
in cases where high-energy asymptotics does not hold,
such as in detonations in these degenerate materials,
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Figure 9: Shock velocity vs. shock position for a Sedov
explosion, with burning. Conditions and scales are as in
the previous figure. Note that when the shock velocity
approaches the CJ detonation velocity from above,
burning begins to effect the shock speed, but fails to
sustain a CJ detonation for the case of input energies of
1028 and 1029 ergs.

the ignition time is physically meaningful, giving esti-
mates of detonation thickness that compare well with
ZND and hydrodynamical calculations. However, the
square wave approximation is a poor match to detona-
tions in such degenerate conditions, and caution must
be taken in applying square-wave detonation results
from chemical combustion to astrophysical thermonu-
clear detonations.
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(Stanford), Rick Kessler (U. Chicago), Hubert Lampeitl (Fermilab), John Marriner (Fermilab), Gajus
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Nitta (APO), Robert Nichol (Portsmouth), Ryan Scranton (U. Pittsburgh), Erin Sheldon (U. Chicago),
Stephanie Snedden (APO), Chris Stoughton (Fermilab), Don York (U. Chicago), and the SDSS
Collaboration

In preparation for the Supernova Survey of the Sloan Digital Sky Survey (SDSS) II, a proposed 3-year extension
to the SDSS, we have conducted an early engineering and science run during the fall of 2004, which consisted
of approximately 20 scheduled nights of repeated imaging of half of the southern equatorial stripe. Transient
supernova-like events were detected in near real-time and photometric measurements were made in the five SDSS
filter bandpasses with a cadence of ∼ 2 days. Candidate type Ia supernovae (SNe) were pre-selected based on
their colors, light curve shape, and the properties of the host galaxy. Follow-up spectroscopic observations were
performed with the Astrophysical Research Consortium 3.5m telescope and the 9.2m Hobby-Eberly Telescope
to confirm their types and measure the redshifts. The 2004 campaign resulted in 22 spectroscopically confirmed
SNe, which includes 16 type Ia, 5 type II, and 1 type Ib/c. These SN Ia will help fill in the sparsely sampled
redshift interval of z = 0.05−0.35, the so-called ’redshift desert’, in the Hubble diagram. Detailed investigation
of the spectral properties of these moderate-redshift SNe Ia will also provide a bridge between local SNe and
high-redshift objects, and will help us understand the systematics for future cosmological applications that
require high photometric precision. Finally, the large survey volume also provides the opportunity to select
unusual supernovae for spectroscopic study that are poorly sampled in other surveys. We report on some of the
early results from this program and discuss potential future applications.

1. Introduction

One of the three primary scientific components of
SDSS II, a proposed three-year extension to the SDSS,
is a time domain study, which involves repeated imag-
ing of the southern equatorial stripe for three three-
month periods during the Fall months of 2005 – 2007.
The Supernova Survey is a major subcomponent of
this study, and its primary goal is to obtain high-
quality, multi-color light curves of ∼ 200 SN Ia in the
intermediate redshift interval of z = 0.05− 0.35. This
complements existing searches for SNe at low redshifts
(e.g., Lick Observatory Supernova Search, Carnegie
Supernova Program, Nearby Supernova Factory) and
those at high redshifts (e.g., CFHT Supernova Legacy
Survey, ESSENCE), and will not be targeted by other
telescopes in the coming years. The SDSS 2.5m tele-
scope is particularly well-suited for this type of search
with its ability to survey large areas of the sky to
moderate depths in several filters all in a single night
of observing. In addition, it allows us to take advan-
tage of one of the most well-calibrated photometric
systems that is currently available, which is crucial
to help understand and quantify the systematic un-
certainties associated with SNe Ia as cosmological dis-
tance indicators.

In preparation for SDSS II, we have conducted a

Table I List of SDSS 2.5m imaging scans of strip 82 N for
the Fall 2004 campaign

Date run RA Range (hrs)

9/22 4894 19.62 – 4.90

9/24 4895 20.69 – 3.98

10/8 4896 22.08 – 4.14

10/10 4874 19.95 – 5.82

10/16 4894/5 21.88 – 4.64

10/18 4899 0.66 – 4.14

10/20 4805 0.14 – 4.73

10/24 4917 19.74 – 3.47

11/3 4927 20.64 – 4.12

11/5 4933 20.53 – 4.16

11/10 4948 1.27 – 4.11

pilot study during the Fall of 2004 using the SDSS

2.5m imaging telescope. This run consisted of re-
peated scans of half of the southern equatorial stripe
over a period of ∼ 1.5 months scheduled with a ca-
dence of approximately 2 days. The area covered is
approximately half of that planned for SDSS II and
the duration is ∼ 6 times shorter than the total du-
ration over three years, which makes this pilot run
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Figure 1: SDSS images of three type Ia SNe discovered
and spectroscopically confirmed during the 2004
campaign – from top to bottom, SN2004hu (z = 0.0487),
SN2004ie (z = 0.0513), and SN2004if (z = 0.322). The
left panels show the template images before the
supernova, which are shown on the right panels. The
images are 1′ × 1′ and are all centered on the locations of
the supernovae.

∼ 1/12 of the size of SDSS II. We report here some
of the early results from this program, which resulted
in 22 spectroscopically identified SNe and light curves
of an additional ∼ 2 dozen unconfirmed events. We
also briefly discuss our plans for SDSS II. Although
the primary goal of the Supernova Survey is to study
the properties of intermediate-redshift type Ia SNe,
its large survey volume will enable us to find a large
number of other types of SNe including peculiar ones
as well. We briefly comment on a few potential appli-
cations.

2. Observations

2.1. SDSS Imaging and Target Selection

SDSS imaging observations of half of the southern

Figure 2: Same as in Figure 1 for, from top to bottom,
SN2004hx (type II; z = 0.0143)), SN2004ht (type II;
z = 0.0668), and SN2004ib (type Ib/c; z = 0.0565).

equatorial stripe (strip 82 N) were planned for approx-
imately 20 nights between Sept. 21 and Nov. 15, 2004.
This region covers approximately 150 square degrees
of the sky, and we were able to obtain nearly complete
scans of the strip on 6 nights and partial scans dur-
ing another 5 nights (Table I). Note the presence of
relatively long gaps during 9/24 – 10/8 and 10/24 –
11/3, which were mostly bright time. The ranges in
RA shown are only approximate.

Processed ugriz images were generated in near real-
time at Apache Point Observatory (APO) and the g
and r frames were run through a pipeline software
that searches for transient events through image sub-
traction. During this run, we considered sources that
were detected with a statistical significance of at least
∼ 10 σ in the subtracted images of both the g and
r bands for manual inspection. This relatively high
threshold naturally biased our selection towards lower
redshift SNe and to those that are well-separated from
the cores of bright host galaxies. An additional re-
quirement of positional matches in the g and r images,
whose exposures are separated by ∼ 5 minutes, re-
moved most fast-moving asteroids. Matches with pre-
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viously catalogued variable objects (stars and AGN)
and with bright stars were vetoed in the software as
well. A few SNe that are easily visible in the raw im-
ages are shown in Figures 1 and 2.

Objects that made it through the automated selec-
tion were then inspected one by one and prioritized
according to their likeliness to be SNe. This was done
after every imaging run with the SDSS 2.5m. Since
only the g and r bands were processed automatically
though image subtraction, we did not make full use
of the color information for initial photometric typing
of the events. In general, objects that appear in the
differenced image near the core of the host galaxy are
ranked low, since they are relatively more likely to be
AGNs. Unresolved point-like sources that are isolated
from any potential host galaxy are likely to be variable
stars or QSOs, and were also given low priority. All
of the remaining events are potential SNe. For SDSS

II, all images will be processed automatically through
image subtraction in g, r, and i. In addition, resulting
frames containing potentially interesting objects will
be rapidly processed through image subtraction in u
and z as well, allowing us to make use of the full color
information for photometric typing of candidate SNe.

Table II List of Spectroscopically Confirmed SNe from
the Fall 2004 Campaign [1]

IAUC ID SDSS ID Type Redshift Telescope

2004ht SN24 II 0.0668 ARC/HET

2004hu SN15 Ia 0.0487 ARC

2004hv SN9 II 0.0613 ARC

2004hw SN10 Ia 0.0601 HET

2004hx SN18 II 0.0143 ARC

2004hy SN12 II 0.0587 ARC

2004hz SN5 Ia 0.1427 HET

2004ia SN30 Ia 0.1431 ARC

2004ib SN20 Ib/c 0.0565 HET

2004ic SN111 II 0.093 ARC

2004id SN19 Ia 0.1444 ARC

2004ie SN83 Ia 0.0513 ARC

2004if SN25 Ia 0.322 HET

2004ig SN133 Ia 0.1831 ARC

2004ih SN128 Ia 0.1538 ARC

2004ii SN172 Ia 0.1973 ARC

2004ij SN247 Ia 0.218 HET

2004ik SN242 Ia 0.1691 HET

2004il SN191 Ia 0.108 ARC

2004im SN176 Ia 0.134 ARC

2004in SN194 Ia 0.1612 ARC

2004io SN171 Ia 0.1502 ARC

2.2. Additional Imaging Observations

For a handful of the spectroscopically confirmed
SNe, additional imaging observations were performed
with the New Mexico State University (NMSU) 1m
and the Astrophysical Research Consortium (ARC)
3.5m telescopes at APO. The images were taken with
the SDSS g, r, and i filters whenever possible. The
main objectives of these observations were to obtain
more densely-sampled light curves on a handful of can-
didates and to provide additional photometric points
beyond the survey duration especially for those events
that were discovered towards the end of the run. This
was especially important for the test run, since its 1.5-
month duration was not optimal for harvesting full
SNe light curves. Since all of these telescopes are at
APO, however, they could not be used as replacements
to fill in light curve points during poor weather con-
ditions.

Figure 3: ARC spectra of SN2004ie + galaxy
(z = 0.0513) at t = +5 days (top), +19 days (middle),
and +23 days (bottom) after maximum. The noisy
region near λ = 5600Å is due to the dichroic cutoff of the
red and blue cameras.
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Figure 4: Preliminary multi-color light curves of the type Ia SN2004ie (z = 0.0513). Measurements from the SDSS

2.5m, NMSU 1m, and the ARC 3.5m are denoted as filled circles, squares, and triangles, respectively. The three arrows
indicate epochs of spectroscopy with the ARC 3.5m/DIS.

Figure 5: Observed spectrum of the type Ia SN2004if
(z = 0.322) obtained with the HET (black) and the
best-matching template spectrum (red).

2.3. Follow-up Spectroscopy

Spectroscopic observations were planned with Dou-
ble Imaging Spectrograph (DIS) on the ARC 3.5m
telescope at APO and the Low Resolution Spectro-
graph (LRS) on the queue-scheduled 9.2m Hobby-
Eberly Telescope (HET) at McDonald Observatory. In
most cases, relatively bright events with g <∼ 20.6 mag
were targeted with the ARC 3.5m and fainter sources
were put in the HET queue usually at high priority.
There were a few exceptions, however, due to schedul-
ing constraints and availability of telescope time on

Figure 6: Multi-epoch HET spectra of the type Ib/c
hypernova SN2004ib + galaxy (z = 0.0565).

any given night. Both observatories are again gener-
ally affected by the same weather pattern.

Spectral classification of type Ia SNe is least am-
biguous with spectra obtained near maximum light
[2], so every attempt was made to perform the obser-
vation within ∼ 2 weeks of discovery. This did not
always work in practice, however, particularly for the
queue-scheduled HET, which is affected by conflicts
with other competing programs, in addition to the
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Figure 7: Same as in Figure 4 for the type Ia SN2004id + galaxy (z = 0.1444).

usual weather and moon constraints.
The redshifts were typically inferred by taking the

total measured spectrum (SN + galaxy) and cross-
correlating against a number of template galaxy spec-
tra using the IRAF package RVSAO [3]. When the
supernova was well-separated from the host and no
obvious galaxy light was detected, the spectra were
cross-correlated with template SN spectra. The red-
shifts measured from the host galaxy spectra are gen-
erally more accurate than redshifts derived from broad
features of the SN spectrum. In all cases, however, the
two methods agreed to within their statistical errors.

In the Fall 2004 campaign, we were able to spectro-
scopically confirm 16 type Ia, 6 type II, and 1 type
Ib/c, which are listed in Table II along with their red-
shifts. These include only sources from which we were
able to obtain a SN spectrum. There are a handful of
additional sources for which the host galaxy redshift
is measured, and the SN light curve is consistent with
that of a Ia at this redshift. These are considered as
likely type Ia SNe, and are not included in Table II.

3. Light Curves

Photometric measurements were performed by first
registering the template and search images using point
sources near the SN. PSF magnitudes of the point
sources in the search frame were measured and com-
pared to the catalog PSF magnitudes released in DR3
[4] to determine the zeropoints in each of the five col-
ors. The images were then cross-convolved (template
frame convolved with search PSF; search frame con-

volved with template PSF) to minimize systematics.
PSF magnitudes were finally measured on the sub-
tracted images. Multi-color light curves of two of the
best observed SN Ia are shown in Figures 4 and 7.

Detailed light curve fits are in progress, but a pre-
liminary analysis indicates that SN2004ie is a normal
type Ia with ∆m15(B) = 1.0 with very little host
galaxy extinction, consistent with the image shown
in the middle panel of Figure 1, which shows the SN

near the edge of its host galaxy.

4. The Supernova Survey of SDSS II

The Supernova Survey of SDSS II will observe the
entire equatorial stripe 82, which covers the coordi-
nate ranges of −50◦ < α < +60◦ and −1.25◦ < δ <
+1.25◦, with a cadence of 2 days from the beginning
of September to the end of November for the next
three years. This is approximately 4 times the size of
the Fall 2004 campaign per year. With the discovery
and confirmation of 16 type Ia SNe, we can estimate
that at least ∼ 16 × 4 = 64 SNe Ia will be discov-
ered per year with SDSS II. We expect this to be a
lower limit, since (1) during the test run, our thresh-
olds were not optimized to search for faint events in
the redshift range of 0.2 <∼ z <∼ 0.35, which spans a
much larger volume, (2) extending the survey dura-
tion from 1.5 months to 3 months results in more than
a factor of two increase in the number of events with
well-sampled light curves, and (3) the spectroscopic
follow-up plans for SDSS II are also more extensive.
We expect to request approximately 33 half-nights for
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spectroscopic follow-up from the ARC 3.5m this Fall.
The HET will devote at least 50 hours of observing
time primarily for the z >∼ 0.2 Ia, and Ohio State has
committed 30 nights per year of MDM 2.4m time for
this project. In addition, proposals are being submit-
ted to ESO, Subaru, and the William Herschel Tele-
scope on La Palma.

Figure 8: Peak magnitudes of a normal type Ia SN with
∆m15(B) = 1.0 [5] as a function of redshift calculated
using a set of template spectra provided by A. Riess
(2004, private communication) in each of the SDSS filters.
Points on each of the curves that fall below the 95%
point-source detection repeatability values are shown by
dotted lines.

Figure 8 shows the expected peak ugriz magnitudes
for a normal type Ia with ∆m15(B) = 1.0, where
∆m15(B) is the increase in B-band magnitude 15 days
after peak [5]. For the nearby events (z<∼0.15), useful
light curves will be acquired in all five colors, giving
better constraints on the reddening. For more distant
events (z >∼ 0.2), the u and z magnitudes will likely
fall below the detection limit.

We plan to also run the i-band frames through real-
time image subtraction in addition to the g and r
frames, and use an improved version of the image sub-
traction pipeline for automated candidate selection.
We expect these changes to result in an increase in
the detection efficiency of SNe Ia near the high red-
shift end of z ∼ 0.3 without dramatically increasing
the number of candidates for manual inspection. We
also plan to manually perform photometric measure-
ments on the u and z images of candidates that make
through the cut, and use the full color information for
pre-typing. Photometric redshifts of host galaxies can
also be useful for this process. We continue to opti-
mize our selection criteria using the data acquired in
fall 2004.

We also expect to find and measure light curves of
∼ 100 type II SNe out to a redshift of z ∼ 0.2 and

possibly higher. The large sample up to moderate
depths will be extremely valuable for studying in de-
tail the exciting possibility of using type II SNe as
standardized candles and applications for cosmology
[6]. Finally, we note that the large volume of this sur-
vey also provides a unique opportunity to find unusual
SNe that are poorly sampled in other surveys. One
such example is the class of luminous type Ib/c, some
of which are thought to be associated with gamma-ray
bursts. Initial color-typing and photometric redshifts
of the host galaxies can pre-select sources for follow-
up spectroscopy in the optical and possibly in other
wavelengths as well.
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Galaxy Clusters and Dark Matter Properties
J. S. Arabadjis, M. W. Bautz

Laboratory experiments, large-scale computer simulations and observational cosmology have begun to make
progress in the campaign to identify the particle responsible for gravitationally-inferred dark matter. In this
contribution we discuss the dark matter density profiles in the cores of nearby galaxy clusters and estimate the
gamma-ray flux expected for MSSM dark matter over a range of neutralino masses.

1. INTRODUCTION

Galaxy clusters are dark matter-dominated objects.
Since they are believed to constitute a nearly fair sam-
ple of the matter content of the universe [1], WMAP
results suggest that they are comprised of roughly
15% baryons and 85% non-baryonic dark matter [2].
Numerical experiments which simulate their forma-
tion via the hierarchical assembly of cold dark matter
(CDM) halos suggest that their density profiles are
adequately described by a pair of power laws and a
transition radius [3–5]. Indeed, the dark matter den-
sity profile in the centers of relaxed clusters shows
power-law behavior to scales as small as ∼ 10 kpc [6–
8]. If the density profile remains a power law to small
enough radius, the central density may become large
enough that dark matter self-annihilation produces a
gamma-ray flux observable with current instrumenta-
tion.

The neutralino is perhaps the leading candidate for
the dark matter particle [9]. The observational sig-
nal for neutralino annihilations can be quite spectac-
ular. Two of the annihilation channels result in the
production of monochromatic gamma rays, unlikely to
be confused with other astrophysical processes. Other
channels can lead to substantially more gamma rays,
although since they produce a continuous spectrum
they are more difficult to distinguish from high en-
ergy processes such as shock heating.

Most searches for the gamma ray signature of dark
matter annihilation have centered on local dark mat-
ter concentrations such as the Galactic center [10] and
halo [11, 12] and Local Group dwarf spheroidals [13].
However, if the centers of galaxy clusters are cuspy
to sufficienty small scale, they too may be observable
with the current generation of gamma ray telescopes.
In this contribution we calculate the expected annihi-
lation signal from clusters at distances less than ∼ 100
Mpc for core density profiles determined through X-
ray observations.

2. NEUTRALINO ANNIHILATION

We will assume throughout this contribution that
the lightest supersymmetric particle is the neutralino,

a linear superposition of the superpartners of the pho-
ton, Z0, and neutral Higgs bosons. and that it pro-
vides the bulk of the dark matter in the universe
[9, 14]. The neutralino, a Majorana fermion, self-
annihilates in the early universe until the annihilation
rate is exceeded by the Hubble rate. The neutralino
relic density Ωχ depends upon its exact composition
and the presence of resonances, but it can be deter-
mined approximately using [9]

Ωχh2 '
3 × 10−27 cm3 s−1

〈σv〉
(1)

where h is the Hubble parameter and 〈σv〉 is the ther-
mally averaged annihilation cross section. Assuming
neutralinos are by far the cosmologically dominant
dark matter species, then Ωχ ' (1 − fb) Ωm, where fb

is the matter baryon fraction and Ωm is the total mat-
ter density. For h = 0.67 and fb = 0.15, the total neu-
tralino annihilation cross section is 〈σv〉 = 3 × 10−26

cm3 s−1.
Neutralinos can annihilate directly into a pair of

monochromatic gamma rays [γγ], a gamma and a
neutral Z boson [γZ0], or into a gamma continuum
through a plethora of hadronization processes [γ(h)].
The dominant “channel” is hadronization, with a re-
sulting gamma ray spectrum conveniently approxi-
mated by [12]:

dNγ

dEγ

=
5

4mχ

∫ 1

xmin

dx
(1 − x)2

x3/2(x2 − η2)1/2
(2)

Here x = Eπ/mχ, η = mπ/mχ, and xmin = Eγ +
mχη2/4Eγ . The neutral pion and neutralino masses
are mπ and mχ. The γγ and γZ0 spectra are given by

dNγ

dEγ

=
2

E
δ

(

1 −
mχ

Eγ

)

(3)

and

dNγ

dEγ

=
1

E
δ

(

1 −
mχ(1 − (mZ0/2mχ)2)

Eγ

)

(4)

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1503

MIT, Cambridge, MA 02139, USA



Figure 1: Gamma ray annihilation spectra for four
different neutralino masses. The spectra shown are, left
to right, for 10, 30, 100 and 300 GeV/c2. The inset
shows the individual contributions from the γγ, γZ0 and
γ(h) processes.

respectively [15–17]. Estimates for the cross section
of these last two channels vary over several orders of
magnitude. We use the following values for our analy-
sis: 〈σv〉γ(h) = 3×10−26 cm3 s−1, 〈σv〉γγ = 〈σv〉γZ0 =
0.01〈σv〉γ(h). These spectra are shown in Figure 1 for
four values of the neutralino mass.

3. GAMMA RAY LUMINOSITY OF
CLUSTERS

The annihilation radiation luminosity of a galaxy
cluster is given by

Lγ =
Nγ〈σv〉

4πm2
χ

∫

ρ2 dV (5)

where ρ is the matter density of neutralinos, and the
integral is taken over the entire cluster volume. For
a dark matter core profile following ρ = krα, this in-
tegral diverges toward the center for α ≤ −1.5. Al-
though astrophysical processes will probably impose a
density cut-off, significant gamma ray signatures may
still result.

Figure 2 shows the inner logarithmic density slope
for a sample of seven relaxed clusters observed with
the Chandra X-ray Observatory [8, 18]. The slopes
generally span the range −1 ≤ α ≤ −2, suggesting
that gamma ray luminosities may indeed be quite high
at the center of some clusters.

The largest astrophysically possible neutralino den-
sity is determined by the free-fall timescale at the cen-
ter, with the density determined by equating the free-
fall rate

10.
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Figure 2: Inner logarithmic density slopes for seven
relaxed galaxy clusters [8, 18]. The gray band, bracketed
by the NFW and Moore profiles, represents the
prediction of standard CDM cosmology.

t−1
f =

√

32Gρ/3π (6)

to the annihilation rate

t−1
a = nχ〈σv〉 (7)

since neutralinos cannot annihilate faster than they
are supplied to the high density regions. This implies
a free-fall-limited maximum density

ρmax,f = 1.2 × 1021

(

mχ

10 GeV/c
2

)2

M� pc−3 (8)

However, dynamical heating of neutralinos by the for-
mation of supermassive black hole binaries may re-
duce this value significantly, to about 105 M� pc−3
[19]. (Other processes such as gravitational heating
[20] may be less restrictive.) Figure 3 illustrates the
peak central density required for a galaxy cluster to be
rendered detectable by GLAST and HESS as a func-
tion of cluster distance. The cluster central density
profile used is α = −1.5 to a cut-off radius, where it
remains at the limiting density. The horizontal black
line indicates a crude estimate of the upper limit of
the density imposed by the formation of supermassive
black holes during the growth of the central cluster
galaxy [19]. This figure shows that if central densities
reach high, but plausible values, then annihilation ra-
diation from neutralino dark matter may be detectable
to distances of tens to hundreds of Mpc. This radi-
ation would carry important information about the
very centers of these objects.

4. A TALE OF TWO CLUSTERS

It makes sense, in light of these results, to ask the
question: Could any real clusters be detected in their
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Figure 3: Dark matter central density required for detectability as a function of cluster distance. The upper three
diagonal lines represent GLAST sensitivity limits for mχ = 300, 100, 30 GeV, the lower two for HESS sensitivity limits
at 300 and 100 GeV.

annihilation radiation? To address this question we
use two examples. The first is the Virgo Cluster at
a distance of 17 Mpc, with a central density slope of
−1.3 [21]. For the second example we use an Abell
2029-like cluster (α = −2; [8]) at a distance of 100
Mpc. The annihilation radiation flux from a cluster,
in photons s−1 cm−2 sr−1, is

Fγ = 2.9 × 10−7

(

〈σv〉

3 × 10−26 cm3 s−1

)

·

(

mχ

10GeV/c
2

)

−2

1

Ω

∫

Ω

dΩ

∫

E

Nγ

·

∫

LOS

(

ρ

10−24g/cm
3

)2

dl

1 kpc
(9)

where Ω is the beam size. Figure 4 shows the expected
annihilation radiation flux from each object as seen by
GLAST (for 30 ≤ mχ ≤ 300 GeV/c2) and HESS (for
100 ≤ mχ ≤ 300). The GLAST and HESS detection
thresholds are shown for comparison, as is the ten-
tative HESS detection of Sgr A* [22]. In both cases
we have adopted ρmax = 105 M� pc−3. The fluxes
have been calculated from the surface brightness inte-
gral over a beam size of 10−5 sr. GLAST may detect
an annihilation signal from a steep-core cluster if the

neutralino mass is low; HESS may be able to detect
it for a wider range of distance and particle mass.

5. CONCLUSION

We have shown that, for plausible values of the cen-
tral dark matter slope and for sensible astrophysical
constraints on the peak density, neutralino annihila-
tion radiation from the centers of galaxy clusters may
be detectable using current and near-future gamma
ray telescopes. These signals would not only provide
spectacular, if indirect, evidence for the existence of
dark matter, but they would also carry information
about conditions at the centers of galaxy clusters.
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Figure 4: Expected gamma ray fluxes from Virgo (left at 17 Mpc) and a more distant, but steeper-profiled, cluster at
100 Mpc. For reference the GLAST and HESS detection thresholds are shown, as is the recent detection of Sgr A* [22].
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Intermediate Strength Gravitational Lensing
J. Irwin, M. Shmakova
SLAC, Stanford, CA 94025, USA

Weak lensing is found in the correlations of shear in 104 galaxy images, strong lensing is detected by the obvious
distortion of a single galaxy image, whereas intermediate lensing requires detection of less obvious curvature in
several neighboring galaxies. Small impact-parameter lensing causes a sextupole distortion whose orientation
is correlated with the quadrupole distortion (shear). By looking within a field for the spatial correlation
of this sextupole-quadrupole correlation, an intermediate lensing regime is observed. This technique requires
correction for the sextupole as well as the quadrupole content of the PSF. We remove the HST PSF and uncover
intermediate lensing in the Hubble deep fields. Correlations of the type expected are found.

1. Introduction

The traditional weak gravitational lensing tech-
niques [1–3], which locate and quantify the large
clumps of matter such as clusters of galaxies (visible
or dark) with 1014M�, are not sensitive to the small
scale structure or substructure of large clusters. We
present here a new method designed to expose small
scale structure [4]. We have applied the method to the
north Hubble deep field and have seen a signal which
has the features expected. We also call this “multi-
pole lensing”, since it involves the measurement of the
quadrupole and sextupole lensing strengths, and may
be extended to other multipoles as well.

2. General lensing kicks and maps

This power series expansion from the 1/r deflection
of a light stream by a point mass can be generalized
to yield the kick in both coordinates:

∆x′ + i∆y′ = − 4MG

x0 + (∆x − i∆y)
(1)

= −4MG

x0

[
1 − ∆x− i∆y

x0
+
(

∆x− i∆y
x0

)2

+ ...

]
.

Concentrating on the linear term, one sees for exam-
ple that the horizontal kick is de-focusing, while the
vertical kick is focusing. The image appears larger
in the focused direction and smaller in the de-focused
direction, hence the linear term changes a circle into
an ellipse. It is a general feature that the image
distortions have the opposite sign of the map coef-
ficients. The 2nd-order term is the sextupole term.
For ∆y = 0, ∆x > 0 the deflections of the 1st- and
2nd-order terms have the opposite sign, hence the
quadrupole is minimum there and the sextupole term
is maximum. For ∆y = 0, ∆x < 0 the quadrupole has
its other minimum and the sextupole also has a min-
imum. Below in the lower group of fig. 1 are shown
the superposition of quadrupole and sextupole distor-
tions for two distinct orientations of the sextupole mo-
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Figure 1: ”Curved” and ”Aligned” galaxies. δ = δ1 if
|δ1| < 30◦, else δ = δ2. −30◦ ≤ δ ≤ 30◦, where δ ∼ 0◦ for
”curved” and δ ∼ ±30◦ for ”aligned” galaxies.

ment with respect to the quadrupole moment. It is the
curved shape that would arise from a lensing event.

The plan we will follow is to measure the quadrupole
and sextupole shape of all galaxies, classify each
galaxy according to whether it is “curved”, “mid-
range” or “aligned”, and examine the distribution
of “curved” galaxies on the sky to determine if
curved galaxies are randomly distributed or unusually
clumped.

The lensing map can be written as a set
of 4 functions xS(xT , yT ), yS(xT , yT ), x′S(xT , yT ),
and y′S(xT , yT ), where “T” designates “telescope”
and “S” designates “source”. The two functions
xS(xT , yT ) and yS(xT , yT ) can be combined into one
complex function by defining wS = xS +iyS. Since the
transverse width of the light stream will be small com-
pared to characteristic dimensions of the variations of
the lensing mass distributions, we may expand this
function in a power series about the stream centroid:

wS(wT , w̄T ) = wT +
∞∑

n,m=0

anmw
n
T w̄

m
T . (2)

The significance of the variables w and w̄ rests on the
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fact that products and powers of them are rotation
eigenfunctions. It follows that the terms in the expan-
sion for wS have a simple interpretation. The 1 + a10

combination represents a simple rotation and scaling,
the a01 term is a quadrupolar distortion (connected
to shear in weak lensing) , the a02 term is a sextupo-
lar distortion, the a03 term is an octupolar distortion,
the a20 term is a cardioid-like distortion, and the a11

term is an r2-dependent translation of circles, and so
on. We will be concerned primarily with the terms
a01, a02 and refer to them more simply by the letters,
a and b, respectively.

In accord with the variables chosen for the map,
we expand the solution to Laplace’s equation in the
variables w = x + iy and w̄ = x − iy. Variables
without subscripts are taken to lie in the lensing
plane. Using these variables, the power series ex-

pansion for the potential is Φ =
∞∑

n,m=0

1
n!m!Φnmw

nw̄m

where Φnm = ∂n∂̄mΦ evaluated at w = w0. If both
n and m are greater than or equal to 1, the term will
be proportional to the density or a derivative of the
density, since Φ11 = 1

4∇2Φ = πGρ. The two compo-
nents of the kick, given in the form ∆x′ + i∆y′, are
contained in the single equation,

∆w′ = −2 ∂̄(2Φ). (3)

The geometry of the deflection implies that wS =
wT + DLS∆w′(w, w̄) with w = DT L

DT S
wT , where

DLS, DLT and DTS are comoving distances from the
lensing plane to the source, from the lensing plane to
the telescope, and from the telescope to the source,
respectively, divided by 1 + zL, with zL is the redshift
of the lensing plane. Thus for a general potential the
map coefficients are given by

a10 = −4DLS
DTL

DTS
Φ11 = −4πGDLS

DTL

DTS
ρ,

a = −4DLS
DTL

DTS
Φ02,

b = −4DLS

(
DTL

DTS

)2 1
2

Φ03. (4)

The map coefficients for the point source may be found
by evaluating the derivatives of 2Φδ = 4MGLn [r] =
2MGLn [ww̄]:

aδ = DLS
DTL

DTS

4MG

w̄2
0

,

bδ = −DLS

(
DTL

DTS

)2 4MG

w̄3
0

. (5)

3. Model method to determine map
coefficients

We use a novel method to estimate lensing map
coefficients that takes into account the point-spread
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Figure 2: Schematic presentation for the model method.
The initial azimuthally symmetric image (a1) with radial
profile (a2), get distorted by a lensing with a and b map
coefficients (b) and smeared by HDF PSF (c). The graph
(d) is a final simulated image after application of charge
diffusion, dithering and drizzle. The image (e) is a real
HDF galaxy those distortion has been identified by the
”Model” method.

function (PSF), the diffusion of charge between cam-
era pixels, the dithering of pointing, and drizzle of
photon counts onto the final pixel grid.

The standard ”moment” [5] method has the advan-
tage of simplicity, but because the images are nec-
essarily truncated its accuracy is compromised as a
result of edge effects and an inherent ambiguity in in-
cluding the effect of the PSF. Furthermore, it does not
bring into play the knowledge that moments derived
from the action of lensing will have a radial strength
proportional to the derivative of the radial profile of
the galaxy. The radial-fit method overcomes these
shortcomings. The model method begins with a pa-
rameterized radial profile of the source galaxy and in
addition models the PSF, diffusion and other image
composition processes (see fig. 2). This latter method
is limited by the imperfect knowledge of the features
it seeks to include (such as PSF and charge diffusion),
plus of course, the noise inherent in background galaxy
shapes and photon counting noise. Background galax-
ies can have shapes that mimic lensing, one can show
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in this case that this method gives a vectorial sum of
the lensing coefficient and the background value.

We assume a radial profile for the background
galaxy of the form 1

F (r2S) = c0(A+B(
rS
r0

)2 + C(
rS
r0

)4)+ e
−D(

rS
r0

)2
, (6)

This function must depend only on r2S . The parameter
r0 is taken to be near the rms size of the source image.
By changing the size of r0 one can change the size of
the image without affecting its shape. The factor c0
is introduced so that the shape parameters, which are
dimensionless, have values A ≈ 1 and B and C can be
compared to unity. The + subscript indicates that if
the polynomial has a value less than zero, it is to be
set equal to zero.

The effect of lensing is contained in the parameters
of the map of eq. 2. One replaces each occurrence of
r2S by the expression wSw̄S .

The parameters of the radial profile and the map
are determined by minimizing the L2 norm:

‖iF − iT ‖2
ρ =

∫
(iF − iT )2 ρ dxT dyT (7)

where iF = F (r2S) | ∂wS

∂wT
|. iT is the light-intensity func-

tion normalized to unit integral and according to the
notation introduced in the previous section the sub-
script T means the intensity as observed at the tele-
scope. In iF , r2S = wSw̄S is understood to be a func-
tion of xT and yT through wT and w̄T . The |...| is
the Jacobian of the transformation between S and T
variables. All map variables in the Jacobian occur
in 2nd order except for the d variable, which occurs
in 1st order. A weight function ρ can be introduced
if desired. However, because this technique ignores
truncated pixels rather than considering them to be
zero, edge effects are inherently smaller compared to
the moment method. At each calculation of iF the
Jacobian is monitored to see that it is not negative at
that or any smaller r.

The model method begins by constructing an iF
(here on .02” pixels) (fig. 2(b)) and convolving it with
a sub-sampled PSF (also on .02” pixels) as provided
by the Tiny Tim program (fig. 2(c)). This convolved
image is dropped (25 times) onto a dithered original
pixel grid (0.1” pixels). A diffusion kernel is applied to
each resulting image. The image on each original pixel
is shrunk to half its size in each dimension, and then
“drizzled” to the final Hubble deep field grid (0.04”
pixels) according to the intersection of the diminished
original pixel area with the pixels in the final grid (fig.
2(d)).

1K. Kuijken [6] introduced the radial-fit method, taking a
sum of Gaussians as the ansatz for the radial profile.

4. Sextupole-quadrupole measurements
and relative orientation

The software SExtractor [7] was used to select
galaxies from the Hubble deep field and to specify
which pixels to include in the image. Galaxies were
selected which appeared for both a 4σNF and a 6σNF

threshold option (4 or 6 times the rms noise floor)
with the convolution option taken to be the identity.
Only galaxies that had been assigned a z-value with
z > 0.8 were kept. 2 There were about 569 galaxies
so identified in the north field. The images used in
our analysis were cut at 6σNF and defined to be the
dominant simply-connected region.

Galaxy images were transferred to the Mathematica
programming environment for inspection where galax-
ies with more than one maxima were removed. Of the
569 identified galaxies with z > 0.8, 427 survived this
single-max cut.

We have also impose the noise cuts based on
Poisson-noise estimation [8]. The following list sum-
marizes the results on the several galaxy cuts:
569 in the z-catalog with z > 0.8 and found

by SExtractor for thresholds 4σNF

and 6σNF ;
427 having only one prominent maximum;
370 larger than 5 pixels in both x and y;
323 with radial-fit having its L2 squared norm

less than 0.05 (“good fit” condition);
217 satisfying the signal-to-noise cut

condition described in [8].
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Figure 3: Distribution of the magnitude of the
quadrupole map coefficients (left plot) and sextupole
map coefficient (right plot), using the model method
(foreground) compared with the fit method
(background).The units of sextupole coefficients are ”per
HDF pixel”.

In fig. 3 we show the distribution of magnitude
of the quadrupole coefficient (left) and the distribu-
tion of sextupole coefficients (right) that were found
by radial-fit (background) method and model method
(foreground).

2We used z-catalogs from ess.sunysb.edu/astro/hdf.html and
bat.phys.unsw.edu.au/ fsoto/hdfcat.html.
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The orientation of the sextupole map coefficient
with respect to the quadrupole coefficient is of pri-
mary interest to us. A plot of the (smallest) angle
between sextupole and quadrupole minima using the
model method is shown in fig. 4 for the galaxies sur-
viving both the L2 norm < 0.05 cut and the signal-to-
noise cut. This angle, which we refer to as δ, runs from
0◦ to 30◦. For δ = 30◦ the shapes will have aligned
maxima, and we refer to such galaxies as “aligned”.
They are pear shaped galaxies, as compared to the
“curved” galaxies which resemble bananas. See fig.
1. Figure 5 compares δ found with the radial-fit and

10 20 30 10 20 30 10 20 30 10 20 30 10 20 30
∆QS

0.02

0.04

0.06

0.08

P

Figure 4: The distribuiton of the magnitude of δ, the
smallest angle between a quadrupole minimum and a

sextupole minimum, using the model method, for
galaxies in the north HDF after the noise cut and all

galaxies surviving the L2 cut (background).

model methods. We now proceed to a study of the
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Figure 5: The left panel compares the angle δ as
measured by the radial-fit method and the model

method. The points within the diagonal band (or in the
corners) have a change in δ < 10◦ . The distribution for

δMod − δF it is shown on the right panel.

spatial distributions of the “curved” and “aligned”
galaxies as determined in this section.

5. Clumping of curved galaxies

To quantify clumping for a galaxy subset with NC

members, we draw a circle of fixed radiusR about each
member of the subset and count the members of that
subset which lie within the circle. We then compare
the distribution of the number of galaxies having 0, 1,
2, 3, etc. neighbors closer than R, with a large number
of such distributions derived from randomly chosen
subsets having the same number (NC) of galaxies in
two distinct ways:

(1) for an informative but qualitative comparison, we
compare the distribution of the initial subset with the
average distribution of the random subsets, and
(2) for a quantitative comparison, for the subset being
studied and for each of 500 randomly selected subsets
having the same number of galaxies as the original
subset, we sum the galaxies having N or more neigh-
bors (usually N = 4). Each random subset is thereby
associated with a single number, nG, the number of
galaxies of that subset having N or more neighbors.
We then create a bar graph, showing for each value
for nG the number of random subsets which had that
number of galaxies with N or more neighbors. This
distribution is thus a property of random subsets of
a size NC , with neighbor distance R, for the specified
neighbor range. Since the initial subset will have a
certain number, nG, of galaxies having N or more
neighbors, we can ask the question “what fraction
of randomly chosen galaxy subsets have that many
or more members with N or more neighbors?” We
thereby determine a probability that this configura-
tion could occur by chance.

For “curved” galaxies we begin with bar graphs of
type 1 comparing the neighbor distribution with the
average of randomly chosen subsets. In fig. 6 (a), we
show the distribution of the number of neighbors in
a circle of radius R = 280 3 for the “curved” galaxies
using the model method (which we now take to be
δ < 9◦.) Fig. 6 (b) displays an analysis of type 2 for

0 1 2 3 4 5 6 7 8
N

0.1

0.2

0.3

0.4

P R � 280 pixels

0 1 2 3 4 5 6 7 8 9 10 11 12 13 14
n

0.05

0.1

0.15

0.2

0.25
P R � 280 pixels, N � 4

curved

(a) (b)

Figure 6: A histogram showing the fraction of curved
galaxies having a specific number, N, of curved neighbors
within a circle of radius 280 pixels, compared with the
average of such a distribution for 500 randomly chosen
subsets having the same number of galaxies.

the model method. (The number corresponding to
the “curved” set is indicated by an arrow in this bar
graph.) For the optimum radius, which is typically
between 270 and 340 pixels, there will be less than 25
out of 500 sets that have as many galaxy-circles with
counts equal to or greater than the original curved

3The Hubble deep field images have a drizzled pixel size of
0.04 arc sec. At z =0.6 for current cosmological parameters
(dark matter 23%, baryons 4%, dark energy 73%) the distance
scale would be 6.67 kpc per arc sec. 280 pixels corresponds to
75 kpc.
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set. In other words, the probability of achieving the
curved set by chance is equal to or smaller than 5%.

Figure 7 shows “curved” galaxies (as determined us-
ing model method) in the Hubble north field and for
galaxies having three or more neighbors, their neigh-
borhood circles of radius R=280 pixels. Large “stars”
indicate “curved” galaxies, and small “stars” indicate
remaining background galaxies.

0 1000 2000 3000 4000

0

1000

2000

3000

Model, R�280, N � 4

Figure 7: A field plot showing the spatial location of
“curved” galaxies in the north HDF using the model
method to determine the map coefficients. Large “stars”
indicate “curved” galaxies and small “stars” indicate the
remaining background galaxies that survived the
joint-variable signal-to-noise cut. Circles are shown for 4
or more neighbors.

Significantly these results improve as noise con-
straints are relaxed. In this case the clumping sig-
nal becomes stronger with the random probability
decreasing from 5% to 2.5%. Furthermore if the z-
distributions of the random sets are constrained to
resemble the distributions of curved galaxies the prob-
ability decreases to 1.5%.

Given any background distribution of orientations
between sextupole and quadrupole moments, lensing
events will statistically move a galaxy to a “more
curved” condition. Since there is a lot of mass at
distances where the quadrupole and/or the sextupole
deflection coefficient is small there could arise many
weaker ”nudges” toward a “more-curved” condition.
Thus the “aligned” galaxies will be depleted in a non-
uniform way. For this reason we now apply the previ-
ous analysis of “curved” galaxies to “aligned galaxies”.
Similar to the above analysis gives 8%-10% probabil-
ity for the aligne galaxies to be clumped for a larger
radius of the group R ∼ 340 pixels.

6. Total lensing-mass requirements

To simplify our considerations we assume that 1)
the observed increase in the number of galaxies with
4 or more neighbors comes from the addition of 1
or 2 lensing mass “overdensities”, 2) the constituent
halo masses can be taken to have a single value, and
3) the spatial distribution of this constituent can be
sufficiently-well approximated by a top-hat distribu-
tion. The lensing mass is assumed to lie in the region
0.3 < z < 1.25 where the geometrical coefficients for
lensing are large. We project any lensing mass that
exists in this region onto a lensing plane at z=0.6.

The probability to have a scattering event must be
substantial where clumping is seen. An area of π2802

pixels would typically contain 9 background galax-
ies. Assuming the they are equally divided between
curved, mid-range and aligned, then to get a final total
of 5 curved, of the 6 originally non-curved background
galaxies at least 2 must get curved. So the probability
for a background galaxy to be lensed by a sufficiently
strong small-impact parameter lensing event must be
near 33%.

For a top-hat distribution of constituents having a
single mass, the total mass in the distribution will be

MXG = ρGAX =
MG

d2
X

AX =
MG

r20

r20
d2

X

AX (8)

=
1

4π
DTSDTL

DLS
atyp PaAX ,

where ρ is the (projected) density of the constituents,
AX is the area of the overdensity, M is the mass
of the constituent clumps, and dX is a characteristic
cell size or projected separation distance of the haloes
within the overdensity. r20, the square of a typical
impact parameter, is chosen so that when M/r20 is in-
serted in the formula for a, one finds a typical induced
quadrupole coefficient for those events that transform
the local galaxy light-streams to the curved shape.
Pa ≡ πr20/d

2
X , which is the ratio of the typical impact

parameter area to the cell size, can be interpreted as
the probability that any particular light path receive
an induced map coefficient change of the observed and
required magnitude. AX is the area of the group in
square radians. The observed clumps have areas of
π2802 ≈ 2.5 105 square pixels.

As noted above, the probability to be transformed
from not-curved to curved must be the order of 33%.
We suppose that for any particular galaxy the trans-
formation from not-curved to curved depends on the
probability that the background galaxy is suitable (for
example its moments are small enough to easily alter
or their orientation is conducive to change) times the
probability that the kick is large enough. We assume
that these probabilities are roughly equal, and hence
get a probability of Pa ≈ 0.6 that the kick is large
enough. (Pa ≈ 0.6 implies dX/r0 ≈ 2.3.)
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The typical quadrupole lensing coefficient, atyp, for
these events has to be large enough to change mo-
ment alignments, so it must be comparable to but
can probably be less than the average of the back-
ground coefficients, which can be estimated to be a
bit less than < a >, as deduced from the model
method, because we have already included a factor
to insure that the background galaxy is “suitable” .
For atyp ≈ 0.2, Pa ≈ 0.6, AX = 10−8 square radians
(corresponding to 2.5 105 square pixels), and setting
DTL = DLS = 1.4 Gpc for a lensing plane at z = 0.6,
we find MXG ≈ 0.27 pc⇔MX = 5.6 1012 M�.

This estimate depends on: the area of the region of
enhanced “curving”, the enhancement of the probabil-
ity of finding a curved galaxy in that region, and the
typical value of the quadrupole map coefficient. While
these numbers can vary somewhat, each is confined to
a narrow range.

We have also simulated this situation, randomiz-
ing the position of the background galaxies, randomiz-
ing background values of map coefficients according to
our measurements, and randomizing overdensity con-
stituent positions. The result is that to identify an
overdensity 50% of the time requires a total lensing
mass of 5 1012M�.

7. Probable overdensity origins

Using 0.27 times the critical density one finds that
the average matter behind a circle of radius 280 pix-
els in the region from 0.3 < z < 1.25 has a mass
of 6.8 1012M�. But only constituents with a mass
109 < M < 5 1011M� can be seen. Smaller masses
require an impact parameter smaller than the back-
ground galaxy radii. Larger masses have radii that
are too large to achieve the required impact param-
eters. See fig. 8. One can use the Sheth-Tormen
[9] distribution to estimate the fraction of the total
mass with halo mass in this mass range to be about
1/5th, which equals 1.4 1012M�. There is actually a
bit more detectable mass than this, because the large
haloes have large radii, so that light paths will be
penetrating them and can detect sub-structure they
might contain. We estimate this sub-halo mass at
0.3 1012M�, achieving a grand total estimate of an
average total mass in the detectable constituent mass
range of 1.7 1012M�.

To estimate the overdensity and underdensity ex-
tremes we looked at the visible haloes between 0.3 <
z < 1.25. One finds that in areas of radius 280 pix-
els, the overdensities reach twice their average and the
underdensities go to zero. So if the invisible mass is
organized according to the visible mass, one would
expect an overdensity of 3.4 1012M�. This is close to
the lensing-based estimate of 5 1012M�. More con-
vincingly the maximum overdensity of visible haloes
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Figure 8: A plot of the constituent mass versus the
impact parameter. Lines of constant a and b are shown
which delineate the range of a and b observed. The range
of values using the model method are shown. The lensing
plane is taken to lie at z = 0.6.

is coincident with the the clump of curved galaxies in
the upper left of the field in fig. 7.

We do not judge the discrepancy between our es-
timates of the lensing mass and overdensity mass to
be significant. Since the process is statistical, a range
of overdensities can produce the clumping of lensing
curvature we observe. But we would venture, that in
larger fields with more statistics, observations could
begin to constrain halo distribution models.
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Cosmological Constraints from 2D SZ Catalogs: Number Counts and
the Angular Correlation Function
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Using a Fisher matrix analysis we quantify the cosmological constraints attainable with the counts and the
angular correlation function from a 2–dimensional Sunyaev–Zel’dovich (SZ) cluster catalog. Three kinds
of SZ survey are considered: the almost all–sky Planck survey and two deeper ground–based surveys, one
with 10% sky coverage, the other one with a coverage of 250 square degrees. With the counts and angular
function, and adding the constraint from the local X–ray cluster temperature function, joint 10% to 30% errors
(1σ) are achievable on the cosmological parameter pair (σ8, ΩM) in the flat concordance model. Constraints
from a 2D distribution remain relatively robust to uncertainties in possible cluster gas evolution for the
case of Planck; alternatively, we examine constraints on cluster gas physics when assuming priors on the
cosmological parameters (e.g., from cosmic microwave background anisotropies and SNIa data), finding a
poor ability to constrain gas evolution with the 2–dimensional catalog. From just the SZ counts and angular
correlation function we obtain, however, a constraint on the product between the present–day cluster gas
mass fraction and the normalization of the mass–temperature relation, T∗, with a precision of 15%. This
is particularly interesting because it would be based on a very large catalog and is independent of any X–ray data.

1. Introduction

In the coming years, surveys of galaxy clusters ob-
served with the Sunyaev–Zel’dovich (SZ) effect (Sun-
yaev & Zel’dovich 1970, 1972; Birkinshaw 1999; Carl-
strom et al. 2002) will open a new observational win-
dow onto large–scale structure formation and evolu-
tion (Barbosa et al. 1996; Eke et al. 1996; Co-
lafrancesco et al. 1997; Diego et al 2002; Haiman et al.
2001; Holder et al. 2001; Kneissl et al. 2001; Weller et
al. 2002; Benson et al. 2002). The advantages offered
by this window, compared to either the X–ray or the
optical, are intrinsic to the SZ effect (Bartlett 2000).
They include the ability to detect clusters at high red-
shift, due to the lack of surface brightness dimming in
the SZ, and a “clean” selection on cluster gas thermal
energy, a robust quantity expected to have a tight rela-
tionship to cluster mass. These properties are partic-
ularly advantageous for evolutionary studies because
they permit the selection of similar mass clusters over
a large range of redshifts. The evolution of cluster
abundance with redshift, for example, is sensitive to
the cosmological parameters σ8 and ΩM, and also to
ΩΛ and the dark energy equation–of–state (Oukbir &
Blanchard 1997; Barbosa et al. 1996; Haiman et al.
2001).

This scientific potential is currently motivating a
number of observational efforts aimed at realizing
SZ surveys with dedicated, optimized interferometers

(AMI1, AMiBA2, SZA3), and large–format bolome-
ter arrays (APEX4, ACT5, BOLOCAM6, ACBAR7,
SPT8). The Planck9 satellite, to be launched in 2007,
will provide a full-sky catalog of galaxy clusters de-
tected by their SZ signal, one of the largest galaxy
cluster catalogs ever constructed, and in the more dis-
tant future one may look forward to an even larger
catalog from a fourth generation CMB mission, such
as the Inflation Probe proposed by NASA in the con-
text of the Beyond Einstein Program10 or a similar
mission under study by ESA in the Cosmic Vision
programme11.

Follow–up in other wavebands of a SZ catalog is
obviously essential for many scientific goals, for in-
stance constraining cosmology and cluster evolution
with the redshift distribution and X–ray properties
(e.g., Holder et al. 2001; Bartelmann & White 2002;
Diego et al. 2002; Weller et al. 2002; Hu 2003; Ma-
jumdar & Mohr 2003; Majumdar & Mohr 2004). Ex-

1http://www.mrao.cam.ac.uk/telescopes/ami/index.html
2http://www.asiaa.sinica.edu.tw/amiba
3http://astro.uchicago.edu/sze
4http://bolo.berkeley.edu/apexsz
5http://www.hep.upenn.edu/∼angelica/act/act.html
6http://astro.caltech.edu/∼lgg/bolocam front.htm
7http://cosmology.berkeley.edu/group/swlh/acbar/
8http://astro.uchicago.edu/spt/
9http://astro.estec.esa.nl/Planck/

10http://universe.nasa.gov/program/probes.html
11http://www.esa.int/esaSC/SEMA7J2IU7E index 0.html
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Table I The surveys that have been considered in this analysis.

Survey Y limit (arcmin2) Coverage (sq.deg.) Average redshift Expected number of clusters

( for ΩM = 0.27, ΩΛ = 0.73, h = 0.72, σ8 = 0.84)

Planck 3 × 10−4 40000 0.3 36000

SPT 5 × 10−5 4000 0.6 33000

APEX 2.5 × 10−5 250 0.7 5000

tensive follow–up will be limited to only small subsets
of the larger SZ catalogs. In particular, the follow–up
of the Planck all–sky catalog will represent a signifi-
cant effort. It is therefore interesting to ask the ques-
tion, what science can be done with a two–dimensional
SZ catalog – what we refer to as the SZ photometric
catalog.

Mei & Bartlett (2003) studied the counts and the
angular correlation function of SZ clusters to see how
these two statistics could be combined to extract cos-
mological information before any subsequent follow–
up. The angular function has been extensively stud-
ied by Diaferio et al. (2003), while three dimen-
sional clustering issues are elaborated by Moscardini
et al. (2002). Specifically, we explored how joint
measurements of the counts and angular function
could be used to constrain the cosmological parame-
ters σ8 and ΩM , when the normalization of the Mass–
Temperature relation for clusters is known. This work
focused on the influence of various cosmological pa-
rameters and cluster gas physics on both the counts
and the angular function. In previous work, Fan &
Chiueh (2001) examined constraints in the σ8–ΩM

plane obtained by combining a SZ catalog with lim-
ited redshift information (e.g., only two redshift bins)
and the local abundance of X–ray clusters.

Mei & Bartlett (2004) extended this work by quanti-
fying the attainable constraints with a standard Fisher
analysis, working in the context of the so–called con-
cordance model (ΩM = 0.27, ΩΛ = 0.73, h = 0.72;
e.g., Spergel et al. 2003). In this paper we discuss our
results from this analysis.

2. SZ cluster physics

The total SZ flux from a cluster (relative to the
mean sky brightness, i.e., the unperturbed cosmic mi-
crowave background [CMB]) is measured by the in-
tegrated Compton y–parameter, which may be ex-
pressed in terms of cluster quantities as

Y (M, z) =
kσT

mc2
NeT

D2
ang(z)

∝ fgas(M, z)T (M, z)M
D2

ang(z)
(1)

where k is the Boltzmann constant, m is the elec-
tron mass, and Ne is the total number of electrons in

the cluster. In this expression, fgas(M, z) is the clus-
ter gas mass fraction, T (M, z) is the mean particle
weighted gas temperature, M is the total virial mass
and Dang(z) is the angular diameter distance in a ho-
mogeneous background. The gas mass fraction and
temperature are in general functions of cluster mass
and redshift.

Scaling arguments lead one to expect

T (M, z) = T∗ (M15h)2/3 [∆(z)E(z)2
]1/3

[
1 − 2

ΩΛ(z)
∆(z)

]

(2)
where T∗ is a normalization constant (expressed in
keV), M15 is the cluster total mass in units of
1015 M�, ∆(z) is the non–linear density contrast on
virialization (≈ 178) and h ≡ Ho / 100 km/s/Mpc.
The quantity E2(z) = [ΩΛ + (1 − ΩM − ΩΛ)(1 +
z)2 + ΩM(1 + z)3] (the dimensionless Hubble parame-
ter) with the definitions ΩM(z) ≡ ΩM(1 + z)3/E2(z),
ΩΛ(z) ≡ ΩΛ/E

2(z); notice that ΩM and ΩΛ written
without an explicit redshift dependence will indicate
present–day values (z = 0). The gas mass fraction
fgas(M, z) is, on the other hand, constant in the sim-
plest self–similar model, independent of cluster mass
and redshift (e.g., Arnaud et al. 2002).

Putting all this together, we express the relation
between cluster SZ flux and mass and redshift as

Y (M, z) = Y15(z)M5/3+α
15 (1 + z)γ (3)

where Y15(z) incorporates the various constants and
redshift dependence of the self–similar model. The
exponents α and γ describe any deviations from pure
self–similarity, in other words gas evolution, such that
the self–similar model is defined by α = γ = 0.

The explicit expression for Y15(z) is

Y15(z) =
(
7.4 × 10−5h7/6 arcmin2

) (
T∗
keV

) ( fgas

0.07h−3/2

)
×

(
∆(z)E(z)2

178

)1/3 [
1 − 2ΩΛ(z)

∆(z)

]
1

d2
ang(z)

≡ Y∗
(

∆(z)E(z)2

178

)1/3 [
1 − 2ΩΛ(z)

∆(z)

]
1

d2
ang(z)

≡ (1.06 × 10−3h8/3 arcmin2
)
Y ′∗ ×(

∆(z)E(z)2

178

)1/3 [
1 − 2ΩΛ(z)

∆(z)

]
1

d2
ang(z)

(4)
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Figure 1: Constraints on σ8 and ΩM from a joint analysis of the counts, the angular function and the local X–ray
temperature function (constraint from Pierpaoli et al. 2003) are shown at one σ (continuous ellipse). The constraints
from the joint counts and angular correlation function are shown by the dashed–dotted ellipse. The dashed line
represents the degeneracy line from the singular value decomposition of the counts Fisher matrix. The dotted line
represents the degeneracy line from the singular value decomposition of the angular correlation function Fisher matrix.
The continuous line crossing the contours represents the degeneracy line from the singular value decomposition of the
Fisher matrix for the constraints from the local X–ray temperature function. In the top panel, priors of 30% on T∗ and
50% on fgas are assumed; in the middle panel, priors of 10% on T∗ and 50% on fgas, and in the bottom panel, priors of
10% on T∗ and 15% on fgas are assumed. From left to right, we show the constraints for Planck–like, SPT–like and
APEX–like surveys. These constraints are summarized in Table II.

Table II One sigma constraints on σ8 and ΩM from a joint analysis of the counts, the angular function and the local
X–ray temperature function. For each survey, the prior uncertainties on T∗ and fgas, and the expected final constraints
on σ8, ΩM, and fgas are given. From the joint analysis we derive constraints σ8, ΩM, but also gain precision on fgas.
This table summarizes the results of Figure 1.

Survey T∗ Prior Unc. (%) fgas Prior Unc. (%) σσ8 (%) σΩM(%) σfgas (%)

Planck 30 50 20 60 30

10 50 20 40 30

10 15 10 30 10

SPT 30 50 30 80 35

10 50 20 40 30

10 15 10 30 10

APEX 30 50 35 100 35

10 50 20 45 35

10 15 10 35 10

where Dang ≡ H−1
o dang, and we use Y ′∗ ≡ fgas T∗ to

indicate our normalization of this relation.
In our Fisher analysis we consider Y ′

∗ , σ8 and ΩM,
and adapt a fiducial model with Y ′

∗ = 0.17 keV – for
example, fgas = 0.07h−1.5 (Mohr et al. 1999, see also
Grego et al. 2002) and T∗ = 1.5 keV (Pierpaoli et al.
2003) – and a flat cosmological model with σ8 = 0.84
and ΩM = 0.27 (Spergel et al. 2003).

3. Constraints on cosmological
parameters

We study two situations to illustrate the use of a
SZ photometric catalog: constraints on the cosmolog-
ical parameter pair (σ8,ΩM) in the presence of pos-
sible cluster gas evolution, and constraints on cluster
gas physics assuming strong cosmological priors (e.g.,
from cosmic microwave background anisotropies and
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Figure 2: Constraints on Y ′
∗ from a joint analysis of the counts and the angular function when the cosmological

parameters are known. In the top panel, priors are taken as 10% on σ8 and ΩM, and ±1 for α and γ. In the center
panel, the prior on α and γ are dropped to ±0.1. In the bottom panel, priors are 5% on σ8 and ΩM, and ±0.1 for α
and γ. From left to right, we show the constraints for Planck–like, SPT–like and APEX–like surveys. These constraints
are summarized in Table III.

Table III One sigma constraints on Y ′
∗ from a joint analysis of the counts and the angular function when the

cosmological parameters and T∗ are known. This table corresponds to Figure 2.

Survey α and γ Prior Unc. σ8 and ΩM Prior Unc. (%) σY ′∗
Planck 1 10 0.5

0.1 10 0.3

0.1 5 0.16

SPT 1 10 0.6

0.1 10 0.3

0.1 5 0.18

APEX 1 10 0.6

0.1 10 0.3

0.1 5 0.18

SNIa distance measurements). We furthermore exam-
ine the gain obtained by incorporating the constraint
from the local X–ray cluster temperature distribution
function. Our results are shown in Fig. 1 and Fig. 2
and summarized in Tables II and III.

Our present study takes as examples the almost
full–sky SZ catalog expected from Planck, (Aghanim
et al. 1997; Bartelmann 2001; Diego et al. 2002;
and references therein), and two deeper ground–based
experiments, one covering 4000 square degrees (e.g.,
Haiman et al. 2001; Holder et al. 2001; Majumdar
& Mohr 2004), representative of the South Pole Tele-
scope (SPT) survey, and one covering 250 square de-
grees, representative of the APEX survey. The char-
acteristics of these surveys are summarized in Table 1
with flux limits quoted at a signal–to–noise of better

than three.
The local abundance of X–ray clusters, as mea-

sured by the present–day X–ray temperature distri-
bution function, adds additional information that can
be usefully combined with the SZ counts and angular
function. With prior information on T∗, all three pa-
rameters (σ8,ΩM, Y

′∗) may be constrained, which also
yields a constraint on the cluster gas mass fraction
fgas. This determination of fgas would be truly repre-
sentative of the cluster population, as it is an average
over a potentially very large number of objects.

Constraints on the order of 10% to 30% (around the
concordance values) are obtained on the cosmological
parameters (σ8,ΩM) with both an all–sky survey to
Y ∼ 10−4 arcmin2 and a deep ground–based survey
to Y ∼ 10−5 arcmin2 (see Figure 1 and Table II). To
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achieve these results, one must have external infor-
mation equivalent to a 10% prior on the value of the
normalization of the T −M relation (T∗).

If the cosmological parameters are known, we are
able, by constraining the normalization of the Y (M, z)
relation, to constrain the present day (z = 0) gas
mass fraction fgas to about 20% (with a prior of
10% on the normalisation of the mass/temperature
relation T∗); or, vice versa, the normalization of the
mass/temperature relation T∗ to about 20% (with a
prior of 10% on fgas); this is shown in Fig 2 and Table
III. This would represent a measurement over a very
large number of clusters.

4. Discussion & conclusion

Our general results are not greatly affected by non–
standard (i.e., non self–similar) gas evolution, in par-
ticular in the case of Planck. The corollary is that we
are unable to turn the argument around in the sense
that even if the cosmological parameters are taken as
fixed, very little restriction is placed on gas evolution.

In conclusion, an angular SZ catalog in which both
the counts and angular correlation function are mea-
sured can provide useful cosmological constraints, per-
mitting an immediate return on a SZ survey before
subsequent follow–up observations.
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The Advanced Camera for Surveys (ACS on the Hubble Space Telescope) Virgo Cluster Survey is a program
to observe images of 100 early-type galaxies in the Virgo cluster, in the F475W and F850LP band passes
(SDSS g and z). In terms of depth, spatial resolution, sample size and homogeneity, this represents the most
comprehensive imaging survey to date of early-type galaxies in a cluster environment. The scientific goals of this
survey include an exploration of the three-dimensional structure of the Virgo Cluster and a critical examination
of the usefulness of the globular cluster luminosity function as a distance indicator. In this article, we present
some preliminary science results from the survey.

1. Introduction

The Virgo Cluster is the dominant mass concentra-
tion in the Local Supercluster and the largest collec-
tion of elliptical and lenticular galaxies in the nearby
universe. The Advanced Camera for Surveys (ACS;
Ford et al. 1998) Virgo Cluster Survey is a project
based on observations with the ACS on the Hubble
Space Telescope (HST), aimed at the exploration of
the properties of 100 early–type galaxies in the Virgo
Cluster, the study of their globular cluster systems,
and the reconstruction of Virgo’s three dimensional
structure.

Coté et al. (2004) described the program galax-
ies, and their ensemble properties, the choice of fil-
ters, the field placement and orientation, the limit-
ing magnitudes of the survey, coordinated parallel ob-
servations of 100 “intergalactic” fields with WFPC2,
and supporting ground-based spectroscopic observa-
tions of the program galaxies. Details on the data
reduction procedures may be found in Jordán et al.
(2004a) and Mei et al. (2005a).

In terms of depth, spatial resolution, sample size,
and homogeneity, this represents the most compre-
hensive imaging survey to date of early-type galaxies
in a cluster environment.

2. Surface Brightness Fluctuation
distance measurements

Our survey aims to measure accurate distances for
the full sample of 100 program galaxies. To do so,
we use the method of Surface Brightness Fluctuations
(SBF). The SBF method was first proposed by Tonry
& Schneider (1988) and it is based on the fact that the
variance of normalized poissonian fluctuations of the
galaxy stellar population depends on galaxy distance
(for reviews see Jacoby et al. 1992 and Blakeslee et al.
1999). At present, SBF measurements have been used
to determine galaxy distances out to ≈ 7000 km s−1,
using data from ground–based telescopes and the HST
(Ajhar et al. 1997, 2001; Tonry et al. 1997, 2001;
Jensen et al. 1999, 2003; Blakeslee et al. 2001, 2002;
Mei et al. 2001, 2003; Liu et al. 2001, 2002; Mieske et
al. 2003, Mei et al. 2005a, Mei et al. 2005b).

The feasibility of measuring accurate SBF distances
from ACS Virgo Cluster Survey F850LP imaging was
studied in detail in Mei et al. (2005a). As is well
known, the ACS exhibits significant geometrical dis-
tortions due to its off-axis location in the HST focal
plane; correcting for these distortions by resampling
the pixel values onto an undistorted frame results in
pixel correlations that depend on the nature of the in-
terpolation kernel used for the resampling. This poses
a major challenge for the SBF technique, which nor-
mally assumes a flat power spectrum for the noise.
Mei et al. (2005a) investigated a number of different
interpolation kernels and showed through an analysis
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Figure 1: Our final calibration sample (81 galaxies, plus VCC 21; left) is shown, together with the fitted relations.
Elliptical galaxies are represented by open squares, S0 by open triangles, dwarf ellipticals by filled squares, and dwarfs
S0 by filled triangles. The straight line is the fit to the full sample, while the thick continuous lines are, respectively,
fits for the red and blue ends. At the top left, the typical SBF magnitude error (0.12 mag, including the uncertainty
due to the Virgo cluster depth and intrinsic SBF dispersion) is shown. On the right, the Virgo three dimensional
structure as derived from our SBF measurements.

of simulated galaxy images with realistic noise prop-
erties that it is possible — depending on the kernel —
to measure SBF distances using distortion-corrected
ACS images without introducing significant additional
error from the resampling. This study also showed ex-
amples of real image power spectra from the survey.

Since the absolute magnitude of the SBF varies as a
function of the stellar population age and metallicity,
SBF distance measurements in a given observational
bandpass must be carefully calibrated in terms of stel-
lar population observables, typically the galaxy color.
Mei et al. (2005b) presents the first SBF calibration
for the bandpasses of the survey: the first SBF mea-
surements in the F475W and F850LP bandpasses.

Galaxy stellar population variations were quantified
by galaxy color (g475 − z850)0, where g475 and z850 are
the galaxy magnitudes in the two ACS filters. We
derived the following calibration for the absolute SBF
magnitude M850:

M850 = −2.06±0.04+(2.0±0.2)×[(g475−z850)0−1.3]
(1)

in the range 1.3 < (g475 − z850)0 ≤ 1.6, and

M850 = −2.06±0.04+(0.9±0.2)×[(g475−z850)0−1.3]
(2)

in the range 1.0 ≤ (g475 − z850)0 ≤ 1.3. The quoted
zero-point uncertainty here includes all sources of in-
ternal error; there is an additional systematic uncer-
tainty of ∼ 0.15 mag, due to the uncertainty in the
distance scale calibration.

Our calibration is shown in Fig. 1, together with
the derived distances for the galaxies in our sample
(Mei et al., in preparation). Physically, the two differ-
ent color regimes correspond to different galaxy types:
giant ellipticals and S0s at the red end, and early-
type dwarfs at the blue end. For the first time in
SBF studies, we are able to provide a firm empiri-
cal calibration of SBF in early–type dwarf galaxies.
Our results agree with stellar population model pre-
dictions from Bruzual & Charlot (2003) in the range
1.3 < (g475 − z850)0 ≤ 1.6, while our empirical slope
is somewhat steeper than the theoretical prediction in
the range 0.9 ≤ (g475 − z850)0 ≤ 1.3.

3. Low mass X-ray binaries in M87

In Jordán et al. (2004b), we used the ACIS in-
strument on board the Chandra X-Ray Observatory
to carry out the first systematic study of low-mass
X-ray binaries (LMXBs) in M87 — the giant ellip-
tical galaxy near the dynamical center of the Virgo
Cluster. These images, with a total exposure time
of 154 ks-are the deepest X-ray observations yet ob-
tained of M87, and offer a striking contrast to the
view from our ACS imaging. We identified 174 X-
ray point sources, of which ≈ 150 are likely LMXBs.
This LMXB catalog is combined with deep F475W
and F850LP images taken with ACS to examine the
connection between LMXBs and globular clusters in
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Figure 2: Chandra ACIS image (5′ × 5′) of M87 with the ACS field of view overlaid (rhomboids). The detected X-ray
point sources are shown by the green ellipses. White squares indicate the 60 X-ray sources that coincide with globular
cluster candidates.

M87. Of the 1688 globular clusters in our catalog, a
fraction of 3.6% ± 0.5% contain an LMXB. Dividing
the globular cluster sample by metallicity, the metal-
rich clusters are 3 ± 1 times more likely to harbor an
LMXB than their metal-poor counterparts.

In agreement with previous findings for other galax-
ies based on smaller LMXB samples, we found the ef-
ficiency of LMXB formation to scale with both cluster
metallicity and luminosity, in the sense that brighter,
more metal-rich clusters are more likely to contain an
LMXB. For the first time, however, we were able to
demonstrate that the probability that a given cluster
will contain an LMXB depends sensitively on the dy-
namical properties of the host cluster (i.e., core radius
and central density).

4. Globular cluster sizes as a function of
color

Most observations of the projected half-light radii
of metal-rich globular clusters in a variety of galax-
ies have shown them to be 20% smaller than those
of their metal-poor counterparts. In agreement with
previous studies, Jordán (2004) found the cluster half-
light radii to scale with cluster color (or metallicity),
and showed that this could be the result of mass seg-
regation combined with the dependence of stellar life-
times with metallicity, under the assumption that the
half-mass radii do not vary with metallicity. Fig. 3

show the size-metallicity relation for globular clusters
in M87.
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Figure 3: Projected half light radii for a globular clusters in M87 measured from our ACS images. The solid curve
represents a robust estimate of the mean half light radius as a function of [Fe/H], and the dashed line is the predicted
theoretical behavior of this quantity from Jordán et al.(2004).
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The ACS Intermediate Redshift Cluster Survey is an ongoing GTO project to study the properties and evolution
of clusters and their member galaxies near redshift unity with the Wide Field Channel of the Advanced Camera
for Surveys (ACS) on the Hubble Space Telescope. The survey includes eight X-ray and optically selected galaxy
clusters in the redshift range z=0.8 to z=1.3. Our goals include constraining the formation ages and the star
formation histories of early-type galaxies, and comparing the fundamental properties of clusters of galaxies from
z≈1 to the present (Ford et al. 2004). Here we present our observations from this survey and summarize some
recent results on the color-magnitude and morphology-density relations as well as the star formation activity of
cluster galaxies.

1. Introduction

The Advanced Camera for Surveys (ACS; Ford et
al. 2002), by virtue of its high resolution and sensitiv-
ity, permits us to study galaxy clusters in great detail
up to redshifts of unity and beyond. At these red-
shifts, galaxy clusters are still assembling and galaxies
are evolving towards the populations that we observe
today.

Our ACS Intermediate Redshift Cluster Survey in-
cludes eight clusters, X–ray, optical and near–infrared
(near–IR) selected, in the redshift range 0.8 < z < 1.3
(Ford et al. 2004). Recent results from the ACS In-
termediate Redshift Cluster Survey (Blakeslee et al.
2003a; Lidman et al. 2004; Demarco et al. 2005;
Goto et al. 2005; Holden et al. 2005a; Holden et al.
2005b; Homeier et al. 2005; Postman et al. 2005) have
shown that galaxy clusters at redshift around unity
show many similarities with local clusters, in terms
of galaxy populations and their spatial distribution,
but also significant differences in galaxy morphology,
ellipticity, and mass–luminosity ratios. The strongest
evolution observed in the early–type population is a
deficit of a S0 population in this sample when com-
pared to lower redshift samples (Postman et al. 2005).
This would give evidence that the formation of the S0
population is still under way in clusters at redshift
unity.

One of the most striking similarities is that the
tight relation between galaxy colors and luminosities
that applies to local early–type galaxies (the color–
magnitude relation; CMR) is already in place at red-
shifts as high as z ∼ 1.3 (e.g. Stanford et al. 1997;
Mullis et al. 2005). The CMR in local samples of
galaxy clusters presents universal properties, in terms

Table I ACS Intermediate Redshif Cluster Survey sample

Cluster z σv LX

km/s 1044 erg/s ACS Filters

MS1054+03 0.83 1112 23.3 V,i,z

RXJ0152+1357 0.84 1250 7.8 r,i,z

CL 1604+4304 0.90 989 2.0 V,I

CL 1604+4321 0.92 649 < 1.2 V,I

RXJ0910+5422 1.10 1.5 i,z

RXJ1252-2927 1.24 760 4.0 i,z

RXJ0848+4452 1.26 1.0 i,z

RXJ0848+4453 1.27 640 1.5 i,z

of scatter and zero point (Bower et al. 1992; van
Dokkum et al. 1998, Hogg et al. 2004; López–Cruz et
al. 2004; Bell et al. 2004; Bernardi et al. 2005; McIn-
tosh et al. 2005) that evolve back in time in agreement
with passively evolving models (Ellis et al. 1997; Stan-
ford, Eisenhardt, & Dickinson 1998; van Dokkum et
al. 2000, 2001; Blakeslee et al. 2003; Holden et al.
2004; De Lucia et al. 2004).

In this paper, we summarize some recent results
on the color-magnitude, morphology-density, and star
formation activity.

1.1. The ACS Intermediate Cluster
Survey

The ACS Intermediate Redshift Cluster Survey
sample (Ford et al. 2004) and cluster properties are
shown in Table I. Five of the clusters were identified
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Figure 1: On the top, the central regions of RXJ1252-2927 (left) and RXJ0848+4452 (right). On the bottom,
RXJ0152+1357 (left) and MS1054+03 (right).

from the ROSAT Deep Cluster Survey (Rosati et al.
1998), one from the Einstein Extended Medium Sen-
sitivity Survey (Gioia & Luppino 1994; MS1054) and
two from a Palomar deep near–infrared photographic
survey (CL1604+4304 & CL1604+4321; Gunn et al.
1986). Most of the cluster have extensive spec-
troscopy.

In Fig 1 we show the ACS images for RXJ1252.9-
292, the center of RXJ0848+4452, RXJ0152+1357
and MS1054+03. The ACS image quality is remark-
able.

1.2. Color–magnitude relation

ACS enables accurate measurement of the scat-
ter around the color–magnitude relation (CMR), with
enough precision to seriously constrain galaxy forma-
tion age, which is impossible to obtain from ground–
based data (see for example Holden et al. 2004). The
measurement of the CMR scatter of the first cluster
in our ACS cluster survey, RXJ1252.9-292, permitted
us to derive the mean luminosity weighted age of the
last epoch of star formation in the red early–type pop-
ulations, by using a simple stellar population model
(Blakeslee et al. 2003).

To construct the CMR, early–type galaxies with
0.8 < (i775 − z850) < 1.2 mag were selected from
the Postman et al. (2005) morphological classification

(see section below), down to z850 = 24 mag. Final col-
ors were measured within galaxy effective radii (Re),
to avoid biases due to galaxy internal gradients. Re

values were derived with the program GALFIT (Peng
et al. 2002), constraining the Sersic index n ≤ 4. To
remove blurring effects (the PSF is 10% broader in the
z850 band) each galaxy image in both i775 and z850 was
deconvolved using the CLEAN algorithm (Högbom et
al. 1974). The (i775 − z850) colors were measured
on the deconvolved images within a circular aperture
equal to Re.

The early-type population in RXJ1252.9-292 shows
a small intrinsic scatter in the CMR, with an intrin-
sic scatter in observed (i775 − z850) color of 0.029 ±
0.007 mag based on 52 galaxies or 0.024 ± 0.008 mag
for 30 elliptical galaxies (Fig 2). Simulations using
the latest stellar population models from Bruzual &
Charlot (2003) permit us to derive an age scatter for
the elliptical galaxies of about 34%, with a mean age
of > 2.6 Gyr (corresponding to z > 2.7), and the
last star formation occurring at z > 1.5. Transform-
ing to rest-frame (U-B) color, Blakeslee et al. (2003)
concluded that the slope and scatter in the CMR for
morphologically selected early-type galaxies show lit-
tle or no evidence of evolution out to z≈1.2. Thus,
elliptical galaxies were already well established in X-
ray-luminous clusters when the universe was a third
of its present age.
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Figure 2: Detailed color-magnitude diagram for RXJ1252.9-292 within 2” (≈ 1 Mpc) from the cluster center. Circles
are ellipticals, squares S0’s, stars spectroscopically confirmed late-types; filled circles/squares were used for the fit,
empty symbols show galaxies that were rejected from the color selection, a three σ clipping and the morphological
classification that extends down to z850 brighter than 24 mag. The dashed line shows the Coma cluster CMR,
transformed to these bandpasses and z=1.24 using Bruzual & Charlot (2003) stellar population models without any
evolution correction. The solid line shows the fit to the 15 spectroscopically confirmed ellipticals. Analysis of the color
scatter suggests a mean age of 3 Gyr for the early-types (Blakeslee et al. 2003).

Using deep VLT J and Ks images of this same clus-
ter, Lidman et al. (2004) come to a similar conclusion
from the analysis of the near–infrared CMR.

Blakeslee et al. (2003) results were extended to
the other clusters of the survey: RXJ0152+1357
and MS1054+03 (Blakeslee et al.); RXJ J0910+5422
(Mei et al., submitted to ApJ); RXJ0848+4452
and RXJ0848+4453 (Mei et al., in preparation);
CL1604+4304 & CL1604+4321 (Homeier et al., in
preparation).

The CMR for the ellipticals in RDCS J0910+5422
is consistent with that found in RDCS 1252.9-292
(Mei et al., submitted to ApJ). However, the CMR
for the S0 galaxies in RDCS J0910+5422 is system-
atically bluer in the observed (i775−z850) color by
0.07 ± 0.02 mag, with respect to the elliptical CMR.

1.3. Morphology–density relation

Postman et al. (2005) measured the morphology-
density relation (MDR) and morphology-radius re-
lation in seven out of the eight clusters in our
ACS Intermediate Cluster Survey (all the them, but

RXJ0848+4453). The galaxies were classified accord-
ing to visual classification using the classical Hubble
sequence: ellipticals: E, E/S0; S0s: S0, S0/a; spi-
rals: Sa, Sa/b, Sb, Sb/c, Sc; and irregulars: Irr. The
sample was then divided in three broader classes: E,
S0s and spirals. Simulations and independent com-
parisons of our visually derived morphologies indicate
that ACS allows one to distinguish between E, S0,
and spiral morphologies down to z850=24 mag, corre-
sponding to L = 0.21L∗ and L = 0.3L∗ at z=0.83 and
1.24, respectively.

The high ACS resolution and sensitivity permits us
to distinguish E from S0s, and compare our sample to
local samples to study the MDR evolution. In Fig 3
we show our sample as compared to previous MDR
studies at redshift around unity, and to local samples
at z < 0.5. A clear evolution is observed in the frac-
tion of the S0 and spiral populations as a function of
density. When compared to local samples a deficit of
S0 and an excess of Sp+Irr galaxies is measured in
our sample. The evolution in the MDR is confined
to densities of ≈ 40 galaxies Mpc−2, in the external
regions of the clusters. The elliptical MDR exhibits
no significant evolution between z=1 and 0.
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Figure 3: Morphology–density relation from Postman et al. (2005). On the top, we show the total early–type fraction
(ellipticals + S0s; top) as a function a galaxy density. Filled circles are data from our ACS Intermediate Redshif
Cluster Survey sample at redshift around unity, the dashed line are from Smith et al. (2005) sample at z ≈ 1. The solid
and dotted lines are from local samples, from Dressler (1980) and Dressler et al. (1997) and Postman & Geller 1984,
respectively. On the bottom, the elliptical fraction is shown, compared to local samples. While the elliptical fraction
remains the same in the local and the redshift around unity samples, the total (E+S0s) fraction decreases with redshift.
This implies a deficit of S0s at redshifts around unity.

This result suggests that:1) part of the S0 popula-
tion formed at z > 1.3; 2) the formation of the S0
population is still under way in clusters at redshift
unity.

1.4. Star formation activity

Demarco et al. (2005) and Homeier et al (2005)
have studied star–forming galaxies in RX J0152.7-
1357.

Demarco et al. (2005) performed an extensive spec-
troscopic survey (for a total of more than 200 red-
shifts) of RX J0152.7-1357 at z=0.837, using FORS1
and FORS2 on the ESO Very Large Telescope (VLT).
A number of 102 galaxies were confirmed as cluster
members. They combined optical and X–ray Chandra
data to study the star–forming galaxy distribution in
this cluster.

The distribution of cluster members is irregular,
with two main clumps that follow the X-ray cluster
emission mapped by Chandra. A third clump of galax-

ies to the east of the central structure and at the clus-
ter redshift has also been identified.

They also studied the distribution of star-forming
galaxies in this cluster and compared this distribu-
tion to that of the X-ray emission. A segregation in
the star formation activity of the member galaxies is
observed (Fig 4). All star forming galaxies are lo-
cated outside the high-density peaks (traced by the
X-ray emission), which are populated only by passive
galaxies. A population of red galaxies (belonging to
the cluster red sequence) with [OII] λ3727 emission
lines is observed in the outskirts of the cluster, some
of them showing post-starburst spectral features. Two
AGNs, which were previously confused with the dif-
fuse X-ray emission from the intracluster medium in
ROSAT and BeppoSAX observations, are found to be
cluster members.

Homeier et al. (2005) extended Demarco et al.’s
(2005) work to study in more detail the properties
of the above star-forming galaxies. From Postman
et al.’s (2005) morphological classification they could

1511

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



Figure 4: Star-forming (green stars) and passive (red circles) galaxies in RXJ0152+1357, compared to X-ray contours.
Star–forming galaxies have been selected from their [OII]λ3737 emission, and are typically late–type galaxies. At
z=0.8, cluster galaxies already show strong segregation based on type, with the late–type galaxies distributed in the
outskirts of the cluster. Representative spectra are shown (Demarco et al. 2005).

identify 24 star-forming cluster galaxies, which range
in morphology from late-type and irregular to com-
pact early-type galaxies. Eight of those 24 are in the
red cluster sequence. Among the 24, five are com-
pact early-type galaxies that might be progenitors of
dwarf elliptical galaxies. They derived star formation
rates (SFR) from [OII] λλ3727 line fluxes, and com-
pared the global star formation rate of this cluster
to other clusters at low and intermediate redshifts.
They didn’t find evidence of evolution with redshift.
A mild correlation between integrated star formation
rates and TX , that is in general correlated to cluster
mass, was found (Fig. 5). The hotter clusters have
lower integrated star formation rates.
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In [1] we present new constraints on the evolution of dark energy from an analysis of Cosmic Microwave
Background, supernova and X-ray galaxy cluster data. From a combined analysis of all three data sets and
assuming that the Universe is flat, we examine a series of dark energy models with up to three free parameters:
the current dark energy equation of state w0, the early time equation of state wet and the scale factor at
transition, at. Allowing the transition scale factor to vary over the range 0.5 < at < 0.95 where the data sets
have discriminating power, we measure w0 = −1.27+0.33

−0.39
and wet = −0.66+0.44

−0.62
. We find no significant evidence

for evolution in the dark energy equation of state parameter with redshift. The complementary nature of the
data sets leads to a tight constraint on the mean matter density, Ωm, alleviates a number of other parameter
degeneracies, including that between the scalar spectral index ns, the physical baryon density Ωbh2 and the
optical depth τ and also allows us to examine models dropping the flatness prior. As required for the energy–
momentum conservation our analysis includes spatial perturbations in the dark energy component. We show
that not including them leads to spuriously tighter constraints on w0 and especially on wet.

1. Introduction

The precise measurement of the Cosmic Microwave
Background (CMB) made with the Wilkinson Mi-
crowave Anisotropy Probe (WMAP) [2–5] has im-
proved our knowledge of a wide range of cosmological
parameters. However, a number of degeneracies be-
tween parameters exist which cannot be broken with
current CMB data alone and which require the in-
troduction of other, complementary data sets. Some
of the most important parameters and degeneracies
concern dark energy and its equation of state. When
describing the background evolution of the Universe
with a such new component, it is sufficient to know its
equation of state i.e. the ratio of pressure and energy
density, w = pde/ρde. Whilst a cosmological constant
has w = −1 at all times, for most dark energy models
the equation of state parameter is an evolving function
of redshift, w = w(z). In order to learn more about
the origin of cosmic acceleration and dark energy, it is
crucial to constrain the evolution of the dark energy
equation of state.

The data for SNIa can be used to measure the lumi-
nosity distances to these sources independent of their
redshifts. This constrains a combination of the dark
matter and dark energy densities in a different way to
observations of CMB anisotropies. The combination
of the two data sets is therefore useful in breaking pa-
rameter degeneracies. However, in order to constrain
the evolution of the equation of state with supernovae
observations, it is necessary to use a tight prior on

the mean matter density of the Universe, Ωm. Recent
measurements of the gas fraction in X-ray luminous,
dynamically relaxed clusters made with the Chandra
X-ray Observatory provide one of our best constraints
on Ωm [7]. These data also provide a direct and inde-
pendent method by which to measure the acceleration
of the Universe, providing additional discriminating
power for dark energy studies. The combination of
CMB and X-ray cluster data plays also an important
role in breaking other key parameter degeneracies. For
these reasons, we have used a combination of X-ray
gas fraction, CMB and SNIa data in this study.

In Section 2 we present our parameterization for
the dark energy equation of state. In Section 3 we
discuss the individual data sets and how they probe
cosmology. Our results are presented in Section 4 and
Section 5 summarizes our conclusions.

2. Dark Energy Model

We use an extension of the model discussed by [8]
and [9]. The primary short-coming of this parameter-
ization is that it uses a fixed redshift, z = 1, for the
transition between the current value of the equation
of state and the value at early times, wet = w0 + w1.
Our model introduces one extra parameter: zt, the
transition redshift between wet and w0, such that
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w =
wetz + w0zt

z + zt

=
wet(1 − a)at + w0(1 − at)a

a(1 − 2at) + at

,

(1)
where at is the transition scale factor. Energy con-

servation of the dark energy fluid results in evolution
of the energy density with the scale factor, such that

ρde(a) = ρde,0a
−3e

−3

∫

a

1

w(a′)

a′
da′

, (2)

where ρde,0 is the energy density of the dark energy
fluid today. Using the parameterization of equation
(1) we obtain
∫ a

1

w(a′)

a′
da′ = wet ln a + (wet − w0)g(a; at) , (3)

with

g(a; at) =

(

1 − at

1 − 2at

)

ln

(

a(1 − at)

a(1 − 2at) + at

)

. (4)

From the Friedmann equation, the evolution of the
Hubble parameter H(z) = H0E(z) is given by

E(z) =
√

Ωm(1 + z)3 + Ωdef(z) + Ωk(1 + z)2 , (5)

with

f(z) = (1 + z)3(1+wet)e−3(wet−w0)g(z;zt), (6)

where Ωm, Ωde, Ωk are the matter, dark energy and
curvature densities in units of the critical density.

3. Data Analysis

We have performed a likelihood analysis using three
cosmological data sets: CMB, SNIa and the X-ray
cluster gas fraction.

For the CMB analysis we have modified the camb
1

code [10] to include the relevant dark energy equa-
tion of state parameters. For the calculation of CMB
spectra, we have included perturbations in the dark
energy component [11]. We assume that the sound
speed of the dark energy fluid, c2

s
= 1. We note the

presence of an extra term in the perturbation equa-
tions due to the variation of the equation of state with
time, which sources the density perturbation with the
velocity perturbation. This effect will be discussed in
a forthcoming publication [12]. We have included this
extension of the camb code into the cosmomc pack-
age, which provides an efficient sampling of the pos-
terior likelihoods using a Markov Chain Monte Carlo
(MCMC) algorithm 2 [13].

1http://camb.info
2http://cosmologist.info/cosmomc/
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Figure 1: The 68.3 and 95.4 per cent confidence limits in

the (Ωm, w0) plane for the various pairs of data sets and

for all three data sets combined. A constant dark energy

equation of state parameter is assumed.

We use three CMB data sets: WMAP [2–4] (in-
cluding the temperature-polarization cross-correlation
data), the Cosmic Background Imager (CBI) [14] and
the Arcminute Cosmology Bolometer Array Receiver
(ACBAR) [15]. The latter data sets provide impor-
tant information on smaller scales (` > 800).

For the SNIa analysis, we use the gold sample of
[6], marginalizing analytically over the absolute mag-
nitude M as a “nuisance parameter”. We fit the
extinction-corrected distance moduli, µ0 = m − M =
5 log dL +25, where m is the apparent magnitude and
dL is the luminosity distance in units of Mpc defined
as

dL =
c(1 + z)

H0

√
Ωk

sinh

(

√

Ωk

∫ z

0

dz
√

E(z)

)

, (7)

where Ωk = 1 − Ωm − Ωde.
For the X-ray gas mass fraction analysis, we use the

data and method of [7], fitting the apparent redshift
evolution of the cluster gas fraction with the model

fSCDM

gas (z) =
b Ωb

(

1 + 0.19
√

h
)

Ωm

[

dSCDM

A
(z)

dde

A
(z)

]1.5

, (8)

where dde

A
(z) and dSCDM

A
(z) are the angular diameter

distances (dA = dL/(1+z)2) to the clusters for a given
dark energy (de) model and the reference standard
cold dark matter cosmology, respectively. Ωb is the
mean baryonic matter density of the Universe in units
of the critical density, H0 = 100 h kmsec−1 Mpc−1

and b is a bias factor that accounts for the (rela-
tively small amount of) baryonic material expelled
from galaxy clusters as they form. Following [7], we
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Figure 2: The 68.3 and 95.4 per cent confidence limits in the (Ωm;w0,wet) plane for all three data sets combined using

various fixed values for the transition redshift. The solid lines show the results on (Ωm,w0). The dashed lines show the

results on (Ωm,wet). The left panel is for zt = 1 (at = 0.5), the center panel zt = 0.11 (at = 0.9) and the right panel

zt = 0.35 (at = 0.74). The uncertainty in wet is much larger than for w0 in the left panel, which reflects the paucity of

data at high redshifts. The zt = 0.35 transition splits the cluster and SNIa data into similarly sized low and high

redshift subsamples. The horizontal dotted line denotes the cosmological constant model (w0 = wet = −1).

adopt a Gaussian prior on b = 0.824± 0.089, which is
appropriate for clusters of the masses studied here.

Except where stated otherwise, our analysis as-
sumes that the Universe is flat (Ωk = 0). For the
analysis of the cluster data without the CMB data, we
use Gaussian priors on Ωbh2 = 0.0214 ± 0.0020 from
Big Bang Nucleosynthesis (BBN) constraints [17] and
h = 0.72±0.08 from observations made with the Hub-
ble Space Telescope (HST) [18].

4. Dark Energy constraints

Figure 1 shows the constraints on w0 and Ωm for
constant dark energy equation of state. We see that
the combination of the three data sets leads to tight
constraints on w0 and Ωm, which are in good agree-
ment with the cosmological constant scenario (w0 =
−1). This figure also demonstrates the complemen-
tary nature of the constraints provided by the various
pairs of data sets, in particular SNIa+CMB and clus-
ters+CMB.

We have also examined the constraints obtained us-
ing two free parameters for the dark energy equation
of state, w0 and wet, and different fixed values of zt

(at). The left panel of Figure 2 shows the results
using a parameterization with a redshift transition
zt = 1, which coincides with the parameterization pro-
posed by [8] and [9]. The center panel shows the con-
straints using a late transition model with zt = 0.11
(at = 0.9). We see that the cosmological constant
(w0 = wet = −1) again lies within the allowed 68.3
per cent confidence (1σ) regions. Unsurprisingly, the
constraints on wet in the late transition case are bet-
ter than for the zt = 1 model, reflecting the presence
of more cluster and SNIa data beyond the transition

Figure 3: The 68.3 and 95.4 per cent confidence limits in

the (Ωm;w0,wet) plane for a dark energy model with

three free parameters. The solid lines show the results on

(Ωm,w0). The dashed lines show the results on (Ωm,wet).

The horizontal dotted line denotes the cosmological

constant model (w0 = wet = −1).

redshift. Naturally, this at the expense of a weaker
constraint on w0.

If we select a transition redshift close to the me-
dian redshift for the SNIa and cluster data sets, one
might expect to obtain comparable constraints on w0

and wet. In principle, this approach could provide
improved sensitivity when searching for evolution in
the equation of state parameter. (In detail, we ex-
pect the constraints on w0 to be slightly better than
those for wet using the median redshift model, since
the precision of the individual cluster and supernova
measurements are lower at high redshifts.) The right
panel of Figure 2 shows the results obtained fixing
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Table I The median parameter values of the marginalized probability distributions (and 68.3 per cent confidence

intervals) for various dark energy parameterizations, using all three data sets combined. Results are listed for both flat

and non-flat priors. The last column states the χ2 per degree of freedom for each parameterization.

equation of state w0 wet Ωm χ2/dof

constant (flat) −1.051+0.098

−0.119 - 0.295+0.031

−0.027 1652.5/1534

constant (non flat) −1.092+0.121

−0.147 - 0.314+0.040

−0.036 1651.3/1533

zt = 1 (flat) −1.097+0.229

−0.189 −0.866+0.613

−1.098 0.300+0.029

−0.028 1650.6/1533

zt = 1 (non flat) −1.078+0.305

−0.227 −1.229+0.863

−2.058 0.328+0.046

−0.040 1648.1/1532

split, zt = 0.35 (flat) −1.298+0.343

−0.281 −0.605+0.403

−0.620 0.300+0.028

−0.027 1649.0/1533

arbitrary zt (flat) −1.269+0.332

−0.394 −0.664+0.435

−0.616 0.299+0.029

−0.027 1648.9/1532

zt = 0.35 (at = 0.74), a redshift close to the median
redshift for both the cluster and SNIa data sets. In
this case the uncertainties on w0 and wet are indeed
similar and the combined size of the confidence re-
gions is reduced. However, the cosmological constant
remains an acceptable description of the data. The
marginalized results on w0, wet and Ωm are summa-
rized in Table I.

The most general dark energy model we have exam-
ined includes w0, wet and the transition scale factor,
at, as free parameters. Figure 3 shows the confidence
contours in the (Ωm;w0,wet) plane. The marginalized
results on w0, wet and Ωm are summarized in Table I.
Again, the results obtained with our most general dark
energy model are consistent with a cosmological con-
stant. Note that the CMB data provide an upper limit
of wet

<∼ 0 at high redshifts; for wet > 0, the dark
energy component would become significant at early
times, causing modifications to the predicted CMB
anisotropy spectrum.

4.1. The relevance of including dark
energy perturbations

As mentioned above, our analysis accounts for the
effects of spatial fluctuations in the dark energy com-
ponent. Most previous studies have not accounted for
these perturbations, despite the fact that this leads to
violation of energy–momentum conservation whenever
dark energy is not a cosmological constant [19, 20]. It
is important to ask whether the inclusion of these per-
turbations has a significant effect on the results; it has
been argued by some authors that dark energy pertur-
bations can be neglected if the equation of state re-
mains around the cosmological constant value. How-
ever, we find that for an evolving equation of state,
neglecting the effects of such perturbations can lead
to spuriously tight constraints on the dark energy pa-
rameters.

For a constant equation of state, [11] showed that
the inclusion of dark energy perturbations leads to an
opening up of the (Ωm,w0) contours, allowing more
negative values of w0. Repeating their analysis using

Figure 4: The 68.3 and 95.4 per cent confidence limits in

the (w0,wet) plane obtained from analyses which account

for (blue, solid contours; as in Fig 3) or incorrectly

neglect (red, dashed contours) the effects of dark energy

perturbations. The model used incorporates a free

transition redshift for the dark energy equation of state

and is fitted to all three data sets: clusters+SNIa+CMB.

our three data sets (clusters+SNIa+CMB) we mea-
sure a reduced effect, due to the complementary na-
ture of our data sets. Neglecting the effects of dark
energy perturbations leads to only a small shift in
the marginalized probability distribution for w0 and
slightly tighter constraints (w0 = −0.988+0.095

−0.106; see
Table I for the results obtained including perturba-
tions).

For our most general, evolving dark energy model,
however, the effects of perturbations in the dark en-
ergy component are more important and neglecting
them can lead to spuriously tight constraints. Figure 4
compares the results in the (w0,wet) plane obtained
when including dark energy perturbations (solid con-
tours) or neglecting them (dashed contours). When
the effects of dark energy perturbations are wrongly
ignored, we obtain spuriously tight constraints on
w0 = −1.250+0.250

−0.335 and especially wet = −0.671+0.213
−0.298;
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Figure 5: (Top panels) The 68.3 and 95.4 % confidence limits in the (ns, Ωbh2) plane either using SNIa+CMB data

(left panel) or clusters+CMB data (right panel). The combination of clusters+CMB data alleviates the degeneracies

between these parameters. (Bottom panels) The (Ωm, w0) plane using all three data sets, assuming either a flat prior

(solid contours) or not (dashed contours). The left panel shows the (Ωm,Ωde) plane from the analysis of the combined

cluster+SNIa+CMB data set, with Ωk included as a free parameter. The solid contours show the constraints for

constant w. The dashed contours show the results for the zt = 1 dark energy model.

the apparent uncertainties in the latter are reduced
by a factor of ∼ 2 from the values in Table I. Fig-
ure 4 also shows that when we incorrectly neglect the
effects of dark energy perturbations, the sharp bound-
ary provided by the CMB data set around wet ∼ 0 is
not reached.

4.2. Breaking degeneracies with data
instead of priors

One of the main parameter degeneracies highlighted
in previous studies [21] is between the scalar spectral
index ns, the physical baryon density Ωbh2 and the
optical depth to reionization, τ ; this degeneracy im-
pinges on the measured dark energy parameters. As
noted by [21], the integrated Sachs-Wolfe effect in the

case of an evolving dark energy equation of state in-
creases the importance of this degeneracy with respect
to constant w models. The top left panel of Fig 5
shows this degeneracy for the case of the SNIa+CMB
data, using the zt = 0.35 dark energy model. The
top right panel shows how the degeneracy is lessened
when the clusters+CMB data are used.

The combination of clusters+CMB data even al-
lows us to relax the assumption that the Universe is
flat, although we note that the computation of MCMC
chains in the non-flat case is time consuming when one
wishes to ensure convergence. (For this reason, we
have only carried out a limited exploration of non-flat
models here.) In order to avoid unphysical regions
of the parameter space when using non-flat models,
we have also included a prior on the optical depth to
reionization, τ < 0.3, in a similar manner to WMAP
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team [5] and [21]. The bottom left panel of Figure 5
shows the 68.3 and 95.4 per cent confidence limits in
the (Ωm,w0) plane obtained assuming a constant dark
energy equation of state, with the curvature included
as a free parameter. Comparison with Figure 1 shows
that the uncertainties in the parameters are increased
when the assumption of flatness is dropped. However,
we still have clear evidence that w0 < −1/3 and there-
fore that the Universe is accelerating at late times.
We obtain tight constraints on Ωk = −0.017+0.020

−0.021,

Ωm = 0.314+0.040
−0.036 and Ωde = 0.703+0.026

−0.030. The bot-
tom right panel of Figure 5 shows the results in the
(Ωm,Ωde) plane for constant w (solid contours) and
for the zt = 1 dark energy model (dashed contours).

5. Conclusions

The combined analysis of X–ray cluster, SNIa and
CMB data is a powerful tool to constrain dark en-
ergy (see Table I). Employing a series of dark energy
models with up to three free parameters (w0, wet and
zt) we find no significant evidence for evolution in the
equation of state. A cosmological constant is a good
description of the current data.

Rather than using strong priors, our approach has
been to use a combination of data sets that are com-
plementary in nature and which allow certain key pa-
rameter degeneracies to be alleviated (see Figure 5).

For models other than a cosmological constant,
we have included the effects of perturbations in the
dark energy component to avoid violating energy–
momentum conservation. We have shown that ne-
glecting perturbations can lead to spuriously tight
constraints on dark energy models, especially for the
wet parameter (by up to a factor two for our most
general model).

Further Chandra observations of X-ray luminous,
high-redshift, dynamically relaxed clusters should lead
to rapid improvements in the constraints from the X-
ray method. Continual progress in SNIa studies is
expected over the next few years and the forthcom-
ing, second release of WMAP data should, at the very
least, provide an important, overall tightening of the
constraints.

In the long term, the combination of complemen-
tary constraints from missions such as Constellation-
X, SNAP and Planck, combining high precision with
a tight control of systematic uncertainties, offers our
best prospect for understanding the nature of dark
energy.
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Periodic Variability and Close Supermassive Binary Black Hole
Systems

Frank M. Rieger
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We review the origin of periodic variability with observed periods Pobs

>
∼ 10 days in jet-emitting supermassive

binary black hole systems under conditions appropriate for radio-loud blazar sources. Particular attendance
is given to a differential Doppler boosting origin along helical jet paths driven by the orbital motion or jet
precession. It is shown, for example, that for non-ballistic helical motion travel time effects can lead to strong
shortening effects, such that the observable period may be up to a factor γ

2

b
smaller than the real physical driving

period. If the optical periodicity on the timescale of several years is related to accretion disk interactions, the
observed optical period might be used as an approximate guide to the real orbital period of the binary. We
analyze the potential of such a binary framework for the coherent explanation of periodicities on different
timescales. Finally, a detailed discussion of models for the origin of the radio and optical periodicity in AO
0235+16 is presented.

1. Introduction

Evidence for mid- and long-term periodicity has
now been found in a significant number of blazar
sources (cf. Tab. I). The analysis of the optical,
X-ray and/or TeV lightcurves in well-known γ-ray
sources such as Mkn 421, Mkn 501 and PKS 2155-
304, for example, indicates periodic variability with
periods of several tens of days [25, 33, 34, 43]. On
the other hand, the long-term optical lightcurves
from the more classical sources such as BL Lac,
ON 231, 3C 273, 3C 345, OJ 287 or AO 0235+16
[15, 17, 18, 37, 47, 58, 64] usually suggest periods of
the order of several years. It seems very intriguing
that in many Active Galactic Nuclei (AGN), particu-
larly in several of the above noted classical objects, the
high-resolution kinematic studies of their pc-scale ra-
dio jets also provide strong observational evidence for
the helical motion of components [20, 30, 59, 62, 68].
This suggests that at least some of the observed peri-
odicities may arise due to differential Doppler boost-
ing effects associated with the time-dependent, peri-
odically changing viewing angle for motion along a he-
lical jet trajectory [11, 49, 51, 52]. Note that in such
a case, the evidence for periodicity and the evidence
for helical jet paths may provide mutual support for
each other.

Regular helical jet paths (whether they are caused,
for example, by the orbital motion, jet precession,
Kelvin-Helmholtz fluid instabilities or anisotropic ra-
diation drag effects, e.g., [24, 39, 51]), are most likely
driven by a central supermassive binary black hole
system (SBBHS). Today, there is indeed strong the-
oretical and observational evidence for the presence
of SBBHSs in the centers of AGNs. According to
hierarchical galaxy evolution models, for example,
the formation of SBBHSs should be a common phe-
nomenon in the Universe as a result of merging events
[5, 22, 23, 63]. In particular, giant elliptical galaxies,
i.e., the typical hosts of radio-loud AGNs, are thought

to be the products of mergers between spiral galaxies
(cf. [4]). Since the brightest galaxies generally seem
to contain supermassive black holes (BHs) in their
nuclei (cf. [19] for a recent review), merging should
thus naturally lead to the formation of SBBHSs. This
SBBHS concept has recently gained strong observa-
tional support by the Chandra discovery of two ac-
tivity centers (with a separation of ∼ 1 kpc !) in the
merging galaxy NGC 6240 [32]. If a SBBHS forms
during the close encounter of two galaxies, dynami-
cal friction and slingshot interactions with stars will
normally ensure that the system quickly evolves to
a close binary system [5]. It is still a controversial
issue today however, whether a substantial fraction
of SBBHSs can really coalesce within a Hubble time,
e.g., [5, 8, 21, 26, 41, 46, 56, 67]. The main problem is
to overcome the ”bottleneck” (’loss cone depletion’)
of losing sufficient angular momentum after the ini-
tial rapid approach due to dynamical friction and be-
fore gravitational radiation becomes sufficiently dom-
inant to drive the binary to coalescence very rapidly.
If the binary evolution stalls above the separation at
which the timescale for angular momentum losses due
to emission of gravitational radiation becomes suffi-
ciently small, the binary will spend nearly all of its
time at a separation d ∼ (0.05 − 1) pc for BH masses
of the order of 108 M�. Hence, while it seems clear
that close SBBHSs will form fairly quick, it is unclear
whether such systems will eventually coalesce within
a Hubble time. Note that the origin of X-shaped radio
morphologies in some radio galaxies has been recently
interpreted as due to a sudden spin flip when two BHs
coalesce, thus possibly providing some circumstantial
evidence that at least some of the SBBHSs may in-
deed have coalesced, e.g., [6, 36, 40]. However, more
work is clearly required to test that in more detail.

From a more phenomenological point of view, sev-
eral observational findings have been related to the

presence of close [d <
∼ 0(1) pc] SBBHSs in the centers

of AGNs, including the observed misalignment, pre-
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cession and wiggling of extragalactic jets [9, 10, 28],
the apparent helical trajectories of knots [2, 7, 0] and
periodic variability [11, 49, 51, 52]. Note that it is still
quite controversial whether 3C66B indeed harbours a
very short-living SBBHS, cf. [12, 27, 60]. Modelling
of the above noted phenomena can provide important
observational constraints on the evolutionary path of
close SBBHSs and fundamental insights into the na-
ture of the central engine in AGNs. In the present
paper we will consider the implications derived from
the analysis of low-frequency (f < 10−6 Hz) quasi-
periodic variabilities for SBBHSs in blazar sources.

2. POSSIBLE SBBHS ORIGINS OF
PERIODICITY

2.1. Disk origin

Interactions of the companion with the accretion
disk around the primary BH in a close SBBHS can
provide a natural explanation for the longterm (op-
tical) periodicity with timescales of several years as
observed in a number of blazar sources. The BL
Lac object OJ 287 (z = 0.306), famous for its opti-
cal longterm periodicity with period Pobs ' 11.86 yr
[31, 58, 61], may still be considered as the paradig-
matic object for such an explanation [35, 38, 61]. It
seems likely that the combined effects of dynamical
friction, accretion disk interactions and emission of
gravitational radiation usually tend to produce binary
orbits that are characterized by rather small eccen-
tricities. Suppose thus for simplicity that the peri-
odicity is caused by the secondary BH crossing the
accretion disk around the primary BH on a sligthly
non-coplanar, almost circular orbit, cf. [52]. The Ke-
plerian orbital period would then be of order

Pk '
2

(1 + z)
Pobs , (1)

i.e., Pk ' 18.16 yr in the case of OJ 287. While the
real situation is expected to be much more complex,
Eq. (1) may still be used as an approximate guide
(upper limit) for the real orbital periods of SBBHSs
in blazars.

2.2. Jet origin

The observations of helical jet paths suggest that
quasi-periodic variability may also arise due to dif-
ferential Doppler boosting effects [11, 49, 51]. For
an emitting element moving relativistically towards a
distant observer for example, the modulation of the
observed flux given by Sν(t) = δ(t)n S′

ν , where S′

ν is
the spectral flux density measured in the commoving

frame, δ(t) is the time-dependent Doppler factor de-
pending on the actual angle between the velocity vec-
tor of the element and the direction of the observer,
and where n = 3 + α for a resolved blob of plasma
with spectral index α. It seems obvious that a peri-
odically changing viewing angle due to regular helical
motion will thus naturally lead to a periodicity in the
observed lightcurves even for an intrinsically constant
flux density.

Let P be the real physical period (measured in the
frame of the source) for the mechanism driving the
helical jet path. It can then be easily shown [51, 52]
that for non-ballistic helical motion P appears short-
ened when measured by a distant observer as a conse-
quence of classical travel time effects. For a relativistic
outflow velocity vz along the z-axis and an inclination
angle i between the z-axis and the direction of the
observer one obtains

Pobs ' (1 + z)
[

1 −
vz

c
cos i

]

P , (2)

where Pobs denotes the observed period and z is the
redshift of the source. Clearly, if vz is sufficiently
high and i sufficiently small, the observed periods can
be much smaller than the physical driving period, cf.
Fig. 1. Blazar jets are generally thought to be ori-
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Figure 1: The ratio of real physical driving period P to
observed period Pobs as a function of the inclination angle
i for two different outflow velocities vz, corresponding to
bulk Lorentz factors γb ' 5 and 10, respectively.

entated at small viewing angles, i.e., i ' 1/γb with
typical bulk Lorentz factor γb ' (5 − 15), in which
case Eq. (2) results in

Pobs '
(1 + z)

γ2
b

P . (3)

While different mechanisms are conceivable, the or-
bital motion of the jet-emitting BH and the (Newto-
nian) precession of the jet represent the most obvious
driving sources for helical jet paths, cf. [29, 49, 51, 54].
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In the first case we may use P = Pk as derived
in Eq. (1) to estimate the expected periodicity from
Eq. (3). Newtonian precession, on the other hand, is
usually much slower, being characterized by a driv-
ing period Pp which is at least an order of magnitude
higher than the orbital period Pk [51].

3. IMPLICATIONS

3.1. General

In Tab. I we have collected mid- and long-term
periodicities in blazar sources as reported in the liter-
ature. It goes without saying that not all of these
periods are equally significant and that some may
even be spurious and an artefact of unevenly or lim-
ited sampled data sets afflicted by a poor number of
measurement points, the short time coverage of the
observing campaigns or perhaps inaccurate analysis
methods. Nevertheless, there seems to be an overall
trend for an observed optical long-term periodicity of
order (5 − 10) yrs and for a radio long-term periodic-
ity on a timescale usually different from and smaller
than the optical one. Moreover, it appears that during
brighter states some sources reveal mid-term period-
icity on timescales of the order of several tens of days
in the higher energy (optical, X-ray, γ-ray) bands. It
is suggested here that these phenomena may generally
be linked with each other and may be successfully in-
terpretable in a SBBHS framework. Such a binary
explanation for periodic variability is, of course, not
necessarily unique as other origins are conceivable as
well. However, at present the binary interpretation
seems explanatory much more powerful than many
competing hypotheses by offering, for example, an ex-
planation for the origin of helical jet paths and a cru-
cial link between different periodicities:
Suppose, for example, that the optical long-term pe-
riodicity is related to accretion disk interactions such
that Eq. (1), i.e., Pk ' 2P opt

obs /(1 + z) applies. Mass
estimates derived from host galaxy observations of
BL Lacs usually indicate central masses in the range

6 · 107 M�

<
∼ (M + m) <

∼ 109 M� [13, 66]. This sug-
gests that BL Lacs may harbour very close SBBHSs

with typical separations d <
∼ 0.03 pc and gravitational

lifetimes

τgrav
>
∼ 106 d 4

16

(m8 + M8)3
yr >

∼ 107 yr , (4)

where d16 and m8, M8 have been expressed in units of
1016 cm and 108 M�, respectively.
One usually expects that the main part of radio jet
emission originates from larger scales, i.e., from scales
where the jet motion in a SBBHS may perhaps already
be dominated by Newtonian precession. The preces-
sional period due to Newtonian perturbation effects

is likely to be (at least) an order of magnitude higher

than the orbital period, i.e., Pp
>
∼ 10 Pk [51]. Hence,

if the radio periodicity is indeed dominated by dif-
ferential Doppler boosting effects at larger scales, the
observable radio period would be given by (cf. Eq. 3)

P radio
obs

>
∼ 20

P opt

obs

γ2
b

, (5)

suggesting that moderate bulk Lorentz factors may
be sufficient to account for observable radio periods
smaller than those measured in the optical.
It appears very likely, on the other hand, that during
a bright source state the observed high energy flux is
dominated by a single component moving outwards
along the jet [49, 51]. In that case the high energy
flux variations may very well be related to differential
Doppler boosting effects along a helical jet trajectory
initially dominated by the orbital motion of the bi-
nary. Eq. (3) then suggests observable periods

Pobs ∼ 30

(

P opt

obs

10 yr

)

(

15

γb

)2

d , (6)

i.e., we may easily obtain mid-term periodicities on
timescales of several tens of days.

The scenario considered above clearly amounts to
the simplest physical situation. In reality it appears
likely that we have contributions from different com-
ponents and/or superposition effects of different pe-
riodic (e.g., orbital as well as classical and relativis-
tic precessional) driving mechanisms, that may some-
times mask the above noted generic features. The ob-
servable significance in the radio regime, for example,
will sensitively depend on the degree of intrinsic jet in-
homogeneities, the contributions from re-acceleration
(such as shock or shear) processes and the commoving
spectral index evolution (e.g., whether the frequency
of observation falls within the optically-thin or -thick
regime). In the optical regime, on the other hand, we
may have a strong accretion disk contribution domi-
nating over part of the optical jet emission or accretion
disk hot spots and instabilities leading to additional
periodic variabilities. This may suggest that the ob-
servations of mid-term periodicities in X- and γ-rays
during bright sources states can be of particular rele-
vance for disclosing the intrinsic nature of the system.

3.2. A0 0235+16

The above noted general considerations may be of
particular importance for understanding the intrin-
sic nature of the very compact, highly variable and
superluminal BL Lac source AO 0235+16 at red-
shift z = 0.94 (see [53] for more details). The pe-
riodicity analysis of the long-term variability in this
source has provided strong evidence for a (5.7 ± 0.5)
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yr periodicity in its radio lightcurves and a possible
(2.95 ± 0.15) yr periodicity in its optical lightcurves,
cf. [18, 47, 57, 65]. Two different models have been
proposed recently in order to account for these find-
ings, both assuming the presence of a close SBBHS:
(1) Romero, Fan & Nuza (2003) have suggested that
AO 0235+16 may harbour a close SBBHS where the
observed optical periodicity with Pobs ' 2.95 yr is
caused by the companion crossing the accretion disk
around the jet-emitting black hole on a non-coplanar
circular orbit (thus implying an orbital period of
Pk ' 2 × 2.95/[1 + z] ∼ 3 yr), while the radio pe-
riodicity is related to Newtonian jet precession.
(2) Ostorero, Villata & Raiteri (2004), on the other
hand, have argued that both, the radio and optical
periodicity (assuming both periods to be the same!)
may be associated with a helically bent, steadily emit-
ting inhomogeneous jet, driven by the orbital motion
in a close SBBHS.

Now, if scenario (1) is indeed realized, the jet fluid
motion has to be non-ballistic as classical perturba-
tion effects are not able to produce such short pre-
cessional periods [51]. As noted above, the ratio of
precessional to orbital period is usually of the order

of ten or larger, i.e., one has Pp
>
∼ 30 yr. Provided

the jet is not strongly inhomogeneous and the cone
opening angle sufficiently small, this period will ap-
pear shortened when measured by a distant observer
following Eq. (3). Hence moderate bulk flow Lorentz

factors γb
>
∼ 3.2 may well be sufficient to account for

the observed radio periodicity. On the other hand, if
the typical bulk Lorentz factor is much higher, say of
the order of ∼ 10, as suggested from the observations
of high superluminal motion in AO 0235+16, the pre-
cessional driving period would be Pp ∼ 300 yr. The
projected wavelength of the associated helical trajec-
tory λ ' Pp c /γb [51] would then be of the order of ∼ 3
parsec (for Pp ' 30 yr) and ∼ 9 parsec (for Pp ' 300
yr), or 0.36 mas and 1.1 mas, respectively (assuming
q0 = 0 and H0 = 65 km s−1 Mpc−1), and thus possi-
bly accessible for coming high-resolution VLBI obser-
vations. Moreover, if a scenario such as (1) is indeed
realized, periodic variability with a timescale of sev-
eral months or less might be expected in the high en-
ergy bands. For similarly to the periodic modulation
driven by Newtonian precession, the orbital motion of
the binary is also likely to lead to some quasi-periodic
modulation, at least from the initial parts of the jet.
For a Keplerian period of Pk ' 3 yr, possible ob-
servable variability timescales would range from ∼ 7
months (for γb ∼ 3) to ∼ 20 days (for γb ∼ 10) or
perhaps even less.

The situation may, however, be quite different if a
scenario following (2) is correct. At first glance such a
scenario seems to require that the observed timescale
for the optical periodicity coincides with the one for
the radio periodicity, and thus appears less plausible if
the difference suggested above is indeed confirmed by

further observation and analysis. It is likely, however,
that the real situation is much more complex: For a
helically bent, steadily emitting inhomogeneous jet,
which is driven by the orbital motion, high energy ob-
servations probing the smallest scales are expected to
provide the most useful tracers of the underlying Kep-
lerian period. At radio energies the corresponding jet
flow will repeatedly approach the line-of-sight along
its helical path, leading to a maximization of beam-
ing effects (and thus offering a possible interpretation
for the detected radio knots). Unless the radio jet is
very inhomogeneous, the physical orbital period in the
radio band will thus again appear strongly shortened
when measured by a distant observer as shown above,
i.e., the real Keplerian period of the binary may be
much larger than the observed radio period, an ef-
fect not accounted for by Ostorero et al. (2004). For
an observed radio period of 5.7 yr, for example, the
real Keplerian period may range from Pk ' 26 yr (for
γb = 3) to P ∼ 300 yr (for γb = 10), implying a binary

separation of d >
∼ 2 · 1017 cm assuming the mass range

given above. The observed radio lightcurves may then
be characterized by pronounced peaks separated by
(1 + z) Pk, with intermediate peaks occurring on a
timescale of 5.7 yr.

4. CONCLUSION

There is mounting evidence that helical jet trajec-
tories as well as mid- and long-term periodicities ob-
served in blazar sources may be related to the presence
of close SBBHSs in their centres. Here we have sug-
gested that several trends in these periodicities might
be coherently and successfully explained with refer-
ence to a disk, orbital and precessional origin indicat-
ing that the observed timescales of periodicity may
carry valuable information about the nature and the
physics of SBBHSs. Continuous observations in dif-
ferent energy ranges, a thorough periodicity analysis
of their lightcurves and detailed theoretical modelling
will be important to shed further light on their histo-
ries and properties.
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Table I Identified mid-term and long-term quasi-periodic variability for a sample of blazar sources. The question mark
in the fifth column (observed periods) indicates periods which are somewhat more speculative due to being analyzed
using limited data sets (wrt. time coverage, measurements points) and/or limited methods. For references and more
details, see Rieger, in preparation.

object/name typ redshift energy range/frequency identified observed periods

Mkn 421 BL Lac 0.031 X-ray/RXTE (1996-2000) 62.1 d

optical B (over 90 yr) 23.1±1.1 yr

(15.3±0.7 yr)

Mkn 501 BL Lac 0.033 X-ray/RXTE (8/96-3/98) 23.6 d

TeV/HEGRA,TA (1997) ∼ 23 d

PKS 1514-241 BL Lac 0.049 optical B (1972-1987) 2 ± 0.2 yr

3C 371 BL Lac 0.051 optical B (over 22 yr) 2.70±0.15 yr (?)

BL Lac BL Lac 0.069 optical B (over 100 yr) 13.97±0.75 yr

radio (over ∼ 20 yr) ∼ 4 yr

radio (over ∼ 20 yr) 7.53±0.79 yr

ON 231 BL Lac 0.102 optical B (over 100 yr) 13.6±1.3 yr

optical B (1971-1997) 3.8 yr

PKS 2155-304 BL Lac 0.117 X-ray/RXTE (1996-2000) 143 d

optical V (over 16 yr) [4.16±0.2 yr] (?)

optical V (over 16 yr) 7.0±0.16 yr (?)

ON 325 BL Lac 0.130 optical B (over 35 yr) 6.89±1.0 yr

3C 273 LPQ 0.158 optical B (over 110 yr) 13.65±0.2 yr

radio (over ∼ 20 yr) 8.55±0.28 yr

PKS 0754+100 BL Lac 0.266 optical B (over 70 yr) 3.0±0.35 yr

optical B (over 82 yr) 17.85±1.3 yr

OJ 287 BL Lac 0.306 optical V (over 100 yr) 11.86 yr

optical B (over 100 yr) 11.86 yr

infrared (JHK) (over ∼ 25 yr) ∼ 12 yr

radio (over 20 yr) ∼1.66 yr

PKS 0735+178 BL Lac 0.424 optical B (over 90 yr) 14.2 yr

3C 66A BL Lac 0.444 optical V (R) (1993-1998) 65 d

optical B (over 20 yr) 4.52±0.28 yr

3C 279 HPQ 0.536 infrared K (over 27 yr) 7.1±0.44 yr

3C 345 HPQ/OVV 0.593 optical B (over 100 yr) 10.1±0.8 yr

optical B (91/92 flaring) ∼ 6 months(?)

1803+784 BL Lac 0.680 radio (over 20 yr) ∼ 3.6 yr

PKS 0202+149 HPQ 0.833(?) radio (over 24 yr) ∼ 4.2± 0.8 yr

radio (over 24 yr) ∼ 14 (?)

3C 454.3 HPQ 0.859 radio (over ∼ 20 yr) 6.32±0.22 yr

PKS 0402-014 HPQ 0.914 optical R (1991f flaring) <
∼ 1 yr (?)

AO 0235+16 BL Lac 0.940 radio+optical (1975-2000) 5.7 yr

optical B (over 16 yr) 2.95±0.15 yr

1308+326 BL Lac 0.996 optical B (over 15 yr) 1.4±0.3 yr (?)

3C 446 HPQ 1.404 optical B (1971-1985) 4.7 yr

S5 0716+714 BL Lac >
∼0.3 optical R (1994-2001) 3.3 yr

radio (∼ 20 yr) (5.5 - 6) yr

optical (over 5.3 yr) ∼ 10 d

optical polarimetry (in 1991/93/94) 12.5 d
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The idea of a unified model for all astrophysical jets has been considered for some time now. We present here
some hydrodynamical scaling laws relevant for all type of astrophysical jets, analogous to those of Sams et al.
[1996]. We use Buckingham’s Π theorem of dimensional analysis to obtain a family of dimensional relations
among the physical quantities associated with the jets.

1. Introduction

Although the first report of an astrophysical jet was
made by Curtis [1918], these objects were extensively
studied much later with radio astronomy techniques
[Reber 1940]. Quasars, and radiogalaxies were discov-
ered and later gathered in a unified model which pro-
posed a dusty torus around the nucleus of the source
[Antonucci and Miller 1985]. Years later, some galac-
tic sources showed similar features to the ones pre-
sented by quasars and radiogalaxies, i.e. relativistic
fluxes, a central engine, symmetrical collimated jets,
radiating lobes, and apparent superluminal motions
[Sunyaev et al. 1991]. Optical and X-ray observa-
tions showed other similar non–relativistic sources in
the galaxy associated to H-H objects [Gouveia Dal
Pino 2004]. Lately the strong explosions found in long
Gamma Ray Bursts, had been modelled as collapsars,
in which a jet is associated to the observed phenom-
ena, in order to explain the observations [Kulkarni
et al. 1999, Castro-Tirado et al. 1999].

The similarities between all astrophysical jets,
mainly those between quasars and micro–quasars, and
the scaling laws for black holes proposed by Sams et al.
[1996] and Rees [1998] made us search for the possi-
ble existence of some hydrodynamical scaling laws for
astrophysical jets.

The present work presents a few mathematical re-
lations that naturally appear as a consequence of di-
mensional analysis and Buckingham’s Π theorem. We
begin by considering some of the most natural phys-
ical dimensional quantities that have to be included
in order to describe some of the physical phenomena
related to all classes of jets. With this and the use
of dimensional analysis we then calculate the dimen-
sional relations associated to these quantities. Finally,
we briefly discuss these relations and their physical
relevance to astrophysical jets.

2. Analysis

A complete description for the formation of an as-
trophysical jet is certainly complicated. However,

Figure 1: Astrophysical jets are very common and exist
in many different sizes. On the left, extending ∼ 105pc,
FR I and FR 2 sources are shown. The upper right panel
shows the micro–quasar SS 433. It presents relativistic
fluxes and apparent superluminal motions analogous to
those in quasars. The lower right panel shows jets
associated to Herbig–Haro objects with lengths
∼ 10−1 − 10 pc. All jets have a condensed (sometimes
compact) object accreting matter from their
surroundings. There is also an accretion disc around the
central condensed object and a pair of symmetrical
collimated jets that end up in radiating lobes. The
images were taken from Bridle [1998], Paragi et al. [2001]
and and hubblesite.org.

there are some essential physical ingredients that must
enter into the description of the problem. To begin
with, the mass M of the central object must accrete
material from its surroundings at an accretion rate
Ṁ . Now, because gravity and magnetic fields B are
necessary in order to generate jets, Newton’s constant
of gravity G and the velocity of light c must be taken
into account. If in addition there is some characteris-
tic length l (e.g. the jet’s length), a characteristic den-
sity ρ (e.g. the density of the surrounding medium)
and a characteristic velocity v (e.g. the jet’s ejection
velocity), then the jet’s luminosity (or power) L is a
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function related to all these quantities in the following
manner

L = L(Ṁ, M, c, G, B, l, v, ρ). (1)

Using Buckingham’s Π theorem of dimensional analy-
sis [Buckingham 1914, Sedov 1993] the following non–
trivial dimensionless parameters are found

Π1 =
L

Ṁc2
, Π2 =

GṀ

c3
, Π3 =

Bc1/2M

Ṁ3/2
, (2)

Π4 =
lṀ

Mc
, Π5 =

ρ c3M2

Ṁ3
.

From the parameter Π2 it follows that

Π2 =
(
GM

c2

)(
Ṁ

M

)
1
c
.

Since the quantity

τ ≡ M

Ṁ
, (4)

defines a characteristic time in which the central ob-
ject doubles its mass, then using equation (4) we can
write Π2 as

Π2 =
rs

2τc
, (5)

where rS is the Schwarzschild radius. This relation
naturally defines a length

λ ∼ cτ, (6)

which can be thought of as the maximum possible
length a jet could have, since τ is roughly an upper
limit to the lifetime of the source.

In what follows we will use the following typical
values

M ≈ 108−9 M�, B ≈ 100 G, Ṁ ≈ 1M� yr−1,

L ≈ 107−10L�, rj ≈ 104−5 pc, (7)

and

M ≈ 100−1M�, B ∼ 100 G, Ṁ ≈ 10−(8−6)M�yr−1,

L ≈ 102−4L�, rj ≈ 100−1pc, (8)

for quasars and µ–quasars respectively [Meier 2002,
Trimble and Aschwanden 2004, Blandford 1990, Car-
illi et al. 1996, Lovelace and Romanova 1996, Rob-
son 1996, Reipurth et al. 1997, Ferrari 1998, Koide

et al. 1998, Camenzind 1999, Ford and Tsvetanov
1999, Vilhu 2002, Wu et al. 2002, Cherepashchuk et al.
2003, Smirnov et al. 2003, Calvet et al. 2004, Mendoza
et al. 2004, Mirabel 2004].

¿From equation (2) it is found that

Π6 := Π3/2
2 Π3 =

(
GM

c2

)3/2/ √
Mc2

B
. (9)

This relation defines a length rj given by

rj ∝ M1/3c2/3

B2/3
≈ 102

(
M

M�

)1/3(
B

1G

)−2/3

pc. (10)

For typical extragalactic radio sources and µ–
quasars it follows from equations (7) and (8) that
rj ∝ 104 pc and rj ∝ 10 pc respectively. These lengths
are fairly similar to the associated length of these jets.
In other words, if we identify the length rj as the
length of the jet, then a constant of proportionality
∼ 1 is needed in equation (10), and so

rj ≈ 100
(
M

M�

)1/3(
B

1G

)−2/3

pc. (11)

Since equation (9) is roughly the ratio of the
Schwarzschild radius rS to the jet’s length rj, then
Π6 << 1, i.e.

Π6 =

(
Bl3/2

) (
GM2/l

)3/2

(Mc2)2
<< 1, (12)

which in turn implies that

B <<
c4

G3/2M
≈ 1023 (M/M�)−1 G. (13)

The right hand side of this inequality is the max-
imum upper limit for the magnetic field associated
to the accretion disc around the central object. For
“extreme” micro–quasars like SS 433 and GRB’s the
magnetic field B � 1016 G, so that this upper limit
works better for those objects [Meier 2002, Trimble
and Aschwanden 2004].

From equation (2) it follows that

Π7 ≡ Π1

Π2Π2
3

=
LṀ

B2M2G
,

and so

L ∝ 10−7

(
B

1 G

)2(
M

M�

)2
(

Ṁ

M�yr−1

)−1

L�. (15)
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For the case of quasars and µ–quasars, using the
typical values of equations (7) and (8) it follows that
the power L ∝ 1015L� and L ∝ 108L� respectively.
In order to normalise it to the observed values, we
can set a constant of proportionality ∼ 10−6 in equa-
tion (15). With this, the jet power relation is given
by

L ≈ 10−13

(
B

1 G

)2 (
M

M�

)2
(

Ṁ

M�yr−1

)−1

L�.

(16)

3. Conclusion

Astrophysical jets exist due to a precise combina-
tion of electromagnetic, mechanic and gravitational
processes, independently of the nature and mass of
their central objects.

Here we report the dimensional relation between a
few important parameters that enter into the descrip-
tion of the formation of an astrophysical jet.

Of all our results, it is striking the fact that the jet
power is inversely proportional to the accretion rate
associated with it. This is probably due to the follow-
ing. For a fixed value of the mass of the central object
(in any case, for the time that accretion takes place,
the mass of the central object does not increase too
much) when the accretion mass rate increases, then
the magnetic field lines anchored to the plasma tend
to pack up, meaning that the field intensity increases
in such a way as to get the correct result given by
equation (16).
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Hydrodynamic Turbulence in Accretion Disks
Banibrata Mukhopadhyay, Niayesh Afshordi, Ramesh Narayan
Harvard-Smithsonian Center for Astrophysics, 60 Garden Street, MA 02138, USA

Turbulent viscosity in cold accretion disks is likely to be hydrodynamic in origin. We investigate the growth
of hydrodynamic perturbations in a small region of a disk, which we model as a linear shear flow with Coriolis
force, between two parallel walls. Although there are no exponentially growing eigenmodes in this system,
because of the non-normal nature of the modes, it is possible to have a large transient growth in the energy of
certain perturbations. For a constant angular momentum disk, the energy grows by more than a factor of 1000
for a Reynolds number of only 1000, and so turbulence is easily excited. For a Keplerian disk, the growth is
more modest, and energy growth by a factor of 1000 requires a Reynolds number of nearly a million. Accretion
disks have even larger Reynolds numbers than this. Therefore, transient growth of perturbations could seed
turbulence in such disks.

1. INTRODUCTION

The origin of hydrodynamic turbulence is still not
completely understood. Many efforts have been de-
voted to solve this problem, beginning with the work
of Kelvin, Rayleigh, and Reynolds at the end of the
nineteenth century, to more recent work. In most
cases, a significant mismatch has been found between
the results based on linear theory and experimen-
tal (observational) data. In the laboratory, plane
Poiseuille and plane Couette flows become turbulent
at Reynolds numbers, R ≥ Rexp

c ∼ 1000, 350, re-
spectively, while theoretically, plane Couette flow is
linearly stable at all values of R and plane Poiseuille
is linearly unstable only for R ≥ Rthe

c = 5772. What
is the reason for this mismatch? It would appear that
for R values in between R = Rexp

c and R = Rthe
c ,

some new effect allows the system to make a subcriti-
cal transition to turbulence in the absence of a linear
instability.

In the field of astrophysics, hydrodynamics and tur-
bulence find extensive applications. Accretion flows in
binary stars, young stellar objects and active galactic
nuclei must be turbulent in order for the gas to ac-
crete. However the actual origin of the turbulence is
unclear and still under debate. Inward mass accre-
tion in a disk occurs as a result of the transfer of an-
gular momentum outward by means of some viscous
torque in the system. More than three decades ago,
Shakura & Sunyaev [1] and Lynden-Bell & Pringle [2]
proposed that turbulent viscosity provides the neces-
sary viscous torque to cause inward mass transport.
However, the physical origin of the turbulence in an
accretion disk was unclear until the work of Balbus
& Hawley [3] who showed that magnetized disks have
a Magneto-Rotational-Instability (MRI) [4, 5] in the
presence of a weak magnetic field. This instability
provides a natural means to generate turbulence and
transport angular momentum outward. Later, Haw-
ley, Gammie & Balbus [6] showed that the turbulence
dies out if the Lorentz forces are turned off in a magne-
tohydrodynamically turbulent Keplerian disk. Subse-

quently they again showed [7] that the magnetic field
dies out when the tidal and Coriolis forces are turned
off, keeping the Lorentz forces. In two subsequent
papers [8, 9], it was shown through numerical simu-
lations that, whereas pure hydrodynamic turbulence
is easily triggered in plane Couette flow and in a con-
stant angular momentum disk, turbulence does not
develop in an unmagnetized Keplerian disk even in
the presence of large initial perturbations. The au-
thors argued on this basis that hydrodynamic turbu-
lence cannot contribute to viscosity in accretion disks.

Despite the above results, it is probably prema-
ture to rule out hydrodynamic turbulence in rota-
tionally supported disks. Many astrophysical systems
are known, e.g., star-forming disks, cataclysmic vari-
ables in quiescence, outer regions of AGN disks, etc.,
in which the gas is cold and neutral so that there is
negligible coupling between the magnetic field and the
gas (see e.g., [10–12]). In these systems, the Magneto-
Rotational-Instability (MRI) cannot play a role. How
do these systems sustain mass transfer in the absence
of the MRI? What drives their turbulence? It is pos-
sible that the turbulence is purely hydrodynamic in
origin. Even in the absence of exponentially growing
modes, plane Couette flow is known to exhibit a large
transient growth in energy for certain initial condi-
tions. Is this transient growth responsible for the sub-
critical turbulence that occurs in this flow, and could
a similar phenomenon be responsible for generating
hydrodynamic turbulence in cold accretion disks? Re-
cent laboratory experiments on rotating Couette flow
in the narrow gap limit with linearly stable rotational
angular velocity profiles (similar to Keplerian disks)
seem to indicate that turbulence does manage to de-
velop in such flows [13]. Longaretti [14] points out that
the absence of turbulence in the simulations [8, 9] may
be because of their small effective Reynolds number.

Transient growth occurs in a linear system because
of the non-normal nature of the associated operator
[15–17]. How, and if, such growth might finally cause
turbulence is not well understood. One possibility is
that the growth causes fluctuations to acquire large
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amplitudes, and non-linear interactions then push the
system into self-sustained chaotic turbulence.

We present here some results on shearing rotating
flows following the methods that have been developed
to study the evolution of non-normal modes in plane
Couette flow. We employ a local approximation, and
focus mainly on an eigenvalue analysis of perturba-
tions in Eulerian coordinates (for details, see [18], and
also [19, 20] for a similar analysis in Lagrangian coor-
dinates). In the next section, we briefly describe the
basic model and write down the set of equations to
be solved. Then in §3, we present a few important
results. We conclude with a discussion in §4.

2. MODEL

We consider a small patch of an accretion disk
whose local geometry is described in terms of Carte-
sian coordinates, x = (r − r0), y = r0(φ − φ0). We
assume that the flow is incompressible and extends
from x = −1 to +1, between two rigid walls with no-
slip boundary conditions. The y and z directions are
unbounded with periodic boundary conditions. This
flow behaves like rotating Couette flow in the narrow
gap limit, when the unperturbed velocity corresponds

to a linear shear, ~U = (0, −x, 0), and the Coriolis force
is described by the angular frequency ~ω = (0, 0, 1/q):
Ω = Ω0(r0/r)q. Here all the coordinates and quanti-
ties are expressed in terms of dimensionless variables.
Note, q = 3/2 corresponds to a Keplerian disk, q = 1
and 2 to a flat rotation curve and a constant angular
momentum disk, respectively, and q = 0 corresponds
to rigid body rotation. A schematic diagram of the
flow in the local coordinates is shown in Fig. 1.

Writing the perturbations as Ux(x, y, z, t) →
u(x, y, z, t), Uy(x, y, z, t) → Uy(x) + v(x, y, z, t),
Uz(x, y, z, t) → w(x, y, z, t), P/ρ → P/ρ + p(x, y, z, t),
and combining the linearized Navier-Stokes and con-
tinuity equations, we obtain

(

∂

∂t
+ U

∂

∂y

)

∇2u −
∂2U

∂x2

∂u

∂y
+

2

q

∂ζ

∂z
=

1

R
∇4u, (1)

(

∂

∂t
+ U

∂

∂y

)

ζ −
∂U

∂x

∂u

∂z
−

2

q

∂u

∂z
=

1

R
∇2ζ, (2)

where ζ = ∂w/∂y − ∂v/∂z. Equations (1) and (2)
are the standard Orr-Sommerfeld and Squire equa-
tions, respectively, except that they now have addi-
tional terms due to the presence of rotation in the
system. We have to solve equations (1) and (2) with
the boundary conditions: u = ∂u/∂x = ζ = 0, at
x = ±1 (no slip).

Due to translational invariance in the y and
z directions, the perturbations can be chosen as
u(x, y, z, t) = û(x)eiσtei(kyy+kzz) and ζ(x, y, z, t) =

ζ̂(x)eiσtei(kyy+kzz), where σ = σR + iσI is an eigen-

value of the problem. After substituting these per-
turbations in (1) and (2), we solve the combined Orr-
Sommerfeld and Squire equations to obtain the eigen-

system {σ, û, ζ̂}. The detailed set of equations and
its reduction to an eigenvalue equation form and the
solution procedure are described in [18].

As mentioned above, even in the absence of any ex-
ponentially growing mode in the system, plane Cou-
ette flow can exhibit a large transient growth in the
energy of certain perturbations [15, 17]. This growth
occurs in the absence of non-linear effects and is be-
lieved to facilitate the transition from laminar to tur-
bulent flow. The maximum growth in the perturbed
energy can be expressed as

GK(t) = optimum

(

Et

E0

)

, (3)

where

Et =
1

8k2

∫ 1

−1

[

k2û†û +
∂û

∂x

† ∂û

∂x
+ ζ̂†ζ̂

]

dx (4)

and E0 is the initial energy of the perturbation at time
t = 0. By “optimum” we mean that we consider all
possible initial perturbations and choose that function
that maximizes the growth of energy at time t. To
understand the technical details of how to compute
the growth, see [18].

3. RESULTS

The eigenvalue analysis shows that, for plane Cou-
ette flow and for a rotating flow with q ≤ 2, there are
no exponentially growing modes in the system, i.e.,
for no choice of the parameters is there an eigenvalue
with σI > 0. However, for plane Couette flow, previ-
ous workers (e.g. [15, 16]) have shown that there is
a large transient growth even for R = 1000. The in-
teresting point is that the maximum growth in energy
for plane Couette flow and a constant angular momen-
tum disk (q = 2) are very similar. Figure 2 shows the
contours of constant maximum growth (Gmax) and the
time at which the growth is maximized (tmax) for both
plane Couette and q = 2. Whereas for q = 2, Gmax

occurs exactly on the kz axis, for plane Couette flow
it is slightly off the axis. This is the only difference
between the two cases.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

1609



Figure 1: Unperturbed flow in the local shearing box. The arrows represent the velocity field.
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Figure 2: Contours of (a) Gmax for plane Couette flow, where dashed contours correspond to 10, 30, ...90; solid to
150, 200, ...600; dotted to 700, 800, ...1100; dot-dashed to 1150, 1160, ...1200; (b) tmax for plane Couette flow, where
dot-dashed contours correspond to 20, 25, ...45; solid to 50, 55, ...100; dotted to 110, 120, ...180; (c) Gmax for q = 2 flow,
where contour labels are the same as in (a); (d) tmax for q = 2 flow, where contour labels are the same as in (b). All
calculations are for R = 1000.

Table 1
Maximum Growth for Various q and R = 1000

q ky kz Gmax tmax

1.5 1.21 0 13.04 8.8

1.7 1.06 0.74 13.4 9

1.9 0.54 1.44 23.75 12.4

1.99 0.04 1.8 122.8 27.3

2 0 1.66 1165.9 138.5

Figure 3 shows how Gmax and tmax vary as a func-
tion of Reynolds number, R, for plane Couette flow
and q = 2 flow. We see that Gmax scales as R2 and
tmax as R in both cases, again highlighting the sim-
ilarity of the two flows. The physical reason is that
a constant angular momentum disk has zero epicyclic
frequency. Thus, the effect of rotation is essentially
cancelled out, making the basic structure of the sys-
tem very similar to that of plane Couette flow.

For a given R, when q slightly deviates from 2,
growth immediately reduces dramatically due to the
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Figure 3: Solid and dotted lines correspond to plane Couette and a q = 2 disk respectively.

introduction of a small epicyclic frequency (= κ =
√

2(2 − q)Ω). This indicates the dominant effect that
κ has on the fluid dynamics. Table 1 and Fig. 4a
show how Gmax and tmax change as q decreases below
2. It is interesting to note that, for a q = 2 flow the
growth is maximum for ky = 0, while for a Keplerian
disk (q = 1.5) the growth is maximum for kz = 0.
Therefore, the location of Gmax moves in the ky − kz

plane systematically from one axis to the other, as q is
varied. Thus, for a constant angular momentum disk,
we need to include vertical structure in the perturba-
tions to understand the energy growth, whereas for a
Keplerian disk a 2-dimensional analysis is sufficient.

Even though the growth decreases dramatically as
q falls below 2, nevertheless, at a given q, if the
Reynolds number R increases to a large enough value,
the growth can become significant. In Fig. 4b, we
show how the peak value of growth increases with in-
creasing R for Keplerian disks. It is found that Gmax

scales as R2/3 and tmax as R1/3 for large R. Therefore,
while the presence of a finite epicyclic frequency has
a strong dynamical effect on growth, it does not rule
out a large growth. One just needs much larger values
of R. Cold astrophysical accretion disks can have R as
high as 1010 or more, so large growth should in prin-
ciple be easily achieved in such disks. Also at smaller

ky, Gmax scales as k
2/3
y , while at larger ky, Gmax de-

creases as k
−4/3
y . At large t, tmax scales as k

−2/3
y . For

a detailed derivation of these scaling relations, see [18].

For a Keplerian flow the maximum growth occurs
for ky ∼ 1.2, kz = 0. Figure 5 shows the development
with time of the perturbed velocity component u(x, y)
corresponding to R = 1000. We show snapshots corre-
sponding to four times: t = 0, tmax/2, tmax, 3tmax/2.
The perturbations are seen to resemble plane waves
that are frozen in the shearing flow. The initial per-

turbation at t = 0 is a leading wave with negative
x-wavevector kx and with |kx| � ky. With time, the
wavefronts are straightened out by the shear, until at
t = tmax, the wavefronts are almost radial and kx ∼ 0.
Then, at yet later times, the wave becomes trailing
and the energy also decreases. The perturbations are
very similar to the growing perturbation described by
other authors [21–23].

4. DISCUSSION

We find that significant transient growth of pertur-
bations is possible in a shear flow with Coriolis force
between walls (see also [24]). This system is an ideal-
ized local analog of an accretion disk. Although the
system does not have any unstable eigenmodes, never-
theless, because of the non-normal nature of the eigen-
modes a significant level of transient energy growth is
possible for appropriate choice of initial conditions.
If the maximum growth exceeds the threshold for in-
ducing turbulence, it is plausible that this mechanism
could drive the system to a turbulent state. Presum-
ably, once the system becomes turbulent it can re-
main turbulent as a result of nonlinear interactions
and feedback among the perturbations.

In this mechanism of turbulence, the maximum en-
ergy growth and the time needed for this growth are
probably the main factors that control the transition
to hydrodynamic turbulence. As mentioned in §1, for
plane Couette flow Rexp

c ∼ 350 and according to our
analysis, for R = 350, Gmax = 145, and the corre-
sponding tmax = 42.3. Since a q = 2 disk is very
similar to plane Couette flow, the critical Reynolds
number for turbulence in this case is also likely to be
Rc ∼ 350. For this R, Gmax = 143.5 and tmax = 48.3.
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Figure 4: Growth curves for (a) q = 1.5 (solid), 1.7 (dotted), 1.9 (dashed), 1.99 (dot-dashed); other parameters are
given in Table 1. (b) Growth curves for q = 1.5 when {R = 4000, ky = 1.2} (solid), {R = 1000, ky = 1.21} (dotted),
{R = 500, ky = 1.29} (dashed); kz = 0.

Figure 5: Development of the perturbed x-component of the velocity u(x, y) as a function of time for the optimal
perturbation with the maximum growth of energy in a Keplerian flow with R = 1000. The perturbation has ky = 1.21,
kz = 0, tmax = 8.8. Panels show the perturbation at (a) t = 0, (b) t = tmax/2 = 4.4, (c) t = tmax = 8.8, (d)
t = 3tmax/2 = 13.2. Solid and dotted contours correspond to positive and negative values of u respectively.

Based on the above idea, we make the plausible
assumption that the threshold energy growth factor
needed for transition to turbulence in a shear flow
is Ec ∼ 145. Applying this prescription to the opti-
mal two-dimensional perturbations of a Keplerian disk
(§§2,3), we estimate the critical Reynolds number for
a Keplerian flow to be Rc ∼ 3.4 × 104, i.e., a factor

of 100 greater than in the case of plane Couette flow.
The corresponding tmax = 28.3, which is comparable
to that in plane Couette flow, and is not too large
compared to the accretion time-scale of a geometri-
cally thin disk.

Instead of taking Rc ∼ 350, we might wish to be
conservative and take Rc ∼ 1000 for plane Couette
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flow and q = 2 flow. In this case, Gmax ∼ 1200 and
tmax ∼ 120 − 140. Applying the requirement of Ec ∼
1200 to a Keplerian flow, we find Rc ∼ 106 and tmax ∼
100. Now the critical Reynolds number is a factor of
1000 greater than in the case of plane Couette flow.

An interesting result is that epicyclic motions in
a differentially-rotating disk kill the growth dramat-
ically and as a result the critical Reynolds number
Rc becomes higher. This also changes the optimum
wavevector {ky, kz} of the perturbations needed to
produce energy growth. For a constant angular mo-
mentum disk (q = 2) and plane Couette flow, it is
seen that growth is maximized for ky ∼ 0. Even for a
very small shift in the value of q below 2, the location
of maximum growth moves significantly in the ky −kz

plane away from the kz axis. With decreasing q, the
epicyclic motions of the disk increase, and correspond-
ingly the optimum value of ky for growth increases
while the optimum kz decreases. For a Keplerian disk,
the growth is maximum for kz = 0 (on the ky axis).
To the best of our knowledge, this change in the loca-
tion of the maximum growth in the ky − kz plane has
not been commented upon prior to this work.

In earlier numerical simulations [8, 9], the above
reduction of growth due to the effect of epicyclic mo-
tion in the disk was already noticed. However, those
authors then proceeded to rule out the possibility of
hydrodynamic turbulence in Keplerian disks. We do
not agree with this conclusion. As we have shown,
Keplerian disks can support large transient energy
growth, only they need much larger Reynolds numbers
to achieve the same energy growth as plane Couette
flow or a q = 2 flow. The numerical simulations prob-
ably had effective Reynolds numbers <

∼ 104 (because
of numerical viscosity) which is below our most op-
timistic estimate of the critical Reynolds number for
a Keplerian flow. Thus, we suspect the simulations
simply did not have sufficient numerical resolution to
permit the turbulence. The same point has been made
by other authors [14, 23].

We conclude with an important caveat. While the
demonstration of large energy growth is an important
step, it does not prove that Keplerian disks will neces-
sarily become hydrodynamically turbulent. Umurhan
& Regev [23] have shown via two-dimensional sim-
ulations that chaotic motions can persist for a time
much longer than the time scale tmax needed for linear
growth. However, they also note that their perturba-
tions must ultimately decline to zero in the presence
of viscosity. To overcome this limitation, it is neces-
sary to invoke three-dimensional effects. Secondary
instabilities of various kinds, such as the elliptical in-
stability (e.g. [25]), are widely discussed as a possi-
ble route to self-sustained turbulence in linearly per-

turbed shear flows. It remains to be seen if these in-
stabilities are present in perturbed flows such as those
shown in Figure 5.
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On the Magnetic Field in Quasar and FR II Large-Scale Jets
Ł. Stawarz
Harvard-Smithsonian Center for Astrophysics, Cambridge MA, USA
J. Kataoka
Tokyo Institute of Technology, Meguro, Tokyo, Japan

Here we report systematic comparison of the spectral properties of large-scale jets, hotspots and extended lobes
in quasars and FR II radio galaxies recently observed with Chandra and ASCA. We argue that if the strong
X-ray emission of the jet knots in these objects results from comptonisation of the CMB photons, as usually
considered, the powerful large-scale jets are most likely far from the minimum-power condition in the sense
that the magnetic field thereby is below equipartition. We also show that the X-ray emission of the hot-spots
and lobes in the compiled dataset agrees with the minimum-power condition. In this context, we point out the
need for substantial amplification of the magnetic field within the terminal shocks of powerful large-scale jets
of quasars and FR II sources.

1. INTRODUCTION

The purpose of our study (Kataoka & Stawarz 2005)
is to obtain a rough, but unified picture which may
link properties of the large-scale jet-knots, hotspots
and radio lobes observed at radio and X-ray frequen-
cies. We apply simple but uniform formalism to model
broad-band spectra for a large number of sources in
terms of synchrotron and inverse-Compton processes
(rather than to model individual sources in a suffi-
ciently detailed manner). Our data analysis was based
on a sample consisting of 26 radio galaxies, 14 quasars,
and 4 blazars, and included 56 jet-knots, 24 hotspots,
and 18 radio lobes. For all of these objects we collected
the existing data at well sampled radio (5 GHz) and
X-ray (1 keV) frequencies. Details of the model are
given in [7].

In the analysis, we applied a simple formulation of
computing an equipartition magnetic field strength
Beq from an observed radio flux measured at a ra-
dio frequency 5 GHz. Next, we calculated the “ex-
pected” synchrotron self-Compton and external CMB-
Compton luminosities for Beq, to compare them with
the observed 1 keV luminosities. Taking the results
obtained into account, and analyzing additionally the
observed broad-band spectral properties of the com-
piled sources (including optical fluxes), we followed
the “conservative” classification of the discussed X-
ray sources into three groups, namely

• synchrotron involving single/broken power-law
electron energy distribution (SYN),

• synchrotron self-Compton (SSC), and

• external Compton of CMB photons (EC).

Here we present some aspects of our study regarding
large-scale structures in radio loud quasars and FR
II radio galaxies. For the alternative, synchrotron in-
terpretation of the X-ray jet-knots in powerful radio
sources see [11].

Table 1. Source classification of jets, hotspots, and lobes.

Jet-knot Hotspot Lobe

QSO(CD) 19 2 0

QSO(LD) 7 9 6

RG(FR I) 22 0 3

RG(FR II) 1 13 9

BLZR 7 0 0

SYN 25 7 0

SSC 4 16 1

EC 27 1 17

2. RESULTS

A number of quasar jet-knots classified as the SSC
or EC sources (see table 1) seem extremely bright in
X-ray. This inevitably causes a large discrepancy be-
tween the “expected” (for sub-relativistic jet veloci-
ties) and “observed” X-ray fluxes, a fact that is well
known from the previous studies reported in the litera-
ture (see, e.g., [10] for a review). There are two formal
possibilities in a framework of homogeneous one-zone
EC emission region model to account for the discussed
discrepancy:

• the equipartition hypothesis may not be valid
for the jet-knots considered, or

• relativistic beaming effects are significant
enough to allow the minimum-power condition
to be met.

Figure 1 shows the ratio of the magnetic field B es-
timated for the discussed objects (for δ = 1) to the
equipartition value Beq, δ=1. Interestingly, B values
for the lobes and for most of the hotspots are al-
most consistent with the equipartition (B/Beq,δ=1 ∼
1), whereas those for the non-SYN jet-knots and for
some of the hotspots are much weaker than expected
(B/Beq,δ=1 ∼ 0.01−0.1).
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Figure 1: Distribution of the ratio between the magnetic
field B (for δ = 1) and the equipartition value Beq, δ=1.

As an alternative, we consider a case when the dif-
ference between the “expected” and “observed” X-ray
fluxes is due to the relativistic beaming effect, and the
minimum-power condition is fulfilled [2, 6, 13]. The
Doppler factors thus calculated are shown in figure
2. One can see that the lobes and hotspots exhibit
relatively narrow distribution at δ ∼ 1, whereas for
most of the jet-knots large beaming factors of ∼ 10
are required, as noted before by many authors.

2.1. Strongly Beamed or
Far-From-Equipartition?

Usually, in applying the EC model to the quasar jet-
knots’ X-ray emission, the idea of a sub-equipartition
magnetic field is rejected since it implies a very high
kinetic power of the jets. For this reason, large val-
ues for the jet Doppler factors are invoked. However,
it is well known that the VLA studies of the large-
scale jets in quasars and FR IIs reported by [14] in-
dicate that bulk Lorentz factors of the radio-emitting
plasma in these sources cannot be much greater than
Γ ∼ 3. The discrepancy between this result and the
requirement of the minimum-power EC model for Γ
> 10 is typically ascribed to the jet radial velocity
structure, namely that the radio emission originates
within the slower-moving jet boundary layer and the
inverse-Compton X-ray radiation is produced within
the fast jet spine [5].

While it is true that jet radial stratification can in-
deed significantly influence the jet-counterjet bright-
ness asymmetry ratio, one should be aware that by
postulating different sites for the origin of radio and
X-ray photons, homogeneous one-zone models for the
broad-band knots’ emission can no longer be preserved.
In particular, in such a case one has to specify exactly
what fraction of the jet radio emission is produced

Figure 2: Distribution of the required beaming factor δ

for B = Beq.

within the spine and what fraction within the bound-
ary layer, what exactly the jet velocity radial profile
is, and what the magnetic field strength is in each jet
component, etc. Without such a discussion one can-
not simply use the observed radio flux of the jet to
construct the broad-band spectral energy distribution
of the knot region, i.e. simply estimate the expected
inverse-Compton flux by means of equipartition mag-
netic field derived from the radio observations. If one
insists on applying the homogeneous one-zone model
(as a zero-order approximation), self-consistency re-
quires a consideration of Γ <∼ 5. In such a case, a
departure from the minimum power conditions within
the non-SYN X-ray jets is inevitable and hence pow-
erful jets are most likely particle dominated. The jet
magnetic field must be then significantly amplified in
the hotspot, where an approximate equipartition is
expected to be reached.

2.2. Magnetic Field Strength

Figure 3 shows the distribution of the “best-fit”
magnetic field B if we allow for the deviation from the
equipartition condition and assume nonrelativistic ve-
locities for the emitting regions (which, in the case of
the jet-knots, is rather only a formal hypothesis). One
finds that both the non-SYN jet-knots and radio lobes
are distributed around B∼ 1−10µG, whereas hotspots
have a relatively narrow peak at higher field strength,
B ∼ 50−300µG, plus a “tail” extending down to ∼µG.

Figure 4 shows the distribution of an equiparti-
tion magnetic field in the framework of relativistically
moving jet model. Similarly to figure 3, we find again
that the narrowly distributed strength of the magnetic
field in the hotspots, Beq ∼ 100−500µG, is an order of
magnitude larger than that of the jet-knots and radio
lobes.
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Figure 3: Distribution of the evaluated magnetic field, B,
for the case of no relativistic beaming (δ=1).

2.3. Is the EC Hypothesis Correct?

We have discussed two different versions of the EC
model to account for extremely bright X-ray jet-knots:
(1) the non-equipartition case and (2) the significant
relativistic beaming case. Both are in many ways
problematic. Our next concern is to attempt to prove
in general the postulated inverse-Compton origin of
the X-ray photons. One possibility for doing it is to
look for LX/LR ∝ (1 + z)4 behavior within a large
sample of EC sources [3, 9].

Figure 5 shows the distribution of the flux ratio
L1keV/L5GHz as a function of z for the compiled
dataset. The dotted line shows ∝ (1 + z)4 relation
which fits the highest z data point (GB 1508+5714;
z = 4.3) just to help guide the eyes. Although the
data sample is still poor, we may say that no clear
trend can be seen in this plot. Furthermore, we no-
tice that the LX/LR ratio is widely distributed even
in the same objects. Such a difference is not easy to
explain in the framework of model (1), since we have
to assume an order of magnitude increase in the mag-
netic fields along the jet. In the framework of the
relativistic beaming hypothesis (2) one may possibly
explain such variation by postulating the decrease of
the bulk Lorentz factor along the flow and only mod-
erate changes in magnetic field. In this case, however,
one has to explain what causes significant deceleration
of the jet, which preserves its excellent collimation,
with no significant radiative energy losses.

Figure 6 shows the Doppler beaming factor δ re-
quired in the EC model to obtain B = Beq, versus
the redshifts z of the jet-knots classified here as the
EC ones. There are two possible explanations for the
noted δ–z anticorrelation. If reflecting physical prop-
erty, it would mean that the distant large-scale quasar
jets are less relativistic than their nearby analogues
but similarly close to the equipartition, or that both

Figure 4: Equipartition magnetic field for relativistically
moving jet model.

low- and high-z quasar jets are only mildly relativistic
on large scales but closer to the minimum-power con-
dition when located at large redshifts. Neither option
appears to be particularly natural, especially as the
high-z quasar cores seem to be comparable to their
low-z counterparts [1]. On the other hand, differences
in velocity and energy content of the large-scale jets
may not reflect differences in the central engines, but
rather differences in the surrounding galactic or inter-
galactic medium. The second possibility for under-
standing δ–z anticorrelation is however that it is sim-
ply an artifact of the applied but inappropriate EC
model.

3. DISCUSSION

Below, we point out three issues emerging from our
study in relation to large-scale jets in quasar and FR
II radio galaxies:

(1) If the strong X-ray emission of the jet knots in
these objects results from comptonisation of the CMB
photons, as usually considered, the powerful large-
scale jets are most likely far from the minimum-power
condition in the sense that the magnetic field thereby
is below equipartition. The jet magnetic field must be
then significantly amplified in the hotspot, where an
approximate equipartition is expected to be reached.
However, few theoretical investigations of this issue
has been reported [4].

(2) Pressure of radio-emitting electrons within the
lobes of quasars and FR IIs computed from the
equipartition condition — justified by the presented
analysis — is often found to be below the thermal
pressure of the ambient medium, which challenges the
standard model for the evolution of powerful radio
sources. Such a discrepancy can however be removed
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Figure 5: Luminosity ratio L1keV/L5GHz as a function of
redshift for SYN, SSC and EC soures.

by postulating the presence of non-radiating relativis-
tic protons within the lobes. As proposed by [8], vis-
cous acceleration of cosmic rays taking place at the
turbulent boundary layers of relativistic jets can pro-
vide an energetically important population of such
high energy protons escaping from the jet to the lobes
along all of its length. Interestingly, this would imply
total energy outputs of powerful jets systematically
larger than that implied by analysis of the lobes’ ra-
dio emission alone. This would be consistent with
deviation from the minimum-power condition within
the considered jets themselves, as discussed here.

(3) Recent analysis by [12] indicates that the mag-
netic field in M 87 kpc-scale jet cannot be smaller
than the equipartition value referring solely to radi-
ating electrons. Such a strong magnetic field can be
most likely ascribed to turbulent dynamo processes
connected with the entrainment processes important
in controlling dynamics (deceleration) of low-power
FR I jets (see a discussion in [12]). It is therefore
tempting to speculate that in the case of powerful
quasar and FR II large-scale jets the subequipartition
magnetic field is consistent with the entrainment pro-
cesses being much less effective for these objects than
in the case of their low-power analogues.
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The energy content of large-scale jets in FR I radio galaxies is still an open issue. Here we show that upper
limits on the high-energy and very high-energy γ-ray emission of the kpc-scale jet in M 87 radio galaxy im-
posed by EGRET, Whipple, and — most importantly — HEGRA and HESS observations, provide important
constraints on the magnetic field strength in this object. In particular, a non-detection of γ-ray radiation from
the brightest part of this jet (knot A), expected from the inverse-Compton scattering of the starlight photons
by the synchrotron-emitting jet electrons, implies that the magnetic field cannot be smaller than the equipar-
tition value (referring solely to the radiating ultrarelativistic electrons), and most likely, is even stronger. In
this context, we point out several consequences of the obtained result for the large-scale jet structures in FR
I radio galaxies and the M 87 jet in particular. For example, we discuss a potential need for amplification of
the magnetic field energy flux along these jets (from sub-pc to kpc scales), suggesting a turbulent dynamo as a
plausible process responsible for the aforementioned amplification.

1. INTRODUCTION

Stawarz et al. (2003) considered very high en-
ergy (VHE) γ-ray emission produced by the kpc-scale
jets in nearby low-power radio galaxies of the FR I
type [17]. Optical and X-ray emission detected re-
cently from a number of such objects indicate that
these jets are still relativistic on the kpc scale, and
that they contain ultrarelativistic electrons with ener-
gies up to 100 TeV (see a discussion in [15] and ref-
erences therein). Therefore, some of the nearby FR I
jets can be in principle VHE γ-ray emitters due to the
inverse-Compton (IC) scattering off ambient photon
fields which, at kpc distances from the active nuclei,
are expected to be still relatively high. For example,
following [19] it can be found that the bolometric en-
ergy density of the stellar emission at 1 kpc from the
center of a typical luminous elliptical galaxy is on av-
erage Ustar, bol ≈ 10−9 erg cm−3. In the particular
case of radio galaxy M 87, [17] show that comptoniza-
tion of such a starlight radiation (that dominates over
the energy densities of the other photon fields in the
jet comoving frame, in particular over the energy den-
sity of the synchrotron photons) within the kpc-scale
jet (its brightest knot A) by the synchrotron-emitting
electrons in the equipartition magnetic field can pos-
sibly account for the TeV emission detected by the
HEGRA Cherenkov Telescope from the direction of
that source [2]. However, subsequent observations of
M 87 by the Whipple Telescope [10] gave only upper
limits for its emission in the 0.4 − 4 TeV photon en-
ergy range, suggesting, although not strictly implying,
variability of the VHE γ-ray signal. Such variability,
clearly confirmed by the most recent HESS observa-
tions — which established the presence of a variable
source of VHE γ-ray emission within 0.1 deg (∼ 30
kpc) of the M 87 central region [3] — questions the

possibility that the kpc-scale jet is responsible for the
3 − 4σ detections of M 87 by HEGRA and HESS tele-
scopes. On the other hand, the upper limits imposed
in this way put interesting constraints on the magnetic
field within the M 87 large-scale jet, an issue which is
of general importance in astrophysics.

Here we comment on the high energy γ-ray emis-
sion of the M 87 kpc-scale jet, resulting from the IC
scattering on the stellar photon field. We take into
account a relativistic bulk velocity of the emitting re-
gion as well as Klein-Nishina regime of the electron-
photon interaction. We emphasize an important as-
pect of the presented discussion: IC scattering of the
starlight emission by the synchrotron-emitting elec-
trons is inevitable, and involves neither the unknown
target photon field, nor the additional unconstrained
source of the ultrarelativistic high-energy electrons. In
particular, we ‘reconstruct’ the electron energy distri-
bution from the known broad-band synchrotron spec-
trum of a given jet region, and then estimate the IC
flux for the known target photon field. Therefore, our
results, presented in detail in [18] are independent on
any model of particle acceleration.

2. THE MODEL

2.1. Electr on energy distrib ution

Detailed broad-band (radio-to-X-ray) observations
of the M 87 large-scale jet circumscribe well the syn-
chrotron spectrum of knot A, the brightest part of the
jet in the radio and optical regimes. Hereafter we re-
fer to the analysis by [20], which indicates that the
energy distribution of the synchrotron-emitting elec-
trons (as measured in the jet commoving frame de-
noted by primes) can be approximated by a broken
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power-law,

n′

e(γ) ∝

{

γ−p for γ ≤ γbr

γq

br γ−(p+q) for γ > γbr
, (1)

with the spectral indices p = 2.3 and q = 1.6.
The electron break Lorentz factor γbr ≈ 2.7 ×
106 δ−0.5 B−0.5

−4 corresponds to the observed syn-

chrotron break frequency νbr ≈ 1015 Hz for the
emitting plasma magnetic field B ≡ B−4 10−4G and
Doppler factor δ. The cut-off energies γmin and γmax

are basically unconstrained, but the synchrotron ori-
gin of the X-ray jet emission indicates γmax/γbr ≥
10 − 100. We normalize the number of radiating elec-
trons to the observed (isotropic) synchrotron luminos-
ity of knot A at the break frequency, Lbr ≈ 3 × 1041

erg s−1 [20].

2.2. Starlight photon field

For the target starlight photons at the position of
knot A we assume roughly isotropic distribution in
the galactic rest frame and strongly anisotropic in
the jet rest frame, due to the relativistic jet velocity.
We take the characteristic observed frequency of the
optical-NIR bump due to the elliptical host of M 87
as νstar ≈ 1014 Hz [11]. We also evaluate the appro-
priate starlight energy density at the position of knot
A directly from the observations of M 87 host galaxy,
assuming King profile for the stellar emissivity at the
distances > 1′′ − 2′′ from the M 87 nucleus [21],

jstar(r) ∝

[

1 +

(

r

rc

)2
]

−3/2

for r < rt , (2)

where r is the radius as measured from the galactic
center, rc is the core radius for the galaxy and rt is
the appropriate tidal radius. We normalize this dis-
tribution to the observed luminosity density profile in
the I band [9], with the parameters rc = 0.55 kpc
and rt = 68 kpc. We evaluate further the I-band
stellar energy density at the position of knot A as
Ustar(1 kpc) ≈ 10−10 erg cm−3, which is in fact a very
safe lower limit (see a discussion in [18]).

2.3. IC emission and kinematic factor s

We evaluate the high-energy emission of knot A
due to IC scattering on monoenergetic and mono-
directional (in the jet rest frame) starlight photon
field, including properly relativistic effects in the
Klein-Nishina regime, using the approximate expres-
sion given by [1]. We also consider the bulk Lorentz
factor of the M 87 jet at the position of knot A, Γ, to
be ∼ 3−5, and the jet viewing angle θ, ∼ 200−300 [5].
For such a choice of Γ and θ one gets the jet Doppler
factor of the discussed region δ = [Γ(1 − β cos θ)]−1 ∼
1 − 3.

3. THE RESULTS

Spectral energy distribution of the high-energy γ-
ray IC emission of knot A is presented in figure 1 for
different magnetic field intensities, jet viewing angles
θ = 300, 200, and the bulk Lorentz factors Γ = 3
and 5. The Thomson part of this emission extends
up to photon energies of about 1010 − 1011 eV. Below
we compare the expected IC fluxes for different pho-
ton energies to the upper limits imposed by the ob-
servations of EGRET observatory and ground-based
Cherenkov Telescopes: HESS, HEGRA and Whip-
ple, and next we compare the implied lower limits on
the jet (knot A) magnetic field with the appropriate
equipartition value,

Beq = 330 δ−5/7 µG , (3)

as given by [7]. Note, that the adopted value of Beq

refers to the energy equipartition between the jet mag-
netic field and ultrarelativistic electrons, with possi-
ble contribution from the non-radiating particles ne-
glected.

3.1. EGRET obser vations

EGRET observations of the Virgo cluster give the
photon flux F (> 100 MeV) < 2.2 × 10−8 cm−2

s−1 [13], which implies B > 30 − 100 µG correspond-
ing roughly to B/Beq > 0.1 − 0.5, for any choice
of the kinematic factors considered here. This con-
straint does not necessarily imply a departure from
the magnetic field–radiating particles energy equipar-
tition but, interestingly enough, already excludes a
class of models involving a very weak jet magnetic
field.

3.2. Whipple obser vations

Whipple observations give the 99% CL upper limit
to the VHE γ-ray photon flux of M 87 radio galaxy
F (> 0.4 TeV) < 6.9 × 10−12 cm−2 s−1 [10]. Indepen-
dently on the EGRET constraints, the Whipple ob-
servations imply thus magnetic field intensity within
the discussed jet region B > 50 − 60 µG, or in other
words B/Beq > 0.2 − 0.4 again for any choice of the
kinematic factors considered here.

3.3. HEGRA and HESS obser vations

HEGRA observations resulted in a 4σ detection of
high-energy γ-ray flux from the direction of M 87 with
the photon flux F (> 0.73 TeV) ≈ 0.96 × 10−12 cm−2

s−1 [2]. Recent HESS observations resulted also in
the detection of the M 87 system at the 3 − 4σ level,
however with the photon fluxes F (> 0.73 TeV) ≈ 0.4×
10−12 cm−2 s−1 in 2003, and F (> 0.73 TeV) ≈ 0.15 ×
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Figure 1: Spectral energy distribution of high-energy γ-ray inverse-Compton emission of knot A for the jet magnetic
field B = 0.3 × 10−4 G, 10−4 G, 3 × 10−4 G, B = 10−3 G (as indicated at each panel), the jet viewing angles θ = 300

and 200 (blue and red curves, respectively) and the jet bulk Lorenz factors Γ = 5 and 3 (solid and dashed lines,
respectively).

10−12 cm−2 s−1 in 2004 [3]. This clearly indicates a
variability of the high-energy γ-ray emission of this
source, and therefore gives the upper limits for the
VHE radiation of knot A.

Figure 2 shows the expected photon flux of knot A
at the observed photon energies hν0 > 0.73 TeV as
a function of the magnetic field intensity, for the jet
viewing angles θ = 300 and 200, and the bulk Lorentz
factors Γ = 3 and 5. The vertical lines indicate the
appropriate equipartition magnetic field. The most
recent HESS observations imply therefore the mag-
netic field within knot A as strong as B > 300 µG,
i.e. B/Beq > 1 − 2.

4. CONCLUSIONS

Our study indicates that the magnetic field within
the brightest knot A of M 87 jet is most likely stronger
than the equipartition value that refers to the radiat-
ing electrons alone, B >

∼ 300 µG >
∼ Beq (if the jet

viewing angle is in the range θ = 200 −300 and the jet
bulk Lorentz factors Γ = 3 − 5). On the other hand
the upper limit of the magnetic field intensity within
knot A can be found from the upper limit imposed on

the magnetic field energy flux, LB ≡ 1
8
R2cΓ2B2 ≤ Lj,

where Lj ∼ few × 1044 erg s−1 is the total power of
M 87 jet [12] and R ≈ 60 pc is the radius of radio
structure at the position of knot A. This gives roughly
Bmax < 1000 µG. The comoving energy density of
the magnetic field within knot A is therefore limited
roughly by 4 × 10−8 erg cm−3 ≥ U ′

B ≥ 4 × 10−9 erg
cm−3.

VLBI measurements often allow one to infer mag-
netic field intensity from the low-frequency spectral
break in the radio emission of the (sub) pc-scale jet
modeled in terms of synchrotron self-absorption pro-
cess. In the case of M 87 jet, this method gives
BVLBI < 0.2 G at RVLBI � 0.06 pc [14]. If the mag-
netic energy flux in a jet is constant, then one should
expect magnetic field intensity at the position of knot
A to be roughly B = (ΓVLBI/Γ) (RVLBI/R) BVLBI �
300 µG, where we put ΓVLBI/Γ ≈ 2 and the jet radius
at the position of the considered knot R = 62 pc [12].
Hence one can conclude that some kind of amplifica-
tion of the jet magnetic field has to take place between
the parsec and kiloparsec scales, although all the esti-
mates presented above should be taken with caution,
as some arbitrary assumptions on the jet magnetic
field structure were invoked.
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Figure 2: Constraints on the jet magnetic field within knot A imposed by the HEGRA and HESS observations (dotted
horizontal lines), for the jet viewing angle θ = 300 and 200 (blue and red curves, respectively), and the jet bulk Lorenz
factors Γ = 5 and 3 (solid and dashed lines, respectively). Vertical lines denote the equipartition magnetic field for
Γ = 5 and 3 (solid and dashed lines, respectively) and θ = 300 and 200 (blue and red curves, respectively).

We speculate that the suggested amplification of
the jet magnetic field is due to an action of the tur-
bulent dynamo processes discussed in this context by,
e.g., [6]: the Kelvin-Helmholtz instabilities occurring
inevitably at the edges of the jet are supposed to cre-
ate large-scale eddies at the flow boundaries, which
amplify the jet magnetic field and develop highly tur-
bulent mixing layer between the jet and the surround-
ing medium. Such turbulent shear layers play a crucial
role in mass entrainment (and so deceleration) of the
FR I outflows [4], and in acceleration of the jet par-
ticles [16], influencing also polarization properties of
the jets [8].

In a framework of this model, on the small scales
the M 87 jet has to be dynamically dominated by
the (cold) particles, in order to allow for the tur-
bulent dynamo process to proceed at all. On the
larger scales the mass entrainment process decelerates
the flow gradually, slowly amplifying the jet magnetic
field (to the value exceeding at some point the energy
equipartition with the radiating electrons), and creat-
ing a turbulent boundary layer that spreads into the
jet interior. This process accomplishes at ∼ 1 − 2 kpc

from the active center (knot A and beyond), where the
jet magnetic field reaches an approximate equiparti-
tion with the energy density of the jet particles, while
the jet flow itself becomes fully turbulent, disappear-
ing into the outer amorphous radio lobe.
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Large-Scale Radio and X-ray Jets in the Highest Redshift Quasars
C. C. Cheung∗
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We describe our program to search for and study the kilo-parsec scale radio jets in a sample of high-redshift
(greater than 3.4), flat spectrum quasars using new and archival VLA data. Two of these radio jets have been
imaged with Chandra, and have X-ray counterparts and are briefly discussed. These high-redshift sources are
important targets for testing current X-ray jet emission models for kpc-scale jets and follow-up multi-wavelength
observations will shed light on this problem.

1. Kiloparsec-scale X-ray Jets in AGN

Chandra X-ray Observatory and Hubble Space
Telescope observations have established that X-ray
and optical emission from kpc-scale radio jets in ac-
tive galactic nuclei (AGN) are common (e.g. Stawarz
2003). In quasars, the X-rays are widely interpreted as
inverse Compton (IC) scattered emission off the CMB
by electrons in the jet emitting synchrotron radiation
at very low radio frequencies (Tavecchio et al. 2000;
Celotti et al. 2001). If this is the dominant X-ray pro-
duction mechanism, it implies quasar jets have large
bulk velocities (Lorentz factors, Γ∼3–15) on the ob-
served 10’s – 100’s kpc-scale, so that the electrons in
the jet frame see a sufficiently boosted source of seed
photons to explain the X-rays.

A natural consequence of the IC/CMB model is
that high-z quasars should have prominent X-ray jets
(Schwartz 2002a) because of the strong dependence
of the CMB energy density on redshift: fX/fr ∝
UCMB∝(1+z)4. The recent detection of a bright X-
ray jet in the z=4.3 quasar GB 1508+5714 (Yuan et
al. 2003, Siemiginowska et al. 2003), with only a faint
radio counterpart (§ 2), lends support to this scenario.
This jet sees 1–2 orders of magnitude times greater
energy density from the CMB than jets at lower red-
shift (z <∼ 2), so its extreme redshift may account, to
first order, for its large X-ray to radio luminosity ra-
tio (Cheung 2004). In the framework of the IC/CMB
model, variations in B and jet Doppler factor, δ, can
cause significant spread in the observed fX/fr (both
along a given jet, and source-to-source), and would
smear the possible relation with redshift if only a lim-
ited redshift-range is studied.

It is important to identify more jets in high-redshift
quasars to observe with both Chandra and the VLA in
order to compare with lower-redshift examples. Ob-
servations of these systems could help to distinguish
between the different models proposed to account for

∗Jansky Postdoctoral Fellow

the X-ray emission – one would not, for instance, ex-
pect a z-dependence in the synchrotron X-ray jets.

Unfortunately, very little is known about the ex-
tended radio structure of high-redshift quasars. Re-
cent Chandra imaging of a number of z>4 radio loud
quasars do not reveal significant extended X-ray emis-
sion (Bassett et al. 2004; Lopez et al. 2004), although
there is no pre-existing information on possible radio
structures in these samples.

We recently began a program to search for and
study kpc-scale radio jets in high-redshift quasars.
The overall goal of our work is to compile a com-
parison sample to the X-ray jet detections at lower-
redshift to test for a bulk redshift dependence of
fX/fr. We do not aim for our sample to be a complete
one since the lower-z detections are inhomogenous –
we require only that our high-z sample be comparable
in radio luminosity and that the jets are beamed (i.e.
are flat-spectrum core-dominated quasars). Ongoing
work from this program is discussed.

2. The X-ray / Radio “Jet” in the z=4.3
Quasar GB 1508+5714

The Chandra detection of an extended X-ray fea-
ture ∼2.5” from the z=4.3 quasar GB 1508+5714
(Hook et al. 1995) was reported independently by
two groups: Siemiginowska et al. (2003) and Yuan
et al. (2003). Subsequently, a faint radio counterpart
(1.2 mJy at 1.4 GHz) to the extended X-ray feature
was found (Cheung 2004), supporting the previous au-
thors’ interpretation of the emission as from a jet as-
sociated with the quasar. This makes GB 1508+5714
the most distant quasar with a kiloparsec-scale jet de-
tected at any wavelength1.

1A similar single jet feature has been disovered recently
on smaller (VLBI) scales in the more distant z=5.47 blazar
Q0906+6930 by Romani et al. (2004).
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Figure 1: [LEFT] Chandra X-ray image of GB 1508+5714 (color) with VLA 1.4 GHz contours overlaid (taken from
Cheung 2004). [RIGHT] New VLA 4.9 GHz map confirming the faint radio/X-ray feature ∼2.5” west of the core (see
left panel). The lowest contour level is 67 µJy/bm (2σ), and subsequent ones increase by factors of

√
2 up to a peak of

0.323 Jy per beam (1.50”×1.05” at PA=–57.8 deg).

The jet knot in GB 1508+5714 shows an extremely
high monochromatic X-ray to radio luminosity ratio
(fx/fr=158). This is large in comparison to X-ray
jets detected in lower redshift, z <∼ 2 core-dominated
quasars (range of ∼0.2–50). Since this observed ra-
tio is strongly dependent on redshift in the IC/CMB
model (e.g. Schwartz 2002a), it suggests that this is
an important and presumably a dominant X-ray pro-
duction mechanism in kiloparsec-scale quasar jets (see
Cheung 2004).

2.1. Radio Spectrum of the Jet

We have since obtained exploratory time VLA B-
configuration observations of GB 1508+5714 at 4.9
and 8.4 GHz (program AC728). A total of ∼30 min-
utes integration per frequency was obtained, and the
measured off-source rms in the self-calibrated images
are within 10% of the theoretical noise level of 0.03
mJy/bm. We measured an inverted radio spectrum
(α=–0.5 ±0.1; Fν ∝ ν−α) for the radio core between
4.9–8.4 GHz at our observation epoch (January 2,
2004).

The extended ∼2.5” radio feature is confirmed at
5 GHz, where we found a very faint counterpart (0.2
±0.04 mJy, a 5σ detection; Figure 1). With the pre-
vious 1.4 GHz detection, the 1.4–5 GHz radio spectral
index is 1.4±0.2, which is very steep in comparison to
other radio jet features (e.g. Bridle & Perley 1984).
Extrapolating this spectrum to 8.4 GHz, the expected
flux density is ∼0.1 mJy, consistent with our previ-
ous limit at this frequency from archival data (Che-
ung 2004), and non-detection in the new observation

(5σ=0.2 mJy at the position of the jet). The steep ob-
served radio spectrum is probably due to the fact that
we are sampling both higher rest-frame energies (up
to 44 GHz for the 8.4 GHz limit) and the increased
efficiency of radiative losses due to inverse Compton
scattering on the cosmic microwave background at this
high-redshift.

2.2. Reconstructing the Electron Energy
Spectrum in a One-zone Model

Our new measurement of the jet radio spectrum
allow us to rule out a single power-law extrapola-
tion of the radio data into the X-ray band, since
αr > αrx (=0.73), as would be expected in canoni-
cal synchrotron models. If we assume the radio and
X-ray emission are produced co-spatially, we can ap-
ply a ”one-zone” synchrotron (radio) and IC/CMB
(X-ray) model (Tavecchio et al. 2000) as done pre-
viously for this jet (§2). Assuming also equipartition
between the relativistic particles and magnetic field,
we can solve for the Doppler factor, δ ∼4, and mag-
netic field, B ∼25 µG assuming α=0.9, the measured
X-ray spectral index (Cheung 2004).

This interpretation then demands that we (or allows
us to, depending on one’s vantage point) reconstruct
the underlying electron energy spectrum in some de-
tail as follows:
• The radio spectrum is steeper than the X-ray one
(αx ∼0.9±0.3; Siemiginowska et al. 2003, Yuan et al.
2003) implying a break in the electron energy spec-
trum of ∼0.5±0.4.
• The detected IC/CMB X-ray emission is produced
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by electrons with energy γ ∼ 100-1000 (0.3–5 keV)
which emit synchrotron radiation at (unobservable)
radio frequencies of 40 MHz and below.

• The X-ray spectral index of 0.9 reveals the intrinsic
index of the relativistic electron population before the
spectrum drops steeply in the cm-band (γ ∼ 6×103 to
104 for 1.4 and 5 GHz).

The overall picture is that electrons with energies
γ ∼ 100 to at least 104 are present, and a break in the
spectrum occurs between γ ∼1000–6000. This has
important implications for prospects of future multi-
wavelength studies of kpc-scale jets:

• The lowest energy electrons Comptonize CMB pho-
tons into the optical band (γ ∼10). These electrons
dominate the total energy density in the jet and deep
HST observations offer a possible probe of their emis-
sion which would otherwise be unobservable at sub-
MHz frequencies.

• The expected flux density of the jet at low radio
frequencies – e.g. 74 MHz – is 17 mJy (if the spec-
trum breaks at 1.4 GHz) and up to 74 mJy (break
at or below 74 MHz). This level of emission will
be detectable by the proposed Long Wavelength Ar-
ray (LWA) which will offer arcsecond-resolution at
MHz frequencies (Harris 2005). Current VLA 74 MHz
observations provide an integrated flux limit from
GB 1508+5714 of ∼100 mJy (1σ) measured from the
FITS map obtained by the VLSS survey (Cohen et al.
2004). The integrated low-frequency radio emission
may well be dominated by the kpc-scale jet as radio
core spectra are typically flat or inverted (§ 2.1), and
its emission is expected to be mostly self-absorbed in
the LWA-bands. If there is ”contaminating” emission
from the radio core and/or sub-arcsecond scale jet, as-
trometric uncertainties of order 1” or less in the LWA
observations are then necessary to distinguish emis-
sion from the different components.

• The break in the electron spectrum constrains the
peak of the Compton component to a narrow range
(formally between 5 and 160 keV). The steep cm-wave
spectrum we have measured implies that IC/CMB
emission from the highest-redshift jets may be min-
imal in the GLAST bands (>10 MeV). If these steep
cm-wave spectra persist in other high-z jets, GLAST2

studies of IC/CMB X-ray jets may be restricted
to lower-redshift targets with detected optical syn-
chrotron jets (e.g. Sambruna et al. 2004).

2The main limiting factor of GLAST studies of kpc-scale
jets will be its inability to separate the expected gamma-ray
emission from their small-scale jets with its course angular res-
olution.

2.3. Fast-jets or sub-Equipartition
Magnetic Field Strengths?

The one-zone synchrotron+IC/CMB model invokes
relativistic motion on the observed kpc-scales in or-
der to preserve equipartition (i.e. avoid very large
total energies). This appears at odds with previous
radio jet asymmetry studies which set upper limits
on the jet speed of order Γ ∼3 (Bridle et al. 1994;
Wardle & Aaron 1997; Hardcastle et al. 1999). Al-
though the bulk beaming factor necessary to explain
the level of X-ray emission in the GB 1508+5714 jet
is not very large, other known examples show that
Γ’s up to ∼25 are necessary (e.g. Harris & Kraw-
cynski 2002; Kataoka & Stawarz 2005). One way to
relax the speeds invoked is to assume that kpc-scale
quasar jets are not in equipartition as discussed re-
cently in Kataoka & Stawarz (2005). In this scenario,
the jets are characterized by sub-equipartition field
and are particle dominated. This leads to quite un-
favorably larger total energy requirements and syn-
chrotron models may provide a better solution (e.g.
Atoyan & Dermer 2004).

2.4. X-ray Emission from Doppler-hidden
beams?

To maintain both equipartition and to accommo-
date radio studies which inferred slower jet speeds
than in the one-zone synchrotron+IC/CMB model,
one can invoke additional structure in the jet. Such
”two-fluid” jet models have in fact been discussed for
some time. Early radio studies advocated ”trans-
verse” velocity structures with the observed radio
emission originating from a slower moving outer
sheath which hides emission from a faster moving
spine (see summary by Bridle 1996).

In powerful radio-galaxies and lobe-dominated
quasars, we are preferentially viewing the slower-
moving outer radio-emitting jet layer whose beam-
ing cone is wide. In this case, the IC/CMB X-
rays viewed by us originate predominantly from the
same observed radio emission and the one-zone syn-
chrotron+IC/CMB model is a good approximation –
Chandra/radio observations of these jets may truly be
telling us about their physical conditions.

In this picture, the X-rays ”reveal” the faster jet
spine in the core-dominated quasars which is respon-
sible for most, if not all of the IC/CMB emission
(Celotti et al. 2001). With additional transverse
velocity structures come naturally other sources of
high-energy emission such as turbulent interactions
between the spine-sheath layers (Stawarz & Ostrowski
2002). In the IC/CMB scenario, the outer portion of
the jet producing most of the observed radio emis-
sion will certainly emit IC/CMB radiation also, espe-
cially at high-redshift. The key is not whether there
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are IC/CMB X-rays, it is to consider also how much
is being produced by the hypothetical fast spine-layer
(Jorstad & Marscher 2004), and if its radio luminosity
is only a fraction of the observed, how do we use the
X-rays observations to tell us something useful about
its physical properties?

In several kpc-scale jets in core-dominated quasars,
the X-ray emission terminates abruptly, while the ra-
dio emission continues on for 10’s kpc or more (e.g.
0827+243, Jorstad & Marscher 2004; PKS 0605–085,
PKS 1510–089, and 1642+690, Sambruna et al. 2004).
Do these mark the decollimation points of the fast
spines? One can indeed find other core-dominated
quasars where there is roughly 1-1 correspondence be-
tween the radio and X-ray emissions throughout the
jets (e.g. Sambruna et al. 2004; Marshall et al. 2005),
and lobe-dominated quasars whose X-ray jets do not
persist to the terminal radio features (e.g. PKS 1136–
135, Sambruna et al. 2004). This may be a resolution
dependent effect, as two of the largest angular-size jets
(∼30”) show multi-wavelength offsets in the terminal
features (PKS 1127–145, Siemiginowska et al. 2002;
PKS 1354+195, Sambruna et al. 2004) with the X-
rays leading the radio.

How fast can the spine-beams be? Presumably from
the observed X-ray emission, one can deduce phys-
ical properties of the spines with the usual machin-
ery (section 2.2), as a function of fraction, f , of the
detected radio emission. As an analog to past stud-
ies of jet interaction with the accretion disk photon
field (e.g. Phinney 1987, Melia & Königl 1989), the
implied beaming factors should not be so high as to
avoid Compton drag by the CMB photons, although
this may be a way to explain the widely observed de-
clining X-ray to radio flux ratios observed in many
jets, which can be interpreted as jet-deceleration on
the observed kpc-scales (Georganopoulos & Kazanas
2004). If also the beaming cones are made too narrow
(∼1/Γ), one has to explain why we are finding X-ray
emission from the majority of prominent radio jets in
core-dominated quasars3.

3. Searching for the Highest-Redshift
Radio Jets with the VLA

Most Chandra studies of quasar jets have so far
targeted known arcsecond-scale radio jets (e.g. Sam-
bruna et al. 2004, Marshall et al. 2005), and most are
found at z<2 (Liu & Zhang 2002). In fact, not many
z>2 radio jets (kpc-scale) are known. The most exten-
sive radio imaging studies of high-redshift quasars to
date are VLA snapshot observations (few min. scans)

3See http://hea-www.harvard.edu/XJET/ for a list.

Figure 2: VLA 1.4 GHz contour image of the z=3.78
quasar PKS 2000-330 showing an extended radio feature
to the northwest of the quasar. The contours begin at 0.5
mJy/bm and increase by increments of

√
2. The beam is

2.41 × 1.03” at a PA of –0.2 deg.

of quasars at redshifts of up to only ∼3 (Taylor et al.
1996; Barthel et al. 2000, and refs. therein). From
these studies, only a handful of arcsecond-scale jets
are extended enough to be imaged with Chandra.

The majority of z>3 flat-spectrum radio quasars
have only been discovered over the last few years from
large surveys (e.g. Hook et al. 2002 and references
therein), and systematic radio imaging studies have
yet been carried out – we are aiming to remedy this
deficiency with a VLA imaging survey.

3.1. Target Selection

We used NED4 to help compile a sample to search
for extended radio jets with the VLA with the aim
of followup Chandra imaging. For an initial sample,
we selected objects with redshifts of 3.4 and greater,
and radio fluxes >∼ 100 mJy at 1.4 and/or 5 GHz.
We excluded known radio galaxies and steep spectrum
sources (e.g. van Breugel et al. 1999; De Breuck et al.
2001) and focused on the flat-spectrum ones (a first
order proxy for high beaming) to facilitate a compari-
son with the known z <∼ 2 X-ray jets in core-dominated
quasars. Our goal was to compile the best candidates
to be imaged with the VLA in order to determine how
common large-scale jets are at high-redshift, rather
than to create a complete sample. Imaging the fainter
objects and extending to lower redshifts (z∼3–3.4) are
obvious extensions to our work and this is planned.

4This research has made use of the NASA/IPAC Extragalac-
tic Database which is operated by the Jet Propulsion Labora-
tory, California Institute of Technology, under contract with the
NASA.
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Figure 3: Chandra color (and magenta contours) and
VLA 5 GHz (green contours) images of the jet in
1745+624 (4C 62.29) at z=3.9. The X-ray data are taken
from the Chandra archive (PI: P. Strub; OBSID 4158).
Details can be found in Cheung et al. (in preparation).

We then performed a literature and VLA archive
search of the 43 sources in our final sample (z=3.4–
4.8): 9 have known radio structures (jets, gravita-
tional lenses), or have sufficient archival VLA data
(Table 1). Our final targets were drawn from the re-
maining 34 objects which did not have suitable VLA
data available. Six objects are at declinations of
<∼ −30◦, so may explain why so little archival VLA

data are available for them (see below).

Over nine observing runs in 2004 Oct and Dec, we
observed 26 targets with the VLA-A configuration at
1.4 and 5 GHz (resolution 1 and 0.4 arcsec). Since
the main goal of this survey was to find jets, we only
obtained short snapshots at 5 GHz to estimate spectra
relative to the deeper 1.4 GHz images. Archival VLA
data exist for a handful of other sources satisfying
our criteria and these have been analyzed also. This
led to the discovery of a 3.6” long radio jet in one
quasar, PKS 2000–330 (Figure 2). Archival Chandra
data were available for the z=3.9 quasar 1745+624,
which revealed an X-ray counterpart (Figure 3) to its
known radio jet (Becker et al. 1992).

The details of this survey will be presented else-
where. In summary, extended radio features are de-
tected in ∼50% of the sample, although only a hand-
ful are extended enough in the z >∼ 3.4 sample to be
imaged with Chandra’s ∼arcsecond resolution. The
most distant object we found with a jet is the z=4.72
quasar GB 1428+4217 (Fabian et al. 1997). Proposed
X-ray observations will allow us to determine the rela-
tive importance of IC/CMB versus synchrotron X-ray
emissions at the highest-redshifts, leading to an im-
portant test of expectations between the X-ray emis-
sion models.

4. Summary

Jets are common features of radio-loud AGN, at
radio and X-ray wavelengths, at least locally (z <∼ 2).
Our work suggests that this may be true also at high-
redshift (out to z=4.7) at radio wavelengths. Pro-
posed Chandra observations will tell us if this is true
also at X-rays. Extending studies to these high-
redshifts should help us to distinguish between the
competing synchrotron and IC models to determine if
there is a redshift dependence in the X-ray jet emis-
sion.
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Gravitationally Lensed Oscillations of a Slender Torus
Michal Bursa
Astronomical Institute, Charles University, Prague, Czechia

Using a 3D ray-tracing numerical code we study rapid variability of radiation originating from accreting compact
objects. We construct a toy model of an oscillating torus in the slender approximation assuming thermal
bremsstrahlung for the intrinsic emissivity of the medium and we compute observed (predicted) radiation signal
including contribution of indirect (higher-order) images and caustics in the Schwarzschild spacetime. We show
that the simplest oscillation mode in an accretion flow, axisymmetric up-and-down motion at the meridional
epicyclic frequency, may be directly observable when it occurs in the inner parts of accretion flow around neutron
stars and black holes. Together with the second oscillation mode, an in-and-out motion at the radial epicyclic
frequency, it may then be responsible for the high-frequency modulations of the X-ray flux observed at two
distinct frequencies (twin HF-QPOs) in microquasars and low-mass X-ray binaries.

1. INTRODUCTION

In many active galactic nuclei as well as in micro-
quasars, cataclysmic variables and low-mass X-ray bi-
naries we observe rapid temporal changes of the flux
and of individual spectral features. In the widely
accepted scenario, these sources contain a compact
object surrounded by an accretion flow in the form
of a disc or a torus (see e.g. [9], [7]). The strong
gravity near these objects introduces distinctive de-
viations from Newtonian physics including bending
of light rays, gravitational red shift and existence of
the inner-most stable circular orbit. All these effects
of general relativity affect profiles of observed light
curves and have impact on the power spectra.

Especially, the discoveries made by the Rossi X-ray
Timing Explorer (RXTE) of high-frequency oscilla-
tions are still attracting attention, because their fre-
quencies are close to orbital frequencies near the neu-
tron star surface or the last stable circular orbit
around a black hole. The origin of the modulations,
known as quasi-periodic oscillations (QPOs) because
they are not quite coherent, still remains unknown
(see [7] for a review).

We show that gravitational lensing of the pho-
ton trajectories in a vicinity of a black hole (in
Schwarzschild metric) suffices to appreciably modu-
late the flux observed at infinity even if the source is
symmetric about the axis of a black hole and moves
parallel to it. Previous ray-tracing computations in
the context of QPO were performed for hot spots in
the plane of the accretion disk ([4], [8]). Our computa-
tions are performed for an axi-symetric and optically
thin source. Specifically, we show that an otherwise
steady toroidal source oscillating in an incompressible
m = 0 mode about the equatorial plane of the black
hole gives rise to a periodically modulated flux. A re-
alistic torus will oscillate in a combination of internal
[2] and external [3] modes, rather that at a unique
frequency, and in the case of two modes we demon-
strate that the observed power ratio exhibits strong
dependence on the viewing angle.

2. CALCULATION METHOD

In order to compute the amount of radiation
coming from the source we have developed a new
three-dimensional ray-tracing code which integrates
geodesic and geodesic deviation equations in a given
stationary spacetime. Photon trajectories are inte-
grated backward in time from the observer positioned
at infinity at some inclination angle i with respect to
the z-axis. At certain points along the trajectory the
current position, momentum, time delay and magnifi-
cation are recorded. This information is then used to
reconstruct each photon’s path and calculate the total
amount of incoming flux.

The intensity observed at infinity is an integra-
tion of the emissivity f over the path length along
geodesics and it can be written down as

Iobs(t) =

∫

f(r, θ, φ, t−∆t)
√

−gtt kt g4 dλ .

The integration goes along the light ray parametrized
by an affine parameter λ. Here, kt is the time compo-
nent of photon’s 4-momentum, g is the red-shift factor
and ∆t is the photon time delay.

3. A SLENDER TORUS

We consider an isolated, luminous, optically thin
and geometrically slender torus with a constant an-
gular momentum around a non-rotating black hole of
mass M . Such a torus orbits a point mass at a radius
that is much larger than its width and these systems
have already been studied in various forms ([2], [6]).
In this problem, all radii scale with M , and all fre-
quencies scale as 1/M . For a convenient comparison
with the observed frequencies we chose M = 10 M�.

The torus in the slender approximation is assumed
to be circular in cross-section with radius R0 = 2.0 M ,
which is held constant in time, as it is the intrinsic
emissivity per unit co-moving volume of the torus.
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The circle of maximum pressure is in the equilibrium
position in the equatorial plane (z̃ = 0) in distance
r̃0 = 10.8 M from the source of gravity, where r̃, z̃ are
cylindrical coordinates related to the Schwarzschild
coordinates through r̃ = r sin θ, z̃ = r cos θ.

The observed luminosity variations will depend on
the properties of the torus. We consider it to be made
of an optically thin polytropic medium and we take
the emissivity in the local frame to be

f ∝ ρ2 T
1
2 ,

with T = K ργ−1µmu/kB ,

where γ = 5
3
, µ = 7

4
, mu and kB are polytropic index,

molecular weight, atomic mass unit and the Boltz-
mann constant, respectively.

In the slender approximation, we construct the den-
sity profile by taking the equipotential structure ob-
tained by Taylor expanding in the z̃ direction equi-
librium solutions of the relativistic Euler equation [1]
of a torus with uniform angular momentum `(r̃) =

`K(r̃0) =
√

M r̃3
0/(r̃0 − 2M), so that the potential W

has the form

W (R) =
R2

0 − R2

2 r̃2
0(r̃0 − 3M)

+ W0 ,

and the density profile is

ρ(R) =

[

γ − 1

Kγ

(

eW (R)−W0 − 1
)

]1/γ−1

.

4. TORUS OSCILLATIONS

We allow the torus to execute vertical oscillations
parallel to its axis as well as the radial oscillations in
the perpendicular direction, so that the position of the
central circle vary as

r̃(t) = r̃0 + δr̃0 sin(ωrt) ,

z̃(t) = δz̃0 sin(ωθt) .

Here, ωθ = ΩK =
√

M/r3 is the vertical epicyclic
frequency, in Schwarzschild geometry equal to the Ke-
plerian orbital frequency, and with our choice of r̃0 =
10.8M the radial epicyclic frequency is ωr = 2

3
ωθ.

The amplitude of both vertical and radial motion is
set to δz̃0 = δr̃0 = 0.1M .

The radial motion results in a periodic change of
volume of the torus. Because the optically thin torus
is assumed to be filled with a polytropic gas radiat-
ing by bremsstrahlung cooling, there is a correspond-
ing change of luminosity, with a clear periodicity at
2π/ωr.

On the contrary, the vertical motion does not
change the properties of the torus or its overall lu-
minosity. We find that in spite of this, and although
the torus is perfectly axisymetric, the flux observed
at infinity clearly varies at the oscillation frequency
ωθ. This is caused by relativistic effects at the source
(lensing, beaming and time delay), and no other cause
need to be invoked to explain in principle the highest-
frequency modulation of X-rays in luminous black-
hole binary sources.

The resulting power spectrum of the torus is shown
in Fig. 1. Two distinct periodic components are
clearly seen at the two oscillation frequencies ωr and
ωθ. Their relative power depends strongly on the in-
clination angle (Figs. 1, 2).

Figure 1: Results of a numerical ray-tracing. Instant
snapshots and power spectra of an oscillating torus as
viewed by a distant observer for inclinations 45◦ (left),
65◦ (middle) and 85◦ (right).

Since the intrinsic luminosity varies only at the
lower of the two frequencies, the lower peak is dom-
inant at low inclinations (on-axis view). At higher
inclinations both lensing and beaming are strong and
the peak associted with ωθ gains importance. The
correlation with the phase angle of oscillations (Fig. 2
right) is extremely small.

Figure 2: Power of radial (red line) and vertical (blue

line) oscillations as a function of the viewing angle (left)
and their relative phase (right) both for inclination 65◦.

5. CONCLUSIONS

We have shown that gravitational lensing at the
source will modulate the flux received from an axi-
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ally symmetric emitter oscillating about the equato-
rial plane of a black hole. In a torus executing simulta-
neous oscillations in the radial and vertical directions
at frequencies ωr and ωθ = (3/2)ωr, as expected in
the parametric resonance model [5], both frequencies
will show up in the power spectrum, with no other
(e.g. harmonic) strong components. The lower of the
frequencies may reflect changes in the emissivity of
the torus, but the presence of the upper frequency is
explained by effects of relativity alone.
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Interaction Between Stars and an Inactive Accretion Disc
in a Galactic Core
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Ladislav Šubr
Charles University, Faculty of Mathematics and Physics, Prague, Czech Republic

We discuss the structure of a central stellar cluster whose dynamics is influenced by gravitation of a supermassive
black hole and by the dissipative interaction of orbiting stars with an accretion disc. We also take the effect of
disc self-gravity into account. We show that the cluster properties are determined predominantly by the radial
profile of the disc surface density. To this aim we develop a simple steady-state model of the central cluster and
we estimate the rate at which stars migrate to the centre.
This model is relevant for central regions of an active galactic nucleus (AGN) containing a rather dense accretion
medium. In passing we also briefly mention a possibility that a fossil (inactive) disc could exist in the centre
of our own Galaxy. Such a hypothetical disc could perturb the motion of stars and set them on highly elliptic
trajectories with small pericentre distances. The required mass of the disc is less than one percent of the central
black hole mass, i.e. below the upper limit permitted by present accuracy of the orbital parameters of S-stars
in the Galactic Centre.

1. INTRODUCTION

We examined the long-term orbital evolution of
stars forming a dense stellar cluster surrounding a cen-
tral black hole with an embedded accretion disc. This
configuration is relevant for central regions of active
galactic nuclei [10, 13] and it may be applied also to
the center of our own Galaxy, assuming that rapid ac-
cretion took place and a gaseous disc was formed at
some stage of its history [8]. Indeed, the presence of a
dissipative gaseous environment can provide a mech-
anism driving stars towards the black hole, while the
gravitational influence of the disc may pump eccen-
tricity of the orbits to large values at some moments
of the evolution [11, 12]. This would help us to under-
stand the puzzling nature of young stars in the close
vicinity of the black hole in the centre of our Galaxy.
An attractive feature of this calculation is that it pro-
vides a well-defined model allowing to estimate the
expected time-scales of the orbital migration as well
as the distribution of eccentricities. It may turn out
to be more likely that a different (non-standard) kind
of a gaseous disc or a dusty torus plays the role, but
this would not change the essence of the model.

2. RESULTS

We idealise a galactic core as a system consisting of
a central black hole, an accretion disc and a dense stel-
lar cluster. The three components interact with each
other. Naturally, various approximations need to be
imposed in order to keep our model sufficiently simple
and tractable. The aim is to examine the structure of
a stellar system in the region of black hole gravita-
tional dominance Rh, including the effects due to a

gaseous disc. Two regions of the cluster can be dis-
tinguished according to the characteristic time-scale
of processes dominating the stellar motion. The outer
cluster is assumed to reach a gravitationally relaxed
form [1], acting as a reservoir of fresh satellites that
are being continuously injected inwards. The inner
cluster is defined as a region where star-disc collisions
take over.

Individual orbits

Stars loose their orbital energy and momentum by
means of successive dissipative passages through an
accretion disc. If the orbit is inclined with respect
to the disc plane, each encounter with the disc slab
slightly modifies the orbital parameters. The over-
all trend is to circularize orbits and to decline them
into the plane of the disc [13]. Characteristic time
of aligning stellar orbits with the disc is td(a) ≈

t0 M8 (Σ∗/Σ�)
−1

(a/Rg)
q

yr , where a is semi-major
axis, t0 and q are constants (order of unity for the
standard disc model) and M8 ≡ M•/(108M�) is the
fiducial value of the central mass in AGN [4].

Different modes of radial migration apply to stars
in the disc plane, depending whether a star succeeds
to open a gap in the disc medium, or if it remains
embedded entirely and proceeds via density waves ex-
citation. We switch between relevant modes in the
numerical integration.

A gap is cleared in the disc if the embedded star is
sufficiently massive and its Roche radius exceeds the
characteristic vertical thickness of the disc slab at a
corresponding radius, r

L
≈ (M∗/M)1/3r ∼> h(R). In

this case the motion of the star is coupled with the
disc inflow,

ȧgap = f(a, µE, M•; b, qi) (1)
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Figure 1: An example of the episode during which the stellar orbit becomes highly elliptical. Left: occasional jumps
toward high eccentricity occur due to the Kozai-type mechanism in the field of the central black hole and a gravitating
disc. Prevailing circularisation is expected because of continuing energy losses and the resulting orbital decay via
star-disc collisions, however, fraction of highly eccentric orbits always persists in the cluster, as indicated by the colour
scale. These trajectories bring stars close to the black hole where they can be preferentially captured or destroyed.
Right: the ratio of mean latitudinal frequency ωz to the mean radial epicyclic frequency ωr (for the same orbit as on
the left). It turns out that the jump of orbital parameters occurs at the moment when the ratio ωz/ωr = 1. The
indicated time-scale corresponds to the case of M• = 4 × 106M� and a hypothetical disc with the mass Md = 0.01M•.

with

f(a, µE, M•; b, qi) ≡ −bMq1

8 µq2

Eαq3

(

a

Rg

)

−q4

with µE being the accretion rate in units of the Ed-
dington accretion rate and α viscosity parameter. The
numerical factor b and power-law indices q1...4 are de-
termined by details of the particular model adopted
for the disc [4].

On the other hand, if the star is too tiny to create
the gap, than density-waves are the dominating mi-
gration process. The resulting orbital decay can be
written in the form

ȧdw =
M∗

M�

f(a, µE, M•; b
′, q′

i). (2)

Differences in the rate of stellar migration are thus
introduced in the model already within this very sim-
plified picture where the process of satellite sinking is
driven by the gas medium. The dependence on the or-
bital parameters, the stellar masses and sizes of stars
causes the gradual segregation of different stellar types
in the nuclear cluster.

The gravitational field of the disc provides a per-
turbation capable of exciting large fluctuations of ec-
centricity. Assuming that these fluctuations occur on

the time-scale substantially longer than the orbital pe-
riod, one can apply an averaging techique and evolve
equation for mean orbital parameters. See e.g. Kozai
[5] and Lidov & Ziglin [6] for a general introduction
to the formalism; see Vokrouhlický & Karas [14] and
Šubr & Karas [12] for its modification to the present
situation. We computed the gravitational field of the
disc and took its effect into account for the long-term
orbital decay of stellar trajectories. The effect of ec-
centricity oscillations is shown in Figure 1. Here, we
have set the current (time zero) values of orbital eccen-
tricity e(t) and semimajor axis a(t) identical as those
reported for S2 star in Sagittarius A?. For the central
mass we adopted M• = 4×106M�. A false-colour plot
shows what fraction of time the orbiting star spends
with a certain value of the orbital eccentricity. There-
fore, this graph illustrates the expected fluctuations of
eccentricity and explains the existence of highly ellip-
tic trajectories, assuming that an accretion disc or a
torus was present at the centre of our Galaxy. The re-
quired mass of the disc Md was of the order of fraction
of percent of the central black hole mass, consistent
with the present-day upper limit. Characteristic time-
scale tc of the oscillations depends on Md/M• ratio,
and is indeed much longer that the dynamical time at
corresponding radius (of the order of thousand orbital
revolutions in our case, Md/M• ∼< 0.01).
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Figure 2: Left panel: distribution of semi-major axes throughout the stellar cluster, modified by interaction with the
gas-pressure dominated standard accretion disc. The broken power-law profile is established by different types of
interaction governing different regions of phase space. The three stellar sub-samples are present in our model and they
can be easily distinguished in the plot: the outer reservoir (magenta), the inner part of the cluster which is dragged by
the disc (blue), and a subsample of stars fully embedded in the disc (green). Right panel: Graph of mean inclination
〈i〉 in the cluster. The reservoir is spherically symmetric (〈i〉 = π/2), the dragged cluster is somewhat flattened
(0 < 〈i〉 < π/2), and the embedded population is located in the disc plane (〈i〉 = 0).
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Figure 3: Velocity profile along the line of sight of the inner cluster, integrated across a column of cross-sectional radius
Rs = 104Rg (left panel) and Rs = 105Rg (right panel). Blue/red lines represent different view angles of the observer:
ξ = 0◦ and 60◦, respectively. Growing anisotropy of the modified cluster produces the dependence of measured line
profile on ξ, i.e. I≡I(vz; ξ). The green line is for the reference Bahcall–Wolf distribution, which exhibits spherical
symmetry. See ref. [11] for further details.

The cluster

Now we construct a steady-state cluster assuming
that it is supplied with fresh stars from the reser-
voir at a rate inversely proportional to the relaxation
time. The effects introduced in the previous section
are taken into account. Our computational scheme
allows us to further distinguish between two subsam-

ples of the inner cluster: the dragged inner cluster
consists of stars on orbits crossing the disc periodi-
cally; the embedded inner cluster is formed by stars
entirely aligned with the disc. See Šubr et al. [11] for
details of our approach. For the definiteness of exam-
ples we assumed that the central mass (M• = 108M�)
is surrounded by the gas-pressure dominated Shakura-
Sunyaev disc (s = −3/4) with Ṁ = 0.1MEdd and

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2103



Figure 4: The spatial density n∗(r) and the corresponding projected density of the cluster are shown using
logarithmically spaced levels of shading. Columns (a) and (b) represent the meridional section at two different scales,
namely, 4Rd and 0.2Rd across (radii are expressed in terms of the disc outer radius, Rd). Next columns are the edge-on
(c) and the face-on (d) projections of the cluster. Across columns, the upper row shows the referential cluster [1]

(n∗ ∝ r−7/4). In subsequent rows, the system has been already modified via the interaction with two types of discs,
case (iii) and case (ii)+(iv), as discussed in ref. [11].

viscosity parameter α = 0.1 (so these values are ade-
quate for an AGN). The outer stellar cluster can be
characterized by the number density n0 = 106pc−3

and velocity dispersion σc = 200 km/s.

Structure of the cluster modified by the
interaction with an accretion disc

Figure 2 shows the density structure of the modified
cluster. Majority of stars forming the embedded clus-
ter sink to the centre in the regime of density waves,
hence vr ∝ r1/2 and n(a) ∝ a−1/2. In the dragged
cluster, the orbital decay leads to the governing in-

dex given by s − 1/2 = −5/4, and the corresponding
number density n(a) ∝ a5/4. The asymptotic profile
∝ a1/4 of the outer cluster is determined by the initial
distribution. Isotropy of the outer cluster is violated
in the inner regions where the mean inclination satu-
rates at ≈ 0.2 (dragged cluster). The influence of the
disc manifests itself in different characteristics of the
inner cluster. For example, dependence of the drag
on size and mass of stars causes gradual segregation
of different stellar types present in the cluster.

Figure 3 shows the integrated properties of the clus-
ter that can be compared with observation. We plot
the shape of a synthetic spectral line I(vz), i.e. inten-
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sity in the line as a function of line-of-sight velocity vz

near the projected center of the cluster. Local maxi-
mum of the line occurs around v ∼ sin(ξ)vK(Rd). For
some values of model parameters, this secondary peak
exceeds the central maximum and dominates the pre-
dicted profile. High-velocity tails of the line profiles
are also noticeably affected in comparison with an un-
perturbed form of the outer cluster [11].

Oblateness of the cluster

Figure 4 shows various two-dimensional sections of
the cluster arranged in four columns. One can clearly
observe the impact that star–disc collisions have on
the cluster structure, namely, an increasing oblateness
of the stellar population in the core and, in some cases,
the tendency to form an annulus of stars. The reason
for different structures is the continuous crashing of
stars on the disc plane. Furthermore, in case of stars
embedded in the disc, different modes of star-disc in-
teraction occur and facilitate their radial transport to
the central hole.

It is worth noticing that the gravity of the oblate
cluster adds with the field of the embedded accretion
disc. This way the effect of orbital oscillations, dis-
cussed in previous sections, may be further enhanced.
Indeed, any non-spherical perturbation, for example
general-relativity effects of frame-dragging near a ro-
tating black hole, can potentially be responsible for
similar kind of oscillations. However, the issue cannot
be resolved within the framework of our simple model,
because other effects intervene (for example the frag-
mentation of the disc into selfgravitating clumps) and
these may act in the opposite direction.

3. DISCUSSION

The orbits are aligned and circularized at typical
radii of 102 ÷ 103Rg, spiralling further on nearly cir-
cular orbits towards the centre. This provides limits
on gravitational waves emerging from the cluster. The
rate of the capture events can be estimated as

Ṁs ≈ 10−2M
5/4

8

(

n0

106 pc−3

)2

×

(

M∗

M�

)2 (

Rd

104Rg

)

M� yr−1 . (3)

The total accretion rate onto the black hole is a sum
of Ṁs (which involves massive stars in the cluster),

and the accretion rate Ṁ (gas in the disc).
It is worth noticing that the orbital decay of stars

near a black hole is indeed relevant for forthcom-
ing gravitational wave experiments, because the gas-
dynamical drag should be taken into account with suf-
ficient accuracy. It was estimated [3, 7] that this effect

can be safely ignored at late stages, shortly before the
star plunges into the hole, if accretion takes place in
the mode of a very diluted flow, but the situation is
quite different in case of AGN hosting rather dense
nuclear discs. Gas-dynamical effects most likely dom-
inate over the gravitational radiation as far as their
influence on the cluster structure is concerned.

The average rate of energy losses which the orbiter
experiences via gravitational radiation (per revolu-
tion) can be written in terms of orbital parameters
[9]:

Ė =
32

5

G4

c5

M3M2
∗

a5 (1 − e2)
7/2

f1(e). (4)

Linked with this Ė is the change of semi-major axis

ȧ = −1.28 × 10−7cM−1
8

M∗

M�

[

a

rg

]

−3

f2(e) (5)

and the loss of angular momentum

L̇ =
32

5

G7/2

c5

M5/2M2
∗

a7/2 (1 − e2)
2

f3(e). (6)

Functions f1, f2 and f3 are of the order of unity. The
above-given formulae (4)–(6) assume the star is on an
elliptic trajectory in Schwarzschild geometry. It there-
fore provides only an order-of-magnitude estimation,
because collective effects operating in the cluster are
neglected.

Gravitational radiation orbital decay competes with
the orbital decay caused by hydrodynamics of star–
disc encounters. The relative importance of these two
influences depends on the ratio between the hydro-
dynamical drag (which is roughly proportional to the
disc density) versus gravitational-wave losses (which
increase with orbital eccentricity). Discussing this in-
terplay is a tricky task once the gravitationally in-
duced oscillations of eccentricity are taken into ac-
count. See refs. [2, 4] for a more detailed discussion of
these effects. Substantially different results and time-
scales can be expected for objects with rather dense
discs (such as the case of standard discs in AGNs) and
those which are inactive and represent a rather clean
system (such as our own Galactic Center).

4. CONCLUSIONS

Although the above-described model is intended
mainly for active galactic nuclei with a relatively dense
accretion disc or a dusty torus, the problem of stars
crashing on a gaseous disc may be relevant also for
the centre of our Galaxy. The modified cluster struc-
ture is relevant for estimating the rate of black-hole
feeding and, vice-versa, for the issue of feedback that
a super-massive black hole exhibits on the the host
galaxy.
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The inherent limitations persist in our present dis-
cussion, namely, we have not incorporated a fully self-
consistent treatment of the disc gravity. Even though
we computed the gravitational field across a suffi-
ciently large domain of space, we did not account for
the feedback which star–disc collisions exert on the
disc structure. Introducing some kind of a clumpy
model of the disc will be very interesting, as it may
exert a more substantial effect on the cluster structure
by elevating the impact of star–disc collisions. For fur-
ther details we refer the reader to papers [11] and [12],
and to references cited therein.
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[4] Karas V., Šubr L., 2001, A&A, 376, 687
[5] Kozai Y., 1962, AJ, 67, 591
[6] Lidov M. L., Ziglin S. L., 1976, Celest. Mech., 13,

471
[7] Narayan R., 2000, ApJ, 536, 663
[8] Nayakshin S., Cuadra J., Sunyaev R., 2004, A&A,

413, 173
[9] Peters P. C., Mathews J., 1963, Phys. Rev., 131,

435
[10] Rauch K. P., 1995, MNRAS, 275, 628
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We discuss the effects of strong gravity on the polarization properties of a black hole accretion disc. The
intrinsic polarization is computed taking into account light scattered on the disc surface and using different
approximations. The gravitational field of a black hole influences the Stokes parameters of reflected radiation
propagating to a distant observer. The lamp-post model is explored as an example of a specific geometrical
arrangement relevant for AGNs. The degree and the angle of polarization are computed as functions of the
observer inclination angle, of the inner radius of the disc emitting region, and of other parameters of the model.
The expected polarization should be detectable by new generation polarimeters.

1. INTRODUCTION

Accretion discs in central regions of active galactic
nuclei are subject to strong external illumination origi-
nating from some kind of corona and giving rise to spe-
cific spectral features in the X-ray band. In particu-
lar, the K-shell lines of iron are found to be prominent
around 6–7 keV. It has been shown that the shape of
the intrinsic spectra must be further modified by the
strong gravitational field of the central mass, and so
X-ray spectroscopy could allow us to explore the in-
nermost regions of accretion flows near supermassive
black holes [10, 21]. Similar mechanisms operate also
in some Galactic black-hole candidates.

Recent XMM-Newton observations indicate the
rather surprising result that relativistic iron lines are
not as common as previously believed; see Bianchi et
al. [3] and Yaqoob et al. [24] fort further references.
This does not necessarily mean that the iron line is
not produced in the innermost regions of accretion
discs but the situation is likely to be more complex
than in simple, steady scenarios. Some evidence for
the line emission arising from orbiting spots is present
in the time-resolved spectra of a few AGNs [9]. Even
when clearly observed, relativistic lines behave differ-
ently than expected. The best example is the puzzling
lack of correlation between the line and continuum
emission in MCG–6-30-15 [11], unexpected because
the very broad line profile clearly indicates that the
line originates in the innermost regions of the accre-
tion disc, hence very close to the illuminating source.
Miniutti et al. [15] have proposed a solution to this
problem in terms of an illuminating source moving
along the black-hole rotation axis or very close to it.

Polarimetric studies along with time-resolved spec-
troscopy could provide additional information about
accretion discs in the strong gravity regime, and this
may be essential to discriminate between different pos-
sible geometries of the source. The idea of using po-

larimetry to gain additional information about accret-
ing compact objects is not a new one.

In this context it was proposed by Rees [20] that
polarized X-rays are of high relevance. Pozdnyakov
et al. [19] studied spectral profiles of iron X-ray lines
that result from multiple Compton scattering. Vari-
ous influences affecting polarization (due to magnetic
fields, absorption as well as strong gravity) were ex-
amined for black-hole accretion discs [1]. Temporal
variations of polarization were also discussed, in par-
ticular the case of orbiting spots near a black hole
[2, 4]. Furthermore, within general relativity frame-
work the polarization has been studied by various au-
thors: see Portsmouth & Bertschinger [18] for a very
recent discussion. With the promise of new polarimet-
ric detectors [5], quantitative examination of specific
models becomes timely.

2. THE MODEL AND COMPUTATIONS

We have developed a new code for time-dependent
analysis of relativistic spectral features originating in
black-hole accretion discs [7–9]. Detailed tracking of
time-dependent spectral features (time-scale of sev-
eral kiloseconds) would be particularly relevant for
the modelling and interpretation of variable X-ray fea-
tures. These have been reported in a growing number
of active galactic nuclei and tentatively interpreted in
terms of reflection iron lines due to flares and spots
[7, 12, 22–24]. Narrow fluctuating profiles are often
redshifted with respect to the rest energy and they
may provide a powerful tool to measure the mass of
central black holes in AGNs and Galactic black hole
candidates [6, 16].

Since the reflecting medium has a disc-like geome-
try, a substantial amount of linear polarization is ex-
pected in the resulting spectrum because of Comp-
ton scattering. Polarization properties of the disc

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2104



 55

 60

 65

 70

 75

 80

 85

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
an

gl
e

Energy [keV]

θo=30°, rin=6, rout=400

Height
2
6

15
100

-90

-60

-30

 0

 30

 60

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
an

gl
e

Energy [keV]

θo=60°, rin=6, rout=400

Height
2
6

15
100

-90

-60

-30

 0

 30

 60

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
an

gl
e

Energy [keV]

θo=80°, rin=6, rout=400

Height
2
6

15
100

 0

 0.1

 0.2

 0.3

 0.4

 0.5

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=30°, rin=6, rout=400

reflected Height
2
6

15
100

 0

 0.1

 0.2

 0.3

 0.4

 0.5

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=60°, rin=6, rout=400

reflected Height
2
6

15
100

 0

 0.1

 0.2

 0.3

 0.4

 0.5

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=80°, rin=6, rout=400

reflected Height
2
6

15
100

 0

 0.03

 0.06

 0.09

 0.12

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=30°, rin=6, rout=400

reflected+directHeight
2
6

15
100

 0

 0.01

 0.02

 0.03

 0.04

 0.05

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=60°, rin=6, rout=400

reflected+directHeight
2
6

15
100

 0

 0.01

 0.02

 0.03

 4  6  8  10  12  14

P
ol

ar
iz

at
io

n 
de

gr
ee

Energy [keV]

θo=80°, rin=6, rout=400

reflected+directHeight
2
6

15
100

Figure 1: The energy dependence of polarization angle (top panels) and polarization degree (middle panels) due to
reflected radiation for different observer’s inclination angles (θo = 30◦, 60◦ and 80◦) and for different heights of the
primary source (h = 2, 6, 15 and 100). Polarization degree for reflected plus direct radiation is also plotted (bottom
panels). The emission comes from a disc within rin = 6 and rout = 400. Isotropic primary radiation with photon index
Γ = 2 and angular momentum of the central black hole a = 0.9987 were assumed.

emission are modified by the photon propagation in
a gravitational field, providing additional information
on its structure. Here we calculate the observed polar-
ization of the reflected radiation assuming the lamp-
post model for the stationary power-law illuminating
source [14, 17]. We assumed a rotating (Kerr) black
hole as the only source of the gravitational field, hav-
ing a common symmetry axis with an accretion disc.
The disc was also assumed to be stationary and we
restricted ourselves to the time-averaged analysis (we
assumed processes that vary at a much slower pace
than the light-crossing time at the corresponding ra-
dius). The intrinsic polarization of emerging light was
computed locally, assuming a plane-parallel scattering

layer which was illuminated by light radiated from the
primary source.

3. RESULTS

The reflection component has been computed by a
Monte-Carlo code. The number of reflected photons
is proportional to the incident flux NS

i (Ep) arriving
from the primary source,

NS
i (Ei) = NΩ

p (Ep)
dΩp

dSloc

, (1)
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Figure 2: Same as in the previous figure but for disc starting at rin = 1.20 .

where NΩ
p (Ep) = N0p E−Γ

p represents an isotropic and
steady power-law primary emission that is emitted
into the solid angle dΩp and eventually illuminates
the local area element dSloc on the disc (see refs. [7–9]
for a more detailed description of computations and
for notation). Four Stokes parameters, Iν , Qν , Uν

and Vν , entirely describe polarization properties of the
scattered light. One has to distinguish the quantities
that are determined locally at the point of emission
on the disc surface (index ‘loc’) and those relevant to
a distant observer (‘o’). We introduce specific Stokes
parameters,

iν ≡
Iν

E
, qν ≡

Qν

E
, uν ≡

Uν

E
, vν ≡

Vν

E
, (2)

and then specific Stokes parameters per energy bin,
i.e. ∆io, ∆qo, ∆uo and ∆vo. The latter quantities are
directly measurable, specifying the fluxes of photons

with a given polarization. One can write

∆io(E, ∆E) = N0

∫

dS

∫

dEloc iloc(Eloc) F , (3)

∆qo(E, ∆E) = N0

∫

dS

∫

dEloc

[

qloc(Eloc) cos 2Ψ

−uloc(Eloc) sin 2Ψ
]

F , (4)

∆uo(E, ∆E) = N0

∫

dS

∫

dEloc

[

qloc(Eloc) sin 2Ψ

+uloc(Eloc) cos 2Ψ
]

F , (5)

∆vo(E, ∆E) = N0

∫

dS

∫

dEloc vloc(Eloc) F , (6)

where F ≡ F (r, ϕ) = g2 l µe r is the transfer function,
g being the total energy shift between observed and
emitted photons, l the lensing effect, µe the cosine of
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Figure 4: Polarization degree and angle as functions of µo (cosine of observer inclination, µo = 0 corresponds to the
edge-on view of the disc). The same model is shown as in the previous figure.

the emission angle, and Ψ the angle by which a vector
rotates while it is parallelly transported along the light
geodesic.

In Figures 1 and 2 we show, respectively, the energy
dependence of polarization angle and polarization de-
gree due to reflected and reflected plus direct radia-
tion. One can see that the polarization of reflected
radiation can be as high as thirty percent for small

inclinations and small heights of the primary source.
Polarization of the reflected radiation depends only
weakly on energy, except for the region close to the
iron edge at ∼ 7.2 keV. In order to compute observ-
able characteristics one has to combine the primary
power-law continuum with the reflected component.
The polarization degree of the resulting signal depends
on the ratio between the two components and also on
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Figure 5: Net polarization degree of the total (primary plus reflected) signal as a function of h. Left panel: rin = 6;
right panel: rin = 1.20. The curves are parametrized by the corresponding energy range.

the energy range of an observation. The overall degree
of polarization increases with energy (see bottom pan-
els in Figs. 1–2) due to the fact that the intensity of
radiation from the primary source diminishes, the in-
tensity of the reflected radiation increases with energy
(in the energy range 3 − 15 keV) and the polarization
of the reflected light alone stays roughly constant.

In our computations we assumed that the irradi-
ating source emits isotropically and its light is af-
fected only by gravitational redshift and lensing, ac-
cording to the source location at z = h on axis.
This results in a dilution of primary light by factor
∼g2

h(h, θo) lh(h, θo), where g2
h = 1 − 2h/(a2 + h2) is

square of the redshift of primary photons reaching
directly the observer, lh is the corresponding lensing
factor. Here, the redshift is the dominant relativistic
term, while lensing of primary photons is a few per-
cent at most and can be safely ignored. Anisotropy of
primary radiation may further attenuate or amplify
the polarization degree of the final signal, while the
polarization angle is almost independent of this influ-
ence as long as the primary light is itself unpolarized.

The polarization of scattered light is also shown in
Fig. 3, where we plot the polarization degree and the
change of the polarization angle as functions of h. No-
tice that in the Newtonian case only polarization an-
gles of 0◦ or 90◦ would be expected for reasons of sym-
metry. The change in angle is due to gravitation for
which we assumed a rapidly rotating black hole. The
two panels of this figure correspond to different loca-
tions of the inner disc edge: rin = 6 and rin = 1.20,

respectively. The curves are strongly sensitive to rin

and h, while the dependence on rout is weak for a
large disc (here rout = 400). Sensitivity to rin is par-
ticularly appealing if one remembers practical difficul-
ties in estimating rin by fitting spectra. The effect is
clearly visible even for h ∼ 20. Graphs corresponding
to rin = 6 and a = 0.9987 resemble the non-rotating
case (a = 0) quite closely because dragging effects are
most prominent near horizon.

Figure 4 shows the polarization degree and angle
as functions of the observer’s inclination. Again, by
comparing the two cases of different rin one can clearly
recognize that the polarization is sensitive to details of
the flow near the inner disc boundary. Finally, depen-
dence of the polarization degree of overall radiation
(primary plus reflected) on the height of the primary
source and the observer inclination in different energy
ranges is shown in Figures 5–6.

4. CONCLUSIONS

We examined strong-gravity polarization features
in X-rays reflected from accretion discs. In order to
compute directly observable characteristics one has
to combine the primary continuum with the reflected
component. Polarization degree of the resulting sig-
nal depends on mutual proportion of the two com-
ponents and the energy range of observation. Po-
larization properties represent the scattering mech-
anism, source geometry as well as the gravitational
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Figure 6: Net polarization degree of the total (primary plus reflected) signal as a function of µo. The same model is
shown as in the previous figure.

field structure acting on reflected photons. New gen-
eration photoelectric polarimeters in the focal plane of
large area optics, such as those foreseen for Xeus, can
probe polarization degree of the order of one percent
in bright AGN, making polarimetry, along with timing
and spectroscopy, a tool for exploring the properties
of the accretion flows in the vicinity of black holes.
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Iron Fluorescent Line Emission from Black Hole Accretion Disks with
Magnetic Reconnection-Heated Corona

N. Kawanaka & S. Mineshige
Yukawa Institute for Theoretical Physics, Kyoto University, Kyoto 606-8502, Japan

We investigate the iron Kα fluorescent line produced by hard X-ray photons from magnetic reconnection-heated
corona. In our model, X-ray photons are efficiently produced in the corona, irradiate the underlying disk, and
drive iron fluorescence in the disk. We find the local emmisivity of iron line on the disk is approximated as
FKα(r) ∝ r

−5. The profile derived from this model gives an excellent fit to the observational data of MCG-6-
30-15 with the profile derived theoretically for i = 29.4◦.

1. INTRODUCTION

Iron Kα line is one of the most useful probe of the
vicinity of the black hole. It may be produced by X-
ray irradiation on cold iron atoms in an optically thick
accretion disk. Although the line width is intrinsically
small, the line profile is broadened by Doppler effects,
and distorted by relativistic beamings and gravita-
tional redshifts, since the material is orbiting at high
velocity in a strong gravitational field. So it is ex-
pected that we can get some information about the
gravitational field and the accretion flow close to the
central black hole from the shape of iron line profile
(for comprehensive review, see [3]; [11]).

In many previous studies, the relativistic effects
that distort the iron line profile have been computed
in detail. Most of them, however, used very simpli-
fied models of iron line emissivity distribution. Some
authors assumed a point source above the disk whose
position and luminosity vary with time, and some au-
thors adopted a power-law emissivity distribution on
the disk. Although one can reconstruct the observed
iron line profiles and its time variability with these
models, little can be known regarding the fundamen-
tal physics which describes the origins of X-ray irra-
diation in the black hole accretion disk system.

In this study, we adopt the corona model in which
the magnetic flux loop emerging from the disk re-
connects with other loops and heat the corona to a
temperature around 109K [8]. The advantage of this
model is that one can compute the iron line profile
without any adjustment of free parameter but a black
hole mass M and an accretion rate Ṁ . We assume
that the iron line emissivity distribution on the disk
is determined by the X-ray continuum emission in the
corona right above the point of interest.

2. MODEL

We consider the disk-corona model constructed
in [8], in which the corona is assumed to be plain-
parallel and to be coupled tightly with underlying
Shakura & Sunyaev disk [12]. Magnetic flux loops

generated in the disk emerge into the corona by the
magnetic buoyancy, and reconnect with other loops.
As a result, the magnetic energy in the loops is re-
leased in the corona as thermal energy. This coronal
heat is cooled down by Compton scattering and thus
the energy balance in the magnetic flux tube is at-
tained.

B2

4π
VA ≈

4kBT

mec2
nσT lcUrad, (1)

where B, VA, T, l, Urad are the magnetic field strength,
the Alfvén speed, the coronal temperature, the scale
height of the corona (=the length of the magnetic
loop), and the soft photon field to be Compton scat-
tered, respectively.

If the density of corona is not high enough for
Compton cooling, heat is conducted by electrons from
the corona to the chromosphere, which is dominantly
cooled down by evaporation of plasma in the disk
(see [7]) .

k0T
7/2

l
≈

γ

γ − 1
nkT

(

kT

mH

)1/2

, (2)

where k0 ≈ 10−6ergs cm−1 s−1 K−7/2, γ = 5/3.
Moreover, we assume equipartition of gas energy

and magnetic energy in the disk,

β ≡
ndiskkTdisk

B2/8π
∼ 1 (3)

(although the results are not sensitive to β-values).
These equations determine the temperature and

density in the corona as a function of energy densities
of the magnetic field and seed radiation field. How-
ever, it is not sufficient to substitute the results into
Shakura-Sunyaev disk model; we have to take into
account the back reaction due to the energy transfer
from the disk to the corona by magnetic reconnection.
Defining f as the fraction of accretion energy released
in the reconnected magnetic corona,
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Figure 1: Coronal quantities along distance for M = 108M� and Ṁ = 0.1ṀEdd. The coronal temperature is around
109K and density around 109cm−3. y∗ = (4kT/mc2)λτnσT l is the effective Compton y parameter of the corona.

f ≡
Fcor

Ftot

=
B2

4π
VA

[

3GMṀ

8πr3

(

1 −

√

3rS

r

)]

−1

, (4)

Liu et al. [8] found that in the expression of disk quan-

tities, such as pressure and Urad, Ṁ should be replaced
by (1−f)Ṁ . With this modification, the coronal tem-
perature and density can be derived.

With these assumptions, we can derive the equa-
tions which concern the fraction of accretion energy
dissipated in the corona f , which has been treated
as a fitting parameter in previous disk corona models.
For a gas pressure-dominant disk, the soft photon field
is dominated by the reprocessed coronal radiations,
Urad ≈ 0.4UB , (see [5])where UB is the magnetic field
energy density.

Then we get an equation,

f = 4.70 × 104(1 − f)11/10α
−99/80

0.1 β
−11/8

1 m
11/80

8

× (ṁ0.1φ)
1/10

r
−81/160

10 l
3/8

10 , (5)

where φ ≡ 1−(R∗/R)1/2 and R∗ is taken to be the last
stable orbit 3RS; and α−1, β, m8, ṁ−1, r10, l10 are
the viscous coefficient, the plasma beta, the black hole
mass, the accretion rate, the distance, the length of
the magnetic loop in units of 0.1, 1, 108M�, 0.1ṀEdd,
10RS, 10RS, respectively.

By solving equation (5) for f for a given black hole
mass and accretion rate, we can calculate the coro-
nal quantities (as well as the disk quantities) at any
distances.

Figure 1 shows the coronal structures along dis-
tance for M = 108M� and Ṁ = 0.1ṀEdd. The
coronal temperature is ∼ 109K and the density is

∼ 109cm−3. In such corona, continuum X-ray pho-
tons are efficiently produced via inverse Comptoniza-
tion, and part of them are upscattered and escape
from the disk-corona system. The emergent spectrum
produced by such photons were calculated from Monte
Carlo simulations in [7]. They showed that the X-ray
specral indices of the calculated spectrum between 2
and 20 keV are around 1.1, which are close to that of
the observed spectra of Seyfert galaxies and QSOs.

On the other hand, there are also some photons
which are backscattered in the corona and do not es-
cape the disk-corona system. They impinge the under-
lying disk and drive iron line fluorescence in it. Given
such a condition, we can calculate the line profile from
this disk-corona system.

3. COMPUTATIONS AND RESULTS

For deriving the iron fluorescence emission law on
the disk, it is necessary to derive the X-ray spec-
trum constructed by the photons downscattered in the
corona. Since the coronal properties were determined
by [8] and [7], we can calculate the illumination spec-
trum on each radial grid of the disk by Monte Carlo
simulations. We make use of the semi-analytical ex-
pression derived by George & Fabian [? ], and derive
the fluorescent line emissivity on the disk as the func-
tion of radius.

Figure 2 shows the radial dependence of the iron line
photon flux on the disk. This profile can be fitted to
a power-law ∝ r−β with β ∼ 4 − 5 down to r/rS ≈ 6.

To calculate the iron line profile from a given line
emissivity law, we use the ray-tracing method [9] and
take into account general relativistic energy shift in
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Figure 2: The iron line emissivity profiles on the disk for M = 108M� and Ṁ = 0.1ṀEdd. The profile can be fitted
with the power-law ∝ r−5. This dependence is the same for different black hole mass or mass accretion rate.

calculating the line intensity. In our model, the pa-
rameters we can vary are the black hole mass, the mass
accretion rate, and the inclination angle. In fact, how-
ever, the calculated line profiles are not so sensitive to
the first two parameters. With this reason, we show
the line profiles for various viewing angles for fixed M
and Ṁ .

Figure 3 displays the best-fit profile of MCG-6-30-
15 observational data [13]. One can excellent agree-
ment between an observed profile and a theoretically
calculated profile, especially in their red wing, for the
viewing angle of 29.4◦.

Although there are many previous results which
agree with the data, this is the first calculation assum-
ing no adjustable parameters regarding the emissivity
distribution. This coincidence strongly supports our
view of magnetic reconnection-heated corona.

4. DISCUSSION AND CONCLUSION

Using Monte Carlo simulation, we derive the X-ray
irradiation from magnetic reconnection-heated corona
onto the underlying disk, and find that the iron line
emissivity on the accretion disk is approximately pro-
portional to r−5 where r is the distance from the cen-
tral black hole.

As derived in [8], the fraction of accretion energy
dissipated into the corona is almost unity. In the stan-
dard model, the energy flux from the accretion disk is
roughly proportional to r−3, so one would naively ex-
pect that the coronal illumination energy on the disk
is also proportional to r−3. So how could such a steep
emissivity profile be derived?

The answer to this question is obvious from the
behavior of Compton y-parameter, which is approx-
imately proportional to r−1. The inward increase of

y can be understood in this way; the coronal temper-
ature T and density n increase inward since in the
inner region the coronal heating and chromospheric
evaporation is more active than in the outer region.
Now y = 4kBTnσl/(mec

2), so y also increases inward.
In an optically thin corona, the spectral index can be
expressed as α = (9/4 + 4/y)1/2 − 3/2. Hence the
spectrum of coronal radiation gets flatter as the dis-
tance from the black hole gets smaller. As a result,
the fraction of photons whose energy are high enough
to drive iron fluorescence decreases outward. Such ef-
fect results in a steep line emissivity profile on the
disk, and makes the red wing of an iron line profile
prominent.

MCG-6-30-15 also showed a very broad iron line
profile which had a significant red tail extending to
∼ 2keV [6]. Wilms et al. [14] concluded that, to ac-
count for such a broad line profile, the line emissiv-
ity profile should be as steep as a power-law ∝ r−β

with β ∼ 4 − 5. Some authors speculate that such
a steep emissivity is the evidence of the extraction
of rotation energy from the central black hole by
Blandford-Znajek process [1]. Our model can repro-
duce a emissivity profile which is roughly proportional
to r−5 without assuming any peculiar X-ray illumina-
tion process, and there are only two free parameters;
M and Ṁ . Besides, in order to explain extremely ex-
tended red wing in the iron line profile, it may be
necessary to assume the disk around a Kerr black
hole [2]. However, in the case of Kerr spacetime, we
can construct the corona model with a relativistic disk
model [10] and our model may have a great advantage
in fitting the data because of the steep emissivity law
derived from it.
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Figure 3: Best-fit iron line profile for the time-averaged line of MCG-6-30-15. The viewing angle is 29.4◦.
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Force-Free Magnetosphere of an Accreting Kerr Black Hole
Dmitri A. Uzdensky
Princeton University, Princeton, NJ 08540, USA

I consider a stationary axisymmetric force-free degenerate magnetosphere of a rotating Kerr black hole sur-
rounded by a thin Keplerian in¯nitely-conducting accretion disk. I focus on the closed-¯eld geometry with a
direct magnetic coupling between the disk and the event horizon. I ¯rst present a simple physical argument that
shows how the black hole’s rotation limits the radial extent of the force-free link. I then con¯rm this result by
solving numerically the general-relativistic force-free Grad–Shafranov equation in the magnetosphere, using the
regularity condition at the inner light cylinder to determine the poloidal current. I indeed ¯nd that force-free
solutions exist only when the magnetic link between the hole and the disk has a limited extent on the disk
surface. I chart out the maximum allowable size of this magnetically-connected part of the disk as a function of
the black hole spin. I also compute the angular momentum and energy transfer between the hole and the disk
that takes place via the direct magnetic link. I ¯nd that both of these quantities grow rapidly and that their
deposition becomes highly concentrated near the inner edge of the disk as the black hole spin is increased.

1. Introduction

This paper is a short version of the full article [13].

Magnetic ¯elds play a crucial role in both the dy-
namics and the energetics of accretion °ows onto black
holes, which makes it important to understand the
global structure of an accreting black hole magneto-
sphere.

Conceptually, one can think of two basic types of
magnetic-¯eld geometry. The ¯rst type is the open-
¯eld con¯guration responsible for the Blandford–
Znajek mechanism for powering AGN jets [1]. In this
con¯guration there is no direct magnetic link between
the hole and the disk: all the ¯eld lines are open and
extend from the black hole and from the disk to in¯n-
ity. The open magnetic ¯eld extracts the rotational
energy and angular momentum from a spinning black
hole and transports them outward to power a jet. A
similar process also works for the ¯eld lines connected
to the disk.

Recently, there’s been a rising interest in a di®erent,
namely, closed-¯eld con¯guration (Figure 1), charac-
terized by a direct magnetic coupling between the hole
and the disk [2–13]. Here, energy and angular momen-
tum are directly exchanged between the hole and the
disk via the magnetic ¯eld. This exchange governs
the spin evolution of the black hole [8–10] and also
has a strong e®ect on the energy dissipation pro¯le
in the disk, which leads to important observational
consequences [6, 7]. In order to understand any of
these processes, however, one needs to have a good
picture of the structure of the magnetic ¯eld. Whereas
there have been some numerical studies of open-¯eld
force-free con¯gurations [15–19], the structure of the
closed-¯eld magnetosphere have remained essentially
unexplored, with the exception of my recent work on
the Schwarzschild case [12]. This provides the moti-
vation for my present study [13].

Figure 1: Schematic drawing of a fully-closed black hole –

disk magnetosphere. Energy and angular momentum are

exchanged between the hole and the disk through a

direct magnetic link.

2. The Model

The main goal of this work is to determine the
structure of the coupled disk–black hole magneto-
sphere under the following assumptions: 1) everything
is axially-symmetric and stationary; 2) the magneto-
sphere is force-free and in¯nitely-conducting; 3) the
disk is in¯nitely conducting, thin, and Keplerian.

The structure of such a magnetosphere is governed
by the generally-relativistic force-free Grad–Shafranov
(e.g., [14, 20]) for the poloidal °ux function Ψ (in
Boyer-Lindquist coordinates):

∇ ·
µ

α

$2

[

1 ¡ ∆2$2

α2

]

∇Ψ

¶

+

∆

α

dF

dΨ
(∇Ψ)2 +

1

α$2
II ′(Ψ) = 0 . (1)

Here, α is the lapse function, $ is the cylindrical ra-
dius, F (Ψ) is the ¯eld-line angular velocity, ∆ =
F ¡ω, where ω is the frame-dragging frequency, and
I = I(Ψ) is the poloidal current.
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This equation is very non-trivial, not only because
it’s a non-linear partial di®erential equation, but also
because it involves two, in general nonlinear, functions
of Ψ, namely F (Ψ) and I(Ψ), that somehow need to
be speci¯ed.

In our particular problem, the ¯rst of these func-
tions, F (Ψ), is determined fairly straight-forwardly
from the boundary conditions. Indeed, all the ¯eld
lines threading the hole are also attached to an in-
¯nitely conducting Keplerian disk. Therefore, in
steady state, the angular velocity of any given ¯eld
line Ψ is equal to the Keplerian angular velocity of
this line’s footpoint r0(Ψ) on the surface of the disk:
F (Ψ) = K [r0(Ψ)]. Thus, if a Dirichlet boundary
condition for equation (1) on the disk surface is spec-
i¯ed as Ψ = Ψd(r), one can invert Ψd(r) and obtain
an explicit expression for F (Ψ).

The poloidal current I(Ψ), on the other hand, can-
not be determined as easily, since there is no surface
on which one can just explicitly prescribe I(Ψ). In-
stead, one has to use an indirect procedure that makes
use of the regularity condition at the inner light cylin-
der. Indeed, as has ¯rst been noticed by Znajek [21]
and by Blandford & Znajek [1], any rotating ¯eld line
going into the hole has to pass through an inner Light
Cylinder (LC), just as any rotating ¯eld line going
out to in¯nity has to pass through an outer LC. The
light cylinder is de¯ned as the surface where the ro-
tational velocity of ¯eld lines, as measured by a local
Zero-Angular-Momentum Observer (ZAMO), is equal
to the speed of light and where E = Bpol in the ZAMO
frame:

α = αLC = |∆|$ , (2)

(in our problem, this inner LC is not at all a cylinder
but rather an almost spherical surface between the
event horizon and the boundary of the ergosphere).
As one can easily see, the LC is a regular singular
surface of equation (1). This means that, in general,
this equation admits solutions that are not continuous
or continuously di®erentiable at r = rLC(µ). That is,
the regularity of the solution at the LC does not fol-
low from the equation automatically, but has to be
imposed as an additional physical condition. And it
is precisely this condition that one can use to uniquely
¯x the function I(Ψ)! Actually doing this numerically
requires an iterative approach in which I(Ψ) is evolved
together with Ψ(r, µ) until a regular solution of equa-
tion (1) is obtained. This is very similar in spirit to
the procedure used by Contopoulos et al. [22] in their
study of a force-free magnetosphere of an axisymmet-
ric pulsar (see also [12, 23]). One essential compli-
cation in the black hole case is that the ¯eld lines
rotate di®erentially and hence the actual location and
shape of the LC are not known a priori. Therefore,
one cannot set up the computational grid in a manner
convenient for treating the LC regularity condition; in
general, the LC sweeps through the grid until the ¯nal

solution is achieved and so one has to actually evolve
rLC(µ) dynamically during the iteration procedure.

Now let me discuss the role of the black hole event
horizon, α = 0. The event horizon is also a regular
singular surface of the Grad-Shafranov equation (1).
This is a very important observation; in particular, it
means that one cannot, and indeed need not, provide
any additional independent boundary condition here.
Instead, one should impose the condition of regularity
of the solution at the horizon. This condition can be
actually obtained by simply setting α = 0 in equa-
tion (1), with the following result, commonly known
as Znajek’s event-horizon boundary condition [21] (see
also [14]):

I[Ψ0(µ)] =
2MrH sin µ

½2
∆

dΨ0

dµ
, r = rH , (3)

where Ψ0(µ) ≡ Ψ(r = rH , µ) is the horizon magnetic
°ux distribution. In fact, this condition is what the
fast magnetosonic critical condition becomes in the
limit when the plasma density is taken to zero and the
fast magnetosonic surface approaches the horizon [19,
20, 24]. The signi¯cance of condition (3) is that it can
be used to determine the magnetic °ux distribution
Ψ0(µ) at the horizon provided that the functions I(Ψ)
and (Ψ) are already known.

3. Main Effect: Disruption of the
Hole–Disk Coupling by The Black Hole’s
Rotation

Another reason the event horizon regularity condi-
tion is very important is that it enables us to arrive
at a very important e®ect limiting the maximal possi-
ble spatial extent of a direct force-free magnetic link
between a rotating black hole and a conducting Kep-
lerian disk. Here I present the basic physical reason
for this e®ect (con¯rmed by the numerical simulations
presented in the next section).

First, let us suppose that a force-free con¯guration
of Figure 1, where all the ¯eld lines attached to the
disk at arbitrarily large radii thread the event hori-
zon, does indeed exist. Then let us consider the polar
region of the black hole, r = rH , µ → 0, and suppose
that near the rotation axis the °ux Ψ0(µ) behaves as
a power law: Ψ0 » µγ (the most natural choice be-
ing Ψ0 » µ2). Next, note that the ¯eld lines thread-
ing the horizon in this polar region connect to the
disk at some very large radii, r0(Ψ) À rH . For suf-
¯ciently small Ψ, and hence su±ciently large r0(Ψ),
the Keplerian angular velocity is small, and therefore
F (Ψ) is much smaller than the black hole rotation
rate H = a/2rH , so that ∆ ≈ ¡H = const. Then,
from the event horizon regularity condition (3) it fol-
lows that I(Ψ) » ¡HΨ » ¡aΨ, as Ψ → 0, and
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so

II ′(Ψ → 0) » a2Ψ . (4)

Now, if we look at the force-free balance on the same
¯eld lines but far away from the black hole, at dis-
tances comparable with the footpoint radius, we can
estimate the linear term on the left-hand-side of the
Grad–Shafranov simply as Ψ/r2. We see that both
the left-hand side and the right-hand side given by
equation (1) scale linearly with Ψ but the left-hand
side has an additional factor » r¡2. Thus, at suf-
¯ciently large distances this term becomes negligible
when compared with the II ′(Ψ)-term given by (4). In
other words, the toroidal ¯eld produced in the polar
region of the horizon by the black hole dragging the
¯eld lines is too large to be con¯ned by the poloidal
¯eld tension at large enough distances. In fact, this ar-
gument suggests that the maximal radial extent Rmax

of the region on the disk connected to the polar region
of a Kerr black hole should scale as Rmax » rH/a in
the limit a → 0. In the Schwarzschild limit a → 0,
this maximal distance goes to in¯nity and hence a
fully-closed force-free con¯guration can exist at arbi-
trarily large distances, in agreement with my previous
conclusions [12].

To sum up, even though the ¯eld lines can, to a cer-
tain degree, slip through the horizon because the lat-
ter is e®ectively resistive in the language of the Mem-
brane Paradigm [25], in some situations the horizon
is just not resistive enough! Indeed, the ¯eld lines are
”dragged” by the rotating black hole to such a de-
gree that, in order for them to slip through the hori-
zon steadily, they must have a certain, rather large
toroidal ¯eld component. When, for ¯xed disk bound-
ary conditions, the black-hole spin parameter a is in-
creased beyond a certain limit amax, this toroidal ¯eld
becomes so large that the poloidal ¯eld tension is no
longer able to contain its pressure at large distances.

4. Numerical Results

In order to verify the proposition put forward in
the preceding section, I have performed a series of
numerical calculations and obtained solutions of the
force-free Grad–Shafranov equation for various values
of two parameters: the black-hole spin a and the ra-
dial extent Rs of the magnetic link. In this section I
describe the computational set-up of the problem and
present the main numerical results.

The simplest axisymmetric closed-¯eld con¯gura-
tion one could consider is that shown in Figure 1,
where all magnetic ¯eld lines connect the disk and the
hole. Furthermore, the entire event horizon and the
entire disk surface participate in this magnetic link-
age; in particular, the ¯eld lines threading the horizon
very close to the axis µ = 0 are anchored at some very

R sinr

separatrix

closed field lines

open field lines

Figure 2: Schematic drawing of a black hole – disk

magnetosphere with a radially-limited magnetic

connection. Here, only the inner part of the disk is

coupled magnetically to the hole (closed ¯eld region),

whereas the ¯eld lines attached to the outer part of the

disk are open and extend to in¯nity.

large radial distances in the disk. However, as follows
from the arguments presented in § 3, a steady-state
force-free con¯guration of this type can only exist in
the case of a Schwarzschild black hole. This is in ac-
cord with my simulations, as I was not able to obtain
a convergent solution even for a Kerr black hole with
the spin parameter as small as a = 0.05.

From the discussion in § 3, we expect that, for a
given value of a, the magnetic link between the polar
region of the black hole and the disk cannot extend to
distances on the disk larger than a certain Rmax(a).
Although the actual dependence Rmax(a) should de-
pend on the details of the problem, there are some
general properties that it should have; in particular,
one expects Rmax to be a monotonically decreasing
function of a and to be inversely proportional to a in
the limit a → 0.

In order to test this picture and to determine the
actual functional shape of Rmax(a), I modi¯ed the ba-
sic geometry of the con¯guration by allowing for two
distinct regions: the region of closed ¯eld lines con-
necting the black hole to the inner part of the disk
r < Rs, and the region of open ¯eld lines extending
from the outer part of the disk all the way to in¯n-
ity (see Fig. 2). Thus, there is a critical ¯eld line,
Ψs ≡ Ψd(Rs) < Ψtot, that separates open ¯eld lines
(Ψ < Ψs) from the closed ¯eld lines (Ψs < Ψ < Ψtot)
connecting to the black hole (I count the poloidal °ux
on the disk surface from the radial in¯nity inward).
Correspondingly, the poloidal °ux on the black hole
surface varies from Ψ = Ψs at the pole µ = 0 to
Ψ = Ψtot at the equator µ = ¼/2.

Let me now describe the computational domain and
the boundary conditions. First, because of the as-
sumed axial symmetry and the symmetry with respect
to the equatorial plane, I performed the computations
only in one quadrant: µ ∈ [0, ¼/2] and r ∈ [rH ,∞].
Thus, there are four boundaries: the axis µ = 0, the
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in¯nity r = ∞, the equator µ = ¼/2, and the horizon
r = rH . Of these, the axis and the equator require
boundary conditions for Ψ, whereas the horizon and
the in¯nity are actually regular singular surfaces and
so one can only impose regularity conditions on them.

The boundary condition on the axis is simply

Ψ(r, µ = 0) = Ψs = const . (5)

The equatorial boundary, µ = ¼/2, actually con-
sists of two parts: the in¯nitesimally thin disk and
the plunging region between the inner edge of disk,
rin = rISCO(a), and the black hole. On the disk sur-
face, r > rin, I impose a Dirichlet-type boundary con-
dition:

Ψ(r > rin, µ = ¼/2) ≡ Ψd(r) = Ψtot

rin

r
. (6)

In the plunging region, rH · r · rin, I set

Ψ(rH · r · rin, µ = ¼/2) = Ψtot ≡ Ψd(rin) = const .
(7)

This choice appears to be physically appropriate for an
accreting disk, because the matter in this region falls
rapidly onto the black hole and stretches the magnetic
loops in the radial direction, greatly diluting the ver-
tical ¯eld component. The horizontal magnetic ¯eld
reverses across the plunging region, which is therefore
represented by an in¯nitesimally thin non-force-free
current sheet.

Next, as I have discussed in § 2, the event horizon
is a regular singular surface of the Grad–Shafranov
equation and so I impose the regularity condition (3)
there. This condition is an ordinary di®erential equa-
tion that determines the function Ψ0(µ) provided that
both F (Ψ) and I(Ψ) are given. Thus, from the pro-
cedural perspective, it can be viewed as a Dirichlet
boundary condition on the horizon.

Similarly, the spatial in¯nity r = ∞ is also a regular
singular surface of the Grad–Shafranov equation and
thus can also be described by a regularity condition.
In this sense, the horizon and the in¯nity are equiva-
lent [26]. In the particular problem set-up considered
here, I set F (Ψ) = 0 and I(Ψ) = 0 on the open
¯eld lines going from the disk to in¯nity (see below).
Then the Grad–Shafranov equation at large distances
is greatly simpli¯ed and the in¯nity regularity condi-
tion yields

Ψ(r = ∞, µ) = Ψs cos µ . (8)

In addition to boundary conditions, one has to
specify the angular velocity F (Ψ) of the magnetic
¯eld lines, which in principle should be equal to the
Keplerian angular velocity in the disk: F (Ψ) =

K [r0(Ψ)] =
√

M/(r
3/2

0
+ a

√
M). However, for sim-

plicity I set F (Ψ) ≡ 0 for the open ¯eld lines ex-
tending to in¯nity, Ψ < Ψs. This way I don’t
have to deal with the outer light cylinder that these

 0

 0.2

 0.4

 0.6

 0.8

 1

 0  0.1  0.2  0.3  0.4  0.5  0.6  0.7

s tot  r  / R sin

�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������

�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������
�������������������������������������������������������������������

a

allowed

Ψ  =  Ψ
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Figure 3: The 2-D parameter space (a, Ψs). The shaded

band running diagonally across the plot represents the

function amax(Rs), the maximal value of a for which a

force-free magnetic link can extend up to a given radial

distance Rs on the disk.

lines would have to cross; correspondingly, I also set
I(Ψ < Ψs) ≡ 0. In other words, I assume that the
outer, open-¯eld portion of the disk is not rotating
and that the open-¯eld part of the magnetosphere at-
tached to it is potential. Next, in order to avoid the
discontinuities in F (Ψ) and I(Ψ) at Ψ = Ψs, I mod-
ify the disk rotation law slightly just inside of Rs by
taking F smoothly to zero over a small vicinity of the
separatrix. These modi¯cations enabled me to focus
on examining the e®ect of the black hole rotation on
the maximal allowable radial extent Rs of the force-
free magnetic coupling, while avoiding the numerical
di±culties resulting from the discontinuous behavior
of I(Ψ), etc. I believe that these modi¯cations do
not lead to any qualitative change in the conclusions,
especially in the case of small a.

The single most important result of my calculations
is presented in Figure 3. This ¯gure shows where
in the two-dimensional (a,Ψs) parameter space force-
free solutions exist. Filled circles on this plot repre-
sent the runs in which convergence was achieved (al-
lowed region), whereas open circles correspond to the
runs that failed to converge to a suitable solution (for-
bidden region). The boundary amax(Ψs) between the
allowed and forbidden regions is located somewhere
inside the narrow hatched band that runs from the
lower left to the upper right of the Figure. As one
can see, amax(Ψs) is a monotonically increasing func-
tion and it indeed scales linearly with Ψs and hence
inversely with Rs » 1/Ψs, in the limit Ψs → 0, in full
agreement with the arguments of § 3.

In order to study the e®ect that the black hole spin
has on the solutions, I concentrate on several values
of a for a ¯xed value of Ψs. In particular, I choose
Ψs = 0.5, which corresponds to Rs = 2rin(a), and
consider four values of a: a = 0, 0.25, 0.5, and 0.7.
Figure 4 shows the contour plots of the poloidal mag-
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a=0.7

a=0.25

Ψ   =   0.5  Ψ 

a=0.0

open total

a=0.5

Figure 4: Contour plots of the magnetic °ux function

Ψ(r, θ) for a = 0.0, 0.25, 0.5, and 0.7; the total open °ux

is Ψs = 0.5Ψtot in all cases, corresponding to Rs = 2rin.

netic °ux for these four cases. One can see that al-
though the °ux surfaces in°ate somewhat with in-
creased a, this expansion is not very dramatic, even
in the case a = 0.7, which is very close to the crit-
ical value amax(Ψs = 0.5) at which a sudden loss of
equilibrium occurs.

After the solutions have been obtained, one can
compute the rate of exchange of energy and angular
momentum between the black hole and the disk. Ac-
cording to [14], the amount of angular momentum ∆L
transported out in a unit of global time t through a
°ux tube between Ψ and Ψ + ∆Ψ is ¡I(Ψ)∆Ψ/2 and
the red-shifted power is ¡I(Ψ)F (Ψ)∆Ψ/2. Then,
since in our problem we have an explicit mapping (6)
between Ψ and r, we can obtain the radial distri-
butions of the deposition of angular momentum and
red-shifted energy on the disk. Figures 5 and 6 show
these distributions for our selected cases a = 0.25, 0.5,
and 0.7 for ¯xed Ψs = 0.5. We see that in the case
a = 0.25 there is a corotation point rco on the disk
such that disk > H inside rco and disk < H out-
side rco. Correspondingly, both angular momentum
and red-shifted energy °ow from the inner (r < rco)
part of the disk to the black hole and from the hole
to the outer (r > rco) part of the disk. At larger
values of a, however, the Keplerian angular velocity
at r = rin is smaller than the black hole’s rotation
rate and there is no corotation point; correspondingly,
both angular momentum and red-shifted energy °ow
from the hole to the disk. Also, as can be seen in
Figures 5 and 6, the deposition of these quantities
becomes strongly concentrated near the disk’s edge,
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especially at higher values of a.
A more detailed description of the numerical model

and of the results is given in [13].

5. Conclusions

I investigated the structure of a force-free magneto-
sphere linking a rotating Kerr black hole to its accre-
tion disk. I assumed that the magnetosphere is sta-
tionary, axisymmetric, and in¯nitely-conducting and
that the disk is thin, ideally conducting, and Kep-
lerian. My main goal was to determine under what
conditions a force-free magnetic ¯eld can connect the
hole directly to the disk and how the black hole rota-
tion limits the radial extent of such a link.

I ¯rst introduced a simple physical argument
demonstrating that magnetic ¯eld lines connecting the
polar region of a spinning black hole to arbitrarily re-
mote regions of the disk cannot be in a force-free equi-
librium. The basic reason for this is that these ¯eld
lines would have to have a substantial toroidal mag-
netic ¯eld component, which, in the language of the
Membrane Paradigm [25], is needed for the ¯eld lines

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2109



to slip resistively across the stretched event horizon.
In a force-free magnetosphere, toroidal °ux spreads
along the lines to keep the poloidal current constant
along the ¯eld. Then one ¯nds that the outward pres-
sure of this toroidal ¯eld is too large to be con¯ned by
the poloidal ¯eld tension at large distances from the
hole. These means that these ¯eld lines cannot be in a
force-free equilibrium. Furthermore, one can general-
ize this argument to the case of closed magnetospheres
of ¯nite size and derive a conjecture that the max-
imal radial extent Rmax of the magnetically-coupled
region on the disk surface should scale inversely with
the black hole spin parameter a in the limit a → 0.

I have then obtained numerical solutions of the
general-relativistic force-free Grad–Shafranov equa-
tion that governs the system’s behavior. To do this,
I had to devise an iterative procedure that used
the inner light cylinder regularity condition to deter-
mine the poloidal current I(Ψ) and the shape of the
light cylinder simultaneously with calculating the so-
lution Ψ(r, µ). I performed a series of computations
corresponding to various values of two parameters:
the black hole spin a and the magnetic link’s radial
extent Rs on the disk surface. I was able to chart out
the boundary amax(Ψs) between the allowed and the
forbidden domains in the two-parameter space (a,Ψs).
I found that this is a monotonically rising curve with
the asymptotic behavior amax ∝ Ψs as Ψs → 0, in line
with the predictions of § 3. I also computed the angu-
lar momentum and red-shifted energy exchanged mag-
netically between the hole and the disk. I found that
both of these quantities grow rapidly and that their
deposition becomes highly concentrated near the inner
edge of the disk as the black hole spin is increased.

Finally, note that, in the case of an open or
partially-open ¯eld con¯guration responsible for the
Blandford–Znajek process, one has to consider mag-
netic ¯eld lines that extend from the event horizon out
to in¯nity. Since these ¯eld lines are not attached to a
heavy, in¯nitely-conducting disk, their angular veloc-
ity F (Ψ) cannot be explicitly prescribed; it becomes
just as undetermined as the poloidal current I(Ψ) they
carry. Fortunately, however, these ¯eld lines now have
to cross two light cylinders, each of which being a sin-
gular surface of the Grad–Shafranov equation. There-
fore, one can impose corresponding regularity con-
ditions on both of these two surfaces and use them
in some coordinated, self-consistent manner to deter-
mine the two free functions (Ψ) and I(Ψ) simulta-

neously as a part of the overall iterative scheme.

This research was supported by the National Sci-
ence Foundation under Grants Nos. PHY99-07949
and PHY-0215581.
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Coronal Electron Scattering of Hot Spot Emission Around Black Holes
Jeremy D. Schnittman
Massachusetts Institute of Technology, Cambridge, MA 02139, USA

Using a Monte Carlo ray-tracing code in full general relativity, we calculate the transport of photons from a
geodesic hot spot emitter through a corona of hot electrons surrounding a black hole. Each photon is followed
until it is either captured by the black hole or is detected by a distant observer. The source is assumed to be a
low-energy thermal emitter (Tem ∼ 1 keV), isotropic in the rest frame of a massive geodesic test particle. The
coronal scattering has two major observable effects: the Comptonization of the photon spectrum due to the high
energy electrons, and the convolution of the time-dependent light curve as each photon is effectively scattered
into a different time bin. Both of these effects are clearly present in the Rossi X-Ray Timing Explorer (RXTE)

observations of high frequency quasi-periodic oscillations (QPOs) seen in black hole binaries. These QPOs tend
to occur when the system is in the Steep Power Law spectral state and also show no evidence for significant
power at higher harmonic frequencies, consistent with the smoothing out of the light curve by multiple random
time delays. We present simulated photon spectra and light curves and compare with RXTE data, allowing us
to infer the properties of the corona as well as the hot spot emitter.

1. INTRODUCTION

In recent years, observations of accreting black holes
with the Rossi X-ray Timing Explorer (RXTE) have
discovered a number of sources with high frequency
quasi-periodic oscillations (HFQPOs) in their X-ray
light curves. These sources are seen predominately in
the Steep Power Law (SPL) spectral state, suggesting
a significant level of inverse-Compton scattering of the
emitted photons off of hot coronal electrons (for an
excellent review of the observations, see [7]).

Motivated by these observations, we extend a sim-
ple geodesic hot spot model [11, 12] to include Monte
Carlo scattering of photons emitted isotropically in
the hot spot’s rest frame, which then propagate
through a corona surrounding the black hole. The hot
spot has a planar orbit near the inner-most stable cir-
cular orbit (ISCO) and the corona is modeled with a
self-similar density profile described by the advection
dominated accretion flow (ADAF) model [8].

In Section 2, we describe the physics of classical
electron scattering of unpolarized light, and show how
energy is transferred from high-energy electrons to
low-energy photons. Section 3 shows how this scat-
tering is treated in a relativistic context in the Kerr
metric. Assuming a thermal emitter with Tem = 1
keV, we show in Section 4 how the observed spectrum
is modified by the hot electrons. The shape of this
modified thermal spectrum can in turn be used to in-
fer the properties of the corona.

Section 5 shows the time-dependent effects of scat-
tering on the X-ray light curve, particularly how the
amplitude of modulation is damped for larger optical
depths. Furthermore, we find this damping is more
significant for photons experiencing multiple scatter-
ing events, which tend to have higher energies. We
conclude in Section 6 with a summary of the impli-
cations these results have for the hot spot model for
QPOs.

2. ELECTRON SCATTERING

Following Rybicki & Lightman [10], we use the cross
section for Thomson scattering of unpolarized radia-
tion off of nonrelativistic electrons:

dσT

dΩ
=

r2
0

2
(1 + cos2 θ), (1)

where r0 is the classical electron radius r0 = 2.82 ×
10−13 cm.

It is important to note that “nonrelativistic” is a ref-
erence to the photon energy, not the electron energy.
In the electron rest frame, we require hν � mec

2 in
order for the above cross sections to be valid, in which
case the scattering is nearly elastic or coherent. For
higher energy photons, the scattering involves quan-
tum effects and requires the “Klein-Nishina” cross sec-
tion [5]. Since we are primarily interested in the scat-
tering of photons from a relatively cool thermal ac-
cretion disk (hν ∼ 1 − 5 keV), the classical treatment
should suffice.

Even if the scattering is treated as coherent in the
electron frame, in the lab frame energy can be (and
often is) transferred from the electron to the photon.
To see this boosting effect, consider a photon with
initial energy εi scattering off an electron with velocity
β in the x-direction in the “lab frame” K. In this
frame, the angle between the incoming photon and
electron velocity is θ. In the electron rest frame K ′,
the photon is scattered at an angle θ′ with respect to
the x′-axis. The Doppler shift formula [10] gives

ε′

i = εiγ(1 − β cos θ)

εf = ε′

fγ(1 + β cos θ′), (2)

where γ = 1/
√

1 − β2 and εf is the post-scattering
energy in the lab frame. In the electron frame, we
assume elastic scattering with ε′

i = ε′

f , which should
be the case for the typical seed photons from a thermal
emitter at Tem ∼ 1 keV.
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Averaging over all angles θ (isotropic electron dis-
tribution) and θ′ [weighted by eqn. (1)], we find that
the typical scattering event boosts the photon energy
by

εf

εi

≈ γ2. (3)

To determine γ, we consider a Maxwell-Boltzmann
distribution function in electron momentum p = γmv:

f(p)d3
p ∝ 4πp2 exp

(

−

√

p2c2 + m2
ec

4

kTe

)

. (4)

3. RELATIVISTIC IMPLEMENTATION

Unlike the approach taken in [11], where the pho-
tons were traced backwards in time from a distant ob-
server to the emitting region, here it is conceptually
easier to trace the photons forward in time from the
emitter to the observer, then use Monte Carlo meth-
ods to determine the distribution of scattered photons.
For the Thomson cross section, the path of each pho-
ton is energy-independent, so the photon’s final ob-
served energy can be thought of as a fiducial redshift
Eobs/Eem that can be convolved with the spectrum in
the local emitter frame to produce the total spectrum
seen by the observer.

To determine the initial momentum of each photon,
we construct a tetrad centered on the emitter’s rest
frame, denoted by tilde indices µ̃. In the coordinate
basis, the energy and angular momentum of a particle
on a stable circular orbit around a Kerr black hole are
given by

−pt(em) =
r2 − 2Mr ± a

√
Mr

r(r2 − 3Mr ± 2a
√

Mr)1/2
(5)

and

pφ(em) = ±

√
Mr(r2 ∓ 2a

√
Mr + a2)

r(r2 − 3Mr ± 2a
√

Mr)1/2
. (6)

From these we construct the 4-velocity via the inverse
metric pµ(em) = gµνpν(em), which gives et̃. Then
er̃ and e

θ̃
are defined parallel to the coordinate basis

vectors er and eθ, and e
φ̃

is given by orthogonality.
In this basis, the initial photon direction is picked

randomly from an isotropic distribution, uniform in
spherical coordinates cos θ̃ = [−1, 1] and φ̃ = [0, 2π).
All photons are given the same initial energy in the
emitter frame pt̃ = −E0, which is used as a reference
energy for calculating the final redshift with respect
to a stationary observer at infinity. Given pµ, the
photon’s geodesic trajectory is integrated using the
Hamiltonian formulation described in [11].

Figure 1 shows an “overhead view” of photon tra-
jectories in the plane of the disk, emitted isotropically

Figure 1: Planar photons emitted isotropically in the rest
frame of a massive particle on a circular orbit at the
ISCO. The photon paths are colored according to their
red- or blue-shift in energy with respect to E0 measured
in the emitter’s frame.

by a massive test particle on a circular orbit at the
ISCO of a black hole with a/M = 0.5. The pho-
tons are colored according to their energy-at-infinity
Eobs = E∞ = −pt, either blue- or redshifted with re-
spect to their energy in the emitter frame E0. The rel-
ativistic beaming is done automatically by the Lorentz
boost from the emitter to the coordinate frame, so
the blue photons are clearly bunched more tightly to-
gether, as required by the invariance of Iν/ν3.

At each step along the photon’s path, we determine
the probability of electron scattering according to the
differential optical depth dτes = κesρds. The density ρ
is defined in the “Zero Angular Momentum Observer”
(ZAMO) frame [2] and the opacity κes is given by
the classical cross section quoted above in equation
(1). The scattering is then treated classically in the
electron’s local frame, after which the new photon 4-
momentum is transformed back to the coordinate ba-
sis and the ray-tracing continues along the new tra-
jectory.

4. EFFECT ON SPECTRA

As we showed at the end of the Section 2, one ef-
fect of the coronal scattering is generally a transfer of
energy from the electron to the photon. One way to
quantify this energy transfer is through the Compton
y parameter, defined as the average fractional energy
change per scattering, times the number of scatterings
through a finite medium. For nonrelativistic electrons,
Rybicki & Lightman [10] show that the average energy
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transfer per scattering event is

εf − εi

εi

=
4kTe

mec2
. (7)

The mean number of scatterings for an optically
thin medium is simply τes, the total optical depth
through the medium. For optically thick systems, the
photons must take a random walk to escape, so the
number of scatterings becomes τ2

es. Thus the Comp-
ton y parameter for a finite medium of nonrelativistic
electrons is

y =
4kTe

mec2
Max(τes, τ

2
es). (8)

For a low-energy soft photon source with multiple
scattering events, the final spectrum due to inverse-
Compton scattering can be estimated using the Kom-
paneets equation. For kTem

<
∼ hν <

∼ kTe, the resulting
spectrum takes the power-law form

Iν ∼ ν−α, (9)

with

α =
3

2
+

√

9

4
+

4

y
. (10)

At energies above kTe, the electrons no longer effi-
ciently transfer energy to the photons, so the spectrum
shows a cutoff for hν >

∼ kTe:

Iν ∼ ν3 exp(−hν/kTe). (11)

With the assumption of purely elastic scattering, we
cannot actually reproduce this cutoff effect; all pho-
tons are scattered equally, and the ratio εf/εi is inde-
pendent of energy. Thus equation (7) would predict
infinite energy boosts until hν � mec

2. In reality,
higher energy photons tend to lose energy in scatter-
ing, due to the recoil of the electron. This effect is
relatively easy to calculate from conservation of en-
ergy and momentum in the electron rest frame:

εf =
εi

1 + εi

mec2 (1 − cos θ)
(12)

To accurately include this effect, we would have to
keep track of the real “physical” energy of each pho-
ton, instead of the fiducial redshift method that we
currently use to reconstruct the total spectrum after-
wards. Ultimately, this is just a matter of computa-
tional intensity and no real conceptual difficulty. To
first-order, we can treat the thermal photon source as
a monochromatic emitter at E0 = 3kTem, which gives
a reasonable approximation to the true solution.

For the corona geometry, we use a self-similar distri-
bution described by an ADAF model [8], with density
and temperature profiles that scale as

ρ ∝ r−3/2, (13)

T ∝ r−1 (14)

Figure 2: Simulated observed spectra of a thermal hot
spot emitter with Tem = 1 keV, on a circular orbit at the
ISCO of a black hole with a/M = 0.5. The thermal
spectrum is modified by relativistic effects and Compton
scattering off a hot corona with Te = (rISCO/r)100 keV.

outside of the ISCO. We have ignored the bulk velocity
of the inwardly flowing gas, which will typically have
vbulk � vtherm in the ADAF model.

Without scattering, the time-averaged “numerical”
spectrum could be described by the relativistic trans-
fer function described in [11], defined over an infinites-
imal band in radius Rin ≈ Rout = rem. The inverse-
Compton processes in the corona serve to further
broaden this transfer function, as in [14] and [15]. This
transfer function is then normalized to the rest energy
E0 and convolved with the actual emission spectrum
(e.g. a thermal blackbody at kTem) to give the simu-
lated observed spectrum.

Figure 2 shows a set of these simulated spectra
from a hot spot emitter around a black hole with
a/M = 0.5. The emission spectrum is thermal in
the hot spot rest frame with Tem = 1 keV. The coro-
nal ADAF model has Te = (rISCO/r)100 keV, and
electron density ne ∼ r−3/2 for a variety of opti-
cal depths τes. The spectra are plotted in units of
(#photons/s/cm2/keV), as is the convention by many
observers, but the actual magnitude of the y-axis is ar-
bitrary, and would normally depend on the distance
to the source. From the slope of the power-law and
the location of the cut-off, the corona temperature
and optical depth can be inferred from observations
[3, 4, 9, 13].

5. EFFECT ON LIGHT CURVES

The spectra in Figure 2 were created by integrating
over the complete hot spot orbital period and over
all observer inclination angles. However, during the
Monte Carlo calculation, it is just as simple to bin all
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Figure 3: Time-dependent spectra of a monochromatic, isotropic hot spot emitter on an ISCO orbit with a/M = 0.5
and inclination angle i = 75◦. The four panels show spectrograms for systems of increasing optical depth
τes = [0, 1, 2, 4]. The logarithmic color scale shows the number of photons in each time/energy bin, normalized to the
peak value for each panel.

the photons according to their final values of θ, tobs,
and energy −pt. The latitude bins are evenly spaced
in cos θ so that a comparable number of photons land
in each zone. The energy bins are spaced logarithmi-
cally to include the high energy tail and also maintain
high enough spectral resolution at lower energies. As-
suming the hot spot is on a circular periodic orbit,
the photons detected at any azimuthal position can
be mapped into the appropriate bin in tobs, so that
none are “wasted.”

An excellent way to see the effects of scattering
on the hot spot light curves is by plotting time-
dependent spectra of a monochromatic emitter, shown
in Figure 3 for a range of optical depths and an in-
clination angle of 75◦. The logarithmic color scale
shows (#photons/s/cm2/keV/period), normalized to
the peak intensity in each panel. At “0” phase, when
the emitter is on the far side of the black hole, the
spectrum shows two distinct lines, one blueshifted in
the forward direction of hot spot motion, and one
redshifted in the backward direction. As the hot
spot comes around towards the observer, the directly
beamed blueshifted line dominates, and then when the
phase is ∼ 0.5 and the hot spot is on the near side of
the black hole, a single line dominates. This is due
to the gravitational demagnification of the secondary
images formed by photons that have to complete a
full circle around the black hole to reach the observer.
While these features would most likely be unresolvable
for black hole binaries, they may well be observable in
X-ray flares from Sgr A∗ as well as other supermassive
black holes (e.g. see [1]).

In the subsequent panels, the spectrum is modified
by the scattering of the hot spot photons in the sur-
rounding corona. As in Section 4, the temperature
and density profile of the corona is given by an ADAF
model with Te(rISCO) = 100 keV. The four panels
of Figure 3 show increasing values of τes = [0, 1, 2, 4].
The effects of scattering on the spectra are really quite
profound. As we described qualitatively in [12], the

electron corona is like a cloud of fog surrounding a
lighthouse, spreading out the delta-function beam in
time and energy.

Unlike the simple model there, where each pho-
ton was assigned some positive time delay, the full
Monte Carlo scattering calculation shows that some
photons actually arrive earlier in time by taking a
“shortcut” to the observer instead of waiting for the
hot spot to come around and move towards the ob-
server. And of course, the photons are also spread
out in energy due to the inverse-Compton effects. As
the optical depth increases, the well-defined curves in
Figure 3a is smeared out into a nearly constant blur
when τes = 4, with a broad spectral peak as in Figure
2. Only a slight trace of the original coherent light
curve remains, composed of roughly 1% of the emit-
ted photons that do not scatter before reaching the
observer or get captured by the event horizon. When
τes > 1, multiple scattering become more common,
so photon shortcuts become rarer, tending to spread
the light curve preferentially to the right (delay in ob-
server time), as seen in Figures 3c,d.

By integrating over broad energy bands such as
those typically used in RXTE observations, we can
increase our “signal” strength while sacrificing spec-
tral resolution. For millisecond periods, there will still
not be nearly enough photons to provide phase reso-
lution, but these features may show up statistically
in the power spectrum or bispectrum [6]. Figure 4
shows a set of integrated light curves for a variety of
optical depths. The black hole and hot spot parame-
ters are as in Figure 3, here assuming a thermal hot
spot emitter with temperature Ths = 1 keV. As the
optical depth to electron scattering increases, the rms
amplitude of each light curve decreases as the pho-
tons get smoothed out in time. Similarly, due to the
average time delay added to each photon by the in-
creased path length, the relative location of each peak
is shifted later in time.

In all likelihood, the relative phase shifts would be
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Figure 4: Energy-integrated light curves for a hot spot
with orbital parameters as in Figure 3 and a range of
coronal optical depths. The emitted spectrum is assumed
to be thermal with a hot spot temperature Ths = 1 keV,
integrated over 0.5 − 30 keV in the observer’s frame.

nearly impossible to detect, regardless of the instru-
ment sensitivity, since to do so would require measur-
ing the light curve from a single coherent hot spot at
two different optical depths. It is difficult to imagine
a scenario where the coronal properties could change
on such short time scales (yet it is possible that a fixed
hot spot on the surface of an X-ray pulsar might actu-
ally be used for this technique). However, the higher
harmonic peaks of the different light curves may in
fact be measurable with the next-generation X-ray
timing mission, or under extremely favorable condi-
tions, even with RXTE.

While the absolute peak shifts for hot spot light
curves at different optical depths would probably not
be detectable, the relative shifts of simultaneous light
curves in different energy bands may be observable,
at least on a statistical level with a cross-correlation
analysis. Since the average scattering event boosts
photons to higher energy bands and also causes a net
time delay due to the added geometric path, the light
curves in higher energy bands should be delayed with
respect to the lower energy light curves. A few of the
typical energy bands used for RXTE observations are
(2 − 6), (6 − 15), and (15 − 30) keV. To fully cover
the peak emission from a thermal hot spot at 1 keV,
we expand the lowest energy band in our calculations
to cover (0.5 − 6) keV. The light curves in these three
bands are plotted in Figure 5 for i = 75◦. The low en-
ergy band resembles the unscattered light curve plus a
roughly flat background, while the higher energy light
curves show a much smaller modulation with a signif-
icant phase shift (∼ 0.3 periods) due to the additional
photon path lengths.

Figure 5: Hot spot light curves in a few different RXTE

energy bands (we have expanded the lowest energy band
down to 0.5 keV to include the thermal emission of a hot
spot at Ths = 1 keV). The hot spot inclination is 75◦ and
the coronal properties are as in Figure 3. The optical
depth to scattering is τes = 1.5 in (a) and 2.5 in (b). The
higher energy light curves are made from photons that
have experienced more scattering events, boosting their
energy and delaying their arrival time.

6. IMPLICATIONS FOR QPO MODELS

The original motivation for the application of scat-
tering to the hot spot model was to answer a few im-
portant questions raised by RXTE observations:

• The distinct lack of power in higher harmonics
at integer multiples of the peak frequencies.

• The larger significance of high frequency QPO
detections in the higher energy bands (6-30 keV)
relative to the signal in the lower energy band
(2-6 keV).

• The trend for these HFQPOs to exist predom-
inantly in the Steep Power Law (SPL) spectral
state of the black hole.

Beginning with the final point, it appears to be
quite reasonable that the physical mechanism pro-
ducing the power law region of the spectrum is the

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2111



inverse-Compton scattering of cool, thermal photons
off of hot coronal electrons. The steep power law sug-
gests a small-to-moderate value for the Compton y
parameter, inferred from equation (10), in the range
0.5 <

∼ y <
∼ 10. From equation (8), this suggests either

a small optical depth or a small electron temperature.
To gain insight into which of these two options is more
likely, we need to address the other two observational
clues.

In [12], we first proposed the scattering model as
an explanation for harmonic damping. With the more
careful treatment in this paper, we include not only
the temporal, but also the spatial effects of electron
scattering. The photons originally beamed toward the
observer are now scattered in the opposite direction,
while the photons emitted away from the observer can
now be scattered back to him. This smoothes out the
light curve in time more effectively than the localized
convolution functions used in [12]. At the same time,
the scattering is not completely isotropic [see eqn. (1)],
so some modulation remains. Thus, to maintain a
significant modulation in the observed light curve, we
require a relatively small optical depth, reducing the
smoothing effects of the scattering.

The fact that most HFQPOs appear more signif-
icantly in higher energy bands also points towards
Compton scattering off hot electrons. However, as
the calculations above show (see Fig. 5), with the basic
thermal disk/hot spot model, the light curves actually
have smaller amplitude fluctuations in the higher en-
ergy bands, as these scattered photons get smoothed
out more in time. Furthermore, while the higher har-
monic modes are successfully damped in the scattering
geometry, so is the fundamental peak. Thus, in order
to agree with observations, the hot spot overbright-
ness would need to be much higher than the values
quoted in [11, 12].

Based on these arguments alone, we find it unlikely
that the HFQPOs are coming from a cool, thermal
hot spot getting upscattered by a hot corona. From
the photon continuum spectra of the SPL state, there
appears to be a hot corona with Te ∼ 100 keV, but
as Figure 5a shows, the lowest energy photons, which
presumably do not scatter in the corona, have by far
the greatest amplitude modulations. It is possible
that the relative modulation would appear smaller due
to the added flux from the rest of the cool, thermal
disk, but much of this steady-state emission should
also get scattered to higher energies, further damping
the modulations in the (6 − 30) keV bands.

The high luminosity of the SPL state (also called
the Very High state) suggests that the thermal, slim
disk geometry may not be appropriate here. Per-
haps it is more likely that these cases correspond to
an ADAF model, traditionally associated with very

low or very high accretion rates [8]. Since the ADAF
model cannot radiate energy efficiently, the gas in the
innermost regions will be much hotter than in the slim
disk paradigm. Thus hot hot spots with Ths

>
∼ 5 keV

could be forming inside a small ADAF coronal region,
providing seed photons that are already in the higher
energy bands, and are only moderately upscattered by
the surrounding corona.

Future work will focus on exploring other corona
geometries and applying the Monte Carlo scattering
code to other QPO models in order to better under-
stand the emission processes that describe the SPL
spectral state.
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Runaway Core Collapse and Cluster Survival: Where are the Parent
Clusters of ULXs?

R. Soria
Harvard-Smithsonian Center for Astrophysics, Cambridge, MA 02138, USA

Accreting intermediate-mass black holes (IMBHs) have been proposed as an explanation for ultraluminous X-ray
sources (ULXs). Runaway core collapse inside a massive cluster is a possible mechanism for IMBH formation.
But if so, why are ULXs only rarely found associated with a cluster? We use a simple analytical approximation
to show that rapid core collapse can occur in two physical regimes. For cluster masses ∼ 106M�, an IMBH

may be formed if the collapse timescale is <∼ 3 Myr, as already well known; the parent cluster is expected to
survive. For cluster masses ∼ 105M�, an IMBH may result from a core collapse on even shorter timescales
(≈ 0.5 Myr), when the protocluster is still embedded in optically thick gas. Most clusters in this latter regime
are disrupted “explosively” as soon as the gas is ionized by the OB stars. We speculate that this process may
produce isolated ULXs with masses up to a few 102M�, surrounded by a loose OB association, and perhaps by
a nebula, remnant of the expanding gas from the disrupted protocluster.

1. INTRODUCTION

Various alternative models have been proposed to
explain the nature of ULXs in nearby galaxies. In-
homogeneous accretion flows may allow luminosities
a factor of 10 in excess of the Eddington limit ([1]).
Moderate geometrical beaming ([2]) in the direction of
the observer may boost the observed brightness by an
order of magnitude. Thus, sources with an apparent
isotropic X-ray luminosity up to a few 1039 erg s−1 can
be explained by stellar-mass black holes (BHs) with
masses ≈ 5–15 M�, without the need to invoke new
astrophysical mechanisms. However, these scenarios
become problematic for ULXs with steady apparent
X-ray luminosities > 1040 erg s−1: they require either
strong beaming, such as a relativistic jet pointing to-
wards the observer ([3]; [4]), or a more massive ac-
cretor, with M ∼ 100–1000 M� (IMBHs: [5]). It is
possible that ULXs are a mixture of different classes of
objects. Observational and statistical arguments have
been made against a predominance of beamed sources
([6]). In other cases, circumstantial evidence in favor
of IMBHs has been proposed from X-ray spectral and
timing studies ([7]).

One of the difficulties of the IMBH scenario is how
to introduce a plausible formation mechanism. It
has been suggested that IMBHs could be the rem-
nants of very massive (∼ 1000 M�) zero-metallicity
Population-III stars ([8]). However, this is difficult
to reconcile with the relative abundance of ULXs in
young star-forming regions, especially in starburst and
merging galaxies. Another possibility ([9]) is that at
least some ULXs may be the nuclei of smaller satel-
lite galaxies accreted and tidally disrupted by a larger
host ([10]).

Alternatively, it has been proposed ([11], [12], [13])
that IMBHs could be formed in the dense cores of
massive, young stellar clusters or super star clusters.
Analytical approximations and numerical simulations
have shown that, for a suitable range of cluster masses

and densities, mass segregation and the Spitzer insta-
bility ([14]) can lead to a runaway core collapse on a
timescale shorter than the lifetime of its most massive
stars (≈ 3 Myr). The same simulations also show that
the mass of the collapsing core is ∼ 10−3 times the
total mass of the cluster. Thus, this scenario could
explain the formation of IMBHs with a mass up to
∼ 1000 M�.

The main difficulty of theoretical models invoking
IMBH formation inside a cluster is that, in fact, most
ULXs do not have a bright, massive cluster as their
optical counterpart, apart for few notable exceptions
(e.g., a bright ULX in M 82 is associated with the star
cluster MGG-11: [13]). In some cases, such as the
ULXs in the Cartwheel Galaxy ([15]), the distance is
such that we cannot draw firm conclusions on the sig-
nificance of possible ULX-cluster coincidences. In the
starbursting Antennae Galaxies, most ULXs are dis-
placed by ≈ 300 pc from their nearest star clusters
([16], [17]). In the starburst galaxy NGC 7714, no op-
tical counterparts have been found for the two bright-
est ULXs ([18], [19]): there are no objects brighter
than MV ∼ MB ∼ −9 within a few hundred pc of
the two sources. This rules out young clusters with
masses >∼ 104 M�. In other cases (e.g., in NGC 5408:
[20]; in NGC 5204: [21]; in NGC 4559: [22]; in Holm-
berg IX: [23]) the optical counterpart is thought to be
an individual O or B star.

One explanation for the lack of ULX-cluster associ-
ations is that the accreting systems are runaway bina-
ries ejected from a cluster. However, the kick veloc-
ities required to explain displacements of a few hun-
dred pc would rule out BH masses >∼ 20 M� ([16]).
Hence, the ejection scenario is not consistent with
IMBHs. An alternative possibility is that the par-
ent cluster has already dispersed. Physical mecha-
nisms leading to the expansion and disintegration of
star clusters are tidal disruption, or mass loss via SN
explosions and winds from evolved massive stars (e.g.,
[24]; [25]). However, it is doubtful that these processes
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can entirely dissipate a massive cluster on timescales
as short as ∼ 107 yr.

In this paper, we use simple analytical approxima-
tions to compare the timescale for IMBH formation
with characteristic timescales of cluster evolution. We
show that for some density profiles, the collapse can
already occur during the initial protocluster phase,
when the stars are still embedded in optically-thick
gas. We then show that for a range of masses and
densities, the parent clusters may not survive the em-
bedded phase, leading to the formation of an appar-
ently isolated IMBH.

2. VELOCITIES AND DENSITIES IN A
CLUSTER CORE

A useful definition of relaxation timescale for a clus-
ter of mass M is, from [14]:

tr =
σ3

3

4π(3/2)1/2G2(ln Λ)nm2
, (1)

where σ3 is the three-dimensional velocity dispersion,
n is the number density of stars, m is the average stel-
lar mass and ln Λ is the Coulomb logarithm. For pro-
cesses related to core collapse, we can take the initial
values of these quantities at the cluster center (e.g.,
[11]); we obtain a central relaxation timescale trc:

trc(0) =
33/2σ3

1(0)
4π(3/2)1/2G2(ln Λ)ρ(0)m(0)

, (2)

where ρ(0) is the initial mass density at the core and
σ1(0) is the initial one-dimensional velocity dispersion.
The initial average stellar mass m(0) at the core may
be larger than the average mass over the whole cluster,
if there is initial mass segragation. For simplicity, we
shall assume they are the same.

Assuming for simplicity that the system is virial-
ized, we have an additional relation between density
and velocity dispersion at the cluster center. For the
Plummer model ([26]; [14]),

σ3
3(0) = (1/2)3/2(4π/3)1/2G3/2Mρ1/2(0), (3)

hence

σ1(0) = 0.518G1/2M1/3ρ1/6(0). (4)

Analogous expressions can be derived from the virial
theorem for the King density profiles ([27]). For ex-
ample, for the King model with dimensionless central
potential W0 = 2 ([28]),

σ1(0) = 0.585G1/2M1/3ρ1/6(0), (5)

and

σ1(0) = 0.286G1/2M1/3ρ1/6(0), (6)

for the more centrally concentrated W0 = 9 profile.
We could approximate the Coulomb logarithm

ln Λ ≈ 7–9 for the parameter range of interest here.
More accurately, we use the definition of Λ ([14],
chapter 2), to obtain Λ = 3rhσ2

1/(Gm) ≈ 0.4M/m,
where rh is the half-mass radius. Expressing M ∝
ρ−1/2(0)σ3

1(0), where the proportionality constant de-
pends on the cluster model, we obtain:

Λ = αG−3/2ρ−1/2(0)σ3
1(0)m−1(0). (7)

Here, α = 2.9, 2.5, 17.2 for the Plummer, W0 = 2 and
W0 = 9 King profiles, respectively. As a first-order
approximation, we can also substitute σ3

1(0)m−1(0)
from Eq. 2, so that:

Λ ≈ βtrc(0)ρ1/2(0), (8)

where β = 0.022, 0.015, 0.131 for the three selected
models, respectively (in CGS units).

Finally, it can be shown that

rh(0) = γG−1/2ρ−1/2(0)σ1(0), (9)

where the constant γ = 1.56, 1.17, 13.10 for the three
profiles.

Using Eqs. (2) and (7) one can now plot the cen-
tral velocity dispersion as a function of central den-
sity, for a given central relaxation timescale: σ1(0) =
f [ρ(0); trc(0)]. Using one of Eqs. (4/5/6), one can
plot σ1(0) = g[ρ(0);M ]. From Eq. 9, one can plot
σ1(0) = h[ρ(0); rh(0)]. See also [29], in particular their
Figure 1.4.

3. TIMESCALE FOR CLUSTER
EVOLUTION

Numerical simulations ([11]) for a variety of Plum-
mer and King profiles have shown that the timescale
for core collapse (tcc(0)) in clusters with a broad mass
spectrum is proportional to the central relaxation
timescale, rather than to the relaxation timescale at
the half-mass radius:

tcc(0) ≈ 0.15trc(0), (10)

also in agreement with the simulations of [12]. The
final core mass after the runaway collapse is found to
be ([11]):

Mcc ≈ 0.002M, (11)

which is likely to evolve later into a BH with mass
MBH ≈ 0.001M , via direct collapse or SN explosion.

In the standard treatment, the timescale in Eq. (10)
is compared with the stellar evolution timescale: core
collapse and the subsequent formation of an IMBH
are possible only if tcc(0) <∼ 3 Myr, typical lifetime of
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the most massive stars on the main sequence ([12]).
If the core collapse is not completed after 3 Myr, it
will be stopped by strong mass losses from supergiant
winds and SNe. By imposing this constraint, one can
identify the regions in the (σ1(0), ρ(0)) plane where
core collapse is most likely to occur.

The situation becomes more complicated when the
role of gas in the young clusters is taken into ac-
count. Both from an analytical approximation and
from numerical simulations (e.g., [30], in particular
Figure 1.21) it appears that centrally-concentrated
clusters can achieve core collapse in < 1 Myr. If so,
the runaway merger of the most massive stars occurs
when most stars in the embedded cluster are still sur-
rounded by a spherical cocoon, optically thick to the
ionizing radiation (class 0/I protostars). The lifetime
of a class I phase is ≈ 1–3×105 yr for low-mass proto-
stars (e.g., [31]; [32]; [33]), and probably even longer
for O stars, which spend ≈ 13–15% of their lifetime
(≈ 3–5×105 yr) shrouded by an optically thick cocoon
([34]; [35]). Taking into account that even “instanta-
neous” star formation in a young cluster is in fact
spread out over ∼ a few 105 yr, a young cluster re-
mains embedded in molecular gas for ≈ 0.5-1×106 yr
(e.g., [36]). At these early ages, the remaining cold gas
in the young cluster has a mass at least comparable
to or larger than the mass in stars.

When most of the cocoons dissipate, the cluster gas
is quickly ionized (on a timescale of ∼ 105 yr) by the
Lyman continuum photons emitted by the OB stars,
and reaches a characteristic temperature ≈ 104 K. For
typical densities ∼ 103–106 cm−3, this corresponds to
pressures P/kB ∼ 107–1010 K cm−3, many orders of
magnitude larger than the pressure of the ISM. As a
consequence, the gas in the cluster expands “explo-
sively” with a velocity of order of the sound speed,
v ∼ 10 km s−1 ([37]; [38]). In some young clusters
in the Antennae, gas expansion velocities ≈ 25–30 km
s−1 have been inferred ([39]; [40]).

If the gravitational potential in the cluster is too
shallow, the expanding gas becomes unbound; if the
mass loss >∼ 50%, the whole cluster will dissipate on
the same timescale. As a back-of-the-envelope esti-
mate, this occurs when the gas expulsion speed is
larger than the velocity dispersion at the half-mass
radius: σ3(r = rh) <∼ 10 km s−1 ([37]). For typical
Plummer and King profiles, this corresponds to a cen-
tral velocity dispersion σ1(0) <∼ 15–25 km s−1. A more
accurate calculation of the exact value of the velocity
dispersion threshold depends on the details of the gas
and stellar distribution and is beyond the scope of this
work. For simplicity, we shall take σ1(0) < 20 km s−1

as a condition for cluster disruption, and (conserva-
tively) t = 5 × 105 yr for the lifetime of an embed-
ded cluster. At the same time, clusters have to be
more massive than ∼ 104M� for the explosive disrup-
tion process to occur: smaller clusters do not contain
enough O stars to ionize all the gas.

The analytical approximation outlined in Section 2
did not take into account the role of gas. A simple
way to account for this effect is to substitute the total
cluster mass Mtot = M + Mg ≡ fM for the stellar
mass M in the virial theorem; f depends on the star
formation efficiency and cluster age. For the young
clusters we are dealing with, f ≈ 1.5–3. As a result,
σ1(0) in Eq. (4/5/6) will be multiplied by a factor
f1/3. For example, taking f = 2, we shall plot

σ1(0) = 0.65G1/2M1/3ρ1/6(0) (12)

for the Plummer model, and

σ1(0) = 0.36G1/2M1/3ρ1/6(0), (13)

for the W0 = 9 King profile, where ρ(0) ≡ fn(0)m(0)
is now the total initial central density. With simi-
lar changes we also easily modify the other scaling
relations in Section 2; for example Λ = fM/m ≈
(β/f)trc(0)ρ1/2(0), etc.

4. IMBHs WITH OR WITHOUT THEIR
PARENT CLUSTERS

Putting together the timescale constraints discussed
in Section 2 and 3, we identify two different regions
in the parameter space, relevant to the formation of
IMBHs from runaway core collapse:

• the first regime (region A in Figs. 1–4) is the one
discussed by [12]: core collapse on a timescale
tcc(0) <∼ 3 Myr, inside a super star cluster (mass
∼ a few 105 to a few 106M�), giving rise to a
compact remnant >∼ 500M�. The parent cluster
is massive enough to survive the initial gas ex-
pulsion; it may dissipate later, on much longer
timescales, owing to mass loss in later stages of
stellar evolution, or tidal interactions. Stellar
populations near the brightest ULXs in nearby
star-forming galaxies have typical ages ∼ 107

yr: if the accreting compact objects are IMBHs
formed through this process, we expect them to
be still contained inside their parent clusters. A
likely example is the ULX associated to the su-
per star cluster MGG-11 in M 82 ([13]);

• the second regime (region B in Figs. 2–4) is
for tcc(0) <∼ 0.5 Myr, in clusters that satisfy
the disruption condition discussed in Section 3:
M >∼ 104M� and σ1(0) < 20 km s−1. A cluster
in this region of the parameter space is unlikely
to survive beyond its embedded phase: its stars
will keep expanding freely with velocities ∼ σ3.
After 107 yr, this will result in an OB associ-
ation with a diameter of ∼ 200 pc, difficult to
distinguish from other surrounding star-forming
regions. Not all the clusters in this regime are
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suitable for IMBH formation: assuming that
Eq. (11) holds, only the subset of exploding clus-
ters with M >∼ 5 × 104M� are massive enough
to produce BHs with M >∼ 50M�, required to
explain the observed ULX luminosities.

The densest young star clusters in our galaxy (e.g.,
RU136, NGC 3606, the Arches) have total central den-
sities ∼ 106M� pc−3. Therefore, we took ρmax(0) =
107M� pc−3 as a reasonable upper limit to the initial
central density in our parameter space.

Core collapse is more likely to occur on short
timescales for centrally concentrated profiles: for ex-
ample, for theW0 = 9 King profile (Fig. 2) rather than
for the Plummer profile (Fig. 1), in agreement with
the simulations of [30]. For a given cluster model, the
parameter space available for runaway core collapse
is enhanced when the average stellar mass is higher,
that is when the initial mass function is top-heavy.
Here we compare the initial conditions for m = 0.5M�
(Fig. 3) and m = 3.0M� (Fig. 4), for the same W0 = 9
King profile. For example, values of m ≈ 3.0M� have
been inferred for the MGG-11 cluster in M 82, which
is likely to contain an IMBH ([13]; [41]).

Taking a W = 9 King profile with a typical central
density ∼ 106M� pc−3 (Figs. 2–4), we infer from our
simple analytical approach that clusters with initial
stellar masses ∼ 105M� may produce a collapsed core
during their embedded phase, but may not survive the
ionization/expulsion of their gas. The collapsed cores
may later evolve into apparently isolated IMBHs with
masses up to ≈ 200M�. On the other hand, super
star clusters with initial stellar masses ∼ 106M� may
survive the embedded phase and produce IMBHs with
masses up to ∼ 103M�. Considering that the initial
cluster mass function dN ∼ M−2dM , we also expect
that IMBHs from clusters in region B should be an
order of magnitude more numerous than those formed
from clusters in region A.

5. CONCLUSIONS

We have used a simple analytical approximation to
suggest that runaway core collapse in a young star
cluster may occur in two distinct regimes. The first
regime (extensively investigated with numerical sim-
ulations by [13] and [11]) is a collapse on a timescale
<∼ 3 Myr (main-sequence lifetime of the O stars) in a
cluster of total initial mass ∼ 106M�. Observed after
∼ 107 yr, the outcome of the collapse is likely to be
an accreting IMBH (MBH ∼ 103M�) inside a bright
cluster. The second regime is a collapse on a shorter
timescale (<∼ 0.5 Myr), in a smaller cluster (initial
mass ∼ 105M�), during its initial embedded phase,
when the most massive protostars are still shrouded
by optically-thick cocoons. If the velocity dispersion
in a cluster is smaller than the thermal velocity of the

ionized gas, such a cluster does not survive beyond its
embedded phase, because of the explosive loss of gas.
Observing the system after ∼ 107 yr, we may find an
accreting IMBH (MBH ∼ 102M�) in a star-forming
region or OB association, but apparently not inside
any clusters.

Observationally, ULXs have been explained as ac-
creting IMBHs. Runaway core collapse is a possible
mechanism of IMBH formation in young stellar envi-
ronments. However, most ULXs are not coincident
with a cluster, though they are often associated with
OB stars. We have suggested that the existence of
two possible regimes of core collapse may explain this
puzzle. The ULX associated with the M 82 cluster
MGG-11 may be an example of core collapse in the
first regime, when the parent cluster survives. Most of
the other ULXs in nearby star-forming galaxies, with
an OB companion and X-ray luminosities up to ∼ 1040

erg s−1, may have been formed in the other regime,
when the parent cluster evaporates explosively.

The parameter space allowing IMBH formation
from a runaway core collapse is more extended for
a top-heavy stellar mass function. It has often been
claimed that the stellar initial mass function is top-
heavy (higher fraction of high-mass stars) in some
starburst galaxies, although the issue is still contro-
versial ([42] and references therein). If this is the case,
we speculate that it may explain why ULXs seem to
be more often found in starburst galaxies or in envi-
ronments where star formation is triggered by galactic
mergers or tidal interactions.

Finally, if many ULXs were indeed formed in the
core of a long-dissolved protocluster, we may want to
search for clues of that disruption event. For example,
after ∼ 107 yr, the expanding shell or cloud of gas
with a mass ∼ 105M� will have a characteristic radius
∼ 100 pc and density ∼ 1 cm−3. This gas may now
be X-ray photoionized by the accreting IMBH. We
speculate that at least some of the ionized nebulae
discovered around nearby ULXs ([23]) may be related
to the disruption of the same protocluster where the
BH was formed.
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We investigate the expected gravitational wave emission from coalescing supermassive black hole (SMBH)
binaries resulting from mergers of their host galaxies. We employ a semi-analytic model of galaxy and quasar
formation based on the hierarchical clustering scenario to estimate the amplitude of the expected stochastic
gravitational wave background owing to inspiraling SMBH binaries and bursts rates owing to the SMBH binary
coalescence events. We find that the characteristic strain amplitude of the background radiation is hc(f) ∼

10−16(f/1µHz)−2/3 for f <
∼ 1µHz. The main contribution to the total strain amplitude of the background

radiation comes from SMBH coalescence events at 0 < z < 1. We also find that a future space-based gravitational
wave interferometer such as the planned Laser Interferometer Space Antenna (LISA) might detect intense
gravitational wave bursts associated with coalescence of SMBH binaries with total mass Mtot < 107

M� at
z >

∼ 2 at a rate ∼ 1.0 yr−1. Our model predicts that burst signals with a larger amplitude hburst ∼ 10−15

correspond to coalescence events of massive SMBH binary with total mass Mtot ∼ 108
M� at low redshift z <

∼ 1

at a rate ∼ 0.1 yr−1 whereas those with a smaller amplitude hburst ∼ 10−17 correspond to coalescence events
of less massive SMBH binary with total mass Mtot ∼ 106

M� at high redshift z >
∼ 3.

1. INTRODUCTION

In recent years, there has been increasing observa-
tional evidence that many nearby galaxies have cen-
tral supermassive black holes (SMBHs) in the mass
range of 106 − 109M�, and that their physical prop-
erties correlate with those of spheroids of their host
galaxies. This suggests that the formation of SMBHs
physically links to the formation of spheroids that har-
bor the SMBHs. Therefore, in order to study the for-
mation and evolution of SMBHs, it is necessary to
construct a model that includes galaxy formation pro-
cesses.

In the standard hierarchical structure formation
scenario in a cold dark matter (CDM) universe, dark-
matter halos (dark halos) cluster gravitationally and
merge together. In each of merged dark halos, a
galaxy is formed as a result of radiative gas cool-
ing, star formation, and supernova feedback. Several
galaxies in a common dark halo sometimes merge to-
gether and a more massive galaxy is assembled. When
galaxies merge, SMBHs in the centers of the galaxies
sink toward the center of the new merged galaxy and
form a SMBH binary subsequently. If the binary loses
enough energy and angular momentum, it will evolve
to the gravitational wave emitting regime and begin
inspiraling, eventually coalesces with a gravitational
wave burst.

An ensemble of gravitational waves from a number
of inspiraling SMBH binaries at different redshift can

∗enoki.motohiro@nao.ac.jp

be observed as a stochastic background at frequencies
∼ 1n − 1µHz, which can be detected by pulsar tim-
ing measurements. Future space interferometers such
as the Laser Interferometer Space Antenna (LISA)
might detect quasi-monochromatic wave sources as-
sociated with inspiraling SMBH binaries and gravi-
tational wave bursts associated with SMBH binary
coalescence [e.g. 1].

To date, a number of attempts have been made
to calculate the SMBH coalescence rate. Some au-
thors use phenomenological models of galaxy merg-
ers based on number counts of quasars and spheroids
[e.g. 2, 3]. Others use merger rates of dark halos
(not galaxies) [e.g. 1]. However, none of these models
include baryonic gas evolution and galaxy formation
processes. Because SMBH formation process is rele-
vant to spheroids of host galaxies rather than to dark
halos, we need to evaluate how the baryonic gas pro-
cesses such as star formation and supernova feedback
affect the SMBH formation process.

In this study, we estimate the SMBH coalescence
rate using a new semi-analytic (SA) model [4] (an ex-
tended model [5]) in which the SMBH formation is
incorporated into the galaxy formation. Then, we cal-
culate the spectrum of gravitational wave background
from inspiraling SMBH binaries, based on the formu-
lation given by Jaffe & Backer [2] and we compare our
result with that from a pulsar timing measurement.
We also estimate the event rate of gravitational wave
bursts from SMBH coalescence events that might be
detected by future planned space laser interferome-
ters, based on an argument in [3]. The details of for-
mulation, results, discussion and references are given
in [6].
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2. GALAXY MERGER / BLACK HOLE
COALESCENCE RATE

Here we briefly describe our SA model for galaxy
formation and SMBH growth. The details are shown
in [5] and [4].

2.1. The model of galaxy formation

First, we construct Monte Carlo realizations of
merging histories of dark halos from the present to
higher redshifts. Merging histories of dark halos de-
pend on the cosmological model. The adopted cos-
mological model is a low-density, spatially flat cold
dark matter (ΛCDM) universe with the present den-
sity parameter, Ωm = 0.3, the cosmological con-
stant, ΩΛ = 0.7, the Hubble constant h = 0.7
(h ≡ H0/100 km s−1 Mpc−1) and the present rms
density fluctuation in spheres of 8h−1Mpc radius,
σ8 = 0.9. The highest redshift in each merging path
which depends on the present dark halo mass, is about
z ∼ 20 − 30.

Next, in each merging path of dark halos, we cal-
culate the evolution of the baryonic component from
higher redshifts to the present using simple analytic
models for gas cooling, star formation, supernova feed-
back, galaxy merging and other processes. When a
dark halo collapses, the gas in the halo is shock-heated
to the virial temperature of the halo (the hot gas). At
the same time, the gas in dense regions of the halo
cools owing to efficient radiative cooling and sinks to
the center of the halo and settle into a rotationally
supported disk until the subsequent collapse of the
dark halo. We call this cooled gas the cold gas. Stars
are formed from the cold gas. With star formation,
supernovae occur and heat up the surrounding cold
gas to the hot gas phase (supernova feedback).

When several progenitor halos have merged, a
newly formed larger dark halo contains at least two
or more galaxies which had originally resided in the
individual progenitor halos. We identify the cen-
tral galaxy in the new common halo with the cen-
tral galaxy contained in the most massive of the pro-
genitor halos. Other galaxies are regarded as satel-
lite galaxies. After each merging of halo, these satel-
lites merge by either dynamical friction or random
collision. Satellite galaxies merge with the central
galaxy in the dynamical friction timescale [7]. Satel-
lite galaxies sometimes merge with each other in the
timescale of random collisions. Under the condition
that the satellite galaxies gravitationally bound and
merge during encounters, this timescale is derived by
Makino & Hut [8]. If the mass ratio, f = m1/m2,
is larger than a certain critical value of fbulge, we as-
sume that a starburst occurs, and that all of the cold
gas turns into stars and hot gas, which fills the dark
halo, and all of the stars populate the bulge of a new

galaxy. On the other hand, if f < fbulge, no starburst
occurs and a smaller galaxy is simply absorbed into
the disk of a larger galaxy.

Model parameters are determined by a comparison
with observations of galaxies in the local Universe,
such as luminosity functions and the cold gas mass
fraction in spiral galaxies. Our SA model can repro-
duce galaxy number counts and photometric redshift
distribution of galaxies in the Hubble Deep Field [5].

2.2. The growth of SMBHs

In our model, it is assumed that SMBHs grow by
coalescence when their host galaxies merge and are
fueled by accreted cold gas during major mergers of
galaxies. When the host galaxies merge, pre-existing
SMBHs sink to the center of the new merged galaxy
due to dynamical friction (or other mechanisms such
as gas dynamics), evolve to the gravitational wave
emission regime and eventually coalesce. Although
the timescale for this process is unknown, for the
sake of simplicity we assume that SMBHs instan-
taneously evolve to the gravitational wave emission
regime and coalesce. Gas-dynamical simulations have
demonstrated that the major merger of galaxies can
drive substantial gaseous inflows and trigger starburst
activity. Thus, it is reasonable to assume that dur-
ing a major merger of galaxies, a certain fraction of
the cold gas that is proportional to the total mass
of stars newly formed at starburst accretes onto the
newly formed SMBH and this accretion process leads
to a quasar activity. Under this assumption, the mass
of cold gas accreted on a SMBH is given by

Macc = fBH∆M∗,burst, (1)

where fBH is a constant and ∆M∗,burst is the total
mass of stars formed at starburst. The free param-
eter of fBH is fixed by matching the observed rela-
tion between a spheroid mass and a black hole mass
MBH/Mspheroid = 0.001−0.006 (e.g. [9]); we find that
the favorable value of fBH is nearly 0.03.

Figure 1 (a) shows the black hole mass functions in
our model at a series of various redshifts. In this fig-
ure, we superpose the observed black hole mass func-
tion at z = 0 [10]. The predicted mass function is
quite consistent with the observation. Our galaxy for-
mation model includes dynamical friction and random
collision as galaxy merging mechanisms. For compar-
ison, in figure 1 (b), we also plot the black hole mass
functions at z = 0 of other two models: no random
collision model (no rc model) and no dynamical fric-
tion model (no df model). In the no rc model and the
no df model, mergers owing to random collision and
dynamical friction, respectively, are switched off. This
figure shows that the mass function for low mass black
holes are determined by random collisions between
satellite galaxies and that for high mass black holes
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Figure 1: (a) Black hole mass function of the model at a series of redshifts. The symbols with errorbars are the
observed black hole mass function at z = 0 [10]. (b) Black hole mass function at z = 0 for different galaxy merger
models, which are both model, no random collision model (no rc model) and no dynamical friction model (no df
model). Both model includes dynamical friction and random collision as the galaxy merging mechanism.

are influenced by dynamical friction. The shape of
black hole mass function depends on detailed gas pro-
cesses. The important contribution of mass increment
of SMBHs in central galaxies is the cold gas, which
is accreted to only central galaxies. SNe feedback re-
moves this cold gas more efficiently in smaller galaxies
with Vcirc < 280km s−1 (Mgal < 1012M�). Thus, the
growth of the SMBHs in small galaxies suffers from
SNe feedback. In the no rc model, SMBHs mainly ex-
ist central galaxies. Therefore, the shape of the black
hole mass function in the no rc model has a bump at
high mass end (MBH ∼ 109M�) which corresponds to
SMBHs in the central galaxies (Mgal ∼ 1012M�). On
the other hand, in the no df model, high mass SMBHs
cannot be produced since galaxies cannot merge with
the massive central galaxy.

Using the SA model incorporated with this SMBH
growth model, we estimate the comoving number
density, nc(M1, M2, z)dM1dM2dz, of the coalescing
SMBH binaries with mass M1 ∼ M1 + dM1 and
M2 ∼ M2 + dM2 at z in a given redshift interval dz.

3. GRAVITATIONAL RADIATION

3.1. Background radiation from SMBH
binaries

In order to calculate the spectrum of gravitational
wave background radiation from SMBH binaries, we
improve the formulation of Jaffe & Backer [2]. The
details are described in [6]. The spectrum of the grav-
itational wave background radiation which we finally
obtain is

h2
c(f) =

∫

dz dM1 dM2

4πc3

3

(

GMchirp

c3

)5/3

(πf)−4/3

×(1 + z)−1/3nc(M1, M2, z) θ(fmax − f), (2)

where Mchirp = [M1M2(M1 +M2)
−1/3]3/5 is the chirp

mass of the system and c is the speed of light, f
is the observed frequency of the gravitational wave
from the binary in a circular orbit, the fmax is max-
imum frequency and θ(x) is the step function. As a
SMBH binary evolves with time, the frequency be-
comes higher. We assume that the binary orbit is
quasi-stationary until the radius equals to 3RS, where
RS is the Schwarzschild radius : the radius of the in-
nermost stable circular orbit (ISCO) for a particle and
a non-rotating black hole. Then fmax is

fmax(M1, M2, z) =
c3

63/2πGM1(1 + z)

(

1 +
M2

M1

)1/2

= 4.4 × 10−5(1 + z)−1

(

M1

108M�

)

−1

×

(

1 +
M2

M1

)1/2

Hz, (3)

where M1 and M2 are SMBH masses (M1 > M2).
As shown in figure 2, the spectrum changes its slope

at f ∼ 1µHz owing to lack of power associated with
the upper limit frequency, fmax. This feature is con-
sistent with the results of Sesana et al. [11]. The pre-
dicted strain spectrum is hc(f) ∼ 10−16(f/1µHz)−2/3

for f <
∼ 1µHz, just below the current limit from the

pulsar timing measurements [12]. In our model, we
assume that SMBHs coalesce simultaneously when
their host galaxies merge. Therefore, the efficiency
of SMBH coalescence is maximum and the predicted
amplitude of gravitational wave spectrum should be
interpreted as the upper limit.

In figure 2 (a), we plot the spectra from binaries in
different redshift intervals. This figure shows that the
total spectrum of background radiation comes from
coalescing SMBH binaries at low redshift, 0 ≤ z < 1.
Although the coalescence rate at low redshift is lower
than at high redshift, the main contribution to the
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Figure 2: Spectrum of gravitational wave background
radiation, hc(f), from SMBH binaries in different
redshift intervals (a) and in different total mass intervals
(b). The filled reverse triangle in (a) shows the current
limit from pulsar timing measurements [12].

background radiation is the coalescing SMBH bina-
ries at low redshift, 0 ≤ z < 1. This is because the
distance from an observer to the SMBH binaries at
low redshift is shorter and the mass of SMBHs at
low redshift is higher. In figure 2(b), we also plot
the spectra from binaries in different total mass inter-
vals (Mtot = M1 + M2). This figure shows that for
f >

∼ 10−4Hz the total spectrum of background radia-
tion comes from coalescing SMBH binaries with total
mass Mtot

<
∼ 108M�.

When SMBHs are spinning and/or when their
masses are comparable, the definition of ISCO be-
comes vague and our assumption that the cutoff fre-
quency fmax corresponds to 3RS may not be correct.
To see the effects of the cutoff frequency, we plot the
spectra for different values of fmax, corresponding to
3RS, 30RS, and no frequency cut off, respectively (fig.
3 (a)). Lowering fmax causes a suppression in the
stochastic background at high frequencies f <

∼ 10−7Hz
since a large portion of high frequency modes are cut
off.

Our galaxy formation model incorporates dynam-
ical friction and random collision as galaxy merging
mechanisms. In order to examine the effect of these
two galaxy merger mechanisms on the spectrum of
gravitational wave background radiation, in figure 3
(b), we also plot the spectrum of background radia-
tion of other two models: no rc model and no df model.
The no df model can not produce higher mass SMBH
(see fig. 1(b)). Consequently, the spectrum in no df
model bends at larger frequency since the number of
SMBHs with smaller fmax decreases. Furthermore, in
the no df model, the amplitude of gravitational waves
from each binary becomes smaller . However, the coa-
lescence rate in no df model is higher than the rate in
no rc model. As a result, the amplitude of the spec-
trum in no df model is roughly equal to the amplitude
in no rc model.
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Figure 3: Spectrum of gravitational wave background
radiation, hc(f), in different fmax (a) and in different
galaxy merger models (b).

3.2. Gravitational wave bursts from
SMBH coalescence

After an inspiraling phase, SMBHs plunge into a
final death inspiral and merge to form a single black
hole. We call a set of a plunge and a subsequent early
non-linear ring-down phase as a burst. We estimate
the expected burst event rate per observers’ time using
the amplitude of burst gravitational wave given in [3],
and the SMBH coalescence rate calculated by our SA
model, nc(M1, M2, z).

The characteristic amplitude of the burst gravita-
tional wave which we finally obtain is

hburst =
33/4ε1/2GMtot

21/2πc2D(z)

= 7.8 × 10−16
( ε

0.1

)1/2
(

Mtot

108 M�

) [

D(z)

1 Gpc

]

−1

,(4)

where ε is the efficiency of the energy release, D(z) is
the comoving distance to the source from the observer
and fc is the observed characteristic frequency. fc

from the gravitational wave burst occurring at z is

fc =
c3

33/2GMtot (1 + z)

= 3.9 × 10−4

(

Mtot

108 M�

)

−1

(1 + z)−1Hz. (5)

Then, we obtain nburst(hburst, fc, z) dhburst dfc dz ,
which is the comoving number density of gravitational
wave burst events occurring at z in a given redshift in-
terval dz with amplitude hburst ∼ hburst + dhburst and
with characteristic frequency fc ∼ fc+dfc. Therefore,
the expected event rates of gravitational wave bursts
per observers’ time with amplitude hburst ∼ hburst +
dhburst and characteristic frequency fc ∼ fc + dfc,
νburst(hburst, fc) dhburst dfc is given by

νburst(hburst, fc) =

∫

nburst(hburst, fc, z)
dV

dt0
dz,(6)
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Figure 5: Expected signals of gravitational wave bursts from SMBH coalescence. (a) The horizontally hatched area
shows the region, νburst[log(hburst), log(fc)] > 1yr−1. The solid curve indicates the instrumental noise threshold for one
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cross-hatched area show the region, νburst > 3yr−1. The dot-dashed and the short dashed lines indicates the
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where t0 is the observers’ time and dV is the comov-
ing volume element at z. The integrated event rates of
gravitational wave bursts per observers’ time with am-
plitude hburst ∼ hburst +dhburst, νburst(hburst) dhburst,
are given respectively as follows,

νburst(hburst) =

∫

νburst(hburst, fc)dfc. (7)

In figure 4, we plot the total integrated event rates
of gravitational wave bursts and integrated event rates
in different redshift intervals (fig. 4(a)) and in dif-
ferent total mass intervals in (fig. 4(b)). Here we
set the efficiency of the energy release ε = 0.1, while
the precise value of this parameter is unknown. In
most typical events, a conversion efficiency will prob-
ably be a few percent. From equation (4), one can
see that the change of efficiency results in the par-
allel displacement in the horizontal direction in fig-
ure 4. The shape of νburst(hburst) reflects the black
hole mass functions and the SMBH coalescence rates,
which depend on the complex galaxy formation pro-

cesses. In figure 4 (a), one can notice that there are
two peaks in the event rate in terms of hburst. A peak
at hburst ∼ 10−17 corresponds to bursts from SMBH
binaries with Mtot < 106M� whose total number is
the largest at high redshift z > 3. Another peak at
hburst ∼ 10−15 corresponds to bursts from SMBH bi-
naries with 107M� < Mtot < 108M� whose coales-
cence probability is the largest at low redshift z < 3.
Figure 4 (b) indicates that burst signals with large
amplitude (hburst

>
∼ 10−15) correspond to coalescence

of “massive” SMBH binaries with Mtot
>
∼ 108M� oc-

curring at z <
∼ 1. This is because the distance from

the earth to SMBHs at low redshift is shorter and
the mass of SMBHs at low redshift is larger. On
the other hand, burst signals with small amplitude
(hburst

<
∼ 10−17) corresponds to coalescence events of

“less massive” SMBH binaries with Mtot
<
∼ 107M�

occurring at z >
∼ 2. These events dominate the ex-

pected burst event rate provided that the sensitivity
of the detector is sufficiently good. This feature is
quite important because it breaks the degeneracy be-
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tween mass and distance.
Figure 5 shows that the expected region for sig-

nal of gravitational wave bursts and the instrumen-
tal noise threshold for LISA, hinst. We compute hinst

from the fitting formula for the spectral instrumental
noise density of LISA [13]. The expected region for
νburst[log(hburst), log(fc)] > 1 yr−1 is above this in-
strumental noise threshold. For comparison, we show
the region for νburst[log(hburst), log(fc)] > 1/5 yr−1

and νburst[log(hburst), log(fc)] > 3 yr−1 in figure 5 (b).
From figure 4 and 5, we conclude that the LISA can

detect intense bursts of gravitational waves at a rate of
∼ 1.0yr−1 assuming that dominant part of these burst
events occur at z >

∼ 2. Even in the case of ε = 0.001,
the LISA can detect intense bursts of gravitational
waves in one year observation, since hburst ∝ ε1/2. In
addition, we find that large amplitude hburst ∼ 10−15

signals correspond to coalescence events of massive
SMBH binaries Mtot ∼ 108M� at low redshift z <

∼ 1
and small amplitude hburst ∼ 10−17 signals corre-
spond to less massive SMBH binaries Mtot ∼ 106M�

at high redshift z >
∼ 3.

4. SUMMARY & CONCLUSIONS

In this study, we have estimated the coalescence
rate of SMBH binaries in the centers of galaxies using
a new SA model of galaxy and quasar formation [4].
Then, we calculated the spectrum of the gravitational
wave background from inspiraling SMBH binaries and
estimated the expected amplitudes and event rates of
intense bursts of gravitational waves from coalescing
SMBH binaries [6].

Our SA model includes dynamical friction and ran-
dom collision as galaxy merging mechanisms, and as-
sumes that a SMBH is fueled by accretion of cold
gas during a major merger of galaxies leading to a
spheroid formation, and that SMBHs coalesce simul-
taneously when host galaxies merge. Many previ-
ous other studies have paid attention to only SMBH
growth and did not take galaxy formation processes
into account. For investigating the relations between
SMBH growth and galaxy formation processes, SA
methods of galaxy and SMBH formation are suitable
tools [e.g. 4, 14].

We have found that the gravitational wave back-
ground radiation spectrum for f <

∼ 1µHz has a char-

acteristic strain hc(f) ∼ 10−16(f/1µHz)−2/3 just be-
low the detection limit from the current measurements
of the pulsar timing. The slope of the spectrum for
f >

∼ 1µHz gets steep owing to the upper limit in fre-
quency set by the radius of the ISCO. The stochastic
background radiation mainly comes from inspiraling
SMBH binaries at 0 < z < 1. Therefore, the back-
ground radiation can probe inspiraling SMBH binaries
at low redshift.

We have also found that LISA might detect intense

bursts of gravitational waves owing to the SMBH co-
alescence events at a rate 0.1 ∼ 1.0 yr−1 and that the
main contribution to the event rate comes from SMBH
binary coalescence events at high redshift z >

∼ 2. Our
model predicts that burst signals with a large ampli-
tude correspond to coalescence of large mass SMBH
binaries at low redshift while those with a small ampli-
tude correspond to coalescence of small mass SMBH
binaries at high redshift. This prediction can be tested
by future measurements of the amplitude and the
phase evolution in gravitational waves from inspiral-
ing SMBH binaries [13]. Comparing these predictions
with observations in future, we can put a stringent
constraint on SMBH formation and evolution models.

Acknowledgments

We thank K.S. Thorne and S. Hughes for useful
information. MN acknowledges Research Fellowships
of the Japan Society for the Promotion of Science
for Young Scientists (No.00207). NS is supported by
Japanese Grant-in-Aid for Science Research Fund of
the Ministry of Education, No.14340290.

References

[1] Haehnelt, M. G., 1994, MNRAS, 269, 199
[2] Jaffe, A. H. & Backer, D. C., 2003, ApJ, 583, 616
[3] Thorne, K. S. & Braginsky, V. B., 1976, ApJ,

204, L1
[4] Enoki, M., Nagashima, M. & Gouda, N. , 2003,

PASJ, 55, 133
[5] Nagashima, M., Totani, T., Gouda, N., & Yoshii,

Y. 2001, ApJ, 557, 505
[6] Enoki, M., Inoue, K. T., Nagashima, M. &

Sugiyama, N. , 2004, ApJ, 615, 19
[7] Binney, J., & Tremaine, S. 1987, Galactic Dy-

namics, Princeton, NJ, Princeton Univ. Press
[8] Makino, J., & Hut, P. 1997, ApJ, 481, 83
[9] Magorrian, J., et al., 1998, AJ, 115, 2285

[10] Salucci, P., Szuszkiewicz, E., Monaco, P., &
Danese, L. 1999, MNRAS, 307, 637

[11] Sesana, A., Haardt, F., Madau, P., & Volonteri,
M. 2004, ApJ, 611, 623

[12] Lommen, A. N. 2002, in the Proceedings of the
270. WE-Heraeus Seminar on Neutron Stars, Pul-
sars and Supernova Remnants, 2002, Physikzen-
trum Bad Honnef, eds. W. Becker, H. Lesch & J.
Truemper.

[13] Hughes, S. A. 2002, MNRAS, 331, 805
[14] Kauffmann, G., & Haehnelt, M. G. 2000, MN-

RAS, 311, 576

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2115
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GRB030406 is one of the strongest gamma-ray bursts detected by the INTEGRAL SPI anticoincidence shield.
We analyzed the IBIS Compton Mode data for this burst and present its localization, lightcurve and spectrum
in the 200 keV to 2.5 MeV range. We discuss the ongoing analysis of other bursts seen by INTEGRAL in the
IBIS Compton mode.

1. INTRODUCTION

The IBIS telescope is the coded mask, imaging in-
strument on-board the INTEGRAL satellite [1, 3].
The detector plane consists of two detection layers:
ISGRI and PICsIT. ISGRI is an array (128 × 128) of
pixels made of semiconductive CdTe, sensitive to pho-
tons between 15 keV and ∼1 MeV. PICsIT, having the
same detection area as ISGRI, is an array (64 × 64)
of CsI scintillators, sensitive between ∼170 keV and
15 MeV. The distance between two layers is about 94
mm.

A small number of gamma-ray bursts (up to ten
per year) is detected by INTEGRAL inside its field
of view. A much larger number (approx 150 per
year) is detected outside the filed of view mainly using
the SPI anti coincidence shield (SPI-ACS). For these
bursts localization was achieved by the triangulation
within the 3rd Interplantery Network of Gamma-ray
burst detectors. We note that some of these burst are
also detected in the IBIS telescope. The analysis of
the IBIS data can yield their localizations using the
Compton mode data. Given the localization one can
perform the spectral analysis, once a response matrix
is produced.

In this paper we present such analysis performed in
the case of GRB030406.

2. COMPTON MODE

This mode makes use of photons with energy mainly
between few hundreds of keV and a few MeV. About
2-5% of them are Compton scattered in one and ab-
sorbed in the other layer (Figure 2 left panel). Coin-
cidences within appropriate time window are detected
on board. The energies and positions of both inter-
actions are recorded. Compton kinematics allows to

determine the Compton scattering angle θC , the en-
ergy of the primary photon E0 = E1 + E2 and the
direction of the scattered photon(γ2).

Figure 1: A Compton event in IBIS: the photon is
scattered in ISGRI pixel and absorbed in PICsIT crystal

Figure 2: Examples of eight Compton rings on the all
sky map in a Cartesian projection. Each ring
corresponds to one Compton event.



Figure 3: GRB030406 light curve from the Compton mode (bottom histogram, left scale) and count rate in SPI-ACS
(top histogram, right scale). The shaded time interval has been used in the construction of the Compton map and
spectral analysis

2.1. Compton maps

The direction of the scattered photon and the
Compton angle (θC) define a cone. Intersection of
this cone with the celestial sphere gives a circle (shown
as dashed ellipse in Fig. 1). One–dimensional circles
are converted to two–dimensional rings with the width
reflecting uncertainties of the measured energies and
positions: E1, E2, y1, z1, y2 and z2. Figure 2 shows
examples of such rings with typical widths. These
“Compton rings” produce a Compton map. In case
of a strong source (like a GRB), a significant excess
should appear at the source position on the Compton
map.

3. GRB030406

The SPI ACS [4] triggers, identifying the GRB, were
used for the selection of time intervals for the Comp-
ton mode analysis. We have analyzed the data col-
lected within 3 months and found a few cases where
the Compton mode count rate increased significantly.
At first we focused on GRB030320, which position has
been well measured by ISGRI and SPI as it was in-
side the FOV [5]. The analysis of GRB030320 proved
that the Compton mode can be used to obtain posi-
tional information about a burst which is consistent
with the information obtained from the coded mask
instruments.

Here we present the analysis of the one of
the strongest burst seen in the Compton mode:
GRB030406 (36◦ off axis, outside of the IBIS coded
field of view). Figure 3 shows the light curve of the
burst obtained with ∼200 selected Compton events.
The selection made use of the Compton kinematics,
i.e. only events for which Compton rings were com-
patible with the source position were selected. Sub-
tracted background estimation underwent the same
selection. The signal-to-noise ratio reached ∼ 11σ in
the peak.

The sky map (Figure 4) comprises information from
about 1200 photons corresponding to the time interval
marked on the Figure 3 and takes into account about
30 minutes of independent acquisition for the back-
ground estimation. Photons with energy between 200
keV and 950 keV have been used. We have assumed
that the order of photons interactions was: ISGRI–
first and PICsIT–next.

The data from the same time interval as for the
map have been used to fit of the GRB spectrum (Fig-
ure 5). The fit was done using XSPEC 12.0. Using
Monte-Carlo simulation with the Geant (3.21) IBIS
Mass Model [2] we have obtained the specific Comp-
ton mode response matrix for this event. We have
obtained a satisfactory fit using a power law model
with the photon index α = −1.48 ± 0.16

Additional simulations of a GRB030406-like burst
combined with experimental background showed that
the 1σ error of the position estimation is ∼ 3.5◦.



Figure 4: Compton mode significance map of the burst region centered on the IPN [7] reconstructed position of
GRB030406 RA(2000) = 285.43◦ DEC(2000) = −68.08◦. IPN’s 3σ position uncertainty was about 9’x9’ (not shown).

Figure 5: GRB030406 spectral fit. Top panel: Spectral fit to the Compton mode data of GRB030406. The data points
and the best fitting power law spectrum ∼ E−1.48±0.16 are shown. The reduced χ2 is 0.74 for 3 degrees of freedom and
the normalization is arbitrary. Bottom panel: residuals of the model fit.

4. SUMMARY

We have demonstrated that the Compton mode
imaging is possible for some GRBs detected outside
the field of view of the INTEGRAL telescopes. The

principal advantages of the IBIS Compton mode are
the wide field of view, which theoretically reaches 2π
steradians, and the energy range from 200 keV up to
almost 6 MeV.

The IBIS Compton mode is able to:



• detect GRBs in the raw count rate (almost in
real time)

• localize GRBs with up to a few degrees error
box

• provide photon spectra

• complement INTEGRAL GRB detection and lo-
calization capabilities

Finally, we note that the power law index of the
photon spectrum is ≈ −1.5. This means that the in-
dex of the νFν spectrum is positive, and the spec-
trum is extremely hard. This implies that the peak
energy of the νFν spectrum lies above ≈ 2 MeV where
our spectral sensitivity starts to decrease. Thus,
GRB030406could belong to a class of extremely hard
bursts.
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We show that if the GRB ejecta itself is magnetized or neutron-rich, the very early afterglow of GRBs is very
different from that powered by a pure ion fireball. In the Swift era, with the well monitored early afterglow
data, we can potentially diagnose the ejecta composition and reveal the nature of the central GRB engine.

1. Introduction

Since the discovery of the optical flash of GRB
990123 [1], great attention has been paid to the very
early optical afterglow (e.g., for theory see [5, 17–
19, 21, 25, 26, 29, 31, 33]; for observation, see
[2, 13, 14, 16, 22, 28]) of soft, long GRBs. The
very early optical afterglow of short GRBs and X-
ray flashes have also been investigated in some detail
[8, 11].

In nearly all these theoretical papers, the fireballs
are assumed to be non-magnetized and neutron-free.
However, in principle, the ejecta may be significantly
magnetized (see [23] and the references therein) or
contain a large amount of neutrons (e.g. [3, 6]), or
both (e.g. [30]). Recently we have studied the early
afterglow emission (especially the reverse shock emis-
sion) of a magnetized ejecta and a neutron-rich ejecta
[9, 12, 32]. Here we summarize the main results. Com-
paring these results with the early afterglow observa-
tions, we may get insight into the initial composition
of the outflow and reveal the nature of the central
engine.

2. Reverse Shock Emission from
Magnetized Ejecta

2.1. Magnetized reverse shock emission
from GRB 990123 and GRB 021211

A bright optical flash was detected during the bright
GRB 990123 (e.g., [1]). The peak R-band flux was
9th magnitude. After the peak, the flux drops as t−2

obs

(before the peak, the flux increases as t3.1
obs). Such

a sharp decrease has been modeled by the emission
from the shocked electrons contained in the reverse
shock region with adiabatic cooling [25, 29]. With
a more careful investigation, Fan et al. found that

by taking the reverse shock model and the physical
parameters found in modeling the multi-wavelength
afterglow from the forward shock emission, the theo-
retical peak flux of the optical flash accounts for only
3×10−4 of the observed value (∼ 1Jy) [7]. In order to
remove this discrepancy, they suggested that the elec-
tron and magnetic equipartition parameters, εe and
εB, should be 0.61 and 0.39, respectively. These are
much different from the corresponding values for the
late afterglow (∼ 0.1 and ∼ 0.001).

In a more general discussion, Zhang, Kobayashi &
Mészáros introduced a parameter RB (which is de-
fined as (εrB/εfB)1/2; where the superscripts r and f
represent the reverse shock region and forward shock
region, respectively) to trace the magnetization of the
GRB outflows [33]. They found RB ∼15 for GRB
990123 and RB > 1 for GRB 021211.

These results have been also confirmed in several
more detailed analysis of both bursts [20, 24, 27]. As
a result, it is quite robust to say that the reverse shock
region is magnetized, at least for GRB 990123 and
GRB 021211. In the following, we introduce a param-
eter σ, the ratio between the electromagnetic energy
flux and the particle energy flux, to describe the ini-
tial magnetization of the outflow (we assume that the
magnetic field is ordered).

2.2. Reverse shock emission with mild
magnetization

As the outflow interacts with the around medium,
two shocks form. One is the forward shock expanding
into the medium, and the other is the reverse shock
penetrating into the outflow. The forward shock jump
condition is the same as that of a pure hydrodynami-
cal fireball model [4], but the reverse shock jump con-
dition is different (see equations (2-5) of [10] for the
general form).
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The novel features include: 1. At the reverse shock
front, for σ > 0.01, the amplified ordered magnetic
field (Bord) is significantly stronger than that of the
random one (Bran). In the ISM medium, the typical
synchrotron radiation νm ∝ Bord is much lower than
νR ∼ 4.6 × 1014Hz and the reverse shock-accelerated
electrons are in the slow cooling regime. The observed
flux scales as

Fν ∝ Bordν(p−1)/2
m ∝ B

(p+1)/2

ord . (1)

Therefore, the R-band reverse shock emission is
stronger for a higher Bord (see Fig.1), which matches
the observation of GRB 990123 and GRB 021211.
However, for σ > 0.1, the reverse shock is suppressed
(in both [9] and [32], the ideal MHD approximation
is taken. If magnetic dissipation [10] is taken into
account, the result would be different), so that the re-
verse shock peak level starts to decrease (see Fig.1).
In the wind medium case, the R-band reverse shock
emission with magnetization is weaker (see Fig. 2)
since the reverse shock is relativistic and the electrons
are in the fast cooling phase, and νm is above νR. The
observed flux scales as

Fν ∝ Bordν1/2
c ∝ B

−1/2

ord , (2)

where νc ∝ B−3 is the cooling frequency. As a result,
Fν decreases with increasing σ.

2. In the very early afterglow phase, the outflow
is ultrarelativistic. Due to the beaming effect, the
area we view is very narrow where the orientation of
magnetic field is nearly the same. The local high lin-
ear polarization can not be averaged effectively. As
a result, net high linear polarization is expected. By
introducing a parameter b = Bord/Bran, the net linear
polarization can be approximated by (e.g., [9])

Πnet ≈ 0.60
b2

1 + b2
. (3)

Even for σ ∼ 0.01−0.1, the linear polarization as high
as 30% is expected.

2.3. The reverse shock emission with
arbitrary magnetization

Zhang & Kobayashi have performed a detailed an-
alytical investigation on the reverse shock emission
with arbitrary magnetization [32]. For σ < 1, i.e.,
the mildly magnetized regime, their results are rather
similar to that of [9]. For σ > 1, i.e., the high-σ
regime, it is found out that the reverse shock peak is
broadened, mainly due to the separation of the shock
crossing radius and the deceleration radius of the out-
flow (see Fig.3). This novel feature can be regarded
as a signature of high σ.

Another important result obtained is that the sup-
pression factor of the reverse shock in the strong mag-
netic field regime is only mild as long as the shock

Figure 1: The very early R-band (νR = 4.6 × 1014Hz)
light curve powered by the mildly magnetized outflow
(the degrees of the magnetization have been marked in
the figure) interacting with the interstellar medium. The
parameters taken in the calculation are: z = 1,
Ekin = 1053ergs, L = 2 × 1051ergs s−1, p = 2.2, η = 300,
n = 1cm−3, εe = 0.3 and the radiation efficiency ε = εe,
where Ekin is the total initial energy of the outflow, L is
the luminosity of the γ−ray emission, η is the initial bulk
Lorentz factor of the outflow, p is the power-law
distribution index of the shock-accelerated electrons, and
n is the number density of the medium. For σ = 0 and
the forward shock, it is assumed that εB = 0.01. From
ref [9].

is relativistic, and it saturates in the high-σ regime
(see Fig.4). This indicates that strong relativistic
shocks still exist in the high-σ limit, which can ef-
fectively convert kinetic energy into heat. The overall
efficiency of converting jet energy into heat, however,
decreases with increasing σ, mainly because the frac-
tion of the kinetic energy in the total energy decreases
[32]. These results have been confirmed by Fan, Wei
& Zhang both analytically and numerically [10], see
their equations (17-18) and figures 1 and 2.

3. Very Early Optical Afterglow
Lightcurves of Neutron-fed GRBs

In the rest frame of the ejecta, the free neutron has
a mean lifetime ∼ 900s. The corresponding β−decay
radius reads Rβ ∼ 8×1015Γn,2.5cm

1, where Γn ∼ 300
is the bulk Lorentz factor of the neutrons (below we
call it as N-ejecta). In the internal shock phase, the

1Through out the paper, the convention Qx = Q/10x is
taken in cgs units.
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Figure 2: The very early R-band light curve powered by
the mildly magnetized outflow (the degree of the
magnetization has been marked in the figure) interacting
with a stellar wind. The parameters taken here are the
same to those of figure 1 except n = 3 × 1035R−2cm−3.
From ref [9].
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Figure 3: Sample early afterglow lightcurves for GRBs
with an arbitrary magnetization parameter σ. Following
parameters are adopted. Ekin = 1052ergs, T = 20s,
η = 150, n = 1cm−3, εfe = εre = 0.1, εfB = 0.001, p = 2.2,
and z = 1, where T is the duration of the GRB corrected
by redshift. Both the forward shock and the reverse
shock emission components are calculated and they are
superposed to get the final lightcurve. Lightcurves are
calculated for different σ values. From ref [32].

ion-ejecta (I-ejecta) has been decelerated, but the neu-
trons are not. They move freely into the medium and
decay into protons, neutrinos and electrons. These de-
cay products share their energy and momentum with
the medium and form a mixture (the trail) moving
with a bulk Lorentz factor about tens, the actual ve-
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Figure 4: The variations of six parameters, i.e., u2s,
γ1s/γ21, e2/n2mpc2, n2/n1, pb,2/p2, and F , as a function
of σ. The thick solid line is the Kennel-Coroniti solution
[15], denoting a γ21 � 1 regime. Here u2s is the radial
four velocity of region 2 measured in the shock frame; γ1s

is the bulk Lorentz factoe of region 1 measured in the
shock frame; γ21 is the Lorentz factor of region 1 relative
to region 2; e2 is the thermal energy density of region 2
(measured in the comoving frame); n2 (n1) is the number
density of region 2 (1) measured in its comoving frame;
pb,2 (p2) is the magnetic field (thermal) pressure of region
2 measured in its comoving frame. The dashed lines,
starting from the one closest to the thick line, are for
γ21 = 1000, 100, 10, 5, 3, 1.5, respectively. Again the
parameters e2/n2mpc2 and n2/n1 are normalized to
(γ21 − 1) and (4γ21 + 3), respectively. From ref [32].

locity mainly depends on the density of the medium.

Comparing with that of the pure fireball or the
magnetized fireball, the early afterglow of neutron-fed
GRBs is very complicated. The detailed discussion
has been presented in [12]. Here we only summarize
the main results.

If the medium is a pre-stellar wind, the neutron
trail moves slowly, mainly because the medium inertia
is too large. The trail and the I-ejecta do not sepa-
rate from each other, and a forward shock propagates
into the trail directly. Three components contribute to
the final emission, i.e. the forward shock, the reverse
shock propagates into the I-ejecta, and the unshocked
trail emission. The latter is significant when χ, the
ratio of neutrons to protons, is large, since the inter-
nal energy of the unshocked trail is large when the
medium density is high. A typical neutron-rich wind-
interaction lightcurve is a characterized by a promi-
nent early plateau lasting for ∼ 100 s followed by a
normal power-law decay (Fig.5). We also show that
in the wind case, the IC cooling effect due to the over-
lapping of the initial prompt γ−ray with the shocks
and the trail suppresses the very early R-band after-
glow significantly. The neutron-fed signature is also
dimmed (see Fig.5(b) and Fig.5(c) for a comparison).
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Figure 5: The early optical afterglow lightcurves of a
neutron-fed long GRB in the wind interaction case. (a)
The dynamical evolution of the LF of the shocked region
as a function of time. (b) R-band lightcurves, with the
IC cooling effect due to the prompt γ−rays interacting
with the shocked regions being ignored. Thick lines
include contributions from all emission components,
including the FS, RS and the neutron decay trail. Thin
lines are for trail emission only. The dotted, dash-dotted,
dashed and solid lines represent χ = 0.0, 0.1, 0.5, 1.0
respectively. Following input parameters are adopted in
the calculations: Etot = 2.0 × 1053ergs, ∆ = 1012cm,
z = 1 [i.e. dL = 2.2 × 1028cm, which corresponds to the
standard (Ωm, ΩΛ) = (0.3, 0.7) ΛCDM cosmological
model], Γn = 300, Γm = 200, Γs,n = 30, and
n = 1035cm−3R−2 (i.e. A∗ = 1/3), respectively. The
parameters εe = 0.1, εB = 0.01 and p = 2.3 are adopted
for the FS and RS shocks as well as the trail. Where Etot

is the total energy of the initial outflow; ∆ is the width
of the initial I-ejecta; Γn (Γs,n) is the bulk Lorentz factor
of fast (slow) neutrons; Γm is the initial bulk Lorentz
factor of I-ejecta. (c) R-band lightcurves, but the IC
cooling effect due to the prompt γ−rays overlapping with
the shocked region and the trail has been taken into
account. The averaged γ−ray luminosity is taken as
Lγ = 1051ergs s−1. Other parameters and line styles are
the same as those in (b). From ref [12].

If the medium is a constant density ISM, part of the
neutron decay products fall onto the medium, and the
trail moves faster than the I-ejecta (In [12], it is as-
sumed that the I-ejecta moves slower than the fast
neutrons). A gap likely forms between the leading
trail and the I-ejecta. The former forms a distinct trail
ejecta (T-ejecta) which interacts with the out trail or
ISM. The latter catches up later and gives rise to a
rebrigtening signature. Before collision, the radiation
is dominated by the forward shock emission. Dur-
ing the collision, both the forward shock emission and
the refreshed shocks (especially the refreshed reverse
shock) are important. The unshocked trail emission
is not important in this case. A typical neutron-rich
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Figure 6: The early optical afterglow lightcurves of a
neutron-fed long GRB in the ISM interaction case. (a)
The dynamical evolution of the region shocked by FS as
a function of time. The dotted, dash-dotted, dashed, and
solid lines represent χ = 0.0, 0.1, 0.5, 1.0 respectively.
(b) R-band lightcurves. Line styles are the same as in
(a). Thick lines represent the total early R-band
lightcurves, while the thin lines are for RS emission only.
Only the RS emission for χ = 0 and the RRS emission
for χ = 1 cases are plotted. The initial parameters are
the same as those listed in the caption of Figure 5,
except that n = 1cm−3 is adopted. From ref [12].

ISM-interaction lightcurve is characterized by a slow
initial rising lightcurve followed by a prominent bump
signature around tens to hundreds of seconds (Fig.6).

For all the cases, the predicted signatures can be
detected by the UVOT on board the Swift observa-
tory. However, most of these signatures (such as the
plateau and the bump signature) are not exclusively
for neutron decay. More detailed modeling and case
study are needed to verify the existence of the neutron
component.

4. Discussion

Most of the current afterglow observations take
place hours after the burst trigger. At this stage,
the observed afterglow emission are powered by the
forward shock, so that essentially all the initial in-
formation of the ejecta is lost. In order to diagnose
the ejecta composition, well-monitored early afterglow
data are needed, since the early afterglow emission,
especially in the optical band, is believed to be domi-
nated by the reverse shock emission and possibly the
trail emission. The reverse shock propagates into the
ejecta, so the emission property, especially the linear
polarization degree, depends on the magnetization of
the ejecta. The neutron signature emission lasts only
tens to hundreds of seconds, which overlaps with the
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very early shocks emission. Only rapid response to
the trigger can catch it.

In this proceedings paper, we have summarized the
early afterglow signatures of magnetized GRBs and
neutron-rich GRBs. These signatures are likely de-
tectable by the Ultraviolet Optical Telescope (UVOT)
on board the Swift observatory. Close monitoring of
early afterglows from 10s to 1000s of seconds, when
combined with detailed theoretical modeling, could
be used to diagnose their existence, which may in turn
help us to reveal the nature of the GRB central engine
source.

Currently, there are just two well studied cases.
i.e. GRB 990123, and GRB 021211, whose early af-
terglow lightcurves are well consistent with reverse
shock emission from a moderately-magnetized flow
[7, 20, 24, 27, 33]. However, the magnetization it-
self does not mean the outflow is initially magnetized
since in the internal shock phase, random magnetic
fields are generated, significant part of which can not
be dissipated effectively. These magnetic fields could
be retained in the external shock phase to dominate
the reverse shock synchrotron emission. In this case,
there is no net polarization expected. Consequently,
the early polarization detection is necessary to draw
definitive conclusions on the initial magnetization of
the ejecta.
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[25] Mészáros, P., Rees, M. J. 1999, MNRAS, 306, L39
[26] Nakar, E., & Piran, T. 2004, MNRAS, 353, 647
[27] Panaitescu, A., & Kumar, P. 2004, MNRAS, 353,

511
[28] Rykoff, E. S. et al. 2004, ApJ, 601, 1013
[29] Sari, R., & Piran, T., 1999, ApJ, 517, L109
[30] Vlahakis, N., Peng, F., & Königl. 2003, ApJ, 594,

L23
[31] Wu, X. F., Dai, Z. G., Huang, Y. F., & Lu, T.

2003, MNRAS, 342, 1131
[32] Zhang, B., & Kobayashi, S. 2005, ApJ in press

(astro-ph/0404140)
[33] Zhang, B., Kobayashi, S., & Mészáros, P. 2003,
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Shock acceleration is a ubiquitous phenomenon in astrophysical plasmas. Plasma waves and their associated
instabilities (e.g., Buneman, Weibel and other two-stream instabilities) created in collisionless shocks are re-
sponsible for particle (electron, positron, and ion) acceleration. Using a 3-D relativistic electromagnetic particle
(REMP) code, we have investigated particle acceleration associated with a relativistic jet front propagating into
an ambient plasma. We find that the growth times of the Weibel instability in electron-positron jets are not
affected by the (electron-positron or electron-ion) ambient plasmas. However, the amplitudes of generated local
magnetic fields in the electron-ion ambient plasma are significantly larger than those in the electron-positron
ambient plasma. The small scale magnetic field structure generated by the Weibel instability is appropriate to
the generation of “jitter” radiation from deflected electrons (positrons) as opposed to synchrotron radiation.
The jitter radiation resulting from small angle deflected electrons may be important for understanding the
complex time structure and spectral evolution observed in gamma-ray bursts and other astrophysical sources
containing relativistic jets and relativistic collisionless shocks.

1. INTRODUCTION

Nonthermal radiation observed from astrophysi-
cal systems containing relativistic jets and shocks,
e.g., active galactic nuclei (AGNs), gamma-ray bursts
(GRBs), and Galactic microquasar systems usually
has power-law emission spectra. In most of these
systems, the emission is thought to be generated by
accelerated electrons through the synchrotron and/or
inverse Compton mechanisms. Radiation from these
systems is observed in the radio through the gamma-
ray region. Radiation in optical and higher frequencies
typically requires particle re-acceleration in order to
counter radiative losses.

Fermi acceleration is the mechanism usually as-
sumed for the acceleration of particles in astrophysical
environments characterized by a power-law spectrum.
This mechanism for particle acceleration relies on the
shock jump conditions in relativistic shocks [e.g., 1,
2]. Most astrophysical shocks are collisionless since
dissipation is dominated by wave-particle interactions
rather than particle-particle collisions. Diffusive shock
acceleration (DSA) relies on repeated scattering of
charged particles by magnetic irregularities (Alfvén
waves) to confine the particles near the shocks. How-

ever, particle acceleration near relativistic shocks can-
not be characterized as DSA because the propaga-
tion of accelerated particles ahead of the shock can-
not be described by spatial diffusion. Anisotropies in
the angular distribution of the accelerated particles
are large, and the diffusion approximation for spatial
transport does not apply [3].

Particle-in-cell (PIC) simulations can shed light on
the physical mechanism of particle acceleration that
occurs in the complicated dynamics within relativistic
shocks. Recent PIC simulations using injected rela-
tivistic electron-ion jets show that acceleration occurs
within the downstream jet, rather than by the scat-
tering of particles back and forth across the shock as
in Fermi acceleration [4-10]. In general, these inde-
pendent simulations have confirmed that relativistic
jets excite the Weibel instability [11]. The Weibel in-
stability generates current filaments with associated
magnetic fields [12], and accelerates electrons [4-10].

In this paper we present new simulation results of
particle acceleration and magnetic field generation in
relativistic electron-positron shocks using 3-D rela-
tivistic electromagnetic particle-in-cell (REMP) simu-
lations. We have performed two simulations in which
an electro-positron jet is injected into two different
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Figure 1: 2D images in the x− z plane at y = 43∆ ((a) and (b)) and in the x− y plane at z = 230∆ a flat jet injected
into a unmagnetized ambient medium shown at t = 28.8/ωpe. Colors indicate the y-component of the current density
(Jy) ((a) and (b)) and z-component of the current density (Jz) ((c) and (d)) for electron-positron ((a) and (c)) and
electron-ion ((b) and (d)) ambient plasmas. Their peaks are (a) 15.6, (b) 23.9, (c) 54.7, and (d) 95.6. Arrows show
Jz, Jx ((a) and (b)) and Bx, By ((c) and (d)).

ambient plasmas (electron-positron and electron-ion).
In our new simulations, the growth rate of the Weibel
instability and its evolution with different ambient
plasmas have been studied without an initial ambi-

ent magnetic field.
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Figure 2: One-dimensional cuts along the z-direction (25 ≤ z/∆ ≤ 154) of a flat jet. Shown are the x-components of
the magnetic field shown at t = 238.8/ωpe for unmagnetized electron-positron (a) and electron-ion (b) ambient plasmas.
Cuts are taken at x/∆ = 38 and y/∆ = 33(blue), 43(red), 53(green) and separated by about an electron skin depth.

2. SIMULATION SETUP AND RESULTS

Two simulations were performed using an 85 ×
85 × 320 grid with a total of 180 million particles
(27 particles/cell/species for the ambient plasma) and
an electron skin depth, λce = c/ωpe = 9.6∆, where
ωpe = (4πe2ne/me)1/2 is the electron plasma fre-
quency and ∆ is the grid size [5, 8].

The particle number density of the jet is 0.741nb,
where nb is the density of ambient (background) elec-
trons. The average jet velocities in the two simulations
are vj = 0.9798c corresponding to Lorentz factors of
5 (2.0 MeV). The jets are cold (ve

j,th = vp
j,th = 0.01c)

in the rest frame of the ambient plasma where c is
the speed of light. Electron-positron plasmas have
mass ratio mp/me = 1. The mass ratio of ion and
electron is mi/me = 20. The electron (positron)
and ion thermal velocities in the ambient plasmas are
ve
th = vp

th = 0.1c and vi
th = 0.022c, respectively. The

time step ∆t = 0.013/ωpe.
The electrons are deflected by the transverse mag-

netic fields (Bx, By) via the Lorentz force: −e(v×B),
generated by current filaments (Jz), which in turn en-
hance the transverse magnetic fields [5, 6, 8]. The
complicated filamented structures resulting from the
Weibel instability have diameters on the order of the
electron skin depth (λce = 9.6∆). This is in good
agreement with the prediction of λ ≈ 21/4cγ

1/2
th /ωpe ≈

1.188λce = 11.4∆ [12]. Here, γth ∼ 1 is a thermal
Lorentz factor. At the earlier time smaller current
filaments are generated. However, in the electron-
positron jets because of larger growth rates, the cur-
rent filaments are coalesced in the transverse direction
in the nonlinear stage as shown by Nishikawa et al.
[13, 14]. The longitudinal current (Jz) in the electron-
positron jet shows significantly more transverse vari-
ation than in the electron-ion jets [13, 14].

Current filaments resulting from development of the

Weibel instability behind the jet front are shown in
Fig. 1 at time t = 28.8/ωpe for unmagnetized electron-
positron ((a) and (c)) and electron-ion ((b) and (d))
ambient plasmas. Figures 1a and 1b show the y-
component of the current density in the z − x plane
at y = 43∆. The maximum values of Jy are (a) 15.6
and (b) 23.9, respectively. The arrows show the per-
turbed currents (Jz, Jx). Figures 1c and 1d show the
z-component of the current density in the x− y plane
at z = 230∆. The arrows show the magnetic fields
(Bx, By) created by Jz and their maximum values are
(c) 54.7 and (d) 95.6, respectively. Based on these
figures the maximum values of the generated current
densities (magnetic fields) are larger in the electron-
ion ambient plasmas. The ambient ions are responsi-
ble for the larger maximum current densities.

It should be noted that as shown in the previous
work for the different jet types ((a) electron-positron
and (b) electron-ion) injected into ambient plasmas
with the jet composition, the maximum current den-
sities have different structures [13, 14]. Current fila-
ments resulting from development of the Weibel insta-
bility behind the jet front (at z = 230∆) are obtained
at time t = 28.8/ωpe for two different cases with un-
magnetized ambient plasmas. The maximum values
of Jz are (a) ±54.7 (as same as Fig. 1a), (b)−123.6,
respectively. The electro-positron jets show electron
(negative) and positron (positive) current filamenta-
tions, since both species contribute to the Weibel in-
stability. On the other hand, at this simulation time
mainly electron jets generate (negative) current fila-
mentations. In the electron-ion jet at this time only
electrons are contributing in exciting the Weibel insta-
bility, electron current channels are dominate, there-
fore Jz has the negative value.

The differences in the generated current densities
(Jz) between the different ambient plasmas are seen
more clearly in the x-component of the generated

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

32211



Figure 3: Velocity distributions of jet electrons two cases as Fig. 1 at t = 28.8/ωpe ((a)and (b): electron-positron
ambient plasma, (c) and (d) electron-ion ambient plasma. Jet electrons are binned as a function of γv⊥ ((a) and (c))

and γv‖ ((b) and (d)), and γv⊥, where γ = (1− (v2
‖ + v2

⊥)/c2)−1/2. The blue and red curves show the distributions of
injected and shocked jet electrons.

magnetic fields as shown in Fig. 2. The ampli-
tudes of Bx in the electron-ion ambient plasma (b)
are much larger than those in the electron-positron
ambient plasma (a). The distances between peaks in
(b) are clearly larger than those in (a). This seems
to come from the fact that the ambient ions are af-
fecting the growth of the Weibel instability. These
differences in the amplitudes and structures will af-
fect the emission, which needs to be calculated from
an ensemble of all particles (electrons and positrons).
Since magnetic fields are generated by the Weibel in-
stability “jitter” radiation need to be considered by
the deflected electrons (positrons) [15, 16, 17]. In or-
der to examine the saturated magnetic fields we need
much longer simulations, which are in progress at the
present time.

The Weibel instability is aperiodic, i.e., ωreal ∼ 0
(convective) [12]. Thus, it can be saturated only by
nonlinear effects and not by kinetic effects, such as
collisionless damping or resonance broadening. Hence

the magnetic field can be amplified to very high val-
ues. This characteristic is seen in Fig. 2b. The time
evolution of the Bx shows that its amplitudes grow as
the jet propagates without any significant oscillations
in the frame of the jet.

Simulation results show that smaller scale current
filaments appear immediately behind the jet front.
Smaller filaments merge into larger filaments behind
the jet front in the non-linear stage. This phenom-
enon is seen in Fig. 2. In particular Figure 2b shows
a large and long wavelength just behind the jet front.

It should be noted that a long simulation with
electron-ion jet with γ = 15 show that the electron
Weibel instability switches to the ion Weibel instabil-
ity [9]. The ion current channels with the ion skin
depth contribute to accelerating electrons [4, 7, 9].

The acceleration of electrons has been reported in
previous work [4-10, 13, 14]. Figure 3 shows that the
cold jet electrons are accelerated and decelerated. As
expected, at this time jet electrons in the electron-

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

42211



positron ambient plasma (b) are thermalized more
strongly than those in the electron-ion ambient plasma
(d). The blue curves in Figs. 3b and 3d are close to the
initial distribution of injected jet electrons (half of jet
electrons). We also see that the kinetic energy (paral-
lel velocity v‖ ≈ vj) of the jet electrons is transferred
to the perpendicular velocity via the electric and mag-
netic fields generated by the Weibel instability [11,
12]. The strongest transverse acceleration of jet elec-
trons accompanies the strongest deceleration of elec-
tron flow and occurs between z/∆ = 210 − 240. The
transverse velocity distribution of jet in the electron-
positron ambient plasma (at the peak value) is slightly
more accelerated than that in the electron-ion ambi-
ent plasma as shown in the red curves in Figs. 3a
and 3c. The strongest acceleration takes place around
the maximum amplitude of perturbations due to the
Weibel instability at z/∆ ∼ 230 as seen in Figs 1a and
1b.

3. SUMMARY AND DISCUSSION

We have performed self-consistent, three-
dimensional relativistic particle simulations of
relativistic electron-positron jets propagating into
unmagnetized electron-positron and electron-ion
ambient plasmas. The main acceleration of electrons
takes place in the region behind the shock front [4-5,
7-10, 13, 14, 17]. Processes in the relativistic colli-
sionless shock are dominated by structures produced
by the Weibel instability. This instability is excited
in the downstream region behind the jet head, where
electron density perturbations lead to the formation
of current filaments. The nonuniform electric field
and magnetic field structures associated with these
current filaments decelerate the jet electrons and
positrons, while accelerating the ambient electrons
and positrons, and accelerating (heating) the jet and
ambient electrons and positrons in the transverse
direction.

The effects of the different ambient plasmas have
been investigated in this report. In spite of the lo-
cal larger current filaments generated in the electron-
ion ambient plasma, the total jet electron acceleration
is smaller than that in the electron-positron ambient
plasma.

The growth rates depend on the Lorentz factors of
the jet as suggested by the theory [12]. E-fold time is
written as τ ' √

γsh/ωpe, where γsh is the Lorentz fac-
tor of the shock. The simulation results show that the
growth time becomes larger with the larger Lorentz
factor [18].

Other simulations with different skin depths and
plasma frequencies confirm that both simulations have
enough resolution and the electron Weibel instability
is characterized by the electron skin depth [8].

An additional simulation in which an electron-ion
jet is injected into an ambient plasma with perpendic-
ular magnetic field shows magnetic reconnection due
to the generation of an antiparallel magnetic field gen-
erated by bending of jet electron trajectories, conse-
quently jet electrons are subject to strong non-thermal
acceleration [10].

The generation of magnetic fields both with and
without an initial magnetic field suggests that emis-
sion in GRB afterglows and Crab-like pulsar winds
could be either synchrotron or jitter emission [15, 16,
17]. The filament sizes appear to be smaller than can
produce observable variations in intensity structure.
However, this small size can mean that the deflection
angle, α ∼ eB⊥λB/γmec

2, of particles by Weibel fil-
aments is smaller than the radiation beaming angle,
∆θ ∼ 1/γ [12]. Here λB ∼ λce, eB⊥/mec < Ωe, and
the ratio δ ∼ α/∆θ < Ωe/ωpe will be less than one
when the cyclotron frequency is less than the plasma
frequency. Thus, when ambient magnetic fields are
moderate, i.e., the cyclotron frequency is less than the
plasma frequency and δ < 1, the emission may corre-
spond to jitter rather than synchrotron radiation [15,
16, 17].

The fundamental characteristics of relativistic
shocks are essential for a proper understanding of the
prompt gamma-ray and afterglow emission in gamma-
ray bursts, and also to an understanding of the par-
ticle reacceleration processes and emission from the
shocked regions in relativistic AGN jets. Since the
shock dynamics is complex and subtle, more compre-
hensive studies are required to better understand the
acceleration of electrons, the generation of magnetic
fields and the associated emission. This further study
will provide insight into basic relativistic collisionless
shock characteristics needed to provide a firm phys-
ical basis for modeling the emission from shocks in
relativistic flows.
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and ÅNordlund, Collisionless Shocks - Mag-
netic Field Generation and Particle Accelera-
tion, in Proc. From 1st NBSI on Beams and
Jets in Gamma Ray Bursts, held at NBI-
fAFG/NORDITA, Copenhagen, Denmark, Au-
gust, 1-6, 2002, (2003) (astro-ph/0303360)

[5] K.-I. Nishikawa, P. Hardee, G. Richardson, R.
Preece, H. Sol, and G. J. Fishman, Particle ac-
celeration in relativistic jets due to Weibel insta-
bility, ApJ, 595, 555 (2003)

[6] L. O. Silva, R. A. Fonseca, J. W. Tonge, J. M.
Dawson, W. B. Mori, and M. V. Medvedev, Near-
equipartition magnetic field generation and non
thermal particle acceleration, ApJ, 596, L121
(2003)

[7] J. T. Frederiksen, C. B. Hededal, T. Haugbølle,
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Relativistic Jet Propagation and Dynamics in Massive Progenitor and
ISM of GRBs

A. Mizuta, S. Nagataki, and S. Mineshige
Yukawa Institute for Theoretical Physics, Kyoto University, Kyoto, 606-8502, JAPAN

We investigate the propagation of the jet in the progenitor using two dimensional relativistic hydrodynamic
simulations. The scenario of the collapasr as the central engine of the gamma-ray burst requests that a collimated
outflow should emerge from the center of the core to be observed as a gamma-ray burst later. Several types
of jets are studied to see what type of the outflow from the center can propagate in the progenitor keeping
collimated structure and break out the surface of the progenitor. The relativistic flow with the bulk Lorentz
factor is 5 can propagate and break out of the progenitor. After the eruption, high velocity component survives
along the cylindrical axis. The hot jet can tunnel into the progenitor converting its thermal energy into kinetic
energy. The cold and slow (v = 0.3c) jet model does not collimate and expands where the jet is injected.

1. INTRODUCTION

Recent observations of gamma-ray bursts (GRBs)
associated with supernovae (SNe), for example,
GRB980425/SN1998bw [Galama et al. 1998] and
GRB030329/SN2003dh [Hjorth et al. 2003, Price et
al. 2003, Stanek et al. 2003, Uemura et al. 2003], are
one of the strong evidences that the origin of the GRBs
are SNe. A model of the collapsar which is a death
of a massive star at the last stage of the stellar evolu-
tion was proposed by MacFadyen and Woosley [1999],
Woosley [1993] as a central engine of GRBs. When
the iron core is collapsed, a system of a black hole
or proto-neutron star and accretion disk is formed in
the center of the progenitor. Then outer envelopes
begin a free fall. Some fraction of the collapsing gas
becomes outflow from the system of the central object
and accretion disk. Since the time scale of the free fall
of envelopes is longer than the dynamical time scale
of the crossing jet. After the formation of the outflow
the flow should propagate in the progenitor and break
through the surface of the progenitor into interstellar
medium. Finally the outflow is observed as GRBs and
afterglows.

The dynamics of the jet into some ambient gas is es-
sentially multidimensional phenomena as well known
in the numerical simulations of the propagation of
AGN jets (for example Mizuta et al. [2004], also see
references therein). Some numerical relativistic hy-
drodynamic simulations have been done in the con-
text of collapsar’s model. Aloy et al. [2000] included
relativistic effect in the model by MacFadyen and
Woosley [1999]. They performed relativistic hydrody-
namic simulations depositing thermal energy around
the center of the progenitor assuming that the iron
core has been collapsed. Their initial mass density
profile is very flattened due to rotation of the progen-
itor. The deposited energy expands and forms very
collimated outflow, namely a “jet”. They got max-
imum Lorentz factor of the outflow about 40 when
the jet breaks. Zhang et al. [2003, 2004] showed some
numerical simulations of the jet propagation in the

progenitor and after breaking out from the progeni-
tor. Their model is mainly very hot jet. Injected jets
from the boundary always propagate in the progenitor
keeping good collimation.

The formation mechanism of the outflow from the
center of the progenitor is not understood yet. Ther-
mal deposition around the core in the models by Aloy
et al. [2000], MacFadyen and Woosley [1999] was as-
sumed that the annihilation of neutrino and anti-
neutrino occurs there. MHD model (for example,
Mizuno et al. [2004], Proga et al. [2003]) is still fas-
cinating for the formation of the jet from the system
of a compact object and accretion disk. The question
where the acceleration to relativistic regime happens
is also still open question on the GRBs, since observed
features of GRBs requres relativistic outflow in which
bulk Lorentz factor is a few hundreds.

We performed several numerical simulations on the
jet propagation in the progenitor and ISM to help us
to explore the formation mechanism of the outflow
around the center of the progenitor. We discuss what
type of outflow the central system should form with
wide range of parametric search of the injected jet.

2. NUMERICAL METHOD AND
CONDITIONS

2.1. Hydrodynamic Equations

We numerically solve two dimensional relativistic
hydrodynamic equations assuming the asxisymmetric
geometry. The equations are,

∂(ρΓ)
∂t

+
1
r

∂r(ρΓvr)
∂r

+
∂(ρΓvz)
∂z

= 0, (1)

∂(ρhΓ2vr)
∂t

+
1
r

∂r(ρhΓv2
r + p)

∂r
+
∂(ρhΓ2vrvz)

∂z

=
p

r
, (2)
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∂(ρhΓ2vz)
∂t

+
1
r

∂r(ρhΓ2vrvz)
∂r

+
∂(ρhΓ2v2

z + p)
∂z

= 0, (3)
∂(ρhΓ2 − p)

∂t
+

1
r

∂r(ρhΓ2vr)
∂r

+
∂(ρhΓ2vz)

∂z
= 0, (4)

where, ρ is rest mass density, p is pressure, vi is
three velocity component in i direction, Γ is Lorentz
factor (≡ (1 − v2)−1/2), and h is specific enthalpy
(≡ 1 + ε+ p/ρ), respectively. The equations are writ-
ten in the unit that the speed of light is unity. The
numerical hydrodynamic code used in Mizuta et al.
[2004] is employed in this study. The code adopts
Godunov-type scheme which is good for capturing a
strong shock with a few grid points. The code is sec-
ond order accuracy in space. In this study, we consider
the crossing jet in the progenitor and after breaking
the surface of the progenitor. Since this time scale
is smaller than that of free fall, we neglect gravita-
tional potential of the core. We also neglect self grav-
ity. When a jet is injected from the boundary into
the progenitor, a bow shock appears. Nucleosynthesis
could occur in the gas driven by this strong bow shock.
Since produced entropy due to the nucleosynthesis is
much smaller than that by strong shock jumps, we
do not consider energy sources in the energy equation
(Eq. 4). We assume the ideal gas equation of state
such as p = (γ − 1)ρε, where ε is specific internal en-
ergy, and γ(= 4/3 constant in this study) is adiabatic
index, respectively.

2.2. Progenitor and Jet Conditions

It is assumed that the progenitor is spherical sym-
metry when the iron core is collapsed. We adopt
mass profile in radial direction from the model by
Hashimoto [1995]. It has about 40 solar mass in the
main sequence and 16 solar mass at pre-supernovae
stage. The hydrogen envelope has already been lost.
Figure 1 shows the mass density profile of the radial
direction from the center to the surface. The inner
boundary for the computation is set to be 2× 108 cm
from the center of the progenitor. This condition cor-
responds that about two solar mass is collapsed and
forms the proto-neutron star or black hole and sur-
rounding accretion disk system. Since the pressure
becomes very high due to the strong bow shock, the
pressure of the progenitor is set to be very cold ini-
tially.

A jet which is parallel to the cylindrical (z) axis is
injected from the inner boundary. The radius (Rjet)

and power (Ėjet) of the jet is fixed to Rjet = 7×107cm

and Ėjet = 1051ergs sec−1 respectively. The energy

flux (Ėjet/πR
2
jet) which is also fixed value is uniform,

namely, it does not have any dependence of the radius.
Since the explosive energy of SN1998bw and 2003dh
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Figure 1: Mass density profile of the radial direction of
the progenitor from the center of the core at
pre-supernova stage. The profile r > 2×108cm is used for
the set up initial condition assuming spherical symmetry.
As a result, about two solar mass has collapsed.

is about 1052 ergs which is higher than the normal
explosive energy 1051 ergs [Hjorth et al. 2003, Iwamoto
et al. 1998, Woosley et al. 1999], about ten second
injection satisfies these explosive energies.

Another two parameters are necessary to set the jet
injection. The bulk Lorentz factor and specific inter-
nal energy are chosen for this. Each parameters char-
acterize the kinetic and thermal energy per particle of
the injected jet. As the Lorentz factor and/or specific
internal energy increase, the kinetic and/or thermal
energy per particle increase. The rest mass density
and pressure can be derived from these conditions.
As the specific internal energy and/or bulk Lorentz
factor increases, the rest mass density decreases. As-
suming that all internal energy is converted to kinetic
energy, the maximum bulk Lorentz factor is estimated
from energy conservation law.

Γmax ∼ Γ0(1 + ε0/c
2), (5)

where Γ0 is initial bulk Lorentz factor.
We performed six sets of parameters. Those are

mainly divided into two types. One is the model
with initially relativistic flows (Γ0 = 5, Faster model).
The other is non-relativistic model (v0 = 0.3c, Slower
model). Several specific internal energy (ε0/c2 =
0.5, 1, and 5) is tested and labeled as SA, SB, SC, FA,
FB, and FC (see Table I). The mass density varies
from a few tens to 104g cm−3. The mass density at the
most inner region for the computation is 106g cm−3.
All our model is initially so-called “light jet”. Such jet
is expected to interact with the backflow [Mizuta et
al. 2004] and have complex internal structures in the
jet. From eq. (5), the most predominant case for the
GRBs is the model FC (Γmax ∼ 30). Although this
Lorentz factor is still smaller than required one in the
GRBs, we expect that our parametric search can pre-
dict the cases with larger specific internal energy.
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Table I Numerical conditions of injected jets. Each
model is labeled as SA, SB, SC, FA, FB, and FC

���������ε0/c
2

Γ0 (v0/c)
1.05(0.3) 5(0.980)

0.1 SA FA

1.0 SB FB

5.0 SC FC

3. RESULTS AND DISCUSSION

3.1. Faster Models

At first, we discuss the cases of faster models (FA,
FB, and FC). Figure 2 (a) shows rest mass density and
Lorentz factor contour of the models FC at t=2.5 sec.
It should be noted that the origin of the figure is one
of the boundaries of the computational domain and
does not correspond to the center of the progenitor.
The bulk Lorentz factor increases in the progenitor
up to about 30. This value is in good agreement with
Eq. (5). Another models FA and FB also show simi-
lar dynamics, namely the flow is very collimated and
maximum Lorentz factor in the jet follows Eq. (5).

The pressure inside of the bow shock is almost uni-
form except at the head of the jet where three dis-
continuities such as a bow, contact discontinuity, and
reverse shock appear. At the reverse shock, the most
kinetic energy is converted to thermal energy. A back-
flow which is unti-parallel flow to the jet can be seen.
The interaction with jet and backflow enhances the
appearance of the oblique shocks in the jet which help
the reconfinement [Mizuta et al. 2004]. After the erup-
tion of the surface of the progenitor, we follow the
propagation of 1×1010 cm. An expansion occurs when
the break happens. But high velocity component sur-
vives along the cylindrical axis. We will follow the
propagation of longer space scale in near future.

Internal shock models introduced to explain very
short time variation of GRBs predicts about a few
hundred internal structures or “shells”. Although our
resolution can not resolve such fine structure, a simple
linear analysis by Aloy et al. [2002] concludes that
the time scale of crossing the jet in the progenitor is
enough long for the jet to grow the perturbation in
the jet.

3.2. Slower Models

On the contrary, the model SA behaves very differ-
ent. Figure 2 (b) shows rest mass density and Lorentz
factor contour of the model SA at t = 10sec. The
injected flow from the boundary expands soon. Since
the backflow from the head of the jet does not ap-
pear, the mass is collected at the head. Figure 3 is for
the comparison of pressure jump along the cylindrical

axis by the bow shock at the early phase of the simula-
tion. The pressure driven by bow shock in the model
SA is smaller than that in the model FC. You can also
see some internal shocks in the jet in the model FC.
On the contrary the profile in the model SA is very
smooth along the axis. The difference is just weather
a backflow and reconfinement shock appear or not.
The reverse shock separates from the bow shock in
time. Then the injected flow is bi-forked. The model
SA is the most un-collimated case. As the internal en-
ergy in the injected jet increases, the flow collimates
well. The model SC is well collimated like the model
FC. Because the initial bulk Lorentz factor is small,
the maximum Lorentz factor is not so large, only a
few. The acceleration occurs at the injection point.
We expect that the jet with larger specific internal
energy can produce enough large Lorentz factor for
GRBs even if the initial flow is non-relativistic one.

4. SUMMARY

We investigate the propagation and dynamics of the
jet in the progenitor and ISM of GRBs. The relativis-
tic injected jets (Faster models) can propagate in the
progenitor keeping very collimated structure. After
the eruption the expansion into ISM occurs. But there
still high velocity component along the cylindrical axis
within the half opening angle of several degrees. This
would be observed as GRBs later. In the collimated
outflow, we can see some internal structures caused
by the interaction between the jet and backflow.

The model SA which is slower and colder than any
other models does not collimate in the progenitor.
Smaller velocity can not drive the progenitor gas by a
bow shock. The reconfinement shocks which are nec-
essary to keep the collimation does not appear. The
central region should form the outflow with directivity
with large internal energy.
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Aloy, M.-A., Ibáñez, J.-M., Miralles, J.-A., & Urpin,
V. 2002, A&A, 396, 693

2212

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



(a)

(b)

r
r

Figure 2: Rest mass density and Lorentz factor contour of the model FC at t = when the break happens.

Aloy, M. A., Müller, E., Ibáñez, J. M., Mart́ı, J. M.,
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Figure 3: Pressure profile along the cylindrical axis from
the inner boundary at the very early phase of the
simulations. Two models (SA, FC) are presented for the
comparison. The pressure driven by the bow shock in the
model FC is higher than that in the model SA. The
profile of the model FC has internal structures by the
reconfinement shock caused by the interaction between
jet and backflow.
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Low Peak Energies in Dim GRBs and the BATSE Fluence Distributions
Z. Bosnjak, A. Celotti
S.I.S.S.A., via Beirut 2-4, I-34014, Trieste, Italy
F. Longo, G. Barbiellini
Department of Physics and INFN, via Valerio 2, I-34100 Trieste, Italy

We find that it is possible to reproduce the long gamma–ray burst (GRB) distribution of fluences under the
assumptions that the GRB redshift distribution follows the star formation rate and that the recently proposed
correlations between GRB energetics and peak energies hold for all bright (BATSE) GRBs. If the observed
distribution of peak energies is extended toward lower values with respect to those characterizing bright events,
the fluence distribution for all BATSE long GRBs (bright and dim) can be also accounted for.

1. INTRODUCTION

The recent findings of correlations between the
energetics of the prompt emission and the spectral
properties of GRBs could have an important role in
constraining the mechanism(s) producing the prompt
emission and the fireball dynamics, and would have a
strong impact in the cosmological use of GRBs. Cor-
relations have been proposed by several authors. [1]
have examined the correlation between observed peak
energies and peak fluxes searching for evidence of red-
shift effects; [2] suggested the existence of a strong cor-
relation between peak energies and the total fluence,
claiming its consistence with the internal shock model.
More recent findings include the correlation between
intrinsic peak energy Epeak (in νf(ν)) and peak lumi-
nosity ([3]), and the correlation between Epeak and the
total isotropic energy (Eiso ∝ E0.5

peak), both based on a
study of a handful of GRBs with measured redshifts
([4]). Finally, [5] found an even tighter relation be-
tween the Epeak and the prompt energy corrected for
the jet opening angle (as estimated from the achro-
matic break in afterglow light curves (see e.g. [6]),
Eγ ∝ E0.7

peak. As these results have been found from
a rather limited number of GRBs (with available red-
shift and afterglow measurements) it is crucial to es-
tablish whether they represent a robust property of
all GRBs.

To this aim we ([8]) focused on testing whether the
relations found by [4] and [5] [hereafter A02 and G04]
are consistent with the observed statistical properties
(fluence distributions) of the bulk of the BATSE long
GRBs, under the assumption that the GRBt redshift
distribution follows the cosmological star formation
rate.

2. METHOD

We initially considered a sample of 156 bursts (se-
lected for either high peak flux or high fluence) for
which [7] reported the results of their time resolved
spectral analysis. The distribution (time-averaged) of

the corresponding peak energies is shown in Fig. 2.
We simulated - via Monte Carlo method - the fluence
distribution for this population of (’bright’) GRBs, as
follows:

• within the plausible scenarios for the origin of
long GRBs involving the death of massive stars,
we assumed that the GRB population follows
the star formation rate distribution in redshift
(as estimated by [9]);

• we randomly assigned a redshift and a charac-
teristic Epeak to each event;

• we adopted the A02 correlation to estimate the
corresponding energetics - note that when ap-
plying the empirical relations we introduced the
scatter around their best fit lines, as a sim-
ple Gaussian spread in logarithmic energy (with
width σ=0.17 for the A02);

• by applying the cosmological corrections 1, we
estimated the corresponding fluence in the 50-
300 keV energy range (a typical Band spec-
tral ([10]) representation with α = −1 and
β = −2.25 has been adopted, see[7] );

• we compared the resulting fluence distribution
with that of bright BATSE GRBs2.

The analogous procedure applying the G04 relation,
i.e. using the collimation-corrected energies instead of
the isotropic ones, requires the information on the jet
opening angle distribution for the whole sample. G04
considered the sample of 22 GRBs with known jet
break time from which the collimation angle θ could
be derived. Based on these few estimates, we assumed
that the jet opening angles follow a lognormal distri-
bution.

Furthermore, we applied this method to a larger
sample of BATSE bursts (∼ 1500 events), to test

1Throughout this work we adopt a ‘concordance’ cosmology
2http://cossc.gsfc.nasa.gov/batse/BATSE Ctlg/flux.html
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Figure 1: Fluence distributions for the whole BATSE long population (solid line) and ’bright’ GRBs analyzed by
[7](dotted line). Dashed and dot-dashed lines show the fluence distributions resulting from the simulations assuming
the A02 relation.

whether the above correlations between energetics and
spectral properties are independent of selection ef-
fects.

We quantified our results via statistical tests. We
adopted as the relevant parameter the maximum dif-
ference D between the cumulative (observed and sim-
ulated) distributions as in the Kolmogorov-Smirnov
statistics. Although the probability that the two dis-
tributions stem from the same parent one is only PKS

= 0.002 for the limiting value of D accepted in our
analysis (D> 0.07), we adopted this value as a quan-
titative condition for the consistency of the model and
experimental distributions.

3. RESULTS AND DISCUSSION

We find that a cosmological GRB distribution fol-
lowing the star formation rate satisfying the correla-
tion between the intrinsic peak energy and the total
energy radiated during the prompt phase can indeed
account for the fluence distributions as observed by
BATSE.

For the sample of bright bursts with known spec-
tral properties the agreement with the simulated
events corresponds to a K-S probability of PKS=0.06
(Fig. 1).

To test for the validity of the correlations at lower
fluences one needs to extrapolate the observed peak
energy distribution toward lower values, as the intrin-
sic correlations between spectral properties and en-
ergetics dominate over the cosmological effects. To

Figure 2: Distribution of the peak energies. Dotted line:
the time-averaged results reported by [7]; solid line: the
assumed lognormal distribution of peak energies
accounting for the observed fluences of all long GRBs.

this effect we assumed a lognormal distribution for
the peak energies. We stress the fact that the required
statistical agreement for the fluence distributions (see
Fig. 1) strongly constrains the Epeak distribution, to
that reported in Fig. 2, where the majority of GRBs
has Epeak ∼ 80 keV. Note that this would correspond
to the Epeak distribution for (only) BATSE GRBs.

In an analogous way we tested the G04 relation. As
mentioned we assumed a distribution of the jet colli-
mation angles following the experimental one. How-
ever, in order to account also for the large sample
comprising dim GRBs, larger angles have to be con-
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Figure 3: Jet opening angle distribution. Solid and
dotted lines represent estimated and limits on the
opening angles (from G04), respectively. Dashed
(dot-dashed) line represents the assumed lognormal
distribution for the sample of 156 bright GRBs (for the
large BATSE sample).

sidered (see e.g. [11], [12]): the corresponding dis-
tribution peaks around ∼6-8o and extends to 20-25o

(Fig. 3).
The general conclusion (see [8] for details) is that

the intrinsic energetics of GRBs dominate over the
cosmological distance distribution in accounting for
the observed range of fluences: the distributions of
peak energies and jet opening angles measured so far
for the ’bright’ events cannnot account for the whole
observed fluence distribution (including dim GRBs).
This result supports the possibility that the proposed
spectral-energetics correlations (A02 and G04) might
be indeed representing a general property of long
GRBs.

The extension of the Epeak distribution toward the
range of definition of X-ray rich GRBs corresponds to

a rising number of events at lower Epeak with respect
to that of bright GRBs. This finding has been a pos-
teriori supported by its consistency with the proper-
ties of the GRB sample analyzed by [3] (with fluences
lower than those of the [7] GRBs). The larger sample
of bursts with known redshifts, lower Epeak and pos-
sibly opening angles that will be provided by HETE
and Swift will be decisive in confirming/discarding the
above empirical correlations.

Acknowledgments

The Italian MIUR and INAF are acknowledged for
financial support (ZB and AC).

References

[1] Malozzi R.S. et al., 1995, ApJ, 454, 597
[2] Lloyd N. M., Petrosian V., Mallozzi R. S., 2000,

ApJ, 534, 227
[3] Yonetoku D. et al., 2004, ApJ, 609, 935
[4] Amati L. et al., 2002, A&A, 390, 81
[5] Ghirlanda G., Ghisellini G., Lazzati D., 2004,

ApJ, 616, 331
[6] Frail D. A. et al., 2001, ApJ, 562, L55
[7] Preece R. D., Briggs M. S., Mallozzi R. S.,

Pendleton G. N., Paciesas W. S., Band D. L.,
2000, ApJS, 126, 19

[8] Bosnjak Z., Celotti A., Longo F., Barbiellini G.,
2005, MNRAS, submitted

[9] Madau P., Pozzetti L., 2000, MNRAS, 312, L9
[10] Band D. L. et al., 1993, ApJ, 413, 281
[11] Panaitescu A., Kumar, P., 2002, ApJ, 571, 779
[12] Kobayashi S. et al., 2002, ApJ, 577, 302

2215

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



Cosmological Implications of Compton Tails in Long Duration GRB
F. Longo, G. Barbiellini
University of Trieste and INFN, Sezione di Trieste, Italy
Z.M. Bosnjak and A. Celotti
SISSA, Trieste

The recent suggestion of the possible presence of a significant amount of material (Thomson optical depth ∼ 1)
at rest and at a typical distance of ∼ 1015 cm with respect to the GRB is presented. The relevance of such
interpretation for GRB energetics and its cosmological implications is outlined.

1. Introduction

The detection of GRB optical counterparts has al-
lowed to measure (since 1997) their redshifts, showing
that they are cosmological sources. The broad red-
shift interval (presently extending out to z∼4.5) and
the huge power emitted in the prompt γ-ray phase,
make these sources excellent candidates to probe the
distant universe. The continous progress on the de-
termination of the main GRB phenomenological (tem-
poral and spectral) properties is providing new clues
on their nature: in particular intrinsic correlations
have been recently revealed between the GRB spec-
tral characteristics and their global energetics, which
can potentially allow to use GRB as rulers to measure
the cosmological parameters.

It is stressed the relevance both for the GRB un-
derstanding and for their cosmological use of assessing
the role of the material present in the GRB environ-
ment. In fact, the statistical analysis of a large sample
(400) of GRB light curves has revealed the presence
of late time structures (about 300 s and 800 s after
the burst) which might be indeed interpreted as the
effect of the interaction of the burst photons with a
relatively dense ambient medium[1].

2. GRB Properties and Cosmology

The large sample of GRB recorded by BATSE[2]
showed an isotropic sky distribution (in galactic co-
ordinates) which already supported a likely cosmo-
logical origin of these sources (contrary to the most
accredited interpretations which, still in the middle
of the 90s, were associating these events with galactic
phenomena)[3].

The definite settling of the galactic vs extragalac-
tic debate was reached in 1997 when the Italian-
Dutch satellite BeppoSAX localized with arcmin ac-
curacy the afterglow of GRB 970508, allowing the
spectroscpic measure of its redshift (z=0.835)[4].
Currently a redshift has been estimated for about
42 events, and ranges from z=0.0085 (the nearest
GRB 980425)[5] to z=4.5 (for GRB 000131)[6]. These

comprise bursts detected also by instruments other
than BATSE, i.e. BeppoSAX, RXTE, INTEGRAL
and Hete-II. The z distribution and the position of
GRB within their host galaxies suggest a possible rela-
tion between GRB and star forming regions, providing
support for models which associate GRB events with
the death of massive stars.

Among the many results obtained on GRB with
known redshift, three key aspects are relevant here.

(1) Signatures of a nearly simoultaneous supernova
event have been detected for 3 GRB at z < 0.3 (e.g.
ref.[7] for a recent review). On one side they clearly
strengthen the possible association of GRB and SN
events as predicted by a large category of theoretical
models, and on the other side they suggest that GRB
are located in a rather “polluted” environments.

(2) The afterglow light curve often presents a steep-
ening between a few hours and several days after the
γ-ray event. This “break” in the light curve has
been interpreted within the GRB standard model[8]
as the evidence that the GRB relativistic outflow
is anisotropic and collimated in a jetted structure.
According to this model the measure of this break
time allows to infer the jet opening angle: the esti-
mates give (so far) values ranging between 3 and 25
degrees[9]. Such a strong anisotropy clearly affects
any estimate of the GRB energetics (with respect to
the isotropic hypothesis).

(3) The investigation of the GRB (rest frame) emis-
sion properties revealed a strong correlation between
the burst emitted energy (inferred assuming isotropic
emission) Eiso and its characteristic spectral energy,
i.e. the energy at which most of the radiation is emit-
ted, Epeak[10]. Intriguingly, if the GRB energetics is
corrected for the collimation angle θ, the resulting cor-
relation between “true” energetics Eγ = Eiso(1−cos θ)
and Epeak is even tighter[11]. Clearly such finding has
the potential of allowing the use of GRB as standard
candles to constrain the cosmological parameters[12].
These correlations between the energetics of GRB and
the peak energy of their prompt emission are recently
found to account for the observed fluence distribu-
tion of all ‘bright’ BATSE GRB. Furthermore for an
intrinsic GRB peak energy distribution extending to-
ward lower energies with respect to that characterizing
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bright GRB, such correlations allow to reproduce the
fluence distribution of the whole BATSE long GRB
population[13].

3. GRB Progenitors and Circumburst
Material

The standard model of long duration GRBs sug-
gests that the progenitor of these cosmic explosion
might well be massive stars at the end of their
lives[14, 15]. In this scenario the history of the burst
progenitor (e.g. intense stellar wind phases) should
modify the circum–burst ambient medium (e.g. by
deposition of large amount of material)[16]. The pho-
tons emitted by the GRB afterglow should interact
with this thick environment. It has been proposed
([17, 18]) that the X–ray emission properties of the
GRB afterglow might give quantitative indications of
the physical properties of this material (e.g. composi-
tion, density and distribution). Nevertheless, also the
prompt γ ray photons might interact with such mate-
rial and produce observable effects still in the prompt
phase[19].

The possible association of GRB with massive stars
suggests the possible presence of a significant amount
of material in the circumburst region. In such a sce-
nario the delayed emission could naturally correspond
to the GRB prompt radiation reprocessed by such in-
tervening material[1]. In the late time (∼ 102 − 103

sec) GRB light curve a (low luminosity) residual emis-
sion due to Compton scattered photons by the exter-
nal material might be revealed. A systematic search
in the light curves of a statistically relevant set of 400
BATSE GRB for possible evidence of afterglow emis-
sion has revealed a significant excess of photons (with
respect to average background) after ∼ 300 and ∼ 800
s since the burst trigger[20]. If this experimental result
is indeed due to Compton scattering by the external
medium, we can constrain the material distance R0

and its column density. Moreover, in this scenario,
the magnitude and time-of-appearance (with respect
to the peak) of the Compton tail may be correlated
with the burst intensity.

4. Compton Scattering by Circumburst
Material

The material distributed around the burst interacts
with the prompt emission photons produced, accord-
ing to the standard scenario, by synchrotron emis-
sion in the internal shocks (e.g. [21]). These pho-
tons have typical energies between few keV and few
MeV. The Compton scattering is thus regulated by

the material cross section σ. We consider a simple
configuration (see fig. 1) in which the material is dis-
tributed in a (geometrically) thick shell between R0

and R0 + ∆R (where ∆R is ∼ R0). The material in
this shell is uniformly distributed with average density
〈n〉. The optical depth of this region can be expressed
as τ ∼ 〈n〉 ∆R σ. The burst is collimated into a cone
of semi–aperture θj (∼ 0.1 e.g. [9]).

The prompt γ–ray photons (of total number np)
produced in the internal shocks are attenuated by the
external material by a factor e−τ . The average photon
flux at the surface R0 + ∆R per unit solid angle and
unit time is

〈Ls〉 = 〈
dns

dΩ dt
〉 '

np e−τ

πθ2
s τgrb

·
θ2

s

θ2
j

where θs is the beaming angle of synchrotron emis-
sion (∼ 1/〈γe〉, where 〈γe〉 is the average electron en-
ergy in the post shock region) and τgrb is the burst
duration. This photon flux corresponds to the typical
prompt emission detected in the gamma ray band.

Similarly the photons np are Compton scattered by
the circum–burst material and appear at the surface
R0 + ∆R attenuated by a factor 1 − e−τ . Compton
scattering is nearly isotropic (i.e. scattered photons
are distributed over ∼ 2π) and the average flux is:

〈Lc〉 =
np (1 − e−τ )

2π τgeom

Compton scattering of the prompt photons intro-
duces a time delay in the observation of these pho-
tons. The typical timescale is regulated by the dif-
fusion of the photons within the shell and results

τgeom '
(R0+∆R)θ2

j

c
. (this value of τgeom is obtained

assuming the line of sight at the border of the jet
cone).

Moreover, also the incident spectrum of the photons
will be modified due to the energy dependence of the
scattering cross section. The observed Compton tail,
however, should be very similar to the prompt burst
spectrum above some tenths of keV. We also notice
that, in this scenario, the prompt emission that is not
scattered by the circum burst material preserves its
intrinsic time variability whereas the Compton emis-
sion, with a broad peak at ∼ τgeom/2, should be char-
acterized by a lower variability than the prompt burst.

The ratio between the attenuated synchrotron com-
ponent and the scattered Compton component is:

Q =
〈Lc〉

〈Ls〉
= (eτ − 1) ·

c τgrb

(R0 + ∆R)

Assuming a typical radius R0 ∼ 1015 cm (see Sec.3),
i.e. (R0 + ∆R) ∼ 2 · 1015 cm, and an aperture an-
gle θj = 4◦ (e.g. [9]), the maximum of the emission
of Compton scattered photons, with respect to the
prompt burst photons results at τgeom/2 ∼ 150 s.
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Figure 1: Attenuation of the the burst prompt photon
number by the interaction with the circum–burst
material.

Then for a typical bursts of average duration ∼ 20
s the ratio of the Compton to synchrotron luminosity
results Q ' 3 · 10−4(eτ − 1) τgrb,20 R−1

0,15.
Note that the Q ratio is independent from the jet

opening angle θj while the geometric time delay τgeom

depends from θ2
j . If an independent measure of τ were

available (e.g. from the X-ray features), R0 and θj

might be estimated from this Compton tail effect.
The search for this effect is difficult and possibly

complicated by the large dispersion of the (observed)
prompt emission luminosity observed in GRBs (e.g.
[22]). Nonetheless, the above picture predicts, for rea-
sonable assumptions on R0 and θj , that the typical
delay between the prompt and the scattered emission
should be of the order of some hundred seconds since
the burst trigger. Moreover, a critical point for the
detection of signals in the late burst light curve of the
order of few 10−4 of the burst prompt emission is the
presence of a variable and not uniform background.
Although very small, the ratio Q might still be de-
tected if accurate background subtraction, from the
burst light curve, is performed. Indeed, the detection
of a such a signal in the light curve, if interpreted
within this scenario, might further constrain the pa-
rameters of the external medium. In fact, in order to
observe both the attenuated and the Compton scat-
tered photons, the external material should have an
optical depth τ ' 1. If Q is measured from the burst
light curve it can be used to derive an estimate of the
external medium column density 〈n〉∆R = τ/σ.

5. Experimental Evidences

The analysis reported in ref.[20] compared the light
curves (in the 20-100 keV energy range) of ∼ 400
BATSE bursts in search of late γ ray emission which
could be possibly interpreted as the signature of the

Figure 2: Average ratio of the flux with respect to the
peak flux as a function of time for the sample of 400
GRB studied by ref. Bright (asterisks) and dim
(diamonds) GRB are represented. The solid lines show
the best power–law fits to the decay. The excesses with
respect to these fits in both luminosity classes are
significant at >3σ.

early afterglow. A particular effort has been done by
the author to properly subtract the background from
the bursts’ light curves in order to detect even the
faintest late time GRB tails. We re-considered the
results searching for any evidence of a possible tail
which instead might be due to the Compton scatter-
ing of the prompt GRB radiation by the circum–burst
material.

It is very unlikely that the matter around GRB
source has a constant column density and it is located
at a fixed distance. Under the hypothesis that the
GRB energetic is indeed more standard than the ab-
sorbing material amount and position, it is interesting
to investigate the possible dependence of the Compton
tail on different observed GRB intensities.

In the late light curves of the 400 GRB analysed
in the ref.[20], it is possible to identify two different
bumps in the count rate for bright and dim GRB
classes. The GRBs were divided into three classes:
bright GRBs with peak flux ≥ 1.5 phot/cm2 sec,
dim bursts with peak flux ≤ 0.65 phot/cm2 sec and
medium burst with intermediate flux. We could find
a clear evidence of a possible Compton tail (see fig.2)
only in the class of bright (asterisks) and dim (dia-
monds) bursts. The time of the peak of the Compton
tail in bright and dim bursts is ∼ 300 s and ∼ 800
s, respectively. The average residuals of the Compton
tail with respect to the fits (solid lines in fig.2) are
Qbright = (4.0±0.8)·10−4 and Qdim = (5.6±1.4)·10−3

with a considerable statistical significance (around 5
σ and 4 σ for the bright and dim class).

If we apply the formulae obtained in Sec. 4, tak-
ing a mean value of τgrb ∼ 50s for long GRB and a
mean jet opening angle θj ∼ 4◦(e.g. [9]), it is pos-
sible to derive a different value of the optical depth
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τ = ln
[

Qτgeom

θ2
j
τgrb

+ 1
]

for the two classes. This might

indicate that the circum–burst material has different
properties in dim and bright bursts: under the hy-
pothesis that their intrinsic emitted energy is stan-
dard, the observed different intensity might be due to
a largely distributed (for similar 〈n〉) absorbing mate-
rial or equivalently to a larger average density (for sim-
ilar ∆R) in dim bursts with respect to bright bursts.
Indeed the excesses of signal appearing at ∼ 800 and
∼ 300 s for the “B” and “D” GRB, respectively, re-
quire corresponding Thomson optical depths of the
material responsible for the scattering, of τB = 1.33
and τD = 2.75 at average distances from the progen-
itor of RB ∼ 1016 cm and RD ∼ 4.6 · 1015 cm, re-
spectively (assuming the same average value of the
jet opening angle ∼4 deg for both classes). Assum-
ing an isotropic distribution of the absorbing material
(and equal number of protons and neutrons) these val-
ues imply total masses for the material of MB ∼ 5M�

and MD ∼ 2M�.
Since the observed prompt GRB intensity is propor-

tional to e−τ , the GRB engine should correspondingly
emit a total energy E = eτEobs. The absorbed energy
is transferred to the Compton component:

ECompt = Eobs

Q

θ2
j

τgeom

τgrb

.

6. The Absorption Material and the Ep-Eγ

Correlation

The empirical Eγ–Epeak, as inferred by ref.[11] on
the basis of 15 GRB, is given by:

Epeak ∝ E(0.70±0.04)
γ

If indeed the scenario described above proved to be
correct and to occur in all GRB, this rest frame corre-
lation should be corrected for the effect of the scatter-
ing material, which would modify both the observed
flux and the GRB spectrum. The global qualitative
effect would be to produce a steeper correlation.

A more quantitative estimate of the predicted in-
trinsic relation between Eγ and Epeak at this stage can
be only tentative. As the GRB considered by ref.[11]
would mostly correspond to bright GRB (according
to the above definition) their average optical depth
would be τ ∼ 1.33, in turn causing a steepening the
correlation to approximately Epeak ∝ E0.8

γ . However,
such a simple assumption leads to a worsening of the
scatter in the correlation, indicating that one would
need to estimate τ for individual GRB to correct the
corresponding Eγ and Epeak. Despite this is not cur-
rently feasible, the point we wish to stress is that a

significant amount of material in the circumburst re-
gion could lead to incorrect estimates of the Eγ and
Epeak correlation, with implications both on the un-
derstanding of the physical origin of the relation and
its use for cosmology.

7. Conclusions

The recently found correlations between the spec-
tral properties and the total energy emitted by GRB
open the possibility of probing the Universe expan-
sion in the region of high z using them as distance
indicators. If there is a variable amount of material
between the emitting engine and the detector, in or-
der to understand its role in the observed empirical
correlations when the number of GRB will be a few
hundred (Swift), the amount of material associated
to each GRB has to be measured. A Compton tail
following the prompt signal with a typical delay of a
few hundred seconds from the trigger would be the
signature and the solution to this problem.
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We present a ballistic description of the propagation of the working surface of a relativistic jet. Using simple
laws of conservation of mass and linear momentum at the working surface, we obtain a full description of the
jet flow parametrised by the initial velocity and mass injection. This analysis will soon be applied to particular
cases of time-dependent injection of mass and velocity into the jet.

1. Introduction

The apparent superluminal knots observed along
the relativistic jets of quasars and microquasars are
usually interpreted as shock waves moving through the
jet. It is not perfectly understood what is the mecha-
nism that can generate internal working surfaces that
move along an astrophysical jet, but it is generally ac-
cepted that the formation of these shocks is produced
by a variation on the ejection flow velocity of the jet
material [see for example 1, and references within].

In this work we present a full relativistic generali-
sation of the non–relativistic one dimensional dynam-
ical description of internal working surfaces made by
Contó et al. [2] that can easily be applied to the most
energetic jets associated with quasars, microquasars
and GRB’s.

2. Dynamics of relativistic working
surfaces

To follow the evolution of the working surfaces, we
consider a source ejecting material in a preferred di-
rection x with a velocity u(τ) and a mass ejection rate
ṁ(τ), both dependent on time τ .

Once the material is ejected from the source, we
assume it will flow in a free-stream fashion [see e.g.
[1]]. The formation of a working surface is studied
as the intersection of two distinct parcels of material
ejected at times τ1 = 0 and τ2 = ∆t labelled by their
flow velocities u1 = u(τ1) and u2 = u(τ2) = u1 +
α∆t respectively (see Figure 1). If α > 0, the second
parcel will eventually reach the first parcel. At the
time τ2, the distance between the parcels is u0∆t and
thus the time tm (measured in the reference frame of
the source) when both parcels merge is given by

2 1
vws

Figure 1: When a fast velocity flow 2 moves over a slow
velocity flow 1, a working surface moving with velocity
vws is generated as a result of the interaction.

tm =
1
α
u1γ

2 (u1)
{

1 − u2
1

c2
− αu1∆t

c2

}
,

=
u1

α

{
1 − γ2αu1∆t

c2

}
,

(1)

where γ−2(u) := 1−u2/c2 represents the Lorentz fac-
tor of the flow with velocity u. The working surface
is formed at a distance df = u1(tm + ∆t) from the
source.

Following the non–relativistic formalism first pro-
posed by Cantó et al. [2], we assume that the work-
ing surface is thin and that there are no mass losses
within it (e.g. by sideways ejection of material [see
[3, 4]). Using the free-streaming condition, we can
then calculate the position xws of the working surface
from the downstream flow

xws = u1(t− τ1), (2)

or from the upstream flow
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xws = u2(t− τ2). (3)

On the other hand, since the flow is free–streaming,
the velocity of the working surface is given by the
velocity vws of it’s centre of mass, which is determined
by [5]

vws =
1
Mγ

∫ τ2

τ1

γ (u(t)) ṁ(t)u(t)dt, (4)

where the weighted mass Mγ ejected between times
τ1 and τ2 is

Mγ =
∫ τ2

τ1

γ (u(t)) ṁ(t)dt. (5)

With this velocity, the position of the working sur-
face is given by

xws = (t−τ2)vws+
1
Mγ

∫ τ2

τ1

γ (u(t)) ṁ(t)u(t) (t−τ2) dt.

(6)
For a given value of position xws, expressions (2),

(3) and (6) establish a relation between the times τ1
and τ2. The other is used to eliminate t. Taking τ2 as a
parameter, we can construct the position and velocity
of the working surface as a function of τ2 and calculate
relevant quantities such as the energy available on the
working surface.

To calculate the amount of energy radiated as the
working surface moves, we take into account the en-
ergy E0 the material had when it was ejected, i.e.

E0 =
∫ τ2

τ1

ṁ(τ) γ (u(τ)) c2dτ, (7)

and the energy Ews of the material inside the working
surface, which is given by

Ews = mγwsc
2, (8)

where the Lorentz factor γws of the working surface
material is given by γ−2

ws = 1 − v2
ws/c

2.
If we assume now that the energy loss along the jet,

Er = E0 −Ews, is completely radiated away, then the
luminosity L = dEr/dt of the working surface given
by

L =
ṁ(τ2)c2

dt/dτ2

{
γws +

m

Mγ

γ3
wsγ2

c2
(
vwsu(τ2) − v2

ws

)− γ2

}
−

− ṁ(τ1)c2

dt/dτ2
dτ1
dτ2

{
γws +

m

Mγ

γ3
wsγ1

c2
(
vwsu(τ1) − v2

ws

)− γ1

}
,

(9)

where the Lorentz factors γ−2
1,2 := 1 − v2(τ1,2)/c2 and

we keep τ2 as a free parameter in this expression.

3. Conclusion

We have shown how a full relativistic solution can
be constructed to the problem of a ballistic working
surface travelling along an astrophysical jet. Our main
goal is to find analytic and numerical solutions to
equation (9) so that we can compare with actual ob-
servations of high–energy jets. This will be published
elsewhere soon.
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An automatic, rapid, wide-field optical camera for the search for optical transients (OT) and GRB prompt
emission has recently been deployed in the North Caucasus (longitude 41 25 57, latitude +43 39 26). The main
parameters of the camera are the following: the FOV is 17x20 degrees, the angular resolution is 1 arcminute,
and the frame frequency is 7.5 Hz. The limiting magnitude in the band close to V is 11.5 mag (for single frame
exposure, 0.13 s). The camera can automatically detect optical transients and generate alerts in real time,
and calculate their brightness and coordinates. The camera operated in test mode from May to November,
2003; since November 2003 it has been working in commissioning phase, observing synchronously a portion of
the HETE-2 WXM FOV. The camera will observe the FOV of BAT/Swift, when BAT pointing data become
available. Because of the large volume of data we do not plan free access to the data; however, we encourage
the community to request raw data to support projects as needed. After extensive tests of the automatic
identification and filtering system we plan to distribute OT alerts in real time.

Even though GRBs were discovered in gamma-rays,
they are now truly all waveband events: from radio up
to high energies (GeV) emission has been detected.
However GRB identifications start with γ-rays (i.e.
omni-directional γ-ray detectors report them first),
and practically nothing is known about prompt emis-
sion in other wavebands. Discovering and investigat-
ing this prompt emission may give clues to the physics
of the GRB central engine. The mystery of optical
prompt emission seems to be ready for resolution after
the observation of GRB990123 [1]. However, in the 5
years following this discovery no synchronous (during
the GRB onset) and onlly one case of prompt emis-
sion (during active phase of GRB in γ-rays) has been
observed: GRB990123 ( = 8m.9), GRB030329 (up-
per limit > 5m.1), GRB040825 (> 10m), GRB041016
(> 13m.1), GRB041219 (= 19m.4), GRB050215b (
> 10m), GRB050309 (> 3.8m). The problem is that
the astronomical telescopes and their methods of ob-
servation are not fully suited to the problem.

To register prompt emission we need to look for ce-
lestial optical transients (OT) independent of the alert
system. Although the time delay between a GRB trig-
ger and an optical observation has been drastically re-
duced with the new generation of space observatories
(HETE-2 and Swift), it will never vanish completely.
Hence an alert-based observation cannot register ei-
ther early prompt emission or possible optical precur-
sors [2], or afterglow or prompt emission from short
duration bursts [4]. In any case several models pre-
dict prompt optical emission (e.g. [3]) and the early

observations are the most likely way to find optical
counterparts.

To ensure that an OT is a counterpart to a GRB
one needs to confirm the event in γ-rays. Simultane-
ous observations with space-borne GRB missions are
therefore necessary. However it is not necessary to cor-
relate the optical and γ-ray data in real time; we need
only assure that both telescopes observe the same field
of view (FOV) of the sky simultaneously. The joint
correlative analysis may be done later. Observation of
only a specific part of the sky decreases the amount of
data to be stored in comparison with all sky surveys
[5, 6] and allows the time resolution of the survey to
be improved.

The FOVs of the telescopes and the time resolutions
of the detectors are crucial points in the search strat-
egy. Astronomical telescopes have small FOVs com-
pared to space-borne X- and γ-ray telescopes. Special-
ized telescopes may have a wide FOV (19.◦5 × 19.◦5
with 30 s time resolution, such as RAPTOR [7]) but
do not posses a sufficient sensitivity with the appropri-
ate time resolution or vice versa (1.◦85 × 1.◦85 at 4 s,
ROTSE-III [8]). To detect prompt emission efficiently
the time resolution should be better than or nearly
equal to the duration of the event. If the prompt
emission consists of short duration optical flashes (e.g.
[9, 10]) then a high time resolution detector should be
used. Moreover, if the nature of the prompt opti-
cal emission is similar to that of the γ-ray emission,
fast variability may be expected down to the millisec-
ond range. Fast optical variability or a low on-off
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time ratio may explain the non-detection of optical
prompt emission from GRB030329 and GRB050309.
For example the upper limit for prompt emission of
V = 5.m1 (32 s accumulation time) [11] may be con-
verted to an upper limit of V = 1.m4 if the prompt
emission consists of only one flash with duration about
1 s. The non-detection of prompt emission cannot ex-
clude the model of a rapidly fading (f ∼ t−2) flare
found in GRB990123 and GRB021211 [1, 12].

Obviously, the larger the FOV of the telescope, the
larger the fraction of the GRB error-box that can
be observed simultaneously, and a more sensitive de-
tector has a greater chance of detecting a faint OT
from a GRB. On the other hand, for a fixed detec-
tor size (e.g. a CCD-matrix), increasing the FOV de-
creases sensitivity. One can show that the number
of detected GRB optical events per fixed amount of
time and fixed size of the detector follows the formula
NDetected ∼

(

D
α

)3/2
· FOV , where D is the diameter

of the telescope aperture, α is the angular resolution
and the FOV is expressed in steradians; here we as-
sume 3-D Euclidian space and a uniform distribution
of GRB sources N(> S) ∼ S−3/2. One can see that
the telescope with the larger FOV can detect more
OTs, and the OT detection probability can be max-
imized while observing simultaneously with a given
space-born telescope.

Taking into account this strategy we have devel-
oped a low cost optical camera for a wide field survey
and an autonomous search for OTs [13]. We use an
image intensifier both to reduce the size of the image
in the main objective focal plane to the small size of
the TV-class CCD matrix, and also to amplify the
light to compensate for the light lost in transmission
through the optical system. The details of the cam-
era are the following. The main objective (15 cm di-
ameter, F/1.2) of the camera projects a 17x20 degree
area onto an image intensifier photocathode 90 mm in
diameter (quantum efficiency - 10%, gain - 150, scal-
ing factor - 0.22). Special optics transfer the image
from the intensifier to the VS-CTT285-2001 TV-CCD
camera (1280x1024 pixels with size 6.5 microns) with
a frame frequency of 7.5 Hz (0.13 sec exposure time).

The practical parameters of the instrument are a
17◦ ×20◦ FOV with spatial resolution ∼ 1’ and a lim-
iting magnitude (3 σ level) of 11.m5 for a 0.13 s expo-
sure. A limiting magnitude of 13m is reached for a 5.2
s exposure (co-added in PC memory). The spectral
sensitivity is close to V. The system is mounted on
a proprietary equatorial mount with a pointing and
tracking accuracy of a few arc minutes and less than
1’ per 2 hours, respectively.

The relatively poor spatial resolution is the result of
a compromise between cost and a wide field of view.
Indeed precise spatial resolution in fast observations
is less important than the early detection: the pre-
cise localization can be done later by large aperture
telescopes. Because of the high readout noise of the

TV-CCD the sensitivity of the camera is restricted
by the noise at minimum exposure time, and by sky
background at maximum exposures.

The Wide Field Optical Camera (WFOC) is located
in the Northern Caucasus (close to the 6-m optical
telescope BTA) at a height of 2030 m above sea level.

In order to process the 13 Mb per second real time
data stream coming from the camera a special soft-
ware suite for data storage, detection and investiga-
tion of OTs has been created.

The software is installed on three PCs running Win-
dows (frame grabber and data storage) and LINUX
(real time data analysis) operating systems. One ad-
ditional PC is used for automatic pointing control.
The incoming information is a sample of 1280x1024
pixel CCD frames with exposure time of 0.13 sec. The
software performs the following tasks: real time data
transfer to the LAN; accumulation of raw data (up to
0.5 Tb per night) at the RAID; data reduction in real
time - detection of OTs, determination of their equato-
rial coordinates and magnitudes, and identification of
OTs with known objects; distribution of information
about newly discovered OTs to the local and global
networks (alerts distribution).

The OT detection algorithm is based on the com-
parison of the current frame with a frame averaged
over 10-100 preceding ones and consists of the fol-
lowing steps: extraction from the current frame of
all pixels with intensity deviating from the averaged
frame by a given fraction of the RMS noise; location
of continuous regions of such pixels on the current
frame and determination of its parameters - coordi-
nates and fluxes. All these regions are considered to
be optical transients (OTs) if they exist on at least
3 successive frames; analysis of the OT’s shape (on a
single frame) and proper motion of the region center;
classification of OTs as meteors, satellites or station-
ary transients, and parameter estimation (trajectory,
light curve etc); for the two last cases - comparison of
object parameters with known objects from star and
satellite catalogues (note however, that available satel-
lite catalogues are not complete); for stationary tran-
sients with no known (catalogued) events, information
on their parameters can be sent locally and into alert
distribution networks (such as the GCN [14]).

The primary purpose of this WFOC is to perform
continuous, alert- independent observations of optical
transients and variable astrophysical sources simul-
taneously with space-borne X- and γ-ray telescopes.
The high time resolution raw data are stored in a data
base for a limited amount of time (usually 2 days) and
within the 2 days can be used for detailed analysis.
The long term data base consists of stacked images
(by 100 original frames ∼ 13 s exposure) and may
be used for long term variable source search/analysis.
Every raw data set for a night is also transformed into
a ∼ 3 minute film for a visual post check of observation
parameters and the film is stored in the long term data
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base too. Finally for an event identified as an optical
transient (of any nature) the equatorial coordinates,
brightness, and UT are stored in a long term data base
and can be used for correlative analysis with data at
different wavelengths.

The camera has been operated in test mode since
the end of May 2003. During the operation periods up
to December, 2004 the total number of good nights,
i.e. during which the WFOC observed the part of
HETE-2 WXM FOV is 162. The average number of
meteors brighter than 9m is between 8 and 20 per
hour. No synchronous GRB observation with HETE-
2 was recorded, which, compared with the HETE-2
GRB rate in 2004, is well within statistical expec-
tations. Most autonomously generated alerts were
due to active spacecraft and space debris. The av-
erage number of moving objects, which are associ-
ated with satellites is about 300 per night. A few
objects per night are still unclassified, i.e. no cor-
relation has been found either with satellite cata-
logues or with gamma- ray/X-ray triggers. Exam-
ples of the unclassified events are available at web-
site (http://rokos.sao.ru/favor/selected.html). How-
ever one needs more statistics (or confirmation by
other telescopes) to establish the astrophysical nature
of such types of events. Henceforth the events should
be considered as artificial ones generated from un- cat-
alogued space debris. Based on the non-detection of
astrophysical events one can estimate the rate of GRB
orphans: the all sky rate is less than 0.48 per day for
event durations between 0.25 - 20 seconds and up to
a limiting magnitude V = 10m.

This fully autonomous camera can detect and per-
form early photometry of prompt optical emission
from both long and short duration GRBs, optical
flashes preceding gamma-ray emission in GRBs, GRB
afterglows not identified in γ-rays (orphan afterglows),

optical outbursts related to Soft Gamma Repeaters,
possible fast optical supernova precursors, optical
flashes from LMXBs, and other compact X-ray tran-
sients, such as cataclysmic variables and related stars.
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The SN1987a: 18 Years After 
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It is 18 years ago, since February 23, 1987 that the explosion of the SN in the L.M.C. has been observed by means of 
underground detectors. In fact, the neutrino burst has been detected by several underground experiments in the world running 
on that time: Mt. Blanc in Italy, Kamioka in Japan, and Baksan in Russia and IMB in USA. It was for the first time in human 
live that an astrophysical phenomenon has been observed also in underground detectors.  For this astrophysical event, the Mt. 
Blanc experiment detected 5 pulses on-line that, however, were not at the same time as detected by the other three detectors 
near 5 hrs later. After 18 years some recent models has been proposed in order to explain a double burst due probably to a 
double explosion in two different times, as is suggested recently by O. Ryazhskaya and V.S. Imshennik. 

 

1. INTRODUCTION 

On 2.52 hr of February 23, 1987, the Mt Blanc 
experiment, dedicated to detection of neutrinos from 
collapsing stars, printed on-line a burst of 5 pulses 
within 7 sec duration time. The pulses has been 
analyzed on line by the computer given the probability 
of simulation by the background of ~10-3. 

Such event has been seen on Monday 23rd at 8.30 
morning by a member of our group on shift at the 
experiment. 

Only on Wednesday 25 February we have the news 
that a SN has been observed optically in the Southern  

 
 

 
Observatories. Immediately we have bring the tape 

and analyzed our Mt. Blanc data in order to see 
whether our pulses has to do with the SN explosion 
observed. 
After check our time and the time of the probable 
started the explosion comparing with optical 
measurements, on Saturday February 28th we decide to 
announce about our event. [1] 

On Monday 9th March the Japanese group gives the 
announcement in a conference press that Kamioka 
experiment detected 12 pulses but at ~5 hours after the 
event of Mt. Blanc time. In the same way, the IMB and 
the Baksan groups give their results in coincidence 
with Kamioka experiment.  

 
 
Figure 1: Original print-out of Mt. Blanc 23-Feb. 1987 event 
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What pulses Mt. Blanc experiment detected? There 
was two bangs as some author claim-out? This was a 
real puzzle and it probably will be so for ever because 
we have not the possibility to check it in future. The 
frequency of SN is very low to accumulate enough 
statistics. 

After 18 years from such SN explosion, some new 
ideas are coming-out, and one of these is due to O. 

Ryazhskaya and V.S. Imshennik [2] that we will 
analyze in ahead. 

Figure 1 shows the event of five pulses recorded on 
line at the LSD experiment at Mt. Blanc, on Feb. 23, 
1987 at 2 hr, 52 min, UT. Figure 2 is the copy of the 
reply telex by S. Cristiani, from ESO Observatory at 
Chile on Feb. 27, 1987, to our request about more 
information on the SN observed and where a massive 
star Sanduleak is mentioned for the first time as a 
candidate for the SN explosion. 

 
Figure 2  The Telex from S. Cristiani from ESO Observatory, Chile, Feb. 27, 1987. Note that the Sanduleak is  
                mentioned for the first time as the candidate star that exploded. 
 

2. THE STELLAR COLLAPSING STAR 

The SN explosion that was observed in Feb.23 1987 
has provided a unique opportunity to test the theory of 
neutron star formation in the Type-II supernovae 
explosion. 

 According to the Standard Supernovae Theory the 
total binding energy of the neutron star is in the range Eb 
= (2.5+1.5)x1053 ergs which is several hundred times the 
energy the Sun will emit in its entire main-sequence 
lifetime (1010 years).  

The energy spectrum is given by a Fermi-Dirac 
distribution: 

 
22
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where 
KT

Eνε =  

All the gravitational binding energy of the residue 
neutron star (~3x1053 ergs) was radiated in a few seconds 
in the form of  ~ 1058 neutrinos with average energy  
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~(10-15) MeV. 
A type-II supernovae explosion is physically the 

implosion of an evolved massive star (M>8M◎), which 
has, became an “onion-skin structure” with several 
burning shells surrounding a degenerate iron core. It 
cannot gain further energy by fusion so that it becomes 
unstable when it has reached the Chandrasekhar mass of 

1-2M◎ that can be supported by electron degeneracy 
pressure. The ensuing collapse is intercepted when the 
equation of state stiffens at around nuclear density 
(3x1014 g cm-3) corresponding to a core size of a few tens 
of kilometers. At temperatures of tens of MeV this 
compact objects is opaque to neutrinos. The gravitational 
binding energy of the newborn neutron star is about 
3x1053 erg is thus radiated over several seconds from the 
neutrino sphere.  
For massive stars the central temperature in the late 
stages of evolution is sufficiently high (~1010 K) to 
permit the reaction: ZNA + e- � z-1N

A + νe   the same as:   
 p+e- � n+ νe     
This neutronization process, which spreads rapidly 
through the stellar core, triggers a collapse of the star 
into a neutron star or possibly a black hole.  
It is expected to be radiation of various neutrinos νe, , 
νµ, , etc associated with the subsequent cooling of 
collapsed star. 
     The energy released in cooling by each of six neutrino   
 
 

types is ~Eb/6, while the temperature  Tcool(νe)=Tcool( ) 
is ~ 5 MeV and Tcool(νµ) = Tcool( ) is  ~ 10 MeV. In 
addition to the basic energetic arguments, there is the 
basic neutronization argument. The collapsing core has 
~1057 protons that are converted to neutrons via  p + e- 
� n + νe 
To form a neutron star each νe, so emitted from the core, 
carries away on the average 10 MeV, thus around 
1.3x1052 ergs are emitted by neutronization νe’s this is 
<10% of the binding energy. The remainder of the 
neutrinos comes from pair processes such as:  
e+ + e- � νi νi, where i=e, ν, or τ, with νµ and ντ 
production occurring via neutral currents, and νe via both 
charged and neutral currents. 
Since the neutronization occurs in the initial collapse, 
whereas the pair ν’s comes from thermally radiating 
core, the timescale for the initial νe burst will be much 
less (<10-2) than the diffusion time (~seconds) that 
governs the emission of the bulk of the flux. The 
duration of the gravitational collapse is then, for typical 
numerical models  ~10 s. 

3. THE MT. BLANC NEUTRINO DETECTOR 

The experimental groups from Mt. Blanc in Italy [3], 
Kamiokande in Japan [4], IMB [5] in USA and Baksan 
in Russia [6] have reported the detection of neutrinos 
from the Supernova in the Large Magellanic Cloud.

 

 
 
Figure 3: The Mt. Blanc Liquid Scintillator Detector.
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The Kamioka and IMB detected anti-neutrinos reaction 
in water while Mt. Blanc and Baksan in liquid 
scintillation detector. 

In principle all the neutrino reactions of any flavor 
are possible to detect both in scintillation and 
Cherenkov counters, but, due to the location of 
SN1987a at very long distance (~50 kpc), the neutrino 
intensity is very low and because the cross section of 
neutrino reactions are very small, the only possible 
reaction was the: 

 + p � n + e+ 
In fact, the neutrino signal from SN1987a was 

observed through such reaction. The number of events, 
their energies and the distribution in several seconds 
corresponds to the well theoretical expectations. 
However, the signal does show a number of 
“anomalies.” For example the average  energies 
inferred from IMB and Kamiokande observations are 
quite different. The large time gap of 7.3 s between the 
first 8 and the last 3 Kamiokande events looks 
worrisome. The distribution of the final-state positrons 
from the  + p � n + e+ capture reactions should be 
isotropic, but is found to be significantly peaked away 
from the direction of the SN. In any case, in absence of 
other explanations, these features have been blamed on 
statistical fluctuations in the sparse data. 

It is assumed that all 4 experiments detected neutrino 
pulses from SN1987a. 
However, the Mt. Blanc detector registered 5 pulses 4h 
44 min before the other three detectors. 

The Mt. Blanc neutrino telescope is made of liquid 
scintillation detector (LSD) it has bee running since 
January 1985 in the Mt. Blanc tunnel at a vertical depth 
of 5200 hgcm-2. The experimental characteristics of the 
apparatus are described elsewhere [8]. Briefly the 
detector consists of 90 tons of liquid scintillation 
(C10H22) contained in 72 stainless-steel tanks 
(1.0x1.0x1.5 m3) placed on three layers. Three FEU 
Russian PMs watches each counter. 
Since its conception the LSD experiment has been 
dedicated to the detection of antineutrinos burst from 
gravitational collapse of stars in our Galaxy, by the 
antineutrino capture on the free protons (energy 
threshold Eth = 1.8 MeV): 
 

 + p � n + e+ 
 followed by    n + p � d+ γ 
 
This interaction gives two signals in the time 
coincidence: the prompt positrons pulse with energy  
Eel = Eν – 0.8 MeV followed by a gamma pulse of 
energy Eγ = 2.2 MeV with an average delay of ~190 
µs. This double pulses detection gives a good signature 
for the reaction of neutrino capture. 

A careful and systematic study of the low-energy 
radioactivity background spectrum was performed. 
   Fig 3 shows the Mt. Blanc detector. 

 
The Mt. Blanc detector was shielded by ~200 tns of Fe 
in order to avoid and eliminate the natural background 
radioactivity due to the rock of the walls. 
 

4. A ROTATING COLLASAR AND 
POSSIBLE INTERPRETATION OF LSD 
DATA 

In a recent paper V.S. Imshennik and O.G. Ryazhskaya 
[2] and by D.K. Nadyozhin and V.S. Inshennik [9] it is 
shown that a new and more notable fact could be 
occurred in the SN1987a explosion. The idea is not 
only due to two-stage gravitational collapse, as it was 
claimed since long time ago, particularly in the case of 
resumption of the collapse in a neutron star with its 
transformation into a black hole, but by the fact that in 
the first collapse only electron neutrino type are 
emitted and also because the second collapse occurs  
~5 hr latter. 
It is due because they consider the high probability of 
collapsars falling into the region of dynamical 
instability specified by the standard criterion  
β = Erot/ Egrav > 0.27, where Erot and Egrav are the total 
rotational and total gravitational energies respectively. 
Note that during collapse with the conservation of total 
angular momentum and local specific angular 
momentum, the energy Erot greatly increases compared 
to Egrav. This instability grows with characteristic 
hydrodynamic time and typically leads to the breakup 
of the collapsar into pieces, in the simplest case into a 
binary of neutron star. 
The very important and interesting parameter that they 
take into account is the tgrav, which is the time, 
calculated for a given orbital angular momentum Jorb 
and Mt (in terms of reduced binary mass M1M2/Mt  
corresponding to the typical conditions of a Fe-O-C 
stellar core on the threshold of its collapse. The results 
of these calculations are that tgrav must be 4.7 h= 16920 
s and this is the time exactly between the first and 
second collapse.  

It is interesting to note that the rotational energy in 
the initial conditions is actually negligible compared to 
the gravitational, i.e. β<<1, and the stellar structure is 
virtually spherically symmetric. 
In conclusion of this new scenario of double collapse is 
that the corresponding energy at the maximum of the 
spectrum is Eν~50 MeV while the authors estimate the 
total number of νe required the almost complete 
neutronization of the material of the rotating collapsar 
independent of the mean energy of the νe spectrum:  
Nν = 1.0x1057. 
   The total energy E� of these neutrinos with <E> = 50 
MeV is: Eν = Nν<Eν> = 8.0x1052 erg. In other words, 
there must be a double pulses: the first one due only to 
the νe and the second to the normal and standard 
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collapsing star but delayed by about ~5 hrs compared 
to the first one. 

Now, with this new model and new concept of 
rotating collapsar we can again reinterpreted the 
experimental results obtained with neutrino detectors 
during the explosion time of SN1987a on February 23, 
1987. 

Let us consider the various detectors operating 
during the SN explosion, it must be take into account 
that: 
1.- two neutrino burst separated by a time tgrav ~ 5 h.  
2.- The first neutrino burst are due to νe with a total 
energy Eν = 8.9x1052 erg; the neutrino energy spectrum 
is hard and asymmetric with mean energy in the range 
25-50 MeV; the duration of the neutrino radiation is 
~3-6s.  
3.- The second neutrino burst corresponds to the 
standard collapse theory. 

 

5. A POSSIBLE EXPLANATION OF LSD 
EFFECT 

The neutrinos with energies 30-40 MeV and duration 
of the burst of ~3-6 s can be recorded by the detector 
nuclei by the reactions: 
  νe + (A,Z) � e- +(A,Z+1) 
  νe + (A,Z) � e- + (A,Z+1)*, 
  νe + (A,Z) � ν'e + (A,Z)* 
 
The detectors operating on February 23, 1987 
contained either oxygen, mainly 16O (Kamioka and 
IMB) or carbon, mainly 12C and iron 56Fe (LSD and 
Baksan). It was seeing that the cross section σνe for 
iron at Eν, 40 Mev exceed the σνe for oxygen by more 
than a factor 20 (σνe  (

56Fe) >20(σνe  (
16O)) Therefore, 

at this energies, the number of (νe A) interactions in 
LSD (200 ts of Fe) is larger than that in the Kamioka 
(1900t of 16O). 
The partial cross sections calculated for the reactions 
νe + 56Fe � 56Co* + e- for Eν = 40 MeV is calculated. 
The threshold for such a reaction is 8.16 MeV.  An 
electron can be produced with an energy in the interval 
31.8-24.8 MeV accompanied by a cascade and γ-ray 
photons with a total energy from 3.54 to 10.54 MeV. 
The calculation the authors made, indicate that the 
interactions of electron neutrinos with Eν = 40 MeV in 
a 2-3 cm-thick iron layer located between two 
scintillation layers many more γ-rays photons than 
electrons fall into the scintillation detector. The mean 
energy of these particles are ~(7-9) MeV. 
The authors calculated the number of events recorded 
in the experiments operating during the SN explosion 
and in particular at the time of Mt. Blanc experiment 
.The results estimated are consistent with the 
experimental data.  

They show that taking into account the detection 
threshold the number of event recorded by LSD is 5, 2 
for Kamioka and 1 for Baksan detector. 
They shown that if only almost electron neutrinos with 
mean energy of ~30-40 MeV were emitted in the first 
collapse, than the experimental data correspond to the 
scenario for the rotational mechanism of the SN 
explosion. 

6. TIME COINCIDENCES AMONG 
SEVERAL DETECTORS DURING SN 1987. 

If we consider the double bang of the 1987a SN 
explosion as a possible explanation of the double 
pulses detected on Feb. 23, it is worthwhile to 
remember that there is still another anomaly effect, 
which is presented during the SN explosion time. This 
effect is the strange sequences of  pulses in coincidence 
among the detectors (three underground neutrino 
detectors and two gravitational antennas). 

Such coincidences pulses was found firstly among 
LSD and gravitational antennas and subsequently 
among LSD and Kamioka and Baksan.  

The results of the analysis made by independent 
groups has been presented and discussed at the 14th 
Texas Symposium (Denver, 1988) by G. Pizzella [11], 
by A.E. Chudakov [12] and by O. Saavedra [13].  

The analysis that these groups presented at the 
Symposium shows a strange activity of coincidences 
(accidentals?) in a period about two hrs around the Mt. 
Blanc event. 

Although we did not expected to have such 
coincidences among the various experiments the 
independent analysis of Chudakov shows clearly a 
positive result of the fantastic nature of the 
phenomenon in question. Chudakov [12] made an 
independent analysis that unambiguously confirmed 
the analysis made by our LSD group. 

Whether the pulses from several detectors are real 
coincidence or not, probably we will never know 
because we cannot experience it even for the next SN. 

7. CONCLUSION 

It appear now that a new model can explain the 
pulses detected by LSD at Mt Blanc, without 
contradiction with the other detectors during the SN 
explosion. After 18 years we are still learning some 
more details of the SN explosion mechanism. 

The most important thing now is the difference 
between the LSD and the other detectors: at LSD we 
have used ~200 t of Fe enough for detection of the first 
burst of electron neutrinos. According to this new 
mechanism, the first phase is peculiar in that a rotating 
collapsar is formed in it with the emission of very hard 
electron neutrino spectrum and almost complete 
absence of electron anti-neutrinos and other type of 
neutrinos. This not only allows us to confirm the above 
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properties but also justify why other neutrino detectors 
have not recorded the first neutrino signal.  

The second neutrino pulse detected by Kamioka, 
IMB and Baksan and not in the LSD detector (although 
LSD detected only one pulse) is due to the normal SN 
standard explosion. Why LSD was not detected such 
pulses is merely because the intensity of neutrinos is 
very low and LSD is not large enough to detect it. 

As far as the strange pulses coincidences it could be 
so easy to eject it as pure coincidence or due to 
fluctuations, just two hrs around the Mt. Blanc 
detector, because we have not any other way to test it, 
however it is worth while to remember that such effect 
is present in our data.  
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Numerical Simulation of Hydrodynamic Instability in a Rotating
Protoneutron Star by Supernova Explosion II Type

S. D. Ustyugov
KIAM, Moscow, 125047, Russia

Large-scale convective instability owing to the neutronization of matter in a protoneutron star during the

collapse of star with low initial entropy are considered. The 3D hydrodynamic calculation on nested grids with

three level shows that large-scale bubbles of hot matter with size 106 cm arise to surface neutrinosphere. When

the bubbles reaches low density, the neutrinos contained in matter freely escape from it in the regime of volume

radiation. The characteristic time of this process is equalled to 3.5 ms. The shock from the initial bounce when

the collapse in the stellar core stops will then be supported by the neutrino emission, resulting in the ejection of

an envelope. In rotating protoneutron star the large scale bubbles come to the surface of the stellar core along

the axis of rotation. Neutrino with energy 30-50 MeV are contained in the bubbles. Calculations shows that

time of neutrino emission form such bubble is equal near 1 ms with mean energy of neutrino 30-40 MeV.

1. INTRODUCTION

At the present time two mechanisms have been pro-
posed to explain the supernova. The first is connected
with the rapid ejection of the stellar envelope when the
shock wave (resulting from the rapid compression and
deceleration of material at higher-than-nuclear den-
sities) passes through it [1]. The second mechanism
involves heating of material behind the shock front
by neutrinos, which escape from the neutrinosphere
surrounding the protoneutron star and facilitate the
further passage of the shock and ejection of the stellar
envelope [2]. However, subsequent numerical simu-
lations showed that these two mechanisms are inad-
equate for several reasons. In the first model, the
so-called ”fast” mechanism, the shock loses some of
its energy during the division of iron-group nuclei
into free nucleons;then, when it arrives at the neu-
trinosphere, the emission of neutrinos from the front
carries away energy and decreases the lepton number
in the shock material, decreasing the shock’s energy
and pressure. All these processes weaken the shock,
so that it is stopped in the flow of material accreting
around the core [1]. In many ways, the action of the
second mechanism is determined by conditions in the
region between the neutrinosphere and shock, and is
critical for the neutrino luminosity and the mean spec-
tral energy. The required luminosity can be reached
only if convection is invoked in both the lower neu-
trinosphere and at higher levels. In turn, this con-
vection can develop only when the heating of mate-
rial and formation of a region of instability near the
neutrinosphere occurs more rapidly than the motion
of material from the shock toward the surface of the
protoneutron star [3].

Numerical simulations of convection near and below
the neutrinosphere [4] taking into account neutrino
transport showed that the convective rate is too small
relative to the rate at which material flows in through
the boundary of the neutrinosphere to provide a sig-
nificant transport of energy and leptons. During the

collapse of the iron core, about 99% of the gravita-
tional energy of the forming neutron star is carried
away in the form of neutrinos. In order to eject the
stellar envelope, some fraction of this energy must be
transferred to the outer layers of the star by some effi-
cient and rapid mechanism. Though convection both
inside and outside the neutrinosphere can increase the
transport of energy to the shock front, certain condi-
tions are necessary for the convection to be realized.
For example, the characteristic time for the develop-
ment of convection should be less than the charac-
teristic times for accretion and neutrino transport. In
addition, convection requires constant feeding, similar
to the case of entropy convection inside the protoneu-
tron star.

2. NEW MECHANISM OF SUPERNOVAE
EXPLOSION

2.1. Formulation

A more realistic mechanism could be associated
with the action of large-scale hydrodynamical insta-
bilities; these are due, for example, to rotation or
the magnetic field, are manifest at small character-
istic times (of order 10−3 − 10−1 s), and can provide
the powerful ejection of a flux of neutrino radiation.
It was shown in [5] that, as a result of the evolution
of the supernova precursor, a rapidly rotating pro-
toneutron star forms, which subsequently separates
into two components due to instabilities, forming a
close binary. Of course, this process is accompanied
by the release of a large number of neutrinos that
were initially bound within the protoneutron star [6].
In the magneto-rotational supernova-explosion mech-
anism proposed in [7] [8], the energy of the shock wave
is provided by rotational energy extracted via twisting
of the magnetic lines of force.

There is another interesting possible mechanism for
the powerful ejection of neutrino radiation [9], asso-
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ciated with hydrodynamical motions in the protoneu-
tron star. This model is essentially based on the pi-
oneering work [10] that considers the development of
convective instability in a gravitating gaseous sphere
(star). The main idea is based on the similarity of the
time evolution of meridional cross sections of isoen-
tropic surfaces and of normal cross sections of mag-
netic surfaces during the development of helical MHD
instability in a plasma cylinder [11]. As in the case of
plasma instability, it was found that large-scale inho-
mogeneities grow most rapidly. Chandrasekhar and
Lebovitz came to the similar conclusion by investi-
gation of convective instability of gaseous masses in
a star [12]. It is interesting that such large-scale in-
stabilities have been observed in experiments on con-
trolled nuclear fusion. Analytical estimates and cal-
culations for the two-dimensional problem indicated
that the hot inner layers are carried toward the stellar
surface on a time scale τ ∼ R/vsound.

Three-dimensional calculations of the development
of hydrodynamical instability in a protoneutron star
with an excess central entropy were carried out in [9].
Large-scale entropy inhomogeneities developed over
4 ms, and then moved away from the central region of
the star, whose characteristic size is ∼ 20 km, gener-
ating a formation reminiscent of the mushroom cloud
of a nuclear explosion in the Earth’s atmosphere. The
characteristic time for the motion of a single such bub-
ble toward the surface of the protoneutron star is 1ms,
providing a mean velocity of c/150. Six bubbles with
masses of 10−2M� each rose symmetrically from the
center along perpendiculars to the edges of a cube.
The intensity of the neutrino radiation during this
ejection was 5 × 1052 erg/s. The fraction of energy
absorbed per gram of matter in the shock extending
from the neutrino emission was 2.3×1024 erg g−1 s−1,
which is comparable to the neutrino losses from the
shock front. It is important to note, that process of
nonequilibrium neutronization leads to occurrence of
neutrino with high average energy 80-150 MeV. Our
calculation shown, that means emission neutrino is
equal 50-80 Mev. These estimates of the energy of
the neutrino emission arriving at the shock wave front
as the bubble rise toward the neutrinosphere suggest
that large-scale convection is capable of supporting a
diverging shock wave, leading to the ejection of the
supernova envelope.

2.2. Initial state of the problem and
numerical technique

When calculating the distributions of density arid
temperature inside the protoneutron star, we took
the central density and temperature to be ρc = 2 ×
1014g/cm3 and Tc = 1011K. We applied the equa-
tion of state from [13], in the form of a tabulated de-
pendence of the pressure on density and entropy. We

specified the relative number density of electrons to be
constant and equal to 0.35. We specified a Gaussian
excess entropy distribution at the initial time near the
center (ρ0 = 0), S = S0+(S′−S0)exp{−(r−r0)2/b2},
assumed to be due to some nonequilibrium process.
We determined the initial entropy S0 from the central
temperature and density to be 1.6327 kB/nucleon.
The maximum entropy in the center S′ = 2.8, and
the parameter b = 0.02 was chosen such that the size
of the region of the entropy perturbation was one-fifth
of the total size of the computational region.

The hydrodynamical equations that we used to
model processes inside the protoneutron star in the
three-dimensional case have the form

ρ
dv

dt
= −gradP −

ρ GM

r3
r, (1)

dρ

dt
+ ρ div v = 0, (2)

dS

dt
= 0. (3)

Here, ρ is density, v the velocity of the matter, P
pressure and S entropy.

The hydrodynamic equations was written in conser-
vative form

∂ ~U

∂t
+

∂ ~F

∂x
+

∂ ~G

∂y
+

∂ ~H

∂z
= ~S

The numerical method which we used was an
explicit Godunov-type conservative TVD difference
scheme with second order by space and time

Un+1

i,j,k = Un
i,j,k − ∆t(L(Un

i,j,k) + Si,j,k),

where ∆t = tn+1 − tn and L (in one direction) is

L(Ui,j,k) =
F̃i+1/2,j,k − F̃i−1/2,j,k

∆xi

Fluxes along each direction, for example x, was de-
fined by local-characteristic method [14] as follows

F̃i+1/2,j,k =
1

2

[

Fi,j,k + Fi+1,j,k + Ri+1/2Wi+1/2

]

The one step of time integration is defined by
Runge-Kutta method [15].
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For higher resolution in the numerical modelling we
have used three level of nested rectangular grids with
128 cells in each directions. Solution results for above
described problem were obtained due to the NORMA
system application [16] on the system with distributed
memory multiprocesseres ( two Alpha 21264/667 MHz
in node, memory 1 Gb in node, SAN Myrinet to com-
munication, 384 nodes). Norma program was com-
piled in Fortran with MPI library. The speedup of
computation in 122.8 times on 128 processors were
obtained during solution process.

2.3. Results of hydrodynamical
simulation.

At the initial time, we obtained an equilibrium con-
figuration allowing for the star’s rotation using the
iterative method presented in [17]. modified for an
arbitrary equation of state. We performed calcula-
tions for two cases. The first had no rotation, which
we used to test the resulting equilibrium of the star.
The second had slow, rigid-body rotation, with the
ratio of the rotational kinetic energy T and the grav-
itational energy |W | chosen to be T/|W | = 0.01. We
calculated the kinetic and potential energies for in-
tegrated quantities derived using the density profile
obtained in the computations. The rotational period
of the star, which corresponds to the ratio of the ki-
netic and potential energies, 1%, was 14ms. We chose
the coordinate system such that the plane of rotation
coincided with the Oxy axis. This means that the
angular-rotation vector of the star has only one com-
ponent, Ωz = Ω = const.

Results of hydrodynamics modelling are shown
in Fig.1. In contrast to the models considered
in [9] [18], here, two bubbles form after ∼ 3ms, and be-
come elongated in opposite directions along the rota-
tion axis. Four additional bubbles arise slightly later,
after ∼ 5 ms, in the plane of rotation of the protoneu-
tron star. This entropy distribution disrupts the sym-
metry of the picture obtained in [18]. The bubbles on
the rotation axis are the first to tear away from the
hot core and float up toward the surface. This occurs
because the density changes more rapidly along the
rotation axis. Cooler material sinks toward the center
of the protoneutron star in the space between these
two bubbles. The bubbles in the plane of rotation
break away form the hot core somewhat later, and
also rise toward the surface. Our computations indi-
cate that, after the first bubbles, additional smaller
bubbles form, and also begin to float toward the sur-
face.

Figure 1: Levels of entropy and fields of velocity in
meridional and equatorial planes are shown.

3.1. Formulation

Consider a bubble corresponding to a bounded re-
gion in the central part of a star about 6 × 105cm in
size, with a density of about 2×1014g/cm3 and adopt
the time dependence for the bubble density obtained
from numerical simulation. We assume that, at the
initial time, the bubble is composed of iron nuclei (A
= 56, Z = 26) and free ultrarelativistic electrons. Neu-
trino interact with matter via both direct and inverse
beta processes and elastic interactions with electrons
and nuclei.

We emphasize that, due to the large difference be-
tween the masses of electrons and nuclei, neutrinos
lose substantially greater energy in collisions with
electrons. Since our treatment will be limited to a uni-
form and isotropic approximation for the neutrino dis-
tribution function (whereas scattering by nuclei con-
tributes appreciably only to the anisotropic compo-
nent of the distribution function), we can neglect scat-
tering by nuclei in the collision integral. However,
since scattering by nuclei appreciably affects the rate
of escape of neutrinos through the bubble boundary,
we will taken it into account in this process. We ne-
glect all other processes involving neutrinos. In con-
trast to [19], we shall take into account the fact that
there is also some distribution of neutrinos outside
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the bubble. Therefore, neutrinos can both leave and
enter the region under consideration. The electron
distribution function will be interpolated by a Fermi
step function, which is obviously applicable only when
EF � 1.5kT (i.e., when the Fermi energy of the elec-
trons is considerably greater than their thermal en-
ergy).

3.2. Mathematical model

In a uniform, isotropic approximation, the kinetic
equation describing the evolution of the neutrino dis-
tribution in a bounded region whose characteristic size
d, density, and partial concentrations of components
vary with time can be written in the form

∂f(p, t)

∂t
=

4π
[

(1 − f(p, t))

∞
∫

0

dp′(p′)2f(p′, t)Kin(p, p′, t)−

f(p, t)

∞
∫

0

dp′(p′)2(1 − f(p′, t))Kout(p, p′, t)
]

+

dρ(t)

ρ(t)dt
f(p, t) −

c

d(t)[1 + γ(p, t)]
(f(p, t) − fg(p, pg))+

(1 − f(p, t))S(p, t) − f(p, t)Y (p, t). (4)

Here, the functions Kin(p, p′, t) and Kout(p, p′, t)
depend on details of the process of neutrino scatter-
ing by electrons, and S(p, t) and Y (p, t) are sources
and sinks of neutrinos, determined by the direct and
inverse beta processes. The term containing the loga-
rithmic derivative of the density is responsible for vari-
ations in the neutrino distribution due to the changing
dimensions of the region where the neutrinos are con-
centrated. The last term describes neutrino escape
through the boundary. (The value γ = 0 corresponds
to the case of free propagation.) We normalized the
distribution function as follows:

n(t) = 4π(2π})−3

∞
∫

0

dp′(p′)2f(p′, t). (5)

This equation for the neutrino distribution function
must be supplemented by an equation describing evo-
lution of the electron number density

dne(t)

dt
=

4π

∞
∫

0

dp p2[−(1 − f(p, t))S(p, t) + f(p, t)Y (p, t)]

+
dρ

ρ dt
ne(t), (6)

and also by a relation between the densities of the elec-
trons and neutrons, on the one hand, and the density
of the medium, on the other:

mn

[

nn(t) +
A

Z
ne(t)

]

= ρ(t). (7)

In deriving (7), we have assumed that electrons
make a negligible contribution to the density of the
medium, and that the medium is electrically neutral.

We used the following expressions for γ in the sim-
ulations:

γ(x, t) =

4π

∞
∫

0

dyy2(1 − f(y, t))[Kout(x, y, t) + Kin(x, y, t)],

(8)

and

γ(x, t) =

4π

∞
∫

0

dyy2[(1 − f(y, t))Kout(x, y, t) + Kin(x, y, t)].

(9)

Where we introduced notations x = p/pF (0), y =
p ′/pF (0).

We solved the system of equations numerically on a
uniform grid in x containing 101 points. The integrals
were approximated by trapezoidal formulas. The time
evolution was described by an implicit, second-order,
two-layer scheme. We solved the implicit difference
system using a successive-approximation method.

The time dependence of the bubble density com-
puted in this way and used in the numerical simula-
tions is described well by the formula

ρ(t) =
167.14

1 + 0.3 exp (t − 5.5)
. (10)

3.3. Results of neutrino transport
simulation

The results of our numerical solution presented in
Figs. 2-5 for two cases: in the first (Figs. 2, 3), we
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used formula (8) for the function γ(x, t), and, in the
second (Figs. 4, 5), we used formula (9).

Figure 2: Time dependence of the number density of
neutrinos (marked curve) and electrons (unmarked
curve).

Figure 3: Time dependence of the average energies of the
neutrinos (marked curve) and electrons (unmarked
curve).

The neutrino distribution function outside the spec-
ified region was taken to be zero in both cases. The
number of neutrinos emitted per unit volume per unit
time in an interval dp is given in our model by the
formula

dI(p, t) =

4πc

d(t)[1 + γ(p, t)](2π})3
[f(p, t) − fg(p, pg)]p

2dp =

ne(0)I(x, t)dx. (11)

Although the difference between the two cases from
the viewpoint of physical conditions seems negligible,
the results of the numerical simulations are radically
different. In the first case, the bubble is optically thin
to the neutrino radiation from the very onset of the
process. The emission maximum corresponds to time
t ≈ 0.5ms, which is roughly equal to the characteristic
time for the action of the source. The transparency
of the bubble results from the substantial decrease in
neutrino scattering due to the factor (1 − f) in (8),
when the neutrino distribution function is close to a
Fermi step function.

Figure 4: Time dependence of the number density of
neutrinos (marked curve) and electrons (unmarked
curve).

However, under real conditions, the distribution
function can be considerably different from a Fermi
step distribution, for example, due to the heating of
the electron component by neutrino scattering pro-
cesses. Since the model we have used cannot be
applied to the case of non-zero temperature for the
medium, we simulated the influence of non-degeneracy
of the neutrino distribution on the emission by ne-
glecting the suppression factor (1 − f) when describ-
ing scattering by nuclei. Since the neutrino energy re-
mains virtually unchanged during scattering by nuclei
(as compared to scattering by electrons), this should
not affect the evolution of the neutrino distribution in
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Figure 5: Time dependence of the average energies of the
neutrinos (marked curve) and electrons (unmarked
curve).

momentum space, and should change only the optical
depth of the boundary [see (9)].

Indeed, in this case, appreciable neutrino radiation
appears only after t ≈ 10 ms, and reaches its max-
imum at t ≈ 12 ms. In accordance with (10), such
times correspond to densities that are two orders of
magnitude lower than the initial density. Therefore,
in the second case, the bubble becomes optically thin
to neutrinos only after it rises to the upper layers of
the supernova core, which are characterized by consid-
erably lower density. At earlier times, the rising bub-
ble acts as an opaque neutrino trap. In this case (Fig.
5), the mean energies of the neutrino and electron
components are equal from t ≈ 0.5 ms (the charac-
teristic time required for production of the neutrino
component by beta processes) to t ≈ 10ms (when the
medium becomes optically thin). In the first case (Fig.
3), the average neutrino energy is less than the aver-
age electron energy, due to the emission of some of the
neutrinos before the onset of the stage of ”classical”
transparency. Later, the mean neutrino energy ex-
ceeds the mean electron energy in both cases, since the
degradation of neutrinos in νe processes is substan-
tially decreased, while the Fermi energy of the elec-
trons (and, consequently, their average energy) con-
tinues to decrease as the bubble expands.

3.4. Estimates of neutrino radiation

At the initial time, the mass of matter with ex-
cess entropy (smax = 2.5) is 0.07M�. After 3.5 ms,
0.02M� of this material approaches the boundary
of the neutrino-sphere, where the density is ρ =

1011g/cm3, and becomes transparent to the neutri-
nos there. The density of these neutrinos is compa-
rable to the density of electrons with mean energy
E ∼ 60MeV . In this case, the intensity of the neu-
trino emission can be estimated as

L = (0.04M�×E)/(µmn×3.5×10−3) ∼ 4×1054erg/s,

Fraction of energy absorbed by matter per gram in
the shock wave from this neutrino radiation is

dε

dt
∼ Lσn1/ρR2 = 0.97 × 1027erg g−1 s−1,

for typical parameters ρ = 108 g/cm3, and R =
107 cm. This is much more than the neutrino losses
from the shock front: dεν/dt ∼ 6 × 1022 erg g−1 s−1

(reference [20]); i.e., the large-scale convection could
support a diverging shock wave, leading to the ejec-
tion of the supernova envelope.

The mechanism we have considered here is based
on the development of large-scale hydro-dynamical in-
stability inside a rotating protoneutron star, and has
several advantages over previous models, because it
can provide a rapid (over a time ∼ 10−2 s) emission
of high-energy neutrinos, which can give the required
boost to the energy of the shock. Observations of the
central region of SN 1987A testify to the presence of
two large-scale ejections, in good agreement with our
model incorporating the effects of rotation [21]. In ad-
dition, the motion of the bubbles along the rotation
axis will be accompanied by strong mixing and the
intense formation of 56

Ni, which has been observed
during the ejection of supernova shells. Since a large
fraction of the evolution of the bubbles occurs at den-
sities ρ > 1012 g/cm3, where neutrinos move in mat-
ter in a diffusion regime, there is no need to take into
account the effects of neutrino transport on the devel-
opment of the large-scale instability. As a bubble ap-
proaches the neutrinosphere (ρ < 1012 g/cm3), these
effects become appreciable and lead to changes in the
energy and spectrum of the escaping neutrinos.
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Evidence for Supernova Light in All Gamma-Ray Burst Afterglows
A. Zeh, S. Klose
Thüringer Landessternwarte Tautenburg, 07778 Tautenburg, Germany
D. H. Hartmann
Department of Physics and Astronomy, Clemson University, Clemson, SC 29634-0978

We present an update of our systematic analyses of all Gamma-Ray Burst (GRB) afterglow data, now published
through the end of 2004, in an attempt to detect the predicted supernova light component. We fit the observed
photometric light curves as the sum of an afterglow, an underlying host galaxy, and a supernova component.
The latter is modeled using published UBV RI light curves of SN 1998bw as a template. The total sample
of afterglows with established redshifts contains now 29 bursts (GRB 970228 - GRB 041006). For 13 of them
a weak supernova excess (scaled to SN 1998bw) was found. In agreement with our earlier result [47] we find
that also in the updated sample all bursts with redshift <

∼ 0.7 show a supernova excess in their afterglow light
curves. The general lack of a detection of a supernova component at larger redshifts can be explained with
selection effects. These results strongly support our previous conclusion based on all afterglow data of the years
1997 to 2002 [47] that in fact all afterglows of long-duration GRBs contain light from an associated supernova.

1. Introduction

Significant progress towards understanding the na-
ture of GRBs and their progenitors came with the
discovery of GRB afterglows in 1997 [16, 43]. First
observational evidence for the underlying source pop-
ulation was provided by GRB 970828, which showed
a bright X-ray afterglow but no optical counterpart
down to faint magnitudes [17]. This led to the sug-
gestion that the optical light was blocked by cosmic
dust in the GRB host galaxy, linking the burster to
a dusty star-forming region, i.e., most likely to the
explosion of a massive star [31]. The discovery of a
near-by type Ibc supernova (SN 1998bw) in the error
circle of the X-ray afterglow for GRB 980425 [11, 25],
provided strong support for this idea, and is consis-
tent with our current understanding of type Ibc SNe
and their progenitors (e.g., [8, 19]).

From the observational site, the supernova picture
is further supported by the fact that all GRB hosts
are star-forming, and in some cases even star-bursting
galaxies (e.g., [7, 40]). Evidence for host extinction by
cosmic dust in GRB afterglows and the discovery of
an ensemble of optically ’dark bursts’ (for a recent dis-
cussion, see [9, 23, 27]) also is consistent with the pic-
ture that GRB progenitors are young, massive stars.
Furthermore, for several GRB afterglows X-ray lines
may hint at a period of nucleosynthesis preceding or
accompanying the burst [1, 26, 30]. The positions of
the afterglows with respect to their hosts also favors
a relation to young, massive stars to GRBs [4].

As a natural consequence of a physical relation be-
tween the explosion of massive stars and GRBs super-
nova light should contribute to the afterglow flux, and
even dominate under favorable conditions. The most
convincing example is GRB 030329 [32] at z=0.1685
[14] with spectral confirmation of supernova light in its
afterglow [20, 22, 29, 41]. Spectroscopic evidence for
SN light in a GRB afterglow was later also reported
for GRB 021211 [6], GRB 031203 [28] and most re-

Figure 1: The late-time bump in the optical afterglow of
GRB 970228, the first optical afterglow ever found (data
collected from the literature). Interpreted as a signature
from a SN explosion makes this event one of the most
distant core-collapse SNe ever seen at that time. See also
[12, 33].

cently for XRF 020903 [39].

In contrast to direct spectroscopic evidence, several
cases of photometric indication of extra light in GRB
afterglows have been reported, starting with the pi-
oneering work on GRB 980326 [3]. Inspired by this
finding, the discovery of extra light in archived data
of the afterglow of GRB 970228 [12, 33] made it clear
that a search for late-time bumps in optical after-
glow light curves provides a powerful tool to constrain
or even reveal the nature of the underlying sources.
Since then various groups successfully fit SN 1998bw
templates to explain these late-time bumps (e.g., [5]),
the most convincing case being that of GRB 011121
[4, 13, 15].

The goal of our study is to search for supernova

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2225



bumps in GRB afterglow light curves using a sys-
tematic approach, allowing us to draw statistically
founded conclusions on the physical properties of this
new class of GRB-SNe in particular and on the GRB
progenitors in general. We collected from the liter-
ature all available photometric data on GRB after-
glows (including our own data), checked them for pho-
tometric consistency, and re-analyzed the data in a
consistent manner. Here we report on the status of
our study for all bursts that occured by the end of
2003, supplementing and expanding our previous re-
sults ([47], in the following paper I).

2. Numerical Approach

We model the light curve of the optical transient
(OT) following a GRB as a composite of afterglow
(AG) light, supernova (SN) light, and constant light
from the underlying host galaxy. The flux density, Fν ,
at a frequency ν is then given by

FOT
ν (t) = FAG

ν (t) + k F SN
ν (t/s) + F host

ν . (1)

Here, the parameter k describes the observed bright-
ness ratio (in the host frame, i.e., including the cos-
mological K-correction) between the GRB-supernova,
and the SN template (SN 1998bw) in the considered
photometric band (in the observer frame). We allowed
k to be different in every photometric band, but within
a band independent of frequency. The parameter s is
a stretch factor with respect to the used template. We
have also explored the consequences of a shift in time
between the onset of the burst and the onset of the
supernova explosion, as implied by some theoretical
models [44]. Then, in Eq. (1) F SN

ν (t/s) was replaced
by F SN

ν (t + τ). Here, τ = 0 refers to GRB 980425/SN
1998bw [21]. If τ < 0 the SN preceded the onset of
the GRB.

Following [2] and [35], we describe the afterglow
light curve by a broken power-law,

FAG
ν (t) = const [(t/tb)

α1 n + (t/tb)
α2 n]−1/n , (2)

with const=21/n FAG
ν (tb). Here t is the time after the

burst (in the observer frame), α1 is the pre-break de-
cay slope of the afterglow light curve, α2 is the post-
break decay slope, and tb is the break time. The pa-
rameter n characterizes the sharpness of the break; a
larger n implies a sharper break. If no break is seen
in the data then α1 = α2 and Eq. (2) simplifies corre-
spondingly.

The results of this numerical procedure were com-
pared with corresponding results published by oth-
ers [4, 5], and we found close agreement. We used
this procedure to predict the color evolution of GRB
030329/SN 2002dh [46], and obtained a very good nu-
merical fit for the light curves of GRB-SN 011121 [15].

Figure 2: The afterglow of GRB 011121 showed a very
clear signature of a late-time bump rising some days after
the burst. Shown here are data obtained with the
telescopes at ESO, Chile, and with the Hubble Space
Telescope [4]). The bump can be modeled well by an
underlying SN component at the redshift of the burster
(z=0.36) with a peak luminosity of about 80% of the
peak luminosity of SN 1998bw. Note that in the figure
the flux from the underlying host galaxy was subtracted
from the data (for details, see [15]).

Figure 3: Scetch of the hidden SN bump in the afterglow
of GRB 030329. Various re-brightening episodes of the
genuine afterglow, in combination with a relatively late
break-time of the light curve, made the photometric
signature for the underlying SN explosion very small.
Presumably, with no spectroscopic evidence at hand, the
SN had easily been missed in the data. For the light
curve fit α2 was fixed at 2.5.

The limitations of the procedure are given by the cho-
sen photometric band in combination with the redshift
of the burster. Once we can no longer interpolate in
between the UBV RI bands, but have to extrapolate
into the UV domain (cf. [3]), results become less ac-
curate. For more details see paper I.

Before performing a numerical fit, the observational
data was corrected for Galactic extinction along the

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2225



Table I The input sample of GRB afterglows. Redshifts
were taken from the literature.

GRB z GRB z GRB z GRB z

970228 0.695 991216 1.02 011121 0.362 030226 1.986

970508 0.835 000301C 2.04 011211 2.140 030323 3.372

971214 3.42 000418 1.118 020405 0.69 030328 1.520

980703 0.966 000911 1.058 020813 1.25 030329 0.169

990123 1.600 000926 2.066 020903 0.251 030429 2.658

990510 1.619 010222 1.477 021004 2.3 031203 0.106

990712 0.434 010921 0.450 021211 1.01 041006 0.716

991208 0.706

line of sight using the COBE maps [37]. This also
holds for SN 1998bw, where we assumed E(B − V )=
0.06 mag. We calculated the Galactic visual extinc-
tion according to AGal

V = 3.1 E(B − V ), whereas the
extinction in U and B were obtained via [36], and in
Rc and Ic by means of the numerical functions com-
piled in [34].

Most of the light curves we investigated have been
followed in more than one photometric band. For
each of these GRBs we chose the best-sampled light
curve as a reference light curve for the fit in the
other photometric bands. In all cases this was the
R band light curve. We always assumed that after-
glows are achromatic, in reasonable agreement with
observational data (e.g., [18, 24]). For every individ-
ual GRB, the afterglow parameters α1, α2, tb, and n
(Eq. 2) are then the same for all photometric bands.
Consequently, once we fit the reference light curve of
an optical transient and deduced the corresponding
afterglow parameters, we treated them as fixed pa-
rameters when fitting the light curves of the optical
transient in other photometric bands. In the fit the
degrees of freedom are reduced correspondingly.

3. Results and Discussion

The input sample consists of 29 bursts (GRB
970228 - GRB 041006) with established redshifts and
good enough photometric data in order to search for
a late-time bump in their afterglows (Table I), with
the most recent data for GRB 041006 [42]. These are
eight bursts more than in our previous study for all
bursts observed by the end of 2002 (paper I). Among
these 29 bursts are 13 for which a late-time bump
was found. This includes now also XRF 020903 (as
already noted in [38] and now spectroscopically con-
firmed [39]). Note that the requirement of a known
redshift excludes GRB 980326 as well as XRF 030723
from this list, which both showed a strong late-time
bump. On the other hand, as already noted in [3],

one can in principle constrain the redshift of a burster
by fitting a redshifted SN component to the observed
late-time bump in its afterglow light curve.

Figure 4: The deduced peak luminosities of all GRB-SNe
in units of the peak luminosity of SN 1998bw. All data
refer to the Rc band (in the observer frame). The dotted
line corresponds to SN1998bw. The parameter ∆m
equals –2.5 log k, which measures the magnitude
difference at maximum light between the GRB-SN and
SN 1998bw in the corresponding wavelength regime.
Note that the data are not corrected for a possible
extinction in the GRB host galaxies. GRB 980703 is not
included here and in the following figures because in this
case the stretch factor was not allowed to vary freely.

Again, our key finding is photometric evidence of
a late-time bump in all GRB afterglows with a red-
shift z <

∼ 0.7. We interprete this bump as light from
an underlying supernova, and model this component
as a redshifted version of SN 1998bw. The deduced
luminosities for these GRB-SNe (not including ex-
tinction corrections for the host galaxy), normalized
to SN 1998bw are listed in Table II. The width of
the distribution of the SN peak luminosities (in units
of the peak luminosity of SN 1998bw) spans over 2
photometric magnitudes with a pronounced maximum
around k = 0.5...1 (Figs. 4, 5). The potential SN re-
lated to the X-ray flash 020903 is not unusual with re-
spect to its peak luminosity. Interestingly, SN 1998bw
is at the bright end of the GRB-SNe distribution (as
already noted in paper I). Only the SNe related to
GRBs 030329 and 031203 might have been slightly
more luminous at peak brightness. No correlation
was found of the deduced SN luminosities with the
redshift or any afterglow parameter. Note, however,
that we cannot exclude the existence of such a corre-
lation since in most cases when a SN was found there
is a lack of early time data in the optical light curve
(resulting in an unknown break time tb and, hence, an
unknown parameter α1; Eq. 2).

Figure 6 shows the distribution of the correspond-
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Table II Best-fit parameters for the SN component found in GRB afterglows with known redshift. Columns: (1) and
(2) GRB and redshift; (3) photometric band, in which the light curve was fitted; (4) central wavelength of the
photometric band in the host frame in units of nm, adopting a wavelength of 659 nm for the Rc band; (5) peak
luminosity of the fitted SN component in the corresponding wavelength band (observer frame) in units of SN 1998bw,
after correction for Galactic extinction; (6) stretch factor s (Eq. 1); (7) goodness of fit per degree of freedom; (8) and
(9) the same as (5) and (7) for s = 1. The low χ2/d.o.f. for GRB 970228 is due to the small number of data points.
Note that we reduced all data with our own numerical procedure, so that slight differences to the results obtained by
others do naturally exist.

GRB z band λhost k s χ2

d.o.f. k if s=1 χ2

d.o.f.

970228 0.695 Rc 389 0.40±0.24 1.46±0.80 0.70 0.33±0.30 0.71

980703 0.966 Rc 335 – – – 1.66±1.22 0.78

990712 0.434 Rc 459 0.48±0.10 0.89±0.10 1.00 0.43±0.08 1.01

991208 0.706 Rc 386 0.90±0.35 1.12±0.28 1.64 1.02±0.32 1.56

000911 1.058 Rc 320 0.87±0.39 1.49±0.33 0.75 0.51±0.43 1.14

010921 0.450 Rc 454 0.68±0.48 0.68±0.28 0.42 0.43±0.10 0.78

011121 0.360 Rc 484 0.79±0.06 0.85±0.06 0.92 0.74±0.05 1.32

020405 0.695 Rc 389 0.74±0.17 0.98±0.17 5.26 0.72±0.11 4.86

020903 0.251 Rc 527 0.46±0.44 1.47±0.88 1.52 0.37±0.41 1.22

021211 1.006 Rc 328 0.97±0.87 0.74±0.23 2.68 0.52±0.34 2.65

030329 0.169 Rc 563 1.13±0.33 0.82±0.13 3.10 0.98±0.01 4.49

031203 0.106 Rc 596 1.65±0.41 1.14±0.16 0.04 1.75±0.19 0.24

041006 0.716 Rc 384 0.91±0.05 1.38±0.06 1.27 1.21±0.07 1.95

Figure 5: The distribution of the peak brightness of all
GRB-SNe in units of the corresponding peak brightness
of SN 1998bw in the Rc band (in the observer frame).
The corresponding stretch factor is shown in Fig. 6.

ing stretch factor s. Since no fit was possible for the
afterglow of GRB 980703 with s being a free parame-
ter, this burst is not included in Figs. 4-6. The mean
value of s is 1.0, i.e., identical to SN 1998bw.

Instead of introducing a stretch factor to have more
freedom in the variety of GRB-SNe, one can also fol-

Figure 6: The distribution of the corresponding
parameter s (Eq. 1) describing a stretching of the SN
light curve relative to those of SN 1998bw (for which by
definition s = 1, dotted line). In general, s < 0 (s > 0)
means that the evolution of the light curve of the SN was
slower (faster) than those of the light curve of SN 1998bw
in the corresponding wavelength band. The mean value
is s = 1.0.

low [44] and search for evidence of a time delay be-
tween the burst and the SN. According to this model,
GRBs are the result of delayed black hole formation,
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which implies that the core-collapse and its subse-
quent supernova may significantly precede the burst.
The delay could be of order months to years [44], or
perhaps as short as hours [45]. For only two of the SN
light curves the fit indeed improved if we allowed for
a shift in time between the onset of the burst and the
onset of the SN (GRBs 990712, 011121). The offsets
never exceeded 5 days, and were both negative and
positive. However, the uncertainties in this parame-
ter are large, due to the poorly sampled shape of the
underlying supernova (e.g., [13]).

4. Summary and Conclusions

Since the first clear evidence for extra light in a
GRB afterglow light curve (GRB 980326; [3]), there
is growing evidence for several such cases. Our key
finding is photometric evidence of a late-time bump in
all afterglows with a redshift z <

∼ 0.7, including those
of the year 2003 (GRBs 030329 and 031203) and year
2004 (GRB 041006; [42]). For larger redshifts the data
is usually not of sufficient quality, or the SN is sim-
ply too faint, in order to search for such a feature in
the late-time afterglow light curve. This extra light
is modeled well by a supernova component, peaking
(1+z)(15...20) days after a burst. This, together with
the spectral confirmation of SN light in the afterglows
of GRB 021211, 030329, and 031203 further supports
the view that in fact all long-duration GRBs show
SN bumps in their late-time optical afterglows. Given
the fact that a strong late-time bump was also found
for XRF 030723 [10] and a less strong bump for XRF
020903 (but with spectroscopic confirmation of under-
lying SN light [39]) might indicate that this conclusion
holds also for X-ray flashes (even though the finding
of XRF-SNe might be more difficult; see [39]).
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Some massive binaries should contain energetic pulsars which inject relativistic leptons from their inner mag-
netospheres. If the binary system is compact enough, then these leptons initiate inverse Compton (IC) e

± pair
cascades in the anisotropic radiation field of a massive star. γ-rays can be produced in a pulsar wind region and
above the shock in a massive star wind region where the propagation of leptons is determined by the structure
of a magnetic field around the massive star. For a binary system with specific parametres, we calculate phase
dependent spectra and fluxes of γ-rays as a function of the inclination angle of the system and for different
assumptions on injection conditions of the primary leptons. These γ-rays should be observed by future AGILE
and GLAST satellites and low threshold Cherenkov telescopes.

1. INTRODUCTION

Numerical simulations of the evolution of binary
systems containing neutron stars show that a fraction
of them with non-accreting pulsars may become sev-
eral percent of the total number of massive binaries
[8], e.g. PSR B1259-63 with the period of 47.8 ms or
A0538-66 with the period of 69.2 ms. It is expected
that such binaries are sites of high energy processes in
which particles can be accelerated to relativistic en-
ergies. In fact, some of such compact binary systems
are coincident with the EGRET sources e.g. LSI +61
303 (2EG J0241+6119), Cyg X-3 (2EG J2033-4112),
and LS 5039 (3EG J1824-1514). One of them, PSR
1259-63/Be, has been recently observed by the HESS
group at energies ∼ 400 GeV on the level of 5% of the
Crab [9].

We consider in details a very compact binary sys-
tem of a young pulsar and OB or WR type star which
volume is separated by the shock wave into two re-
gions with different properties. The shock appears as
a result of collisions between the pulsar and the mas-
sive star winds. Massive companion is able to create
soft radiation field in which the optical depths for ac-
celerated leptons can be much larger than unity. For
details of the model see [10].

2. A PULSAR CLOSE TO A MASSIVE
STAR

Let us assume that the energy loss rate of the pulsar,
Lrot, is high enough that the matter from the massive
companion can not accrete onto the pulsar surface nei-
ther from the outflow through the Lagrangian point
or from the dense stellar wind. The pulsar is on a
circular orbit around the massive star with the radius
Rs, effective surface temperature Ts, and surface mag-
netic field Bs. The star creates the wind which has the
termination velocity v∞ and is characterized by the
mass loss rate Ṁ. The separation of the stars is D.
As a result of the interaction of the pulsar and stellar
winds a double shock structure is formed, separated by
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Figure 1: The schematic scenario of the interacting
neutron star and massive companion inside the compact
binary system. Primary leptons are injected by the
pulsar and propagate inside the pulsar wind region
(PWZ) along direction defined by the angle θ,
comptonizing soft radiation from the massive star.
Secondary γ-rays can be absorbed in the same radiation
field either inside the PWZ or, after passing the pulsar
wind termination shock, in the massive star wind region
(MSWR), triggering an electromagnetic cascade. Leptons
propagate radially inside the PWZ but follow the
magnetic field structure inside the MSWR.

the contact discontinuity, at the distance determined
by the above mentioned parameters of the stars (see
Fig. 1). The pulsar and stellar winds are symmetric.
We apply the simplified model for the structure of the
colliding winds based on momentum conservation [5].

In order to perform detailed calculations in the case
of specific binary we apply as an example the param-
eters expected for the massive WR star in the Cyg
X-3 system. This is a short period compact binary,
τ = 4.8 hr, with the massive star radius < 3 − 6R�,
surface temperature Ts > (7 − 9) × 104 K, separation
of the components 3.2 < D/R� < 5.6, and the mass

loss rate Ṁ ∼ 1.1 × 10−5M� yr−1 [4]. The orbital
inclination of the system with respect to the observer
at the Earth is i > 60o [6]. The infrared observa-
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tions by [13] are consistent with the high orbital in-
clination, i = 74o, and the mass loss rate in the range
Ṁ ∼ 1.2×10−4M� yr−1 and Ṁ ∼ 0.6×10−5M� yr−1.
The stellar wind has terminal velocity V∞ = 1.45×103

km s−1. The mass of the compact object has been
constrained by < 3.6M�, and the mass and radius of
the stellar companion by < 7.3M� and Rs < 1.6R�

[11]. We adopt the following parameters for our spe-
cific binary system. A Wolf-Rayet type star with
a radius Rs = 1.6 × R�, an effective temperature,
Teff = 1.36 × 105K, and a typical surface magnetic
field, Bs ∼ 102 − 103G [12]. The mass loss rate is

Ṁ ∼ 0.8−8.0×10−5 M� yr−1, the velocity of the stel-
lar wind at infinity v∞ ∼ (1−5)×108 cm s−1, and the
star rotational velocity vrot ∼ (0.1−0.2)v∞. The pul-
sar has a period P = 12.59 ms and a surface magnetic
field B = 4.95 × 1011 G [3]. It is on a circular orbit,
with a separation of D = (3.6 ± 1.2)R� = 2.25 × Rs

[11]. For these parameters, the pulsar energy loss rate
is,

Lrot ≈ 6 × 1043 B2
12 P−4

ms erg s−1 ≈ 6 × 1038 erg s−1,(1)

where P = 10−3Pms s and B = 1012B12. For the
above mentioned parameters of the massive compan-
ion in the Cyg X-3, the value of the parameter η,
which determines the shape of the shock, is in the
range 0.067 < η < 0.67 [5]. We apply the average
value η = 0.3.

Leptons which move through the PWZ interact effi-
ciently with the soft radiation of the massive compan-
ion initiating IC e± pair cascade. The optical depths
for IC scattering of massive star thermal radiation
and for γ-rays absorption process in the same radi-
ation are much larger than unity (see 2). γ-rays with
energies above a few GeV have high probability of in-
teraction for all directions (optical depth larger than
unity). The charged products of this cascade arrive
finally to the shock region in the pulsar wind and fol-
low the flow along the shock surface. The power in
these secondary leptons is relatively low with respect
to the power in secondary cascade γ-rays in the case
of very close binary systems considered in this pa-
per. The secondary γ-rays move into the massive star
wind region. Some of them escape from the binary
system but a significant part can be converted into
the next generation of e± pairs which have to follow
the complex structure of the magnetic field present in
the stellar wind. These pairs can trigger further cas-
cading processes producing next generation of γ-rays
at directions which depend not only on the injection
geometry of primary leptons but also on the geometry
of the magnetic field.

We consider two models for the primary spectra of
leptons injected into the radiation field of the massive
star: (i) The power law spectrum of injected leptons
between 100 MeV and 500 GeV and the spectral in-
dex -1.2, as envisaged in the recent calculations of

Figure 2: The optical depths for leptons on ICS and for
γ-rays on e± pair production in the anisotropic radiation
of the massive star during their rectilinear propagation
from the injection place (at the distance D = 2.25Rs

from the massive star) up to the infinity (figure (a)) are
shown as a function of particles energies for the case of
their injection at the angle: θ = 0o (thick full curves),
30o (dashed), 60o (dot-dashed), 90o (dotted), 120o (thin
full), and 150o ( dot-dot-dot-dashed). (b) As in (a) but
for particles propagating only to the termination shock
defined by η = 0.3 and for the injection angles 90o (solid
lines), 120o (dotted lines) and 150o (dashed lines). (c) As
in (b) but for two specific locations of the shock defined
by η = 0.06 and 0.6 and for the injection angles of
primary leptons equal to 90o (solid lines) and 150o

(dashed lines).

the spectra of leptons escaping from the inner magne-
toshere performed by [7]. (ii) The monoenergetic in-
jection of leptons with energies 106 MeV correspond-
ing to the Lorentz factors of the pulsar wind with the
parameters typical for the Crab pulsar. These leptons
have very similar energies to those ones expected for
the supposed pulsar in Cyg X-3 binary system due to
the similar value of B/P 2.
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Figure 3: The γ-ray light curves in two energy ranges,
0.1 − 10 GeV ((a) and (c)) and 10 − 103 GeV ((b) and
(d)), produced in the cascade process occurring inside
the PWZ. The cascade is initiated by leptons with the
monoenergetic (figures on the left) and the power law
spectra (on the right) for selected values of the
inclination angles i = 30o (solid curve), 60o (dashed), and
90o (dotted) measured from the normal to the plane of
the binary system.

3. PULSAR WIND REGION

Energetic leptons are injected from the vicinity of
the pulsar light cylinder and propagate radially from
the pulsar almost at rest with respect to the pulsar
wind. In this case we neglect the synchrotron losses of
leptons during their propagation up to the pulsar wind
shock. Leptons develop IC e± pair cascade whose ef-
ficiency depends on the injection parameters of these
primary particles (initial energies of leptons, their in-
jection directions and parameters of the binary system
and massive star). We assume that the cascade initi-
ated by specific primary lepton in the PWZ develops
in one dimension, i.e. in the direction of propagation
of the primary particle. Such one-dimensional cascade
develops up to the pulsar wind shock. The secondary
γ-rays pass through the shock into the massive star
wind region where they can be additionally absorbed
producing next generation of energetic e± pairs. For
considered large optical depths, only the γ-rays with
energies below the threshold for e± pair production es-
cape freely from the binary system. The secondary e±

pairs which are produced in the PWZ are captured by
the magnetic field of the shock region and move along
its surface with the pulsar wind plasma. However, in
the case of compact binary systems such as Cyg X-3,
we can neglect the contribution of secondary e± pairs
to the total escaping γ-ray spectrum, because the part
of energy of the primary leptons transfered to the sec-
ondary e± pairs is relatively low compared to that one
transfered to the secondary γ-rays, as we show later.

We follow the development of such IC e± pair cas-
cade in the anisotropic radiation of the massive star
assuming that the primary particles are injected in
the place corresponding to the location of the pulsar
in the binary system. The procedure for the cascade
Monte Carlo simulations in the PWZ is generally the
same as used before [1, 2], except for the assump-
tion on the local isotropisation of secondary e± pairs
applied in previous papers. It is assumed that the
secondary cascade e± pairs follow the direction of the
parent γ-rays.

The γ-ray spectra have been obtained for two, men-
tioned above, distributions of primary leptons and the
location of the shock defined by η = 0.3. The ba-
sic features of the γ-ray spectra observed at infinity,
i.e. after their partial absorption in the radiation field
of the MSWR, can be easily understood. Only pri-
mary leptons propagating in the outward direction
(with respect to the massive star) can produce γ-ray
fluxes above ∼ 100 GeV, being potentially detectable
by telescopes operating at very high energies (VHE).
On the other hand, the γ-ray spectra escaping in the
inward directions, i.e. close to the limb of the massive
star, have comparable intensities at energies below 10
GeV (HE range) within a factor of 2-3. Moreover,
these spectra show cut-offs close to ∼ 10 GeV which
are determined by the surface temperature of the mas-
sive star. Therefore, the anticorrelation between the
γ-ray emission in the HE and VHE ranges is expected
from such compact luminous binaries. It is evident
that the high energy part of the γ-ray spectrum pro-
duced in the PWZ is strongly absorbed during prop-
agation through the MSWR if the primary leptons
are injected in the hemisphere containing the massive
star, i.e. for the angles θ > 90o.

In order to investigate in more details the angu-
lar dependence of the γ-ray emission produced in the
cascade inside the PWZ, we calculate the γ-ray light
curves which should be observed at different incli-
nation angles of the binary system. The results are
shown for the two, HE and VHE, energy ranges (i.e.
0.1−10 GeV and 10−103 GeV) in the case of primary
leptons injected into the PWZ with the monoenergetic
and power law distributions (see Fig. 3). The γ-ray
luminosities are calculated after normalization of the
power in primary leptons to the rotational energy lost
by the pulsar, Le = Lrot. Clear anticorrelation in
the γ-ray curves is observed between these two energy
ranges for both initial spectra of primary leptons. The
VHE emission is mainly limited to the phases when
the pulsar is in front of the massive star (ϕ = 0o).
In contrast, the HE emission is much more uniform
with significant decrease at phases around 0o at which
the VHE emission is the strongest. The disappear-
ance of γ-ray emission for large inclination angles of
i > 90o − α (where α = 26.4o is the angular extend of
the massive companion observed from the distance of
the binary separation) and at the phase close to 180o,
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Figure 4: The γ-ray spectra escaping from the binary system for different phases of the pulsar on its orbit around the
massive star (measured with respect to the location of the observer), ϕ = 30o (solid curve) 60o (dashed), 90o

(dot-dashed), 120o (dotted), 180o (dot-dot-dot-dashed), and different inclination angles of the binary system i = 30o

((a) and (d)), 60o ((b) and (e)), and 90o ((c) and (f)). γ-rays are produced in the PWZ cascade by primary leptons
with the monoenergetic (figures on the left) and the power law spectrum (on the right).

is connected with the total eclipse of the pulsar by the
massive companion. The γ-ray spectral shapes do not
differ significantly below a few GeV (spectral index
close to -1.5) for half of the pulsar phases, indepen-
dently on the inclination angle of the binary system.
The level of this emission vary only by a factor of 2-3.
In contrast, the VHE emission is limited to a rela-
tively small range of phases with clear dependence on
the inclination angle of the binary.

4. MASSIVE STAR WIND REGION

As we have shown above, a significant part of γ-rays
from the PWZ which passed the termination shock is
effectively absorbed in the MSWR by dense radiation
field of the massive star. However, the next generation
of e± pairs is forced to follow the local magnetic field
lines and their directions of propagation can change
significantly with respect to the directions of their par-
ent γ-rays. Therefore, the development of the cascade
in the MSWR becomes much more complicated, de-
termined by the complex magnetic field structure and
the cascade is not further one-dimensional. The next
generation γ-rays are usually produced at completely
different angles than the initial directions of the PWZ
cascade γ-rays. In these cascade calculations it is as-
sumed that synchrotron energy losses of the cascading
e± pairs can be neglected with respect to their energy

losses on the ICS. In fact, the comparison of energy
densities of the magnetic field ∼ 2.5 × 1016 eV cm−3

(for the surface magnetic field of the star Bs = 103

G) and the thermal radiation ∼ 8.5 × 1017 eV cm−3

(for the temperature of the star Ts = 1.36 × 105 K)
shows that the IC losses should clearly dominate over
the synchrotron process. Further from the star the
energy density of radiation drops with the square of
the distance and the energy density of magnetic field
drops with the forth power of the distance. Therefore,
if the IC losses dominate at the stellar surface it has
to dominate everywhere above the star.

The magnetic field in the wind of the massive star
can have complicated structure. In the region very
close to the massive star surface it is characterized by
dipolar component. At a certain distance, the radial
component starts to dominate due to the presence of
the ionized plasma, and at larger distances the mag-
netic field becomes toroidal due to the rotation of the
massive star. The strength of the magnetic field as
a function of distance from the center of the massive
star is described by [12].

Let us investigate the angular distribution of sec-
ondary γ-rays produced by secondary e± pairs which
in turn originate in the absorption process of γ-rays
from PWZ cascade. These e± pairs propagate in the
magnetic field and anisotropic soft radiation. As be-
fore, we consider two cases of the monoenergetic and
power law injection of primary leptons. The basic
features of the angular distribution of the secondary
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Figure 5: As in Fig. 2 but for the MSWR cascade
initiated by secondary γ-rays which are in turn produced
in the cascade in the PWZ initiated by primary leptons
with the monoenergetic (figures on the left) and the
power law distributions (on the right). γ-rays are
collected within the range of the cosine of inclination
angles of the system 0.76 < cos i < 0.88 (contains i = 30o

- solid curve), 0.41 < cos i < 0.53 (60o - dashed), and
−0.06 < cos i < 0.06 (90o - dotted).

γ-rays are determined by the structure of the mag-
netic field in the MSWR. For the parameters consid-
ered in this work, the magnetic field is radial in the
main region above the shock. For the primary leptons
injected at the angle θ = 90o, the γ-rays from cas-
cade inside the MSWR are produced inside the cone
centred along the direction of the magnetic field lines
which cross the direction of propagation of γ-rays pro-
duced inside the PWZ. Since the magnetic field lines
are radial, the angles at which the secondary γ-rays es-
cape are limited to relatively small part of the sphere.
For primary leptons injected at larger angles the cone
of secondary γ-ray production inside the MSWR be-
comes broader on the sky. Most efficient production
occurs for directions which are tangent to the massive
star limb. In this case a significant part of secondary
γ-rays fall onto the surface of the massive star which
angular dimensions, seen from the location of the neu-
tron star, are equal to 26.4o. If the primary leptons
are injected towards the massive star, then the sec-
ondary e± leptons, which originate in the MSWR in
absorption of secondary γ-rays from PWZ, move along
the radial magnetic field. Most of the γ-rays produced
in MSWR fall then onto the massive star. The sec-
ondary e± pairs reach finally the dipole part of the
magnetic field, which is close to the massive star, and
may produce low energy γ-rays at wide angles in the
plane of the binary system.

The angular distribution of γ-rays produced in the
MSWR in the case of monoenergetic and power law
distributions of primary leptons is similar since it is

determined by the radial structure of the magnetic
field. However, the numbers of produced γ-rays are
a factor of a few larger in the case of monoenergetic
injection of primary leptons. This is due to the fact
that γ-rays produced in the PWZ by monoenergetic
leptons have on average higher energies. Therefore,
they transport more energy to the MSWR. The en-
ergies and numbers of secondary e± pairs, from their
absorption inside the MSWR, are larger allowing more
efficient production of next generation of γ-rays in the
MSWR.

The γ-ray light curves of photons produced in the
MSWR for two energy ranges, 0.1 − 10 GeV and 10
GeV - 1 TeV, are shown in Figs. 5, after its normal-
ization to the total energy loss rate of the considered
here pulsar. The observer is located at different incli-
nation angles i to the plane of the binary system. The
general features of the γ-ray light curves produced in
the MSWR are similar to these ones shown above for
the γ-rays produced in the PWZ (see for comparison
Figs. 5). However, the total γ-ray power is usually
lower (typically by a factor of three) than expected in
the case of γ-rays produced in the PWZ. Only in the
range of phases around 0o and large inclination angles,
the power of the γ-rays from the MSWR can dominate
over the PWZ γ-rays in the GeV energy range. The
power emitted in GeV energies is quite uniform with
the phase of the pulsar provided that the inclination
angle is small enough that the binary system is not
eclipsing. The power emitted at TeV energies is lim-
ited to the range of phases ±60o around the phase 0o

which correspond to the position of the pulsar in front
of the massive star.

Figs. 6 show the γ-ray spectra produced in the
MSWR for selected phases and inclination angles of
the binary system. The basic differences between
these spectra and the γ-ray spectra produced in the
PWZ are due to the fact that cascade in the MSWR is
initiated by leptons for which the total optical depths
are higher. Therefore, these γ-ray spectra are steeper,
with the spectral index close to -2, in contrast to the
spectral index of the spectra produced in the PWZ
which are close to -1.5. Although, the power emitted
in γ-rays from the MSWR is a factor of a few lower,
it can still significantly contribute to the total γ-ray
spectrum observed at some range of phases and at en-
ergies below ∼ 1 GeV for the case of monoenergetic
injection of primary leptons. Moreover, as already
noted above, this GeV emission is much more uniform
over the sky. At energies > 10 GeV the contribution of
the γ-rays from the MSWR (produced by monoener-
getic primary leptons) becomes negligible with respect
to the γ-rays from the PWZ for the considered loca-
tion of the shock inside the binary system defined by
η = 0.3. The γ-rays produced inside the MSWR by
primary leptons with the power law spectrum do not
contribute significantly to the γ-rays produced in the
PWZ. Primary leptons with the power law spectrum
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Figure 6: As in Fig. 4 but for the MSWR and three ranges of the cosine of the inclination angle of the binary
0.76 < cos α < 0.88 (centered on i = 30o - (a) and (d)), 0.41 < cos α < 0.53 (60o - (b) and (e)), and
−0.06 < cos α < 0.06 (90o - (c) and (f)).

produce on average more secondary γ-rays already in-
side the PWZ.

5. CONCLUSIONS

Most of energy of primary leptons propagating in
the pulsar wind zone (PWZ) is transfered to the sec-
ondary γ-rays for both the monoenergetic and the
power law primary spectra of leptons (shock location
is defined by η = 0.3). The γ-ray light curves for pho-
tons escaping from the PWZ at lower energies (range
0.1 − 10 GeV) are anticorrelated with the γ-ray light
curves at higher energies (> 10 GeV) for both dis-
cussed primary spectra of leptons independently on
localizations of the shock within the binary system.
The γ-ray spectra extend to higher energies for the
monoenergetic primary leptons but are less intense at
lower energies than in the case of leptons injected with
the power law spectrum. A part of γ-rays produced in
the PWZ (typically one third to half) is converted to
secondary e± pairs in the MSWR. Therefore, the con-
tribution of γ-rays produced in the MSWR is usually
lower than γ-rays produced in the PWZ. The complex
magnetic field in the MSWR has significant effect on
propagation directions of secondary cascade e± pairs
and, as a consequence, on the distribution of γ-rays
on the sky. This distribution also strongly depends on
the injection directions of primary leptons. The γ-ray
fluxes produced in the MSWR are weakly dependent

on the phase of the pulsar and the inclination angles
of the binary system due to the propagation effects
of secondary e± pairs in the magnetic field mentioned
above.
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The EXIST active shields, planned for the main detectors of the coded aperture telescope, will have approxi-
mately 15 times the area of the BATSE detectors, and they will have a good geometry on the spacecraft for
viewing both the leading and trailing Earth’s limb for occultation observations. These occultation observations
will complement the imaging observations of EXIST and can extend them to higher energies. Earth occultation
observations of the hard X-ray sky with BATSE on the Compton Gamma Ray Observatory developed and
demonstrated the capabilities of large, flat, uncollimated detectors for applying this observation method. With
BATSE, a catalog of 179 X-ray sources was monitored twice every spacecraft orbit for 9 years at energies above
about 25 keV, resulting in 83 definite detections and 36 possible detections with 5 σ detection sensitivities of
3.5-20 mcrab (20-430 keV) depending on the sky location. This catalog included four transients discovered
with this technique and many variable objects (galactic and extragalactic.) This poster describes the Earth
occultation technique, summarizes the BATSE occultation observations, and compares the basic observational
parameters of the occultation detector elements of BATSE and EXIST.

1. Introduction

1.1. Earth Occultation Technique

The Earth Occultation technique is simply measur-
ing the change in total count rate in a non-imaging
detector when an X-ray source rises above or sets be-
low the Earth’s horizon, due to the spacecraft orbital
motion. This produces a step-like feature in the data,
illustrated in Figure 1. This technique, described in
detail in Harmon et al. (2002)[1], was used very suc-
cessfully with the Burst and Transient Source Exper-
iment (BATSE) on the Compton Gamma Ray Obser-
vatory to monitor a catalog of 179 sources, of which
83 where definitely detected. This catalog included 32
stellar mass black hole systems of which 23 were defi-
nitely detected, including 3 newly discovered systems,
and 12 AGN sources of which 6 were definitely de-
tected. Details of the BATSE catalog can be found in
Harmon et al. (2004)[2], including data on the web at
http://gammaray.msfc.nasa.gov/batse/occultation.

1.2. EXIST

The Energetic X-ray Imaging Survey Telescope
(EXIST) is a mission concept for the Beyond Einstein
Black Hole finder probe [3]. The current design con-
cept is shown in Figure 2. Its primary mission will be
to study obscured active galactic nuclei and gamma
ray bursts. The main instrument, the high energy in-
strument, is a coded mask telescope with ∼ 6 m2 of
cadmium-zinc telluride (CZT) detectors in the focal
plane. It will be sensitive to photons in the 10-300
keV range. In this poster we propose using the CsI

Figure 1: Illustration of an Earth Occultation step in
count rate data.

side shields as Earth occultation detectors to supple-
ment the energy range and time coverage of the main
instrument. The high energy instrument on EXIST
will consist of a 6 × 3 array of sub-telescopes, one of
which is shown in Figure 3. Honeycomb side panels
and both active and passive shields will be shared by
adjacent sub-telescopes. The thicknesses and areas of
these active and passive shields will be optimized to
meet the mission constraints. See Figure 4 for an ex-
ploded view of the current configuration. Table I lists
various parameters for the current EXIST concept and
BATSE for comparison.
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Figure 2: Current design concept for the EXIST satellite.

Figure 3: One of 18 sub-telescopes in the EXIST
high-energy instrument.

2. Estimating the Earth Occultation
Sensitivity of the EXIST Side Shields

To estimate the sensitivity of the EXIST CsI side
shields for Earth Occultation measurements, we scaled
the BATSE large area detector (LAD) count rates

Figure 4: Exploded view of an EXIST sub-telescope.

from a typical interval outside of South Atlantic
Anomaly (SAA) passage by the ratio of the CsI side
shield area (2.31 m2) to the area of 1 BATSE LAD
(0.2025 m2). Next we generated a time series of ran-
dom background rates, using the 16 BATSE energy
channels.
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Figure 5: Comparison of estimated sensitivity of the EXIST CsI side shields to the BATSE Large Area detectors for
Earth Occultation measurements. Dashed, solid, and dash-dot curves show EXIST CsI sensitivities for 1 step, 1 day,
and 1 year, respectively. Horizontal bars denote BATSE sensitivity for 2 LADs for 2 weeks and for the full 9.1 year
mission

Table I Comparison of EXIST and BATSE

Parameter EXIST BATSE

Area 23100 cm2 2025 cm2

(array of 6 shields) (1 BATSE LAD)

Material CsI NaI

Thickness 0.8 cm per layer 1.27 cm

(up to 4 layers)

Density 4.51 g cm−3 3.67 g cm−3

Orbit Altitude 500 km 400-600 km

Orbit Inclination 7◦ 28.5◦

We then fit these rates with the following model:

R(t) = FAεT (t)cos(θ) +
2

∑

i=0

ci(t − t0)
i, (1)

where F is the source flux in photons cm−2 s−1; θ is
the angle to the source; A is the geometric detector
area; ε is the detector efficiency; T (t) is the atmo-
spheric transmission function; ci are coefficients of a
simple quadratic fitted to the background rate; and t0
is the occultation time of the source. The atmospheric
transmission function, T (t), depends on the mass at-
tenuation of gamma rays in air, and the air mass along

the line of sight at a given altitude, which in turn de-
pends upon the precise position of the spacecraft. For
EXIST we simply used an atmospheric transmission
function from BATSE.

The assumed EXIST CsI shield detector efficiency
was given by

ε = (1 − e−µCsI(E)ρCsIhCsI)e−µH(E)ρHhH (2)

where µCsI(E) and µH(E) are the energy dependent
mass attenuation coefficients for CsI and the honey-
comb panels, ρCsI and ρH are the densities of CsI
and the honeycomb panels, and hCsI and hH are the
thickness of CsI and honeycomb panels. We used 1
CsI layer (hCsI = 0.8 cm) and 1 honeycomb panel
(hH = 0.8 cm) for energies up to about 200 keV.
Above 200 keV, we assumed all 4 CsI layers were used
(hCsI = 3.2 cm) and that the photons passed through
7 honeycomb layers (hH = 5.6 cm).

The sensitivity is then given by NσF, where σF

is the computed error on the source flux F . In our
case we chose N=3 to obtain 3 σ sensitivity estimates,
shown in Figure 5.

3. Conclusions

Our estimates show that we should reach flux lev-
els in about a day with EXIST that took an entire 2
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week pointing with BATSE and similarly, in about 1
year we should reach levels comparable or better than
those obtained over the entire BATSE mission. We
used a very rough approximation for the background
in the EXIST CsI side shields, obtained by simply
scaling the average background in a BATSE LAD by
area, to estimate the Earth Occultation sensitivity for
EXIST. One should keep in mind that our estimates
especially at the low and high ends will be affected
by materials in close proximity to the detector. At
low energies, we have assumed an 8 mm thick honey-
comb panel with a density of 0.5 g cm−3 sandwiching
each shield. At high energies, we simply scaled the
BATSE rates, assuming that the spacecraft materials
are similar for BATSE and EXIST. The background
levels at high energies are due to cosmic rays inter-
acting in materials near the detectors. More detailed
background estimates are needed to better determine
Earth Occultation sensitivity for EXIST.

The CZT coded mask imaging system on EXIST

will provide more sensitive measurements of sources
especially at energies below 300 keV. Our Earth Oc-
cultation measurements will complement these mea-
surements, providing additional time coverage when
sources are outside the field of view of the main in-
strument. This may prove important especially for
rapid or short lived events, such as the rise of a tran-
sient stellar mass black hole outburst. In addition this
technique will complement the energy range of the
CZT detectors, providing coverage at energies where
the CZT detectors have low efficiency.
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INTEGRAL Observations of OAO1657-415: Gamma Ray Tomography of
a B Supergiant

T. Bulik
CAMK, Bartycka 18, Warsaw, Poland
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INTEGRAL has been monitoring the eclipsing X-ray pulsar for over one year. We present the results of these
observations. The 38 s pulsations have been detected. A careful analysis of the eclipse lightcurve allows to
model the density profile in the outer atmosphere and stellar wind of the companion, a B supergiant. We also
find that the models favor the inclination of the system close to the lower bound, i.e i=60-70 degrees.

1. INTRODUCTION

The accreting pulsar has been known since 1978
when it was discovered by the Copernicus satellite [4].
Soon after the discovery pulsations with the period
of 37 seconds were identified [5]. The search for the
companion ended successfully only three years ago,
and was made possible by the Chandra localization
[2]. The companion has been identified as a B super-
giant. The distance is estimated to be 6.4 ± 1.5 kpc.
The spectrum is absorbed in soft X-rays, and has been
modeled by a thermal spectrum with kT ≈ 15 keV
and power law tail above 20 keV. There is a possible
cyclotron line at 36 keV.

The INTEGRAL observatory allows to perform
long term observations of the sources in the galactic
plane. We present the analysis of INTEGRAL obser-
vations of the accreting pulsar OAO 1657-415 during
the spring and fall of 2003. The total data acquisition
time is 900 ks. The typical detection significance was
20-30 sigma. We have folded the data with the orbital
period of 10.44 days found by BATSE [1], see Figure
2.

We note that the eclipse ingress and egress are not
rapid but gradual. Since the X-ray source is practi-
cally point like this means that the eclipse probes the
structure of the eclipsing supergiant. At his point one
might assume that the pulsar emission region is of the
size comparable with the red super giant companion.
We have however two handles that can provide an esti-
mate the size of the emission region in OAO1657-415.
The first comes from the observed period of ≈ 37 s,
which is quite long for a pulsar. Assuming that this is
a rotational period leads to the estimate of the min-
imal average density of the star ρ > 6 × 106g cm−3,
clearly pointing at a neutron star. A more direct esti-
mate comes from the observed thermal spectrum with
kT ≈ 15 keV, which given the estimate of the distance
leads to the estimate of the emitting region size of
≈ 10 km. Therefore in order to explain the observed
shape of the eclipse one has to consider the radiative
transfer through the extended atmosphere of the com-
panion.

2. MODEL OF THE ECLIPSE

In our model we assume that the atmosphere of
the companion is totally ionized, and that the density
profile of the atmosphere can be parameterized by an
power law function:

ρ = ρ0

(

r

r0

)

−α

, (1)

where we chose r0 = 30 R� as our fiducial depth at
which we estimate the density ρ0. We solve the radia-
tive transfer approximately, assuming that the opacity
comes from the electron scattering only. In the ISGRI
energy band between 20 and 40 keV this assumption is
well justified. We calculate the optical depth by inte-
grating the column density through the atmosphere of
the star at each point of the orbit. The observed flux
is them found by approximating the radiative transfer
solution with

F = F0 exp

(

−
σT

mp

∫

ρdx

)

(2)

where σT is the Thomson cross-section, mp is the pro-
ton mass, and we integrate along the line of sight.

We have fitted the model to the data and obtained
the following density profile of the supergiant com-
panion:

ρ(r) = 1012.3±
0.30
0.15

(

r

30R�

)

−8.5±
1.5
1.3

cm−3 (3)

At the same time these limits imply that the inclina-
tion of the system is close to the lower bound implied
by the existence of the eclipses, however this conclu-
sion depends on the physical model assumed above.
The details of the fit are presented in [3].

3. RESULTS

We have modeled the shape of the eclipse in gamma-
rays in OAO 1657-415. The main factor determining
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Figure 1: The skymap of the Galactic plane region centered on OAO

the shape of the eclipse is the transparency of the
outer layers of the companion star to the gamma-ray
radiation from the pulsar. Thus the long time moni-
toring of the eclipses is an important tool to probe the
structure of the outer layers of the companion star.

The companion in the OAO 1657-415 system is a
B supergiant and the accretion proceeds through the
wind. The structure of the outer layers of the super-
giant may in part reflect the wind acceleration process.
If it is solely determined by the wind acceleration than
the mass conservation leads to the estimate of the ve-
locity profile as v ≈ r6.5.

Finally in Figure 2 we present the impact parameter
as a function of the orbital phase (lower panel) along
with the fitted lightcurve of the eclipse (top panel).
The impact parameter b is defined as the projected
distance between the neutron star and the center of
the companion. A comparison of the two plots al-
lows to estimate how deep the gamma-ray studies al-
low to probe the outer layers of the companion. The

difference in the impact parameter corresponding to
transition from the eclipse beginning to totality cor-
responds to the difference in the impact parameter of
approximately 8R�. The radius of the B supergiant
is estimated to be ≈ 35R�, thus probing the outer 25
percent of the size of the star.
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Modelling Light Curves of Millisecond Period X-Ray Pulsars
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Canada

Light curves of X-ray pulsars reveal characteristics of the underlying neutron star and emission region. To
accurately interpret observations of millisecond period X-ray pulsars, one requires theoretical models of such
light curves which fully account for general relativity and timing effects. This calculation is frequently done
by employing one or more approximations, such as using an approximate spacetime, neglecting some time
delay effects, or neglecting stellar oblateness. We are developing a new computer code to calculate these light
curves which fully accounts for these effects; sample calculations are exhibited and presented alongside a similar
calculation which employs commonly-used approximation techniques.

1. Introduction

Observations of pulsed light emitted from the sur-
face of a neutron star have the potential to constrain
the star’s mass, radius and equation of state. By
modelling the physics of the emission region (such as
the emissivity, shape and size) and tracing the paths
of photons travelling through the relativistic gravita-
tional field of the spinning neutron star to the ob-
server, it is possible to create model pulse shapes
which can be compared to the observed pulse shapes,
allowing fits to the star’s macroscopic parameters to
be made. The main problem in such a program is dis-
entangling the effects arising from the neutron star’s
gravitational field and the effects coming from the as-
sumptions about the spectrum and geometry of the
emission region. A further complication arises if the
neutron star is rotating rapidly, since the effects of ro-
tation can significantly alter the geodesic paths trav-
elled by the photons from the simple Schwarzschild
geodesics.

A standard approximation scheme for ray-tracing
near rotating neutron stars has been to treat the prop-
agation of photons as though the gravitational field
were static, so that the Schwarzschild metric and the
formalism presented by Pechenick et al. [1983] can be
used. The effects of rotation are brought in by intro-
ducing special relativistic Doppler boosts. The con-
tribution of the light-crossing time is commonly ne-
glected, which for millisecond period pulsars can be
as long as about 80 µs, or 5% of the rotational period.
Such an approximation scheme was recently used by
Poutanen and Gierliński [2003] to fit the pulse profile
of SAX J1808.4–3658 and to place constraints on the
neutron star’s value of M/R.

A different approximate approach has been to treat
the gravitational field outside the neutron star as be-
ing approximately described by the Kerr metric with

∗Electronic address: ccadeau@phys.ualberta.ca
†Electronic address: morsink@phys.ualberta.ca

the Kerr parameter a fixed by the angular momentum
of the underlying neutron star. This approach was ap-
plied to modelling the 314 Hz oscillations seen during
thermonuclear bursts from the accreting millisecond
pulsar XTE J1814–338 by Bhattacharyya et al. [2005]
to obtain constraints on the compactness of the under-
lying neutron star; their approach included the contri-
bution of the light-crossing time in the calculation of
the model light curves, but employed an approximate
spacetime metric, and approximated the shape of the
star as spherical.

Cadeau et al. [2005] set out to determine what ef-
fect the use of such approximations would have on
the stellar radius obtained by fitting theoretical light
curves to observations. By considering a simple model
where emission and observation of light take place in
the equatorial plane, they demonstrated that this fit-
ting procedure to obtain constraints on the neutron
star’s radius can result in errors on the radius of up
to ±10% compared with a similar calculation where
the spacetime is precisely calculated (i.e., not taken
to be either Schwarzschild or Kerr) and all time of
arrival (TOA) effects are accounted for.1 The bulk
of this error was due to neglecting the light-crossing
time.

Continuing this programme, we have developed a
new computer code to calculate light curves for these
pulsars which allows for emission from arbitrary lo-
cations on the star’s surface and observation at ar-
bitrary inclinations. Our method uses an exact (nu-
merical) calculation of the spacetime, and accounts
for stellar oblateness and all TOA effects. Our code
is also able to carry out analogous approximate cal-
culations by selecting an approximate metric (i.e.,
Schwarzschild or Kerr), optionally approximating the

1To be clear, we are assuming that the effects due to the
orbital period of the binary have been removed from the light
curve; we are only concerned with those effects that arise due to
special relativity (the “snapshot effect”) and due to the varying
distance light travels during a rotation of the neutron star (the
“light-crossing time”).

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2306



star as a sphere (as opposed to an oblate spheroid), or
disregarding some or all TOA effects. We are present-
ing an overview of the method and some preliminary
light curve calculations with all effects included. In
Section 3.4 we show two exact calculations alongside
approximate versions where the spacetime is approx-
imated as Schwarzschild, oblateness is not accounted
for, and the TOA effects are not fully accounted for.

2. Formulation of Problem

To compute the pulse shape we wish to know the
flux F at each instant, where

F =

∫

(1+z)νohigh

(1+z)νolow

dνe

∫

dΩ Iνe
(αe)/(1 + z)4,

and the integral depends on the observed frequencies
of light, which range from νolow

to νohigh
, the inten-

sity I of the emitted light as a function of emitted
frequency νe and zenith angle α of the emitted beam,
the redshift of the light z, and the element of solid
angle in the observer’s sky dΩ.

To carry out this calculation, one needs to decide
on the description of the gravitational field of the star;
the manner in which to handle relative TOAs of pho-
tons; the inclination of the star with respect to the ob-
server; the location of emitting region; and the emis-
sion spectrum and anisotropy (if any) of the emitting
region. With all of this information, we can compute
the light curve for the model pulsar.

2.1. Gravitational field

Typically, the Schwarzschild or Kerr metrics are
used as approximations to the precise neutron star
metric by matching parameters (M/R, J) of the un-
derlying neutron star. Using the computer code RNS
[Stergioulas and Friedman 1995], it is possible to pre-
cisely compute the stellar structure and the compo-
nents of the general stationary axisymmetric metric,

ds2 = −eγ+ρ dt2 + eγ−ρr2 sin2 θ(dφ − ω dt)2

+e2α(dr2 + r2 dθ2),

where γ, ρ, ω, and α are all functions of r and θ only,
by assuming that the matter comprising the star is a
rigidly-rotating perfect fluid. The code requires the
mass and angular velocity of the star and the equa-
tion of state (EOS) of the fluid, and outputs the metric
components and their derivatives, and details of the
neutron star’s structure. If one desires an approxi-
mate metric, the metric components are analytically
determined given M , R, and J . With a choice of met-
ric in hand, we integrate the geodesic equations which
determine the path light follows from the star to the
observer using an adaptive step size Runge-Kutta rou-
tine.

Figure 1: To carry out the calculation, a small

quadrilateral is evolved around one rotational period, at

each step recording the emitted flux and arrival time.

2.2. Time of arrival (TOA)

Time of arrival effects can be, and commonly are,
thought of only in the sense of the special relativistic
“snapshot” effect [Terrell 1959], where the apparent
angular size of the emission region is magnified when it
is moving away from the observer, owing to the image
in the detector being formed by photons emitted at
different times from different parts of the star. The
flux is integrated as a function of rotational phase,
with the solid angle transformation factor put in by
hand.

For rapid rotation, the contribution of the light-
crossing time begins to be important, as the photons
emitted from the far side of the star can take measur-
ably longer to arrive than those from the near side.
By calculating the light travel times during the inte-
gration of the geodesic equations, the flux due to an
infinitesimal emission region can be correctly binned
as a function of arrival time, not rotational phase.
No additional correction factor is required when this
is done. Our actual procedure to carry out the cal-
culation is to evolve a small quadrilateral around one
period as depicted in Figure 1, at each step calculating
the emitted flux and the arrival time of the flux, and
we output the flux as a function of arrival time. In
this way, the flux from extended regions can be cal-
culated by properly adding the fluxes from different
latitudes and phase offsets.

3. Example calculations

Our code allows for the modelling of various emis-
sion spectra and anisotropy, but for the purposes here
we are restricting the light curves that follow to bolo-
metric flux emitted isotropically from an infinitesimal
region at the surface. In Sections 3.1, 3.2, and 3.3,
we use a full calculation where the exact spacetime is
used and all TOA effects are included. In Section 3.4,
we compare some calculations to their approximate
analogues.
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Figure 2: Bolometric light curves for the four models of

Table I. Light is emitted at θ = 45◦ and observed in the

equatorial plane in this example.

3.1. Choice of model

In this section, we consider an emission region lo-
cated at θ = 45◦ and the observer located in the equa-
torial plane at θ = 90◦ for each of the four models
listed in Table I. EOS A is relatively soft, and so Mod-
els 1 and 2 are relatively compact. EOS L is stiffer,
and so Models 3 and 4 are relatively large. Model 4
is spinning quite near its breakup speed.

From Figure 2, one can see that more compact stars
have light visible for a longer fraction of their period
due to light bending. Also, increased rotation speed
has the effect of making the rise time of the light curve
shorter compared with the fall time owing to the larger
blueshift/redshift along the line of sight. Finally, the
effect due to light-crossing time is exaggerated for the
600 Hz cases because one light-crossing time repre-
sents a larger fraction of the rotational period for the
faster stars.

3.2. Effect of observer inclination

Figure 3 shows several light curves computed using
Model 4 for an emission region located at θ = 45◦, but
for observers with different inclinations as measured
from the rotation axis. The computed light curves
have been phase-shifted to align the rise for each ob-
server. As expected, observers closer to the rotation
axis in the hemisphere of emission see less modulation
in the signal than the observers with large inclinations.

3.3. Effect of emitting region location

Figure 4 shows light curves computed using Model 4
for an observer located in the equatorial plane at
θ = 90◦, but for emission from θ = 45◦ and θ = 61◦.
The computed light curves have been phase-shifted to
align the rise for each emitting region. Note that the
61◦ light curve peaks faster than the 45◦ light curve;
this is due to the higher velocities at the surface, and
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therefore larger Doppler effects, as one moves towards
the equator.

3.4. Effect of Schwarzschild
approximation

In this section, we are considering emission from
θ = 45◦ seen by an observer in the equatorial plane.
Figure 5 compares two calculations for Model 1: a
calculation using the exact spacetime and account-
ing for TOA effects (“Exact”), and a calculation us-
ing the Schwarzschild metric for a spherical star with
the same M/R as Model 1 and accounting for only
the “snapshot” effect, but not the light-crossing time
(“Schw.”). Figure 6 is a similar plot for Model 4. One
can see that an effect of including the light-crossing
time is that the exact calculations appear to have vis-
ible light for a longer fraction of the period; notably, in
the case of Figure 5, the light is always visible for the
exact calculation but not using the Schwarzschild ver-
sion. It is unclear whether this is an effect of replacing
the oblate star with a spherical one in the approxima-
tion, or an effect solely due to light-crossing time; this
is an issue we are pursuing. Also, the departure from
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Table I Neutron star models with mass M = 1.4M�

Model EOS ΩB/2πa Ω?/2πb (Hz) Rc (km) cJ/(GM2)d GM/(c2R) v/ce ωeq/2πf (Hz)

1 A 1387 300 9.62 0.109 0.21 0.08 50.2

2 600 9.78 0.223 0.21 0.16 98.3

3 L 742 300 15.11 0.234 0.14 0.11 27.9

4 600 16.38 0.508 0.13 0.24 48.9

aThe break-up spin frequency for a star with the given mass
and EOS.
bThe spin frequency of the model.
cThe equatorial Schwarzschild radius.
dThe angular momentum of the model
eThe speed of the neutron star at the equator measured by

a static observer at the surface. Velocities are calculated with
the full metric.

fThe frame-dragging term at the equator; this is the angular
velocity of a zero angular momentum particle at the equator.

 0

 0.2

 0.4

 0.6

 0.8

 1

 0  0.1  0.2  0.3  0.4  0.5  0.6  0.7  0.8  0.9  1

Fl
ux

Phase / 2π

Exact
Schw. with Snapshot

Figure 5: Bolometric light curves for Model 1, comparing
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the approximation appears more pronounced for the
faster and larger star in Figure 6, which can be un-
derstood as an effect of its longer crossing time and a
shorter rotational period.

4. Conclusion

We have made progress implementing a new code
to calculate light curves of millisecond period pulsars
which uses a precise prescription of the spacetime and
stellar structure and properly accounts for all TOA ef-
fects. Our current work is focused on quantifying the
effect of using different approximate techniques in the
calculation of theoretical light curves on the result-
ing interpretation of X-ray observations from accret-
ing millisecond period X-ray pulsars. A description of
our code and discussion of implications for data anal-
ysis is forthcoming.
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We present recent results of a pulsar population synthesis study in the polar cap model that includes the Parkes Multibeam 
Pulsar Survey, realistic beam geometries for radio and γ-ray emission from neutron stars born in the Galactic disc as well as the 
local Gould Belt. We include nine radio surveys to normalize the simulated results from the Galactic disc to the number of 
radio pulsars observed by the group of selected surveys. In normalizing the contribution of the Gould Belt, we use results from 
a recent study that indicates a supernova rate in the Gould Belt of 3 to 5 times that of the local region of the Galactic plane 
leading to ~100 neutron stars born in the Gould Belt during the last 5 Myr. Our simulations include the dynamical evolution of 
the Gould Belt where neutron stars are produced in the plane of the Gould Belt during the past 5 Myr.  We discuss the 
simulated numbers of radio-quiet (those below flux threshold of radio surveys) and radio-loud, γ-ray pulsars from the Galactic 
disc and the Gould belt observed by γ-ray telescopes EGRET, AGILE and GLAST. They suggest that about 35 of the 
unidentified EGRET sources could be (mostly radio-loud) γ-ray pulsars with 2/3 of them born in the Galactic disc and 1/3 in 
the Gould Belt. 

1. INTRODUCTION 

While it continues to be a major challenge to identify 
the 150 EGRET unidentified γ-ray sources [1,2], the multi-
wavelength approaches [3] have succeeded in identifying a 
few of these objects.  Pulsars are believed to be an 
important class of the EGRET unidentified γ-ray sources.  
The largest group of EGRET sources appears to be AGNs 
[2].  A group of 45±6 unidentified sources [4] have been 
spatially correlated with the location of the Gould Belt, 
which is a nearby structure of OB stars having produced 
about 100 supernova explosions during the past 5 Myr 
[5,2].  However, such a large number suggests that nearly 
half of the anticipated 100 neutron stars from the Gould 
Belt are detectable by EGRET as point sources.  We 
anticipate that the Gamma-ray Large Area Space 
Telescope (GLAST) will be able to determine whether 
many of these unidentified sources are radio-quiet γ-ray 
pulsars.  GLAST will have the sensitivity and the ability to 
perform blind period searches required to identify nearby 
radio-quiet γ-ray pulsars. 

Since the EGRET error boxes are quite large (1 degree), 
and it has not been possible to identify many of these 
sources, a statistical analysis of pulsar characteristics from 
a population synthesis study can provide important 
information on the likelihood that many of these 
unidentified sources are radio-quiet γ-ray pulsars.  Such 
simulations also provide predictions for upcoming γ-ray 
telescopes like AGILE and GLAST.  The ratio of radio-
loud to radio-quiet γ-ray pulsars is an important parameter 
that will help to discriminate between pulsar models.  The 
polar cap model [6,7] predicts that the radio and γ-ray 
emission results from common field lines that are tied to 

the magnetic polar cap, the size of which is defined by the 
last open field lines.  As a result, the polar cap model 
predicts strong correlations between radio and γ-ray pulse 
profiles.  Since the beams significantly overlap, the polar 
cap model predicts a large number of radio-loud γ-ray 
pulsars.  However, the weaker off-beam γ-ray emission 
allows for some number of radio-quiet γ-ray pulsars.  On 
the other hand, the outer gap model [8,9] predicts that the 
region where γ-ray emission takes place is many stellar 
radii from the surface near the light cylinder, along the 
null charge surface.  The γ-ray emission from these 
regions tends to be anticorrelated with the radio emission; 
therefore, the outer gap model predicts a greater number of 
radio-quiet γ-ray pulsars.  While the detections of GLAST 
may lead to a much larger number of unidentified γ-ray 
sources, it will detect a statistically significant number of 
radio-quiet and radio-loud γ-ray pulsars that may help 
resolve the location of the emission region in the pulsar 
magnetosphere. 

Our simulations are based on previous studies [10,11] 
with the additional contribution from the Gould Belt.  Our 
current results represent an improvement over our 
previous study [12] of pulsars from the Gould Belt that 
assumed a simple geometry for the γ-ray beam and no 
consideration for radio emission.  We have now included 
the geometry of the core and cone radio beams as well as 
the slot gap geometry as discussed more fully in [11].  For 
neutron stars born in the Galactic plane, we assume a 
constant birth rate  over the past 1 Gyr, while for the 
Gould Belt the oldest neutron stars are assumed to be 5 
Myr.  The Gould Belt is assumed to be 26.4 Myr [5] with a 
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recent supernova rate of the 2 to 5 times the local rate.   
The age of a neutron star is randomly selected back to 5 
Myr, and the shape of the Gould Belt at that time is 
determined by an evolution model [5].  The location of the 
neutron star is chosen uniformly over the disk of the Gould 
Belt. 

We then evolve the neutron stars in the Galactic 
potential to the present.  We find that in order to reproduce 

the distribution of the pulsars in the  &P − P diagram 
shown below in Figure 1a, we have to assume that the 
magnetic field decays with a constant of 2.8 Myr.  For the 
radio beam geometry and luminosity, we have assumed 
the model of [13] as well as their supernova kick velocity 
distribution.  The geometry of the γ-ray beam is 
theoretically motivated by the work of [14,15] who 
describe the γ-ray emission from the slot gap.  The initial 
period of the pulsars is assumed to be a flat distribution 
from 0 to 500 ms with an initial magnetic field described 
by two Gaussians.  We have included all-sky threshold 
maps for EGRET and AGILE and a more recent estimate 
than was used in [11] for GLAST thresholds (Grenier, 
private communication) indicated in Table 1.  

Table 1: GLAST Thresholds 
|b| < 5o and |l| < 45o 1.1×⋅10-8 photons/(cm2⋅s) 
|b| < 5o and |l| > 45o 6.0×⋅10-9 photons/(cm2⋅s) 

|b| > 5o 3.0×⋅10-9 photons/(cm2⋅s) 

3. RESULTS 

We normalize the number of neutron stars that are 
simulated in the plane in our select group of nine radio 
surveys (including the Parkes Multibeam pulsar survey) to 
the number of pulsars (978) that have actually been 
detected by these surveys.  We have included the 
information associated with each of these radio surveys 
that is required to obtain the flux threshold for each survey 
(see [11]).  With this normalization, we are able to predict 
the neutron star birth rate in the plane.  The normalization 
for the Gould Belt is based on simulating 100 neutron stars 
in the Gould Belt during the past 5 Myr.  We are then able 
to predict the number of radio-quiet and radio-loud γ-ray 
pulsars from the plane and from the Gould Belt seen by 
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Figure 1: The distribution of 978 radio pulsars detected (1a) by a select group of surveys, same number of pulsars 
simulated from the plane (1b) and the same number simulated from the Gould Belt (1c) assuming magnetic field decay 
constant of 2.8 Myr.  The solid lines represent the lines of constant dipole magnetic field of 1011--1014 G, assuming no field 
decay. The dotted curves represent the paths of four 107 yr old pulsars with the indicated initial magnetic fields (Log), the 
dot-dashed lines show the lines of constant age assuming an initial period of zero seconds, and the dashed lines indicate the 
curvature radiation (CR) and nonresonant inverse Compton scattering (NRICS) death lines to the right of which pairs are 
no longer produced by these mechanisms.
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various instruments.  We show in Figure 1 the distribution 
of 978 detected radio pulsars (1a) by the selected group of 
surveys, the same number of simulated radio pulsars from 

the plane (1b) and from the Gould Belt (1c).  While we do 
not expect 978 pulsars from the Gould Belt, we show this 
number to see the overall distribution.  The simulation 

predicts only a total of 10 radio pulsars from the Gould 
Belt. The Gould Belt pulsars occupy a similar place as the 
plane pulsars in the diagram except that they have an age 
limitation of 5 Myr.  The small number of pulsars beyond 
the 5 Myr age line is a result of the fact that the line 
represents the age of the pulsar with an initial period of 
zero seconds; while in the simulation we have assumed a 
flat distribution in period from 0 to 500 ms. 

In order to predict an adequate birth rate and a distance 
distribution matching the observed distribution of radio 
pulsars, we had to reduce the radio luminosity of [13] by a 
factor of 80 in order to have a supernova rate similar to 

recent findings of 2.5−0.4
+0.8  per century with 85% arising 

from massive stars [17].  While it may be possible to tailor 
the radio luminosity model with a complicated dependence 
on the period and period derivative to account for the 

overall distribution, field decay leads quite naturally to the 
upside-down funnel-shaped distribution of the detected 
pulsars seen in the diagram. 

In Figure 2, we compare the indicated characteristics 
between detected pulsars (shaded histograms) and 
simulated pulsars (open histograms).  To improve the 
statistics and smoothness of the simulated histograms, we 
run the simulation until the number of simulated pulsars 
detected by the radio surveys is equal to ten times the 
number of detected pulsars and then renormalize 
accordingly.  As seen in the comparisons, the model 
simulation over predicts the number of pulsars with short 
periods, large period derivatives, and large distances.  
However, overall the agreement of the simulation of 
pulsars from the Galactic plane is fairly good.
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Figure 2: Distributions of various pulsar characteristics indicated as detected pulsars (shaded histograms) and simulated 
pulsars (open histograms) from the Galactic plane. 
 

In Figure 3, we present the distribution of pulsars in the 

 &P − P  diagram of the known γ-ray pulsars detected by 
EGRET (a) and of those simulated for EGRET (b), AGILE 
(c) and GLAST (d), in which radio-loud γ-ray pulsars are 
shown as dots and the radio-quiet γ-ray pulsars are 
indicated by crosses.  Young pulsars have higher γ-ray 
luminosities, which decrease as they approach the 
curvature pair death line where curvature radiation is no 
longer able to produce electron-positron pairs.  Pulsars 

below the curvature pair death line are still able to produce 
pairs via nonresonant inverse Compton scattering of the 
thermal soft X-ray emission from the stellar surface.  
However, below the nonresonant inverse Compton 
scattering line, pulsars no longer produce pairs and 
become radio-quiet. 

In Table 2, we present the simulated γ-ray pulsar 
statistics for radio-quiet and radio-loud γ-ray pulsars as 
detected by various instruments as well as the ones that 
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EGRET detected.  The numbers to the left are those from 
the Galactic plane and those added on the right represent 
the contribution from the Gould Belt.  The last column 
represents the ratio of radio-loud to radio-quiet γ-ray 
pulsars.  Our simulation predicts that EGRET should have 
detected 26 radio-loud and 9 radio-quiet γ-ray pulsars, 
AGILE should detect 48 radio-loud and 20 radio-quiet γ-
ray pulsars, while GLAST, with increased sensitivity, 
should detect 288 radio-loud and 356 radio-quiet γ-ray 
pulsars from both the plane and the Gould Belt.  For 
pulsars from the plane, the ratio of radio-loud to radio-
quiet γ-ray pulsars goes down with GLAST, as GLAST 
begins to see pulsars that are further away than current 

radio telescopes can detect, thereby, seeing more γ-ray 
pulsars that escape radio detection.  

Table 2: Simulated γ-ray Pulsar Statistics 
 Number of γ-ray 

pulsars (plane+Belt) 
 

Ratio RL/RQ 
 

Source 
Radio-
Loud 

Radio-
Quiet 

 
Plane 

Gould 
Belt 

Det. EGRET 6+2 0+1  2 
Sim. EGRET 23+3 6+3 3.8 1.0 
Sim. AGILE 45+3 16+4 2.8 0.8 
Sim. GLAST 284+4 249+7 1.1 0.6 
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Figure 3: Distributions of radio-quiet (crosses) and radio-loud (dots) γ-ray pulsars (a) detected by EGRET, and simulated 
for (b) EGRET, (c) AGILE, and (d) GLAST, assuming a field decay constant of 2.8 Myr.  Dashed lines represent the death 
lines for curvature radiation (CR) and for nonresonant inverse Compton scattering (NRICS).  Dot-dashed lines represent 
the indicated pulsar age, assuming field decay, and solid lines represent the traditional magnetic surface field strength, 
assuming a constant dipole spin-down field. 
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Currently there are about 53 detected radio pulsars 
within about 28 of EGRET error boxes with about 4 
pulsars detected using deep searches. So there are between 
18-25 reasonably gamma-ray-bright radio pulsars [15] 
within EGRET error boxes and 8 previously detected γ-ray 
pulsars giving a total of about 32 radio-loud γ-ray point 
sources that EGRET has detected.  Our simulation predicts 
a total of 26 radio-loud γ-ray pulsars, which includes a 
contribution of 3 from the Gould Belt.  In addition, our 
simulation indicates that there should be about 9 Geminga-
like radio-quiet γ-ray pulsars with 3 of these being 
contributed by the Gould Belt.  A total number of only 6 γ-
ray pulsars from the Gould Belt is significantly smaller 
than the 45 EGRET unidentified sources that have been 
previously correlated with the Gould Belt. 

In order to explore the correlation of the Galactic 
position of γ-ray pulsars with the current location of the 
Gould Belt, we show in the Aitoff projections radio-quiet 
(crosses) and radio-loud (dots) γ-ray pulsars simulated for 
EGRET (a) and GLAST (b) in Figure 4.  It is clear that 
there is a correlation especially for simulated radio-quiet γ-
ray pulsars from the Gould Belt.  We understand that there 
is a difficulty in detecting nearby radio pulsars, as radio 
astronomers look for a dispersion signal above the local 
red noise that may identify it as a pulsar (Roberts, private 
communication).  However, we have not included such a 
filter in our simulation. As a result, we may be over 
estimating the number of nearby radio pulsars, and, 
therefore, due to the normalization of the pulsars from the 
plane, underestimating the number of γ-ray pulsars. 

EGRET (a)

 Radio-Loud
 Radio-Quiet

GLAST (b)

 
Figure 4: Aitoff plots of radio-quiet (crosses) and radio-loud (dots) γ-ray pulsars simulated for EGRET (a) and GLAST (b).  
The number of pulsars contributed by the Gould Belt is exaggerated to show the correlation of Galactic position and the 
location of the Belt. 
 

The radio-loud γ pulsars have smaller impact angles 
than radio-quiet γ-ray pulsars.  However, γ-ray pulsars, 
either radio-quiet or radio-loud, must be younger in order 
to have sufficient γ-ray flux to be detected.   

A central assumption that is built into the radio 
geometry and luminosity model of [13] is that the ratio of 

the core to cone peak fluxes varies as the reciprocal of the 
period, so that short period pulsars are core dominated 
and, due to their small emission region (small solid angle), 
are harder to observe.  On the other hand, the off beam 
curvature radiation of the γ-ray emission is much broader.  
Since the young neutron stars of the Gould Belt are fairly 
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close, they are more easily detected in the γ rays than in 
radio due to the larger γ-ray solid angle.  Therefore, radio-
quiet γ-ray pulsars from the Gould Belt will have large 
impact angles (β) so that the viewer will miss the radio 
beam, but detect the off-beam γ-ray emission.  Radio-loud 
γ-ray pulsars have smaller impact angles in order to see the 
radio core beam and the on-beam γ-ray emission.  This 
viewing geometry has a larger radio and γ-ray luminosity.  
As a result, radio-loud γ-ray pulsars are older and have 
larger distances than radio-quiet γ-ray pulsars. 

4. CONCLUSIONS 

We present the results of a population synthesis study of 
radio and γ-ray pulsars from both the Galactic plane and 
the Gould Belt.  The details of the simulation of pulsars 
from the plane are presented in [11].  There is a general 
consensus that many of the EGRET unidentified γ-ray 
sources are pulsars, some of which must come from the 
Galactic plane and some from the Gould Belt.  A 
significant number of EGRET error boxes have been 
found to contain one or more radio pulsars.  We present 
some preliminary results in which neutron stars from the 
plane and the Gould Belt are treated consistently within 
the same set of assumptions.  Consistent with the polar cap 
model, we find that the number of radio-loud γ-ray pulsars 
detectable by EGRET dominate over the radio-quiet γ-ray 
pulsars and even more so for pulsar detectable by GLAST.  
This is in stark contrast to the outer gap model in which 
radio-quiet γ-ray pulsars dominate over radio-loud ones as 
indicated in the studies of [8,9,16].  Such model 
simulations indicate that GLAST may have the ability to 
then distinguish between these models, settling a long-
standing debate over the location of the region within the 
neutron star magnetosphere where electrons are 
accelerated. 

Our simulation indicates that the Gould Belt contributes 
20% of the total number (6 out of 35) of simulated γ-ray 
pulsars that EGRET should have detected as point sources.  
Our simulations find that the positions of γ-ray pulsars 
from the Gould Belt do indeed map to the present location 
of the Gould Belt in a similar fashion as the positions of γ-
ray pulsars from the plane map to the Galactic plane.  This 
result is expected as γ-ray pulsars must be young to be γ-
ray bright, and, therefore, must not have moved very far 
from their birth location.  However, nine γ-ray pulsars 
simulated from the Gould Belt is significantly smaller than 
the 45 EGRET unidentified sources that have been 
correlated with the Gould Belt.  It may be that perhaps 
some of these are from the Galactic plane.  

The ratio of radio-loud to radio-quiet γ-ray pulsars may 
serve as an important diagnostic to discriminate between 
polar cap and outer gap models.  Due to the very different 
geometries of γ-ray emission, the polar cap and the outer 
gap models make significantly different predictions of this 
ratio.  In this study, we have used the slot gap geometry of 
the polar cap model for γ-ray emission, which is concentric 

to the assumed radio beam geometry, thereby yielding 
many radio-loud γ-ray pulsars.  The outer gap with its γ-
ray emission anticorrelated to the radio emission produces 
many more radio-quiet pulsars.  Therefore the polar cap 
and the outer gap models predict ratios of radio-loud to 
radio-quiet γ-ray pulsars of 2.8 and 0.27 [16], respectively. 

However, there are other uncertainties that must be 
settled.  These include further understanding of the ratio of 
the radio core to cone flux in radio pulsars, as well as the 
inclusion of the caustic γ-ray component [18,19].  While 
the results of the simulation do depend on a number of 
assumptions, there is a clear indication that polar cap and 
outer gap models predict significantly different ratios of 
radio-loud to radio-quiet γ-ray pulsars for EGRET but 
more so for GLAST.   
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Many compact X-ray binaries that contain a black hole or a neutron star exhibit quasi-periodic variability of
the X-ray flux in the kHz frequency range. These are the so called kHz QPOs. We suggest that these variations
of flux may be caused by axisymmetric perturbations of the inner accretion disk. Two mechanisms of X-ray
modulation are known for such perturbations, and are presented here.

1. Twin-peak QPOs

The luminosity of many accreting black holes in
transient binaries, and of persistent neutron-star
sources in low-mass X-ray binaries is modulated at
two different, but related, ∼ kHz frequencies (for a re-
view see van der Klis [1]). In black holes these frequen-
cies go up to 450 Hz, and are lower than in neutron-
stars (up to 1200 Hz). This (rough) inverse proportion
of frequency to mass suggests a general-relativistic
origin of the phenomenon. Indeed, McClintock and
Remillard [2] find that in the three black-hole sources
that have two kHz QPOs and a known mass, the scal-
ing of frequency is consistent with a 1/M dependence.

2. Resonant disk oscillations

The accretion disk is a body of fluid nearly in hydro-
static equilibrium, and its vibrational modes in gen-
eral relativity have been extensively discussed [3,4].
Several promising non-axisymmetric modes have been
identified. However, in the linear regime the results
do not fully correspond to the observed properties of
the kHz QPOs.

We have previously pointed out that in black hole
sources the two frequencies are in a 3:2 ratio [5,6]. Mc-
Clintock and Remillard [2] have identified four sources
in which two kHz QPOs are known, for all four the
frequency ratio is 3:2. In neutron star systems, the
frequency ratio varies, but in some sources the ratio
does cluster about the value 3:2 [7]. The 3:2 ratio can
be understood as the result of an internal resonance
in an accretion disk placed in a strong gravitational
field, e.g., in the Kerr metric [6,8,9,10,11,12].

In black holes the frequencies are fixed, in neutron
stars the twin QPOs drift in frequency. The differ-
ence can be ascribed to perturbations of the accre-
tion disk by the spinning neutron star. Resonant re-
sponse of the accretion disk to a fixed perturbing fre-
quency has been investigated in a number of papers,
e.g., [13,14,15].

Figure 1: A gravitationally lensed picture of an
axi-symmetric, oscillating torus at three different
inclinations to the line of sight (top row), the
corresponding light curves (middle row) and their power
spectra (bottom row). The figure is from Bursa et al.
2004 [16].

3. Modulation of lightcurve

We note that the simplest modes of the accretion
disk are axisymmetric. Consider an axisymmetric
m = 0 vertical motion of the disk. For black holes
this will modulate the X-rays by the mechanism of
light bending, i.e., variable gravitational lensing at
the source, as has been found by Bursa et al. [16],
see Fig. 1.

The corresponding calculation for neutron stars has
not yet been carried out, however in that case another
mechanism of X-ray modulation is possible. If the
mass accretion rate is modulated, when the accret-
ing fluid hits the stellar surface the resulting X-ray
emission will also be modulated, as pointed out by
Paczyński [17].

In neutron stars, as is black holes, the structure
of the inner edge of the disk may be determined by
effects of strong gravity [18]. The fluid accreting onto
the central black hole flows through a nozzle formed
by by a self-intersection of one equipotential surface
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Figure 2: Vertical motion of the inner accretion disk
modulates the rate of mass flow through this nozzle
(vertical slice through the inner disk is shown).

[19], and this should remain true also for a sufficiently
compact neutron star. We have computed the flow
rate of fluid through the inner nozzle of the accretion
disk, illustrated in Fig. 2, under the assumption of
axisymmmetric harmonic vertical displacement of the
body of the disk relative to the nozzle. We find that in
a disk of height H , the accretion rate varies as square
of amplitude, z, of vertical motion in the nozzle

∆Ṁ/Ṁ ∝ (∆z/H)2.

This follows already from the reflection symmetry of
the gravitational potential, but we have performed a
detailed calculation to obtain the result. The numer-
ical coefficient will be presented elsewhere.
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Kluźniak, W. 2003, A&A 404, L21
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We report the results of Chandra and XMM-Newton observations of an ultra-luminous supersoft X-ray source
in M101. M101 ULX-1 underwent 2 outbursts in 2004 during which the peak bolometric luminosities reached
1041 ergs s−1. The outburst spectra were very soft and can generally be fitted with a blackbody model with
temperatures of 50–160 eV. In two of the observations, absorption edges at 0.33 keV, 0.56 keV, 0.66 keV, and
0.88 keV were found. A cool accretion disk was also found in the 2004 December outburst. During the low
luminosity state, a power-law tail was seen up to 7 keV. It is clear the source changed from a low/hard state
to a high/soft state. In addition, it showed at least 5 outbursts between 1996 and 2004. This is the first ultra-
luminous X-ray source for which recurrent outbursts with state transitions similar to Galactic X-ray binaries
have been observed. From the Hubble Space Telescope data, we found an optical counterpart to the source.
During the 2004 outbursts, we also performed radio and ground-based optical observations. All the results
strongly suggest that the accreting object is a > 2800M� black hole.

1. Introduction

Recent high angular resolution X-ray observations
reveal that there are a large number of ultra-luminous
X-ray sources (ULXs) in many nearby galaxies. ULXs
are luminous (LX > 1039 ergs s−1) non-nuclear X-ray
point sources with apparent X-ray luminosities above
the Eddington limit for a ∼ 10M� black hole (BH).
While some ULXs have been associated with super-
novae, many are thought to be accreting objects with
X-ray flux variability observed on timescales of hours
to years. A natural possibility is that the compact ob-
ject is an intermediate-mass black hole (IMBH) with
mass of ∼ 102−4M� [1]. The origin of such objects
remains uncertain. Some ULXs may have a stellar-
mass black hole with beamed emission [2, 3]. While
current observations are inconclusive about the nature
of ULXs, recent X-ray observations show that some
ULXs have a cool accretion disk (kT ∼ 0.1 keV), sug-
gesting the presence of IMBHs [4, 5].

While the majority of ULXs have X-ray emission
from 0.1 to 10 keV, a few ULXs have very soft spectra
with no X-ray emission above 1 keV [6–8], similar to
supersoft X-ray sources (SSSs) in the Milky Way. The
high luminosities of ultra-luminous SSSs are inconsis-
tent with typical nuclear burning white dwarf models
for Galactic SSSs. These ultra-luminous SSSs could,
however, very well be IMBHs. Their luminosities and
temperatures are consistent with what is predicted for
accreting BHs with masses between roughly 100 and
1000 M�. Alternatively, outflows from stellar-mass
BHs could also achieve such a high luminosity and
low temperature [9].

In this paper, we report a series of X-
ray/optical/radio observations of the ultra-luminous
SSS in M101 (CXOU J140332.3+542103; M101 ULX-
1 hereafter) during the low states and outbursts.

2. X-ray Observations

M101 ULX-1 is one of the most luminous ULXs. It
was discovered with ROSAT and was confirmed as a
SSS with a blackbody temperature of about 100 eV,
with Chandra [7, 10, 11]. During 2000 March, Chan-
dra detected it at LX ∼ 4×1039 ergs s−1, and then in
2000 October, its luminosity was around 1039 ergs s−1.
In 2004, Chandra conducted a monitoring program
for M101. Figure 1 (Left) shows the long-term X-ray
lightcurve of M101 ULX-1 from 2004 January to 2005
January. M101 ULX-1 was near the detection limit
during January, March, and May; the X-ray spec-
tra were harder with a power-law shape (see Figure 1
Right), and the X-ray luminosity was about 2 × 1037

ergs s−1, a factor of about 102 fainter than that dur-
ing the outbursts in 2000 [12]. The source was found
to be in outburst during the July 5 observation, with
an X-ray luminosity of about 7 × 1039 ergs s−1. Data
taken on July 6, 7, and 8 show that the source was
in outburst with a peak bolometric luminosity (for as-
sumed isotropic emission) of about 1041 ergs s−1 [12].
In general, the X-ray spectra are best described with
an absorbed blackbody model with temperatures of
∼ 50−100 eV (see Figure 1). In addition, we found ab-
sorption edges at 0.33, 0.57, 0.66, and 0.88 keV in two
of the high state spectra. These features may signal
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Figure 1: Left: The light curve of M101 ULX-1 in 2004 as observed by Chandra (solid circles) and XMM-Newton (open
circles). It is very clear that the source stays at ∼ 1037 ergs s−1 during the low luminosity state. When it went into an
outburst in 2004 July and December, the peak 0.3-7 keV luminosity was near 1041 ergs s−1, a factor of ∼ 1000
comparing to the low state. We also show the optical (INT and CFHT) and radio (VLA) coverage in the figure. It is
worth noting that the CFHT observation was taken simultaneously with XMM-Newton. Right: Unfolded spectra of
M101 ULX-1. The total spectrum, blackbody component, and power-law component are shown in green, red, and blue,
respectively. During the 2004 July outburst, the spectra can be fitted with blackbody/disk blackbody model with
temperatures of 50-100 eV. In two of the observations, absorption edges at 0.33, 0.57 (July 8), 0.66, and 0.88 keV (July
6) were found. On July 7, the peak bolometric luminosity reached 1041 ergs s−1 (which is one of the most luminous
ULXs). The XMM-Newton spectrum taken on July 23 can be fitted with a blackbody (kT = 53 eV) and a power-law
(α = 0.72) model. The combined Jan-May spectrum is similar to the XMM-Newton spectrum, but with much lower
luminosities (∼ 1037 ergs s−1).

the presence of highly ionized gas in the vicinity of the
accretor (e.g., warm absorber). A DDT XMM-Newton
observation was made on July 23 and the luminosity
was about 6×1038 ergs s−1. A harder X-ray spectrum
with a power-law tail (kT = 53 eV and α = 0.72)
was seen up to 7 keV. More recently, Chandra obser-
vations made in September and November indicated
that the source returned to the low state with a power-
law spectrum and a luminosity of ∼ 2×1037 ergs s−1.
In 2004 December, the source was in outburst again
with very soft spectra (kT = 50− 160 eV) and a peak
luminosity of about 1041 ergs s−1. During the rise of
the outburst, the spectra were supersoft with black-
body temperatures of 40–70 eV. The source showed
a cool accretion disk near the peak of the outburst
on 2005 January 1. The X-ray spectrum can be fit-
ted with a disk blackbody model with kTDBB = 0.16
keV which is significantly harder than previous super-
soft X-ray spectra. The peak luminosity of the 2004
December outburst is about 9 × 1040 ergs s−1 which
is very similar to the 2004 July outburst. A DDT
XMM-Newton observation made on 2005 January 8
indicated that the source was in the decline stage
(LX = 6 × 1039 ergs s−1) and the X-ray spectrum re-
turned to a supersoft state (kT = 56 eV) [13].

3. Optical Observations

M101 ULX-1 is located near star forming regions
in a spiral arm. Figure 2 shows a far UV (1350–
1750 Angstroms) image of M101 taken with GALEX.
While GALEX cannot detect M101 ULX-1 because of
the sensitivity and confusion, the ultra-luminous SSS
is about 10′′ away from a bright UV source. Based
on the position provided by Chandra, we searched for
optical counterpart of M101 ULX-1 in archival Hub-
ble Space Telescope (HST) data. The region of M101
ULX-1 was observed with HST using Wide Field Plan-
etary Camera 2 (WFPC2) and Advanced Camera for
Surveys (ACS) in 1994, 1995, and 2002. After reduc-
ing the data with standard procedures and correcting
the astrometry of the HST and Chandra images, we
found a blue object (V = 23.8, B − V = −0.2) within
the 0.6′′ Chandra error circle (Figure 3). At the dis-
tance of M101 (d=6.7 Mpc), the absolute magnitude
corresponds to MV = −5.3. The magnitudes and col-
ors of the blue star are consistent with an OB star.
During the 2004 July outburst, we performed a se-
ries of target-of-opportunity observations at ground-
based optical telescopes (see Figure 1 and 3). These
observations included WIYN 3.5m, the 4.2m William
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Figure 2: GALEX far UV (1350–1750 Angstroms) image
of M101. The blue circle is the location of M101 ULX-1.

Herschel Telescope (WHT), the 2.5m Isaac Newton
Telescope (INT), and the 3.6m Canada-France-Hawaii
Telescope (CFHT). Unfortunately, WIYN and WHT
observations were affected by bad weather and bright
moon. M101 ULX-1 was barely detected in the INT
images but was clear seen in the CFHT images even
under very bad seeing (Figure 3). It is worth noting
that the CFHT observations were performed simulta-
neously with XMM-Newton. These are the first simul-
taneous X-ray/optical observations for an ULX. Dur-
ing the 2004 December outburst, we also performed
an optical follow-up observation with the WIYN 3.5m
on 2005 January 17 and M101 ULX-1 was clearly de-
tected.

4. Radio Observations

After the discovery of the outburst of M101 ULX-1
in 2004 July with Chandra, we observed M101 ULX-
1 under target-of-opportunity time with Very Large
Array (VLA) D-array at 4.86 (14 arcsec resolution)
and 8.46 GHz (8.4 arcsec resolution; Fig. 4) for about
1.5 hours on 2004 July 21. There is no radio coun-
terpart with a 3σ detection limit of 0.075 mJy/beam
at 8.46 GHz. We also searched for the radio emission
from archival VLA data. In the 2002 May 7 A-array
1.4 GHz (1.5 arcsec resolution) data, the source was
not detected in the 6-hour observation but there is a
2σ hint of a source about 1′′ away from M101 ULX-
1; the 3σ detection limit of the observation is 0.075
mJy/beam.

5. Discussion

M101 ULX-1 is a very unique ULX. It has a very
soft blackbody spectrum during outburst while it has
a hard power-law tail in the low state. It also has

recurrent outbursts which provide an excellent oppor-
tunity to explore a totally new variability timescale for
an ULX. Only a handful of transient ULXs have been
detected. This may be due to the lack of repeated
observations of nearby galaxies. M101 ULX-1 is the
only ULX that has been observed regularly with X-
ray telescopes. Hence, rapid multiwavelength follow-
up observations become possible and meaningful. The
X-ray/optical/radio observaitons of M101 ULX-1 re-
ported here is the first and only rapid follow-up ob-
servations for an ULX.

Although over 100 ULXs have been discovered [1],
only a handful of sources have LX ∼> 1041 ergs s−1, as-
suming isotropic radiation [14–17]. A luminosity this
high is difficult to achieve in an X-ray binary unless
the accretor has a mass greater than roughly 10M�.
We do have evidence that M101 ULX-1 is likely to
be an X-ray binary, since its luminosity has been
observed to change by a factor of ∼> 10 on a time
scale of hours [7, 11]. While it is possible that our
luminosity estimates are higher than the true lumi-
nosity, the effects that lead to overestimates, such as
beaming, or various anisotropies, tend to change esti-
mated luminosities downward by a factor of roughly
10. Its unusually high bolometric luminosity (1041 ergs
s−1), coupled with its short-time-scale time variabil-
ity, therefore make M101 ULX-1 a good candidate for
an accreting IMBH. For instance, anisotropic X-ray
emission can result super-Eddington luminosity for
a stellar-mass BH [2]. However, in order to achieve
such a high luminosity for a stellar-mass BH, extreme
beaming is required and the disk is expected to be
much hotter. Similarly, the temperature of radiation
pressure-dominated accretion disk model proposed is
too high [18]. The pure blackbody spectrum also
makes relativistically beaming unlikely [3].

Its soft spectrum in the high state is another im-
portant piece of evidence. An accretion disk around
a very massive BH is expected to produce supersoft
X-ray emission [19]. If we used the 90% lower lim-
its of the inner disk temperature derived from the
disk blackbody fits, the BH mass is estimated to be
> 2800M� [20]. This is consistent with prior work
on IMBH models for ULXs [1]. It also complements
other work on evidence for cool disks in ULXs that
has also been considered as evidence for IMBH mod-
els [4, 5] although a power-law component usually con-
tributes a significant fraction of X-ray emission. In-
deed, M101 ULX-1 showed a cool accretion disk spec-
trum (kTDBB = 0.16 keV) during the December out-
burst. Furthermore, the high state luminosity is ap-
proximately 16% of the Eddington luminosity for a
6000M� BH; we therefore expect the inner disk to
be optically thick, which is consistent with the IMBH
interpretation.

The state changes of M101 ULX-1 span a luminos-
ity range larger than a factor of 1000. M101 ULX-
1 was first detected by ROSAT in 1996 November
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Figure 3: Upper Left: HST/ACS B band image (900s) of the field near the SSS. The image has been corrected for
astrometry using 2MASS catalog. The 0.6′′ Chandra error circle is indicated. The B magnitude is about 23.6. Lower
Left: HST/WFPC2 U band (F336W) image (1200s) of the same field. The U magnitude of the source is about 22.3.
Upper Right: CFHT g′ band image (600s) of the same field. The image was taken simultaneously with XMM-Newton
on 2004 July 23. Lower Right: CFHT u′ band image (600s) of the same field.

[21], with an extrapolated unabsorbed 0.3–7 keV lu-
minosity of 8 × 1038 ergs s−1 (blackbody model with
NH = 1021 cm−2, kT = 75 eV). Higher absorp-
tion (3 × 1021 cm−2) would imply a luminosity up
of 4 × 1039 ergs s−1. The source was not detected in
other ROSAT observations [21]. In a 108 ks ROSAT
HRI observation taken in 1996 May/June, we can set
a 3σ detection limit at 6.8 × 1037 ergs s−1 (power-law
model with NH = 1.2×1020 cm−2 and α = 2). Setting
the NH at 1.5 × 1021 cm−2, the luminosity limit be-
comes 1.5×1038 ergs s−1. In 2000 March and October,
Chandra detected the SSS in the very soft state with
luminosities of ∼ 1039 ergs s−1 [7, 11]. In 2002 June,
XMM-Newton observed M101 and did not detect the
SSS [22]. We re-analysed the image and found that the
SSS may be barely detected with possible contamina-
tion from nearby sources. We derived the 0.3–7 keV
luminosity of the SSS as ∼ 1037 ergs s−1, by assuming
a power-law model. The source was also in the low
state between 2004 January and May with luminosity
of ∼ 1037 ergs s−1. It is clear that the SSS has had at
least 5 major outbursts (LX > 1039 ergs s−1). On the
other hand, the very low luminosities (∼ 1037 ergs s−1)

during 2002 and 2004 indicate that the source was in
the low state. The source varies by as much as a fac-
tor of 1000 between the low state and the high state.
This amplitude is even greater than many Galactic
BHs. Remarkably, the source also shows spectral
changes. It is very clear that there is a power-law
component (α = 1.4) in the composite low state spec-
trum, while the high state spectra are supersoft. The
XMM-Newton observation taken during the decay of
the July outburst revealed that the blackbody com-
ponent was still strong and there was a very hard
power-law tail, similar to the low state. In addition,
the source showed spectral change during the 2004 De-
cember outburst. During the peak of the outburst, the
X-ray spectrum changed from a supersoft spectrum to
a quasisoft spectrum [23]. It is clear that the spectrum
was significantly harder than typical outburst super-
soft spectra. This is the first and only ULX for which
recurrent outbursts with state transitions similar to
Galactic X-ray binaries have been observed.

With a peak bolometric luminosity ≈ 1041 ergs s−1,
it is likely that IMBH is the central engine of the sys-
tem. Interestingly, the blackbody component is al-

2315 4

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004



Figure 4: VLA observations of M101 ULX-1 with 4.86 GHz (14 arcsec resolution; Left) and 1.4 GHz (1.5 arcsec
resolution; Right). The cross is the Chandra position of M101 ULX-1.

ways seen while the power-law component becomes
stronger when the source is at lower luminosities. It
may indicate that the power-law component is due to
Comptonization of soft photons [24]. The photon in-
dex is, however, harder than that of Galactic BHs in
the low state (α ∼ 1.7). None of the Galactic BHs has
similar spectrum [25]. The closest example is Galac-
tic microquasar V4641 Sgr for which the photon index
was measured to be between 0.6 and 1.3 [25, 26].

Another important feature of our X-ray spectral fits
is the presence of absorption edges, which we found at
0.33, 0.57, 0.66, and 0.88 keV in two of the high state
spectra. These are consistent with C V, N VI, N VII,
and O VIII edges. We note, however, that the 0.33
keV edge may be due to calibration of the ACIS-S
near the carbon edge around 0.28 keV. These features
may signal the presence of highly ionized gas in the
vicinity of the accretor (e.g., warm absorber), and may
be consistentwith an outflow from the source. In fact,
outflow models have been suggested for ULXs in which
the soft component of some ULXs is due to outflow
of a stellar-mass BH [9]. Similar argument to explain
the super-Eddington luminosity of M101 ULX-1 [11].
However, the new data which reveal the changes of
temperature and bolometric luminosity, the extremely
high luminosity, and the state transition of the source
will be difficult to explain by such a model. It re-
mains a puzzle that we saw different edges in the two
observations, possibly related to the geometry of the
system. Nevertheless, outflows from IMBHs may be
expected.

It is also interesting to note that similar absorption
edges are expected and have been observed in white
dwarf (WDs) systems such as the recurrent nova U

Sco [27], CAL 87 and RX J0925.7–4758 [28]. SSS ra-
diation with luminosities in the range from 1037 ergs
s−1 to roughly the Eddington limit for a 1.4M� WD
are expected for nuclear burning WDs [29]. Indeed,
such models have been proposed to explain SSSs in
the Galaxy and Magellanic Clouds. Note, however,
that neutron star and BH models have also been pro-
posed. The high state luminosity of this source is al-
most two orders of magnitude larger than that of any
other known SSS, and it rules out steady nuclear burn-
ing on hot WD models as an explanation for M101
ULX-1. A similar argument can be made for neutron
star models. A nova explosion could explain some fea-
tures of the data. It is not favored, however, because
the photospheric radius and lack of hard radiation at
the peak of the outburst have no obvious explanation.

We expect that at least some of the ULXs involving
IMBH accretors are transients [2, 30]. The required
condition is that the donor must be a massive star (∼>
5 M�) in regions of young populations. M101 ULX-
1 satisfies these conditions. The colors of the optical
counterpart are consistent with an OB star. More
recent optical observations suggest that the optical
counterpart is a B supergiant with a mass of 9−12M�
and the optical spectrum indicates that M101 ULX-1
is consistent with a high-mass X-ray binary [31]. The
source is also very close to star forming regions in a
spiral arm as indicated in Figure 2.

It may be impossible to conclusively establish, using
current technology, that any X-ray source in an exter-
nal galaxy is an IMBH. A system like M101 ULX-1 is
therefore particularly valuable, because it provides 5
different pieces of evidence that together make a con-
sistent argument in favor of an IMBH interpretation.
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Its high-state luminosity, its short-time-scale variabil-
ity, its soft high-state spectrum, its pronounced spec-
tral changes, and the high-mass companion all suggest
that M101 ULX-1 is a strong IMBH candidate.
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In this work we calculate the properties of proton-neutron and neutron stars obtained from various equations of
state (EOS) in relativistic models. We consider neutrino free and trapped neutrino equations of state either at
zero temperature or fixed entropies. Possible mixed phases with hadrons and quarks in the interior of the stars
are investigated. More sophisticated models which take into account delta meson interactions are also included.

1. INTRODUCTION AND FORMALISM

Landau predicted the possible existence of a neu-
tron star after the neutrons were discovered by Chad-
wick in 1932. In 1934, it was suggested that neutron
stars were formed after a supernova explosion, which
happens when the core of a very massive star under-
goes gravitational collapse. The first supernova explo-
sion was registered in 1054 by the Chinese. Once the
gravitational collapse of a massive star takes place, a
proto-neutron star can be formed. Several different
stages may happen during the evolution process. The
proto-neutron stars cool down to form a neutron star.
The structure of compact stars is characterized by its
mass and radius, which in turn are obtained from ap-
propriate equations of state (EOS) at densities about
one order of magnitude higher than those observed in
ordinary nuclei [1, 2].

In this work we investigate the equation of state
(EOS) of cold and warm, β-equilibrium hadron/quark
matter and apply it to determine the properties of
mixed stars consisting of hadron matter with hyper-
ons and quark matter. We build the mixed phase with
hadron and quark matter and search for the possibil-
ity of a pure quark matter core inside compact stars.
The calculations are performed for zero temperature
and finite entropies in order to describe neutron and
proto-neutron stars. We also verify the importance
of including trapped neutrinos and consider entropies
from zero to 2 Boltzmann units.

For the low density phase we consider two hadron
models, the non-linear Walecka model (NLWM) [3]
and the quark-meson-coupling model (QMC) [4], both
with hyperons included. In the QMC model, the nu-
cleon in nuclear medium is assumed to be a static
spherical MIT bag in which quarks interact with the
scalar and vector fields, σ, ω and ρ and these fields are
treated as classical fields in the mean field approxima-
tion. We also study the effect of including the δ-meson
in the NLWM. Its presence introduces in the isovector
channel the same structure of relativistic interactions.

For the high density phase we consider three mod-
els, namely, the MIT bag model [5] to which we also
refer as unpaired quark model (UQM), the Nambu-

Jona-Lasinio model (NJL) [6] and the color flavor
locked quark phase (CFL) [7]. The NJL model is a
chiral symmetric model which allows us to study the
effect of dynamical quark masses on the EOS.

At intermediate energies we build a mixed phase of
hadrons and quarks by enforcing Gibbs coexistence
conditions. All equations used for the above men-
tioned models in mean field theory are given in the lit-
erature. The details of the calculation are discussed in
[9], [10], [11] where the complete formalism is shown.
Once the EOSs are obtained we have expressions for
the energy density E , pressure P and baryonic density
ρB , from which the corresponding star properties are
computed.

β equilibrium and charge neutrality are basic con-
ditions for the construction of the star EOS. They are
enforced in hadronic matter respectively by

µBi
= QB

i µn − Qe
i µe (1)

and
∑

B

Qe
BρB +

∑

l

qlρl = 0,

where Qe
i is the electric charge of baryon or quark i,

QB
i is the baryonic charge of baryon or quark i, and

ql stands for the electric charges of the leptons.
The same conditions are necessary in quark matter

and they read

µs = µd = µu + µe, µe = µµ (2)

and

ρe + ρµ =
1

3
(2ρu − ρd − ρs).

In the mixed phase charge neutrality is imposed
globally:

χ ρQP
c + (1 − χ)ρHP

c + ρl
c = 0, (3)

where ρiP
c is the charge density of the phase i, χ is the

volume fraction occupied by the quark phase and ρl
c

is electric charge density of the leptons.
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The Gibbs conditions for phase coexistence are
given by

µHP = µQP , THP = TQP ,

PHP (µHP , T ) = PQP (µQP , T ), (4)

where QH (HP ) refers to quark (hadron) phase. The
chemical equlibrium conditions (1) and (2) in the
mixed phase become

µu = (µn − 2µe)/3, µd = µs = (µn + µe)/3 (5)

and the energy and baryonic densities read:

< E >= χ EQP + (1 − χ)EHP + E l, (6)

where E l is the energy density of the leptons and

< ρ >= χ ρQP + (1 − χ)ρHP . (7)

If neutrino trapping is imposed to the system, the
beta equilibrium condition is altered from (1) to

µBi
= QB

i µn − Qe
i (µe − µνe

).

According to [1], the total leptonic number YL is con-
stant throughout the star. We take it to be

YL = Ye + Yνe
= 0.4.

In the sequel, we identify the neutrino free EOS
with Yνe

= 0 and the EOS with trapped neutrinos
with YL = 0.4.

Properties of compact stars whose matter obeys the
EOS calculated with the above models are obtained
from the the equations for the structure of a rela-
tivistic spherical and static star composed of a perfect
fluid, which were derived from Einstein’s equations by
Tolmann, Oppenheimer and Volkoff [12]:

dP

dr
= −

G

r

[ε + P ]
[

M + 4πr3P
]

(r − 2GM)
, (8)

dM

dr
= 4πr2ε,

where G is the gravitational constant and M(r) is the
enclosed gravitational mass. For all the EOS consid-
ered in the present work, the value of r (= R), where
the pressure vanishes defines the surface of the star.

2. RESULTS AND DISCUSSIONS

All the models used are parameter dependent. The
parameters of the models are fixed by reproducing
properties of nuclear matter or nucleon properties.
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Figure 1: EOS obtained with the NLWM and a) the
UQM b) the NJL model [9].

For the NLWM, we use the coupling constants de-
fined in [2] for which the compression modulus is 300
MeV and the effective mass is 0.7M . When δ mesons
are included we take the parameter set of ref. [8],
for which EB = −16 MeV at the saturation density
ρ0 = 0.16 fm−1, the symmetry coefficient is 32 MeV,
the compression modulus is 240 MeV and the effec-
tive mass is 0.75M . For the QMC the parameters are
shown in [10] and they reproduce EB = −15.7 MeV
at ρ0 = 0.15 fm−3, asym = 32.5 MeV, K = 257 MeV
and M∗ = 0.774M . For the NJL model the chosen
parameters are given in [9] and they are fixed in order
to fit the values in vacuum for the pion mass, the pion
decay constant, the kaon mass, and the quark con-
densates. The value of the bag constant is mentioned
throughout the text. For the CFL we use a gap param-
eter equal to ∆ = 100 MeV. Based on quark count-
ing arguments we take the meson hyperon couplings
gσB =

√

2/3 gσN , gσB =
√

2/3 gσN , gωB =
√

2/3 gωN

and gρB =
√

2/3 gρN .
We start by showing the results obtained with the

NLWM for the hadron phase and the UQM and NJL
models for the quark phase. In what follows the bag
contant is B1/4 = 190 MeV.
From Fig. 1 one can see that the EOSs are harder and
the mixed phase appears at higher densities if neutrino
trapping is required independently of the model used.
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Figure 2: Strangeness fraction for the EOS with a) the
UQM b) the NJL model for the quark phase.

Finite temperature also makes the EOS softer because
the number of states available increases with T . In the
quark phase with neutrino trapping the NJL model
shows a harder EOS than the neutrino free one due to
a higher s-quark mass. Neutrino trapping shifts chiral
symmetry restoration to higher densities.

From Fig. 2 one can observe that when the quark
phase is described by the Bag model the strangeness
fraction rises steadly and, at the onset of the pure
quark phase it has almost reached 1/3 of the baryonic
matter if no trapping is imposed. It reaches a lower
value once neutrino trapping is enforced. A constant
lepton fraction implies higher fractions of electrons
at high densities and, therefore, smaller s-quark frac-
tions. The NJL model predicts a different behavior.
In the mixed phase the strangeness fraction decreases
with density. This behavior is due to fact that for the
densities at which the mixed phase occurs the mass of
the strange quark is still very high. The net effect of
the entropy is to increase the strangeness fraction.

Notice, from Fig. 3 that the distribution of particles
is altered if neutrino trapping is imposed. Trapping
pushes the onset of hyperons, the mixed phase and the
pure quark phase to higher energies. The pure quark
phase is only slightly affected but the mixed phase can
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Figure 3: Particle fractions Yi = ρi/ρ, for i = baryons,
leptons and quarks, obtained with the NLWM plus the
UQM for S = 1 and a)Yνe = 0 b)YL = 0.4.

occur at a density that is ρ0 ∼ 2ρ0 higher. The impo-
sition of trapped neutrinos influences the threshold of
hyperons and quarks through the conditions of charge
conservation and chemical equilibrium.

It is important to determine the range of temper-
atures involved in the cooling process of a proto-
neutron stars. This is plotted in Fig. 4, from where we
can see that the maximum temperatures reach about
35 MeV if S = 2 and 17 MeV if S = 1. Moreover, it is
shown that neutrino trapping makes the temperature
vary more and reach a higher value in the mixed phase
and a lower value in the quark phase. The reduction
of T during the mixed phase is due to the opening of
new degrees of freedom due to deconfinement.

For most EOSs studied and displayed in I and II,
the central energy density ε0 falls inside the mixed
phase. The maximum masses of the stars decrease
with increasing entropy and are systematically larger
if neutrino trapping is enforced. For the present EOSs,
the maximum mass of stable stars are larger if neu-
trinos are trapped. This difference is much smaller
when the quark phase is described within NJL due,
possibly, to the smaller s-quark content.

Next we show the results obtained with the QMC
model for the hadron phase and the UQM and CFL
models for the quark phase. The EOS are shown in
Fig. 5. The EOSs are harder if neutrino trapping is
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Figure 4: Temperature range obtained with the NLWM
plus a) Bag model b) NJL model. In both figures the
solid lines stand for the case with neutrino trapping and
the dashed line without neutrino trapping.

Table I Hybrid star properties for the EOS obtained
with the NLWM and the NJL model. Energy densities
are given in fm−4.

EOS S Mmax/M� ε0 εmin εmax

Yνe = 0 0 1.84 6.29 4.60 7.25

Yνe = 0 1 1.84 5.99 4.35 6.62

Yνe = 0 2 1.83 5.38 3.18 5.66

YL = 0.4 0 2.05 6.14 4.92 6.94

YL = 0.4 1 2.02 6.20 4.72 6.46

YL = 0.4 2 1.96 5.72 4.50 6.00

Table II Hybrid star properties for the EOS obtained
with the NLWM and the UQM. Energy densities are
given in fm−4.

EOS S Mmax/M� ε0 εmin εmax

Yνe = 0 0 1.64 4.58 1.81 6.06

Yνe = 0 1 1.51 5.07 1.87 6.00

Yνe = 0 2 1.45 4.95 1.98 5.81

YL = 0.4 0 1.98 5.31 3.47 7.38

YL = 0.4 1 1.89 5.20 3.03 6.99

YL = 0.4 2 1.81 5.08 2.98 6.82

Table III Hybrid star properties - EOS with Yνe = 0

model B1/4 Mmax/M� ε0 εmin εmax

QMC+UQM 190 1.58 5.52 1.63 7.02

QMC+UQM 200 1.73 4.85 2.05 8.74

QMC+CFL 190 1.32 12.56 1.35 4.56

QMC+CFL 200 1.49 3.31 1.92 6.25

NLWM+UQM 190 1.64 4.58 1.81 6.06

Table IV Hybrid star properties - EOS with YL = 0.4

model B1/4 ms

Mmax
M�

Mb

M�
R ε0

QMC+UQM 190 150 1.94 2.15 12.09 5.47

QMC+UQM 200 150 1.99 2.22 11.97 5.63

QMC+UQM 200 150 1.73 1.93 12.44 4.89

(Yνe = 0)

NLWM+UQM 190 150 1.64 1.83 12.84 4.5

(Yνe = 0)

NLWM+UQM 190 150 2.00 2.22 12.59 5.06

(YL = 0.4)

QMC+CFL 190 150 1.80 1.99 10.86 7.32

QMC+CFL 200 150 1.83 2.02 11.36 6.57

QMC+CFL 200 150 1.49 1.65 13.4 3.32

(Yνe = 0)

imposed, independently of the model used. A larger s-
quark mass and a larger B parameter make the quark
EOSs harder in the mixed phase, a fact that manifests
itself on the maximum mass stellar configuration. If
compared with the NLWM, the QMC provides softer
EOS at low densities and harder at intermediate den-
sities. The transition to a pure quark phase occurs
at lower densities in the NWLM. This behavior has
consequences on the properties of the corresponding
families of stars.

In tables III and IV we display the hybrid star
properties with and without trapped neutrinos respec-
tively. The strange quark mass is ms = 150 MeV, the
energies are given in fm−4, B1/4 is given in MeV and
the star radius R in Km. Notice that the maximum
baryonic masses obtained within the NLWM are larger
and the difference of maximum masses for trapped
and untrapped matter is smaller for the QMC than
for the NLWM. This means that the number of stars
that would decay into a blackhole is much smaller in
the QMC model and is probably due to the fact that
no hyperons are formed in the interior of stars ob-
tained with QMC for ms = 150 MeV and B1/4 = 190
MeV contrary to the NLWM case. If the quark phase
is a CFL state the baryonic mass difference between
the neutrino rich stars and neutrino poor is greater
than in the UQM. This is understood because in the
quark phase there are no electrons and therefore the
0.4 fraction of leptons is all due to neutrinos. The
greater flux of neutrinos carries out more energy. For
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Figure 5: Equation of state obtained with the QMC
model plus (a) UQM (b) CFL. In the figures above,
YL = 0.4 unless stated otherwise.

a finite temperature calculation we expect a smaller
effect.

A straightforward method of determining neutron
star properties is by measuring the gravitational red-
shift of spectral lines produced in neutron star pho-
tosphere which provides a direct constraint on the
mass-to-radius ratio. Two recent measurements im-
pose the constraints M�/R(km) = 0.15 [13] and
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Figure 6: QMC plus UQM (solid line), QMC plus CFL
(dotted line), NLWM plus UQM (long-dashed line),

B1/4=190 MeV

M�/R(km) = 0.12 − 0.23 [14] respectively. From
Fig. 6 we conclude that only the EOS for QMC plus
CFL with B1/4=190 MeV barely satisfies the first con-
straint. In fact, this constraint excludes all the EOS
with hyperons, quarks or obtained within a relativis-
tic mean-field approach. However, all the curves pre-
sented in Fig. 6 are consistent with the second con-
straint.

Until now, we have considered the exchange of the
mesons σ, ω and ρ at the hadronic level. How-
ever, a formally consistent relativistic effective field
model should include on the same footing isoscalar
and isovector meson fields. Scalar isovector virtual
δ(a0(980)) mesons are important in hadronic effective
field theories when asymmetric nuclear matter is stud-
ied [11]. We include delta meson interactions in the
NLWM for the hadronic phase and check its conse-
quences. Only in this calculation the coupling con-
tants with the hyperons are taken as 0.7 gσN for the
the σ and δ and are taken as 0.783 gωN for the ω and
ρ.

For nucleonic stars the inclusion of the δ meson
makes the EOS harder, as can be seen form Fig. 7. If
hyperons (and quarks) are taken into account the EOS
with δ meson suffers a transition to proton-neutron-
hyperon phase at lower energies and becomes softer.
From tables V and VI some conclusions can be drawn.
In these tables NA means non-applicable and it is used
when no mixed phases are constructed. The inclusion
of δ in a star with hyperons results in opposite conse-
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Figure 7: a) EOS with Yνe = 0; b) EOS with YL = 0.4

Table V Hadronic and hybrid star properties for the
EOSs obtained with the NLWM and the UQM, Yνe = 0,
S = 0, Bag1/4=180 MeV, R is in Km and energies in
fm−4

hadrons
Mmax

M�

Mb

M�
R ε0 εmin εmax

no δ pn 2.09 2.45 10.88 6.99 NA NA

with δ pn 2.15 2.56 11.35 6.52 NA NA

no δ pnH 1.72 1.95 10.76 7.41 NA NA

with δ pnH 1.71 1.94 11.31 6.71 NA NA

no δ pnHq 1.47 1.64 10.58 7.43 1.36 6.22

with δ pnHq 1.45 1.61 10.49 7.87 1.26 6.31

Table VI Hadronic and hybrid star properties for the
EOSs obtained with the NLWM and the UQM, YL = 0.4,
Bag1/4=180 MeV, R is in Km and energies in fm−4.

S hadrons
Mmax

M�

Mb

M�
R ε0 εmin εmax

no δ 0 pn 2.02 2.29 10.66 7.55 NA NA

with δ 0 pn 2.04 2.31 10.73 7.33 NA NA

no δ 0 pnq 1.82 2.02 11.62 6.31 2.98 7.68

with δ 0 pnq 1.80 1.99 11.85 6.25 2.33 7.55

no δ 0 pnH 1.89 2.10 10.91 7.06 NA NA

with δ 0 pnH 1.88 2.09 10.51 7.03 NA NA

with δ 0 pnHq 1.81 2.00 11.53 6.34 2.30 7.73

with δ 1 pn 2.04 2.28 - 7.35 NA NA

with δ 1 pnq 1.78 1.95 - 6.36 2.25 7.82

with δ 1 pnH 1.86 2.04 - 6.80 NA NA

with δ 1 pnHq 1.78 1.94 - 6.34 2.27 7.76
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Figure 8: Compact stars: Mass versus radius

quences in the star properties if compared with a star
only with protons and neutrons. In a nucleonic star
the maximum gravitational and baryonic masses in-
crease with the inclusion of the δ mesons whereas the
central energy density decreases. In a pnH star, the
masses decrease with the inclusion of the δ and the
central energy density increases. So, while a harder
EOS like the nucleonic with δ EOS supports a larger
mass giving rise to a larger value for the maximum
mass of a stable star, a softer EOS like the pnH or
pnHq δ EOS supports a smaller mass and the maxi-
mum mass of a stable star is smaller. If we consider
stars with M > 0.5M�, pn stars with δ-meson have
always larger radius for a given mass than the cor-
responding stars without the δ-meson. This is not
anymore true for hyperon or hybrid stars, due to the
larger softening undertaken by the EOSs with the δ
meson when the onset of hyperons and/or quarks oc-
curs.

It is clear that the inclusion of the δ-meson makes
the EOS for nuclear matter harder. However the on-
set of hyperons and/or quarks in these stars gives rises
to a larger softening. In particular maximum stable
stars have in these cases lower masses and smaller ra-
dius. All EOS with and without deltas satisfy both
constraints imposed by spectral measurements, as can
be seen from Fig. 8.

3. CONCLUSIONS

We have studied different EOSs in order to describe
protoneutron and neutron stars. For this purpose, we
have assumed that at low density the star is consti-
tuted of hadrons (nucleons and possibly hyperons) de-
scribed within two different models NLWM and QMC,
at intermediate energies it is constituted of a mixed
phase of hadrons and quarks and at very high densi-
ties a possible quark phase was investigated. For the
quark phase we have considered the MIT bag model
with and without a CFL phase, and the NJL model.
Moreover, we have studied EOS for stars after delep-
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tonization (neutrino free) and with trapped neutri-
nos. Independently of the models used for the hadron
and quark phases we have verified that the maximum
stellar masses are larger once trapped neutrinos are
considered, if hyperons and/or quarks are included.
Depending on the amount of neutrinos present in the
protoneutron star, it may decay into a low mass black
hole or into a neutron star. The amount of neutri-
nos, on the other hand, depend on the EOS used
[9–11]. Larger fractions of hyperons and/or s-quark
correspond to larger fractions of neutrinos. Another
point of interest is that generally the stellar central
energy density corresponding to the most massive sta-
ble stars lies inside the mixed phase. Stars with quark
core are not probable within the present models. It is
important to stress that astrophysical measurements
can impose constraints on the stellar mass-to-radius
ratio, for instance. More precise measurements are
necessary in order to rule out some of the EOSs used
in the literature.
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Effects of Accretion Column Structure on Beam Shapes
D.A. Leahy
Department of Physics &Astronomy , University of Calgary, Calgary, Alberta T2N 1N4, Canada

A model calculation for the beam pattern from a filled-cone shaped accretion column is generalized to include
spatially-dependent emissivities. The emission region is also generalized to include emission from the neutron
star surface heated by the emission from the sides of the accretion column. Gravitational light-bending and
shadowing effects are included in the calculation. The resulting beaming patterns are calculated and compared
to the previous calculations of beaming patterns from simpler geometries and emissivities.

1. INTRODUCTION

An X-ray pulsar is an accreting neutron star in a
binary system. It emits X-ray pulsations due to ro-
tation: the beam pattern from the bright emission
region rotates past the observer’s line-of-sight. The
accretion flow from the companion star has sufficient
conductivity that inside the magnetosphere, it follows
magnetic field lines to the neutron star surface. This
results in two X-ray emission regions: one for each
magnetic pole. The emission region may be on the
neutron star surface (called a polar cap) or form an
accretion column extending vertically above the neu-
tron star surface. The pulse shapes produced by polar
cap models have been considered by, e.g. [1], and ref-
erences therein. The pulse shapes produced by accre-
tion column models are considered by [2], [3], [4]. The
geometrical model here for the accretion column is a
filled cone with both the top and sides emitting and
producing pencil and fan beams, respectively beamed
along the surface normal and approximately perpen-
dicular to the surface normal. It also includes emission
from the neutron star surrounding the base of the col-
umn which is due to heating by radiation from the
sides of the accretion column.

The filled cone model was applied successfully to
explain the pulse shape of Her X-1 by [5], then to
constrain the mass-radius relation of the neutron star
by [6]. The purpose of this paper is to generalize the
filled cone model of [5] to include a height-dependent
emissivity in the cone, and emission from the neu-
tron star surface surrounding the base of the accre-
tion column. All of the calculations here were done
for neutron stars of 1.4 solar masses. Section 2 below
describes the accretion column model, and its gener-
alization from previous models. Section 3 describes
resulting beam patterns calculated using this model.
Section 4 contains a discussion and summary of the
results.

2. THE EMISSIVITY MODEL

Fig. 1 shows the basic geometry used here for the
beam pattern calculations. The emission region is a
cone-shaped region with emitting top and sides, with
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Figure 1: Emission region geometry: the cone is due to
matter incoming from the disk along magnetic field lines,
with the top due to the standoff shock. The ring is the
neutron star surface heated by radiation from the sides of
the cone. The cone-top and the ring produce pencil beam
patterns: beamed along the radial direction; the cone-side
produces a fan beam pattern: beamed tangential to the
surface. Here, the neutron star radius is R = 12 km; the
cone sides follow dipole field lines; the cone height is
H = 0.2R; the cone half-angle is θc = 0.2 rad at base;
and the surface ring outer angle is 0.35 rad. The view
shown is with the observer at θ1 = 60◦ to the cone axis.

the apex of the cone at the center of the neutron star.
Only the part of the cone extending above the neutron
star surface emits radiation. There is also a surface
emission ring surrounding the base of the cone, which
should be present due to emission from the part of the
surface heated by radiation from the sides of the cone.
Since the emitting plasma is constrained by the strong
magnetic field, the sides of the cone are not straight
but follow dipole magnetic field lines.

Photons from the surface of the emission region
propagate to the observer along geodesics in the
Schwarzschild metric (only slowly rotating neutron
stars are considered here). Fig. 2 illustrates the mag-
nitude of the resulting bending of light paths for a
neutron star of 1.4 solar masses and 3 different radii.
The smallest radius shown, 7.28 km, is that for which
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Figure 2: Light rays (solid lines) around a 1.4 M�

neutron star. Three different radii of neutron stars are
illustrated. Light-bending [2] results in magnification and
distortion of the emission regions.

an observer can see just the entire surface of the neu-
tron star. Realistic equations of state for matter at
high density predict radii in the range ∼ 9− 16km for
a mass of 1.4 solar masses.

In addition to a surface geometry, an emissivity
must be specified in order to compute a beam pattern
observed at infinity from the emission surface. The
anisotropy of the basic emission and absorption prop-
erties in the strong magnetic fields (∼ 1012 Gauss)
found in pulsating neutron stars, results in a depen-
dence of the emissivity on emission angle. The ra-
diation transfer problem in such an environment has
not been solved fully yet (e.g. [7], [8]). The approach
taken here is to use a phenomenological model for the
surface emissivity. A Gaussian function is used for the
dependence on the angle to the surface normal, δ.

f1(δ) = exp(−δ2/2σ2) (1)

The vertical structure of the accretion column is not
known either, so another phenomelogical description
is used here: the dependence of emissivity on height,
h, in the accretion column is specified by:

f2(h) = (1 + (H − h)/H)α (2)

with H the height of the top of the column. The emis-
sivity also depends on location of the emitting point
on the top of the accretion column or location in the
surface emission ring. For an axisymmetric column
and ring, position is specified by the angle from the
magnetic axis, θ. The emissivity dependence on θ is
specified by:

f3(θ) = (1 + (θ2 − θ)/(θ2 − θ1))β (3)

with θ2 and θ1, the inner and outer limits of the cone-
top or of the surface ring.
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Figure 3: Beam pattern of top and ring regions,
R=13.5km: dependence on ring size. The dip in beam
pattern from the ring for polar angles less than 20◦ is due
to shadowing of the ring by the cone.

A dependence of emissivity on azimuthal angle with
respect to the magnetic axis is expected due to the az-
imuthal dependence of efficiency for matter threading
onto magnetic field lines from the inner accretion disk.
Here is used a dependence on φ of:

C(φ) = (1 + ac cos2((φ − φ2)/2)) (4)

3. RESULTS OF BEAM PATTERN
CALCULATION

With the emissivity and geometry specified as
above, ray tracing calculations were carried out to
compute the flux observed at infinity for an observer
at a specified direction with respect to the axis of the
emission region. The flux as a function of position
with respect to the emission region axis is called the
beaming pattern. For an axisymmetric emission re-
gion, the beaming pattern is only a function of ob-
server polar angle with respect to the emission re-
gion axis; for a non-axisymmetric emission region, the
beaming pattern depends on both polar angle and az-
imuthal angle of the observer.

Fig. 3 shows the beam patterns for the top and
surface ring of an axisymmetric emission region on a
neutron star with radius R=13.5 km, a emissivity with
Gaussian width of 7.5◦, a cone opening angle of 0.26
rad, and a cone height of 0.075R. Results for three
different outer angles for the surface emission ring are
given.

Fig. 4 shows the beam patterns for the top and
surface ring of an axisymmetric emission region for
the case that the surface ring has different dependen-
cies of brightness on angle from the magnetic axis, as
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Figure 5: Beam pattern of side region, R=13.5km:
dependence on power index α.

specified by the parameter β. For Fig. 4 the nor-
malizations of the surface ring fluxes have been mul-
tiplied by the factors shown (A) so that the peaks of
the beam patterns all match. This helps in comparing
of the beam shapes. The surface rings which have the
surface brightness peaked on the surface closer to the
emission cone (larger β), suffer more from shadowing
by the cone, so have a larger central dip in their beam
patterns.

Next the beam pattern from the side of the emis-
sion cone is calculated. Fig. 5 shows the beam pat-
tern from the side for different cases of the height de-
pendence of the emissivity, as specified by α. Due to
the functional form of the height dependence that was
chosen, larger α values result in a larger overall flux.
The fluxes were renormalized by the factors shown in
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Figure 6: Azimuthal dependence of the beam pattern of
the side region at two different polar angles for the case
of an azimuthally-dependent emissivity (neutron star
radius R=13.5km): comparison of exact and analytical
approximation.

the figure caption in order to give all beam patterns
the same maximum flux. The main difference in beam
pattern shape is due to changes in the shadowing ef-
fect. The shadowing of the emission cone by the neu-
tron star surface increases as the viewing angle of the
observer from the cone axis increases: first the base of
the cone is blocked, then progressively higher regions
until the top and the entire cone is blocked. Thus
cones with increasing surface brightness with height
(α < 0) are less rapidly shadowed than cones with de-
creasing surface brightness with height (α > 0). How-
ever, it is seen from Fig. 5 that the effect is fairly
small, even for a large change in the height depen-
dence of the emissivity.

The above calculations were carried out for an axi-
ally symmetric emission region. Now an azimuthally-
dependent emissivity is included the calculations as
given by equation 4 above. Fig. 6 shows the az-
imuthal dependence of the beaming pattern from the
side of the accretion column at polar angles of 130◦

and 145◦. (The emission from the top and ring of the
emission region are not visible at these polar angles.)
The lines labelled ”full calculation” include complete
ray tracing to calculate the flux. The lines labelled by
the analytic formulae are analytic approximations for
the azimuthal dependence with normalizations fit to
the curves from the full calculation. The azimuthal
dependence of the beam pattern is not strongly al-
tered from the azimuthal dependence of the emissiv-
ity. This is unlike the polar angle dependence of the
beaming pattern which is strongly altered due to the
light-bending.
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4. DISCUSSION

Here, a more general geometry for the emission re-
gion from an x-ray pulsar has been considered than
for previous model calculations. Also a spatially de-
pendent as well as an angular-dependent emissivity is
included. The goal of the calculations was to explore
some of the effects of a more generalized accretion col-
umn on the beam patterns emitted by x-ray pulsars.

The beam pattern from the accretion column is the
sum of the beam patterns from the various compo-
nents, here, the top, the side and the surface emission
ring. The top produces a pencil beam pattern beamed
along the magnetic axis and the ring produces a hol-
low cone beam pattern with peak emission at ∼ 20◦

to the magnetic axis (e.g. Fig. 3). The cause of the
dip in the ring beam pattern along the magnetic axis
is shadowing by the cone. The cone side produces a
fan beam peaked at polar angle larger than 90◦, due
to gravitational light bending. More compact neutron
stars have the peak of the fan beam at larger polar an-
gle. For a neutron star radius of 13.5km and mass 1.4
solar masses, the peak is at ' 130◦. The total beam
pattern has two distinct components: a pencil beam
which is the sum of cone-top and ring components and
a fan beam from the side of the emission cone.

The effects of spatially dependent emissivity are as
follows. The latitude dependence of the emissivity
of the surface ring mainly affects the size of the cen-
tral dip in the ring beam pattern. For rings which
are brighter at higher latitudes, which would be ex-
pected for the case that the surface ring is heated by
radiation from the cone side, the central dip is larger.
The height dependence of the emissivity of the cone

side affects mainly the shape of the beam pattern at
polar angles larger than the polar angle of the peak
of the beam pattern (Fig. 5). However, the effect
is relatively weak. An azimuthally dependent emis-
sivity produces nearly the same functional azimuthal
dependence in the beam pattern. However this is not
expected to hold if the emissivity is not a smooth func-
tion of azimuth.

The next stage of this work is to apply the general-
ized beam pattern calculation to calculation of pulse
shapes and then to compare pulse shapes with those
observed from X-ray pulsars.
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We discuss observable form of the radiation emitted from a surface of a collapsing object using a simplified
model in which a radiation of massless particles has a sharp in time profile and it happens at the surface at
the same moment of comoving time. Its redshift and bending angle are affected by the strong gravitational
field. We obtain a simple expression for the observed flux of the radiation as a function of time. To find an
explicit expression for the flux we develop an analytical approximation for the bending angle and time delay for
null rays emitted by a collapsing surface at R > 2Rg . We obtain an approximate analytical expression for the
observed flux and study its properties.

1. Introduction

Light propagating in the vicinity of compact rela-
tivistic objects like neutron stars and black holes are
is affected by a strong gravitational field. For the de-
scription of the photon propagation under these condi-
tions the general relativity is required. it was demon-
strated recently that general relativistic effects might
be important for understanding the features of the
radiation coming from these objects [2]-[6]. In partic-
ular, according to the general relativity, because of the
gravitational bending of light rays, a distant observer
can see a part of the opposite side of the neutron star
which is invisible in a flat spacetime. The radiation
emitted from this part gives an important contribu-
tion and has a visible impact on the form of the signal
from the X-ray burst.

The effects of the general relativity also modify con-
siderably light curves for continuous in time radiation
from the surface of a collapsing star as seen by a dis-
tant observer[7] [8][9]. The main attention was fo-
cused on the details connected with light emitted near
(unstable) circular photon orbits at 3rg/2, where rg

is a gravitational radius of a collapsing star. In such
considerations there were usually adopted a number
of simplifying assumptions, such as: (1) Spherical ge-
ometry; (2) Dust-like (pressure free) equation of state;
(3) Radiation comes only from the (free-falling) sur-
face of the star; and (4) It is continuous in time.

In this work we would like to discuss a slightly dif-
ferent set up, when the assumption (4) is changed.
Namely we assume that the radiation emitted from
the surface of a collapsing spherically symmetric stel-
lar object has a profile of a sharp in time pulse. Such
radiation may occur in different situations. For ex-
ample, suppose a neutron star or a proto-neutron star
looses its stability as a result of the accretion of matter
onto it or due to the softening of equation of state [10]
at the center which is supposed to be already several

times higher than the nuclear density . During the col-
lapse, the matter density of a compact object is grow-
ing and the whole system evolves into the much higher
density than the normal nuclear density [11]–[12], be-
yond which new hadronic phase transitions might take
place [13]. One might expect a possible sharp-in-time
emission of massless particles (photons and neutrino)
during such phase transition [14].

In this work we assume that a radiation of massless
particles has a sharp in time pulse profile and it hap-
pens at the surface at the same instant of time (from
a point of view of a comoving observer). The time
required for the radiation to reach a distant observer
depends on the position of a radiative region on the
collapsing surface. For this reason the pulse emission
results in a continuous flux received by the observer
during some finite interval of time. During this inter-
val the flux as well as the redshift factor changes. In
principle, knowing the redshift and light curves allows
one to obtain direct information about the collapsing
body at the moment when the radiation occurs.

We consider a photon emitted from a collapsing
spherical surface and propagating to the observer at
infinity in the background of Schwarzschild metric

ds2 = −fdt2 + f−1dr2 + r2dΩ , (1)

where f = f(r) = 1 − 2M/r and M is the mass of
the collapsing object. We adopt the natural units,
c = G = h̄ = 1. In [7] and [11] the motion of a
spherical surface during the gravitational collapse was
discussed under assumption that the dynamical role
of the pressure can be neglected [15], while the surface
follows a radial geodesic in the Schwarzchild geometry
[16].

Denote by τ the proper time as measured by an
observer comoving with the collapsing surface. We
suppose that the collapse starts at τ = 0 and the
initial surface radius is R0. For a freely falling surface
the invariant radial velocity at the moment when its
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radius is R is given by

vi = f−1(R)
dR

dt
= −

√
2M

R

√
1−R/R0√

1− 2M/R0

. (2)

Consider a photon emitted from the surface. Its tra-
jectory lies in the plane. Without loss of generality we
assume that it coincides with a plane of the fixed coor-
dinate φ, so that the vector of the 4-momentum of the
photon is pµ = (pt, pr, pθ, 0) Because of the symmetry
of the Schwarzschild metric, E = −pt (the energy at
infinity) and L = pθ (the angular momentum) are con-
stants of motion. Instead of the angular momentum
L we shall use the impact parameter l = L/E. The
radial momentum pr is given by pr = σEZ, where
Z = Z(l, r) =

√
1− l2f(r)/r2. Here and later σ de-

notes a sign function which takes the values + and −
for a forward (pr > 0) and backward (pr < 0) emis-
sion, respectively.

There is an upper limit for the impact parameter,
lmax, given by lmax = R√

f(R)
. We consider only the

light with the emission angle, β ≤ π/2, as measured
by an observer comoving with the surface. For a tan-
gentially emitted photon with respect to a comoving
observer(β = π/2) the corresponding impact param-
eter l = lT is determined by the condition Z = −vi :
lT = R√

1−2M/R0
. To escape delicacies connected with

more complicated behavior of the photon orbit we as-
sume that R > 3

√
3
√

1− 2M/R0M . In this case
for a photon which reaches the infinity the possible
ranges of an impact parameter are 0 ≤ l ≤ lmax and
lT ≤ l ≤ lmax for a forward and backward emission,
respectively. A discussion of the allowed ranges of
the impact parameter for the smaller radius up to
R ∼ 2M , can be found in [7] and [8].

For a given ray, the redshift factor Φ is defined as
the ratio of the emitted frequency ν(e) to the observed
at infinity frequency ν(o)

Φ =
ν(e)

ν(o)
=

1− σviZ(l, R)√
f
√

1− v2
i

(3)

for a ray with the impact parameter l emitted from
the surface of the radius R.

We use the freedom in the choice of spherical co-
ordinates to put the angle θ in the direction to an
observer at infinity to be equal to zero, θ(o) = 0. Con-
sider a null ray emitted by the collapsing surface when
its radius is R and which reaches the distant observer.
Suppose its impact parameter is l. Then such a ray
is emitted by the collapsing surface from the region
at the angle θ(e). For forward emission this bending
angle is

θ
(e)
+ = Θ(l, R) = l

∫ ∞

R

dr

r2Z(l, r)
. (4)

For a backward-emission a photon before it reaches
the infinity should pass through a turning point, rt <

R, which is determined by Z(l, rt) = 0. One can see
that, for l = lmax = R2/(1 − 2M/R), rt = R as
expected. Then we get

θ
(e)
− = 2Θ(l, rt)−Θ(l, R) . (5)

Consider a null ray with the impact parameter l
emitted from the collapsing surface at the moment τ

when it has the radius R(τ). Denote by t
(o)
± the time

when it reaches a distant observer at radius r(o) for
the forward/backward ray. It is evident that t(o) →∞
when r0 → ∞. For this reason it is more convenient
to consider a finite quantity, the time difference be-
tween arrival of two null rays emitted at two different
moments of proper time, τ and τe, respectively. For
the second ray, emitted at τe, we put l = 0. Such a
ray goes radially. We denote this time difference by
∆t(l; τ, τe). In the limit when r(o) →∞ this quantity
remain finite. For the forward ray it is given by the
following expression

∆t+(l; τ, τe) = t(e)(τ)− t(e)(τe) + T (l, R(τ))

+R(τe)−R(τ) + 2M ln
R(τe)− 2M

R(τ)− 2M
, (6)

where

T (l, R) ≡
∫ ∞

R

dr

f(r)

[
1

Z(l, r)
− 1

]
. (7)

Similarly for the backward ray one has

∆t−(l; τ, τe) = t(e)(τ)− t(e)(τe)+2T (l, rt)−T (l, R(τ))
(8)

+R(τe)+R(τ)−2rt+2M ln
(R(τ)− 2M)(R(τe)− 2M)

(rt − 2M)2
.

The integrals for Θ and T (see relations (4) and
(7), respectively) can be expressed in terms of the el-
liptic functions. However, for practical calculations it
is very convenient to have approximations for these
quantities in terms of simple elementary functions. In
the next section, we develop high accuracy analytic
approximations, for the integrals Θ(l, R) and T (l, R).

2. Analytic Approximation

It is convenient to use the dimensionless quantities

x = M/r , q ≡ M/R , l̂ = l/M . (9)

We also denote

Ẑ = Ẑ(l̂, x) =
√

1− l̂2x2(1− 2x) , (10)

so that
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Θ =
∫ q

0

dx
l̂

Ẑ(l̂, x)
. (11)

In a flat metric with f = 1, one can calculate the
integral (11) analytically to get

Θflat = arccos(
√

1− l̂2q2). (12)

Leahy [3] discovered that in a wide range of its ar-
guments the exact integral for the bending angle can
be approximated by a simple analytical expression.
A simple elegant form of the approximative expres-
sion was proposed later by Beloborodov [4]: Θ0 =
arccos

[
Ẑ−2q
1−2q

]
. We shall refer to this relation as to

Beloborodov–Leahy (or BL–) approximation.
The typical accuracy of the BL–approximation is of

order of 1% for the light rays emitted from the sur-
face R = 6M . For smaller R the accuracy of the
BL–approximation is worse. For example it becomes
of order of 10% for R = 4M . In order to use this ap-
proximation for our purposes we first slightly modify
it to improve the accuracy.

Comparing expansions of Θ and Θ0 at small values
of l̂, we propose an ansatz as follows

Θ̂(l̂, q) = arccos

[
Ẑ(L̂, q)− 2q

1− 2q

]
+ b5q

2Z5 , (13)

where

Z ≡ 1− Ẑ(l̂, q)
1− 2q

. (14)

Numerical calculations show that the accuracy of the
approximation is very good for b5 = 0.0884 . Thus the
approximate expression for the forward-emitted rays
is

θ
(e)
f ≈ Θ̂(l, q = M/R) . (15)

The relative error ∆θ = (θ(e)
f − Θ̂)/θ(e) of the approx-

imate expression is very small. It is less than 0.5% for
R ≥ 4.5M for all the allowed values of l. For R = 4M
the error ∆θ is slightly larger. It is still less than 0.8
% every where excluding a narrow vicinity of s = 1
where it reaches 2%.

We shall use the formula (13) to approximate the
bending angle for the forward emission. For the back-
ward emission the approximate formula is

θ
(e)
b (l, R) ≈ 2Θ̂(l̂, M/rt)− Θ̂(l̂,M/R) . (16)

Now we consider the arrival time. Using the dimen-
sionless version of T , T = T/M , we can rewrite the
expression (7) in the following form:

T = T (l̂, q) =
∫ q

0

dx
l̂2

Ẑ(l̂, x)(1 + Ẑ(l̂, x))
. (17)

We want to obtain an analytic approximation for T .
For f =const in the integral (17), this integral can

be calculated exactly :T0 = 1−
√

1−l̂2 q2 f
f q . We restore

the dependence f on q and use this expression with
f = 1− 2q as a starting point for our approximation.
The corresponding expression can be written as

T0 =
Z
q

. (18)

One can check that this approximation is very good for
small q. Our ansatz for the improved approximation
is

T̂ = T0 + Q(Z) , (19)

where

Q(Z) =
1
4
Z2 + a3Z3 + a4Z4 . (20)

Numerical calculations show that the accuracy of
the approximation is very good for the following choice
of the parameters: a3 = 1/15 , a4 = 1/25 .

The relative error ∆T = (T − T̂ )/T of the approx-
imate expression is is less than 0.5% for R ≥ 4.5M
for all the allowed values of l. For R = 4M the error
∆T is slightly larger. It is still less than 1 % every
where excluding a narrow vicinity of s = 1 where it
reaches 3%. On the other hand the approximation
for the derivative T̂,l̂ works slightly worse than the
approximation for T̂ . We denote

∆T,l
= (T,l̂ − T̂,l̂)/T,l̂ (21)

the relative error. It is found that the maximum value
of the relative error (for R = 4.5M) reached 5% near
s = 1.

3. Flux and intensity for a short flash

We shall use superscripts (e) and (o) for emitted
and observed radiation, respectively.

Consider a light ray with the impact parameter l
emitted from the collapsing surface at the moment
of the proper time τ , and let t be the time when it
reaches a distant observer at r0. One can show (see
e.g. Exercise 22.17 in [18]), that the quantity Iν(ν)/ν3

remains constant along a photon’s world line.
The specific flux as measured by a distant observer

at time t is

F (o)
ν0

(t) =
2π

r2
0

∫
ldlΦ−3I(e)

νe
(l, νe, τ(t, l)) . (22)

Here Φ = Φ(l, R) is given by eq.(3). The integral over
l in eq.(22) can be rewritten as an integral over the
proper time, τ :

F (o)
ν0

(t) =
2π

r2
0

∫
dτWΦ−3I(e)

νe
(l, νe, τ) , (23)
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where W ≡ l
∣∣ dl
dτ

∣∣ .
For a very short in time flash from the surface at

the moment τe, the intensity can be approximated as

I(e)
νe

(l, νe, τ) = I(e)
νe

(l, νe)δ(τ − τe) (24)

and we get

F (o)(t) =
2π

r2
0

WeΦ−4
e I(e)(le) , (25)

where the intensity I(e)(l) is

I(e)(l) =
∫

dνeI
(e)
νe

(le, νe) . (26)

This form radically simplifies the study of the light
curves.

We denote the flux registered by the distant ob-
server at the moment t as F (o)(t) and we denote by
F (o)(0) the flux at the moment when the first ray ar-
rives to the distant observer. It is convenient to nor-
malize the observed time-dependent flux F (o)(t) to the
value F (o)(0). We denote this ratio

F(t) =
F (o)(t)
F (o)(0)

=
We(t)
W0

(
Φe(t)
Φ0

)−4

I , (27)

where I = I(e)(le)
I(e)(0)

.
The intensity of the radiation from the surface of

star can be written [20] as

I(e)(l) = a + b cos(β(l)), (28)

where a and b depend on the details of the emission
process. In this work, we calculate two extreme cases:
(A) a 6= 0, b = 0, and (B) a = 0, b 6= 0.

4. Flash from a collapsing surface

To illustrate the obtained results, we consider now
special examples. As a first example, we consider a
neutron star which looses its stability. In this case an
initial radius R0 is RNS = 12−20 km and the mass is
of order of M ∼ 1.5M¯ [21], and hence R0/M = 5.4−
9. Another example is a proto neutron star RPNS ∼
20 km and M ∼ 1.5M¯ [1]. In this case R0/M = 9. In
this section, we discuss in detail two cases with initial
radii: R0 = 5.4M and R0 = 9M .

For a freely falling surface with R0 = 5.4M , the
turning point rt on the trajectory of a backward ray
lies within the valid range of the analytic approxima-
tion, rt > 4.5M , provided Re ≥ 4.8M . In accordance
with this we choose Re = 4.8M (case I).

For a freely falling surface with R0 = 9M , the ana-
lytic approximation can be applied to the emission at
Re ≥ 5.5M . In this case we calculate a bending angle,
redshift and a fluxes registered by a distant observer

for the following 3 values of Re/M = 5.5, 6.5, 7.5
(cases IIa, IIb, and IIc, respectively).

The maximum arrival time difference is assigned for
the backward ray emitted with an impact parameter
lT , and it is

∆tmax = ∆t−(lT ; τe, τe) = 2T (lT , rt)− T (lT , Re),

+2Re − 2rt + 4M ln
(Re − 2M)
(rt − 2M)

. (29)

In the case I, for R0/M = 5.4 and Re/M = 4.8,
the time delay is calculated is ∆tmax/M = 13.8. In
the case II, for R0/M = 9 the time delay for different
values of Re is given in the Table.

Time delay for R0/M = 9

Case IIa IIb IIc

Re/M 5.5 6.5 7.5

∆tmax/M 16.9 15.4 14.4

In what follows it is convenient to use a normalized
arrival time difference defined as δ ≡ ∆t/∆tmax. We
shall call this quantity the time parameter. The time
parameter is always changes in the interval [0, 1]. The
time parameter for forwardly emitted light increases
as l increases from l = 0 to lmax. The backward emis-
sion starts with lmax and ends at lT and the time
parameter for a backward emission is increasing as l
changes from lmax to lT .

The bending angle as a function of the time pa-
rameter is a monotonously increasing function. The
smaller is Re/M , the faster is the radial motion of the
radiating surface, and the larger is the observed region
with the backward emission. As a result the range of
bending angle for smaller values of Re/M becomes
larger for a given R0.

The frequency observed at infinity is different from
the frequency at emission because of two reasons: (1)
Difference of the gravitational potential at the point
of emission and observation, (gravitational redshift),
and (2) The velocity of the emitting surface (Doppler
shift). The photons emitted from the surface of Re ex-
perience the same gravitational redshift independent
of their angular positions (bending angle) of emission.
However Doppler shift depends on the relative velocity
of the surface of emission with respect to the distant
observer, and hence it depends on the bending angle
(or the impact parameter l). Since the arrival time de-
pends on the impact parameter as well, the frequency
shift then can be plotted as a function of the arrival
time. The calculated ratio of emitted frequency to the
observed one, Φ, for a short flash as a function of the
time parameter δ is shown in Fig. 1. Three curves
which meet one another at δ = 1 correspond to the
three cases IIa,b,c. The forth curve corresponds to
the case I.

It is interesting that the redshift due to the gravity
is substantially cancelled by the Doppler shift for the
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Figure 1: Redshift factor for a freely collapsing surface as
a function of the time parameter δ for the cases I, and
IIa,b,c [22].

tangentially emitted light. For a free fall from the ra-
dius R0 one has ΦT = 1√

1−2M/R0
. It means that for

the “last rays” (that is for rays with l = lT ), the red-
shift depends only on the initial radius R0 and does
not depend on the radius of emission Re. For this
reason the three curves IIa,b,c in Fig. 1 merge at the
same value 3/

√
7 ≈ 1.134 at δ = 1 (that is for l = lT ).

Relation (4) also shows that for R0 = ∞ the gravi-
tational redshift is exactly cancelled by the Doppler
shift [8].

Since for direct radial rays (l = 0) both effects
“work” in the same direction, one can expect that
for a given R0 the redshift will be larger for smaller
values of Re. The Fig. 1 clearly demonstrates this.

5. Light curves

Let us discuss now normalized flux as a function
of the time parameter δ. We call the corresponding
graph a light curve.

For the case II (R0 = 9M) the light curves for A
and B type of the radiating surface are shown in Fig. 2
and Fig. 3, respectively. Each of the figures contains
3 curves corresponding to IIa,b,c cases.

Let us discuss now qualitative behavior of the light
curves. The observed normalized flux F(t) is a prod-
uct of 3 factors: (1) a kinematic term We(t)/W0, (2)
a redshift factor (Φe(t)/Φ0)−4, and (3) a normalized
intensity of the emission I. The third factor depends
on the model of the radiating surface and it does not
depend on the arrival time. The first two factors are
time dependent. The arrival time dependence of We

is essentially determined by the factor of |Z − σvi| ,
which is a decreasing function of δ and vanishes for

IIc

IIb

IIa

0

0.2

0.4

0.6

0.8

1

F

0.2 0.4 0.6 0.8 1

δ

Figure 2: Light curves for I = 1 for the cases IIa,b,c[22].

IIc

IIb

IIa

0

0.2

0.4

0.6

0.8

1

F

0.2 0.4 0.6 0.8 1

δ

Figure 3: Light curves for I = cos β(l) for the cases
IIa,b,c[22].

δ = 1. Hence every light curves should cross the zero-
flux axis at δ = 1. For a static surface vi = 0 and Z
(and hence We(t)) vanishes at δ = 1, where l = lmax.
For a collapsing surface vi < 0 and the observable
flux vanishes not for lmax (where Z = 0) but for the
backward emission with l = lT . Hence one can expect
longer duration of observed flux for the emission from
a collapsing surface compared to the emission from a
static surface. The effect of motion of the collapsing
surface becomes stronger for larger vi. For example
for a given R0 = 9M , ∆tmax is calculated to be larger
for smaller Re for which vi is larger (see Table).

The redshift factor Φ depends basically on the rel-
ative receding velocity of the emitting region (deter-
mined by the bending angle) with respect to the dis-
tant observer. The relative receding velocity is de-
creasing as the bending angle is increasing. Since the
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arrival time difference becomes larger for a ray with
larger bending angle, one can expect the enhancement
of a factor, Φ−4, for larger δ. The main effect of the
frequency shift for the observed flux due to the collaps-
ing surface is the enhancement of the flux for lately ar-
riving rays. As a result the shape of the light curve for
a collapsing surface is changing from that of a static
surface in such way that the flux decreasing in δ is
delayed and the sharp forward peak at δ = 0 becomes
a rather smooth peak. For sufficiently large collapsing
velocity, for example for R0 = 9M and Re = 5.5M ,
one can observe that position of the peak in the light
curve also changes from δ = 0 to a later arrival time
δ 6= 0 for the isotropic intensity profile(A) as shown
at Fig. (2). The emission angle with respect to the
normal to the surface, β, varies from 0 to π/2 as the
impact parameter l varies from 0 to lmax and fur-
ther to lT . Hence the intensity profile of (B) with
I(e) = b cos(β(l)) suppresses the enhancement due to
the factor Φ−4 for lately arriving rays substantially as
shown in Fig. 3.

Comparison to the light curves from the static sur-
face is in order. Even for a static object the effects of
the General Relativity allows one to ”see” a part of its
opposite side surface. For a collapsing object this ef-
fect is more profound. As a result, the duration of the
flux is elongated. Another difference is that the sharp
decrease in time for the static surface is delayed and
”smoothed out” so that the peak becomes broader.
For a sufficiently large collapsing velocity the peak
position can even be shifted to δ > 0. We demon-
strated these features by considering two examples of
collapses starting at R0 = 5.4M and R0 = 9M .

Though in this paper we focused on a model of brief
in time flash emission, some of its results (improved
analytic approximation) might be of the interest for
other astrophysically interesting problems.
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A realistic Equation of State (EOS) leads to strange stars (ReSS) which are compact in the mass radius plot,
close to the Schwarzchild limiting line [1]. We carry out a stability analysis under radial oscillations and compare
with the EOS of other SS models. We �nd that the ReSS is stable and an M-R region can be identi�ed to that
e�ect.

1. Introduction

The radial mode oscillation, being the simplest
mode of neutron star has been considered �rst to be
investigated more than 35 years ago [2]. It can give
information about stability of the stellar object under
consideration.

The radial modes of neutron star have been studied
thoroughly by many authors for cold nuclear matter
EOS [3{7]. With this radial modes have been investi-
gated for other type of star, namely Strange Star [8]
protoneutron star [9], Hybrid Star [10].

We here present our analysis of radial mode oscil-
lation for Realistic Strange Star (ReSS) Equation of
State (EOS).

2. Radial oscillations of a relativistic
star

Thirty �ve years ago Chandrasekhar [2] investigated
these radial modes. Following him we investigate the
same for ReSS.

The spherically symmetric metric is given by the
line element

ds2 = �e2�dt2 + e2�dr2 + r2(d�2 + sin2 �d�2): (1)

Together with the energy-momentum tensor for
a perfect uid, Einstein's �eld equations yield the
Tolman-Oppenheimer-Volko� (TOV) equations which
can be solved if we have an EOS, p(nB) and �(nB).
Given the central density �c, we can arrive at an
M � R curve by solving the TOV. Without disturb-
ing the spherical symmetry of the background we de-
�ne Ær(r; t), a time dependent radial displacement of

a uid element located at the position r in the unper-
turbed model which assumes a harmonic time depen-
dence, as

Ær(r; t) = un(r)e
i!nt: (2)

The dynamical equation governing the stellar pulsa-
tion in its nth normal mode (n = 0, is the fundamental
mode) has the Sturm-Liouville's form (for details, see
[11]).

P (r)
d2un(r)

dr2
+
dP

dr

dun

dr
+
�
Q(r) + !2

n
W (r)

�
un(r) = 0;

(3)
where un(r) and !n are the amplitude and frequency
of the nth normal mode, respectively. The functions
P (r), Q(r) and W (r) are expressed in terms of the
equilibrium con�guration of the star and are given by

P (r) =
�p

r2
e�+3� (4)

Q(r) = e�+3�
�

(p0)2

r2(�+ p)
�

4p0

r3
�

8�

r2
(�+ p) p e2�

�

(5)

W =
(�+ p)

r2
e3�+� ; (6)

where the varying adiabatic index � is given by

� =
(�+ p)

p

dp

d�
; (7)
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� and p being the energy density and pressure of
the unperturbed model, respectively. Eigenfrequen-
cies can be obtained with the boundary conditions,

1. at the centre r = 0, Ær = 0 and

2. at the surface Æp = 0 leading to � p u(r)0 = 0,

Since ! is real for !2 > 0, the solution is oscillatory.
However for !2 < 0, the angular frequency ! is imag-
inary, which corresponds to an exponentially growing
solution. This means that for negative values of !2

the radial oscillations are unstable. For a compact
star the fundamental mode !0 becomes imaginary at
some central density �c less than the critical density
�critical for which the total mass M is a maximum.
At �c = �0

c
, !0 vanishes. All higher modes are zero

at even higher central densities. Therefore, the star
is unstable for central densities greater than �0

c
. To

illustrate, we plot the eigen frequencies !n against �c,
the central density in Fig. 1. The fundamental fre-
quency !0 does vanish at some �0

c
while the higher

modes remain nonzero.
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Figure 1: Angular frequency of three di�erent modes
against central density for SS1.

Numerical values of masses, radii, central densities
and the corresponding eigen frequencies !0, !1 and
!2 are given in Tables I and II for EOS1 and EOS3
respectively (SS1 and SS2 of Dey et al. 1998). Tables
III and IV are for the bag model EOS with di�erent
parameters.

3. Discussions and summary

ReSS are stable against radial oscillations close to
the maximum attainable mass. For example, the EOS
of SS1 sustains gravitationally, Mmax � 1:4M�, R=7
km with a central number density nc � 16n0. How-
ever, the fundamental frequency of radial oscillations
becomes zero at around nc 9:5 � n0, destabilizing the
star after M=1.36 M� with R= 7.24 km (Table I).
It is still on the dM

dR
> 0 region. Thus the maximum

mass star which is stable against radial oscillations has
a number density � 9:5n0 at the centre and � 4:7n0 at
the surface. Macroscopically, upto this density small
vibrations may be sustained.
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Table I Data for EOS1 (SS1)

�c 10
14

nc=n0 M=M� R !0 103 !1 103 !2 103

g/c.c. km /sec. /sec. /sec.

14.85 5.462 0.407 5.262 90.661 199.957 305.202

15.85 5.798 0.502 5.611 79.884 179.851 275.679

16.85 6.122 0.787 5.940 69.870 162.018 249.011

17.85 6.429 0.893 6.643 47.528 125.267 193.718

18.85 6.735 0.991 6.828 40.784 114.643 178.073

19.85 7.036 1.077 6.970 34.751 105.455 165.102

20.85 7.321 1.133 7.050 30.694 99.662 156.925

21.85 7.605 1.182 7.113 26.848 94.509 149.451

22.85 7.886 1.226 7.161 23.077 89.825 142.620

23.85 8.159 1.261 7.193 19.749 86.070 137.200

24.85 8.427 1.288 7.214 16.693 83.005 132.804

25.85 8.692 1.312 7.228 13.435 80.192 128.753

26.85 8.955 1.333 7.236 9.648 77.588 135.005

27.85 9.212 1.349 7.240 4.943 75.483 122.982

28.85 9.466 1.363 7.240 5:899 73.592 119.295

30.85 9.969 1.381 7.235 � 70.168 114.425

35.85 11.176 1.417 7.194 � 64.144 105.945

40.85 12.333 1.433 7.130 � 59.935 100.169

46.85 13.669 1.437 7.055 � 56.349 95.361

Table II Data for EOS3 (SS2)

�c 10
14

nc=n0 M=M� R !0 103 !1 103 !2 103

g/c.c. km /sec. /sec. /sec.

17.17 6.067 0.423 5.070 86.879 195.416 299.090

18.17 6.382 0.539 5.460 74.016 172.966 264.894

19.17 6.695 0.659 5.794 63.013 153.699 236.761

20.17 7.006 0.781 6.078 53.079 136.745 212.463

21.17 7.298 0.855 6.227 47.332 127.643 199.063

22.17 7.588 0.923 6.351 42.074 119.663 186.932

23.17 7.876 0.986 6.453 37.131 112.402 176.070

24.17 8.156 1.036 6.524 33.069 106.694 167.790

25.17 8.428 1.075 6.575 29.646 102.152 161.274

26.17 8.699 1.110 6.615 26.321 98.030 155.270

27.17 8.967 1.142 6.647 22.992 94.193 149.689

28.17 9.227 1.167 6.667 20.163 91.206 145.298

29.17 9.485 1.188 6.682 17.335 88.518 141.539

30.17 9.741 1.207 6.693 14.307 86.006 137.932

31.17 9.994 1.224 6.691 10.827 83.642 134.554

32.17 10.242 1.237 6.702 6.982 81.741 131.825

33.17 10.488 1.249 6.703 3:351 79.959 129.293

35.17 10.974 1.270 6.698 � 76.694 124.666

40.17 12.148 1.301 6.650 � 70.680 116.215

45.17 13.278 1.316 6.622 � 66.380 110.292

50.17 14.371 1.323 6.573 � 63.141 105.918

55.17 15.537 1.325 6.518 � 60.616 102.546
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Table III Data for bag model with B=60 & ms=150

�c 10
14

nc=n0 M=M� R !0 103 !1 103 !2 103

g/c.c. km /sec. /sec. /sec.

6.20 2.421 0.691 8.549 38.964 92.549 142.426

7.20 2.778 1.019 9.544 27.409 73.557 114.644

8.20 3.122 1.240 10.021 20.733 63.870 100.636

9.20 3.454 1.393 10.263 15.915 57.854 92.024

10.20 3.776 1.501 10.393 11.910 53.693 86.161

11.20 4.089 1.581 10.452 7.900 50.628 81.883

12.20 4.396 1.639 10.469 2.159 48.272 78.626

13.20 4.695 1.683 10.462 6:156 46.395 76.048

15.20 5.277 1.741 10.405 � 43.526 72.203

17.20 5.839 1.775 10.321 � 41.429 69.514

23.70 7.560 1.805 10.012 � 37.316 64.404

Table IV Data for bag model with B=75 & ms=150

�c 10
14

nc=n0 M=M� R !0 103 !1 103 !2 103

g/c.c. km /sec. /sec. /sec.

9.83 3.573 1.072 8.923 24.809 73.494 115.482

10.83 3.892 1.198 9.148 20.030 67.175 106.403

11.83 4.203 1.293 9.281 16.097 62.623 99.944

12.83 4.506 1.366 9.356 12.565 59.194 95.089

13.83 4.804 1.422 9.396 9.063 56.480 91.314

14.83 5.095 1.467 9.412 4.502 54.280 88.272

15.83 5.318 1.502 9.411 4:887 52.470 85.769

20.83 6.748 1.594 9.294 � 46.505 77.834

25.83 8.031 1.622 9.123 � 43.109 73.610

28.83 8.769 1.626 9.020 � 41.638 71.868
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Monte Carlo Simulator to Study High Mass X-ray Binary System
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M. Ishida, Y. Ishisaki
Tokyo Metropolitan Univ., Hachioji, Tokyo 192-0397, Japan
T. Kohmura
Kougakuin Univ., Hachioji, Tokyo 192-001, Japan
F. Paerels
Columbia Univ., New York, NY 10027, USA

We have developed a Monte Carlo simulator for astrophysical objects, which incorporate the transportation of
X-ray photons in photoionized plasma. We applied the code to X-ray spectra of high mass X-ray binaries, Vela
X-1 and GX 301-2, obtained with Chandra HETGS. By utilizing the simulator, we have successfully reproduced
many emission lines observed from Vela X-1. The ionization structure and the matter distribution in the Vela
X-1 system are deduced. For GX 301−2, we have derived the physical parameters of material surrounding the
neutron star from fully resolved shape of the Compton shoulder in the iron Kα line.

1. Introduction

The grating spectrometers on-board Chandra and
XMM-Newton have provided the high-resolution X-
ray spectra of astrophysical sources. They have re-
solved forests of X-ray emission lines, Doppler shifted
emission/absorption lines and distinguishing line pro-
files like Compton shoulders. The analysis of these
features provides unambiguous information on physi-
cal conditions in astrophysical sources.

The high mass X-ray binaries’ (HMXBs’) spectra
obtained with Chandra High Energy Transmission
Grating Spectrometer (HETGS) are shown in Figure 1
and Figure 2. Figure 1 shows a spectrum of Vela X-
1, in which many emission lines are clearly resolved.
The evidence of the plasma driven through photoion-
ization is detected. Fluxes of all emission lines, in-
cluding lines from highly ionized ions, are precisely
measured. In addition, the Doppler shifts of the emis-
sion lines from H-/He-like ions are measured with an
accuracy of ∼ 100 km s−1 [1]. A spectrum of another
HMXB, GX 301−2 is shown in Figure 2. A Compton
shoulder is detected in the spectrum of the iron Kα
line [2]. In order to reproduce such spectra, models
based on simple assumptions (symmetrical geometry,
uniform density, uniform ionization structure, single
interaction and so on) are not enough.

In this paper, we report about a newly developed
Monte Carlo simulator, and introduce examples of its
application to observed data. More detailed results of
the analyses with the simulator are described in other
papers [1, 2]

2. Monte Carlo Simulator for High Mass
X-ray Binary

In order to understand physical phenomena in pho-
toionized plasmas from precise measured X-ray spec-
trum, we have developed a Monte Carlo simulator.
First, we describe a fully three dimensional geome-
try, including a matter distribution and an ioniza-
tion structure. We start the simulation with an X-
ray photon. The incident photon interacts with the
matter and sometimes generates secondary photons.
In the simulation, the incident and all other photons
produced by interactions are tracked until they ei-
ther completely escape the simulation space or are
destroyed by some physical processes. The emer-
gent photons are then selected under some conditions
which depend on the analysis, and the energy distri-
bution of the selected photons are histogrammed to
produced a spectrum. And then, we compare the sim-
ulated spectrum with the observed spectrum.

In our simulator, Geant4 [3] is used as the Monte
Carlo engine. Geant 4 is a toolkit for the simulation of
the passage of particles through matter, and is mainly
applied to particle detector simulations. In order to
deal with large scale geometries like astrophysical ob-
jects and ionized materials in plasmas, we expand the
functions of the geometry and the material in Geant4.

A physical process code plays an important role in
Monte Carlo simulations. We have developed an orig-
inal code for physical processes in photoionized plas-
mas. We account for photoionization, photoexcitation
and Compton scattering as for physical processes of X-
ray photons. The code is constructed on the premise
that photoionization equilibrium is established locally
everywhere in the plasma. Therefore, if photoioniza-
tion take place in the simulation, radiative recombi-
nation and radiative transitions to the ground level
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Figure 1: Vela X-1 X-ray spectrum during orbital phase 0.50 obtained with Chandra HETGS. The red line shows the
spectrum with Medium Energy Grating (MEG), and, the blue one shows the spectrum with High Energy Grating
(HEG). Many emission lines result from a photoionized plasma.

Figure 2: GX 301−2 X-ray spectrum obtained with
Chandra HETGS. Blown-up of the iron Kα spectrum is
also shown. A Compton shoulder is clearly seen in the
low energy side of the iron Kα line.

always follow, or fluorescent emissions are induced at
the same place, and then, X-ray photons with appro-
priate energies are generated. In this way, the recom-
bination rate equals with the photoionization rate lo-
cally. In the case of photoexcitation, the ion in an
excited state produces an X-ray photons by one or
more transitions that eventually lead to the ground
level. Various emission lines arise as results of such
photoionization and photoexcitation.

The cross sections of photoionization and emis-
sion line probabilities from recombination cascades
are needed for photoionization codes. Transition en-
ergies, oscillator strengths, radiative decay rates and
line emission probabilities for each excited level to
the ground level are required for the photoexcitation
codes. We look up a table generated with the Flexible
Atomic Code (FAC) [4]. The table is used in our code
to handle physical processes.

We took Doppler shifts into account for all of the
physical processes. When a photon comes into a re-
gion, we calculate cross sections of all physical pro-
cesses from the photon energy in the co-moving frame.
Then, if a physical process is selected and any sec-

ondary photons are generated, energies and directions
of the photons are converted to the rest frame.

3. Application to the observed data

3.1. Photoionized Stellar Wind in Vela X-1

The emission lines we detected from Vela X-1 are
interpreted as due to emission from the stellar wind of
the companion star, which is photoionized by the X-
ray radiation from the neutron star. In this case, the
spectrum emerged from the binary system is the result
of the propagation of X-rays through the photoion-
ized stellar wind. Line emission, presumably due to
processes, such as photoionization, recombination and
fluorescence, are controlled by the ionization structure
and the density distribution of the gas in the stellar
wind. Therefore, by simulating X-ray propagations in
photoionized plasmas, we try to obtain an important
clue to addressing the questions about how the pho-
toionized plasma is distributed spatially in the stellar
wind and how the distributions can affect the nature
of the X-ray emission observed.

First, we calculate an ionization structure of a stel-
lar wind. The ionization structure is determined by
the matter distribution of the stellar wind and the
spectral shape and the luminosity of the X-ray source.
We assume that the velocity structure of the stellar
wind is represented by the formulation of the CAK-
model [5]. The approximate formula is given as:

v(r) = v∞

(

1 −
R∗

r

)β

, (1)

for a given distance r from the center of the star, where
R∗ is the stellar radius and v∞ is the terminal veloc-
ity. We use the 1100 km s−1 terminal velocity of the
stellar wind is given from the results of ultra-violet
observations and the fixed β of 0.80 as expected from
the assumption by [6]. Given the velocity profile, the
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wind density can be calculated by applying the equa-
tion of mass continuity, assuming spherical symmetry:

n(r) =
Ṁ∗

4πµmpv(r)r2
, (2)

where Ṁ∗ is the mass loss rate of the companion star
and µ is the gas mass per hydrogen atom, and µ = 1.3
for cosmic chemical abundances. The spectral shape
and luminosity of the X-ray source were determined
from the X-ray observations. Therefore, once the mass
loss rate is provided, the ionization structure of the
stellar wind is obtained.

For the obtained ionization structure, a model spec-
trum can be calculated by the Monte Carlo simula-
tion. And then, we compare the emission lines of the
model spectrum with the results obtained from the
actual observation. By varying the mass loss rate, we
try to find the model which reproduces the observed
spectrum.

Figure 3 shows the Vela X-1 spectra obtained from
the observations and the model from the Monte Carlo
simulation. The mass loss rate of the companion star
used in the simulation is 1.5 × 10−6 M� yr−1. The
upper and the lower panels show the spectra during
the eclipse orbital phase and the opposite phase, re-
spectively. The stellar wind with the mass loss rate
reproduces the observed X-ray spectra at different or-
bital phases very well.

By obtaining the model which can explain the
observed spectra, we can understand the ionization
structure in the Vela X-1 binary system. The ioniza-
tion structure of the stellar wind is shown in Figure 4.
The map shows the sum density of H- and H-like ions
of Ne, Mg and Si. In the region between the neutron
star and the companion star, both the photoioniza-
tion rate and the recombination rate are high, and
line X-rays from highly ionized ions are produced at
high rates.

3.2. Compton Shoulder of Iron Kα Line in
GX 301−2 Spectrum

The Compton shoulder detected in the GX 301−2
spectrum can be used to infer various physical pa-
rameters that characterize the scattering medium. In
order to obtained some quantitative information from
the spectra, we performed Monte Carlo simulations.
We assume a spherical cloud with an uniform density
and an X-ray continuum source at the center of the
cloud. We account for photoionization and subsequent
fluorescent emission, as well as Compton scattering by
free electrons. The angular dependence of the Comp-
ton scattering cross section is fully accounted for and
are the electrons are assumed to have a Maxwellian
energy distribution.

Figure 5 shows some of the results from the simu-
lations for the iron fluorescent line and its Compton

shoulder with varying hydrogen column density (NH)
and electron temperature (kTe). The iron Kα1 and
Kα2 photons are assumed to be distributed accord-
ing to the K-shell photoionization rate at each radius
from the central continuum source. The power-law
photon index is assumed to be Γ = 1.0. In the up-
per panels of Figure 5, one can see an increase in the
scattered flux relative to the narrow line flux as NH

is increased. The lower panels of Figure 5 show the
temperature dependence of the shape of the Compton
shoulder. More smearing is seen at higher kTe. Pho-
tons between 6.24 keV and 6.40 keV are due primarily
to single-scattered photons, and the component below
6.24 keV result from multiple-scattering, which are
important even at moderate optical depths.

Figure 6 shows two spectra of the iron Kα region
(6.0–6.6 keV). One is the spectrum during the first
half of the observation, and the other is that during
the second half. Each exposure time is 20 ks. Changes
in the shape of the Compton shoulder, as well as in
the shoulder flux relative to the unscattered line flux,
can be seen between the two spectra.

For the two spectra, we performed spectral fits
based on the simulation. Models of the spectral fits
were generated from the results of the simulations.
The parameters of the model are NH and kTe.

The best-fit models are shown by the lines superim-
posed on the data in Figure 6. The derived values of
NH are 12.0+3.5

−1.3 × 1023 cm−2 and 8.5+2.3
−1.4 × 1023 cm−2

for the first and the second halves, respectively. The
difference in the observed Compton profile can be de-
scribed by a change in the column density, which re-
sults in a variation in the number-of-scatterings dis-
tribution even at these moderate optical depths. We
have also obtained upper-limits (90 % confidence lev-
els) to kTe of < 3.4 eV and < 0.6 eV for the first- and
second-half spectra, respectively. The detected angu-
lar Compton shoulders are evidences that a cold cloud
surrounds the X-ray source.
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Phase 0.50

Figure 3: Vela X-1 spectra obtained with Chandra MEG. The upper panel shows the spectrum during the eclipse, and
the lower shows the spectrum in the phase 0.50. The lines are the model from the Monte Carlo simulation. In the
simulation, the stellar wind profile is represented by the CAK-model with the companion star mass loss rate of
1.5 × 10−6 M� yr−1 and the terminal velocity of 1100 km s−1.

Companion Star

Neutron Star

Emission Region
of lines from highly
ionized ions

[1012 cm]

[1
01
2 c
m
]

Figure 4: Map of the density of highly ionized ions. The sum of H- and He-like ions of Ne, Mg and Si is shown.

[6] A. Pauldrach, J. Puls, & R.P. Kudritzki,
“Radiation-driven winds of hot luminous stars -
Improvements of the theory and first results”,

A&A, 164, 86, 1986

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2324



0 eV 1 eV 2 eV 5 eV

2x1023cm–2 5x1023cm–2 1x1024cm–2 2x1024cm–2

Figure 5: Dependence of the iron Kα line profile on the hydrogen column density (NH) and the electron temperature
(kTe). The upper panels show the variation of the iron Kα line and its shoulder as a function of NH for a fixed kTe at
0 eV. The lower panels show the variation as a function of kTe between 0 and 5 eV for a fixed NH at 1 × 1024 cm−2.

Figure 6: Spectra of the iron Kα region (6.0–6.6 keV). The spectra for the first and the second halves of the
observation are shown in the left and the right panels, respectively. Superposed on the data in lines are the best-fit
Monte Carlo models.
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Evidence for a New Source of TeV Gamma Rays from Angular
Correlation Studies of the Milagro and Tibet Northern Sky Surveys
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We have examined the directional cross-correlation of statistical “hot-spots” between a Northern Sky TeV
Gamma Ray Survey by the Milagro Observatory and a similar survey by the Tibet Array. We find the directions
of these hot-spots are angularly uncorrelated between the two surveys for large angular separations (∆θ >

4◦), but there appears to be a statistically significant correlation between hot-spot directions for ∆θ < 1.5◦.
Independent simulations indicate the chance probability for the occurrence of this correlation is approximately
10−4, implying the existence of one or more previously unobserved TeV gamma-ray sources in these directions.
The data sets are consistent with both point-like sources or diffuse sources with extent of 1◦-2◦. The source
may be steady or may be time-episodic, and could also possess a non-conventional gamma-ray energy spectrum
above 1-2 TeV.

1. Introduction

The field of TeV γ-ray astronomy has recently
reached maturity with the advent of the second gen-
eration of imaging atmospheric Cherenkov telescopes
(IACT). Namely, the HESS observatory, which has
been completed, and the VERITAS and MAGIC ob-
servatories, which are near completion. However, still
lacking from the field is a wide field of view instrument
that has comparable sensitivity to the IACTs.

IACT instruments are well suited for the observa-
tion of point sources that have a steady γ-ray flux.
However, due to there small field of view and low duty
cycle, they are not well suited for observing transient
sources (GRBs) and extended sources (the Galactic
Plane and Giant Molecular Clouds). Observations of
extended sources can easily be done by large field of
view instruments, but these instruments don’t have
the sensitivity of the IACTs. As such, one may infer
the existence of sources by searching for evidence of
angular correlation in the all sky surveys performed
by these wide field of view detectors. If sources exist
at flux levels below the detection threshold, than there
may appear correlations in the location of statistical
“hot-spots”. We have carried out such an analysis us-
ing published data from the Milagro observatory and
the Tibet Air Shower array.

The Milagro observatory and the Tibet Air Shower
array are wide field of view TeV γ-ray (1 TeV =
1012 eV) observatories that are capable of monitor-
ing the northern hemisphere sky on both long and
short timescales. The Tibet and Milagro detectors
have similar exposures and angular resolutions (≤ 1◦)
as verified by moon shadow analysis [7, 23]. Based
on the moon shadow analysis Tibet reports a sys-
tematic pointing error of 0.1◦ while Milagro reports
an overall angular resolution of 0.75◦ including point-
ing errors. Recent Tibet [6, 13] and Milagro [9]
northern-hemisphere sky surveys have detected sta-

tistical ‘hot-spots’ where excessive numbers of cosmic-
rays (> 4σ above expected background level) appear
to be concentrated from specific directions. Two of
these hot-spots are identified with well known TeV
sources [5, 8, 10]. In each sky survey, the remaining
hot-spots are consistent with random statistical fluc-
tuations in the cosmic ray background rate in each
direction. However, if real TeV γ-ray sources exist
with fluxes just below the sensitivity of these obser-
vatories, then one may expect to see angular correla-
tion between the directions of the Milagro sky-survey
hot-spots and the Tibet sky survey hot-spots, with an
angular correlation distance equal to a convolution of
the angular resolution functions of the two detectors.
This may be complicated by pointing errors for weak
point sources and detector systematics. Furthermore,
it is unclear what angular correlation to expect for a
diffuse TeV γ-ray emission region.

2. The All Sky Surveys

Milagro and Tibet have both conducted all sky sur-
veys of the northern sky by plotting the arrival di-
rection of γ-rays and cosmic rays in right ascension
(RA) and declination (δ). With this data a binned
all sky map is formed and the number of events in
each bin is counted. Once the bin content is known
the background can be estimated and the statistical
significance of the bin can be found.

In the the Tibet survey that background was de-
termined by the equi-declination method [6]. This
method assumes that the background in the same δ
band as the source, constitutes a smooth background
in RA. Therefore, the background (Noff ) in the on
source bin can be estimated by a smooth fit to the off
source bins in the same δ band. The Tibet analysis,
this fit was done by χ2 minimization to a second order
polynomial.
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The Milagro analysis uses a more robust method
known as direct integration to estimate the back-
ground [4, 10, 19]. The two assumption of direct in-
tegration are that cosmic rays form an isotropic back-
ground, and that the acceptance of the detector is
independent of trigger rate over some time period (in
Milagro the time period used was two hours). The
expected background in the bin (Nexp) is then given
by

Nexp[RA, δ] =

∫ ∫

E(HA, δ)R(t)ε(HA, RA, t)dtdΩ.

(1)
The E(HA,δ) term is the acceptance of the detector in
local coordinates (HA and δ), R(t) is the trigger rate
over some time window (in the case of [9] the window
is two hours), and ε(HA, RA, t) is a mapping function
between local coordinates and celestial coordinates as
a function of time.

Once the expected background is known and the
number of observed events is known, the significance
of the observation can be computed. The Milagro
survey used the method of Li and Ma [17], while the
Tibet survey reported its significance according to

Sσ =
Non − Noff/m
√

Noff/m
. (2)

Where Non, and Noff are the observed number of sig-
nal events and the estimated number of background
events, and m is the ratio of exposures to the off
source bins to the on source bins. Due to statisti-
cal fluctuations in the observed number of events one
would expect a normal distribution of significance over
the whole sky. Any positive significance cannot be
claimed as an observation unless it is in excess of the
expected distribution. Excluding known sources from
the distribution no statistically significant excess were
found in the surveys.

The Tibet 2001 sky survey analysis [6] found 18 hot-
spots (above 4σ) which are un-associated with any
known TeV γ-ray source. The Tibet 2003 sky survey
[13] found 21 hot spots which are un-associated with
known TeV γ-ray sources, but only report the direc-
tions of three of these hot-spots in their paper. In each
Tibet survey a different non-overlapping data set was
used. Thus the two Tibet surveys should be indepen-
dent of each other. The Milagro analysis [9] reports
the directions of 9 unidentified hot-spots. Off these
hot spots, we found three pairs with close proximity
to each other. Listed in table 1 are the locations of
these pairs denoted as A,B,and C.

3. Angular Correlation between Milagro
Hot Spots and Tibet Hot Spots

As the Tibet 2003 survey only reported a partial
list of hot spots, we were unable to do a full compar-

Table I Co-located hot-spots from Milagro[9], Tibet

2001[6] and Tibet 2003[13]. The last column shows the

upper limits determined by the Milagro group in Crab

units. The Tibet 2001 and the Tibet 2003 analyses did

not report upper limits.

Pair Survey RA δ σ Flux Limits

A Mil. 306.6 38.9 4.2 0.78

B Mil. 313.0 32.2 4.5 0.85

C Mil. 356.4 29.5 4.1 0.84

A Tib. 03 304.15 36.45 4.0 NA

A Tib. 01 305.4 37.9 4.15 NA

B Tib. 01 313.5 32.4 4.27 NA

C Tib. 01 358.0 30.1 4.10 NA

ison with the 2003 survey. To investigate the corre-
lation between the two surveys (the Milagro and the
Tibet 2001) we populated a histogram with the an-
gular separation of each pair of hot spots in the two
surveys. This is the measured angular correlation. To
determine the expected angular correlation between
the two surveys, under the assumption that all of the
hot spots were due to statistical fluctuations, we pop-
ulated the region of the sky in each survey, with back-
ground events drawn from a uniform distribution in
RA and a cos(δ − latitude) distribution in δ. Here
latitude is the specific latitude for each observatory,
and δ reflects the range of declination field of view
of each observatory. In general the distribution of
excesses in the sky should be independent of the re-
gion of the sky (assuming the significance is calculated
correctly). Once the sky was populated the data was
binned in a manner consistent with the technique used
by each survey.

To estimate the background in each bin the average
number of events was used, as determined by aver-
aging over 20 bins in the same δ band. The signifi-
cance of each bin was then calculated according the
the methods described in section 2. Once this was
completed, a list of bins with an excess greater than
4σ was made for both the Tibet sky and the Mila-
gro sky. We then computed the angular separation
between each hot spot in the Milagro sky and each
hot spot in the Tibet sky. This process was repeated
100,000 times. Figure 1 shows the average number
of hot spot pairs as a function of angular separation
between them as well as the observed correlation.

For large angular separations (∆θ > 4◦) the mea-
sured and simulated correlation distributions are in
reasonable agreement. At small angular separations
(∆θ < 2◦), there is a statistically significant devia-
tion from the expected angular correlation distribu-
tion for uncorrelated pairs. Three correlated pairs
are found, whereas approximately 0.1 are expected.
Each of these pairs is found to have angular separation
≤ 1.5◦ between the correlated hot-spots, consistent
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Figure 1: The number of correlated pairs observed in the Tibet 2001 and Milagro surveys (black bars). The expected

number of correlated pairs as determined by simulation is shown in red.

with expectations from the combined angular resolu-
tion between the two detectors. Figure 2 shows the
integral Poisson probability for finding the observed
number of correlations, given the mean value from the
simulation.

The probability for finding 3 hot-spot pairs (within
1.5◦) between the two surveys can be estimated by
placing the 18 Tibet 2001 locations and the 9 Mila-
gro locations randomly and uniformly across the sky
in the δ region used in each sky survey. These sim-
ulated distributions are then searched for coincident
hot-spots and the probability of having N hot-spot
correlations with ∆θ < 1.5◦ is compiled from the frac-
tion of simulations which yield N correlated hot-spot
pairs. (Method 1). This is a reasonable approxima-
tion because the distribution of hot-spots is found to
be relatively uniform across the observatory’s field of
view in both measured sky survey distributions as well
as the above uncorrelated pair angular correlation dis-
tribution simulations.

The more extensive angular correlation distribution
simulations can also be used to independently calcu-
late the probability of observing N hot-spot correla-
tions with ∆θ < 1.5◦ from the fraction of simulations
which yield N correlated hot-spot pairs. (Method 2).
The results of our these calculations for both meth-
ods are presented in Table 2. The calculations of both
methods are consistent with each other and indicate

Table II Chance probability of obtaining N pairs of hot

spots with an angular separation less the 1.5◦.

N Method 1 Method 2

0 94.5% 96.1%

1 5.4% 3.7%

2 0.1% 0.16%

3 0.003% 0.011%

that the chance probability of finding 3 uncorrelated
hot-spot pairs (within 1.5◦) between the two surveys
is small. The Monte Carlo method employed in our
analysis takes into account all statistical trials factors
except for that associated with the correlation dis-
tance 1.5◦. We did not examine correlations on dif-
ferent length scales, but it is important to note from
figure 1 that this result is relatively independent of any
reasonable choice of the correlation distance between
1.5◦ and 4◦. This would indicate a trials factor for the
angular correlation distance of order of magnitude 1.

4. Results and Discussion

Of the three regions of correlation pair A is perhaps
the most interesting of the three. More discussion
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Figure 2: Integral Poisson probability for obtaining the observed number of pairs given the mean expected number of

pairs (as determined by simulation) as a function of angular separation. The small probability of observing three pairs

at an angular separation of 1.5◦. is an indication that unknown sources may exist in surveys

on the other pairs can be found elsewhere [26]. This
pair is in a very dense region of the Cygnus Arm and
has relatively close proximity to Cygnus OB2 and the
unidentified γ-ray source TeV2032 [1] (RA = 308.05,
δ = 41.52). Although it is certainly possible that no
γ-ray source exists at this location, more recent re-
sults from the Milagro observatory seem to indicate
the presence of a DC γ-ray source of diffuse origin
[24, 25].

4.1. Diffuse γ-ray Emission

It has long been proposed that diffuse γ-rays should
be produced by interactions between galactic cos-
mic rays, the galactic plane, and giant molecular
clouds(GMC) [15, 21]. This process is driven by the
production and decay of neutral pions.

p + p → p + p + pions (3)

π0 → γ + γ (4)

Although other channels can contribute, the pion pro-
duction is the main source of γ-rays from hadronic in-
teractions. In addition to this there could also exist
contributions from cosmic ray electrons [12, 22] by the
usual methods [11].

Observations by OSO 3[16], SAS 2[14], and COS
B[18] show correlation between the spacial structure
of the galactic plane and γ-ray emission. More recent
observations by EGRET seem have been compared

with model predictions and seem to agree surprisingly
well between 100 MeV and 1 GeV. At higher energies
above 1 GeV there is almost 40% excess in the γ-ray
flux (it should be noted that this '40% seems to be a
moving target). Above 1 GeV the expected contribu-
tion to the total flux by neutral pions is roughly 90%
and 10% for electrons [20].

In the case of diffuse emission from GMC there
are two main sources of the emission (assuming it
is hadronic in origin). First the population of cos-
mic rays could be identical to the average cosmic ray
population that we observe locally. In this case the
spectrum of the γ-ray emission, once above threshold,
should follow the soft cosmic ray spectrum. This is
a two-fold problem. First the γ-ray emission scales
linearly with local intensity of galactic cosmic rays.
Thus the emission would be relatively small due to the
low flux of cosmic rays. Calculations by Aharonian[2]
place the flux from galactic cosmic rays at

J(≥) ' 1.5×10−13

(

E

1 TeV

)

−1.75
(

M5

d2

kpc

)

[

ph

cm2 · s

]

(5)
For energies greater than 1 GeV. Where M5 is the
mass of the cloud in units of the mass of the cloud
divided by 105 solar masses and d2

kpc is the distance
to the cloud in kiloparsecs. In equation 5 the angular
extent of the object is considered to point like. This is
obviously not necessarily the case. For larger angular
extents observations from pointed instruments can be
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Figure 3: Predicted γ-ray fluxes from GMC for different values of M5/d2
kpc, assuming the emission is a result of galactic

cosmic rays interacting with the GMC. If the source of cosmic rays is local to the GMC, one may expect a harder

spectrum. The crab flux is also show for comparison.

complicated.
Figure 3 shows the flux from equation 5 for different

values of M5/d2

kpc for small values on the order of
one observations will be difficult due to the low flux.
At larger values M5/d2

kpc > 10 the flux approaches

10% of the crab flux at 1 TeV. These fluxes assume
a continuation of the spectrum to TeV energies. In
addition to this the flux quoted in equation 5 does not
include the additional 10% contribution of cosmic-ray
electron interactions.

While the number of GMC in the galaxy with values
of M5/d2

kpc > 10 are not numerous, observations with
second generation instruments may still be fruitful.

Another scenario, and potentially much more
promising, is that GMC may exist in the vicinity of
cosmic-ray accelerators. Thus, the flux of cosmic rays
impacting the GMC may be much higher than the av-
erage flux and thus the γ-ray flux may be much higher
even for less massive clouds[3]. This scenario has the
possibility of revealing the sources of galactic cosmic
rays. Additionally the flux from such GMC would fol-
low the harder 2.1 spectrum of the input cosmic ray
spectrum. This increases the likelihood of detection.

4.2. Conclusions

The correlation between hot spots in the two sur-
veys imply the existence of at least one new source of
TeV γ-rays. In addition, based on recent observations

my the Milagro group, these sources may be diffuse in
nature and thus difficult to observe with conventional
IACT. Based on the published upper limits for the
Milagro hot-spots the expected flux from these possi-
ble observations must be ∼ 0.8 times the flux from the
Crab Nebula in the TeV range in order to have caused
these fluctuations, and simultaneously avoided strong
direct-detections by the two northern-sky surveys.
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Supporting the GLAST User Community
David L. Band and GLAST Science Support Center
Code 661, NASA/GSFC, Greenbelt, MD 20854

The Gamma-ray Large Area Space Telescope (GLAST) Science Support Center (GSSC) is the scientific commu-
nity’s interface with GLAST. The GSSC will provide data, analysis software and documentation. In addition,
the GSSC will administer the guest investigator program for NASA HQ. Consequently, the GSSC will provide
proposal preparation tools to assist proposers in assessing the feasibility of observing sources of interest.

1. Introduction

The GLAST Science Support Center (GSSC) will
support the scientific community’s analysis of the
GLAST data. Here we describe the data analysis op-
portunities that will be available to the community
through the GSSC’s services. However, first we de-
scribe the mission and its capabilities.

2. GLAST Mission Overview

GLAST is an international and multi-agency space
mission that will study the cosmos in the 10 keV–
300 GeV energy range. The launch is currently sched-
uled for the end of May, 2007, on a Delta II into low
earth orbit (565 km).

The main instrument, the Large Area Telescope
(LAT), will have an effective area (>8000 cm2),
angular resolution (<3.5◦ at 100 MeV, <0.15◦ at
>10 GeV), field-of-view (>2 sr), and deadtime (<100
µs) that will provide a factor of 30 or more advance
in sensitivity compared to previous missions, as well
the capability for studying transient phenomena. The
field-of-view (FOV) of >2 sr is the effective area inte-
grated over the sky divided by the peak effective area;
usable observations can be performed up to ∼70◦ from
the LAT’s axis. The GLAST Burst Monitor (GBM)
will have a FOV larger than that of the LAT and
will provide spectral coverage of gamma-ray bursts ex-
tending from the LAT’s lower limit down to 10 keV.
Although pointed observations will be possible, the
observatory will most likely scan the sky continuously
because of the LAT’s large FOV; this survey mode
is planned for at least GLAST’s first year. In sur-
vey mode the spacecraft’s axis is rocked perpendicu-
lar to the orbital plane once per orbit, achieving near-
uniform exposure every two orbits. Thus in survey
mode the spacecraft’s pointing changes continuously.

2.1. The LAT

A product of a NASA/Department of En-
ergy/international collaboration, the LAT builds on
the success of the Energetic Gamma Ray Experiment
Telescope (EGRET) on the Compton Gamma Ray

Figure 1: GLAST in Orbit. Figure courtesy of SASS, the
spacecraft contractor.

Observatory (CGRO). The PI is P. Michelson (Stan-
ford) and the instrument is managed at the Stanford
Linear Accelerator Center (SLAC). The LAT will be
a pair conversion telescope (see Figure 2): gamma
rays will pair-produce in tungsten foils; silicon strip
detectors will track the resulting pairs; the resulting
particle shower will deposit energy in a CsI calorime-
ter; and an anticoincidence detector will veto the large
flux of charged particles that will also be incident on
the LAT. The anticoincidence detector will be seg-
mented to eliminate the self-vetoing at high energy
that plagued EGRET. The LAT’s outside dimension
will be 1.8m×1.8m×1m, and it will weigh ∼3000 kg.

Astrophysical photons will be only a small fraction
of all the events the LAT will detect, most of which
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Figure 2: Structure of the LAT—the gamma ray
interacts in a tungsten foil which is housed in the
assembly that is shifted up in this cutaway illustration.
The resulting electron-positron pair passes through the
silicon strip detectors interspersed with the tungsten
foils, and the CsI calorimeter (shifted down in this figure)
below the tungsten foils and silicon strip detectors.
Charged particles are vetoed by the anticoincidence
detector, the light grey tiles under the yellow thermal
blanket.

will be charged particles. Therefore, event filtering
on board will reduce the ∼4 kHz detected event rate
to ∼300 Hz that will be telemetered to the ground;
ground processing will identify the true ∼2–3 Hz pho-
ton rate.

The tracks of the particle shower produced by a
photon or cosmic ray interacting in the LAT will be
analyzed by the LAT Instrument and Science Opera-
tions Center (LISOC) located at SLAC, resulting in
a determination of whether the event was a photon,
and a characterization of the event’s arrival time, di-
rection and energy. The list of detected photons is
the primary dataset that will be used for astrophysi-
cal analysis.

2.2. The GBM

A descendant of CGRO’s Burst And Transient
Source Experiment (BATSE), the GBM will detect
gamma-ray bursts and extend GLAST’s burst spec-
tral sensitivity to the <10 keV to >25 MeV band. The
PI is C. Meegan (MSFC) and the co-PI is G. Lichti
(MPE). Consisting of 12 NaI(Tl) (10–1000 keV) and
2 BGO (1–25 MeV) detectors, the GBM will monitor
>8 sr of the sky, including the LAT’s FOV. Bursts will

be localized to 9◦ (1σ, brightest 40% of the bursts) by
comparing the rates in different detectors. The GBM
will trigger if the rates in ≥2 detectors increase simul-
taneously by ≥ 5.5σ. The trigger will use a variety of
energy bands and time windows.

From the GBM’s telemetry the GBM Instrument
Operations Center (GIOC) will produce ‘continuous’
and burst data products. The primary continuous
data are two sets of rates from all the GBM’s detec-
tors with differing temporal and spectral resolution,
regardless of whether a burst was detected. The pri-
mary burst data are lists of the counts in each detector
from the period of the burst. Both the continuous and
burst data products include calibration data, catalogs,
and other ancillary data.

2.3. GLAST Science

GLAST will study a wide range of energetic astro-
physical phenomena. In many cases GLAST will ex-
tend EGRET’s pioneering observations, but we antic-
ipate new phenomena will be revealed. The references
provide an entree into the relevant literature.

Active Galactic Nuclei (AGN)[1, 2] are extremely
energetic sources observed at the center of some galax-
ies; AGN are believed to be powered by accretion onto
super-massive black holes (106–1010 solar masses).
EGRET detected ∼70 AGN whose gamma-ray emis-
sion is believed to be radiated by relativistic jets
pointed in our direction. We expect GLAST will de-
tect several thousand AGN.

Gamma-ray bursts (GRBs)[3] are short, very bright
flashes of gamma-rays followed by fading afterglows
at lower energies (radio, optical and X-ray). EGRET
saw 45 high energy gamma-ray photons (in total) from
several GRBs, including an 18 GeV photon 75 minutes
after a burst.[4] GLAST will determine whether there
are additional spectral and temporal high energy com-
ponents. The synergy between the GBM and the LAT
is crucial for providing spectra over 7 energy decades
and for detecting bursts over a large FOV. GLAST
will repoint autonomously toward strong bursts, keep-
ing them within the LAT FOV for ∼5 hours (except
when the burst location is occulted by the earth). In
addition, GLAST will inform the ground within less
than 10 seconds that a burst has occurred.

The shocks in supernova remnants[5, 6] accelerate
particles that may then radiate gamma-rays. Since
supernova remnants are thought to be the origin of
the primary cosmic ray population below 1015 eV,
gamma-ray observations may increase our under-
standing of the cosmic ray phenomenon and propa-
gation.

Pulsars[7] are spinning magnetized neutron stars
that emit gamma rays when young. EGRET identified
five pulsars, but may have detected a number of others
as point sources without discovering their pulsations.
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GLAST observations should distinguish between two
competing explanations of pulsar high energy emis-
sion: the outer gap[8] and polar cap models.[9]

Gamma rays interact with lower energy photons,
producing electron-positron pairs. Consequently
gamma rays originating at cosmological distances are
attenuated while propagating through the optical-UV
radiation field produced by stars between the source
and us. The energy-dependent attenuation depends
on the density and evolution of the radiation field.
GLAST will observe cutoffs in the spectra of AGN
and GRBs from which the infrared radiation density
can be measured.[10]

The particles that constitute the cosmological dark
matter may annihilate in a cuspy halo around the
Galactic Center, producing a spectral feature that
GLAST might detect.[11]

The interaction of cosmic rays with the interstellar
medium and inverse Compton emission by the cosmic
rays’ electron component result in a diffuse Galactic
emission[12] on top of isotropic diffuse extragalactic
emission thought to be the sum of unresolved AGN
and other components.[13] While this diffuse emission
is a background complicating the detection of point
sources, it is scientifically interesting.

As a result of GLAST’s great increase in sensitivity
over previous missions such as EGRET, we expect to
discover new source classes, and to find that previous
classes consist of subclasses. GLAST should allow the
identification of the 172 unidentified strong sources
in the 3rd EGRET catalog (out of the 271 detected
sources).[7, 14, 15]

3. GLAST Data Policy

During the first year of the mission, LAT data
are proprietary to the instrument team, although in-
formation on detected transients and ∼20 selected
sources will be made public as soon as possible. Dur-
ing this first year the LAT team will calibrate their
instrument and undertake an all-sky survey that will
result in a point source catalog. The catalog will be
updated in subsequent years.

A month after the end of the first year, these LAT
data will become publicly available. Starting the sec-
ond year, all subsequent science data acquired by the
mission will be in the public domain within 24 hours
without a proprietary data period.

GBM data, particularly from bursts, will become
publicly available from the beginning of the mission.

Full details on the GLAST Data Policy will be
included in a public document and will be posted at
http://glast.gsfc.nasa.gov/ssc/data/Data Policy.html.

4. User Support by the GSSC

The GSSC was established at Goddard Space Flight
Center (GSFC) to take advantage of the synergy with
the Office of General Investigator Programs (OGIP)
that runs similar organizations supporting the RXTE,
Swift, XMM-Newton, Integral, and Astro-E2 missions.
The GSSC therefore draws upon the user support ex-
pertise and infrastructure within OGIP. In particular,
OGIP also houses the High Energy Astrophysics Sci-
ence Archive Research Center (HEASARC), NASA’s
archive for high energy astrophysics missions. The
HEASARC maintains a common data storage and
analysis environment for high energy missions, and
will be the ultimate archive of GLAST data after the
mission ends and the GSSC is disbanded. By devel-
oping its database and software systems within the
HEASARC environment, the GSSC insures that the
GLAST data will be easily accessible to the scien-
tific community during and after the GLAST mission.
In particular, the GLAST Standard Analysis Envi-
ronment (SAE) is not yet another analysis system
but adds GLAST-specific tools to the HEASARC’s
HEADas software system. The HEASARC will be
the GLAST data’s final archive.

The GSSC has different roles before and after the
observatory’s launch:

Before Launch– The GSSC will educate the user
community about the mission’s capabilities through
posters and talks at scientific conferences, special
workshops and tutorial sessions providing hands-on
experience with simulated GLAST data and by main-
taining an up-to-date website with the current status
and information about the GLAST mission.

During the Mission– The GSSC’s website will
provide updates about the mission’s status, serve as a
gateway to the data, tools, instrument response func-
tions (IRFs) and documentation, and include a help
desk and Frequently Asked Questions (FAQ) section
of the GSSC website. The GSSC will also host confer-
ences and workshops to provide education and expe-
rience with the GLAST Science Software and a forum
for users to report on GLAST’s scientific results.

5. Guest Investigator Program

The GLAST mission will support a Guest Investi-
gator (GI) program that the GSSC will administer for
NASA Headquarters. The GI program will include a
GLAST Fellows program. The program will be part of
NASA’s Research Opportunities in Space and Earth
Science (ROSES), and will consist of yearly cycles.
The GI program will provide the opportunity for sci-
entists anywhere in the world to propose GLAST ob-
servations and for investigators at US institutions to
receive funding for their GLAST-related research.
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For the mission’s first year (the first GI cycle), GIs
may not propose GLAST pointed observations. Dur-
ing this first year the LAT team will post informa-
tion on bright transients and ∼20 selected sources.
GIs may request funding for multiwavelength obser-
vations, support projects (e.g., developing new analy-
sis methods) and GLAST-related theoretical research
during the first cycle.

During the subsequent yearly cycles, GIs may also
request pointed observations or special instrument
modes as part of their proposal, if scientifically jus-
tifiable. However, continued surveying of the sky will
probably be the most efficient method of accumulat-
ing exposure for the largest number of sources, and
we anticipate that most observing programs will be
satisfied by survey mode. During this phase of the
mission, all data will be available to the public from
the GSSC’s website.

To assist scientists prepare GI proposals, the
GSSC will provide a set of tools for planning
observations and submitting proposals. The pro-
posal planning tools will include an exposure and
sensitivity calculator as well as observation sim-
ulation tools to assist potential GIs assess the
feasibility of observing their desired targets (see
http://glast.gsfc.nasa.gov/ssc/proposals/Proposal
Tools.html). These tools will simulate the spacecraft’s
orbit and the instruments’ observations with varying
levels of fidelity. For example, an online detectability
calculator will use orbit-averaged exposure accu-
mulation rates and tables for sources with power
law spectra, while the user will be referred to the
simulation tools within the SAE, the analysis system
that will be used to analyze actual data, for more
sophisticated calculations.

Target of Opportunity (TOO) requests will be sub-
mitted through an interface similar to the one used
for submitting GI proposals.

6. The GSSC Within the GLAST Ground
System

Although the specifics are not directly relevant to
the user community, the GSSC has an important role
within the ground system as the advocate for the com-
munity’s scientific goals. The observations proposed
successfully through the GI program are converted
into first an annual, and then a weekly, science time-
line by the GSSC. To ensure that instrument oper-
ations do not disturb the science timeline, the two
instrument operation centers—the LISOC and GIOC
(see §2 above)—route instrument commands and soft-
ware uploads through the GSSC, which schedules their
implementation. The GSSC provides the weekly sci-
ence timeline as well as the timelines for the two in-
struments to the Mission Operations Center (MOC),

which integrates these timelines with the spacecraft
timeline, resulting in a weekly timeline for the obser-
vatory. The science timelines are posted on the GSSC
website at the different stages of their development to
inform the community of the observatory’s observing
plan.

The GSSC also plays a central role in processing
TOOs. Requests will be submitted to the mission
through the GSSC website, and the GSSC will evalu-
ate the feasiblity of the proposed TOO and its impact
on the science timeline. If the TOO is approved, the
GSSC asks the MOC to implement the TOO.

7. Providing Data to the Community

All public data from the GLAST mission will
be available through the GSSC’s website (see
http://glast.gsfc.nasa.gov/ssc); Table 1 lists the data
products that will be available. Much of the data
will be served through the HEASARC’s Browse in-
terface (an interface to all of NASA’s high en-
ergy astrophysics data from both current and pre-
vious missions—see http://heasarc.gsfc.nasa.gov/db-
perl/W3Browse/w3browse.pl); the GSSC website will
link to this interface. Those data not available
through Browse will be served directly from the
GSSC’s website. The data necessary for the response
functions will be stored in the HEASARC’s CALDB
directory structure. Table 1 indicates whether the ac-
cess is through Browse, the GSSC website (labelled
simply ‘GSSC’) or CALDB.

8. GLAST Standard Analysis
Environment (SAE)

The GSSC will provide a suite of data analysis tools
and libraries for the analysis of GLAST data. This
software is being developed by the instrument teams
with assistance from the GSSC. The instrument teams
and the scientific community will all use the SAE
suite, which will run on Windows and different fla-
vors of UNIX platforms, and will not require the pur-
chase of additional software. Most of the SAE will
be implemented as FTOOLs, and all will be part of
the HEADas system maintained by the HEASARC.
Consequently the data files input and output from
the tools will be in FITS format. Therefore, the SAE
will be an extension of the data analysis environment
familiar to the high energy astrophysics community.
In addition, we are developing a GUI interface to run
these tools.

The SAE can be divided into a number of analysis
areas:
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Table I GLAST DATA PRODUCTS

Data Product Description Access

SCIENCE DATA

LAT Events Full detailed description of events (particle and gamma-rays) reconstructed Browse

by the LAT

LAT Photons LAT events considered to be photons. Includes all the data necessary to Browse

calculate the instrument response functions (IRFs).

LAT IRFs Data necessary to calculate LAT IRFs CALDB

LAT Burst Catalog Catalog of burst information derived from the LAT Browse

LAT Point Source Catalog Detected gamma-ray sources with derived information Browse

Interstellar Emission Model Model for diffuse Galactic and extragalactic gamma-ray emission GSSC

LAT Transient Data Summary information for transient sources GRBs, (solar flares, AGN flares) GSSC

GBM CTIME For each detector, the counts accumulated every 0.256 s in 8 energy channels Browse

GBM CSPEC For each detector, the counts accumulated every 8.192 s in 128 energy channels Browse

GBM Calibration Tables of fiducial detector response parameters from which the burst-specific GSSC

DRMs are calculated

GBM Time Tagged Events Time tagged events from the GBM centered on the time of triggered GRBs Browse

GBM Burst DRMs DRMs for the burst, one for each significantly different pointing Browse

GBM TRIGDAT The GBM burst alert data in a single FITS file Browse

GBM Background Files GBM Background Files Browse

GBM Burst Catalog List and characterization of all bursts Browse

GBM Trigger Catalog List and characterization of all GBM triggers Browse

GBM Burst Spectra Catalog Catalog of deconvolved spectra Browse

Pulsar Ephemerides Ephemerides of pulsars that might be detectable by GLAST Browse

GCN Notices and Circulars GCN notices and circulars generated by GLAST Browse

Accepted GI Proposals Database of Accepted GI Proposals GSSC

MISSION DATA

Science Timelines Long (annual) and short (weekly) term science timelines describing where the GSSC

spacecraft was or will be pointing

• Long Term Science Planned observing schedule for the current yearly cycle in 1 week periods. GSSC

Schedule Updated as needed

• Preliminary Science Preliminary detailed one week observing schedule prepared 3 weeks in advance GSSC

Timelines

• Final Science Timelines Final detailed one week observing schedule used to generate commands GSSC

uploaded to the spacecraft. Generated ∼3 days before upload and replaces the

Preliminary Timeline once generated

• As-flown timeline Timeline describing the history of GLAST’s pointing GSSC

LAT pointing and LAT orientation and mode at 30 s intervals. These data are used to calculate Browse

livetime history exposures

TOO Data Lists of all accepted and executed Target of Opportunity requests and their GSSC

status

General Analysis—The SAE will consist of sev-
eral general purpose tools including a data sub-
selection tool, tools to generate source models and
extract source parameters from existing catalogs, and
the workhorse of the GLAST data analysis, the Like-
lihood tool to perform maximum likelihood fits of the
data with the specified models (see below) . The suite
also provides an event binning tool to create time, en-
ergy and spatially binned data sets and tools to com-

pute exposure and response matrices.
GRBs—The SAE suite will provide several tools

to assist in the study of gamma-ray bursts includ-
ing tools for spectral and temporal data analysis and
model fitting as well as tools for generating the neces-
sary response functions and binning events for analyz-
ing GLAST data with existing tools such as XSPEC.
These tools will be used to analyze both LAT and
GBM data, either individually or simultaneously. The
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GBM team will also provide their IDL-based burst
analysis tool RMFit, to which they will add the capa-
bility to analyze both LAT and GBM data.

Pulsars—The SAE suite will include a barycenter
arrival time correction tool, period search and profil-
ing tools, and a pulsar ephemeris extraction tool to
retrieve pulsar ephemerides from a pulsar database.

Data Simulation—The SAE suite also provides
an observation simulator that simulates LAT data
based on an input source model and spacecraft orbit
profile. An orbit simulation tool is also included.

9. Why a New Likelihood Tool?

One of the primary goals in the analysis of LAT
data is to find the location and spectral parameters
of high energy gamma-ray sources. This information
is obtained by performing maximum likelihood fits of
spatial-spectral models to the data. A major new like-
lihood tool is required for the LAT data because:

The large LAT point spread function at low energy
and the great sensitivity means photons from many
point sources merge. Analysis is therefore inherently
three dimensional: two spatial and one spectral.

GLAST will usually survey the sky. Each photon
will therefore have a different direction in instrument
coordinates, and thus its own instrument response.

The LAT instrument response will be a function of
many observables, such as energy, distance from the
source, and angle between the photon direction and
the LAT’s axis. The data space of observables will
therefore be large but sparsely populated.

Ideally, the analysis will be unbinned, i.e., using
infinitesimally small bins in the data space, each con-
taining 0 or 1 photons. However, the runtime for large
datasets is prohibitively long, and therefore a binned
version is under development.

10. GLAST Users’ Committee

The GLAST Users’ Committee (GUC) has been es-
tablished; the chair is J. Grindlay (Harvard). The
GUC reviews the mission’s support for the scientific
community in general, and the scientific role of the
GSSC in specific. Conversely, the GSSC supports the
GUC by facilitating meetings and gathering informa-
tion. The GUC has been considering issues such as
the data policy, the GI program and the SAE. Infor-
mation on the GUC and its membership can be found
on the GSSC’s website.

11. Summary

The identification and characterization of photons
detected by the LAT is a complex data analysis task

that will be undertaken by the LAT team. Most in-
vestigators will analyze a simple list of photons char-
acterized by a few observables such as energy, arrival
time, and direction in both celestial and instrument
coordinates. Similarly, the GBM’s primary burst data
will be a list of counts detected in the different GBM
detectors. Although the astrophysical data analysis
problem is simply posed, the techniques necessary to
extract the maximum information from these data are
sophisticated and computer-intensive. The goal is to
create an analysis system that uses advanced tech-
niques but is easy to learn and use. The GSSC will
provide the scientific community with these photon
lists as well as ancillary data, with analysis software,
and with the expertise to analyze the data. In addi-
tion, the GSSC will support the GI program that will
provide investigators with the possibility of requesting
pointed observations and with the funding necessary
to carry out their research.
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The giant radio galaxy M 87 was observed at TeV energies with the Cherenkov telescopes of the H.E.S.S.
collaboration (High Energy Stereoscopic System). The observations have been performed in the year 2003
during the comissioning phase and in 2004 with the full four telescope setup. The observations were motivated
by the measurement of the HEGRA collaboration which reported a 4.7 σ excess of TeV γ-rays from the direction
of M 87. The results of the H.E.S.S. observations – indicating a possible variability of TeV γ-ray emission from
M 87 (compared to the HEGRA result) – are presented.

1. INTRODUCTION

The giant radio galaxy M 87 is located at a dis-
tance of ∼ 16 Mpc (z = 0.00436) in the Virgo clus-
ter of galaxies. The angle between the parsec scale
plasma jet – well studied at radio, optical and X-ray
wavelengths – and the observer’s line of sight has been
estimated to be in the order of 20◦ − 40◦. The mass
of the black hole in the center of M 87 is of the order
of 2 − 3 · 109 M�. M 87 is discussed to be a powerful
accelerator of high energy particles, possibly even up
to the highest energies [17, 18]. This makes M 87 an
interesting candidate for TeV γ-ray emission. M 87
was observed with the HEGRA stereoscopic telescope
system in 1998/1999 for a total of 77 h (after quality
cuts) above an energy threshold of 730 GeV. An ex-
cess of TeV γ-rays has been found with a significance
of 4.7 σ [9, 10]. The integral flux was calculated to be
3.3% of the flux of the Crab Nebula.

M 87 is of particular interest for observations at TeV
energies: The large jet angle makes it different from
the so far observed TeV emitting active galactic nuclei
(AGN) which are of the blazar type, i. e. with their
plasma jets pointing directly towards the observer.
Various models exist to describe emission of TeV pho-
tons from M 87. Leptonic models (i.e. inverse Comp-
ton scattering) are discussed in [11], whereas [12] con-
sider the TeV γ-ray production in large scale plasma
jets. From the experimental view, the TeV γ-ray pro-
duction in large scale jets would be of particular inter-
est since the extension of the M 87 jet structure could
be resolved at TeV energies with the typical angular
resolution of stereoscopic Cherenkov telescope arrays
of ≤ 0.1◦ per event. Hadronic models do also exist
[13, 14] as well as TeV γ-ray production scenarios cor-
related with the cosmic ray population of the radio
galaxy [15]. Finally, the hypothesis of annihilating

exotic particles (i.e. neutralinos) has been discussed
by [16].

Observations with the H.E.S.S. telescopes have
been initiated to confirm the HEGRA result and to
further clarify the origin of the TeV γ-ray emission,

2. THE H.E.S.S. EXPERIMENT

The High Energy Stereoscopic System (H.E.S.S.)
collaboration operates an array of four imaging atmo-
spheric Cherenkov telescopes optimized for an energy
range between 100 GeV and 10 TeV. The telescopes
are located in the Khomas Highlands in Namibia
(23d 16′ 18′′ S, 16d 30′ 1′′ E) at a height of 1 800 m
above sea level, see Fig. 1. Each telescope has a 107 m2

tessellated mirror surface [2, 3] and is equipped with a
960 photomultiplier tube (PMT) camera with a field
of view of ∼ 5◦ [4]. The full four telescope array is op-
erational since December, 2003. Since July 2003 the
telescopes are operated in a coincident mode [5] assur-
ing that at least two telescopes record images for each
event which is important for an improved reconstruc-
tion of the shower geometry, and γ-hadron separation.
More information about H.E.S.S. can be found in [6].

3. OBSERVATIONS OF M 87 WITH
H.E.S.S.

M 87 has been observed with the H.E.S.S.
Cherenkov telescopes between March and May, 2003
and February to May, 2004. The 2003 data were taken
during the comissioning phase of the experiment with
only two telescopes. The stereo events have been
merged offline based on their individual GPS time
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Figure 1: The four imaging atmospheric Cherenkov telescopes (IACTs) operated by the H.E.S.S. collaboration in
Namibia. Since December 2003 the full four telecope array is operational.

stamps. The 2004 data were taken with the full four
telescope array with the hardware coincidence trigger.
The sensitivity of the full setup increased by more
than a factor of two compared to the sensitivity of
the instrument during the 2003 observation campaign
on M 87. The average zenith angle of the observations
was ∼ 40◦ for both years. Due to technical reasons
one of the four telescopes was excluded from the anal-
ysis in the February/March 2004 observation period
affecting ∼ 9 h of the data by a slightly reduced sen-
sitivity.

Standard cuts on the data quality (stable weather
and detector status) have been applied leaving a dead-
time corrected observation time of 13 h for the 2003
data and 32 h for the 2004 data. After data calibra-
tion [7] and application of image cleaning tail-cuts
Hillas parameters [8] are calculated for the individ-
ual recorded images. The geometric shower recon-
struction (direction, energy, etc.) follows the standard
H.E.S.S. analysis technique [1].

4. RESULTS

Cuts which were optimized on Monte Carlo simu-
lated sources comprising 10% of the flux of the Crab
Nebula have been applied to the data including a tight
angular cut of ∆Θ2 < 0.0125 deg2. Although the
software stereo telescope setup in 2003 would legit-
imate a separately optimized set of cuts, the same
cuts as for the 2004 data were applied to the 2003
data1. The distribution of excess events as a func-
tion of the squared angular distance ∆Θ2 between
the reconstructed shower direction and the nominal
position of M 87 is shown in Fig. 2 for the combined
data set. An excess of 216 ± 49 events is obtained

1Investigations of improved analysis techniques optimized
for faint sources are underway.
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Figure 2: Distribution of ON-source events (solid
histogram) and normalized OFF-source events (filled
histogram) vs. the squared angular distance ∆Θ2

between the reconstructed shower direction and the
nominal object position.

from the direction of M 87 corresponding to a signif-
icance of 4.6 σ. The sky map of the combined data
set is shown in Fig. 3. The ring background model
was used in which the background is determined from
a ring region with a radius r = 0.5◦ centred around
the putative source position. The position of the TeV
excess as measured by H.E.S.S. is plotted in the radio
map of M 87 together with the TeV position reported
by HEGRA (see Fig. 4). The TeV excess is compati-
ble with a point-source and its position was found to
be compatible with the center of the extended struc-
ture of M 87 as well as the position reported by the
HEGRA collaboration within statistical errors. More
observations are needed to reduce the statistical er-
ror on the derived position to further exclude regions
within the extended structure of M 87.

In order to calculate the integral flux above
the energy threshold of the HEGRA measurement
(730 GeV) for the 2003 and 2004 H.E.S.S. observa-
tions a power-law spectrum dN/dE ∼ E−Γ with a
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region centered around the position of M 87. The number
of events are integrated within the optimal point-source
angular cut of Θ ≤ 0.11◦ for each of the correlated bins.
The background is estimated using the ring background
model. The event-by-event angular resolution is
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Figure 4: The positions of the H.E.S.S. TeV excess
(white cross) together with the position measured by
HEGRA (filled cross) plotted in the radio map of M 87
(adopted from [19]). Within statistical errors, both
positions are compatible with the M 87 central region.

photon index of Γ = 2.9 (as reported in [10]) was as-
sumed. The integral flux points are shown in Fig. 5
together with the HEGRA measurement. Note, that
the 2004 flux of M 87 is below the 1% flux level of the
Crab Nebula. Although the H.E.S.S. fluxes of 2003
and 2004 seem still to be compatible – taken the large
statistical error of the 2003 measurement – the com-
parison of the H.E.S.S. 2004 flux with the HEGRA

measurement indicates variable TeV γ-ray emission
from M 87 on time-scales of years.

5. SUMMARY & CONCLUSION

The giant radio galaxy M 87 has been observed with
H.E.S.S. in 2003 during the comissioning phase and in
2004 with the full four telescope setup for a total of
45 h remaining after quality cuts. An excess of 216±49
γ-ray events has been measured from the direction of
M 87 with a significance of 4.6 σ. This confirms the
HEGRA measurement, although on a lower flux level.
The TeV excess is compatible with a point-source and
within statistics its position is located at the center
of the extended M 87 structure. The measured flux
was found to be on the sub 1 % level of the flux from
the Crab Nebula in the 2004 data which indicates
flux variability if compared to the 3.3 % flux level in
1998/99 reported by the HEGRA collaboration.

To confirm the indications of variability of the
TeV γ-ray emission from M 87 more observations are
needed. Such a result would be very important since
various models for the TeV γ-ray production in M 87
could be ruled out. Mechanisms correlated with cos-
mic rays [15], large scale jet structures [12] and exotic
dark matter particle annihilation [16] could not ex-
plain variability in the TeV γ-ray emission on these
time-scales. The measurement of an accurate energy
spectrum could further help to reduce the amount of
possible models as well as a more precise location of
the emission region; both goals require a measurement
with higher event statistics as currently available by
the H.E.S.S. 2003/2004 data set.

M 87 has been observed in a wide range of the elec-
tromagnetic spectrum. Simultaneous observations at
other wavelengths – especially in X-rays, such as the
Chandra monitoring of the HST-1 knot in the inner
jet region [20] – are of great importance since a corre-
lation would further reveal the TeV γ-ray production
mechanism of this AGN which is the first one not be-
longing to the blazar class.
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Following the detection of the binary system PSR B1259-63/SS 2883 at TeV energies, another TeV source named
HESS J1303-631 has been discovered serendipitously at a significance of 21 standard deviations close to the
galactic plane in the same field of view of the H.E.S.S. Cherenkov telescopes. The data were taken between
February and June 2004. The source is extended with σ = (0.16 ± 0.02)◦ and the integral flux above 380 GeV
was found to remain on a constant level of (17±3)% of the flux level of the Crab Nebula during the observation
periods from February to June, 2004. Up to now, no counterpart at other wavelengths is found. This makes
HESS J1303-631 the second unidentified TeV γ-ray source following TEV J2032+4130 discovered in the Cygnus
region by HEGRA.

1. INTRODUCTION

The binary system PSR B1259-63/SS 2883 was ob-
served with the new H.E.S.S. (High Energy Stereo-
scopic System) Cherenkov telescopes close to its peri-
astron passage starting in February 2004. The Febru-
ary/March observation period led to the first detec-
tion of this exceptional binary system at TeV energies
[1, 2].

Surprisingly, another TeV γ-ray source located at
a position roughly 0.6◦ north of the position of the
binary system was discovered in the same field of view
(see Fig. 1), given the name of HESS J1303-631. The
detection and basic features of this new source are
reported in this paper.

2. THE H.E.S.S. EXPERIMENT

The H.E.S.S. collaboration operates an array of four
imaging atmospheric Cherenkov telescopes (IACTs)
optimized for an energy range of γ-rays between
100 GeV and 20 TeV located in Namibia (23◦16m18s S,
16◦30m1s E) at a height of 1 800 m above sea level.
Each telescope has a 107 m2 tessellated mirror surface
[3, 4] and is equipped with a 960 photomultiplier tube
camera with a field of view diameter of ∼ 5◦ [5] which
allows searches and studies of TeV γ-ray sources in
sky regions of more than 3◦ × 3◦ per pointing. The
telescopes are operated in a coincident mode [6] as-
suring that an event is always recorded by at least
two of the four telescopes allowing for stereoscopic

reconstruction of the shower parameters and an im-
proved γ-hadron separation. More information about
H.E.S.S. can be found in [7].

3. DATASET

The data were taken between February and June
2004 with the fully operational H.E.S.S. IACT array.
The average zenith angle of the observations was 42.7◦

yielding an energy threshold of Ethr = 380 GeV de-
fined by the peak γ-ray detection rate of a Crab-like
spectrum after event selection cuts. The observations
were performed in the wobble mode tracking a position
shifted by ±0.5◦ in Declination or Right Ascension
with respect to the nominal source position (in this
case the PSR B1259-63/SS 2883 position of the ini-
tial observation campaign), allowing for an unbiased
simultaneous background determination. Following
the detection of HESS J1303-631 in the PSR B1259-
63/SS 2883 field of view, the telescope tracking po-
sitions were changed to new sky positions in May
2004, optimized for both sources by choosing the wob-
ble modes with respect to a position located between
PSR B1259-63/SS 2883 and HESS J1303-631. The ini-
tial pointing positions (filled stars) as well as the new
pointing positions (empty triangles) are shown in the
right hand panel of Fig. 1. The data were selected by
standard quality criteria (stable weather and detec-
tor status) leaving 54.5 hours of data (48.6 h detector
life time) for the final analysis. For the data taken
between February 26 and March 5, 2004, one of the
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Figure 1: Left: The sky map showing both TeV sources: HESS J1303-631 and PSR B1259-63/SS 2883. The Galactic
plane is also indicated. The events are integrated within the optimal point-source angular cut of Θ ≤ 0.14◦ for each of
the correlated bins. Right: The function which was fitted to the (uncorrelated) excess sky map is drawn as contours.
Also shown are the different H.E.S.S. tracking positions: Filled stars indicate the initial tracking positions and the
empty triangles the optimized positions which were used since May, 2004.

four telescopes was excluded from the analysis due to
technical reasons; the remaining data (March to June
2004) were taken with the full array of four telescopes.
The raw data were subject to the standard calibration
[8] and Hillas parameter-based analysis [9].

4. RESULTS

4.1. Disco very and cross-c hecks

Shortly after the discovery of the binary system
PSR B1259-63/SS 2883 the highly significant excess of
the second source HESS J1303-631 was found in the
data. The discovery sky map resolving both TeV
sources is shown in the left hand panel of Fig. 1. The
number of excess events was calculated using the ring
background model in which the background is deter-
mined from a ring region with a radius r > 0.5◦ cen-
tered around the putative source position. Both TeV
γ-ray source regions were excluded from the back-
ground region to avoid background contamination by
real γ-ray events. In order to improve the angular
resolution for the investigation of the position and ex-
tension, at least three images were required per event
for the sky map.

A wide range of consistency checks was applied and
successfully passed underlining the celestial origin of
the measured excess. For this purpose the data were
divided into different subsets and the results (source
strength, excess position, etc.) were compared. The
subsets were chosen according to the different obser-
vation periods (from February to June, 2004) and the
different telescope tracking positions (compare Fig.1,

right). Different cuts on the telescope multiplicity m
(m ≥ 2, m = 2, m ≥ 3, m = 3 and m = 4) for in-
dividual events as well as different cuts on the image
amplitude were applied to the data. Also, individual
telescopes in turn were excluded from the analysis. Fi-
nally, the distribution of the mean reduced scaled width
(MRSW) parameter which is used for the γ-hadron
separation [9] was compared to the distribution of
Monte Carlo simulated γ-showers and was found to
be in good agreement. In all these checks the excess
behaved as a genuine γ-ray source confirming the ce-
lestial origin of the measured excess from HESS J1303-
631; more details on the consistency checks can be
found in [10].

4.2. Position and excess

To obtain the position of HESS J1303-631 a func-
tion describing the excess of the two sources in the
field of view was fitted to the uncorrelated sky map
which was generated with a cut on at least three im-
ages per event in order to obtain a better angular
resolution. The excess of HESS J1303-631 was fitted
by a 2D elliptical function (two-dimensional Gaus-
sian function with a σ for the Right Ascension and
one for the Declination as well as a free rotation an-
gle). Simultaneously, the PSR B1259-63/SS 2883 po-
sition was fitted by a 2D double Gaussian function

a · exp(∆r
2

2σ2
1
) + b · exp(∆r

2

2σ2
2
) – describing a TeV point-

source – to avoid a systematic influence on the fit
by excess events from PSR B1259-63 leaking into the
HESS J1303-631 region. The fit range covers a region
of 2◦ × 2◦ centered at the HESS J1303-631 position.
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Figure 2: Distribution of ON-source events (solid
histogram) and normalized OFF-source events (filled
histogram) vs. the squared angular distance ∆Θ2

between the reconstructed shower direction and the
object position. The expected ON-distribution for a
point-like source (H.E.S.S. point spread function, PSF) is
indicated by the dashed line; it is normalized to give the
same number of excess events as HESS J1303-631.

The χ2/d.o.f. of the fit is 539/473. The contours
of the function are shown in the right hand panel of
Fig. 1. The position of HESS J1303-631 was found to
be α = 13h03m0.4s ± 4.4s and δ = −63◦11′55′′ ± 31′′

(J2000.0). The length and width of the fitted ellipse
are within errors the same and clearly larger than
that expected for a point source (see below). There-
fore, the HESS J1303-631 excess is compatible with an
extended and rotationally symmetric structure. The
position of PSR B1259-63/SS 2883 obtained from the
same fit was found to be α1259 = 13h02m49.2s ± 3.6s

and δ1259 = −63◦50′2.44′′ ± 21.1′′ which is in good
agreement with its nominal position of α1259,nom =
13h02m47.7s and δ1259,nom = −63◦50′8.8′′. The width
of the PSR B1259-63/SS 2883 excess was found to be
compatible with the width of a point-source [2]. Fix-
ing the fit position of PSR B1259-63/SS 2883 to its
nominal sky coordinates does not change the results
for the HESS J1303-631 position and extension within
statistics. The systematic pointing uncertainty of the
H.E.S.S. telescopes is estimated to be ∼ 20′′ for Right
Ascension and Declination.

The distribution of the number of events in
squared angular distance ∆Θ2 measured between
the reconstructed shower direction and the derived
HESS J1303-631 position is shown in Fig. 2. The point
spread function (PSF) of the H.E.S.S. detector of TeV
γ-rays is also shown (dotted line). It has been de-
rived from Monte Carlo simulations and Crab Neb-
ula data and can be described by a one-dimensional
double Gaussian function a · exp(∆Θ2/2σ2

1) + b ·
exp(∆Θ2/2σ2

2). A single Gaussian function describ-
ing the intrinsic source profile of HESS J1303-631 was
folded with the PSF. The folded function was fit-
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Figure 3: The differential energy spectrum of
HESS J1303-631. The normalization was corrected for
the source extension by multiplying with fcorr = 1.6 ± 0.2
(see text). A fit to the data with a power law (χ2/d.o.f.
= 27/9, solid line) is also shown. The power-law
corresponding to a spectrum of 1 % of the Crab Nebula is
also indicated (dashed line).

ted to the excess distribution resulting in an intrinsic
width of σHESSJ1303 = (0.16 ± 0.02) ◦ with a χ2/d.o.f.
= 21/42.

Adjusting the angular cut to the derived extension
(∆Θ2 ≈ ∆Θ2

pointsrc + σ2
HESSJ1303 ≤ 0.05 deg2) one ob-

tains for the HESS J1303-631 position 2469 ± 119 ex-
cess events corresponding to a significance of 21 stan-
dard deviations calculated following [11].

4.3. Energy spectrum and light cur ve

An energy spectrum was derived using the extended
angular cut of ∆Θ2 ≤ 0.05 deg2 in order to take into
account the extended emission region of HESS J1303-
631. The effective areas which were used for the flux
normalization were obtained from Monte Carlo sim-
ulations of point-sources. Applying the ∆Θ2 angu-
lar cut to extended sources leads to a different frac-
tion of cut events as compared to the application of
the same cut to a point-source. Therefore, a correc-
tion factor fcorr(∆Θ2, σ) was introduced. It depends
on the applied ∆Θ2 angular cut and the extension
σ of an assumed intrinsic Gaussian source emission
profile and describes the factor by which the flux is
underestimated when using point-source Monte Car-
los for the extended source. The correction factor for
the extension of HESS J1303-631 was calculated to be
fcorr = 1.6 ± 0.2 and it was applied to the spectrum
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35/35 being compatible with constant emission.

and the light curve. The systematic error on the cor-
rection factor which is dominated by the energy de-
pendency of the TeV point spread function was esti-
mated to be < 10 % between 100 GeV and 10 TeV.

The spectrum is shown in Fig. 3. It was fitted
by a power-law dN/dE = N0 · (E/1 TeV)−Γ with
a resulting photon index of Γ = 2.44 ± 0.05stat ±
0.2syst and a normalization of N0 = (4.3 ± 0.3) ·

10−12 cm−2 s−1 TeV−1 with a χ2/d.o.f. of 27/9.
Other spectral shapes are under study. The inte-
gral flux above 380 GeV was calculated to be Φ(E >
380 GeV) = (1.2±0.2) ·10−11 cm−2 s−1 corresponding
to (17 ± 3) % of the flux of the Crab Nebula. Spectra
obtained from the different tracking positions as well
as from the different observation periods were found
to be compatible within statistical errors. The sys-
tematic error on the flux dominated by atmospheric
extinction variations and energy calibration of the de-
tector was estimated to be in the order of ∼ 30 %.
Detailed studies on morphology and spatially-resolved
energy spectra are underway.

A light curve of the integral flux Φ(E > 380 TeV)
was derived on a night-by-night basis and is shown in
Fig. 4. The integral fluxes were calculated using the
effective areas and an assumed power-law as obtained
from the overall differential energy spectrum applied
to the count rates for each night. A fit of a constant
function results in a χ2/d.o.f. of 35/35 and therefore
indicates constant emission from HESS J1303-631 dur-
ing February until June, 2004.

5. SUMMARY & CONCLUSION

A new unidentified TeV γ-ray source HESS J1303-
631 was serendipitously discovered in a dataset which

was initially taken on the binary system PSR B1259-
63/SS 2883 which was also discovered at TeV ener-
gies. For the first time in TeV γ-ray astronomy, the
detection and analysis of two sources within the same
field of view is achieved, showing the potential of the
new generation of ground-based experiments – such
as H.E.S.S. – with the stereoscopic observation mode
and its large field of view of ∼ 5◦.

HESS J1303-631 was found to be clearly extended
with a σ of an assumed intrinsic Gaussian emission
profile of σ = (0.16 ± 0.02)◦. The energy spectrum
can be described by a power-law with a photon index
of Γ = 2.44±0.05stat±0.2syst. The integral flux above
380 GeV was found to remain on a constant level of
(17±3) % of the flux from the Crab Nebula during the
observations taken between February and June, 2004.
Detailed studies on morphology and spatially-resolved
energy spectra are underway.

Up to now, no counterpart at other wavelengths was
identified. However, the location close to the galactic
plane places HESS J1303-631 in the vicinity of a vari-
ety of possible objects which might be involved in the
production mechanisms explaining the observed TeV
γ-ray emission. HESS J1303-631 has to be considered
as the second unidentified TeV source detected follow-
ing TEV J2032+4130 discovered in the Cygnus region
by HEGRA [13, 14]. H.E.S.S. thus further opens the
door to a new class of (yet-unidentified) TeV γ-ray
sources. To further investigate possible production
mechanisms and to understand this new region of the
non-thermal universe future multi-wavelength obser-
vations (especially in X-rays) are essential and par-
tially already initiated. A discussion of possible TeV
γ-ray production scenarios can be found in [12].
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Study of Mrk 501 above 60 GeV with CELESTE
E. Brion, for the CELESTE collaboration
CENBG, Chemin du Solarium, Le Haut-Vigneau, BP 120, 33175 Gradignan Cedex, France

The CELESTE atmospheric Cherenkov detector, running until June 2004 at the Thémis solar facility, has taken
data on compact sources such as pulsars and blazars. We will take stock of the experiment, in particular
regarding the latest improvements of the detector simulation and data analysis. These changes provide us with
a new analysis of old data with smaller uncertainties. We present here the evidence for a weak signal from
Mrk 501 in 2000-2001.

1. INTRODUCTION

CELESTE (Cherenkov low energy sampling and
timing experiment) was a Cherenkov experiment u-

sing the heliostats of the former Électricité de France
solar plant in the French Pyrenees at the Thémis site.
It detected Cherenkov light from electromagnetic sho-
wers produced in the atmosphere by the γ-rays coming
from high energy astrophysical sources. The light is
reflected to secondary optics and photomultipliers in-
stalled at the top of the tower. Finally it is sampled
to be analysed [7].

Two states of the experiment have to be distin-
guished to classify CELESTE data. During the first
one (between September 1999 and June 2001), 40 he-
liostats were used with two types of pointing (single
pointing: all heliostats at 11 km, double pointing:
half at 11 km, half at 25 km), and during the second
one (between September 2001 and June 2004), 53 he-
liostats pointing at 11 km were used (of which 12 veto
heliostats aiming wide for proton rejection). An ana-
lysis improvement has been made on the last data with
53 heliostats taking the Crab (Nebula) data as refe-
rence, since the source is bright and stable. The new
analysis variable provided a sensitivity of 5.1 σ/

√
h on

5.3 h data, whereas the old data analysis gave 2.0 and
3.4 σ/

√
h for single and double pointing [6]. The new

analysis has been tested on old Crab data with 40 he-
liostats and gives better sensitivity as will be shown.

CELESTE has taken 40 heliostats data on the
blazar Mrk 501. The old analysis gave 2.5 σ [4]. We
present here the results obtained with the new ana-
lysis. Mrk 501 is a source interest: it is one of the
brightest and closest (z = 0.034) extragalactic X-ray
and TeV sources. A detection with CELESTE could
help to understand the emission processes.

First, the new analysis will be explained with the
results obtained on the Crab data. Then, the data
selection and analysis, and finally the lightcurve of
Mrk 501 will be presented.

2. ANALYSIS IMPROVEMENT

A new method was found to exploit the FADC in-
formation to reject the hadronic background [1]. To

detect low energy γ-rays, we use the sum of the in-
dividual digitized signals to increase the signal-to-
background ratio (figure 1). The summation includes
a correction for the sphericity of the wavefront, as-
sumed to be centered in the 11 km plane. Assuming
a wrong position for this center (impact parameter)
broadens the sum: the height-over-width ratio (H/W )
decreases. We compute (H/W ) repeatedly for a grid
of different assumed positions. The impact parameter
is taken to be the position for which the (H/W ) ra-
tio is maximum, denoted by (H/W )max. This is valid
for γ-rays (figure 2 (a)) but not for protons arriving
isotropically and for which the wavefront is not sphe-
rical (figure 2 (b)). A measurement of the flatness of
these 2D-distributions is given by the following esti-
mator:

ξ = average

(

(H/W )200 m

(H/W )max

)

over 24 positions
,

where (H/W )200 m is the average of (H/W ) over 24
positions along a ring 200 m from the maximum po-
sition. For γ-rays there is a clear maximum and this
estimator takes low values. For hadrons, it is usually
larger (figure 2 (c)).

To improve the signal quality the cut was optimized
on the Crab data. For the data with 53 heliostats, the
applied cut is ξ < 0.35 (figure 3) which is the biggest
contribution to an improvement in Crab sensitivity
to 5.1 σ/

√
h. The detection is stable. 40 heliostat

Crab data were also analysed with this variable. Since
this estimator is very sensitive, the chosen cut is diffe-
rent: optimizing the cut on 40 heliostats with single
pointing gives ξ < 0.30 (ξ < 0.35 for double poin-
ting) which is not yet understood. Simulations are in
preparation to confirm (or not) this cut. The results
are presented in table I.

3. DATA

CELESTE took data on Mrk 501 during 2000 and
2001 with 40 heliostats. The previous analysis giving
2.5 σ, we hope to improve this result with the new
analysis.
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Figure 1: The shape of the FADC sum depends on the
position of the center of the wavefront we assume [5].

Figure 2: Height-over-width ratio (H/W) computed for
discrete positions in the 11 km plane (a) for a 100 GeV
γ-ray and (b) for a 500 GeV proton. (c) Distribution of
the ξ parameter for OFF data (filled black circles) and
γ-rays simulation (red line).

3.1. Data selection

Data selection is stricter than in [4]. We keep
data with stable currents, small ON−OFF current
and trigger rate differences and number of events
≥ 10, 000. Finally, after analysis cuts, the OFF data
rate should only depend on the hour angle. Low rates
at small hour angle are an indication for bad atmo-
spheric conditions. Thus, we require that they be

Ι(ξ)

ξ

Figure 3: Significance σ on the 53 heliostat Crab data

integrating ξ by the left: I(ξ) =
∫

ξ

0
σ dξ. The maximum

of the signal is obtained for ξ < 0.35.

Table I Sensitivity and flux corrected from hour angle
efficiency for the different data sets on Crab. All data
have an absolute hour angle less than 1.5 h.

Data set Applied Significance Duration Sensitivity Flux

cuts σ [h] [σ/
√

h] [γ/min]

40 heliostats ξ < 0.30 13.0 8.4 4.5 2.9 ± 0.2

single pointing

40 heliostats ξ < 0.35 11.9 8.4 4.1 5.3 ± 0.5

single pointing

40 heliostats ξ < 0.35 9.7 5.7 4.1 5.0 ± 0.5

double pointing

53 heliostats ξ < 0.35 12.5 5.3 5.4 4.5 ± 0.4

with veto

53 heliostats ξ < 0.35 11.6 5.3 5.1 3.5 ± 0.3

with veto no veto

≥ −7.5×|ah|+15 (figure 4). There was no cut applied
on hour angle.

3.2. Data set and analysis

After selection, 37 pairs (10.9 h) remain: 10 pairs
were taken with single pointing at 11 km and 27 with
double pointing at 11/25 km. All pairs are kept to-
gether to have more statistics. In terms of years, we
have 31 pairs during 2000 and 6 pairs during 2001.

The results of the new analysis are presented in ta-
ble II. Since 40 heliostat Crab data with single and
double pointing don’t give the same cut to apply on
ξ, the difficulty here is to choose the cut (figure 5). If
we apply ξ < 0.30, we get 2.9 σ on all the data (3.1 σ
in 2000, 0.0 σ in 2001). If we apply ξ < 0.35, we get
again 2.5 σ on all the data like with the old analysis
(2.4 σ in 2000, 0.7 σ in 2001).

The chosen cut to present the lightcurve hereafter
is ξ < 0.30, because we have the assumption that the
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Figure 4: Mrk 501 OFF data rate after analysis cuts as a
function of hour angle (typical raw trigger rate is 20 Hz).
Data are taken with 40 heliostats single pointing (green
circles) and double pointing (red triangles).

distribution of the ξ variable depends on the declina-
tion (owing to its construction). Figure 6 shows this
distribution for the 53 heliostat Crab data. In com-
parison, we can see in figure 7 the same distribution
for 53 heliostat Mrk 421 data, which has the same
declination as Mrk 501. The distribution is shifted
towards the left.

Table II Mrk 501 number of events (40 heliostats single
and double pointing) after different cuts. Note that the
number of events is rounded.

Data set Applied cuts ON OFF ON−OFF Significance Signal-to-noise

σ ratio [%]

All data raw trigger 789,648 787,452 2,195 1.5 0.3

ξ < 0.30 10,556 10,070 486 2.9 4.8

ξ < 0.35 44,218 43,363 856 2.5 2.0

Year 2000 raw trigger 666,704 663,474 3,230 2.3 0.5

ξ < 0.30 9,424 8,940 485 3.1 5.4

ξ < 0.35 38,753 37,977 776 2.4 2.0

Year 2001 raw trigger 122,944 123,978 −1, 035 −1.9 –

ξ < 0.30 1,132 1,130 1.8 0.0 0.2

ξ < 0.35 5,465 5,385 80 0.7 1.5

A work is in preparation that compares thoses dis-
tributions for Crab, Mrk 421 and Mrk 501 40 heliostat
data with simulations. Since we have a lot of data on
Mrk 421, we will be able to optimize our cut on this
source and apply it to Mrk 501.

3.3. Seasonal changes

CELESTE raw trigger rates are typically 25 Hz du-
ring the Winter. In early Fall and in Spring, rates fall
by a factor of two. The LIDAR on site showed that
increased atmospheric extinction due to aerosols is a
major cause [2]. Unfortunately, it started to get data
in December 2001 after these data on Mrk 501. We

Figure 5: ON−OFF ξ distribution for the 40 heliostat
Mrk 501 data (single and double pointing).

Figure 6: ON−OFF ξ distribution for the 53 heliostat
Crab data (filled black circles) compared to simulations
on Crab normalized to the data (red line).

looked at the possible influence of this effect on the
ON−OFF excess, but nothing was highlighted: for
trigger rate ≤ 15 Hz, 20 pairs give 2.7 σ during 6.0 h,
and for trigger rate > 15 Hz, 17 pairs give 1.5 σ during
4.9 h.

4. LIGHTCURVE

We present in figure 8 the lightcurve obtained by
CELESTE for monthly averages with the chosen cut
ξ < 0.30. Note that Mrk 501 was active in X-rays du-
ring 2000 and quiet during 2001 [10]. During the year
2000, the cut to be confirmed, we get an ON−OFF
excess of 3.1 σ during 9.1 h.
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Figure 7: ON−OFF ξ distribution for the 53 heliostat
Mrk 421 data [1].

Figure 8: Mrk 501 lightcurves seen by CELESTE above
60 GeV in 2000-2001, RXTE/ASM in X-rays [8], and the
optical telescope of Bordeaux [3]. The CELESTE
lightcurve is uncorrected for efficiency in hour angle, nor
for different atmospheric extinctions.

5. CONCLUSION

Before the LIDAR study, the acceptance was un-
known for data with trigger rates less than 15 Hz. We

now have more confidence in the 3.1 σ obtained for
the year 2000 and in our acceptance. Therefore, if
this result is confirmed, we will interpret this excess
as a weak signal and calculate a flux. The acceptance
will include the degraded atmospheric extinction.

If we interpret this excess as a signal, and under
the (false) assumption that we have the same detector
acceptance and spectrum for Mrk 501 as for the Crab,
we get one fourth of the Crab flux. This is comparable
with the results presented in [9] (data on April 29,
1998 in X-rays similar to Spring 2000).
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[7] E. Paré et al., “CELESTE: An Atmospheric
Cherenkov Telescope for High Energy Gamma
Ray Astrophysics”, NIM 490, 71-89, 2002.

[8] RXTE/ASM page:
http://xte.mit.edu/ASM lc.html

[9] F. Tavecchio et al., “Theoretical Implications
from the Spectral Evolution of Markarian 501 Ob-
served with BeppoSAX”, ApJ 554, 725-733, 2001.

[10] Y. Xue and W. Cui, “X-ray flares from Markar-
ian 501”, accepted for publication in ApJ, astro-
ph/0412226, 2004.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2406



Small Molecular Clouds at High Latitudes as Gamma-Ray Sources for
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The sensitivity of the Large Area Telescope (LAT) on the forthcoming GLAST mission will be so much greater
than previous high-energy γ-ray missions that small molecular clouds at intermediate and high Galactic latitudes
(|b| > 10◦) will be detected in the light of diffuse γ-ray emission from cosmic-ray interactions. These clouds are
small, typically subtending less than 1◦ with masses ∼10–100 solar and distances ∼150 pc, and many are only
now being discovered with sensitive, well-sampled, unbiased surveys of CO away from the Galactic equator. On
the order of 100 such clouds will be detected by the LAT. Most will be near the detection limit (which depends
on angular size) and many will in fact be detected but unresolved by the LAT, i.e., indistinguishable from point
sources. We present predictions for the detectability of recently-cataloged clouds. As a γ-ray source class, they
will clearly have a Galactic distribution and be steady emitters, but identifications of these sources as molecular
clouds rather than potentially more exotic γ-ray phenomena will require more extensive and finely-sampled CO
surveys at high latitudes.

1. INTRODUCTION

Cosmic-ray interactions in interstellar gas are a well
known source of high-energy diffuse γ-ray emission.
In fact, approximately 60% of the celestial γ-rays de-
tected by the EGRET instrument on the Compton
Gamma-ray Observatory originated with cosmic-ray
interactions in interstellar clouds, making the Milky
Way a bright foreground for point sources of γ-rays.
The scale height of the densest, largely molecular, in-
terstellar hydrogen is only about 70 pc, and so the
vast majority of the molecular gas in the Milky Way
is within a few degrees of the Galactic equator on the
sky. Molecular hydrogen at interstellar conditions is
very difficult to detect directly, and the J=1–0 line
of CO, the second most abundant molecule, has be-
come the standard surrogate tracer of molecular gas.
No complete, well-sampled CO survey of the high-
latitude sky exists and only recently have details of
the tail of the distribution of molecular gas at high
latitudes started to become known.

The Large Area Telescope (LAT, Fig. 1), under de-
velopment for launch in 2007 on the Gamma-ray Large
Area Space Telescope (GLAST) mission will have
much greater sensitivity than EGRET. Depending on
spectrum, the LAT will detect sources 20 or more
times below the flux limit of EGRET. At these levels,
what would be undetectable and ignorable small-scale
features of diffuse emission for analysis of EGRET
data become quite relevant for LAT data analysis.

∗Work supported by Department of Energy contract DE-AC03-
76SF00515.

Figure 1: The LAT and the GLAST spacecraft. The
dimensions of the LAT are approximately 1.8 × 1.8 × 0.75
m. GLAST will also carry a gamma-ray burst monitor,
the GBM instrument. The LAT home page is
http://www-glast.slac.stanford.edu. Image source: L.
Klaisner (SLAC).

In this poster, we use results from a sensitive new
survey of molecular gas at high Galactic latitudes by
Dame & Thaddeus [1] to estimate the numbers of
small molecular clouds that will be detected by the
LAT. The new survey is unique for its sensitivity to
small molecular clouds because the grid spacing was
0.25◦. Other surveys of the high-latitude sky have
extended to higher latitudes (e.g., [2, 3]) but with
1◦ sampling. The great majority of the newly-found
clouds have diameters less than 1◦.

2. FLUXES OF CLOUDS IN
GAMMA-RAYS

An interstellar cloud that is not a site of massive
star formation can be considered a passive target for
cosmic rays. The hadronically-generated γ-ray num-
ber luminosity can be computed as (see, e.g., [4, 5])

Iγ(E) =

∫

n(r)qγ(E)dV ∼ (M/mp)qγ , (1)
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where r represents the position within the interac-
tion region V , M is the mass of gas, mp is the pro-
ton mass, n is the number density, and qγ is the γ-
ray emissivity. The γ-ray flux is then F (>100 MeV)
∼ 2.4×10−9(M/10M�)(D/100pc)−2 k photons cm−2

s−1, where D is the distance to the cloud and k is
the enhancement factor of cosmic rays. The numeri-
cal factor takes into account electron bremsstrahlung
(see, e.g., [6]). For local high-latitude clouds, we as-
sume no enhancement, k = 1, so that the cosmic-ray
spectrum is the same as the proton flux measured in
the neighborhood of the Earth.

In estimating hydrogen masses, we do not include
atomic hydrogen associated with the molecular clouds.
The atomic gas is typically more smoothly distributed
than the molecular gas on angular scales of degrees.
(And diffuse γ-ray emission from high-latitude H I is
already included in models of the diffuse emission of
the Milky Way that are used for analyzing γ-ray data.)
Relatively limited (∼15 deg2) mapping of intermedi-
ate latitudes at 9′ resolution with the GBT [7] has
shown that, even without dense molecular cores, the
interstellar H I has a clumpy distribution but at the
typical distances of the H I, these clumps could not
be detected individually by the LAT.

The molecular masses of each cloud can be esti-
mated under the usual assumption of a proportional-
ity between the velocity-integrated CO intensity and
the H2 column density, X = N(H2)/WCO. We use the
value X = 1.8×1020 cm−2 (K km s−1)−1, derived from
an intercomparison of large-scale far-infrared, 21 cm,
and CO surveys [8]. The precise γ-ray fluxes of these
clouds are difficult to estimate owing to the known
wide variations of X in high-latitude molecular clouds.

Expressed in terms of its integrated intensity in
the CO line, SCO, the mass of molecular hydrogen
is M [M�] = 8.60 SCO [K km s−1 deg2] (D/100pc)2

[9]. The factor 8.60 incorporates the value of X as-
sumed; the correction for the contributions from He
and heavier elements is removed here, because the γ-
ray emissivity that we use (see below) already corrects
for their contributions to the overall cross sections by
relative abundance.

3. DETECTABILITY OF CLOUDS IN
GAMMA-RAYS

In order to estimate which clouds the LAT will be
able to detect and spatially resolve, we simulated ob-
servations of idealized, disk-shaped sources against an
isotropic background intensity typical of the Milky
Way at high latitudes (2 × 10−5 cm−2 s−1 sr−1, >100
MeV, photon spectral index -2.1). We simulated a 1-
year sky survey as planned for the first year of the
mission after instrument checkout. The sources were
assumed to have a spectrum consistent with the local

1 10
Energy (GeV)

10-29

10-28

10-27

10-26

10-25

10-24

γ-
ra

y 
E

m
is

si
vi

ty
 (

s-1
 H

-a
to

m
-1
)

Figure 2: For our study of the detectability of
high-latitude molecular clouds, we assumed that their
γ-ray spectra are that of the emissivity from π0 decay for
the local spectrum of cosmic-ray protons. The
parameterization given by Bertsch et al. [10] is shown as
the solid curve. The broken power-law approximation
used in our simulations is dashed. For the simulations of
detectability only γ-rays with energies >300 MeV were
used; for γ-rays below this limit, the PSF is so broad
that they contribute little to the sensitivity for detecting
or resolving these clouds.

γ-ray emissivity (primarily from π0 decay in the range
>100 MeV [10]; Fig. 2), as for the calculation of fluxes
presented above.

As Figure 3 illustrates, the criterion for detectabil-
ity by the LAT cannot be based solely on expected
flux. For faint extended γ-ray sources, detectability
will depend rather strongly on angular size. Prelimi-
nary response functions for the LAT, consistent with
the performance requirements [11], were used for the
simulation. The actual limits and angular sizes can
be expected to change somewhat when final response
functions become available.

Resolving a source (distinguishing it from a point
source) requires better statistics (i.e., more γ-rays)
than detecting it; thus the flux limit for detecting a
source is lower than the limit for resolving it. With
further simulations we mapped the regions of de-
tectability and resolvability in the flux-angular size
plane (Fig. 4), where we have also overlaid the new
Dame & Thaddeus molecular clouds, which are in the
range |b| = 10◦ - 30◦, l = 0◦ - 230◦.

Sources in the lightest shaded region of Figure 4
are both detectable and resolvable, i.e., distinguish-
able from point sources. In the intermediate shaded
region sources are detectable but not distinguishable
from point sources. Even if the expected location, ex-
tent, and shape of a source (disks in the case of the
simulations) are known, if it lies within this region
it is indistinguishable from a point source. Many of
the clouds that are detectable will not be resolvable
(i.e., not distinguishable from point sources). In par-
ticular, any detectable cloud with flux less than ∼8
×10−9 cm−2 s−1 (>100 MeV) will not be resolvable.

Resolving a cloud of course unambiguously estab-
lishes it as a diffuse source. The diffuse nature of the
clouds might also be inferred from variability studies
- they should be steady - or from their relatively soft
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(a) (b)

(c) (d)

Figure 3: Illustration of the limits of the resolving power
of the LAT. The images are simulated γ-ray intensity
maps (4◦

× 4◦) for LAT observations of isolated sources
against the diffuse background intensity at high latitudes.
The simulation is based on preliminary response
functions for the LAT, the exposure is that of the
planned 1-year scanning survey of the sky, and the
sources are assumed to have spectra consistent with the
local γ-ray emissivity (see text). (a) Point source with
flux 5 × 10−9 cm−2 s−1 (>100 MeV). The position of the
source is indicated by the cross. (b) Disk-shaped source
with 1◦ angular diameter and the same flux as (a). The
circle indicates the position and extent of the source.
The source is not detectable. (c-d) are as for (a-b) except
with a source flux of 1 × 10−8 cm−2 s−1 (>100 MeV).
The images have been smoothed slightly to reduce
statistical fluctuations; each 0.1◦

× 0.1◦ pixel typically
contains 2 γ-rays.
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Figure 4: The limiting fluxes for sources with a given
angular diameter to be detected and resolved by the
LAT. The heavy-drawn lines indicate the boundaries for
detecting and/or resolving a source at the 5σ level. The
boundaries were derived from simulations using
preliminary response functions for the LAT, for a 1-yr
sky survey. The crosses are individual high-latitude
molecular clouds in the new survey of Dame & Thaddeus
[1], in the range |b| = 10◦-30◦, l = 0◦-230◦. The catalog
contains 20 clouds that have greater fluxes and angular
diameters than the limits of this plot (and many others
below the flux limit shown).

spectra at high energies (the local γ-ray emissivity
falling as ∼ E−2.75 in the GeV range). However, vari-
ability and spectral studies for faint sources such as
these small clouds will not be particularly constrain-
ing. We expect that many of these γ-ray sources would
be unidentified if they were not already cataloged as
molecular clouds.

4. CONCLUSIONS

The properties of the molecular clouds discovered
in the new survey of Dame & Thaddeus [1] suggest
that approximately 140 high-latitude clouds will be
detected in the LAT sky survey. Based on the cover-
age of the survey and where the clouds are in Figure 4,
we estimate that approximately half of these will be
detected but will not be bright enough to be angularly
resolved. These clouds, if not otherwise incorporated
in a model of the diffuse γ-ray emission of the Milky
Way, would appear to be faint (unidentified or incor-
rectly identified) point sources. This is motivation for
extending the coverage of the high-latitude sky with
CO surveys in preparation for the GLAST mission. A
more detailed version of this work has been published
since the Symposium [12].
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Chandra data of the representative massive star-forming region NGC 6334 is analyzed. After removing newly
detected 792 point sources, extended X-ray emission (5×9 pc2 and 2×1033 ergs s−1 in the 0.5–8 keV luminosity)
is found. By estimating unresolved point sources, ∼90% of the emission was concluded as diffuse in nature. In
tenuous cloud regions, its spectra tend to be represented by thermal emission of several keV. In contrast, in
more dense regions, they exhibit flat continua (a photon index of ∼1), suggesting bremsstrahlung emission by
sub-MeV electrons. All the results can be explained in terms of strong shocks of stellar winds from young OB
stars.

1. Introduction

Massive stars (> 10 M� ) affect their environments
profoundly by ultra-violet photons (1037−39 ergs s−1

) and fast stellar winds (1000-4000 km s−1 , 1034−37

ergs s−1 ). Through exhaustive studies on massive
star-forming regions (MSFRs) made with Einstein ,
ROSAT , and ASCA , one important issue has been
suggested;“ a diffuse X-ray emission”. However, be-
cause of limited angular resolution and sensitivity, it
was difficult to conclude whether the apparently dif-
fuse X-ray emission in MSFRs are really diffuse in na-
ture. From theoretical viewpoint, such a phenomenon
had long been expected in terms of shocks produced
by fast stellar winds from the massive stars (e.g., [1]).
If diffuse emission is true, what is the emission mech-
anism ? If the shock is responsible, do we expect not
only thermal one but also non-thermal emission like
that in supernovae ? Thanks to its superb angular res-
olution, Chandra first enabled a detailed examination
of diffuse X-ray emission in MSFRs [2–4]. Here we
report on the discovery of diffuse hard X-ray emission
from the representative MSFR NGC 6334.

2. Observation of NGC 6334

NGC 6334 is a nearby (1.7 kpc yielding a plate
scale of 1′′ =0.01 pc; [5]) MSFR, with the bolomet-
ric luminosity 4×1039 ergs s−1 [6] and 6×1033 ergs
s−1 in X-rays [7], which are one of the highest of this
class. As shown in figure 1, it contains several star-
forming sites defined in wide wavelength ranges; the
far-infrared (FIR) cores I(N), I, II, III, IV, and V, the
radio source A-F and a star cluster around the star
N29. Not all of these are detected in both wavelength
ranges (see figure 1). Each site is known to be pow-
ered by massive stars, either zero-age main-sequence

Figure 1: Near infrared image of NGC 6334 taken from
the 2MASS (2µm All Sky Survey) atlas. Overlaid
contours are CO J=2-1 [11]. Crosses and diamonds
indicate positions of radio sources and FIR cores,
respectively. Squares represent the two field-of-view of
the Chandra observation. Co-ordinates are E1950.

stars or proto stars (e.g., [8–10]).

We conducted two 40 ksec ACIS–I observations
of NGC 6334 with Chandra in 2002, to cover the
whole nebula. Hereafter we call each of them “north
field” and “south field”, according to their declina-
tions. We started data reduction with the Level 1
event files provided by the Chandra X-ray Center, and
followed the standard data reduction procedures us-
ing the Chandra Interactive Analysis of Observations
software package version 2.3 and the calibration data
base version 2.18. We corrected pulse heights for the
Charge Transfer Inefficiency. After these data reduc-
tions, we have obtained 39.4 and 19.4 ksec exposure
times in the north and south observations. Using these
data, we created X-ray images as shown in figure 2.
In this figure, we observe a number of point sources
and also indication of extended structures.
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Figure 2: Adaptively smoothed X-ray images of NGC 6334 in the (a) 0.5–2 and (b) 2–8 keV bands, displayed on the
J2000 coordinates.

3. Extended Emission Analysis

In order to examine the extended structure, we
must first detect and exclude point sources. We then
utilized the wavdetect program. We used images
in three bands (0.5–2, 2–8, and 0.5–8 keV) indepen-
dently. Significance criterion and wavelet scales were
set as 1×10−6 and 1 to 16 pixels in multiples of 2,
respectively. As a result, we have detected 449 and
390 sources in the north and south fields, respec-
tively. Excluding overlaps, the total source num-
ber is 792. We estimated the completeness limit
(CL) from source-number histograms as a function
of background-subtracted counts. CL is ∼10-30 net-
counts and increases toward the outside edge of the
field of view. This CL corresponds to the 0.5–8
keV absorption-uncorrected luminosity of 2-6 and 4-
12×1030 ergs s−1 in the north and south observations,
respectively.

We then created point-source masks to remove
point sources. We defined new circular regions
around individual sources based on the “Chandra Ray
Tracer”. For each source, we chose a radius to include
∼ 98 % of photons at the Al Kα-line energy (1.497
keV). We applied obtained masks to raw CCD im-
ages, and then created the residual emission images
as exhibited in figure 3.

In order to analyze the spectrum of the extended
emission, we define in figure 3 a rectangle of ∼ 10′ ×
18′, elongated along the linearly aligned cores, and call
it “extended emission region”, or EER. Using the equi-
lateral line from the two aimpoints, we further subdi-
vide this EER into two trapezoids. When analyzing
the north-eastern and south-western trapezoids, we
use only the north and south field observation data,
respectively. We obtained two sets of spectrum, arf,
and rmf files corresponding to the two observations,
and then added them together considering the differ-
ence in their exposure times. Also, we have chosen

two square background regions (BR) where the ex-
tended emission is relatively weak in the north and
south fields. We then similarly derived a background
spectrum. The 0.5–7 keV raw counts of the EER and
BR spectra are 22500±150 and 14600±160, respec-
tively, yielding the excess counts of 7900±220. Thus,
the excess emission is statistically quite significant.

To characterize the spectrum of the background-
subtracted EER emission, we conducted spectral fit-
ting to the EER spectrum. We employed a simple
power-law model with an interstellar absorption. The
results are shown in table I and figure 4. All quoted er-
rors in the spectral fitting refer to 90 % confidence lev-
els. The fit was not acceptable with χ2/ν ∼ 2 because
of an excess around 2–3 keV, although it contributes
only ∼5% in the 0.5–7 keV flux. The spectrum shows
no emission lines and show very flat continuum with
Γ ∼ 0.9. The 0.5–8 keV flux implied by the best-fit
model is 5.6×10−12 ergs s−1 cm−2before removing the
absorption, and the absorption-corrected 0.5–8 keV
luminosity reaches 2×1033 ergs s−1 .

To examine a contribution of unresolved faint
sources, we utilized the absorption-uncorrected lumi-
nosity function of 548 point sources in the EER. To
complement the luminosity function below the CL, we
have incorporated Chandra results on the Orion Neb-
ula Cluster (ONC) taken from Feigelson et al. (2002)
[12]. We corrected the ONC function for the absorp-
tion and source number density. We estimated the
expected flux of unresolved sources by integrating the
luminosity function of the ONC, from the complete-
ness limit down to the end, ∼ 1028 ergs s−1 . The
estimated unresolved sources are 2500 in number and
∼2×1032 ergs s−1 in absorption-uncorrected luminos-
ity. This is only 12 % of the EER emission. Hence, we
conclude a large part of the emission is truly diffuse.
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Figure 3: Adaptively smoothed images of the extended emission, plotted with contours in logarithmic scales. Panels
(a) and (c) show the soft band images, while (b) and (d) the hard band. Also two pairs of panels (a) and (b), and, (c)
and (d), correspond to the north and south field, respectively. Two trapezoids and squares represent the EER and BR,
respectively. Circles and ellipses indicate the selected regions to be utilized in the spectral analysis.

Figure 4: The ACIS–I spectrum of the EER, compared
with the best-fit power-law model (solid line). See table I
for the obtained parameters.

4. Region-by-region Spectral Analysis

4.1. Region de�nition

We then consider the apparently flat spectrum of
the EER (Γ ∼ 0.9). If it arises from non-thermal

Table I Parameters derived by the power-law model
fitting to the EER spectrum.

model param

abs.a NH 0.42+0.17
−0.18

P.L.b Γ 0.85+0.17
−0.19

norm 4.4+1.1
−1.0 × 10−4

FX 5.6×10−12

LX 2.2×1033

χ2/ν 64.4 / 34

a The hydrogen column density in 1022 cm−2.
b Power-law model. Γ is the photon index, norm is

photon flux at 1 keV in photons cm−2 s−1, FX and LX

are the X-ray flux and absorption-corrected luminosity in
the 0.5–8 keV band, respectively.

emission, the discovery would be of great importance,
since the X-ray emission from MSFRs are considered
as a thermal one. Nevertheless, superposition of ther-
mal components with different absorptions which also
makes apparently a flat spectrum, must be examined.
Hence, we conducted region-by-region spectral analy-
sis. Based on the extended emission images as shown
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in figure 3, we newly select 12 bright clumps; C1, C1N,
C1S, C2, C2W, C3 and AXJ in the north field, and,
C4E, C5N, C4B, CB and C4B in the south field. C
stands for “core” and corresponds to the FIR cores,
while AXJ the known X-ray source AXJ 1720.4−3544.

4.2. Spectral �tting of the summed point
sources

We first analyzed the summed point sources with
simple models. The spectra in 8 out of the 12 re-
gions have been represented successfully by a single
temperature thin-thermal model. The C2W and C3
region required an additional narrow Gaussian and a
second thermal plasma model of rather low tempera-
ture, respectively. The CB and C4B which involve the
bright background AGN (NGC 6334 B), a power-law
model and a single temperature plus power-law model,
respectively, gave acceptable fits. All the 12 spectra
have been successfully reproduced in this way. Fitting
results are summarized in figure 5 (a).

The obtained absorption column density differs
clearly from region to region. Specifically, the AXJ,
C2, C3, C4, C5N regions have column densities of
(0.5 ∼ 1) × 1022 cm−2, while the others have (2 ∼
10)× 1022 cm−2. The derived temperatures are mod-
erately high, i.e., several keV, in agreement with the
typical X-ray temperature of young stellar objects.
All the spectra except those from the three regions
C3, CB and C4B have been successfully reproduced
each by a single temperature plasma model absorbed
by a single column density. This fitting result ensures
that each of the 12 regions has a well-defined value of
NH.

4.3. Spectral �tting of the diffuse
emission

Next we conducted spectral fitting of the diffuse
emission in each region. We fitted spectra with a sin-
gle temperature plasma model. The temperature and
the column density were left free to vary except in C1,
C1N, C1S, C2W, C4, and CB regions for which the
column density is fixed at that of the summed point
sources due to the paucity of the signal. The heavy
element abundances were fixed at 0.3 solar except in
C1 and C1S for which it was left free to reproduce
a sign of Fe-K line emission. Escape photons from
the summed point sources were taken into account by
adding their best-fit models, and multiplying it with
the third-order polynomial function.

The results of this analysis are shown in figure 5
(b). All the fits have been acceptable, although the
C4B fit is marginally acceptable (χ2/ν = 61.9/44) be-
cause of the data excess in 1–2 keV as shown in figure
6 (left). We then found that, in weakly absorbed re-
gions, the best-fit temperatures are moderate (<10

keV). On the other hand, in strongly absorbed ones
(hard regions), the temperatures tend to higher. Es-
pecially, in C4, CB, and C4B regions, the best-fit val-
ues far exceed 10 keV. Considering that these spectra
show no emission lines, we then refitted them by a
power-law model. For example, in the case of the
most photon-rich spectrum of C4B (730 cts), we ob-
tained a better fits (χ2/ν = 54.3/44) as seen in figure 6
(right). The obtained power-law indices are extremely
small (0.39+0.66

−0.63) with NH = 1.7+1.2
−1.0 cm−2. We also

tested a leaky-absorber model (a single emission with
two different absorptions) for the C4B spectrum but
the temperature is still high (>10 keV). Similar to
C4B, the other two (C4 and CB) show flat continua
with Γ ∼ 0.6 − 1.0 with 90 % confidence upper lim-
its of ∼ 1.5 Hence, the apparently flat spectrum of
the diffuse emission is a mixture of thermal and very
flat continuum spectra. Although the thermal plasma
picture cannot be totally rejected, the latter favors
non-thermal emission.

5. Discussion

We have revealed the existence of the diffuse hard
X-ray emission in NGC 6334. In tenuous part of the
molecular clouds, the diffuse spectra show thermal
plasma emission with temperatures of several keV.
In dense molecular cloud cores, we have found flat-
continuum spectra with Γ <∼ 1.5. The observed diffuse
X-rays can be a mixture of thermal and non-thermal
emission. Below we examine the two possibilities con-
sidering emission mechanism, and constrain on neces-
sary energy to be supplied.

In the non-thermal emission case, there can be three
emission mechanism candidates; bremsstrahlung, in-
verse Compton, and synchrotron emission. Based on
the standard diffusive acceleration theory, the latter
two can be ruled out since the electron and photon
spectra cannot be flatter than 2 and 1.5, respectively
[13]. On the other hand, in an environment with a
high matter density like in the present case, the spec-
trum of energetic electrons will become flatter than
is implied by the theory, because lower-energy elec-
trons lose energy more quickly than the more ener-
getic ones [14]. However, because the Coulomb loss
overwhelms the bremss in this energy range, a lumi-
nosity of at least 1036 ergs s−1 is required to each hard
X-ray clump of NGC 6334.

In case of thermal plasmas, the emission mecha-
nism is considered as thermal bremsstrahlung with
fluorescent lines. We can calculated plasma param-
eters including the total energy to be supplied from
observational quantities. Here we assume parameters
of a typical soft region (L = 5×1031 ergs s−1 , kT = 5
keV, and a radius of 0.5 pc) and the age of NGC 6334
(∼1 Myr). We also assume the filling factor η. Then,

the energy input can be calculated as 1033η
1
2 ergs s−1
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Figure 5: Results of the spectral fitting to (a) the summed point sources and (b) the diffuse emission in the 12 diffuse
emission regions with a single temperature model (boxes), or a power-law model (thick crosses), or a combination of
them. From top to bottom panels, plotted are the best-fit values of the absorption column density in 1022 cm−2, the
temperature in keV, the abundance in solar units, and the uncorrected 0.5–8 keV X-ray surface brightness in ergs s−1

cm−2pc−2. Dashed line indicates the temperature of 10 keV.

Figure 6: The C4B spectrum fitted with a single
temperature plasma model and a power-law model (solid
lines). The escape-photon effect (2% at Al Kα) from the
summed point sources are included (dashed lines).

for each soft region. If scaling to the whole EER emis-
sion, this increases to be 1036η

1
2 ergs s−1 . The cooling

time will be ∼ 108η
1
2 yr, far larger than the typical

age of MSFRs (105−6 yr). Thus, the total energy will
be all what is to be supplied during this time scale.

We here must examine whether the plasma can be
confined or not, since pressure of the thermal plasma
as estimated above based on the thermal assump-
tion is higher than that of the surrounding molecular
clouds (105−6 K cm−3) and the U can be underesti-

mated in such situation. In fact, a 5 keV plasma can
expand (with sound velocity) over ∼ 0.5 pc in only
∼ 1000 yr, which is much shorter than the cooling
time scale. However, the confinement of the plasma is
possible by the surrounding dense HII region, where
the pressure is thought to be higher (107 ∼ 108 K
cm−3, [8]). This roughly agrees with the observed
distribution of the diffuse emission. There is also an
other possibility, the magnetic pressure of the molec-
ular cloud, which is also large enough to confine the
plasma if assuming the magnetic field strength of the
cloud cores (an order of 100µ G, [15]).

What explains the huge energy necessary in both
cases ? Among many energetic phenomenon associ-
ated with MSFRs, the most plausible candidate is the
fast stellar wind from massive OB stars. We know
that NGC 6334 involves at least 8 late O or early B-
type stars. Such a star is expected to emit thick and
fast winds, individually supplying a kinematic lumi-
nosity of 1035 erg/s. By assuming a few such stars, we
can explain the energy input in both two interpreta-
tions. The maximum temperature behind the shock
can explain the observed temperature 1∼10 keV since
the fast stellar wind reaches 1000-4000 km s−1 . Fur-
thermore, the high energy particle accelerated at the
shock front is possible. The size of the whole diffuse
emission of NGC 6334 (5×9 pc2) can be explained by
a superposition (8 or more) of OB stars [1].

Finally, we summarize the reported X-ray luminos-
ity of the diffuse X-ray emission Ldiffuse in MSFRs
with Chandra as a function of a bolometric luminos-
ity Lbol. Although the lack of data points in the low
Ldiffuse and the large Lbol range could be a selection
effect, we see a sign of positive correlation. Since the
most of Lbol is due to OB stars in individual MS-
FRs, this relationship independently suggests a close
relationship of the emission to the massive stellar ac-
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Figure 7: The bolometric luminosity versus the 0.5–8
keV X-ray luminosity of diffuse X-ray emission in MSFRs
observed with Chandra (see [3-4] for the summary of the
reported diffuse X-ray luminosity).

tivities such as their fast stellar winds. In order to
strengthen this indication, we should further analyze
the Chandra of low Lbol MSFRs.

In summary, our Chandra results on NGC 6334 pro-
vide a strong support to a view that the strong stellar
winds from young OB stars give rise to the diffuse
hard X-ray emission.
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EUSO is an international mission aimed to measure from space the flux, and investigate the nature and origin of the charged 
and neutral particles of the Extreme Energy Cosmic Rays (EECR) with energy above the conventional value (E = 5⋅1019 eV) of 
the Greisen Zatsepin and Kuzmin (GZK) effect. EUSO will pioneer the observation from space of EECR-induced Extensive 
Air Showers (EAS), making measurements of the primary energy, arrival direction and possibly composition of the incoming 
radiation by using a sensitive area and target volume far greater than that achievable from ground. Such data will shed light on 
the origin of EECR, on their sources, on the propagation environment from the source to the Earth, and on the particle physics 
mechanisms at energies well beyond those achievable in man-made accelerators. 

 

1. INTRODUCTION 

Cosmic rays have always been at the intersection of 
astrophysics with particle physics. This is still true in 
current days where experimenters routinely observe 
atmospheric showers (EAS) from particles whose 
energies reach macroscopic values up to about 50 Joules. 
This dwarfs energies achieved in particle accelerators by 
about eight orders of magnitude in the detector frame 
(fixed target experiments) and three orders of magnitude 
in the centre of mass (collider experiments). Such 
macroscopic energies in a single particle likely link their 
origin to the most energetic processes in the Universe 
and possibly testify physics not yet discovered. 
Explanations range from conventional shock acceleration 
to particle physics beyond the Standard Model and 
processes taking place at the earliest moments of our 
Universe. After almost 90 years of cosmic rays (CR) 
research, their origin is still an open question, with a 
degree of uncertainty increasing with energy. The CR 
spectrum exhibits little structure, and is approximated by 
broken power laws ∼ E−γ: at energies E ~ 4·1015 eV, the 
so-called “knee”, the flux of particles per unit area, time, 
solid angle, and energy gets steeper from a power law 
index γ ∼ 2.7 to one of index ∼ 3.0. The bulk of CRs up 
to at least that energy is believed to originate within our 
Galaxy. Above the so-called “ankle” at E ~ 5·1018 eV, 
the spectrum flattens again to a power law of index γ 
~ 2.7. This latter feature is often interpreted as a cross 
over from a steeper galactic component, which above the 
ankle cannot be confined by the galactic magnetic field, 
to a harder component of extragalactic origin. 

Over the last few years, several giant air showers have 
been detected both in ground detectors measuring the 
secondary shower particles and in fluorescence 
telescopes detecting the nitrogen emission induced by 
the shower in the atmosphere, confirming the arrival of 
CRs with energies up to a few hundreds EeV (1 EeV = 
1018 eV), corresponding to about 50 Joules. The 
existence of such extreme energy cosmic rays (EECRs) 
poses a serious challenge for conventional theories of CR  
origin based on acceleration of charged particles in 
powerful astrophysical objects. In addition, nucleons 

above ~ 70 EeV loose energy drastically because of 
photo-pion production by the cosmic microwave 
background (CMB), the Greisen-Zatsepin-Kuzmin effect 
(GZK) [Greisen, 1966; Zatsepin and Kuzmin, 1966] 
which limits the distance to possible sources to less than 
~ 100 Mpc. Heavy nuclei at these energies are photo-
disintegrated in the CMB within a few Mpc [Stecker and 
Salomon, 1999 and the references therein]. Unless the 
sources are strongly clustered in our local cosmic 
environment, a cut-off in the spectrum above ~ 70 EeV 
is therefore expected, giving rise to flux suppression 
above this value. 

The experimental situation of the detected flux of 
EECRs shows a disagreement between the AGASA 
ground array (11 events detected above 1020 eV as 
opposed to about 2 expected from the GZK effect) and 
the HiRes fluorescence detector whose measurements 
seem to be consistent with the presence of a cut-off. The 
Pierre Auger Observatory may probably solve this 
discrepancy; however a more sensitive experiment, with 
a number of events per year increased by at least an 
order of magnitude, is highly demanded and 
scientifically meaningful, either to measure the source 
distribution in the sky or to enlight the spectrum 
recovery after the energy of the GZK suppression. The 
EUSO sensitive range, as it is actually proposed and 
designed, meets this goal with an observational target of 
the order of 1000 events/year (E > 1020 eV) and an 
energy threshold Eth > 5×1019eV. 

Most of the cosmological theories on CR origin, and 
the GZK effect itself, predict moreover a significant 
production of astrophysical neutrinos ranging up to 
energies ≥ 1018 eV. It is a common taste that astronomy 
at the highest energies must ultimately be performed by 
neutrinos because the Universe is transparent to no other 
known radiation. However, detection of astrophysical 
neutrinos demands an extraordinarily large volume, and 
EUSO will significantly increase the target volume 
compared with ground-based detectors, enabling 
exploration of the neutrino Universe. 
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2. THE EUSO OBSERVATIONAL 
APPROACH 

Detecting fluorescence light, induced in the 
atmosphere by Extensive Air Showers (EAS), is 
commonly used for studying EECR in ground-based 
experiments. The new approach of EUSO, which looks 
at the atmosphere from a space-based UV telescope, 
contains some peculiarities with respect to the ground-
based approach that need to be outlined in view of the 
different problems/opportunities arising from them. 

The EUSO detection method, based on the observation 
from space of the fluorescence yield of EAS produced by 
EECR, relies primarily on the demand for a large 
increase in event statistics compared with that of any 
ground based experiment. The calculations based on the 
simulated performance of the EUSO detector in the 
configuration optimised during the advanced feasibility 
study lead to the conclusion that more than 103 showers 
per year are expected to be detected with E > 1020 eV in 
the case of super-GZK flux spectrum; the spectral shape 
above the GZK characteristic energy will be measured 
with a high degree of confidence level also in the case of 
the GZK suppression. 

The EUSO detection device consists mainly of a large 
field-of-view telescope, placed aboard the International 
Space Station ISS and pointing to nadir. The Earth 
surface viewed by EUSO, according to the preliminary 
instrument definition, exceeds 2⋅105 km2, with a total 
mass for the overlying atmosphere greater than 1012 tons. 
This will allow not only studying the highest energy 
showers with much higher statistics that any proposed 
ground-based experiment, but also to search for the 
possible existence of multiple shower events. Because of 
the large target mass ν-induced showers could be 
detected, under favourable conditions of flux and cross 
section. 

The use of a space-based detector has a number of 
very significant advantages: 
• a full sky coverage is obtained in a single experiment, 
thanks to the ISS orbit inclination (± 51°); 
• the non-proximity of the EUSO detector to the EAS, 
considerably diminishes the severe problems associated 
with the determination of the solid angle and with the 
differential attenuation of the atmosphere traversal 
suffered by the UV light, also within the same EAS; 
• the near-constant fluorescence emission at different 
heights below the stratosphere allows to make simple 
and justified assumptions on the relationship between the 
energy and the fluorescence yield at the EAS maximum 
as well as to the relationship between the time structure 
of the EAS and the height at which it is produced; 
• the observation of the fluorescence light from above 
allows the method to be much less sensitive to the 
presence of most aerosols, which are limited to altitudes 
below the atmosphere boundary layer; 
• a further signature of an EECR event can be detected: 
the shower “footprint” given by the Čerenkov light flash 

on ground (or on an optically thick surface encountered 
by the EAS along its path). An intense Čerenkov 
radiation is in fact produced by the ultrarelativistic 
particles in the EAS. This Čerenkov light, emitted as the 
shower progresses through the atmosphere in a broad 
wavelength band (∼ 200 to 500 nm), with a λ-2 
dependence of the emitted photons per unit length, is 
highly collimated around the shower axis, and will be 
only partially scattered by the atmosphere itself. As a 
result its propagation accompanies the shower front and 
the resulting light beam is “dumped” on an optically 
thick surface encountered by the shower, i.e. a dense 
cloud or the Earth surface (sea, desert, forest, etc).  

The fluorescence light from the shower appears as a 
thin luminous disk - whose intensity is proportional to 
the number of charged particles in the EAS - with a 
variable radius of the order of 0.1 km, and a front 
thickness of the order of a few meters. It moves through 
the atmosphere approximately at the speed of light. The 
fluorescence light at the maximum development of the 
EAS and the total integrated fluorescence light are 
proportional to the primary particle energy. The 
additional observation of the impact point on land, sea or 
cloud top, with measuring the time of the diffusely 
reflected Čerenkov light provides additional information 
useful to improve the EAS reconstruction. This light 
emission is imaged on the focal surface of the EUSO 
telescope, where the apparent EAS angular size can vary 
from few to tens of degrees, corresponding to a length 
from few to tens of km on Earth depending on many 
parameters, such as the nature of the primary particle, its 
energy and arrival direction. The image will be 
sequentially recorded, starting as a faint signal, 
increasing to a maximum before fading gradually away. 
A proton induced EAS of energy E ∼ 1020 eV will be 
typically imaged by the EUSO instrument as a number of 
detected photons per pixel per µs, over several aligned 
pixels during tens to hundreds of µs. This pattern will be 
followed, in many cases and with a time delay up to 
hundreds of µs, by the diffusely reflected Čerenkov light 
spot, peaked within a few pixels and within a time 
window of a few µs. 

EUSO basically operates as a Time Projection 
Chamber (TPC) to reconstruct the properties of EECR-
induced EAS by measuring both the fluorescence and the 
Čerenkov photons generated by the EAS itself: a two 
dimensional projection of an EAS is reconstructed from 
the distribution of the light signals imaged onto the focal 
surface. The third projection, the distance along the line 
of sight, is measured from time delays of the arriving 
photons. The absolute altitude of the EAS can be 
evaluated from the diffusely reflected Čerenkov light in a 
delayed coincidence with the fluorescence one. The 
ionization of nitrogen atoms in the atmosphere by the 
charged particles of the EAS leads to an isotropic 
emission of fluorescence light along the EAS path 
length. Fast charged particles emit Čerenkov light within 
a small aperture cone along the EAS direction, and this 
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Čerenkov light can be detected directly for EAS pointing 
to the telescope or by diffuse reflection from ground, sea 
or clouds for EAS pointing to the Earth. 

The scientific requirements to define the detector are: 
• obtain a EECR rate of 103 events/year in the energy 
range E > 1020 eV; 
• have an energy threshold able to perform an absolute 
flux calibration with the largest ground-based experiment 
(AUGER), i.e. at least half a decade overlap in the 
energy spectrum (Eth ≤ 5⋅1019 eV) 
• have a pointing accuracy better than 1° and an energy 
resolution ∆E/E ≤ 20% in the energy range E > 1020 eV. 

The EUSO instrument is conceptually very simple: it 
basically consists of the EECR and ν telescope assisted 
by an Atmosphere Sounding Device. The EECR/ν 
telescope is basically a fast, high-granularity, large-
aperture and large Field-of-View camera, working in the 
near-UV (330÷400 nm) with single photon counting 
capability. It allows observation of the Earth atmosphere 
making possible the detection of EECRs and neutrinos of 
energy E ≥ 5×1019 eV through the fluorescence signal 
produced by EAS, and the diffusely reflected Čerenkov 
light associated with the EAS. 

The instrument is made of a collecting optics, focusing 
the EAS image onto a photo-detector assembly located at 
the focal surface (FS). A double Fresnel lenses module 
with 2.5 m external diameter is the baseline optics for the 
EUSO telescope. Fresnel lenses (made of radiation hard 
light-weight plastic material) can provide a large-
aperture, wide Field of View system with reduced mass 
and low absorption. The UV light, focused by the large 
collecting area of the optics, is imaged onto the focal 
surface. The FS photo-detector is made of highly 
pixelized single photon sensitive sensors and it is based 
on a modular structure made of modules with a 
geometrical shape that allows a good fitting to the FS 
while reducing the complexity of assembly and testing. 
The trigger part provides all the functions required for 
trigger, read-out and storing of the scientific 
observational data, whereas the control part is in charge 
of managing the operations of the Instrument, including 
data telemetry preparation and transmission and thermal 
control. The EECR/ν signal is extracted from the 
background and processed on-board, before raw data are 
sent to ground-stations. An atmospheric sounding device 
provides useful information on the atmosphere profile, 
helping the EECR event reconstruction. 
Even if a telescope aiming to watch from Space the EAS 
produced in the atmosphere by EECR is conceptually 
simple, its design is a challenging task, mainly because: 
• the EECR flux reaching the Earth is very small, thus 
demanding a large FoV and/or a high altitude orbit to 
increase the aperture;  
• the observable signal is faint (isotropic fluorescence 
emission means a r-2 reduction of the collected photons 
for a distance r of the detector from the fluorescence 

source), and therefore only very energetic showers can 
be detected, resulting in a very high energy threshold; 
• the apparatus has to operate in space within all the 
constraints and resource limitations imposed. 
 
 

3. EXPECTED RESULTS 

The key parameter to fully exploit the potential 
physics of EUSO, as far as EECR/ν is concerned is the 
aperture of 6⋅105 km2 sr. This figure, folded with the 
acceptance and the duty cycle, enables to predict the 
expected event statistics, according to the incoming flux 
of primary Cosmic Rays. 

 

 

Fig. 1 - EUSO counting rates expected after three years  
 
 

Energy SGZK GZK SGZK GZK 

Log(E(eV)) eV×10
19  #of events>E 

19.7 5.0 1900 1787,7 7832 3434,9 

19.8 6.3 1763 1006,5 5932 1647,2 
19.9 7.9 1293 414,0 4169 640,7 

20.0 10 942 142,5 2876 226,7 
20.1 12 640 42 1934 84,2 
20.2 15 433 16,2 1294 42,2 

20.3 20 293 9,0 861 26 
20.4 25 200 6,0 568 17 

20.5 31 135 4,0 368 11 
20.6 39 87 2,7 233 7,0 

20.7 50 60 1,8 155 4,3 
20.8 63 40 1,2 85 2,5 

20.9 79 29 0,8 45 1,3 
21 100 16 0,5 16 0,5 

Table 1 – EUSO EECR event rate (in 3 year of operation) 
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Fig. 1 and Table 1 (where the number of events have 
been computed with a 19% duty cycle) show the result in 
terms of number of events, assuming two hypotheses for 
the energy spectrum: 
• a Super-GZK spectrum is observed corresponding to 
a E-2.7 spectrum (extrapolated from the AGASA results) 
with no GZK suppression and normalized to a value of 
3.6⋅10-33 (events per eV⋅m2⋅ sr⋅ s) for E = 1019 eV 
(SGZK);  
• a GZK spectrum: the energy profile of this GZK is 
taken from the work of  Berezinsky et al., 1990. 

In 3 year lifetime, in the case of Super-GZK ∼ 8000 
showers are expected to be observed by EUSO above E 
∼ 4⋅1019 eV, with an average efficiency of 50%, not 
including the recovery by using an atmospheric sounding 
device. The number of expected events above 1020 eV is 
of order of 3000. In the case of a GZK cutoff, under the 
same assumptions, the number of events observed for 
energies above 1020 eV is ∼ 250,  and of order of 3500 
for energies E > 5⋅1019 eV. This implies that the GZK 
decrease can be precisely measured as well as the GZK 
recovery. If EECR are accelerated in astrophysical 
sources that extend in space on angular scales smaller 
than the angular resolution of the detector, one expects 
that clusters of events should come from the direction of 
these point sources. A first indication of clustering 
appears in the AGASA data, where several doublets and 
one triplet of events have been identified. 

Particular attention has been dedicated to investigate 
the energy region below 1020 eV, where the cross 
calibration with AUGER data will be required as a cross 
check and absolute intercalibration of the EECR flux. 
These data lie at the border of the EUSO energy range, 
i.e. where the efficiency is changing with a steep slope. 
An error in the energy attribution will therefore turn into 
a very large error in the flux estimate. The study of the 
EUSO acceptance shows however that at low energy, the 
large zenith angle region is highly enhanced. Moreover 
the throughput of the EUSO optical system is maximised 
in the central region of the FoV, which can be therefore 
defined as a bright area for EECR detection. 

Because of the large mass (~ 1012 tons) of atmosphere 
in its FoV, EUSO candidates itself as a very powerful 
detector of ultra high energy cosmic neutrinos, above the 
energy threshold E > 5⋅1019eV. The presence of neutrino-
induced showers will in fact have a clear signature in 
EUSO. A νe primary entering the atmosphere will 
produce an electromagnetic shower and hence an EAS as 
well, if it has the chance to interact through CC 
interaction in the atmosphere, and will be observed by 
EUSO, whenever the interaction occurs within the 
volume limited by its FoV. Since the expected EAS 
statistics is of the order of 103 events/year above 1020 eV, 
as far as the hadronic EECR are concerned, neutrino 
induced EAS must then be recognized and selected out 
from those induced by hadrons or photons, with a 
rejection power of 10-4. 

The capability of EUSO to discriminate neutrino-
induced showers from “ordinary” cosmic ray showers 
turns the low neutrino interaction cross section into an 
advantage: the ν-flux is not attenuated while traversing 
the atmosphere and neutrino events will be identified by 
the larger slant depth in the atmosphere where the 
shower takes place. As a consequence, the neutrino 
signature in EUSO is completely different from the 
signature of charged particles, allowing a clear 
discrimination of the two events. The signature of a 
neutrino interaction is even further discriminated from 
that of a charged cosmic ray by detecting the Čerenkov 
light associated to the shower: because of the different 
cross-sections the neutrino signature implies the 
development of the shower much closer to the ground 
and, as a result, a much shorter time delay between the 
fluorescence and the Čerenkov light signals of neutrinos 
as compared with that of charged cosmic rays.  

Due to the weakness of neutrino cross sections the 
neutrino flux is not significantly attenuated while 
traversing the atmosphere (even at extremely high 
energy and for horizontal directions). As a consequence 
the probability distribution for the altitude of neutrino 
interactions inside the atmosphere follows its density 
profile and the main signature which identifies neutrino 
showers from hadron/photon showers is the slant depth 
at which the first interaction takes place and hence the 
shower develops. A selection based on the slant depth of 
the shower maximum appears as the cleanest signature to 
reach the desired rejection power. 

 

4. CONCLUSIONS 

EUSO will address basic problems of fundamental 
physics and high energy astrophysics, namely: 
• investigation of the highest energy processes present in 
the Universe through the detection and investigation of 
the Extreme Energy Component of the Cosmic 
Radiation. 
• investigation of the highest energy processes present in 
the Universe through the detection and investigation of 
the Extreme Energy Component of the Cosmic 
Radiation. 
• detection of the arrival directions and small-scale 
clustering of the EECRs will provide information on 
their origin and on the inter-galactic magnetic fields. 
• open the channel of high energy neutrino astronomy to 
probe the boundaries of the extreme universe and to 
investigate the nature and distribution of the EECR 
sources. 

From the scientific and technical point of view, the 
conclusions which can be drawn are that EUSO is a 
pioneering experiment for studying EAS from space. An 
instantaneous aperture of 6⋅105 km2sr with a duty cycle 
~20% is a technically achievable goal with up-to-date 
technology. The acceptance reduction due to cloud effect 
has been evaluated to be ~1/3. EUSO, with its dynamical 
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range (E > 5×10
19

 eV) is a “beyond-GZK experiment”. 
At E > 10

20
 eV its expected performances are: 

• about 10
3
 events/year according to AGASA findings; 

• about 10
2
 events/year according to GZK spectrum due 

to uniform source distribution. In both cases EUSO will 
complement the AUGER findings; 
• study the source spectra will be possible in case that 
AUGER will confirm a robust incoming flux beyond the 
GZK suppression range as indicated by AGASA data; 
• the spectrum recovery beyond the GZK cutoff and the 
related source distribution will be studied also in case of 
GZK suppression that will prevent AUGER to measure 
any statistically significant flux beyond E ~ 1020eV. 
• Finally EUSO will be highly sensitive to neutrino 
astronomy at E > 5⋅1019 eV and will have the chance to 
open the research field of Extreme Energy neutrino 
astrophysics (EEν). 
•  
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Multiwavelength Observations of the BL Lac PKS 2155-304 with the
H.E.S.S. Cherenkov Telescopes

Berrie Giebels for the H.E.S.S. collaboration
LLR Ecole Polytechnique, F91128 Palaiseau, France

The High Energy Stereoscopic System (H.E.S.S.) has observed the X–ray selected BL Lac object PKS 2155−304
in 2003 between October 19 and November 26 in Very High Energy (VHE) γ-rays (E ≥ 160 GeV here).
Observations were carried out simultaneously for the first time with the PCA on board the RXTE satellite,
the Robotic Optical Transient Search Experiment (ROTSE) and the Nançay decimetric radiotelescope (NRT).
Intranight variability of the order of 80% is reported in the VHE band, the source being detected with a high
significance on each night it was observed. More significant variability is found in the X–ray and optical bands
on kilosecond timescales along with flux-dependent spectral changes in the X–rays. No correlation can be
established between the X–ray and the γ-ray fluxes, or any of the other wavebands, over the small range of
observed variability. The average H.E.S.S. spectrum is a very soft power law with a photon index of 3.37±0.07.
The energy output in the 2-10 keV and in the VHE γ-ray range are found to be similar, with the X–rays and the
optical fluxes at a level comparable to some of the lowest historical measurements indicating that PKS 2155−304
was in a low or quiescent state during the observations. Both a leptonic and a hadronic model are used to find
the underlying physical parameters that can be found with these observations. These parameters are found
to be sensitive to the model of Extragalactic Background Light (EBL) that attenuates the VHE signal at the
redshift considered here.

1. INTRODUCTION

PKS 2155−304 is probably the most prominent and
best-studied blazar-type AGN in the Southern Hemi-
sphere. The emission of PKS 2155−304, possible
variability patterns, as well as correlations across all
wavebands, have been studied exhaustively during the
past 20 years (see e.g. [25]). It has also been classi-
fied as a TeV blazar, like the northern hemisphere
BL Lac objects Mkn 421, Mkn 501, H 1426+428 or
1ES 1959+605. Its redshift of z = 0.117 makes it
the second most distant TeV blazar after H 1426+428
(z = 0.129). PKS 2155−304 was the brightest BL Lac
object in the EUVE all-sky survey [16]. The first TeV
detection of PKS 2155−304 came from the Durham
Mk VI telescopes [6]. It was subsequently confirmed
as a high energy gamma-ray emitter by H.E.S.S. [5],
AH04 hereafter) at the 45σ significance level.

Here we report on simultaneous H.E.S.S. VHE γ-
ray, RXTE/PCA X–rays, ROTSE optical and NRT
decimetric observations of PKS 2155−304 during the
dark periods of October and November 2003. No si-
multaneous multi-wavelength campaign had before in-
cluded an Atmospheric Cherenkov Telescope (ACT)
that could sample the evolution of the high energy
component of the spectral energy distribution (SED)
of this object. We also include EGRET archival
data, and other archival data obtained from the
NASA/IPAC Extragalactic Database (NED).

2. OBSERVATIONS

In its phase I the H.E.S.S. array consists of four At-
mospheric Cherenkov Telescopes operating in stereo

mode, but the data shown here were taken before com-
pletion of the system with the first 2 telescopes and
one more as of mid-September 2003. The forth and
final telescope was added to the array in December
2003, therefore the results presented here consist of a
configuration of both 2 and 3 telescopes. Each tele-
scope is made up of a tesselated 12m-diameter (107m2

surface area) mirror which focuses the Cherenkov light
from the showers of secondary particles created by the
interaction of gamma-rays in the asmosphere onto a
camera in the focal plane. This camera consists of
960 photomultipliers with a 0.16◦ pixel giving a field
of view of 5◦, a gamma-ray trigger threshold of ≈ 160
GeV and a spectral threshold of 300 GeV with an en-
ergy resolution ' 15%. It is located in the Khomas
highlands in Namibia, (23◦ S, 15◦ E, 1800m a.s.l.).
For details on the camera calibration see [4].

As is generally the case with ACT experiments,
data can only be taken in dark-sky, moonless con-
ditions at the site. Such telescopes are pointed in-
struments, and only sources within the 5◦ field of
view can be detected (∼ 0.006 sr). The intrinsic ad-
vantage of such detectors is the large collection area
(∼ 50000 m2); though the rejection of the background
from the showers initiated by charged cosmic rays can
make source detection complicated. Early reports of
H.E.S.S. have been given elsewhere (see e.g. [10]).

The results presented here are based on observa-
tions carried out in 2003 between October 19 and
November 26, when a clear 5 σ level detection by
H.E.S.S. was achieved in an hour in the beginning
of the observation period, triggering thereby an ap-
proved RXTE ToO on this target.
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Figure 1: Top: The distribution of θ2 for on-source
events (points) and normalized off-source events (shaded)
for the observations in October and November 2003.
Bottom: The two dimensional distribution of excess
events observed in the direction of PKS 2155-304.

3. SED MODELING

The broadband spectral morphology of
PKS 2155−304 is typical of the BL Lac type
with a double humped structure in νFν represen-
tation, exhibiting a low-energy and a high-energy
component. Its broadband emission is usually
attributed to emission from a beamed relativistic
jet, oriented in a direction close to the line of sight.
Whereas the current models seem to agree that the
low-energy component is dominated by synchrotron
radiation coming from nonthermal electrons emit-
ted in collimated jets, the high-energy emission is
assumed to be either inverse Compton scattering off
the synchrotron photons (Synchrotron Self-Compton)
or by external photons. A hadronic origin of the
VHE emission using the Synchrotron-Proton blazar
(SPB) model with a dominating proton synchrotron
component at high energies in a proton-electron
plasma is also able to produce a double humped SED.

The high-energy component above ≈ 100 GeV is at-

tenuated by interactions with the Extragalactic Back-
ground Light (EBL) and is probably a lower limit for
the intrinsic spectrum (see e.g. [8, 24]). The en-
ergy budget at X–rays and VHE γ-rays is comparable,
though the maximum output at the peak energy in
the high-energy component is likely to be lower than
the one in the lower-energy component. The connec-
tion between EGRET archival data and VHE data
through a maximum located > 10 GeV would be nat-
ural through the high-state EGRET data. A connec-
tion using the Catalog data extrapolated to VHE en-
ergies with a power law falls below the H.E.S.S. data
and therefore requires 2 inflexion points in the SED.

3.1. EBL corrected spectrum

For objects at non-negligible redshifts, the high and
energy dependent optical depths determine a heavy
modification of the emitted spectrum both in shape
and intensity. Unfortunately, at present the EBL
knowledge is still affected by large uncertainties, on
both direct measurements and models ([21]). In order
to see what the intrinsic spectrum could look like, and
thus to locate the Inverse Compton (IC) peak of the
blazar’s SED, we have used three EBL models as rep-
resentatives of three different flux levels for the stellar
peak component. This is the EBL energy range which
mostly affects the H.E.S.S. spectrum: with data up to
3–3.5 TeV, the peak of the γ−γ crossection is obtained
with soft photons <

∼ 5 µm .
The three models used here are the phenomenolog-

ical shape used in [3], which is based on the original
[21] calculation but smoothed and scaled up to match
the data points below 1 µm and at 2–3.5 µm (hereafter
Phigh); the original [21] calculation, for a Salpeter ini-
tial mass function (hereafter Primack01); and the new
2004 calculation ([20], hereafter Primack04), which
takes advantage of the recent improvements on the
knowledge of the cosmological parameters and of the
local luminosity function of galaxies.

The optical depths are calculated from the EBL
SED shapes taking into account only the cosmology
(H0 = 70 km/s/Mpc, ΩMat = 0.3 and ΩΛ = 0.7).
To treat all the three shapes on the same level, no
evolution has been introduced yet. This corresponds
to a “maximum absorption” hypothesis (i.e., as z in-
creases, constant instead of decreasing EBL comov-
ing energy density). But at these redshifts (∼ 0.1)
and, for example, assuming the evolution given in
[21], the difference is still small (∆Γ < 0.1 in the
range 0.3–1 TeV), and negligible compared to the
differences between models.The resulting absorption-
corrected spectra are shown in Fig. 3, together with
the observed ones. The intrinsic spectra are all well
fitted by a single power-law model, with a hard slope
for Phigh (Γ ≈ 1.5), and steep ones for Primack01
and Primack04 models (Γ ≈ 2.3 and Γ ≈ 2.8, respec-
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Figure 2: (a) October 2003 Lightcurve from HESS binned in run lenghts averaging 25 minutes each. (b) Lightcurve
expressed as flux in the 2-10 keV band for the RXTE observations, in 400 s bins. (c) Lightcurve derived from the
ROTSE optical data.

tively). In the following, we will discuss both scenar-
ios for the SED modelling, using the Phigh and Pri-
mack2004 curves as the two ends of the possible range
of values for the “Primack-type” shape (i.e. between
the claimed EBL direct measurements at few microns
and the lower limits from galaxy counts).

3.2. Leptonic interpretation

Interpretation by a single zone SSC model of the
SED of PKS 2155−304 has already been proposed in
the literature using two different assumptions. In [13]
the low energy tail of the SSC model is used to ac-
count for the low-energy component up to the opti-
cal in the SED. That component is decomposed in
two sub-components by [7] where the radio to opti-
cal emission has an other origin than the X–ray part
which is assumed to come from the jet. These two
different interpretations are used here in the context
of the leptonic model described in [11] which has al-
ready been applied to Mkn 501 and Mkn 421 ([12]).
To constrain this model only the simultaneous data
are used, since the archival data reported in the SED
of Fig. 4 are likely to not represent the state of this
source (see e.g. the difference in optical flux and the

ROTSE measurement).

When using the Primack04 absorption, the model
used here can reproduce the X–ray through VHE part
of the SED, but the H.E.S.S. spectrum constrains it
such that the radio measurement can not be included
in the synchrotron bump predicted by the single-zone
model. As for Mkn 421 and Mkn 501 adding a more
extended component than the VHE emitting zone can
provide an explanation for this. The origin is probably
the compact VLBI core which has a radio core to lobe
ratio of ≈1 ([15, 19]) and a typical size of 1018cm, more
than two orders of magnitude larger than the VHE
emitting zone. This VLBI feature dominates the spec-
trum at low energy and is included in the SED mod-
eling here. An uncertainty remains which is the high
frequency cutoff of this VLBI component. The host
galaxy contribution to the optical flux is estimated to
be ≈ 10−11 erg cm−2 s−1, deduced from the magni-
tudes given by [14] and assuming a low-redshift solar
metallicity elliptical galaxy of age equal to 13 Gyr
(R-H=2.4), corresponding to a mass of 5 × 1011M�

([9]). So even at the measured low activity state of
PKS 2155−304 the host galaxy is not contributing
much in the optical range.

If the absorption correction is well described by the
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Figure 3: PKS 2155−304 absorption corrected spectra,
along with the observed one, for each EBL model
considered and in a νFν plot (i.e. a zoom in the blazar’s
SED). Open squares: H.E.S.S. observed spectrum. Filled
squares: reconstructed intrinsic one. All spectra from
“Primack-type” models are compatible with a power-law
shape, with different slopes: hard (Phigh) and steep
(Primack01, Primack04), locating the intrinsic SED peak
for the high component above 1–2 TeV or below 200
GeV, respectively.

Phigh model, the slope of HESS data at high energy
implies that the peak of the TeV emission bump is
located above 4 TeV (or 1027 Hz). Such a high fre-
quency peak emission imposes a strong constraint for
single-zone SSC scenario, especially since the peak of
the synchrotron bump has to remain below 1 keV (or
1017.5 Hz) as requested by the slope of the RXTE
data. High values of both the jet Doppler factor and
the maximal Lorentz factor of radiating particles are
requested to reach the necessary energy for the IC
bump, namely γmaxδ > 8 × 106 . On the other hand
to keep the synchrotron peak below 1 keV imposes an
upper limit to the magnetic field. Within these con-
strains, the best fit we obtain is shown in Fig. 5. We
can notice that none of the high energy tails are well
accounted for. This fit somehow reproduces the ob-
served X-ray and γ-ray data but is not as satisfactory
than the one obtained with the Primack04 absorption
correction and in any case it is impossible to give ac-
count for the ROTSE optical point. The main changes
in parameters between the two fits consist in enhanc-
ing the boosting, which then becomes somewhat ex-
treme, while reducing the density and magnetic field
for the Phigh absorption correction.

3.3. Hadronic models

Generally, the leptonic models constitute the pre-
ferred concept for TeV blazars, basically because of
two attractive features: (i) the capability of the (rela-
tively) well understood shocks to accelerate electrons
to TeV energies ([18, 23]) and (ii) effective conver-
sion of the kinetic energy of these relativistic elec-

trons into the X-ray and TeV γ-ray emission com-
ponents through the synchrotron and inverse Comp-
ton radiation channels. The so-called hadronic models
are generally lacking in these virtues. These models
assume that the observed γ-ray emission is initiated
by accelerated protons interacting with ambient mat-
ter,photon fields (PIC model), magnetic fields or both.

The models of TeV blazars involving interactions
of protons with photon and B-fields require parti-
cle acceleration to extreme energies exceeding 1019 eV
which is possible if the acceleration time is close to
tacc = rg/c (rg is the gyro-radius, and c is the speed of
light). This corresponds (independent of a specific ac-
celeration mechanism) to the maximum (theoretically
possible) acceleration rates ([2]) which hardly can be
achieved by the conventional diffusive shock accelera-
tion mechanism. On the other hand, the condition of
high efficiency of radiative cooling of accelerated par-
ticles requires extreme parameters characterising the
sub-parsec jets and their environments, in particular
very high densities of the thermal plasma, radiation
and/or B-fields. In particular, the so-called proton-
synchrotron models of TeV blazars require highly
magnetized (B � 10 G) condensations of γ-ray emit-
ting clouds of Extremely High Energy (EHE) protons,
where the magnetic pressure dominates over the pres-
sure of relativistic protons ([1]).

Below we use the hadronic Synchrotron-Proton
Blazar (SPB) model to model the average spectral
energy distribution (SED) of PKS 2155−304 in Oc-
tober/November 2003. A detailed description of
the model itself, and its implementation as a (time-
independent) Monte-Carlo/numerical code, has been
given in [17] [22].

Flux variability provides an upper limit for the size
of the emission region. To allow for a comparative
study between leptonic and hadronic models we fix
here the comoving emission region to R ∼ ctvarδ =
6 × 1013δ cm. We assume that the optical through X-
ray emission and the gamma ray output stems from
the same region of size R.

A reasonable model representation for the simul-
taneous data assuming a Primack04 model for the
VHE absorption is found for the following parame-
ters: magnetic field B=40 G, Doppler factor δ=20,
injection electron spectral index αe = 1.6, assumed to
be identical to the injection proton spectral index αp,
maximum proton energy of order γp,max ∼ 4 × 109,
e/p-ratio of 0.15 and a near equipartition proton en-
ergy density of up = 27 erg cm−3. The required total
jet power is of the order Ljet ∼ 1.6 × 1045erg s−1.
The model includes the Primack04 model for EBL at-
tenuation. When using the Phigh EBL model a rea-
sonable representation of the data may be achieved
by increasing the maximum injected proton energy to
γp,max = 1010 and simultanously increasing the e/p-
ratio to 0.24, while all other parameters remain un-
changed. Note that here the maximum proton gyro-
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Figure 4: Spectral energy distribution of PKS2155-304. The H.E.S.S. spectrum is derived from October and November
2003 data (filled circles) as is the RXTE spectrum. The NRT radio point (filled square) is the average value for the
observations carried out during this period. The two triangles are the highest and lowest ROTSE measurements for the
Oct-Nov observations. Archival SAX data represent the high state observed in 1997. Archival EGRET data are from
the third EGRET catalog (shaded bowtie) and from a very high EGRET gamma-ray state (open bowtie). Other data
are NED archival data. The solid line is the hadronic model where the VHE gamma-rays are attenuated using the
minimal EBL. The dotted and dashed lines are the same leptonic model with the dotted line assuming a common
origin for the optical and X–ray synchrotron emission, and the dashed line being the case where the optical emission
emanates from the VLBI core.

radius approaches the size of the emission region. Al-
ternatively, a doubling of the magnetic field to 80 G
together with an increase of γp,max to 8 × 109 and
a e/p-ratio of unity (leading to uB ≈ 50up) repre-
sents the SED-data equally well. In conclusion, none
of the ”Primack-type” EBL models can explicitely be
ruled out by the here presented H.E.S.S. data in the
framework of the SPB-model. In all cases proton syn-
chrotron emission dominates the (sub-)TeV radiative
output. Depending on the Doppler factor part of the
proton synchrotron radiation produced may be repro-
cessed to lower energies. Contributions from the muon
and pion cascades lie always below the proton syn-
chrotron component. The low energy component is
dominanted by synchrotron radiation from the pri-
mary e−, with a negligible contribution of synchrotron
radiation from secondary electrons (produced by the
p- and µ±-synchrotron cascade).

On the other hand, the synchrotron radiation of
secondary electrons resulting from interactions of
TeV gamma-rays with low-energy radiation inside the
source with a modest γγ → e+, e− optical depth
(τγγ ≤ 1), may lead to significant X-ray emission with

luminosity comparable to the luminosity of the pri-
mary TeV emission [1].

Models involving meson production inevitably pre-
dict neutrino emission due to the decay of charged
mesons. The SPB-model for PKS 2155−304 explains
the high energy emission dominantly as proton syn-
chrotron radiation, making the ν-output completely
negligible.

4. Conclusions

This paper reports multi-wavelength observations
of the BL Lac object PKS 2155−304 in 2003. Vari-
ability on the timescale of a few ks in the 2-10 keV
band and of the order of 0.1 d for energies > 300
GeV were observed by RXTE and H.E.S.S. The X–ray
data show a correlation of the flux with the spectrum,
which becomes harder when the source is brighter. At
the level of the observed variability no correlation be-
tween the VHE γ-rays, the X-rays and optical was
seen. Observations with more important variability
are needed before it can be certified that the VHE/X–
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Figure 5: Estimations of the intrinsic PKS 2155−304
VHE spectrum, corrected for either the Phigh or
Primack04 models, along with the associated deabsorbed
SSC model (dashed lines) and SPB model (solid lines).

ray pattern in PKS 2155−304 is different from other
known AGN that are TeV emitters. Since the source
was at a low emission state in both the optical and
X–rays compared to archival measurements, this lack
of correlation has yet to be established for a higher
emission state. Simultaneous observations in the X–
rays/optical band and VHE γ–rays were never per-
formed in the past on this object. The X–ray fluxes
varied during the observations but never reached his-
torically high levels, which implies that the source
was probably in a low state even though easily de-
tectable simultaneously by H.E.S.S. on any of its ob-
servations since it has been pointed at from the first
time (see AH03 for the observation history up to Au-
gust 2003). The continuous VHE detections makes
PKS 2155−304 unique in the TeV BL Lac category
and probably indicates that H.E.S.S. has achieved the
sensitivity level where it can detect the quiescent state
of PKS 2155−304 at any time.
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Gamma ray bursts are among the most energetic events in the known universe. A highly relativistic fireball
is ejected. In most cases the burst itself is followed by an afterglow, emitted under deceleration as the fireball
plunges through the circum–stellar media. To interpret the observations of the afterglow emission, two physical
aspects need to be understood: 1) The origin and nature of the magnetic field in the fireball and 2) the particle
velocity distribution function behind the shock. Both are necessary in existing afterglow models to account for
what is believed to be synchrotron radiation. To answer these questions, we need to understand the microphysics
at play in collisionless shocks. Using 3D particle–in–cell simulations we can gain insight in the microphysical
processes that take place in such shocks. We discuss the results of such computer experiments. It is shown how
a Weibel–like two–stream plasma instability is able to create a strong transverse intermittent magnetic field and
how this points to a connected mechanism for in situ particle acceleration in the shock region.

1. Introduction

Many compact relativistic objects have strong out-
flows of plasma, which emit non thermal radiation
in internal collisions (e.g. clumps in quasar, micro
quasar and AGN jets, internal shocks in gamma ray
bursts (GRBs) and when colliding with the surround-
ing medium (e.g. afterglows in GBRs, supernova
remnants; terminal AGN shocks). The non–thermal
radiation is emitted in strongly collisionless shocks
[e.g. Kumar 2000, Panaitescu & Kumar 2001]. De-
spite their importance and universality collisionless
shocks are poorly understood. The non–thermal ra-
diation is believed to be emitted in the shock by rela-
tivistic particles accelerated by strong electromagnetic
fields. Naturally this fact poses the questions which
mechanism is responsible for the electromagnetic field
and how are the particles accelerated to the ultra–
relativistic energies implied by observations. In 1999
Medvedev & Loeb suggested that the Weibel or two
stream instability was responsible for creating a strong
magnetic field in the shock interface. It was recently
confirmed numerically in computer experiments using
particle–in–cell (PIC) codes. [Frederiksen et al. 2003;
Frederiksen et al. 2004; Nishikawa et al. 2003; Silva
et al. 2003]. Frederiksen et al. 2004] showed that
the magnetic field reaches an energy content of a few
per cent of the equipartition value. Fermi accelera-
tion has, so far, been used to explain the existence of
a power law distributed non–thermal electron popula-
tion. It has been shown to occur in test particle Monte
Carlo simulation under assumptions of the structure
of the magnetic field; but as pointed out by Niemiec &
Ostrowski (2004), to further the progress, self consis-
tent models taking into account the back reaction and
the detailed microphysics has to be made. Recently,
Baring & Braby (2004) showed that particle distri-
bution functions (PDFs) inferred from GRB obser-

vations are in conflict with those predicted by Fermi
theory and diffusive shock acceleration. In this pro-
ceeding we report on 3D PIC models, also presented
in [Frederiksen et al. 2004, Hededal et al. 2004], of
counter streaming plasma shells as a description of
the shock interface in GRB afterglows.

2. Numerical Setup

To perform the numerical experiments we use a rel-
ativistic 3D PIC code as described in Frederiksen et al.
(2004) that works from first principles by solving the
full Maxwell equations for the electromagnetic field
and move the particles according to the Lorentz force.
We set up two counter streaming ion election popula-
tions in the rest frame of the densest population. The
density jump is 3. The inflow Lorentz boost of the
less dense population is Γ = 3 (Run I) and Γ = 15
(Run II) in the two experiments, that we report on
here. The boundaries are periodic in the x– and y
direction, transverse to the flow, and open in the z
direction parallel with the flow. The box sizes are
(x, y, z) = (200, 200, 800) and (125, 125, 2000) respec-
tively. The electron skin depth is 5 and 3.3 grid zones
respectively, and we use a mass ratio of mi

me

= 16 to re-
solve both the ion– and the electron dynamics. We use
16 particles per cell and our boxes contained almost
109 particles. The plasmas are initially unmagnetised
and cold (vth ≃ 0.01c).

3. Magnetic Field Generation

In the computer experiments we see how the inter
penetrating jets undergo the two–stream instability.
First, the electrons, being the lighter particles, collect
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Figure 1: The left hand side panel shows the longitudinal electron current density through a transverse cut at z = 100,
with a small inset showing the ion current in the same plane. The right hand side panel shows the ion current at
z = 600, with the small inset now instead showing the electron current. The arrows represent the transverse magnetic
field. Both panels are from time t = 1200 in Run I.

into caustic surfaces and then current channels; in ac-
cordance with the linear theory [Medvedev & Loeb
1999]. Then they reach a non–linear saturation point
and the channels simply merge forming thicker and
thicker channels. When the magnetic field becomes
strong enough the heavier ions are deflected into the
magnetic voids between the channels and start un-
dergo the two–stream instability too. Since the ion
instability is catalysed by the electron instability the
initial growth rate depends on the electron instability
growth rate. When the caustic surfaces of the ions
collapse into current channels the electrons, being the
lighter particles, are heated and scattered by the mag-
netic field of the ion channels. Attracted by the elec-
tric potential of the ion channels the electrons start to
Debye shield channels. The Debye shielding quenches
the electron channels, while at the same time it sup-
ports the ion channels. The large random velocities
of the electrons allow the ion channels to keep sus-
taining strong magnetic fields. This is qualitatively
different from the case of a pair plasma, where no
shielding mechanism operates. The evolution is illus-
trated in Fig. 1. To the left we see the initial electron
dominated phase, while to the right — further down-
stream in the shock — the ions dominate the dynamics
forming dense ion channels; the more diffuse electrons
shielding the channels, and the resulting transverse
magnetic field indicated with arrows. The efficiency
of conversion of the injected kinetic to magnetic en-
ergy, ǫB, is around one per cent. The full extent of
the plasma dynamics operating in collisionless shocks
is still not known, but in Hededal et al. (2004) it was

estimated that for a mass ratio mi

me

of 16 and inflow

Lorentz Boost Γ = 15 (Run II) the ion channels would
survive over 1500 ion skin depths. We speculate that
with a more realistic mass ratios the Debye Shielding
would be more effective and therefore the ion channels
would survive over even larger scales.

4. Particle Acceleration

At distances less than a Debye length from the ion
channels electrons are subject to a transverse accel-
eration towards the ions since the electric field is not
fully neutralised. There also exists a strong magnetic

E

B
J

e-
z

r
Laboratory restframe

E

J
e-

z

r
Ion channel restframe

Figure 2: A toy model of the acceleration mechanism:
An ion channel surrounded by an electric– and magnetic
field. Electrons in the vicinity of the current channel are
thus subject to a Lorentz force with both an electric and
magnetic component accelerating the electrons.
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Figure 3: The normalised particle distribution function
for the electrons in a slice around z = 1600 downstream
of the shock in Run II. The dot–dashed line is a power
law fit to the non thermal high energy tail. The dashed
curve is a Lorentz boosted thermal electron population.

field and in total this translates into a two compo-
nent transverse oscillation and acceleration along the
flow direction. It was shown by Frederiksen et al.
(2004) that the ion channels are distributed accord-
ing to a power law and later Medvedev et al. (2005),
showed that this is a consequence of the self similarity
in the process of merging ion channels. The acceler-
ation a Debye shielding electron receives depends on
the size of the ion channel. As a direct consequence
of the power law distributed ion channels the electron
PDF obtain a non–thermal energy tail as shown in
Fig. 3. This is a local acceleration mechanism, that
only depends on the local electromagnetic field. Be-
cause the electrons are decelerated when moving away
from the channel; the principal energy losses are ra-
diative (e.g. bremsstrahlung, synchrotron– and jitter
radiation). It also implies that no high energy elec-
trons are available for recursive acceleration processes
through this mechanism. We have confirmed this by
an exhaustive search through a representative dataset
of 107 particles. By tracking back and forth in time
we found only ∼ 5 possible candidate particles, that
had managed to escape retaining their energy. It hap-
pened at places where the ion channel made sudden
bends and mergers and the electromagnetic fields were
not well approximated as static fields. None of them
showed any sign of recursive acceleration.

5. Discussion

In this contribution we have presented the results
of self consistent PIC computer experiments of colli-
sionless shocks. We have shown how the two–stream
instability naturally generates a highly intermittent
dominantly transverse magnetic field containing a few
per cent of the equipartition energy. The extent of the
two stream instability in the case of an ion–electron

plasma is unknown; it clearly depends on the inflow
Lorentz boost, the density jump and the mass ratio.
For Γ = 15 a density jump of 3 and an electron–ion
mass ratio 16 Hededal et al. (2004) estimated the in-
stability to be sustained up to 1500 ion skin depths.
For realistic mass ratios this could be closer to 105

ion depths. In the neighbourhood of the ion struc-
tures electrons are continuously accelerated and de-
celerated. The mechanism is local and the power law
distributed PDF is created is situ. Hence the observed
radiation may be tied directly to the local conditions
of the plasma. In this experiment with Γ = 15 we
found a power law index of p = 2.7. The mecha-
nism does not rule out Fermi acceleration. The lack
of evidence in our numerical experiment for any recur-
sive acceleration processes can be due to the limited
extent of the simulated region. It may, though, over-
come some of the difficulties pointed out by Baring &
Braby (2004). ǫB, ǫe and p should not be understood
as free parameters. To unravel the dependence on the
outflow velocity and density jump a parameter study
or better theoretical understanding of the non–linear
evolution is needed. It is also clear that the non–
thermal electron acceleration, the ion current channels
and the magnetic field generation are beyond an MHD
description and techniques respecting the full phase–
space description of the plasma is needed to further
the understanding of collisionless shocks.

We thank the Danish Center for Scientific Comput-
ing for granting the computer resources that made this
work possible.
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The detection of radio pulses emitted in the atmosphere during the air shower development of high-energy
primary cosmic rays is the task of the LOPES (LOFAR Prototype Station) project. LOFAR (Low Frequency
Array) is a new digital radio interferometer under development using high bandwidth ADCs and fast data
processing to filter out most of the interference. By storing the whole waveform information in digital form
transient events like air showers can be analyzed even after they have been recorded. To test this technology and
to demonstrate its ability to measure air showers a LOPES is set up to operate in conjunction with an existing
air shower experiment (KASCADE-Grande). The LOPES antennas are operating in the frequency range of
40-80 MHz. For several air-shower events a coincident and coherent signal has been found and a preliminary
analysis has already been performed. The main goal of further investigations is to calibrate the radio signal
with help of the observables of the individual air-showers given by KASCADE-Grande.

1. INTRODUCTION

The traditional method to study extensive air show-
ers (EAS) is to measure the secondary particles with
sufficiently large particle detector arrays. In general
these measurements provide only immediate informa-
tion on the status of the air shower cascade on the
particular observation level. This hampers the deter-
mination of the properties of the EAS inducing pri-
mary as compared to methods like the observation of
Cherenkov and fluorescence light, which provide also
some information on the longitudinal EAS develop-
ment, thus enabling a more reliable access to the in-
tended information [1].

In order to reduce the statistical and systematic un-
certainties of the detection and the reconstruction of

EAS, especially with respect to the detection of cosmic
particles of highest energies, there is a current me-
thodical discussion about new detection techniques.
In this sense the radio emission accompanying cos-
mic ray air showers, though first observed in 1964 by
Jelly et al. [2] at a frequency of 44 MHz, is a somehow
ignored EAS feature. This fact is due the former diffi-
culties with interferences of radio emission from other
sources in the environment and of the interpretation
of the observed signals. However, the studies of this
EAS component has experienced a revival by recent
activities.

This contribution sketches briefly the activities of
the LOPES project [3]. The main emphasis is put
on the calibration of the registered radio signals by
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measuring in coincidence with the EAS registration of
the running EAS experiment KASCADE-Grande [4].

KASCADE-Grande is an extension of the multi-
detector setup KASCADE (KArlsruhe Shower Core
and Array DEtector) [5, 6] built in Germany, measur-
ing air showers in the primary energy range of 100 TeV
to 1 EeV with high precision due to the detection of
all charged particle types at sea-level, i.e. the electro-
magnetic, the muonic, and the hadronic shower com-
ponent. Hence, LOPES, which is designed as digital
radio interferometer using high bandwidths and fast
data processing will profit from the reconstructed air
shower observables of KASCADE-Grande.

Since radio emission arises from a different status
of the EAS development, LOPES will provide com-
plementary information and help to understand the
observables measured with the particle detector array
of KASCADE-Grande.

2. EMISSION PROCESS

Recent theoretical studies of the radio emission in
the atmosphere are embedded in the scheme of co-
herent geosynchrotron radiation [7]. Here, electron-
positron pairs generated in the shower development
gyrate in the Earth’s magnetic field and emit radio
pulses by synchrotron emission. During the shower
development the electrons with an average energy
of 30 MeV are concentrated in a thin shower disk
(< 2 m), which is smaller than one wavelength (at
100 MHz) of the emitted radio wave. This situation
provides the coherent emission of the radio signal.

Detailed analytical [8] and Monte-Carlo simula-
tions [9] lead to expectations of relevant radio emission
at frequencies of 10 MHz to 500 MHz with a coherent
emission at low frequencies up to 100 MHz. For show-
ers above a threshold energy of ≈ 5 · 1016 eV one ex-
pects a short, but coherent radio pulse of 10 ns to 100
ns with an electric field strength proportional increas-
ing to the primary energy of the cosmic particle ini-
tializing the air shower. Figure 1 shows as example the
expected frequency spectrum for a vertical air shower
of 1017 eV primary energy for different distances to
the shower axis.

The expected field strength is large enough to be de-
tected by a sophisticated antenna and filter technique
such as developed for the large low frequency radio
interferometer LOFAR (LOw Frequency Array) [10].

This technique is of interest for air shower measure-
ments, as due to the low attenuation in the Atmo-
sphere also very inclined showers can be detected with
high efficiency. This is of great importance if ultrahigh
energy neutrinos exist. Furthermore, radio detection
provide for the first time a calorimetric measurement
of the showers with 24 hours duty cycle, and is easy
to deploy over a large area.
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Figure 1: Simulated spectra emitted by a 1017 eV vertical
air shower for different distances (to north). Compared
are the spectral forms of analytic calculations (thin
lines [8], scaled down by a factor two) with detailed
Monte-Carlo simulations (thick lines [9]).

Figure 2: Photograph of the KASCADE area (upper
panel). Bottom: Lookup to one LOPES antenna.

3. LOPES – GENERAL LAYOUT

The basic idea of the LOPES (= LOFAR prototype
station) project is to build an array of relatively sim-
ple, quasi-omnidirectional dipol antennas, where the
received waves are digitized and sent to a central com-
puter. This combines the advantages of low-gain an-
tennas, such as the large field of view, with that one of
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Figure 3: Layout of the LOPES hardware components.

high-gain antennas, like the high sensitivity and good
background suppression. This basic concept of LO-
FAR is for LOPES tailored to detect air showers [3].
With LOPES it is possible to store the receiving data
stream for a certain period of time, i.e. at an detec-
tion of a transient phenomenom like an air shower
retrospectively a beam in the desired direction can be
formed.

To test the technology of LOFAR and to demon-
strate the capability to measure air-showers with these
antennas, LOPES is built-up at a well tested air
shower experiment (KASCADE-Grande [4]). The air
shower experiment provides at one hand a trigger of
high-energy events and additionally with it’s direc-
tion reconstruction a starting point for the radio data
analyses and the beam forming.

Figure 2 shows photographs from the experimental
setup in Forschungszentrum Karlsruhe, Germany, lo-
cated at 110 m a.s.l., 49◦n, 8◦e. The short dipol copper
antennas with an inverted ’v’-shape are setup in two
opposite edges of the shown pyramid, only. By choos-
ing the east-west edges the antenna is sensitive to the
east-west polarized component of the radiation, what
can be easily changed in the opposite polarization by
changing the tubes. Expecting a highly polarized sig-
nal from the Monte-Carlo simulations presently for all
antennas only the east-west direction is chosen. The
shape of the antenna and the steel ground screen gives
the highest sensitivity to the zenith and half sensitiv-
ity to a zenith angle of 45◦, almost independent on
the azimuth angle.

At the top of the antennas there is an amplifier
tailored to give sensitivity to a wide frequency band
and which has a good noise performance.

Figure 3 sketches the LOPES signal path from the
antenna to the data acquisition PC. The receiver mod-
ule (RML) contains a commercially available ampli-

fier, an anti-aliasing filter giving a usable frequency
band from 43 MHz to 76 MHz, and an A/D-converter.
Used are 12bit-ADCs running at 80 MHz, thus sam-
pling the signal in the 2nd Nyquist domain of the
ADCs. The RML contains additionally an optical
transmitter for transporting the data via optical fibers
to the backend modules. The used memory modules
have inputs for two antennas each and can buffer up
to 2 Gbyte. This allows to store 6.25 seconds of data
from each antenna. The modules can either start to
write data after a ’sync’-signal or write data continu-
ously into the memory and stop at a predefined time
after a sync-signal is received. A central clock mod-
ule distributes the sync-signal to all memory mod-
ules and generates also the sample clock for the A/D-
converters.

The antenna array at KASCADE-Grande is trig-
gered by a special generated ’large-event trigger’ of
KASCADE, which means that the primary energy is
above 1016 eV and which leads to an trigger rate of
about two per minute. Fore every trigger about 0.8 ms
around the trigger signal of the antenna data is read-
out and stored. On average the trigger signal arrives
with a delay of 1.8 µs to the shower front, hence well
in between the stored data.

The following data processing includes several
steps. First, the relative instrumental delays are cor-
rected using a known TV transmitter visible in the
data. Next, the digital filtering, gain corrections and
corrections of the trigger delays based on the known
shower direction (from KASCADE) are applied. Then
by time shiftings a peak is searched in direction of
the shower axis by summing up either the electric
fields or the power, i.e. the square of the electric
field, of several antennas. If there is coherent emis-
sion at the air shower development, emitted in the
moving shower disk, a clear peak should be visible in
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Figure 4: Layout of the LOPES 10 antennas inside the
KASCADE array.

the summed electric field, whereas incoherent noise
does not produce a similar peak. The height of the
peak one can compare with further shower observables
form KASCADE-Grande, e.g. the angle of the shower
axis in respect to the geomagnetic field, the electron
or muon content of the shower, the estimated primary
energy or mass, etc.

4. FIRST MEASUREMENTS WITH
LOPES 10

At present, LOPES operates 10 dipole radio anten-
nas in coincidence with the original KASCADE ar-
ray [3]. The antennas are positioned in 5 out of the 16
clusters of KASCADE [11], 2 of them per cluster (see
Fig. 4). The maximum baseline of the antenna setup
is 125 m. The radio data is collected when a large-
event trigger is received from the KASCADE array.
A preliminary analysis of the first data has already
been performed.

4.1. EAS core in KASCADE

Fig. 5 shows a particularly bright event as an exam-
ple. A crucial element of the detection method is the
digital beamforming which allows to place a narrow
antenna beam in the direction of the cosmic ray event.
This is possible because the phase information of the
radio waves is preserved by the digital receiver and the
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Figure 5: Steps of the reconstruction of a strong air
shower event detected by LOPES. In the upper part the
received powers (squares of the electric fields) of 8
antennas before beamforming are overlayed. Powers after
time shifting using the KASCADE shower direction
information are displayed in the second panel. A clear
signal is proved by displaying the power after
beamforming of the electric field (lower part).

cosmic ray produces a coherent pulse. This method
is also very effective in suppressing interference from
the particle detectors which all radiate incoherently
and which are seen in the raw power spectra of all an-
tennas as a longer period of noise after the real radio
peak.

The core of this particular shower lies inside the an-
tenna setup, and the primary energy is estimated to
be approximately 1017 eV. The shower axis is recon-
structed using the KASCADE data to an elevation of
64.5◦ coming from north-east. At that time, 8 anten-
nas were operating and all 8 antennas show a clear
signal just shortly before a ≈ 500 ns broad noise dis-
tribution arrives. These noise pulses are emitted by
the particle detectors of the KASCADE array. How-
ever, this emission is not coherent and is reduced in
the beamforming process.

Several candidates like the shown one are found,
and the present analysis concentrates on the correla-
tions of the radio signal with shower parameters, in
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particular with the arrival direction and with the size
of the shower.

4.2. EAS core in the Grande array

Besides the analyses of events with the core inside
the antenna setup, KASCADE-Grande gives the pos-
sibility to search for remote events. For each (large)
KASCADE trigger, the information from the exten-
sion of KASCADE, i.e. from the Grande array (Fig. 6,
is available. From that information the shower can be
reconstructed even if the core is outside the original
KASCADE area, and a radio signal can be searched
for events which have distances up to 800 m from the
center of the antenna setup. Also for this case several
candidates has been found and are presently analyzed
in detail.

5. EXTENSION TO LOPES 30

In the beginning of 2005, 30 antennas will be in-
stalled at KASCADE-Grande. For this setup (Fig. 7)
a trigger signal also from the Grande array itself will
be provided. Hence, the 30 antenna setup provides
a larger sensitive area to the radio signal at a single
event. It provides also to measure higher primary en-
ergies with larger statistics due to the increased sam-
pling area of showers by factor ten. And it will give
the possibility for a detailed investigation of the lat-
eral extension of the radio signal. Additionally the
antenna number will be high enough, to configure a
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Figure 7: Layout of the LOPES 30 antennas. Four
antennas are deployed outside of the KASCADE array to
investigate differences in noise obtained by the particle
detectors.

part of them for the measurement of the other polar-
ization direction. With an amount of 1000 measured
events above 1017 eV in two years, LOPES 30 in coin-
cidence with KASCADE-Grande will be able to cali-
brate the radio emission in extensive air showers with
high accuracy.

6. LOPES AND THE PIERRE AUGER
EXPERIMENT

One of the main goals of the LOPES project is to
pave the way for an application of this ‘re-discovered’
air shower detection technique in large UHECR exper-
iments, like the Pierre Auger Observatory. Parallel to
the measurements at KASCADE-Grande LOPES fol-
lows this aim by optimizing the antenna design for an
application at Auger. Additionally the optimum fre-
quency range, depending on the local noise, and an
adapted filtering is investigated. Going in direction
of setup a test array at Auger South, the possibili-
ties of a self-triggering antenna system and an online
beamforming are also investigated.

7. CONCLUSIONS AND OUTLOOK

The first stage of LOPES consisting of 10 antennas
is running and takes continuously data in coincidence
with the air shower experiment KASCADE. The first
results are very promising with respect to the proof of
detection of radio flashes from cosmic rays. Currently
the analyses of the already taken data sample is of
highest priority.

The second stage of LOPES with 30 antennas, mea-
suring in coincidence and triggered additionally by
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the large air shower array KASCADE-Grande is un-
der construction. With LOPES 30 we will be able to
follow the main goal of the LOPES project: The cali-
bration of the radio emission in extensive air showers.
This will lead to a proof of the formula by Allan [12]

εν = 20
(

Ep

1017eV

)

sin α cos θ exp

(

−R

R0(ν, θ)

)

[

µV

m MHz

]

(1)

expecting a quadratic increase of the emitted radio
power with primary energy. In the formula the quan-
tity ε describes the electric field of the radio emission,
Ep is the primary energy of the cosmic particle, θ the
zenith angle of the shower axis, α the angle of the
axis in relative to the geomagnetic field, and R0 a
distance parameter. Allan achieved his formula by a
compilation of several former measurements, where no
precise coincidence with shower parameters could be
obtained.

A quadratic dependence on energy would make ra-
dio detection to a cost effective method for measur-
ing the longitudinal development of air showers of the
highest energy cosmic rays and cosmic neutrinos. This
would provide an additional detection technique for
cosmic neutrinos supplementary to measurements of
radio or acoustic signals emitted in dense media like
water, ice, or salt [14].

The LOPES technology can be applied to existing
cosmic ray experiments as well as to large digital radio
telescopes like LOFAR and the SKA (square kilometer
array), providing a large detection area for high energy
cosmic rays. First of the necessary adoptions to use
the technique at the Pierre Auger Observatory are
under way.

Besides the experimental works done with the
present antenna setup the LOPES project aims to im-
prove the theoretical understanding of the radio emis-
sion in air showers. Supplementary emission processes
like the Cherenkov-Askaryan-effect [13] which plays
the dominant role in dense media will be investigated.
A further topic is the application of the gained knowl-
edge in detailed Monte-Carlo air shower simulation
programs, like the CORSIKA [15] tool.
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M. Brüggemann, P. Buchholz, Y. Kolotaev, S. Over, W. Walkowiak, D. Zimmermann
Fachbereich Physik, Universität Siegen, 57068 Siegen, Germany
P.L. Ghia, C. Morello, G.C. Trinchero
Istituto di Fisica dello Spazio Interplanetario, CNR, 10133 Torino, Italy
R. Glasstetter, K.-H. Kampert
Fachbereich Physik, Universität Wuppertal, 42097 Wuppertal, Germany
A. Risse, J. Zabierowski
Soltan Institute for Nuclear Studies, 90950 Lodz, Poland

Recent results from the multi-detector set-up KASCADE on measurements of cosmic rays in the energy range
of the so called knee (at ≈ 3 PeV) are presented. The multidimensional analysis of the air shower data indicates
a distinct knee in the energy spectra of light primary cosmic rays and an increasing dominance of heavy ones
towards higher energies. This provides, together with the results of large scale anisotropy studies, implications
for discriminating astrophysical models of the origin of the knee. To improve the reconstruction quality and
statistics at higher energies, where knee-like features of the heavy primaries are expected at around 100 PeV,
KASCADE has recently been extended by a factor 10 in area to the new experiment KASCADE-Grande.

1. INTRODUCTION

The all-particle energy spectrum of cosmic rays
shows a distinctive discontinuity at few PeV, known as
the knee, where the spectral index changes from −2.7
to approximately −3.1 (Fig. 1). At that energy direct
measurements are presently hardly possible due to the
low flux, but indirect measurements observing exten-
sive air showers (EAS) are performed. Astrophysical
scenarios like the change of the acceleration mecha-
nisms at the cosmic ray sources (supernova remnants,
pulsars, etc.) or effects of the transport mechanisms
inside the Galaxy (diffusion with escape probabilities)
are conceivable for the origin of the knee as well as
particle physics reasons like a new kind of hadronic
interaction inside the atmosphere or during the trans-
port through the interstellar medium. Two classes
of theories (diffusion or acceleration based) predict
knee positions occurring at constant rigidity of the
particles. On the other hand, the hypothesis of new
hadronic interaction mechanisms at the knee energy,
as for example the production of heavy particles in pp
collisions, implies an atomic mass dependence of the
knee positions. It is obvious that only detailed mea-
surements and analyses of the primary energy spectra
for the different incoming particle types can validate
or disprove some of these models.

Despite EAS measurements with many experimen-

tal setups in the last five decades the origin of the
kink is still not clear, as the disentanglement of the
threefold problem of estimate of energy and mass plus
the understanding of the air-shower development in
the Earth’s atmosphere remains an experimental chal-
lenge. For a detailed discussion of the subject see a
recent review [1].

The multi-detector system KASCADE (KArlsruhe
Shower Core and Array DEtector) [2] approaches this
challenge by measuring as much as possible redundant
information from each single air-shower event. The
multi-detector arrangement allows to measure the to-
tal electron and muon numbers of the shower sepa-
rately using an array of shielded and unshielded de-
tectors at the same place. Additionally muon den-
sities at further three muon energy thresholds and
the hadronic core of the shower by an iron sampling
calorimeter are measured. Recently KASCADE was
extended in area by a factor 10 to the new experiment
KASCADE-Grande. KASCADE-Grande allows now
a full coverage of the energy range around the knee,
including the possible second knee at around 100 PeV
(see Fig. 1).

From KASCADE [2] measurements we do know
that at a few times 1015 eV the knee is due to light
elements [3], that the knee positions depend on the
kind of the incoming particle, and that cosmic rays
around the knee arrive our Earth isotropically [4, 5].
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Figure 1: Primary cosmic ray flux and primary energy range covered by KASCADE-Grande. Results of the
KASCADE data analyses are also shown (see text).

KASCADE-Grande [6, 7], measuring higher energies,
will prove, if existent, the knee corresponding to heavy
elements. Additionally KASCADE could show that
no current hadronic interaction model which are un-
avoidably needed for the interpretation of air shower
data, describes very well cosmic ray measurements in
the energy range of the knee and above [9]. These
model uncertainties are due to the lack of accelera-
tor data at these energies and especially for the for-
ward direction of collisions. Multi-detector systems
like KASCADE and KASCADE-Grande offer the pos-
sibility of testing and tuning the different hadronic
interaction models.

With its capabilities KASCADE-Grande is also the
ideal testbed for the development and calibration of
new air-shower detection techniques like the measure-
ment of EAS radio emission [8].

2. THE KASCADE EXPERIMENT

The KASCADE experiment [2], located at the
Forschungszentrum Karlsruhe, Germany, (49◦n, 8◦e,
110 m a.s.l.) measures showers in a primary energy
range from 100 TeV to 80 PeV and provides multi-
parameter measurements on a large number of observ-
ables concerning electrons, muons at 4 energy thresh-
olds, and hadrons. The main detector components of
KASCADE are the Field Array, the Central Detector,
and the Muon Tracking Detector.

The Field Array measures the total electron and
muon numbers (Eµ > 230 MeV) of the shower sep-
arately using an array of 252 detector stations con-
taining shielded and unshielded detectors at the same
place in a grid of 200 × 200 m2. The excellent time
resolution of these detectors allows also decent inves-
tigations of the arrival directions of the showers in
searching large scale anisotropies and, if existent, cos-
mic ray point sources.

The Muon Tracking Detector (128 m2) measures the
incidence angles of muons (Eµ > 800 MeV) relative
to the shower arrival direction. These measurements
provide a sensitivity to the longitudinal development
of the showers.

The hadronic core of the shower is measured by
a 300 m2 iron sampling calorimeter installed at the
KASCADE Central Detector: Three other compo-
nents - trigger plane (serves also as timing facility),
multiwire proportional chambers (MWPC), and lim-
ited streamer tubes (LST) - offer additional valuable
information on the penetrating muonic component at
490 MeV and 2.4 GeV energy thresholds, respectively.

The whole KASCADE setup is read out if a certain
multiplicity of the array detector stations or of the
trigger plane is firing, leading to a trigger rate of ≈
4 Hz.

The redundant information of the showers measured
by the Central Detector and the Muon Tracking De-
tector is predominantly being used for tests and im-
provements of the hadronic interaction models.
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Figure 2: The main detector components of the
KASCADE experiment: (the 16 clusters of) Field Array,
Muon Tracking Detector and Central Detector. The
location of 10 radio antennas is also displayed, as well as
three stations of the Grande array.

3. THE KASCADE-GRANDE
EXPERIMENT

The multi-detector concept of the KASCADE ex-
periment has been translated to higher primary ener-
gies through KASCADE-Grande [10].

The 37 stations of the Grande Array (Fig. 3) ex-
tend the cosmic ray measurements up to primary en-
ergies of 1 EeV. The Grande stations, 10 m2 of plastic
scintillator detectors each, are spaced at approxima-
tive 130 m covering a total area of ∼ 0.5 km2. There
are 16 scintillator sheets in a station read out by 16
high gain photomultipliers; 4 of the scintillators are
read out also by 4 low gain PMs. The covered dy-
namic range is up to 3000 mips/m2. A trigger signal
is build when 7 stations in a hexagon (trigger clus-
ter, see Fig. 3) are fired. Therefore, the Grande Array
consists of 18 hexagons with a total trigger rate of
0.5 Hz.

Additionally to the Grande Array a compact ar-
ray, named Piccolo, has been build in order to pro-
vide a fast trigger to KASCADE ensuring joint mea-
surements for showers with cores located far from the
KASCADE array. The Piccolo array consists of 8 sta-
tions with 11 m2 plastic scintillator each, distributed
over an area of 360 m2. One station contains 12 plas-
tic scintillators organized in 6 modules; 3 modules
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 c
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Figure 3: Sketch of the KASCADE-Grande experiment.

form a so-called electronic station providing ADC and
TDC signals. A Piccolo trigger is built and sent to
KASCADE and Grande when at least 7 out of the 48
modules of Piccolo are fired. Such a logical condition
leads to a trigger rate of 0.3 Hz.

To improve further the data quality a self-
triggering, dead-time free FADC-based DAQ system
will be implemented in order to record the full time
evolution of energy deposits in the Grande stations at
an effective sampling rate of 250 MHz and high res-
olution of 12 bits in two gain ranges [11]. This will
lead to an intrinsic electron-muon separation of the
data signal at the Grande Array.

4. KASCADE RESULTS

Search for anisotropies and point sources:
Investigations of anisotropies in the arrival direc-

tions of the cosmic rays give additional information on
the cosmic ray origin and of their propagation. De-
pending on the model of the origin of the knee and on
the assumed structure of the galactic magnetic field
one expects large-scale anisotropies on a scale of 10−4

to 10−2 in the energy region of the knee. The lim-
its of large-scale anisotropy analyzing the KASCADE
data are determined to be between 10−3 at 0.7 PeV
primary energy and 10−2 at 6 PeV [4]. These limits
were obtained by investigations of the Rayleigh am-
plitudes and phases of the first harmonics. Taking
into account possible nearby sources of galactic cosmic
rays like the Vela Supernova remnant [15] the limits
of KASCADE already exclude particular model pre-
dictions. But for a complete picture the investigations
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employing different hadronic interaction models.

have to be performed with air shower samples of the
different mass groups which need a higher statistical
accuracy in measurements.

Some interest for looking to point sources in the
KASCADE data sample arises from the possibility
of unknown near-by sources, where the deflection of
the charged cosmic rays would be small or by sources
emitting neutral particles like high-energy gammas or
neutrons. Due to their small decay lengths the latter
ones are of interest for near-by sources only. Investi-
gated were the full sample of air showers as well as
a sample of ”muon-poor” showers which is a sample
with an enhanced number of candidates of γ-ray in-
duced events. No significant excess was found in both
samples [5]. With a similarly obtained sample of en-
hanced gamma candidates an analyses was performed
to estimate limits on the diffuse high-energy gamma
ray flux in the energy range from 0.3 to 10 PeV [16].
The limits are found to be close to the theoretically
predicted diffuse γ-ray spectra from [17].

Energy spectra of individual mass groups:

The KASCADE data analyses aims to reconstruct
the energy spectra of individual mass groups taking
into account not only different shower observables,
but also their correlation on an event-by-event ba-
sis. The content of each cell of the two-dimensional
spectrum of reconstructed electron number vs. muon
number (Fig. 4) is the sum of contributions from the
individual primary elements. Hence the inverse prob-
lem g(y) =

∫

K(y, x)p(x)dx with y = (Ne, N
tr

µ ) and
x = (E, A) has to be solved. This problem results
in a system of coupled Fredholm integral equations of
the form

dJ

d lg Ne d lg Ntr
µ

=

∑

A

+∞
∫

−∞

d JA

d lg E
· pA(lg Ne , lg N tr

µ | lg E) · d lg E

where the probability pA is a further integral with the
kernel function kA = rA · εA · sA factorized into three
parts. The quantity rA describes the shower fluctua-
tions, i.e. the distribution of electron and muon num-
ber for given primary energy and mass. The quan-
tity εA describes the trigger efficiency of the experi-
ment, and sA describes the reconstruction probabili-
ties, i.e. the distribution of reconstructed Ne and N tr

µ

for given true numbers of electrons and muons. The
probabilities pA are obtained by Monte Carlo simu-
lations on basis of two different hadronic interaction
models (QGSJET01 [18], SIBYLL 2.1 [19]) as options
embedded in CORSIKA [20]. By applying the above
described procedures (with the assumption of five pri-
mary mass groups, only) to the experimental data en-
ergy spectra are obtained as displayed in Fig. 1. The
resulting spectra for primary oxygen, silicon, and iron
are added in the figure for a better visibility.

A knee like feature is clearly visible in the all parti-
cle spectrum, which is the sum of the unfolded single
mass group spectra, as well as in the spectra of pri-
mary proton and helium. This demonstrates that the
elemental composition of cosmic rays is dominated by
the light components below the knee and by a heavy
component above the knee feature. Thus, the knee
feature originates from a decreasing flux of the light
primary particles.

Inaccuracies of hadronic interaction models:
Comparing the unfolding results based on the two

different hadronic interaction models, the model de-
pendence when interpreting the data is obvious. Mod-
eling the hadronic interactions underlies assumptions
from particle physics theory and extrapolations result-
ing in large uncertainties, which are reflected by the
discrepancies of the results presented here. In Fig. 4
the predictions of the Ne and N tr

µ correlation for the
two models are overlayed to the measured distribution
in case of proton and iron primaries. It is remarkable
that all four lines have a more or less parallel slope
which is different from the data distribution. There,
the knee is visible as kink to a flatter Ne-N

tr
µ depen-

dence above lg N tr
µ ≈ 4.2 . The heavier primary con-

tribution on the results based on the SIBYLL model
is due to predictions of a smaller ratio of muon to elec-
tron number for all primaries. Comparing the resid-
uals of the unfolded two dimensional distributions for
the different models with the initial data set we con-
clude [9] that at lower energies the SIBYLL model
and at higher energies the QGSJET model are able to
describe the correlation consistently, but none of the
present models gives a contenting description of the
whole data set.

Crucial parameters in the modeling of hadronic in-
teraction models which can be responsible for these
inconsistencies are the total nucleus-air cross-section
and the parts of the inelastic and diffractive cross sec-
tions leading to shifts of the position of the shower
maximum in the atmosphere and, therefore, to a
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Figure 5: Particle densities in the different detector types
of KASCADE-Grande measured for a single event.

change of the muon and electron numbers as well as to
their correlation on single air shower basis. The mul-
tiplicity of the pion generation at all energies at the
hadronic interactions during the air shower develop-
ment is also a ’semi-free’ parameter in the air-shower
modeling as accelerator data have still large uncer-
tainties [12].

5. FIRST MEASUREMENTS WITH
KASCADE-GRADE

Fig. 5 shows, for a single event, the lateral distribu-
tion of electrons and muons reconstructed with KAS-
CADE and the charge particle densities measured by
the Grande stations. This example illustrates the ca-
pabilities of KASCADE-Grande and the high quality
of the data. The KASCADE-Grande reconstruction
procedure follows iterative steps: shower core posi-
tion, angle-of-incidence, and total number of charged
particles are estimated from Grande Array data; the
muon densities and with that the reconstruction of
the total muon number is provided by the KASCADE
muon detectors. The reconstruction accuracy of the
shower core position and direction is in the order of
4 m (13 m) and 0.18◦ (0.32◦) with 68% (95%) confi-
dence level for proton and iron showers at 100 PeV
primary energy and 22◦ zenith angle [13]. The statisti-
cal uncertainty of the shower sizes are around 15% for
both, the total numbers of electrons and muons. The
critical point of the KASCADE-Grande reconstruc-
tion is the estimation of the muon number due to the
limited sampling of the muon lateral distribution by
the KASCADE muon detectors. The systematic un-
certainty for the muon number depends on the radial

KASCADE

KASCADE−Grande

Figure 6: Comparison between KASCADE and
KASCADE-Grande data for a combined test-run.

<42
o

Ô,Õ,Õ,Ö�Ô,Õ
0m

2

×XØ�Ù4Ú
>19

(N
µ
>0)

7/7 ÛTÜ Ý gger

4/7 Û�Ü Ý gger

Fe

p

100%  Þ,ß�ßXà á ient above  2x10
16

eV

â~ã%ä
mary  åæ=å ã ç y  lg(E

0
/Gå�è6é

êëëì íì
êîí y

10
-3

10
-2

10
-1

1

6 6.2 6.4 6.6 6.8 7 7.2

Figure 7: Efficiency of the Grande array (details see
text).

range of the data measured by the KASCADE array
and the chosen lateral distribution function.

At the KASCADE experiment, the two-dimensional
distribution shower size - truncated number of muons
played the fundamental role in reconstruction of en-
ergy spectra of single mass groups. In Figure 6
the correlation of these two shower sizes for both
cases KASCADE and KASCADE-Grande measure-
ments are compared for a 1-day test-run. For the same
run time, due to its 10 times larger area compared
with KASCADE, the Grande Array sees a signifi-
cant number of showers at primary energies ∼10 times
higher. Hence, Figure 6 illustrates the capability of
KASCADE-Grande to perform an unfolding proce-
dure like in KASCADE.

Figure 7 shows the efficiency characteristics of the
KASCADE-Grande array. For internal tests of the
detector stations a 4/7 trigger is performed at the
hexagons. The efficiency of the 7/7 trigger are also
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shown which is only small decreasing if additionally
is required that the muon number has to be recon-
structed with the information of the muon detectors
of the original KASCADE array. To reduce efficiently
the amount of data a software cut will be applied
with the requirement of at least 20 Grande stations
(NGRS > 19) have to be fired. A hundred percent
efficiency is than reached for all primary particle types
for energies above 2 · 1016 eV, providing still a large
overlap with the KASCADE energy range. The limit
at high energies for Grande is due to the limitation in
area and not saturation of the detectors, as even at
primary energy of 1018 eV only one station in average
is saturated.

6. CONCLUSIONS

The extension of KASCADE to the KASCADE-
Grande experiment, accessing higher primary en-
ergies, is expected to prove the existence of a
knee-like structure corresponding to heavy elements.
KASCADE-Grande keeps the multi-detector concept
for tuning different interaction models at primary en-
ergies up to 1018 eV. KASCADE-grande also provides
the perfect environment detecting radio emission in
extensive air showers. This is the aim of the LOPES
project and subject of a further paper in these pro-
ceedings [8].
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Up-to-date p-p Interaction Modeling and Secondary γ, e± and Neutrino
Spectra in Astronomical Environment

Tuneyoshi Kamae∗, Niklas Karlsson†, Tsunefumi Mizuno‡, Toshinori Abe§ and Tatsumi Koi
Stanford Linear Accelerator Center, Stanford University, Menlo Park, CA 94025, USA¶

We have calculated spectra of stable secondary particles (γ, e±, νe, ν̄e, νµ, and ν̄µ) produced in high energy
p-p interactions in astrophysical environment. The calculation has incorporated the up-to-date rising inelastic
cross-sections, the diffraction dissociation process, and the Feynman scaling violation for the first time. We then
found that the diffractive process makes secondary particle spectra harder than that of the incident proton; that
the rising inelastic cross-section and the scaling violation produces significantly more secondary particles than
previous calculations. Combination of the three features explain about a half of the “GeV Excess” in the
EGRET Galactic diffuse γ-ray spectrum with the local cosmic proton spectrum (power-law index around 2.7).
The excess can be fully explained if the proton spectral index in the Galactic ridge is harder by 0.2 than above.
As an extension of the calculation, we have parameterized the inclusive secondary particle spectra as functions
of the incident proton kinetic energy: we predict ∼ 30% more e+ and νe than e− and ν̄e to be produced in the
GeV range by p-p interactions.

1. Introduction

Through numerical simulation of pp → π0 process
to account for the Galactic diffuse γ-ray emission ob-
served by EGRET[1], three off the authors came to
note that all past calculations [2–8] had left out an
important component of inelastic p-p interaction, the
diffractive interaction, nor incorporated the Feynman
scaling violation in the non-diffractive inelastic inter-
action. Another important finding was that these cal-
culations had assumed a energy-independent p-p in-
elastic cross-section of ∼ 24 mb for Tp � 10 GeV.
Updating these shortfalls is likely to change the γ-ray
and other secondary particle spectra (eg., e± and neu-
trinos) produced in the proton ISM interaction: the
diffractive process will add secondary particles in the
highest end of the spectrum; the scaling violation and
the up-to-date inelastic cross-section will increase the
particle yields in the GeV range.

We simulated the p-p inelastic interaction sepa-
rately for the non-diffractive and diffractive processes.
The non-diffractive process is calculated by two com-
puter programs: Pythia 6.2 [9] for the proton kinetic
energy (Tp) range 512 TeV ≥ Tp ≥ 52.6 GeV and a
parametrized model by Blattnig et al [10] for 52.6 GeV
≥ Tp > 0.488 GeV. The diffractive process is simu-
lated by a program written by one of the authors on
the formulae given in literature [11–13].

∗Also with Kavli Institute for Particle Astrophysics and Cos-
mology, Stanford University
†Visiting scientist from Royal Institute of Technology, SE-10044
Stockholm, Sweden
‡Present address: Department of Physics, Hiroshima Univer-
sity, Higashi-Hiroshima, Japan 739-8511
§Present address: Department of Physics, University of Tokyo,
Tokyo, Japan 113-0033
¶Electronic address: kamae@slac.stanford.edu

To track down the changes the updatings bring in,
we use two models of inelastic p-p interaction: model
A incorporates all three features and hence is the most
up-to-date modeling; model B approximates the old
scaling models within our choice of computer pro-
grams. We note that the legacy scaling models [2–8]
and model B do not include the diffractive process nor
the multi-parton level scaling violation [14, 15]. They,
however, can differ up to ∼ 100% among themselves
when extrapolated to GeV energy range.

A part of this work has been published [16] and the
remainder will be submitted for publication in near
future.

2. Breakdown of the Inelastic
Cross-Section

The total p-p cross-section is broken down to the
elastic, non-diffractive inelastic, and diffractive inelas-
tic cross-sections. The total and elastic cross-sections
have been measured accurately and compilated by
Hagiwara et al. [17]. They are plotted as experimental
points in Fig.1a together with the cross-sections used
in model A. The total inelastic cross-section is, by
definition, the difference between the total and elastic
cross-sections.

The diffractive inelastic process where the projec-
tile proton and/or the target proton transition to ex-
cited states (discrete nucleon resonances and coni-
tuum) became known by early 1970’s [18]. In the
non-diffractive inelastic process, the two protons col-
lide head-on and disrupt their quark-gluon structures.
The early data led to a naive conjecture that the
diffractive cross-section increases with the incident
proton energy while the non-diffractive inelastic cross
section stays constant at ∼ 24 mb above ∼ 10 GeV.
According to recent studies, this conjecture is over-
simplification and inaccurate. The increase in the to-
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Figure 1: The p-p cross-section models: (a) for model A
and (b) for model B. Curves are for the total (upper
solid), non-diffractive inelastic (dot-dashed), elastic
(dashed), all diffractive (lower solid), and single
diffractive (dotted) processes. Note that model B is made
only of non-diffractive inelastic process. Data are for the
total (circles), elastic (triangles), and single diffraction
(crosses).

tal cross-section is shared by the non-diffractive and
diffractive processes as incorporated in model A and
shown in Fig.1a [12, 13, 20]. Fig.1b depicts the model
B non-diffractive inelastic cross-section: the diffrac-
tive process is left out as has been in all previous pre-
dictions on the diffuse Galactic gamma-ray spectrum
[2–8].

The contribution of the rising non-diffractive cross-
section and scaling violation to the gamma-ray spec-
trum can be read off as the difference in the 2 curves
in Fig.2a. The non-diffractive and diffractive contri-
butions are compared in Fig.2b. The effect of the
former on the γ-ray spectrum (and other secondary
particle spectra) is increase in the yield over the en-
tire spectrum of about 10 − 60% for protons wiht
Tp > 100 GeV. That of the diffractive process is
adding an appreciable amount of γ-rays (and other
secondary particles) at the highest and lowest ends of
the spectrum.
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Figure 2: Predicted gamma-ray spectra for 3
mono-energetic proton beams: (a) the non-diffractive
contribution in model A (thick lines) and model B (thin
lines); and (b) the non-diffractive in model A (thick
lines) and diffractive in model A (thin lines). Proton
kinetic energies (Tp) are 512 TeV (solid), 8 TeV (dashed),
and 125 GeV (dot-dashed). Note that model A generates
30 − 80 % more multi-GeV gamma-rays for
Tp > 100 GeV.

3. Gamma-Ray Spectra by p-p
Interactions in the Galactic Ridge

In Fig.3, the γ yields from the non-diffractive
and diffractive processes are summed between Tp =
0.488 GeV and 512 TeV with weights correspond-
ing to power-law spectrum of Ind=2.0 (a), a bro-
ken power-law representing the Local Intersteller
Spectrum (b:LIS), and another broken power-law of
Ind=2.2/2.5 (Tp < / > 20 GeV) (c:Trial4GR). Models
A and B are represented by solid and dashed curves,
respectively. We note in Fig.3 that the γ-ray spectra
predicted by model A are significantly harder than the
incident proton spectrum: the difference amount to a
factor of two for Ind=2.0 at around 50 TeV.

The EGRET count and exposure maps for the
observation period 1-4 have been downloaded from
the EGRET archive. All point sources listed in the
EGRET 3rd Catalog [19] are then removed using the
point-spread function of EGRET for each energy band
and for the power-law index of each point source listed
in the catalog. The flux between 100 MeV and 10 GeV
has been constrained to that of each point source
listed in the EGRET 3rd Catalog. The point-source-
subtracted count map is then divided by the corre-
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Figure 3: Gamma-ray spectra predicted for the 3 proton
spectra between 0.488 GeV < Tp < 512 TeV: (a)
power-law with index=2.0, (b) LIS, and (c) Trial4GR.
Curves are for model A (solid) and model B (dashed).
Asymptotic power-law indices of gamma-ray spectra are:
1.96/2.03 (Index=2 model A/model B), 2.65/2.71 (LIS
model A/model B), and 2.47/2.53 (Trial4GR Model
A/Model B).

sponding exposure map to make the intensity map.
The intensity between the Galactic latitude ±6.0 deg.
and Galactic longitude ±30.0 deg has been summed
and normalized to a unit solid angle to become our
EGRET Galactic ridge spectrum used in this work.
The point-source-subtracted intensity map has been
checked to be consistent with the similar map given
by Strong, Moskalenko and Rimer [21]. The inten-
sity is then divided by the bin width and multiplied
by E2

bin, or the mid-energy squared. The results are
shown by open circles with error bars in Fig.4.

A second EGRET spectrum has been calculated
in the same manner as above except that the point-
source-subtracted count map is processed further to
deconvolve the point spread function (PSF): energy
dependency of the PSF used in the deconvolution has
been derived assuming a power-law incident gamma-
ray (index 2.1). Details will be described in a sep-
arate publication (T. Kamae et al. 2005, in prepa-
ration). The deconvolution removes artifacts intro-
duced by the broad EGRET PSF, in particular, for
Eγ < 150 MeV and allows us to compare the observed
spectrum and model predictions directly. Thus ob-
tained EGRET Galactic ridge spectrum (referred to
as “deconvolved”) are shown by filled circles with er-
ror bars in Fig.4.

ICS (galdef 44_500180)

Filled circle: EGRET data (Deconv)
Open circle: EGRET data
Solid: Model A with Trial4GR
Dash: Model A with LIS
Dot: Galprop (galdef 44_500180)
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Figure 4: Model gamma-ray spectra including the
contributions from bremsstrahlung and inverse-Compton
and the EGRET data. Model curves are:(Brems)
bremsstrahlung contribution; (ICS) inverse-Compton
contribution, of GALPROP [22, 23] with parameters
galdef 44 500180 by Strong, Moskalenko, and Rimer [24].
Other curves are: model A (Trial4GR)+Brems+ICS
(solid); model A (LIS)+Brems+ICS (dashed);
π0+Brems+ICS by GALPROP with galdef 44 500180
[24] (dotted).

We then combine the model A prediction with
the bremsstrahlung and inverse-Compton spectra pre-
dicted by GALPROP [22, 23] with the conventional
cosmic ray spectra (the parameter “galdef 44 500180”
by Strong, Moskalenko, and Rimer [24]). Here
we normalize the model A π0 → γ-ray spectra
(with LIS and Trial4GR) to π0 gamma-ray spec-
trum of this GALPROP model in the energy region
Eγ < 300 MeV. Since the contributions by pion de-
cay, bremsstrahlung, and inverse Compton are mu-
tually fixed within the GALPROP model, we add
the model A (Trial4GR and LIS), the GALPROP
bremsstrahlung, and the GALPROP inverse Comp-
ton to obtain the spectra labeled as “model A with
Trial4GR” (solid curve) and “model A with LIS”
(dashed curve). We note that the normalization to
the EGRET data relative to the 3 models is still un-
constrained and our focus should be on the spectral
shape.

We note that the discrepancy in the GeV region or
“GeV Excess” is reduced to about 50 % if we compare
model A (LIS) and the GALPROP spectrum. The
EGRET spectrum deconvolved of the point spread
function improves agreement between the data and
the models in the lower slope of the gamma-ray spec-
trum. The spectrum Trial4GR combined with model
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Figure 5: Parametrized non-diffractive γ-ray inclusive
cross-section for Tp = 1 and 512 TeV. Histograms:
simulations for mono-energetic protons, solid curve: the
preliminary parameterized model defined by Eq.1, Eq.2,
and Table 2.

A (Fig.4, solid curve) produces a E2
γF (γ) consistent

with EGRET data in GeV range.

4. Paramaterization of Secondary
Particle Spectra

4.1. Paramterized γ-ray Spectra

To facilitate the use of the present model (model
A) in predicting proton-induced secondary fluxes and
spectra in astrophysical environments (eg. Galactic
ridge, AGN jets, SNR shock fronts, local galaxies, and
galaxy clusters), we have parameterized particle yields
as functions of incident proton enery. The parame-
terization has been done in the following steps: (1)
Fit the secondary particle spectra for mono-energetic
protons at a sequence Tp = 1000.0 × 2(N−22)/2 GeV
where N = 0 − 40 by eq.1 (non-diffractive) and eq.2
(diffractive).

The parameterization formulae for γ-ray are given
by Eq.1, Eq.2 and Table 1 for non-diffractive and
diffractive processes separately. Table 2 gives prelim-
inary results on Tp dependence of these parameters.
The formulae reproduce non-diffractive and diffractive
simulation results reasonable well for mono-energetic
protons as shown in Figs.5 and 6 for Tp = 1 and
512 TeV. Regarding the Tp dependence of the parame-
ters given in Table 2, finer tuning is still being done so
that: energy-weighted energy flux (E×Flux(E)) will
not blow-up at highest energies for power-law spec-
tra with varying indices (eg. between 2.0 and 3.0);
the continuum spectra will not introduce artifact wig-
gling. Fig.7 gives the γ-ray spectrum obtained on the
preliminary parameterized model for power-law pro-
tons of index 2.0: we find subtle dent in the middle of
the spectrum which needs to be improved.

Tp=1TeV

Tp=512TeV
Histograms: Simulation

Solid curves: Parameterized Model
Gamma Spectrum by Diff. Dissoc. for Tp=1, 512TeV
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Figure 6: Parametrized diffractive γ-ray inclusive
cross-section for Tp = 1 and 512 TeV. Histograms:
simulations for mono-energetic protons, solid curve: the
preliminary parameterized model defined by Eq.1, Eq.2,
and Table 2.

∆σ(γ)[mb]/∆log(Eγ)(5%bin) =

a0exp(−a1(x− a3 + a2(x− a3)2)2) +
a4exp(−a5(x− a8 + a6(x− a8)2 + a7(x− a8)3)2)

(1)

∆σ(γ)[mb]/∆log(Eγ)(5%bin) =

b0exp(−b1((x− b2)/(1.0 + b3(x− b2)))2) +
b4exp(−b5((x− b6)/(1.0 + b7(x− b6)))2)

(2)

4.2. Paramterized e± and Neutrino
Spectra

Model A for γ-ray has been extended to simulate
other secondary particles, e±, νe, ν̄e, νµ, and ν̄µ. Sec-
ondary spectra produced by power-law protons of in-
dex 2.0 (0.488 GeV < Tp < 512 TeV have been com-
puted on the model as shown in Fig.8 (e±) and Fig.9
(νe ν̄e, νµ, and ν̄µ). We note in Fig.7 that more e+ are
produced than e− because of the charge conservation:
the law operated very effectively at lower energy and
for the diffractive process where multiplicity of parti-
cles produced is expected to be low. The charge con-
servation law reflects itself to favor νe over ν̄e through
the lepton number conservation law as seen in Fig.9.

5. Conclusion and Future Prospects

We conclude that an up-to-date modeling of the p-p
interaction (model A) with the diffractive process and
the Feynman scaling violation makes the gamma-ray
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Table I Parameters describing γ spectra for
mono-energetic proton beams

Parameters Tp = 1 TeV Tp = 512 TeV

Eq. 1

a0 3.739 12.16

a1 7.0116e-06 2.462e-06

a2 -242.98 -135.33

a3 0.8266 2.257

a4 3.556 9.561

a5 4.858e-06 1.746e-06

a6 -267.83 -143.96

a7 -28.96 0.5162

a8 0.1609 1.2603

Eq. 2

b0 0.70148 1.2674

b1 1.6588 1.3710

b2 -0.7660 -0.4553

b3 0.15960 -0.01856

b4 0.6755 1.3120

b5 2.1630 1.6672

b6 1.7656 4.4037

b7 -0.1526 -0.24130
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Figure 7: Gamma-ray spectrum produced by protons
with power-law spectrum of index=2 by the preliminary
parametrized model defined by Eq.1, Eq.2, and Table 2.
The dashed straight line corresponds to index of 1.96.

spectrum harder and produces 30−80% more gamma-
rays (Figs.3 and 4) than previous predictions [2–8] for
incident protons with Tp > 100 GeV. Combination
of the two can explain ∼ 50 % of the “GeV Excess”
in the EGRET Galactic ridge spectrum within the
conventional cosmic proton and electron spectra as
shown in Fig.4. The above statement is only relative
to other pp → π0 production models: the absolute
prediction of the Galactic ridge gamma-ray spectrum
is contingent on the absolute normalization, or the
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Figure 8: Electron and positron spectra produced by
protons with power-law spectrum of index=2 by model
A. The solid and dashed straight lines correspond to
indices of 1.95 and 1.94, respectively.
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Figure 9: Neutrino spectra produced by protons with
power-law spectrum of index=2 by model A. Upper
panel: electron neutrino and electron anit-neutrino. The
solid and dashed lines correspond to indices of 1.95 and
1.94, respectively. Lower panel: muon neutrino and muon
anit-neutrino. The solid and dashed lines correspond to
index of 1.94.
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Table II Parameters describing gamma-ray spectra for arbitrary proton energy

Parameters Formulae as functions of the proton kinetic energy (y = Tp) in GeV.

Parameter values given here are still preliminary.

Eq. 1

a0 −0.1518(y + 3.4) + 0.9296(y + 3.4)2 − 0.2512(y + 3.4)3 + 0.02549(y + 3.4)4

a1 7.199 · 10−6 − 4.210 · 10−6y + 3.065 · 10−7y2 + 3.935 · 10−7y3 + 1.504 · 10−7y4 − 7.513 · 10−8y5

a2 −191.9 + 173.9 log10(1.350(y + 3.4)) − 747.0/(y + 4.598)

a3 0.8013 + 0.5324y + 0.01011y2

a4 0.6361(y + 3.4) + 0.2815(y + 3.4)2 − 0.08064(y + 3.4)3 + 0.0100(y + 3.4)4

a5 −5.875 · 10−7 − 1.399 · 10−6 log10(0.2139(y + 3.4)) + 1.296 · 10−4/(y + 4.736)2

a6 −3.411 · 102 + 6.193 · 102 log10(0.3173(y + 3.9)) + 2.685 · 102/(y + 4.502)2

a7 1.024 · 104 − 9.888 · 103 log10(0.2976(y + 12.0)) − 2.872 · 106/(y + 24.44)2

a8 0.1580 + 0.3861y + 4.322 · 10−3y2

Eq. 2

b0 6.065 tanh(−0.3597(y + 2.2)) − 0.5605(y + 0.5384)2 + 5.282 · 10−4(y + 9.789)4

b1 −295.5 + 308.6 exp(−10.60((y + 2.083)/(1.0 + 16.33(y + 2.083)))2)

b2 −16.19 − 0.07540 tanh(−1.675(y + 2.1)) − 2.380 · 10−4(y + 2.549 · 102)2

b3 −5.702 · 102 + 5.704 · 102 exp(−2.031 · 10−4((y + 1.263)/(1.0 + 0.4684(y + 1.263)))2)

b4 0.4297 + 4.976 · 10−2(y + 2.2)2 − 6.628 · 10−4(y + 2.2)4 + 7.738 · 10−2 log10(y + 2.2)

b5 2.164 − 0.2116y − 0.02482y2 + 0.03459y3 − 7.431 · 10−3y4

b6 1.769 + 0.9516y + 2.111 · 10−2y2 + 1.560 · 10−2y3 − 7.873 · 10−3y4

b7 −0.1645 − 0.1212y + 3.464 · 10−2y2 − 0.4263 exp(−0.7386(y + 1.859)2)

absolute cosmic ray fluxes, the absolute ISM density,
and the absolute radiation field density. As far as the
gamma-ray spectral shape is concerned, the remaining
discrepancy in Fig.4 requires some modification to the
conventional cosmic ray spectra: one possibility is to
assume the proton spectrum in the Galactic ridge to
be a little harder than that of the solar neighborhood,
eg. ∼ 2.5 in power-law index as Trail4GR in Fig.4.

We have produced a parameterized model (prelim-
inary) for the yield and spectrum of γ-rays produced
in p-p interaction. We have extended model A to pre-
dicted the e± and neutrino spectra of proton origin.
Through these works, we found:

• The up-to-date rising cross-section, diffractive
interaction and scaling violation (model A)
makes secondary particle spectra harder than
the incident proton spectrum. Their yields
nearly double at multi-GeV energy for power-
law protons with index=2.0, compared with
those by model B, our approximation to the scal-
ing model.

• Combination of the inherently low multiplicity,
we expect more e+ than e− and more νe than
ν̄e from p-p interaction as shown in Figs. 8 and
9. Depending on the primary e− and e+ fluxes
at the astronomical environment of interest, the
e+ excesse may become observable at higher en-
ergies.

We are currently building parameterized models for

e−, e+, and neutrinos. That for γ-ray presented here
is still preliminary. The results will be published in
near future. We have neglected contributions of α par-
ticles and helium atoms/ions to the gamma-ray spec-
trum. We intend to include p-n interaction in the
publication.
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Radiative Effect on Particle Acceleration via Relativistic
Electromagnetic Expansion

K. Noguchi∗, E. Liang
Rice Univ. TX 77005 USA

The radiation damping effect on the diamagnetic relativistic pulse accelerator (DRPA) is studied in two-and-
half dimensional Particle-in-Cell (PIC) simulation with magnetized electron-positron plasmas. Self-consistently
solved radiation damping force converts particle energy to radiation energy. The DRPA is still robust with
radiation, and the Lorentz factor of the most high energy particles reach more than two thousand before they
decouple from the electromagnetic pulse. Resulted emitted power from the pulse front is lower in the radiative
case than the estimation from the non-radiative case due to the radiation damping. The emitted radiation is
strongly linearly polarized and peaked within few degrees from the direction of Poynting flux.

1. INTRODUCTION

Radiation loss and damping can become important
in the plasma energetics and dynamics when charged
particles suffer extreme acceleration. In the ultra-
relativistic regime, the accumulated effect from ra-
diation damping can severely limit individual parti-
cle acceleration even if the radiation damping force
is weak compared to external forces. However, con-
ventional Particle-in-Cell simulations of collisionless
plasmas have not included radiation effects. We de-
veloped a new 2-1/2-D code including self-consistent
radiation damping, and studied a effect of radiation
damping in particle acceleration driven by relativistic
pulse accelerator (DRPA) [1] in the strong magnetic
field limit. From the radiation-damped plasma and
field evolution, we obtained the observable high en-
ergy radiation output. This radiative PIC simulation
code is applicable to to a wide range of high-energy
astrophysics phenomena (pulsars, blazars, gamma-ray
bursts) and ultra-intense laser applications [2].

The outline of this paper is as follows. In Sec. 2,
the derivation of the radiation damping force in the
relativistic form is shown. In Sec. 3 we explain how the
radiation damping force is implemented into the PIC
code. Results of simulation and comparison with non-
radiative case are given in Sec. 4, and we summarize
in Sec. 5.

2. DERIVATION OF RADIATIVE FORCE

In the conventional PIC simulations, radiation
damping force frad is ignored because of its small am-
plitude compared to external forces Fext. However, it
is not negligible when the accumulated work done by
the radiation damping during deceleration time τdecl

∗noguchi2@llnl.gov

is comparable to the work done by the external force
in typical acceleration time [2].

It is impractical to include high-frequency radiation
wave into the electromagnetic calculation in the PIC
code, since the typical radiation wavelength is much
shorter than the spatial resolution of the fields (∼ De-
bye length λD ≡ c/ωpe, where ωpe =

√
4πρe/me is the

electron plasma frequency). Accelerated particles can
emit up to the critical frequency ωc = 3γ2Ωce, where
γ = E/mec

2 = 1/
√

1 − v2/c2 is the Lorentz factor
and Ωce = eB/(mec) is the electron gyro-frequency.
The ratio of the critical radiation wavelength λc to
λD is given by λc/λD = (2πωpe)/(3γ3Ωce), which is
� 1 because ωpe/Ωce < 0.1 in magnetic-dominated
cases and γ � 1.

Instead, we introduce a radiation damping force in
the form of the Dirac-Lorentz equation [3], which is
proven to be exact for a classical point particle [4].
The 4-vector form of Dirac-Lorentz equation with the
damping force gi is given by

mc
dui

ds
=
e

c
F ikuk + gi, (1)

where F ik is the electromagnetic tensor [5], ui is the
velocity four-vector, and gi is the radiation damping
force

gi =
2e2

3c

(
d2ui

ds2
− uiuk d

2uk

ds2

)
, (2)

which satisfies the auxiliary relation giui = 0. Since
Eq. (2) includes the second derivative of ui, there ex-
ist unphysical run-away solutions [5]. To avoid the
run-away solutions, we assume gi � eF ikuk/c and
eliminate the second derivative terms in gi by express-
ing d2ui/ds2 with the first derivative of Eq. (1) with
gi = 0,

d2ui

ds2
=

e

mc2
∂F ik

∂xl
uku

l +
e2

m2c4
F ikFklu

l. (3)

Using the fact (∂F ik/∂xl)uiuk = 0, we find

gi =
2e3

3mc3

[
∂F ik

∂xl
uku

l − e

mc2
F ilFklu

k
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+
e

mc2
(Fklu

l)(F kmum)ui
]
. (4)

The resulting damping force term frad in the 3-vector
form is given by [3]

frad =
2e

3Ωce
krad ×

{
γ

[(
∂

∂t
+ v · ∇

)
E +

v

c
×
(
∂

∂t
+ v · ∇

)
B

]

+
e

mc

[
E×B +

1
c
B×(B×v) +

1
c
E(v · E)

]

− eγ2

mc2
v

[(
E +

1
c
v × B

)2
− 1
c2

(E · v)2
]}

, (5)

where v is the 3-velocity, and E and B are the self-
consistent electric and magnetic fields. Here we intro-
duce a non-dimensional factor krad given by

krad =
reΩce

c
= 1.64 × 10−16 ×B(gauss), (6)

where re = e2/(mc2) is the classical electron radius.

The first term of the radiation damping force (5)
represents the radiation damping due to the pondero-
motive force acceleration. The third term is Compton
scattering by large scale (λ > λD) electromagnetic
field which reduces to Thomson scattering in the clas-
sical limit [6]. Note here that the scattering between
radiation field and particles is not considered since
electromagnetic field in Eq. (5) is averaged over the
grid separation that is much larger than the wave-
length of radiation, as we discussed above. In other
words, plasma is perfectly transparent to emitted ra-
diation, and all the radiation disappears from the sim-
ulation box immediately after particles radiate.

The magnetic field strength of pulsars are in the
range of 10−4 ≤ krad ≤ 10−3, and krad � 10−2

for magnetars. In the laboratory, krad � 10−6

(I/1022Wcm−2)1/2 for lasers of intensity I. Hence
for ultraintense laser interactions (I ≥ 1022Wcm−2),
radiation damping effects can become significant on
simulation time scales > 0.3ps (= 105Ω−1

ce ). (See
also [2]) In our simulation, we can enhance the radia-
tion effect by increasing the value of krad, or the ’effec-
tive’ electron radius. However, we should restrict our-
selves not to reach the quantum-limit, h̄Ωce ∼ mec

2

or B > 4.4× 1013 gauss, which corresponds to krad =
7.2×10−3, or the Dirac-Lorentz equation (1) fails. We
choose krad from zero to 10−3 in the simulation to en-
hance the radiation effect and |f rad|τsim � |F ext|Ω−1

ce

so we can see the difference between radiative and
non-radiative (krad = 0) case within the simulation
time-scale τsim � 104Ω−1

ce .

3. IMPLIMENTATION OF RADIATION
FORCE

The 2-1/2D explicit PIC simulation scheme is used
with the explicit leap-frogging method for time ad-
vancing [7]. Spacial grids for the fields are uniform in
both x and z directions, ∆x = ∆z = λD. The simu-
lation domain in the x−z plane is −Lx/2 ≤ x ≤ Lx/2
and 0 ≤ z ≤ Lz with a doubly periodic boundary
condition in both directions.

Following Liang et. al. [1], the initial plasma is uni-
formly distributed at the center of the simulation box,
−6∆x < x < 6∆x and 0 < z < Lz. The background
uniform magnetic field B0 = (0, B0, 0) is applied only
in the same region, so that the magnetic field freely
expands toward the vacuum regions, x > 6∆x and
x < −6∆x with accelerating plasma. We choose Lx

to be long enough so that plasma and EM wave never
hit the boundaries in the x direction within the simu-
lation time.

The initial temperature of plasma is assumed to be
a spatially uniform relativistic Maxwellian, kBTe =
kBTp = 1MeV, where the subscripts e and p refer to
electrons and positrons.

The radiation damping force (5) is calculated self-
consistently and fully-explicitly as follows. The veloc-
ity of each particle should be updated each time step
from v(t−∆t/2) to v(t+∆t/2), using the electromag-
netic field and frad at time t following the equation
of motion in the relativistic form,

dp

dt
= eE +

e

c
v × B + f rad, (7)

where p = mγv is the relativistic momentum. All the
terms in the equation (5) are given by the ordinary
leap-frog field solver except dE(t)/dt term, which is
not calculated at time t in the conventional PIC code.

In order to calculate dE(t)/dt, we need to know
J(t). First, we advance the position x half timestep
from t − ∆t/2 to t for each particle using velocity
v(t − ∆t/2). Next, temporal current J t(t) is calcu-
lated from v(t − ∆t/2) and x(t). Note that this cur-
rent J t(t) is not exact because of the velocity field not
at time t but v(t−∆t/2). Finally, the term dE(t)/dt
is calculated using the Maxwell equation, and the ra-
diation damping force is calculated for each particle.
To update the velocity, we consider a sum of the radi-
ation force and the electric field force as a net ’accel-
eration’ force, and apply the Boris method for particle
gyration [7].

4. RESULTS

We choose six different sets of parameters shown
in Table I, by changing krad = 0, 10−4, 10−3 and
ωpe/Ωce = 0.1, 0.01, and run simulations for each case.
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Table I Parameters for each runs
krad ωpe/Ωce Duration tΩce

Run A 0 0.1 10000

Run B 10−4 0.1 10000

Run C 10−3 0.1 10000

Run D 0 0.01 70000

Run E 10−4 0.01 70000

Run F 10−3 0.01 70000
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Figure 1: System-integrated energy in the
electromagnetic field (1), particles (2), radiation damping
(3), sum of field and particle energy (4), and total energy
(5) functions of time for Run D (solid), E (dashed) and F
(dash-dot).

Hereafter, we call Run A-C as the weak magnetic field
case and Run D-F as the strong magnetic field case,
based on the ratio ωpe/Ωce.

First, we check the total energy conservation for
Run D,E and F in Fig. 1. In the radiative (RD) cases,
the energy loss by the radiation Erad is obtained from
the time integral

Erad(t) =
∫ t

0

(∑
e,p

v(t′) · frad(t′)

)
dt′. (8)

In the non-radiative (NRD, k = 0) case, total energy
of the system is given by the sum of the field energy
Efie (Line 1) and kinetic energy Ekin (Line 2), and
it conserves. In the RD case, however, sum of Ekin

and Efie does not conserve (Line 4), but sum of Ekin,
Efie and the radiation energy Erad (Line 3) conserves
(Line 5), indicating that the radiation damping force
is self-consistently calculated. In all the RD cases, the
energy is transferred from field to particle, and then
radiation, indicating the DRPA mechanism acceler-
ates particles even in the RD cases. Energy transfer,
however, from field to particles becomes less efficient
with larger radiation damping force. Radiation pre-
vents energetic particles to get accelerated from EM

Figure 2: Momentum distribution of particles for Run A
[(a), x < 0] and Run C [(a), x > 0] at tΩce = 5000 (green,
blue) and tΩce = 10000 (magenta, red), and Run .D [(b),
x < 0] and Run F [(b), x > 0] at tΩce = 35000 (green,
blue) and tΩce = 70000 (magenta, red). Results in the
positive and negative x directions are identical in all
cases.

field, resulting less efficiency of transfer in high energy
tail of the particle distribution.

Figure 2 shows the momentum distribution of par-
ticles for (a) Run A(x < 0) and Run C(x > 0), and
(b) Run D(x < 0) and Run F(x > 0). The DRPA ac-
celerates electrons and positrons in the same direction
along the x axis, whereas electric field Ez accelerates
electrons in the positive z and positrons in the nega-
tive z direction respectively in the positive x region.
In the negative x region, acceleration directions are
opposite for both species, forming X shape distribu-
tion in the px − pz plane as a result. Charge sep-
aration does not occur because of the periodicity in
the z direction. Resulted induced current Jz acceler-
ates particles in the x direction by the ponderomotive
force J ×B. The ponderomotive force creates succes-
sive ’potential wells’ in the x direction, which captures
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Figure 3: Average instantaneous radiation power from
particles within 30λD from pulse front for (a)
ωpe/Ωce = 0.1 and (b) 0.01 with krad = 1−−3 (dash-dot
line) and krad = 10−4 (dashed line). Estimated power for
NRD cases with krad = 10−3 (solid line) and 10−4

(dotted line) are also shown for comparison.

and accelerates co-moving particles. We emphasize
here that there is no charge separation in the x direc-
tion because of no mass difference between electron
and positron.

Obviously, particle momenta in both x and z di-
rections are radiated away in the RD cases in both
weak and strong magnetic field cases. Bifurcation in
high energy tails occurs in Run C since slow parti-
cles can not keep up with the speed of the first (and
the fastest) ponderomotive potential well and decou-
pled from it. Then the second potential well captures
these slow particles and accelerates them again, which
creates the bifurcated high energy tails in the phase
space. The bifurcation is less clear in Run A than Run
C because energetic particles are not suffered from the
radiation damping and most of them can stay in the
first potential well.

In the strong magnetic field case [Fig. 2(b)], accel-
eration is strongly reduced in the RD case (Run F).
For high energy (γ � 1) particles, the Compton scat-
tering [the third term in Eq. (5)] becomes a dominant
term because of the large Lorentz factor, and makes
the DRPA acceleration less efficient. Bifurcation is
strongly suppressed in both Run D and F, since the
first potential well is deep enough to capture almost
all of the energetic particles.

Next, we compare the radiation power of RD cases
with NRD cases. For the NRD case, we estimate
the radiation power using the relativistic dipole for-
mula [6]

〈P 〉 =
2
3
krad

mΩce
(F 2

‖ + γ2F 2
⊥), (9)

where F‖ and F⊥ are the parallel and perpendicular
components of the force with respect to the particle’s
velocity. The bracket 〈〉 indicates that we take the
average of all the particles locating within 30λD from
the pulse front, and the number of particles within this
layer decreases with time because of the decoupling
from the EM pulse. Since Eq. (9) is proportional to
krad, we plot Run A and D with k = 10−3 and 10−4

to compare with the other four RD cases.
For the RD cases, the radiation power is calculated

using the formula

〈P 〉 = |frad · v|. (10)

We compared the result of these two formulae
for the RD cases,and they matched within the
linewidth.Therefore, We only show the result of Eq.
(10) here.

Figure 3 shows the instantaneous radiation power
〈P 〉 for all runs. The initial peak around tΩce = 100
is due to thermal-cyclotron emission [6], and the es-
timated radiation power for the NRD case quantita-
tively matches with the RD case. At a later time
(tΩce > 1000), however, more power is irradiated in
the NRD cases than in the RD cases, because energetic
particles are continuously accelerated without losing
their energy self-consistently in the NRD cases. In the
RD cases, however, all the energetic particles are de-
celerated by the radiation damping, and the instant
radiation power decreases caused by slower velocity
and smaller damping force.

Finally, we calculate the radiation field and its an-
gular dependence self-consistently using the velocity
and acceleration of each particle. Intensity I and po-
larization Π of the radiation received by the observer
located at x are given by [5, 6]

I(n̂, τ) =
∑

i

[
|Ei|2

]
ret

, (11)

and

E2
y(n̂, τ) =

∑
i

[
|Ei · ŷ|2

]
ret

,

E2
z (n̂, τ) =

∑
i

[
|Ei · ẑ|2

]
ret

,

U(n̂, τ) = 2
∑

i

[(Ei · ŷ)(Ei · ẑ)]ret , (12)

Π(n̂, τ) =

√
(E2

z )2 + (E2
y)2 − 2E2

yE
2
z + U2

E2
z + E2

y

, (13)
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Figure 4: Contour plots of instantaneous intensity log10 I
as a function of local time t for θ = φ = 0 for (a) Run C
and (b) Run F, and intensity (red lines, right scales) and
polarization (blue lines, left scales) as functions of
observational time τ for (c) Run C and (d) Run F.
Intensity is in arbitrary scale. To obtain time dependence
of intensity, instantaneous intensity from each particle is
summed up along the light cone τ = t−R/c =const.,
shown as a black dotted line in panel (a). The light cone
moves horizontally leftward with τ .

where

Ei =
e

c

n̂ × [(n̂ − βi) × β̇i]
(1 − n̂ · β)3R

, (14)

is the radiated electric field from particle i located at
r, n̂ is a unit vector in the direction of x− r(τ), β =
v(τ)/c, and β̇ = dβ/dt. We assume that |x| � |r| so
that n̂ is parallel to x. The square brackets with a
subscript ”ret” mean that the quantity in the brackets
is evaluated at the retarded time τ = t− R/c, where
R = |x − r|. To specify the direction of the observer
with respect to the x axis, we introduce θ and φ as

n̂ = (cos θ cosφ, cos θ sinφ, sin θ). (15)

In Figs. 4(a) and (b), the contour plot of instanta-
neous intensity before taking the summation over the
retarded time is plotted, as a function of local time
t with φ = θ = 0, illustrating the ray-tracing tech-
nique used in Eqs. (11) and (12). We take a sum of
intensity along the light cone τ = t − R/c =const.,
which is indicated as a black line, up to tΩce = 10000
for Run C and tΩce = 70000 for Run D. The light
cone moves toward the negative x direction with τ ,
and we take τ = 0 when the pulse front reaches to the
observer. Since all the particles cross the light cone
τ =const. only once, we take a sum of I and Π as fol-
lows. First, we follow the trajectory of each particle,
and store their instantaneous intensity. When each
particle crosses the light cone τΩce = 1, we take the
average of the instantaneous intensity of the particle
over the trajectory between τΩce = 0 and 1, and add it
to the intensity I. Then we continue to follow the par-
ticle trajectory and sum up the intensity again until it
hits the next light cone. We continue the summation
until the signal in the initial plasma thickness reaches
to the observer, τ = 12λD/c, We also note that the
intensity is extremely asymmetric because only ener-
getic particles accelerated in positive x direction can
radiate strong emission to the observer.

The time dependence of intensity and polarization
with φ = θ = 0 is shown in Figs. 4(c) and (d). If
all the particle moves with the speed of light and are
continuously accelerated toward the direction of n̂,
all the radiation emitted from particles should reach
the observer at the same time and the signal becomes
a δ-function pulse. However, energetic particles are
bouncing back and forth within the ponderomotive
potential well, and slower particles are dropped off to
the next well, which broaden the spatial distribution
and the resulting radiation duration.

Intensity I is shown as solid lines in Fig. 4(c) and
(d), indicating the duration time is 20τΩce for Run
C and 200 ∼ 400τΩce for Run D with single peak.
Since the initially applied electromagnetic field is lin-
early polarized, we expect that the radiation is also
strongly polarized, with the small depolarization com-
ing from the initial random velocity distribution in the
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Figure 5: The total radiation intensity
∫
I(φ, θ)dτ for

Run C and Run F as a function of the angle (φ, θ).

y direction. Polarization Π is shown as dotted lines
in Fig. 4(c) and (d), illustrating that the radiation is
strongly linear-polarized as anticipated.

In Fig. 5, we show the total radiation intensity∫
I(φ, θ)dτ . The radiation is a very short pulse in

Fig. 4 because we consider single simulation box cen-
tered at the origin only. However, because of the peri-
odic boundary condition in the z direction, we should
consider the multiple simulation boxes along the z
axis, and consider time delay and angle difference to-
ward the observer from each simulation box, which is
very complex even in the Cartesian coordinate.

Instead of including these geometrical effects into
the intensity calculation, we simply compare the total
intensity integrated over t as a function of the angle.
Intensity peaks around θ = 3 ∼ 8◦ in φ = 0 cases
(solid and dash-dot lines), corresponding to the di-
rection of high energy particles in Fig. 2. Intensity
rapidly decreases with both φ and θ, indicating radi-
ation is strongly collimated in the x direction.

Intensity distribution in the z direction is due to
the initial electric field acceleration, as we discussed.
Since there is no acceleration in the z direction after
the induced current is formed, eventually all the mo-
mentum in the z direction will be emitted away, which
narrows the intensity distribution toward positive x
direction. At the same time, however, decoupling of
particles from EM pulse in the x direction makes the
DRPA less efficient in the x direction, which widen the
distribution. Thus, the intensity in the x− z plane is
always distributed over a finite angle, but the distri-
bution in much later time is still an open question.

5. SUMMARY

In summary, we observed the self-consistent radia-
tion damping effect on the interaction of the DRPA

with electron-positron plasma via a relativistic PIC
simulation. We have found that field and particle
energies are transferred to radiation, and the cou-
pling between the field and particles becomes less effi-
cient with larger radiation damping. Comparison with
the non-radiative case showed that radiation damping
force decelerates the energetic particles accelerated by
the DRPA, and resulting radiation power is smaller
in the radiative case. The radiation field is strongly
linearly polarized both in weak and strong magnetic
field cases, which may be detectable by γ-ray burst
observations or laser experiments as an indication of
the DRPA mechanism. The simulations shown here
are too short to see multiple peaks in an intensity
time profile as seen in GRB observations, and to de-
termine the final radiation pattern after particles are
completely decoupled from EM pulse. These two ques-
tions remain as future problems.
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The two most common methods of determining the energy of an ultra high energy cosmic ray (UHECR) are
ground arrays and fluorescence telescopes. Ground array detectors determine energy by sampling the number
of shower particles arriving at the surface of the earth. In general, the more particles, the higher the energy.
Fluorescence telescopes, on the other hand, determine the energy by measuring the number of ultraviolet photons
produced by the electromagnetic shower produced in the atmosphere. The number of photons is related to the
number of particles in the shower by the fluorescence yield (measured in photons per meter per charged particle).
The Akeno Giant Air Shower Array (AGASA) and the High Resolution Flys Eye (HiRes) are the current world
leading ground array and fluorescence detectors, respectively. Recent results from the two experiments indicate
a significant discrepancy in the flux of cosmic rays as a function of energy[1–3]. This indicates that there may
be a systematic offset in energy determination in the two techniques.
The FLuorescence in Air from SHowers (FLASH) experiment is an effort to reduce the systematic uncertainty in
energy determination for fluorescence detectors by making an improved measurement of the fluorescence yield.
This work is intended to add to the prior work of Bunner, Kakimoto et al. and Nagano et al.[4–7]. We report
on the current status of the experiment.

1. Introduction

When a UHECR interacts with the earths atmo-
sphere it creates an extensive air shower. This shower
consists of, for the most part, electromagnetic sub-
showers. The charged electromagnetic particles in-
teract with the air molecules pushing them (primar-
ily N2) into excited states. In turn, ultraviolet (UV)
light is emitted upon deexcitation. In the FLASH
experiment, we measure the number of UV photons
produced per charged particle per meter. This flu-
orescence yield sets the energy scale for fluorescence
technique UHECR detectors.

The FLASH experiment consists of three distinct
experimental phases. First, in a proof in principle
test beam experiment (T-461), we measured the total
fluorescence yield. Second, in the “thin target” run
of the FLASH experiment (E-165) we remeasured the
total fluorescence yield and resolved the spectral shape
of the fluorescence light. Finally, during the “thick
target” run, we measured the fluorescence yield as a
function of shower depth.

All three phases of this experiment shared a com-
mon location in the Final Focus Test Beam (FFTB)
facility at SLAC. Electrons were delivered to the
FFTB with energy of 28.5 GeV with 107 to 1010 elec-
trons per pulse depending upon the experimental con-
figuration and requested intensity.

2. Total Fluorescence Yield: T-461

In June of 2002, a test experiment (T-461) was con-
ducted. The total yield was measured by observing
the produced fluorescence light through a band pass
filter (300-400 nm). The total yield was measured in
pure nitrogen and various nitrogen/oxygen mixtures,
including dry air.

2.1. Experimental Apparatus

The T-461 chamber consisted of a six inch diame-
ter tube with (thickness) beam windows on the up and
downstream sides. The light produced in the chamber
was observed via baffled optical arms. The first baffle
defined the observed track length. Figure 1 shows the
full FLASH thin target chamber. The T-461 cham-
ber is identical to this chamber the exception of an
additional filter wheel and a concentric tube to define
observed track length. The electron beam, in this fig-
ure, travels upward and through the chamber. The
produced fluorescence light travels down the optical
arms, through a band pass filter, reflects off a 45o

mirror and into a Photonis XP 3062 PMT. An op-
posing optical arm contained an UV LED which was
triggered out of time with the electron beam to track
PMT stability.
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Figure 1: FLASH Thin Target Chamber

Figure 2: T-461 Target Chamber

The system was symmetric along an east-west elec-
tron beam. The two optical arms and two LED cali-
bration arms are labeled as north and south based on
their geometry around the electron beam. Figure 2
shows a photo, looking in the downstream direction,
of the T-461 system as it would have been installed.

A gas control system was attached to the vessel and
consisted of two gas inputs, a vacuum reservoir and
pump and flow control valves on both input and out-
put.

Background noise from radiation is inherent in the
FFTB environment. A reference background signal
was determined by measuring the signal produced in
ethylene, a non fluorescing gas. Changes in the back-
ground noise level were tracked using two “blind”
PMTs that were installed in black photographer bags
adjacent to the two signal PMTs.

2.2. Data Collection

The PMT signals were read out using a 2249W
ADC and the beam charge was determined using a
SLAC toroid. Pressure, temperature and PMT high
voltage were all recorded at a rate of around 0.5 Hz
using a smart analog monitor (SAM) unit[8].

2.3. Analysis

In order to measure the fluorescence yield,

Y =
γ

me−
(1)

several calibrations were required. First, the number
of electrons exciting the fluorescence had to be mea-
sured. This was accomplished using a SLAC toroid.
During a later data run, this toroid was calibrated
with a specially designed and well calibrated toroid.
This cross calibration provides a measure of beam
charge to around 10% uncertainty.

The optical acceptance was calculated from the ge-
ometry and the responsivity of the PMTs were cross
calibrated with a hybrid photo-diode using the HiRes
spectrophotometer system in Utah[9]. The optical ac-
ceptance, and gain were also calibrated to approxi-
mately 10%.

Assuming the spectral shape provided by Bunner[4]
the total fluorescence yield was determined to be
4.93 ± 0.64 γ

e−m
in dry air. In nitrogen the yield was

measured to be 36.1±4.65 γ

e−m
. Details of this analysis

were reported previously and a full report incorporat-
ing the recent cross calibration of toroids is expected
shortly[10].

2.4. Conclusions

The total fluorescence yield in dry air and pure ni-
trogen were measured at the ∼ 15% level. However,
no information on the spectral distribution of fluores-
cence light was obtained during the test run.

3. Fluorescence Yield: E-165 Thin Target

In September 2003, thin target data was taken. The
apparatus is shown in Figure 1. The main modifi-
cation from T-461 was the addition of a filter wheel
immediately after the 45o mirror in the optical arm.
Additionally, a one centimeter observation length was
defined inside the main chamber by a (1 cm) gap in a
concentric cylinder with a radius of 5/8”.

A set of narrow band filters were used to measure
the strength of the various fluorescence lines. Again,
observations were made using the unshowered FFTB
electron beam. In addition, to the narrow band filter
observations, the total fluorescence yield was remea-
sured using a band pass (300-400 nm) and an open
(sans) filter setting.

A black filter setting was used to measure back-
ground levels. After every 8 filters settings, the black
filter was reinserted to track changes in background
levels. Additionally, changes in background levels
were also tracked using two “blind” PMTs and a scin-
tillator/PMT counter.
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Again, pressure, temperature and PMT high volt-
age were recorded at approx 0.5 Hz.

3.1. Data

Data was collected at 8 pressures (5, 10, 25, 50, 100,
250, 500 and 750 Torr) for all 15 filter settings using
pure nitrogen, dry air and humid filtered air from the
atmosphere at SLAC. 5000 or more beam events were
collected at 10 Hz for each setting. Figure 4 shows
a typical yield vs pressure curve for the 337 nm line
in air. The expected plateau in the yield at higher
pressures is observed as expected[4].

3.2. Analysis

The fluorescence yield for a given filter (i) is deter-
mined by

Yi =
γi

me−
(2)

Both of the signal PMTs recorded a total number
of ADC counts (NADC) for each beam event. The
NADC from the fluorescence signal is determined by

NADC = Nmeasured − Npedestal − Nbackground (3)

The ADC pedestal count rate (Npedestal) was mea-
sured using a prescaled, out of time, ADC gate. The
background rate was determined in one of two ways:

Nbackground = Rj × NBG (4)

where Rj is the ratio of the counts in the signal tube
to the counts in one of the three background counters
when the black filter is in place and NBG is the number
of counts observed in the background counter. There
were three background counters used, two blind tubes
and a scintillator/PMT counter.

Additionally, under the observed assumption that
background levels were constant over large periods of
time, the average signal observed in the signal PMT
during a black filter run could be used as a measure
of the background. In practice the background was,
in fact, sufficiently stable.

Once the number of ADC counts is known, a cal-
ibration constant (Ccalib) is applied to convert ADC
counts to photons per meter. This calibration con-
stant is determined using the Rayleigh scattering of
laser light fired along the same path as the electron
beam[13, 14].

The yield is finally determined by dividing by the
measured number of electrons.

Yi =
NADC ∗ Ccalib

Ne−

(5)

3.3. Results

To determine the strength of various spectral lines,
the measured number of photons can be divided by the
filter transmission efficiency and the PMT quantum
efficiency. Figure 5 shows the resulting spectrum at
atmospheric pressure in dry air.

However, this simple measure does not include the
effects from cross talk between filters. A simple Monte
Carlo corrects for this by adjusting the line strengths
(of lines located at the peak of the various filter trans-
missions) until the adjusted spectrum correctly pre-
dicts the observed signals in all narrow band filters.
Figure 6 shows the spectrum produced in this manner.
The effect of this correction reduces the determined
total yield since a single emission band, producing sig-
nal in multiple filters, is accounted for. Examination
of Figure 6 also shows that we are unable to resolve
where light is emitted in two overlapping filters (375
or 380 nm, for example).
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In both prior cases, it is assumed that all light is
emitted at wavelegths corresponding to the peak of
the fitler transmission. While attempts were made
to use a narrow band filter near all known lines, the
location of the emission is not always at the maximal
transmission of the filter. When corrections are made
for this, the determined yield will increase since more
light is required to produce the same signal when the
band is located away from the peak filter transmission.

To help resolve the true wavelengths of emission, a
spectrograph system was used to measure the spectral
shape of the fluorescence light. This system consisted
of a separate thin target chamber with a single optical
arm leading to a spectrograph. Figure 7 show the
spectrum measured in dry air at atmospheric pressure.
The measured spectrum can then be normalized to
give the correct total signal as measured with the wide
band or open filter settings. A larger total yield is
always found in this case.

Work is in progress to study the effects of various
spectral shape assumptions. Additionally, the cali-
bration work for the thin target effort is almost con-
cluded. A full report can be expected soon.
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Figure 7: Spectrum at Atmospheric pressure in Dry Air
measured by the Spectrograph

4. Fluorescence in Showers: E-165 Thick
Target

In addition to checking the fluorescence yield, we
wished to confirm that fluorescence light was emitted
proportionally to shower size at all shower depths. To
do so the electron beam was showered with various ra-
diation lengths (RL) of alumina (Al2O3) with shower
maximum occurring at approximately 6 RL.

In addition to measuring the longitudinal develop-
ment of the shower, a first attempt to measure the
lateral distribution of particles was also made.

4.1. Experimental Setup

The thick target mode of the experiment consisted
of a (50 cm)2 optical chamber located behind vary-
ing thicknesses of showering material. In the nominal
beam center of the optical box were two beam win-
dows made of aluminum foil and covered with flock
paper inside the chamber.

An optical arm with two 45o degree mirrors viewed
the 4 cm length of the optical chamber. The optical
arm contained the two doglegs in order to prevent di-
rect radiation from hitting the PMTs. A total of six
PMTs were used, two were “blinded” to track back-
ground levels and four observed the fluorescence vol-
ume. The interior of the optical box and optical arms
were covered with black flock paper and were baffled
with 1 cm baffles.

The showering material, consisting of alumina
bricks, was located inside of remotely movable alu-
minum boxes. There were four boxes of alumina, three
containing 4 RL of material and one with 2 RL as
shown in Figure 8. Eight combinations were used to
provide total shower depths from 0 to 14 radiation
lengths in 2 radiation length steps.

The nominal beam charge during thick target run-
ning was reduced to approximately 1% of the thin
target value (to 107 e− per pulse). This was, in part,
to satisfy the accelerator safety design requiring that
less then 1% loss of the full FFTB could be lost in the
tunnel.
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Figure 8: Alumina Target

In addition to the optical system, several additional
detectors were used.

4.2. Additional Apparatus

Immediately downstream of the optical box, one or
more of three detectors could be installed. These de-
tectors included an ion chamber which measured the
flux of shower particles, a CCD camera with a scin-
tillating screen to image the shower spot and a four
diamond detector which counted particles while scan-
ning the lateral profile.

An ion chamber was used to track shower size as
a function of shower depth. This allowed us to com-
pare the measured fluorescence signal and the num-
ber of shower particles simultaneously. This removed
some of our dependence on predicted shower size from
Monte Carlo codes such as EGS and GEANT[11][12].
Additionally, the measured shower size could provide
a cross check on these shower simulation codes.

A scintillating screen was mounted over the exit
window of the optical chamber. The produced scin-
tillation light was reflected with mirrors twice before
entering a CCD camera. Figure 9 shows the lateral
profile of the shower at 6 RL. The scintillation screen
had a very long decay time making the image an av-
erage of many showers.

Finally, four diamond detectors were mounted on
an XYZ mover. The intensity of charged particles was
measured at 4 lateral distances and scanned in 1 cm
steps. Figures 10 shows the measured lateral profile
at 6 RL. At the time of this proceedings the cross
calibration of the diamonds was still at a preliminary
stage.

Figure 9: Lateral Profile as Measured by the CCD
Camera

Figure 10: Lateral Profile as Measured Diamond
Detectors

4.3. Thick Target Results

The (almost complete) removal of the 2 RL alumina
box created an air gap with some shadowing in the
the 4, 8, 12 RL data. For example, Figure 8 shows
the 8 RL case. Monte Carlo modeling was needed
to correct for this effect. With corrections applied,
Figure 11 shows the measured shower development
using both the ion chamber and the fluorescence light
signal. Additionally, the shower curve predicted by
GEANT is included with a fit to the functional form
Cxbe−ax. All three curves are normalized to have the
same total area.

Work is ongoing to improve our analysis of this
data.

5. Summary

The total fluorescence yield was measured measured
to be 4.93 ± 0.64 in T-461. In the E-165 thin target
run the spectral distribution of the fluorescence light
was measured using both a spectrograph system and
narrow band filters. Early indications are that while
the fine details of the spectrum requires further study,
no large discrepancy from previous works was seen in
the measured fluorescence yield.

The fluorescence yield was shown to follow the
shower development within errors as was expected.
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Figure 11: Shower Development Curve including
Fluorescence and Ion Chamber Signals. Comparison with
GEANT

Additionally, the lateral distribution of particles in
the electromagnetic showers was measured. Work is
ongoing.
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The Milagro gamma-ray observatory employs a water Cherenkov detector to observe extensive air showers
produced by high-energy particles impacting in the Earth’s atmosphere. A 4800 m2 pond instrumented with
723 8” PMTs detects Cherenkov light produced by secondary air-shower particles. An array of 175 4000 liter
water tanks surrounding the central pond detector was recently added, extending the physical area of the Milagro
observatory to 40,000 m2 and substantially increasing the sensitivity of the detector. Because of its wide field
of view and high duty cycle, Milagro is ideal for monitoring the northern sky almost continuously (>90% duty
cycle) in the 100 GeV to 100 TeV energy range. Here we discuss the first detection of TeV gamma-rays from
the inner Galactic plane region. We also report the detection of an extended TeV source coincident with the
EGRET source 3EG J0520+2556, as well as the observation of extended TeV emission from the Cygnus region
of the Galactic plane.

1. THE MILAGRO OBSERVATORY

Milagro is a TeV gamma-ray detector which uses
the water Cherenkov technique to detect extensive air-
showers produced by very high energy (VHE, > 100
GeV) gamma rays as they interact with the Earth’s
atmosphere. Milagro is located in the Jemez Moun-
tains of northern New Mexico, at an altitude of 2630
m, has a field of view of ∼2 sr and a duty cycle greater
than 90%. The effective area of Milagro is a function
of zenith angle and ranges from ∼ 10m2 at 100 GeV
to ∼ 105m2 at 10 TeV. A sparse array of 175 4000 liter
water tanks, each containing an individual PMT, was
recently added. These additional detectors, known
as “outriggers” (Figure 1), extend the physical area
of Milagro to 40,000 m2, substantially increasing the
sensitivity of the instrument and lowering the energy
threshold. The angular resolution is approximately
0.75 degrees without the outriggers and 0.45 degrees
with them.

2. THE ALL-SKY SEARCH

A full survey of the northern hemisphere (dec-
lination of 1.1–80◦) for point sources was carried
out [Atkins et al. 2004]. Figure 2 shows the map of
the northern hemisphere in TeV gamma rays for the
Milagro data set between 15 December 2000 and 25
November 2003. Table I lists all point sources with

∗R. Atkins, W. Benbow, D. Berley, E. Blaufuss, D. G. Coyne,
T. DeYoung, B. L. Dingus, D. E. Dorfan, R. W. Ellsworth,
L. Fleysher, R. Fleysher, M. M. Gonzalez, J. A. Good-
man, T. J. Haines, E. Hays, C. M. Hoffman, L. A. Kelley,
C. P. Lansdell, J. T. Linnemann, J. E. McEnery, A. I. Min-
cer, M. F. Morales, P. Nemethy, D. Noyes, J. M. Ryan,
F. W. Samuelson, P. M. Saz Parkinson, A. Shoup, G. Sinnis,
A. J. Smith, G. W. Sullivan, D. A. Williams, M. E. Wilson,
X. W. Xu and G. B. Yodh

Figure 1: One of 175 outriggers (recently added to
Milagro).

an excess greater than 4σ. The last column repre-
sents the 95% confidence upper limit on the flux, in
units of the Crab. The Crab and Mkn 421 are both
clearly visible in the map, and are listed in the sixth
and seventh row, respectively, of Table I. A square
bin of 2.1◦ in declination (δ) and [2.1/cos(δ)]◦ in right
ascension was used in this analysis. To detect other
possible sources of VHE emission it is necessary to
survey the sky at many different timescales and at
many different bin sizes. In addition to searching for
steady point sources of TeV gamma rays, Milagro has
searched for short bursts of TeV gamma rays [Atkins
et al. 2004], for TeV emission from the direction of
satellite detected GRBs [Saz Parkinson et al. 2004],
and for extended sources of TeV emission [Smith et
al. 2004], as we summarize in this paper.

3. THE GALACTIC PLANE

Diffuse emission from the Galactic plane is the dom-
inant source in the gamma-ray sky [Hunter et al.
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Figure 2: Northern hemisphere as seen in TeV gamma rays. At each point, the excess is summed over a 2.1 by
[2.1/ cos(δ)]◦ bin, and the significance of the excess in standard deviations is shown by the color scale (Figure
from Atkins et al. [2004]).

Table I Locations of All Regions with an Excess Greater
than 4σ

R.A. Decl. ON OFF Excess σ UL

0.3 34.3 3.12308e+06 3.11456e+06 8623 4.7 0.84

37.8 6.7 7.02166e+05 6.98667e+05 3498 4.0 1.8

43.6 4.8 5.85952e+05 5.82716e+05 3236 4.1 2.0

49.1 22.5 2.21431e+06 2.20813e+06 6175 4.0 0.87

79.9 26.8 2.57841e+06 2.57025e+06 8161 4.9 0.97

83.6 22.0 2.17188e+06 2.16222e+06 9665 6.3 NA

166.5 38.6 3.23552e+06 3.22467e+06 10850 5.8 NA

306.6 38.9 3.25329e+06 3.24531e+06 7983 4.2 0.78

313.0 32.2 3.08380e+06 3.07548e+06 8320 4.5 0.85

339.1 72.5 6.63534e+05 6.59727e+05 3807 4.2 3.02

356.4 29.5 2.98656e+06 2.97910e+06 7455 4.1 0.84

1997]. Most of the diffuse VHE emission from the
Galactic plane is thought to be produced by the in-
teraction of cosmic-ray hadrons with the interstellar
matter. The flux measured by EGRET below 1 GeV
fits models well, but that measured between 1 and
40 GeV is significantly larger than what is predicted
by most models. One possible explanation for this
enhanced emission is the inverse-Compton scattering
of cosmic-ray electrons [Porter & Protheroe 1997]. If
this turns out to be the dominant source of diffuse
gamma-ray emission from the Galactic plane, then the
flux at TeV energies could be an order of magnitude
higher than previously thought. Figure 3 shows the

EGRET observations of the Galactic plane. The top
panel shows the all-sky map, in Galactic coordinates,
produced by EGRET, clearly showing the Galactic
plane. The bottom panel shows the EGRET diffuse
GeV flux (in black) along with the Milagro exposure
(in red), indicating that the Milagro observation re-
gion is optimized for the detection of the diffuse emis-
sion predicted by the EGRET measurements. Using
36 months of data, from 19 July 2000 to 18 July 2003,
we looked at the inner (40-100 degrees) and outer
(140-220 degrees) regions of the Galaxy [Fleysher et
al. 2004]. While the outer Galaxy shows no signif-
icant excess, the inner Galaxy shows a 5 sigma ex-
cess [Fleysher et al. 2004]. Figure 4 shows the profile
in latitude for the longitude band (40 to 100 degrees)
of the inner Galactic region (left panel) and the pro-
file in longitude for the latitude band (-5 to 5 degrees)
of the inner Galactic region (right panel), where the
enhancement can be seen just north of the equator.
Figure 5 shows the significance map of the Galaxy.
The region of the inner Galaxy shows an enhance-
ment along and just north of the Galactic equator.
This is the same region where EGRET detected the
strongest signal in the 100 MeV energy range. The
5 sigma excess is seen by summing the entire inner
Galaxy with a +/- 5 degree latitude band, as was
suggested by the EGRET results. We note that the
Milagro observation of the Galactic plane remains sig-
nificant even when the region around the Cygnus Arm
is excluded. This constitutes the first detection of the
Galactic plane at TeV energies.
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Figure 3: Top – EGRET all-sky map showing Galactic
plane emission above 100 MeV. Bottom – EGRET
diffuse GeV flux (in black) along with the Milagro
exposure (in red).

4. EXTENDED SOURCES

A search for extended emission was carried out for
the Milagro data collected between 17 August 2000
and 5 May 2004 [Smith et al. 2004]. A set of standard
cuts has been developed by the Milagro collaboration
and validated by observations of the Crab [Atkins et
al. 2003] and Mkn 421 [Atkins et al. 2004]. Events
with 20 or more PMT hits used by the angle fitter
(NFIT ≥ 20) are kept (this rejects about 20% of events
which have poor fits). In addition, we cut on a pa-
rameter known as “compactness” [Atkins et al. 2004]
(X2≥2.5) to retain 50% of the gammas while remov-
ing more than 90% of the background protons. The
excess at each position is determined by counting the
number of events in a particular bin and subtracting
the estimated background. The background is com-
puted from data collected at the same local detector
coordinates, but at a different time, ensuring the ce-
lestial angles of the background event sample do not
overlap with the source position under consideration.
The method of Li & Ma [1983] is used to compute
the significance of each excess. While the optimal

square bin for detection of point sources with Mila-
gro is 2.1 degrees on each side [Atkins et al. 2004],
to look for diffuse sources, the standard Milagro sky
maps were searched using a range of bin sizes from
2.1 to 5.9 degrees in steps of 0.2. 20 separate searches
were performed on the same maps, though the results
are highly correlated. Monte Carlo simulations were
used to compute the post-trials probability for each
source candidate.

4.1. 3EG J0520+2556

The most significant candidate found in our search
of extended sources had a pre-trials significance of 5.9
sigma, located at RA=79.8 degrees and Dec=26.0 de-
grees and was identified using a 2.9 degree bin size.
The probability of observing an excess this significant
at any point in the sky at any bin size is 0.8%. Figure 6
(left panel) shows the map of significances around the
source, which is located ∼5.5 degrees from the Crab.
This candidate was first reported in 2002 [Sinnis et
al. 2002]. The cumulative significance using only data
since it was first reported is 3.7σ. The right panel of
Figure 6 shows the accumulation of significance with
time, indicating that the excesss increases at a con-
stant rate and shows no periods of significant flaring.
This candidate is coincident with the EGRET uniden-
tified source 3EG J0520+2556 (See Figure 7).

4.2. The Cygnus Arm

The second extended source candidate is coincident
with the region known as the Cygnus Arm, a spiral
arm within our Galaxy that extends radially away
from observers on Earth. This region is known to
be a dense region of gas and dust and was observed
by EGRET as the brightest source of GeV gamma
rays in the northern sky, with a diffuse GeV emission
comparable to the Galactic bulge. Like the emission
from the Galactic plane region, VHE emission from
the Cygnus Arm is thought to originate mainly from
interactions of cosmic rays with the interstellar gas
and dust. A 5.5 sigma excess was detected using a 5.9
degree bin, at RA=308 degrees and Dec=42 degrees.
The probability of observing an excess this significant
at any point in the sky at any bin size is 2.0%. Figure 8
shows the significance of the region of the sky contain-
ing the Cygnus arm, showing also the Galactic plane
from l=20 degrees to l=100 degrees and b=+/- 5 de-
grees superimposed on the plot. The excess observed
by Milagro is inconsistent with a point source and the
number of events coming from the entire 5.9◦ bin is
approximately twice that of the Crab. Like in the
case of 3EG J0520+2556, the accumulation of the ex-
cess is steady, and no evidence for flaring is observed.
While this is an extremely bright region, making it

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2418



Figure 4: Left – Profile of the fractional excess as a function of Galactic latitude ( for a Galactic longitude between 40
and 100 degrees). Right – Profile of the fractional excess as a function of Galactic longitude (for a Galactic latitude
between -5 and 5 degrees). The EGRET longitudinal source shape is superposed. (Figures from Atkins et al. [2005])

Figure 5: Map in Galactic coordinates of Milagro significances in 5◦ by 5◦ bins. The light area has no Milagro exposure
(Figure from Atkins et al. [2005]).

the hottest spot in the Galactic plane, it is not sur-
prising that it has not been detected yet by any of
the Atmospheric Cerenkov Telescopes, given the dif-
fuse nature of the source, and the limited field of view
of such telescopes.

5. CONCLUSION

Milagro has detected three previously unknown dif-
fuse sources of TeV gamma rays. Milagro has reported
the first observation of diffuse TeV emission from the
Galactic plane. In addition to this, two other dif-
fuse sources have been detected. The first, coinci-
dent with 3EG J0520+2556, and the second coincident
with the Cygnus Arm, at 5.9 and 5.5 sigma respec-
tively. When all trials of the all-sky search are con-

sidered, the probabilities of these excesses being due
to background fluctuations are 0.8% and 2.0% respec-
tively. The source coincident with 3EG J0520+2556
was previously reported by Milagro as a “hot spot”.
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Neutrino-induced upward-going muons in MACRO are analyzed in terms of relativity violating effects, keeping
“standard” mass-induced oscillations as the dominant source of νµ → ντ oscillations. Stringent 90% C.L. limits
are placed on the Lorentz invariance violation parameter |∆v| as a function of the mixing angle θv or on the
equivalence principle violation parameter |φ∆γ|.

1. INTRODUCTION

Two flavor νµ → ντ mass-induced oscillations are
a solid explanation of the experimental data concern-
ing atmospheric neutrinos [1–4]. Other alternatives as
the inclusion of sterile neutrinos [5, 6], νµ ↔ νe oscilla-
tions [4] or other exotics [7, 8], are strongly disfavored
by the data, at least as “stand alone” interpretations.

In this paper we consider the mass-induced neutrino
oscillations as the leading mechanism for flavor tran-
sitions, and estimate upper limits on possible contri-
butions of relativity violating effects (violation of the
Lorentz invariance (VLI), or of the equivalence princi-
ple (VEP)) as subdominant ones [9, 10], using a subset
of the MACRO upward-going muon data [11]. Both
“exotic” contributions are described within the same
formalism; in the following, for simplicity, we will refer
only to VLI.

We assume that neutrinos can be described in
terms of three distinct bases: flavor eigenstates, mass
eigenstates and velocity eigenstates, the latter being
characterized by different maximum attainable veloc-
ities (MAVs), and consider that only two families
contribute to the atmospheric neutrino oscillations.
Thus, we may write

|νµ〉 = |νi
2〉 cos θi + |νi

3〉 sin θi

|ντ 〉 = −|νi
2〉 sin θi + |νi

3〉 cos θi .
(1)

In Eq. 1 the upper index i = m or i = v for mass,
and MAV neutrino eigenstates, respectively.

When both mass-induced and VLI-induced neu-
trino oscillations are considered simultaneously, the
νµ survival probability can be expressed as [9, 12–14]

Pνµ→νµ = 1 − sin2 2Θ sin2 Ω (2)

where the global mixing angle Θ and the term Ω are
given by:

2Θ = arctan(a1/a2)
Ω =

√
(a2

1 + a2
2) .

(3)

The terms a1 and a2 in Eq. 3 contain the relevant
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Figure 1: Energy dependence of the νµ → νµ survival
probability for mass induced oscillations alone
(continuous curve), and mass-induced + VLI oscillations
for two different values of the ∆v parameter. The
neutrino path length was fixed as L = 104 km.

physical information

a1 = 1.27|∆m2 sin 2θmL/E + 2 · 1018∆v sin 2θvLEeiη|
a2 = 1.27

(
∆m2 cos 2θmL/E + 2 · 1018∆v cos 2θvLE

)
,

(4)
where the muon neutrino path length L is expressed in
km, the neutrino energy E in GeV and the oscillation
parameters ∆m2 = m2

νm
3
−m2

νm
2

and ∆v = vνv
3
− vνv

2

are in eV2 and c units, respectively. The uncon-
strained phase η refers to the connection between the
mass and velocity eigenstates; in the following we con-
sider η = 0, for simplicity.

If the VEP scenario is preferred as source of an addi-
tional contribution to the atmospheric neutrino oscil-
lations, in Eqs. 4 one should perform the substitution
∆v/2 �→ φ∆γ, where φ is the gravitational potential
(adimensional in natural units) and ∆γ is the differ-
ence between the gravitational coupling constants of
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the two “gravitational” neutrino eigenstates involved
in the oscillation.

As an example, Fig. 1 shows the νµ → νµ survival
probabilities versus neutrino energy, assuming only
mass-induced oscillations with the MACRO parame-
ters ∆m2 = 2.3 ·10−3 eV2 and sin2 2θm = 1 (the solid
curve), compared with the oscillation probabilities as-
suming additional VLI contributions: ∆v = 4 · 10−26

and 2 · 10−25, dashed and dotted curves, respectively.
In both cases, we assumed sin2 2θv = 1.

From Fig. 1 it is clear that VLI contributions sig-
nificantly modify the oscillation probabilities for neu-
trino energies larger than few tens of GeV, while are
completely negligible at lower energies. Since ν mass
is expected to be below 1 eV, such energies correspond
to very high values of the Lorentz factor γ.

2. EXPERIMENTAL DATA AND ANALYSIS

MACRO [15] was a multipurpose large area detec-
tor (∼10000 m2 sr acceptance for an isotropic flux)
located in the Gran Sasso underground Laboratory,
shielded by a minimum rock overburden of 3150 hg
cm−2. νµ’s were detected via charged current interac-
tions νµ +N → µ+X ; upgoing muons were identified
with the streamer tube system (for tracking) and the
liquid scintillator system (for time-of-flight measure-
ments). Early results concerning atmospheric neu-
trinos were published in [1] for the up-throughgoing
muon sample, and in [16] for the low energy semicon-
tained and upgoing-stopping muon events. The global
analysis of all neutrino data was presented in [2].

In order to analyze the data in terms of VLI,
we used a subsample of 300 up-throughgoing muons
whose energies were estimated via multiple Coulomb
scattering in the 7 horizontal rock absorbers of the
lower apparatus [11, 17]. The energy estimate was ob-
tained using the streamer tubes in drift mode, which
allowed to considerably improve the spatial resolution
of the detector (∼ 3 mm). The overall neutrino energy
resolution was of the order of 100%, mainly dominated
by muon energy losses in the rock below the detector
(we remind that 〈Eµ〉 � 0.4〈Eν〉). Upgoing muons in
this sample have zenith angles larger than 120◦ and
the median value of the neutrino path length is slightly
larger than 10000 km.

We used two independent and complementary anal-
yses: one based on the χ2 criterion and the Feldman
and Cousins prescription [18], and a second one based
on the maximum likelihood technique.

2.1. χ2 Analysis

Following the analysis in Ref. [11] we selected a
low and a high energy samples, requiring that the re-
constructed neutrino energy should be less than 30
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Figure 2: 90% CL upper limits on the LVI parameters.
The dashed limit is obtained applying the same energy
cuts as in [11]; the solid line corresponds to the improved
cut discussed in this paper. See Section 2.1 for details.

GeV and larger than 130 GeV, respectively. The num-
bers of events surviving these cuts are Nlow = 49 and
Nhigh = 58; the corresponding median energies, es-
timated via Monte Carlo, are 13 GeV and 204 GeV
(assuming mass-induced oscillations). We fixed the
neutrino oscillation parameters to the values of Ref.
[2] (∆m2 = 2.3 · 10−3 eV2 and sin2 2θm = 1), and we
scanned the plane of the two remaining free parame-
ters (∆v, sin2 2θv) using the function

χ2 =
high∑

i=low

(
Ni − αNMC

i (∆v, θv; ∆m2, θm)
)2

(σstat
i )2 + (σsyst

i )2
(5)

where αNMC
i is the number of events predicted by

the Monte Carlo (MC) normalized to the number of
observed events Ni, and σstat

i and σsyst
i are the sta-

tistical and systematic uncertainties.
The used MC is described in [11] and we consid-

ered different neutrino fluxes in input, in order to
estimate the contribution of the simulated ν fluxes
to the systematic uncertainties of our analysis. The
largest relative difference of the extreme values of the
MC expected ratio Nlow/Nhigh is 13%; in this work
we use a conservative 16% theoretical systematic error
on this ratio. The experimental systematic error was
estimated to be 6%. In the following, we show the
results obtained with the neutrino flux computation
of Ref. [19].

The inclusion of the VLI effect does not improve
the value of χ2 in any point of the (∆v, sin2 2θv)
plane, compared to stand-alone mass-induced oscil-
lations, and upper limits on the VLI parameters were
obtained. The 90% confidence level (CL) limit com-
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puted with the Feldman and Cousins prescription is
shown as the dashed line in Fig. 2.

The energy cuts considered above (the same as used
in Ref. [11]) were optimized for mass-induced neutrino
oscillations. We maximized the sensitivity of the pro-
cedure for VLI induced oscillations by performing a
blind analysis, based only on MC events, and found
that the best performances are obtained by requiring
that the reconstructed neutrino energy should be less
than 28 GeV and larger than 142 GeV, respectively.
The corresponding number of events in the real data
are N ′

low = 44 and N ′
high = 35. The limit obtained

with this selection is shown in Fig. 2 as the contin-
uous curve; as expected, this limit is more stringent
than the previous one.

We should stress that in the analysis presented
above we considered sin2 2θv as a free parameter: this
limits the range of sensitivity to the “velocity” mixing
angle to 0 ≤ θv ≤ π/4; since in Eq. 4 we considerred
η = 0, the limits in Fig. 2 assume ∆m2 > 0 and
∆v > 0.

2.2. Maximum Likelihood Analysis

A different and complementary analysis of VLI con-
tributions to the atmospheric neutrino oscillations was
made on the MACRO muon data corresponding to
parent neutrino energies in the range 25 GeV ≤ E ≤
75 GeV. This energy region is characterized by the
best energy reconstruction, and the number of muons
satisfying this selection is 106. These events are out-
side the energy ranges used in the analysis discussed
in Section 2.1, and thus the expected sensitivity to
VLI (or VEP) contributions to the atmospheric neu-
trino oscillations should be lower; on the other hand,
the maximum likelihood technique (MLT) has the ad-
vantage to exploit the information event-by-event (is
a bin-free approach).

Given a specific hypothesis, MLT allows to deter-
mine the set of parameters a of the problem (in our
case a = (∆m2, θm,∆v, θv)) that maximizes the prob-
ability of the realization of the actual measurements
x (here x = (E,L)), by minimizing the negative log-
likelihood function:

L = −2
n∑

i=1

ln f(xi; a) , (6)

where the sum is over the number of observed events,
and f(xi; a) is (at least proportional to) the probabil-
ity of realization of a given event, which in our case
is:

f(x; a) = K(a) · PMC(x) · Pνµ→νµ(x; a) . (7)

In Eq. 7, K(a) is a normalization factor meant to
ensure that the integral of f(x; a) over the observables
x space is independent on the parameters a (otherwise
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Figure 3: 90% CL upper limits on the ∆v/2 parameter,
versus the ∆m2 parameter varying inside the 90% CL
MACRO global result [2].

L would not converge), PMC(x) is the MC probability
to observe the event x in the no-oscillation hypothesis
and Pνµ→νµ(x; a) is the νµ survival probability given
by Eq. 2.

MLT has a drawback: L is not a true goodness
of fit estimator, as the more popular χ2 we used in
the analysis in Section 2.1; at the same time, it has
the power to be very effective when the experimental
statistics is limited 1.

We have chosen different fixed values of the ∆m2

and sin2 2θm mass-oscillation parameters on the 90%
CL border reported in Ref. [2] and found the relative
∆v and sin2 2θv that minimize Eq. 6. Fig. 3 shows
the 90% CL upper limit of the VLI parameter ∆v/2
versus the assumed ∆m2 values. The limit shown in
Fig. 3 was obtained as a convolution of the 90% CL
upper limits of ∆v/2 corresponding to each chosen
∆m2 value.

3. CONCLUSIONS

We have searched for “exotic” contributions to
“standard” mass-induced atmospheric neutrino oscil-
lations arising from a possible violation of Lorentz
invariance. We used a sample of the MACRO up-
throughgoing muon events for which an energy mea-

1We tested the MLT on the 106 events sub-sample of the
data in the hypothesis of only mass-induced neutrino oscil-
lations, obtaining results perfectly compatible with those re-
ported in [2], based on the full MACRO statistics.
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surement was made via multiple Coulomb scattering.
Two different and complementary analyses were per-
formed on the data, both of them yielding compatible
upper limits for the VLI contribution.

The first approach, described in Section 2.1, uses
two sub-sets of events referred to as the low energy
and the high energy samples. The mass neutrino os-
cillation parameters have been fixed to the values de-
termined in Ref. [2], and we mapped the evolution of
the χ2 estimator in the plane of the VLI parameters,
∆v and sin2 2θv. No χ2 improvement was found, so
we applied the Feldman Cousins method to determine
90% CL upper limits on the VLI parameters. The ob-
tained limits, using the same energy cuts as in [11],
and a set of cuts optimized in order to increase the
sensitivity to VLI effects are shown in Fig. 2. The
best limit ranges from ∆v < 6 ·10−24 for sin2 2θv = 0,
to ∆v < 2.5 · 10−26 for sin2 2θv = 1.

The second approach is less conventional and is de-
scribed in Section 2.2. It exploits the information con-
tained in a data sub-set characterized by intermediate
muon energies. It is based on the maximum likelihood
technique, and considers the mass neutrino oscillation
parameters inside the 90% border of the global result
[2]. The obtained 90% CL upper limit on the ∆v VLI
parameter (shown in Fig. 3 versus the assumed ∆m2

values) is also around 10−25.
The two analyses yielded compatible results.
The limits reported in this paper are comparable

to those estimated using Super-Kamiokande and K2K
data [9, 10].
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Powering and Structuring the Universe Starting at Combination
Time* - On the Electrodynamics of the Big Bang Universe

Howard D. Greyber
2475 St. Lawrence Drive, San Jose, CA 95124
hgreyber@yahoo.com

Applying the known physics of plasma to the evolution of galaxies and quasars in the Early Universe, a unique
“Strong” Magnetic Field Model (SMF) was created that explains the origin of a very large-scale primordial mag-
netic field in each Supercluster and the observed large-scale structure of galaxies. This physical model, involving
both gravitation and cosmical magnetism, explains the existence of significant magnetic fields in galaxies. An
intense highly relativistic gravitationally bound current loop (Storage Ring) is formed by gravitational collapse
explaining the nature of the AGN/Quasar Central Engine, galactic structure and radio, optical and X-ray jets.

1. INTRODUCTION

Most astrophysics books give short shrift to the
time, an age of about 400,000 years in the Big Bang
Model of the evolution of the Universe, i.e. Combina-
tion Time, when the first atoms were formed. They
simply say that at precisely that time the entire Uni-
verse changed from fully ionized plasma to become
neutral gas in the Universe’s long Dark Ages. Combi-
nation Time is much more complex than that (1.2.3).

The famous observed cosmic background radiation
(CMB), predicted by Gamow, Alpher and Herman
around 1950, and first observed about 1964, was emit-
ted at Combination Time. Only, so the conventional
story goes, by the effect of Gravity acting to pull mat-
ter onto very tiny density fluctuations that, allegedly,
amazingly, survived, left over from far back in time,
Inflation Time (a Big Bang age of 10exp-35 seconds),
do the first stars, quasars and galaxies form hundreds
of million years later when the Dark Ages ended.

The dubious ability of pure Gravity alone, to pro-
duce huge 109 solar masses quasars within 700 million
years, massive stars within 200 million years and sig-
nificant early large-scale structure observed by Steidel
et al, already at Z = 3, (4), is not discussed in to-
day’s common model. Nor is the fundamental prob-
lem of the origin of magnetic fields in the Universe
touched upon, despite the prescient comments of Eu-
gene Parker (5) about the impossibility of explaining
the formation of observed large-scale magnetic fields
in the Universe by present-day physics. The facts of
plasma physics are not really applied to the origin and
evolution of the large-scale structure of galaxies, and
of large-scale magnetic fields in our Universe. (How-
ever most books do mention that our Universe is today
made up of over 99% plasma)

Also not explained are the carefully reasoned con-
clusions of Jaan Einasto and nine other scientists (6):
“We present evidence for a quasi-regular three di-
mensional network of superclusters and voids, with
the regions of high density separated by 120 Mpc.
If this describes the distribution of all matter (lu-
minous and dark), then there must exist some hith-
erto unknown process that produces regular structure

on large scales.” In my opinion, my “Strong” Mag-
netic Field model (SMF) is their “hitherto unknown
process”. De Lapperent (7) describes the large-scale
galaxy distribution as “sharp sheet-like structure de-
lineating voids” Gregory (8) concluded “The large-
scale structures we observe today had to be impressed
somehow onto the proto-galactic material before it
collected into galaxies”. One model, SMF, explains
all this evidence as well another puzzle, the origin of
magnetic fields in our Universe.

The belief that tiny fluctuations produced at In-
flation Time (10−35 seconds) remain unchanged, af-
ter basic phase transitions, like separating the weak
force from the EMF, after quarks coalesce into nu-
cleons, and after nucleons form into nuclei, seems ex-
tremely unlikely to me. By contrast, in SMF the fluc-
tuations are created and grow right at Combination
Time, a Big Bang age of about 400,000 years. In-
flation, if true, can be justified by its explanation of
the horizon and flatness problems, and the total lack
of observed magnetic monopoles, without, supposedly
solely by Gravity, also “explaining” the rapid forma-
tion of stars, quasars and galaxies.

In my SMF model, the word “Primordial” refers to
processes occurring at and after Combination Time,
like George Gamow used it. The word “Strong” has
been used by me in SMF since 1961 in precisely the
same sense that the Russian physicist Y. Zel’dovich
used it in 1983, “A major challenge is to understand
strong magnetic fields whose energies greatly exceed
those of hydrodynamics motions”(9). This means that
the “Strong” magnetic field could, sometimes, appear
extremely weak by Earth-like standards.

This interplay of Gravitation and Magnetic Field
explains in SMF the wide variety of the dynamics and
topology of objects of galactic dimension, as was em-
phasized by me in 1964 to 1967 and 1988-2001. Let us
remember that the electromotive force (EMF) is 1040

times stronger than Gravity, and also that EMF is the
ONLY other long-range force known in physics. This
means that, in a Plasma, magnetic fields produced by
even very tiny generated currents will locally domi-
nate the motion of the plasma.

It is crucial to observe that even after Combina-
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tion Time the Universe is still a Plasma according to
Lyman Spitzer’s definition. The Debye shielding dis-
tance, h, in centimeters, is given by

h = 6.90(T/n)0.5

where T is the temperature in degrees Kelvin, and n is
the number of electrons per cubic centimeter. Spitzer
states that “If h is small compared to other lengths of
interest, an ionized gas is called a Plasma” (10).

According to P.J.E. Peebles, those patches of the
Universe where almost all the ions and electrons have
combined still have a residual ionization of 0.01 to
0.0001 under various assumptions (11). Just after
Combination Time, T would be about 104 and n would
be about 10−10. This yields h around 108 cm. clearly
more than ten orders of magnitude less than any other
lengths of interest in galaxy formation.

Thus we conclude that the Early Universe was al-
ways Plasma, even in its Dark Ages. That gigantic
electric currents and strong long-range magnetic fields
can exist in the Universe for times long compared to
the age of the Universe, was pointed out long ago by
the pioneering Swedish astrophysicist, Hannes Alfven.
Other theoretical models for the Early Universe, other
than SMF, basically rely on only the gravitational field
with various different strange ad hoc ideas added on.

2. GENERATION OF CURRENT AND
PRIMORDIAL LARGE-SCALE MAGNETIC
FIELDS IN THE SMF MODEL FOR THE
EARLY UNIVERSE

Greyber (1967a, 1989) analyzed the effect of dissi-
pation over time on a bounded turbulent medium. He
showed that, over long times, small wavelengths dissi-
pate their energy faster than large wavelengths. Thus
about a million years after Combination Time, one is
left with only huge plasma volumes pushing against
other plasma volumes.

However, a better approach is to examine the phase
transition at Combination Time, i.e. the relatively
sudden change at Combination Time in the Big Bang
Model, from fully ionized plasma to an almost neutral
plasma, releasing energy in the form of a flood of pho-
tons. In a long article on the “Dynamics of First Order
Transitions”, Gunton (12) states that the problem of
pattern formation in systems which are spontaneously
attempting to reach equilibrium provides a fascinat-
ing example of nonlinear, nonequilibrium phenomena.
In the theory of first order phase transitions there are
two different types of instability. One is nucleation,
the slow movement of matter towards a positive den-
sity fluctuation.

For our purpose we consider the other one, an
instability against infinitesmal amplitude, nonlocal-
ized (long wavelength) fluctuations which leads to the

rapid initial decay of an unstable state. This instabil-
ity is called SPINODAL DECOMPOSITION, named
by American physicist J. Willard Gibbs in 1906. The
first successful theory of Spinodal Decompositioin was
created by Hillert, and later developed by John W.
Cahn at N. I. S. T. Cahn developed a linearized deter-
ministic theory that predicts an exponential growth of
the fluctuations, rather than the much slower growth
of nucleation. (Cahn won the National Medal of Sci-
ence for this research) This exponential growth deter-
mines the morphology of the Universe at Combination
Time.

Clearly this fast growth progresses only until one
border encounters the border of another plasma vol-
ume. It is unphysical to assume that the whole infinite
Universe changed phase at precisely the same time.
The real process is similar to that in a quiet lake as
the temperature falls extremely slowly through zero
degrees Centigrade. Some patches of the lake will su-
percool, staying liquid, while other patches will freeze.

Similarly, at Combination Time, the Universe will
consist partly of patches of only slightly ionized
plasma, and partly patches of fully ionized plasma. In
those patches that have become almost neutral, about
10eV per atom is released. The flow of photons will
penetrate only a very short distance into a neighboring
fully ionized patch because the photon mean free path
in fully ionized plasma is far shorter than in almost
neutral plasma. The photons heat this border layer
up, compressing the patch of fully ionized plasma,
thus increasing dramatically the seed magnetic field
inside, and thus dramatically increasing the jump in
magnetic field across the boundary. For a discussion
of seed magnetic fields, see Sir Martin Rees (13)

It is reasonable to assume slight differences in the
seed magnetic fields and slight differences in the mat-
ter density across such interfaces. Of course, among
the infinite number of patch interfaces at this time
in our infinite Universe, there will be an infinite
subset of interfaces where a hotter denser plasma
with a stronger magnetic field presses against a less
dense, cooler plasma volume with a weaker magnetic
field. These particular spatially curved boundaries are
Rayleigh-Taylor Stable.

Let us recall that it follows from Maxwell’s Equa-
tions that there must be an electric current at the
boundary between two adjacent volumes of plasma
with different magnetic field intensities inside. The
electric current is proportional to the jump across the
boundary of the component of the magnetic field par-
allel to the boundary on each side. Enormous electric
current amplification continues at these stable bound-
aries.

It is important to note that there are different equa-
tions of state for magnetic field and for matter. While
magnetic pressure varies as B squared, matter pres-
sure goes as the density to some power like 1, 4/3, or
5/3 For example, assuming an isothermal plasma, a
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twenty-fold doubling, i.e. a compression of 106 is pos-
sible over a few million years. This process increases v
in the expression for current j = nev. Actually, due to
the three dimensional wrinkling of sheet-void bound-
aries, current amplification in certain local volumes
(in corners) will be very much larger.

However, simultaneously, the number of current
carriers, n , will also increase dramatically due to (a)
the well-known Pinch Effect that draws in charged
particles until they join the current flow at the bound-
ary, and (b) random particles which cross the current
flow and are captured. If n has a twenty-fold dou-
bling along with that of the density, then an increase
of current, and of magnetic field, of 1012. is expected.
Thus a seed magnetic field of 10−21 gauss could be
amplified to about 10−9 gauss.

In addition, as the mass density at the current-
carrying interfaces rises compared to the average den-
sity on either side, Gravity begins to act to draw both
neutral and charged plasma into the interface region.
Notice that even if the SMF process has only increased
the matter density at the spatially curved boundaries
by only 0.00001 of the average matter density in a
patch, that is sufficient to imprint the observed struc-
ture on the proto-galactic matter. This is because
Gravity continues to attract matter into the relatively
thin sheets of matter around voids long after the pres-
sure differences are gone.

Eventually the density along the sheets of matter
rises until at some local volumes, critical density for
gravitational collapse of a plasma cloud that will form
a galaxy or a star is reached. As I pointed out in the
1964 I.A.U., shock waves from the initial gravitational
collapse will envelope nearby matter concentrations
that are very close to critical density, inducing them
to collapse, thus favoring the formation of clusters of
galaxies and clusters of stars.

Thus quasars and galaxies are formed along spa-
tially curved thin sheets around huge voids, match-
ing the astronomical observations of large-scale struc-
ture. Since the Pinch Effect was proven to be unstable
by Kruskal and Scharzschild (14), the large majority
of the matter will remain anchored, as DARK MAT-
TER, near the DeVaucouleurs Superclusters in some
form.

3. GENERATION OF GRAVITATIONALLY
BOUND CIRCULAR CURRENT LOOPS,
i.e. STORAGE RINGS, DEFINING THE
CENTRAL ENGINE OF QUASARS AND
GALAXIES

The Storage Ring concept was created by me based
on my growing conviction of the importance of dipole
magnetic fields in galaxies, on the unpublished 1963
circuit theory derivation by Menzel and Greyber,

and on the pioneering MHD analysis by Mestel and
Strittmatter (15). The great usefulness of this Storage
Ring concept in explaining astronomical observations
was discussed by me at length in several articles, Grey-
ber (16-23), including the arguments for generation,
equilibrium and stability of the current loop. In (20)
and (21), I present a Table comparing the predictions
of the SMF Storage Ring model with those of the con-
ventional rotating accretion disk model involving only
Gravity. Clearly, the SMF model fits the astronomical
observations overwhelmingly better.

As magnetofluiddynamics dictates (24,25), the in-
tense current loop maintains a cavity around itself in-
side the massive, slender toroid of plasma, which is
bound to the current loop by the Maxwell “frozen-in”
magnetic field condition. The bursting force of this
very strong unified magnetic field system is in equi-
librium with the strong gravitational force between
the massive slender toroidal plasma and the central
massive object, probably a black hole.

Thus Nature, or der leibe Gott, in this novel
paradigm, taps a small fraction of the gigantic energy
of gravitational collapse of an entire pre-galactic/pre-
Quasar plasma cloud, storing it in a Storage Ring,
which defines the galactic/quasar central engine. It
is this SMF Central Engine (see the Figures) which
produces jets and galactic spiral arms, and the phe-
nomena of quasars, galaxies and gamma ray bursts.

Galaxies accrete matter from neighboring smaller
galaxies, and from Oort clouds. Most plasma accretes
down the dipole magnetic field, against the adiabatic
invariant, into the galactic nuclear region. There, in
a spiral galaxy, where the ratio of magnetic energy
to rotational energy is low, the matter in the nuclear
region is expelled into usually two spiral arms, form-
ing dust clouds and then bright O and B stars. This
matches the observations by Walter Baade of the nu-
clear region of M31. Note that for a very low ratio,
the bulk diamagnetic plasma may tend to simulate a
disk. However in an active galaxy, where the ratio
of magnetic energy to rotational energy is quite high,
like a radio galaxy or quasar, the matter is expelled in
successive blobs along the rotation axis, forming the
observed jets.

The subtle arguments for Stability of the Storage
Ring are worth expanding on. Macroscopically, there
are two important hints. Both thick and thin rotating
accretion disk structures exhibit many serious insta-
bilities. Using hydrodynamics, O. M. Blaes (26) ana-
lyzed constant angular momentum tori , demonstrat-
ing that, for extremely slender tori (such as the SMF
storage ring) any instability, becomes vibrational, i.e.
Stable. Probably the same result will occur for the
MHD case. More evidence is adduced by the fact that
the two dimensional current loop with the minimum
perimeter, i.e. a circle, proves to be the most stable.

However, the microscopic picture seems the most
compelling. Due to the coherence, one part of an
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undisturbed, perfectly steady loop current will not ra-
diate in the magnetic field of another part. However,
if a fluctuation, or “bump”, appears somewhere along
the loop, the particles in the “bump”, now out of
coherence, will suddenly radiate furiously in the ex-
tremely strong magnetic field, the energy in the fluc-
tuation will dissipate rapidly, and the ring will return
quickly to a circular loop. Thus the intense, com-
pletely coherent, highly relativistic current loop (Stor-
age Ring) is uniquely stable. Please note that the only
potential causes of a “bump”, a star or a planet, are
tiny compared to the huge loop perimeter.

A current loop in the extremely high vacuum of in-
terstellar space will begin with Jitter Energy described
by a temperature perpendicular to the current direc-
tion, Tperp, and a temperature parallel to the current
direction, Tpar. However relatively quickly, the Tpar.
energy will be transferred into Tperp. energy, which in
turn will diffuse to the surface of the current loop and
radiate away into space as cyclotron radiation. Beam
physics thus leaves an undisturbed, completely coher-
ent current loop, i.e. “gravitationally bound current
loop” or “Storage Ring”, as an unusual unique object,
speeding at extremely relativistic speeds, but with a
remarkable, crystal-like, structure, in the central en-
gine of galaxies and quasars. If left undisturbed, the
only radiation loss from the loop is the extremely
small curvature radiation, previously calculated from
J. Schwinger (27, and Tables in 20,21).

4. DISCUSSION AND CONCLUSIONS

Greyber’s SMF Model provides astrophysics with a
New Classification of Galaxies besides that created by
Edwin Hubble, i.e. the morphology and energetics of
objects of galactic dimension are classified and deter-
mined by the Ratio of magnetic energy to rotational
energy in the particular object (18,23). This Ratio
is highest for quasars, BL Lacs and blazars, decreas-
ing steadily for giant elliptical radio galaxies, then less
for Seyfert and Markarian galaxies, is low for Spiral
galaxies, and even lower for ordinary elliptical galax-
ies. However the activity observed is also a function
of the matter accretion rate at the time observed.

One outstanding puzzle of cosmology is “When and
How did Magnetic Fields Originate?”. Two relevant
research results have occurred recently. One is the dis-
covery that there exist “large-scale magnetized regions
of space outside clusters of galaxies” (28). Thus the
real question, as (28) poses it, is whether this magnetic
field is primordial. (28) answers No, claiming that
young dwarf galaxies seed the intergalactic medium
with magnetic fields. (28) assumes very strong dy-
namo amplification will occur at the highest redshifts,
although the galactic dynamo model has serious de-
fects.

Physicist Walter Elsasser in 1934 related to a friend
that Thomas G. Cowling was attempting to make a
theory for an axially symmetric astrophysical dynamo.
“If that simple idea does not work”, remarked Albert
Einstein, “then dynamo theory will not work”. The
result of the research was negative, yielding Cowling’s
famous antidynamo theorem. Agreeing with Einstein,
I argue that very large-scale primordial magnetic fields
were created in each Supercluster far earlier, at and
after Combination Time by the SMF processes, not
by a “dynamo” process.

The second relevant result was deduced from the
observations of D. Hutsemekers and H. Lamy (29) ti-
tled “Confirmation of the existence of coherent orien-
tations of quasar polarization vectors on cosmological
scales”. They found “the (electric) polarization vec-
tors in region A1 are apparently parallel to the plane
of the Local Supercluster”. They point out that a
distinct possibility is that the quasar structural axes
themselves are coherently oriented.

(29) concludes that “the presence of coherent ori-
entations at such large scales seems to indicate the
existence of a new, interesting effect of cosmological
importance”. Obviously random flows surging from
individual dwarf galaxies could not possibly explain
coherent orientations over a large fraction of the size
of a Supercluster. The only clear explanation left is
that those quasars observed were formed in the pres-
ence of a relatively strong, very large-scale primordial
magnetic field formed at about the same time, in the
very same processes that imprinted the large-scale ob-
served structure of galaxies in the Universe, i.e. at and
after Combination Time.

The SMF central engine clearly predicts that jets
emerge in successive blobs, as K. Kellerman and P.
J. Wiita believe. Kellerman concluded “typical mor-
phology shows a compact core with one or more blobs
moving away in a single direction”(30). Accretion of
bulk plasma inevitably forces open either one of the
two throats and a blob of plasma is ejected along
the rotation axis, producing two-sided jets, (see the
Figures) But if the accretion is extraordinarily large,
one throat cannot close and one-sided jets occur for
that radio source, agreeing with observations. How-
ever some astronomers claim that blobs are merely the
result of shock waves. This SMF prediction could use
more confirmation.

Another specific prediction of the SMF Model is
that the Spiral Arm magnetic field is in one direction
above the plane of the galaxy, and in the opposite
direction below, with a neutral sheet along the plane
of the galaxy. The same configuration is found in the
Earth’s Magnetotail, which the IMP satellite found
is quite stable. Prof. S. Chandrasekhar kindly told
me that the uniform spiral arm magnetic field model
assumed by him and Fermi, was chosen simply for
simplicity, not due to physical intuition.

Long ago, Lyman Spitzer was concerned that mas-
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sive stars might not be able to be formed in the pres-
ence of spiral arm magnetic fields of 10−6 gauss. In
our SMF Model they form easily when formed in the
low magnetic field close to the galactic plane. Using
Faraday rotation, D. Morris and G. L. Berge (31) de-
duced that in our spiral arm, where our Sun is located,
the magnetic field tends to be roughly in opposite di-
rections above and below the galactic plane. More
confirmation is needed for this prediction of SMF.

Observations have shown that narrow, very strong,
straight jets are emitted by some newly forming stars.
The increasing dipole magnetic field created tem-
porarily by a storage ring formed in the newly formed
star will produce and confine a narrow, very long,
straight jet (32). However when the density inevitably
becomes too high, either the ring is destroyed, or the
current-carrying plasma ring is buried inside the newly
formed star, becoming the source of primordial stellar
magnetism in that star, perhaps in our Sun.

Since 1961, SMF has emphasized repeatedly that it
is not necessary to assume Equipartition in the central
engine of quasars and galaxies. As Prof. Charles H.
Townes puts it (personal communication), “Equipar-
tition exists only when the physics demands it does”.
Clues to the importance of strong magnetic fields in
quasars can be found in early research by G. Burbidge
and F. Hoyle (33). They pointed out, for instance,
that for the synchrotron process to be dominant, “this
means that quasi-stellar objects must contain - mil-
lions of separate points where electrons are injected
into a strong magnetic field”. SMF’s slender Storage
Ring obviously meets this criterion.

We note that SMF discovered two novel concepts
used in Nature for production of electric current, both
different from the Faraday/Henry discovery that pow-
ers our electric civilization, and different than the mi-
nor processes listed in the Lars Onsager Matrix found
in Thermodynamics. The first uses the energy of the
series of photon flows in the Big Bang Model at Com-
bination Time, acting on remaining patches of fully
ionized plasma. The second uses the energy of gravita-
tional collapse of a pre-galactic or pre-quasar plasma
cloud permeated by a uniform primordial magnetic
field to create a Storage Ring.

It is pertinent to observe that the SMF Model
agrees fully with the comment by Sir Martin Rees that
“the phenomena of quasars and radio galaxies cannot
be understood until they are placed in the general
context of galactic evolution” (34). By an original,
unique “Strong” Magnetic Field Model (SMF), invok-
ing the known physics of plasmas, several extremely
important puzzles in Astrophysics can be explained.
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APPENDIX A

How likely is it that the Inflation fluctuations at an
age of 10−35 seconds remain scale-invariant over 50
powers of ten growth in scale, despite several phase
transitions (like separating the EMF force from the
weak force), quarks assembling into nucleons, nucleons
into nuclei, and by Combination into atoms, compared
to the fluctuations produced by the SMF processes
which have to stay scale-invariant for only about 9
powers of ten of growth in scale, while all is quiet
during the Dark Ages, until the first gravitational col-
lapses produce light. To this physicist, the latter is
far more likely.

In SMF, the EMF force (by the Pinch Effect) first
pulls the 3D ionized particles into spatially curved
sheets. Then Gravity gradually takes over, attract-
ing both charged and neutral matter. Thus the EMF
force helps Gravity achieve the first stars by only 220
Million years (estimated by WMAP). Recall that E. S.
Phinney (CalTech) was reported in Sky & Telescope
to be concerned that with CDM one would not have
time enough to form huge 109 solar mass quasars in
only one billion years, as observed. Now, from Sloan,
there are a few more huge quasars, including one at
an age of only 700 Million years. Can Gravity alone,
a very, very weak force, explain those observations?

Note also that in my second diagram of the Cen-
tral Engine, as John A. Wheeler calls it, when the
key ratio is low, the bulk plasma simulates more and
more a disk confined on the horizontal axis by mag-
netic field. It was first proven in 1952 (when I was at
Princeton University) by a pioneering computer cal-
culation, MacBeth, created by Prof. Wheeler that I
helped run, that in Rayleigh-Taylor Instability, LONG
wavelengths dominate in the Nonlinear range, con-
trary to what happens in the linear range. Clearly
the longest wavelength perturbation for a disk is to
become an oval. Thus SMF predicts that in most spi-
ral galaxies, two arms are formed, not one or three,
just as observed in Nature. The spiral arm magnetic
field produced reverses across the galactic plane, a sta-
ble configuration, as seen in the Earth’s Magneto-Tail
repeatedly by the IMP satellite.

In SMF, th logical place for fluctuations to be pro-
duced are by the Unstable Pinch Effect, (see Kruskal
& Schwarzschild, Ref. 14) acting due to the increas-
ing current in the boundary between the fully ionized
plasma (FIP) and the slightly ionized plasma (SIP) at
COMBINATION TIME. Los Alamos has done many
Pinch Effect experiments for the Controlled Ther-
monuclear Research (CTR) program, and one can see
in their data the fluctuations produced.

APPENDIX B

It is interesting and worth noting that, in the SMF
model, we have said nothing about what happens after
Spinodal Decomposition to the supercooled FIP (fully
ionized plasma patch) which remains a sort of false
vacuum, far out of equilibrium, perhaps representing
a negative pressure. The first SMF process generates
current and pulls in charged particles to the boundary.
But it acts only along the boundaries of the FIP patch,
as the series of photon flows compress the FIP. The
major flow, of course, occurs when adding an electron
to make a neutral hydrogen atom.

If the typical Supercluster were 360 Million light
years in length today (120Mpc), then back at Combi-
nation Time, the FIP patch then was roughly 10,000
to 15,000 light years long. It appears possible that
some (or all) of these FIP patches remain FIP and
supercooled still today, located in some voids, repre-
senting today a cosmic repulsion. Gradually as the
expansion slows due to Gravity from that at the ori-
gin of the Universe, then at some point this cosmic
repulsion would overcome the effect of Gravity on the
expansion of the Universe, and the Universe would
begin an accelerating expansion. According to the re-
markable observations by two groups, one headed by
Saul Perlmutter and the other by Robert Kirshner,
this transition occurred at about an age of nine bil-
lion years in the Big Bang Model.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2504



-= Gravitationally 
Bound Current Loop 

The S b n g  Magnetic Field AGN-Crntml hginc  Quasar-Gduy Formation Paradigm 
H. D. Creybtr 

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2504



I I 

Plasma 
"frozen-in" to 

the GBCL 

\ 

Spiral Arm 

QK&= Gravitationally 
Bound Current LOOP 

The Strong Magnetic Field AGN-Central Enpite Quasar-Galaxy Formation Paradigm 
n. D. Gmybcr 

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2504



Large-Area Balloon-Borne Polarized Gamma Ray Observer (PoGO)
V. Andersson∗, P. Chen, T. Kamae, G. Madejski, T. Mizuno†, J.S.T. Ng, M. Suhonen∗, H. Tajima, T.
Thurston
SLAC and KIPAC, Stanford Univeersity, Menlo Park, California, USA
G. Bogaert
Ecole Polytechnique, Palaiseau, France
Y. Fukazawa
Hiroshima Univ., Higashi-Hiroshima, Japan
Y. Saito, T. Takahashi
ISAS/JAXA, Sagamihara, Japan
L. Barbier, P. Bloser, T. Cline, A. Harding, S. Hunter, J. Krizmanic, J. Mitchell, R. Streitmatter
NASA-GSFC, Greenbelt, Maryland, USA
R. Fernholz‡, E. Groth, D. Marlow
Princeton Univ., Princeton, New Jersey, USA
P. Carlson, W. Klamra, M. Pearce
Royal Inst. of Tech., Stockholm, Sweden
C.-I. Bjornsson, C. Fransson, S. Larsson, F. Ryde
Stockholm Univ., Stockholm, Sweden
M. Arimoto, T. Ikagawa, Y. Kanai, J. Kataoka, N. Kawai, Y. Yatsu
Tokyo Inst. of Tech., Tokyo, Japan
S. Gunji, H. Sakurai, Y. Yamashita
Yamagata Univ., Yamagata, Japan

We are developing a new balloon-borne instrument (PoGO), to measure polarization of soft gamma rays (30-
200 keV) using asymmetry in azimuth angle distribution of Compton scattering. PoGO is designed to detect
10 % polarization in 100mCrab sources in a 6-8 hour observation and bring a new dimension to studies on
gamma ray emission/transportation mechanism in pulsars, AGNs, black hole binaries, and neutron star surface.
The concept is an adaptation to polarization measurements of well-type phoswich counter consisting of a fast
plastic scintillator (the detection part), a slow plastic scintillator (the active collimator) and a BGO scintillator
(the bottom anti-counter). PoGO consists of close-packed array of 217 hexagonal well-type phoswich counters
and has a narrow field-of-view (∼ 5 deg2) to reduce possible source confusion. A prototype instrument has
been tested in the polarized soft gamma-ray beams at Advanced Photon Source (ANL) and at Photon Factory
(KEK). On the results, the polarization dependence of EGS4 has been validated and that of Geant4 has been
corrected.

1. Introduction

In the X-ray observation of extra-solar objects, po-
larization has been measured only once, by an ex-
ploratory and yet very successful experiment, of the
Crab (nebula+pulsar) at 2.6 and 5.2 keV with OSO-8
Satellite [1]. Since then, polarization measurement
has been known to play crucial roles in high en-
ergy astrophysics. The next step towards improv-
ing our knowledge on celestial X-ray sources will re-
quire polarization measurements at the 10 % level
within characteristic time-scales of prominent flares
and transients (lasting less than a day) for flux level
of 50 − 100 mCrab.

Two detector technologies are now being developed
to reach the required sensitivity. The first technol-

∗Visitor from Royal Inst. of Technology
†Permanent address: Hiroshima University
‡Present address: NorthStar DesignWorks LLC, New Jersey,
USA

ogy, effective below ∼ 10 keV, is based on tracking of
the photoelectron from X-ray absorption in a micron-
scale gaseous imaging device. The other, effective be-
tween a few tens of keV to a few MeV, is based on the
coincidence measurement of Compton scattering and
photo-absorption. The direction of photoelectrons in
the first, and that of the scattered gamma rays in the
second, depend on the photon polarization.

PoGO is a novel instrument based on the Comp-
ton scattering technology: it is optimized in the hard
X-ray band (30-200 keV) and aims to resolve several
key physics issues via polarization measurements in a
series of balloon experiments lasting ∼6-8 hours each.

Compton scattering has highest potential for
measuring low polarization because the modulation
factor exceeds 85 % for a large solid angle between
60-120 degrees. Here the modulation factor is defined,
in term of the counting rate (R(φ)) at azimuthal
scattering angle φ, as:

(R(φ)max −R(φ)min)/(R(φ)max +R(φ)min)

The other choice, the photoelectron tracking, operates
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in the soft X-ray band and hence the instrument has
to be launched to a satellite orbit. It has, however,
the important advantage that a fine image can be ob-
tained by combining with a high throughput X-ray
mirror.

Science and instrumentation related to the polariza-
tion measurement of astronomical objects in the soft
and hard X-ray bands have been reviewed in articles
by Lei et al. [2] and by Dean [3].

A prototype PoGO detector with 7 units and the
flight-model components have been built and charac-
terized at synchrotron light facilities and with radio-
active sources. The two simulation programs added
with the polarization dependence, EGS4 [4] and
Geant4 [5], have been confronted with the experimen-
tal results and errors in Geant4 have been corrected.
The key features of the PoGO flight model given in
Table 1 have been calculated on the bug-fixed version
of Geant4.

2. Design of PoGO

The Well-type Phoswich Counter design [6] [7] has
been tested in several balloon experiments and proven
to be highly effective in reducing background [8]. The
technology has been subsequently adopted in the As-
troE/AstroE2 satellite mission as the Hard X-ray De-
tector [9] [10]. The design presented here consists
of 217 well-type Phoswich Detector Cells (PDC, see
Fig.1) made of fast and slow scintillators, and a set
of anti-coincidence counters (Side Anti-Coincidence
Shield, SAS) made of BGO. The 217 PDCs function
collectively as an active collimator, an active shield,
and a Compton polarimeter, as conceptually shown in
Fig.2.

There are three figures of merit in polarization mea-
surements. One is the modulation factor, the azimuth
angle response of the instrument for a 100 % polar-
ized source. The second is the signal to background
ratio: in real observation, non-aperture background
and source confusion will dilute the modulation fac-
tor significantly. The third figure of merit is the effec-
tive area usable for polarization measurement. These
three figures of merit are often coupled: the effective

Table I Key Features of PoGO Design with 217 Units

Energy range 30-200 keV

Geometrical area 934 cm2

Effective area (40 − 50 keV) 230 cm2

Background (< 50 keV) ∼ 10 mCrab

Expected mod. factor (30 − 80 keV) 24 %

Sensitivity (3σ) for

100 mCrab point sources 9.0 %

area and the modulation factor may have to be sacri-
ficed to improve the signal to background ratio.

The modulation factor of Compton scattering ex-
ceeds 85 % for scattering angle of 60-120 degrees. The
narrow field-of-view (∼ 5 deg2) defined by the long
slow scintillator hexagonal tube and the Cu/Sn/Pb
foils, as well as the hermetic BGO shield wall (SAS)
are essential in achieving the low background envi-
ronment of ∼ 10 mCrab between 30 and 50 keV (see
Fig.3). The third figure of merit is the effective area.
In the PoGO design, the modulation factor and the
effective area have to be balanced to give an opimum
design given in Table 1.

Among the four event types schematically shown in
Fig.2, the one labeled as “fully contained gamma ray”
is the event to be selected. The PDC produces pulses
with a fast decay time (∼2 nsec) from the fast plas-
tic scintillator rods, and/or, with a slow decay time
(∼200-300 nsec) from the well scintillators and/or
BGO. The SAS produces pulses with a slow decay
time from BGO. The valid signal is selected involving
the entire assembly and in a hierarchical sequence as
in AstroE-HXD [9] [10].

An Level-0 trigger (L0) will be intiated when the
anode output of a PDC is greater than 20 keV but
less than that expected for a charged cosmic ray cross-
ing. An Level-1 trigger (L1) will follow an L0 if the
Pulse Shape Discriminator (PSD) asserts that the hit
is a clean fast scintillator hit. The prototype PSD
consists of a pair of fast (integration time ∼ 50 ns)
and slow (integration time ∼ 2 µs shaping amplifiers.
Pulse wave forms (sampled at ∼ 10 MHz) from the
two shaping amplifiers, non-zero pulse-heights from all
shaping amplifier outputs and all hits in Side Anti-
concidence System will then be recorded. On the
ground, the fully contained events with 2 or more
clean fast scinitllator hits will be selected. The two
largest energy deposits will be regarded as the photo-
absorption site and the scattering site and consistency
with the Compton kinematics (Fig.4) will be checked.

3. Tests with Prototype Detectors

Components of the PDC were characterized first
with radioactive γ-rays (60 keV from 241Am) and then
an assembled prototype PDC was tested with elec-
trons from 90Sr (representing charge cosmic ray back-
ground) as well as γ-rays from 241Am (representing
source flux). We then put 2 prototype systems con-
sisting of 7 units of prototype PDC’s, Front-End Elec-
tronics, and Pulse Shape Discriminator (PSD) to po-
larized γ-ray beams at Argonne National Laboratory
(ANL) and High Energy Acclerator Research Organi-
zation (KEK).

The detector arrangements used in these test are
shown in Fig.6. Only the center unit was used in the
test with radioactive sources: the gamma-ray source
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Hexagonal Slow Plastic Scintillator Tube Fast Scintillator BGO

3 cm20 cm60 cm

Figure 1: One well-type Phoswich Detector Cell (PDC) consiting of a 60cm long active anti-coincidence hexagonal well
(2 mm thick) made of slow plastic scintillator (decay time: ∼200-300 ns), a 20 cm long detection part made of fast
plastic scintillator (decay time: ∼ 2 ns), and a ∼ 5 cm long BGO. All scintillators are optically coupled and read out by
one 1-inch PMT (Hamamatsu R7899EG). The slow scintillator well are wrapped with thin foils of Cu/Sn/Pb to
attenuate off-axis gamma-rays.

Fully contained
gamma-ray

Charged particle
induced gamma-ray

Partially contained
gamma-ray

Side entering
gamma-ray

Back entering
gamma-ray

passive
collimator

slow plastic
scintillator

fast plastic
scintillator

side BGO

bottom BGO

PMT

Figure 2: Conceptual drawing showing the assembly of
the Phoswich Detector Cells (PDCs) and the Side
Anti-coincidence Scintillators (SAS). The SAS surrounds
the tightly bound 217 PDCs. The lines represent cosmic
particle and gamma-ray paths and small circles the
energy depositions. The L0 and L1 event filterings (see
text) will reject all but the one labeled “The fully
contained hard X-ray.”

was placed in front of the PDC on the Z-axis while
the electron source laterally in the X-Y plane. In the
beam tests, the 7 units were arranged as shown by the
6 solid or dashed hexagons.

3.1. Tests on a Well-Unit with
Radioactive Sources

Various prototype detectors have been built, tested,
and characterized until now. Individual components
have been characterized with radioactive sources.
Some crucial results are:

• Transmission of scintillation light from the fur-
thest end of the slow hexagonal tube. Fig.5
shows pulse heights at 6 locations along the tube
axis of β-ray crossing its side walls (2 × 2 mm):
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Figure 3: Background predicted by computer simulation
(Geant4) due to primary cosmic rays and albedo (all
directions) gamma rays. The coincidence rate
(Edeposit > 3 keV) due to albedo photons (thick and thin
histograms with crosses) is smaller than that of a
10mCrab source (thick histograms) below 50keV. The
two background histograms are for Edeposit = 30 keV
(thick) and 100 keV (thin).
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Figure 4: Compton kinematics in the PoGO energy
range. The energy depositions at the scattering and
absorption sites are widely separated, facilitating
identification with modest energy resolution by the
plastic scintillator.
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Figure 5: Arrangements of the 7 units in the two beam
tests. The 7 solid hexagons show the arrangemnt used at
Advanced Photon Source (ANL) and the 6 dashed
hexagons and the hexagon at the center make the
arrangement used at Photon Factory (KEK)

the measured attenuation factor of 3.4 is ade-
quate to reject the charged cosmic-ray crossing
by the prototype PSD. We expect the attenua-
tion factor to improve significantly in the flight
model now being developed.

• Ability for the prototype Pulse Shape Discrim-
ination system to retrieve the undistorted soft
gamma-ray spectrum in the presence of ∼ 200−
300 Hz cosmic-rays (per PDC) has been demon-
strated in Fig.7 and 8. Fig.7 shows how the
prototype PSD separates clean fast scintilla-
tor hits (signal region) from background. The
60Am spectrum retrieved from the signal region
while 90Sr was hitting the slow scintillator at
200−300 Hz background is compared with that
taken in background-free environment in Fig.8.
Our L0, L1, and subsequent software filtering
can reduce background by nearly 4 orders of
magnitude.

• Polarization-dependent modulation has been
observed by a double scattering setup with
60Am.

3.2. Beam Test at ANL Advanced Photon
Sources

To validate the PoGO design concept and simula-
tion programs, we measured modulation factor with
a PoGO prototype at MUCAT 6ID-D station at Ad-
vanced Photon Source (APS) Argonne National Lab-
oratory in November 2003. The prototype was a
hexagonal array of 7 fast scintillators of dimension

Ratio: 3.4

Pulse Height

Figure 6: Attenuation factors measured for five
prototype slow scintillator hexagonal tubes. The upper
panel shows pulseheight ditributions obtained with 90Sr
crossing the tube vertically at 6 positions along the
60 cm tube. The lower panel shows the peak pulse height
as a function of the distance from the nearest end.

approximately of the flight PDC except for the di-
ameter of photo-multiplier tubes (PMT): 1.25 inch
for this prototype and 1 inch for the flight model.
The geometric arrangement of the 7 units is shown
by solid hexagons in Fig.6. The photon beam was 98–
99% plane-polarized and its energy was set to 60 keV,
73 keV, or 83 keV. The beam passed through the cen-
ter of the array along the z axis in Fig.6. The beam
intensity at the entrance to the experimental area was
∼ 107 photons s−1: we attenuated it just in front of
the array so that the trigger rate will be less than a
few kHz. A separate paper [11] gives further details
on the experiment.

The array was rotated at 15 degree steps around its
center, or equivalently, the beam. Data were taken
in two modes: one requiring coincidence between the
center unit and any of the 6 peripheral units; the other
by single hits in the center unit. Distribution of the
energy deposition at the center unit and the total de-
tected energy is shown in Fig.9 for the 73 keV run.
The events in the area surrounded by dashed lines
satisfy the Compton kinematics: we see clear sep-
aration between the Compton events and the back-
ground. The azimuthal angle dependence of the num-
ber of events in the region is plotted for 3 possible co-
incidence combinations (the dotted curves in Fig.10).
The modulation curves were fitted to sinusoidal curves
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Slow=0.3*Fast+
10

Signal Region

Figure 7: Distribution of the fast (abscissa) and slow
(ordinate) shaper outputs for a mix of signal (represented
by 241Am) and background (represented by 90Sr) The
S/N ratio is roughly 1/20. Clean hits in the fast
scintillator will enter the signal region surrounded by
dashed lines.

Spctr after “Signal Region” cut

Spctr without Sr90 bkgnd

60keV

Spctr of the Signal 

Figure 8: The pulse height distribution of the events
(60 keV) in the “Signal region” in Fig.7 (the blue
histogram) and that taken without background.

to obtain modulation factor of 0.421 ± 0.010. This
is consistent with the factor (0.423 ± 0.012) obtained
without coincidence requirement.

We obtained modulation factors of 0.402 ± 0.011
and 0.416 ± 0.010 for the 60 keV and 83 keV runs,
respectively.

3.3. Beam Tests at KEK Photon Factory

In December 2004, another beam test was con-
ducted at Photon Factory (KEK) with a 7 unit ar-
ray made of the flight model fast scintillators (Eljen
Technology) and the flight model PMT’s (Hamamatsu
R7899EG, 1 inch diameter). The geometrical arrange-
ment of scintillators is different from that used in the
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Figure 9: Distribution of total energy (ordinate) and the
energy at the center unit (abscissa) for Ebeam = 73 keV.
Th region surrounded by dashed lines are consistent for
being Compton scattered fully-contained events.
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Figure 10: Modulation curve obtained for events in the
region surrounded by dashed lines in Fig.9. The best fits
to the data are shown by the dotted curves. The solid
curve is the prediction by our version of Geant4 (see
text).

test at Advanced Photon Source (ANL) as shown by
dashed hexagons in Fig.6

The energy coverage has been extended down to
30 keV in the KEK test. The azimuthal modullation
are shown in Fig.11 for Ebeam = 30 keV and in Fig.12
for Ebeam = 70 keV. A detailed analysis will be de-
scribed elsewhere. [12].

4. Design Optimization Based on
Calibrated Simulation Program

4.1. Validation of the polarization
dependent EGS4 and Geant4

We used EGS4 [4] and Geant4 [5] to study the in-
strument response to polarized gamma rays and back-

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2508



Figure 11: Modulation curve obtained in the KEK test
for Ebeam = 30 keV.

Figure 12: Modulation curve obtained in the KEK test
for Ebeam = 70 keV.

ground cosmic rays. The version of EGS4 used in
this study has the Compton scattering cross-section
not averaged over the inital photon polarization states
nor summed over the final photon polarization states
as discussed in the first paper by Namito et al. in
[4]. Hence the gamma ray polarization is fully fol-
lowed in multiple steps of Compton scatterings. The
program has been validated to about ∼ 10 % level
(relative accuracy) by comparing with polarization
measurements [4]. Geant4, on the other hand, had
implemented the polarized Compton scattering pro-
cess incorrectly. We have fixed this shortfall and also
implemented the polarized Rayleigh scattering [11].
Geant4 facilitates simulation of complex detector ge-
ometry because of its object-orientated design. Hence
we used EGS4 to study polarization dependent per-
formance and Geant4 to estimate background rates by
cosmic rays. We have cross-checked the two against

the beam tests at APS (ANL) (shown in Fig.10) and
at KEK [12].

4.2. Background model based on the
results obtained in the GLAST BFEM
balloon experiment

The cosmic ray model used in this study has been
developed on the observation made by GLAST Bal-
loon Flight Engineering Model (BFEM) at Palestine
Texas [13] The expected background shown in Fig.3
has been calculated on this background model. Inter-
actions of charged cosmic-rays with the PoGO instru-
ment have not been simulated yet.

4.3. Performance Evaluation

We implemented detailed geometry of the PoGO de-
tectors in Geant4 but left out the gondola and other
structural elements. We assumed the Crab Nebula
flux to be 0.0026 s−1 cm−2 keV−1 at 50 keV with
a power-law energy spectrum with an index of 2.1
[15]. The atmospheric overburden was assumed to
be 3 g/cm2. Scintillation light yield is modelled with
Poisson statistics with the mean set at our best es-
timate, 0.5 × Er where Er is the energy deposit (in
keV) in the fast scintillator.

The lower bound of the energy coverage is set by the
minimum measureable recoil electron energy, which is
in turn determined by the photo-electron yield per
keV of energy loss. We are still working to improve
this quantity: studying on the reflector to wrap scin-
tillators; experimenting on the surface treatment of
the bottom BGO; improving on the light yield in the
fast scintillator, and improving the transparency of
the bottom BGO.

Monte Carlo studies incorporating all of above facts
and parameters predict PoGO can decisively select, a
pulsar model out of the Polar Cap Model [16], the
Caustic Model [16], and the Outer Gap Model [17] in
a 6-hour balloon observation of the Crab Pulsar (see
Figs. 13 and 14). It can also measure polarization
of hard X-rays coming from several accreting Galactic
Black Holes including Cygnus X-1, to a few % to 10%
level.

5. Science with PoGO

Possible Targets for PoGO includes:

• Isolated pulsars where X-ray and γ-ray emission
models can be tested against PoGO observation.
One 6-hr observation of Crab Pulsar can single
out the correct prediction among the three mod-
els shown in Figs. 13 by the modulation of the
Peak-I region as simulated in Fig.14.
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Figure 13: The pulse profile, polarization angle, and polarization predicted by the Polar Cap Model [16], the Caustic
Model [16], and the Outer Gap Model [17]. These quantities have been averaged over the 3 phase regions: Peak 1, Inter
Pulse, and P2. The simulation has been done assuming the integrated flux, the averaged polarization and the averaged
polarization angle.
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Figure 14: Expected modulation for the Peak 1 region of
Crab Pulsar for one 6-hr flight of PoGO.

• Galactic X-ray binaries where several X-ray and
γ-ray emission mechanisms are likely to be co-
existing. Large polarization is expected for the
inverse-Compton (IC) reflection component eg.
in Cyg X-1. PoGO will detect a few % polariza-
tion in almost all states of Cyg X-1 in one 6-hr
flight.

• Accreting neutron stars with strong cyclotron

line features where influence of high B-field on
X-ray and γ-ray propagation (eg. Her X-1,
4U0115, CenX-3) can be studied. Enegy depen-
dence of the polarization will be important here:
for this multiple observations will be required.

• Blazar flares where synchrotron, IC, and syn-
chrotron self-Compton (SSC) processes are
likely to be operational. If the synchroton emis-
sion is extending to the > 20 keV (eg. Mkn501),
we expect a high polarization.

• Solar flares and coronae will give and opportu-
nity to study the emission mechanism and ge-
ometry of B-field.

6. Summary and Future Prospect

The sensor part of the PoGO Flight Model has been
designed, prototyped, and tested as described here.
The two Monte Carlo programs, EGS4 and Geant4,
have been critically examined for their polarization
prediction against measurements: EGS4 has repro-
duced the measurements at ∼ 10 % relative accuracy
but Geant4 failed. The error has been corrected by
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some of the present authors. With these simulation
programs and measurements on the prototypes, we ex-
pect PoGO to be able to detect ∼ 10 % polarization in
100 mCrab point sources (between 30 and 50 keV) in
one 6-hr balloon flight. In particular, PoGO will mea-
sure polarization of Peak 1, Peak 2 and Inter-Pulse
of the Crab pulsar to about ∼ 10 % level (in polar-
ization) and determine the correct emission model. It
will detect a few % polarization in Cygnus X-1 in one
6-hr flight and determine the geometry around the
black hole.

We plan to make the first flight in 2008.
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We report on the detection of the shell-type supernova remnants (SNRs) RX J1713.7−3946 and
RXJ0852.0−4622 by H.E.S.S. in observations made in 2003 and 2004. Both sources are found to be
clearly extended with morphologies correlated with those from X-ray observations. RX J1713.7−3946 and
RXJ0852.0−4622 are thus the first SNRs ever resolved in TeV γ-rays. The energy spectra are relatively
hard (photon index ∼ 2.2) and the integral flux is at the level of 66% and 100% for RXJ1713.7−3946 and
RXJ0852.0−4622, respectively.

1. Introduction

Supernova remnants (SNRs) with non-thermal X-
ray emission are prime candidates for accelerating
cosmic rays up to very high energies, and their ob-
servation in VHE γ-rays is expected to provide in-
sight into the underlying acceleration mechanisms. So
far, only one of these SNRs, RX J1713.7−3946, was
detected by two independent experiments, CANGA-
ROO [Muraishi et al. 2000, Enomoto et al. 2002] and
H.E.S.S.[Aharonian et al. 2004], employing the imag-
ing atmospheric Cherenkov technique.

Here we present recent data on RX J1713.7−3946
and RX J0852.0−4622 obtained with H.E.S.S. in 2003
and 2004. Both SNRs are relatively young and show
only weak radio emission. The X-ray emission is dom-
inated by a non-thermal continuum interpreted as be-
ing the synchrotron radiation of multi-TeV electrons
in the SNRs magnetic field. The TeV γ-ray emis-
sion of both remnants is found to be clearly extended.
RX J1713.7−3946 and RX J0852.0−4622 are thus the
first SNRs ever resolved in TeV γ-rays.

2. The H.E.S.S. Detector

H.E.S.S. (High Energy Stereoscopic System) is an
array of four imaging Cherenkov telescopes dedicated
to the detection of VHE γ-rays with energies above
100 GeV [Benbow 2004]. Each telescope has a tessel-
lated mirror with an area of 107 m2 [Bernlöhr et al.
2003, Cornils et al. 2003] and a camera consisting of
960 photomultiplier tubes [Vincent et al. 2003]. The
H.E.S.S. array can detect point sources at flux levels of
about 1% of the Crab nebula flux with a significance

of 5 σ in 25 h of observation [Benbow 2004]. H.E.S.S.
is currently the most sensitive instrument to observe
VHE γ-ray sources. With its angular resolution of
better than 0.1◦ per event and its large field of view
(5◦) it is additionally in an ideal position to unravel
the γ-ray morphology of extended sources.

3. Analysis Technique

The data were recorded in runs of typical 28 min
duration. A trigger required the simultaneous obser-
vation of an air shower by at least two telescopes [Funk
et al. 2004]. A run quality selection based on weather
conditions and system monitoring was applied and
only runs of good quality were used for analysis. The
data were calibrated using the technique described in
[Aharonian et al. 2004]. After the image cleaning,
shower directions were reconstructed using shower im-
ages in different cameras. In order to reject the cosmic
ray background, cuts on scaled image parameters were
applied. These cuts were optimised on Monte Carlo
simulations for point-like sources on the level of 10%
of the Crab flux. The γ-ray energy was determined
from the image intensity and shower geometry with
a typical resolution of ∼15%. The cosmic-ray back-
ground was estimated from observations of sky regions
where no γ-ray sources are known (off-source runs). A
detailed description of the analysis technique is given
in [Aharonian et al. 2005].

An independent analysis [Lemoine-Goumard and de
Naurois 2004] was carried out and confirmed the pre-
sented results.
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a) RX J1713.7−3946. These data,
taken in 2004 with the full H.E.S.S.
array, confirm the measurements

reported previously [Aharonian et al.
2004].

b) RX J0852.0−4622. The overlaid
contour is the X-ray measurement of

ASCA in the energy range between 0.7
and 10 keV [Slane et al. 2001]. γ-ray

and X-ray counts are found to be well
correlated.

Figure 1: Sky excess maps of both supernova remnants. The maps are smoothed with a Gaussian matched to
the angular resolution of the instrument (PSF). Features smaller than the PSF should not be considered as real. The
PSF is indicated by a white circle. The results were cross-checked using a different analysis technique. Axes are right
ascension (hh:mm), declination (degrees) and excess photon counts.
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Figure 2: Differential energy spectrum of
RX J1713.7−3946. Shown are the H.E.S.S. 2003 data
(blue) and the CANGAROO 2001 data (red). The
results of power-law fits are indicated by the lines.

4. RX J1713.7−3946 (G347.3−0.5)

The shell-type supernova remnant
RX J1713.7−3946 is situated in the Galactic plane, in
the constellation Scorpius. It was discovered in X-rays
with ROSAT [Pfeffermann and Aschenbach 1996] and
later claimed as source of TeV γ-rays [Muraishi et al.
2000, Enomoto et al. 2002]. In X-rays, it exhibits a
typical shell morphology, but remarkably the X-ray
spectrum is completely dominated by a non-thermal
continuum with no detectable line emission. The
energy flux is a few times 10−10 erg cm−2s−1 [Slane
et al. 1999].

In 2003, during construction and commissioning of
the H.E.S.S. telescope system, observations of the
SNR RX J1713.7−3946 were performed. The data
represented the first ever resolved TeV γ-ray image of
an astronomical object [Aharonian et al. 2004]. The
image shown in Fig. 1a), from the 2004 data set taken
with the full H.E.S.S. array, confirms the previous
measurement. The shell of the remnant is clearly re-
solved and the overall morphology is similar to that
seen in X-rays. The energy spectrum of the whole
remnant, which is shown in Fig. 2, appears rather
hard, the data are well described by a power-law with
a photon index of 2.2. The extension of the γ-ray
spectrum to energies of 10 TeV and beyond implies
efficient acceleration of charged particles to energies
of 100 TeV and beyond, consistent with current ideas
of particle acceleration in young SNR shocks.
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Figure 3: Radial Excess of γ-rays from
RXJ0852.0−4622. The angle θ is the angular distance
between the centre of the SNR and the direction of the
γ-ray. The inset shows the distribution of on-source
events (data points) and the live-time-normalised
background (histogram).

5. RX J0852.0−4622 (Vela Junior)

RX J0852.0−4622 is a shell-type SNR with a diam-
eter of ∼ 2◦ located in the line of sight to the Vela
SNR. The X-ray emission is clearly non-thermal [Slane
et al. 2001, Aschenbach 1998, Iyudin et al. 2005]. The
CANGAROO collaboration reported γ-ray emission
from the north-western part of the shell [Katagiri et al.
2005]. The distance to RX J0852.0−4622 is still under
discussion. The remnant might be as close as 200 pc
(680 years old) [Aschenbach et al. 1999] or as far as
1–2 kpc [Slane et al. 2001].

H.E.S.S. has observed RX J0852.0−4622 in Febru-
ary 2004 with the full 4-telescope system. Data with
an overall dead-time corrected live time of 3.2 h taken
at zenith angles between 22◦ and 30◦ (mean: 25◦)
were recorded. In order to reduce the number of
background cosmic-ray events and to improve the an-
gular resolution, hard cuts on the image amplitude
(≥ 400 photo-electrons) were applied to the data.
Thereby, systematic errors were greatly reduced at
the expense of a higher energy threshold of about
675 GeV for the whole data set. The background
of charged cosmic rays was estimated from off-source
runs, recorded between April and June 2004, with a
total live time of 6.8 h, taken at zenith angles between
16◦ and 38◦ (mean: 22◦), which is very similar to
the zenith angle coverage of the actual data taken on
RX J0852.0−4622.

Figure 3 shows the radial distribution of the excess
of γ-rays as a function of the reconstructed squared
angular distance, θ2, from the nominal centre of the
SNR. In the region θ2 ≤ 1 deg2 a clear excess of
330±30 events (1.7±0.2 min−1) is seen. The signif-
icance of the signal was calculated to be 11 σ using Li
and Ma [1983]. The excess distribution is much wider
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Figure 4: Differential energy spectrum of
RX J0852.0−4622. The data are well described by a
single power-law (dashed line).

than measured for point-like sources. Therefore, the
source is clearly extended with a characteristic angu-
lar size of the order of 1◦. The inset of Fig. 3 shows
good agreement of on-source and off-source data in
the range above 1 deg2. The distributions are not flat
outside the signal region since the acceptance drops
off towards higher values of θ2.

A sky map of the excess is displayed Fig. 1b). No
correction for the camera acceptance was applied. The
overlaid contour plot is the X-ray measurement from
ASCA [Slane et al. 2001]. γ-ray and X-ray counts are
found to be well correlated.

The differential energy spectrum is shown in Fig. 4
and is well described by a power-law. The spectrum
appears to be hard with a photon index of 2.2. The
integral flux above 1 TeV is comparable to the flux of
the Crab nebula above this threshold.

6. Summary

Significant TeV γ-ray emission from
RX J1713.7−3946 and RX J0852.0−4622 was ob-
served with H.E.S.S. allowing spatial and spectral
analyses. The 2003 detection of RX J1713.7−3946
with H.E.S.S. could be confirmed with high signif-
icance (about 30σ) in 2004 with the full telescope
array. The TeV morphology appears to be very
similar to that seen in X-rays. For RX J0852.0−4622
the significance of the signal is 11σ with an extension
as seen in X-rays. Both spectra can be described
by a power-law. The fit parameters are summarised

Table I Spectral parameters of the SNRs. Shown
are the differential flux at 1TeV (Φ0), the photon index
(Γ) and the integral flux above 1TeV (Φ(E > 1TeV)) as
obtained from fits of a power-law

Φ(E) = dN
dE

= Φ0 ×
(

E

1TeV

)−Γ

to the data. Systematic

uncertainties are estimated to be 30% on the flux and
10% on the photon index.

RXJ1713 RXJ0852

Φ0 [10−11 TeV−1 cm−2 s−1] 1.7 ± 0.2 2.3 ± 0.4

Γ 2.19 ± 0.09 2.2 ± 0.2

Φ(E > 1TeV) [10−11 cm−2 s−1] 1.46 ± 0.17 1.9 ± 0.4

in Table I. An alternative determination of the
morphology for both sources in which no hard cuts
has been used yields similar sky maps. The detection
of strong emission extending to at least 10 TeV in two
shell-type SNRs is direct evidence for the acceleration
of charged particles to at least 100 TeV in these
objects.

Two scenarios are discussed to be the origin of the
TeV γ-rays. Inverse Compton (IC) scattering of lep-
tons on photons of the cosmic microwave background
and other photon fields, and π0 decay γ-rays from in-
elastic interactions of protons with the ambient gas.
Detailed spatial and spectral studies with the H.E.S.S.
detector, together with data from other wavelength
bands, could allow to probe the acceleration processes
in detail and should allow us to distinguish the relative
contributions of leptons and protons to the observed
emission.

More data on RX J0852.0−4622 will be taken with
H.E.S.S. in the upcoming visibility period, detailed,
spatially resolved studies of RX J1713.7−3946 will be
published soon.
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The Cryogenic Dark Matter Search (CDMS) has recently completed its first year of running in the deep site at
the Soudan Underground Laboratory (2090 mwe). This year produced two distinct data sets: the first, Run 118,
used the same four germanium and two silicon detectors as previous CDMS runs from the shallower Stanford
site; while the second, Run 119, included two additional Ge detectors and four new Si detectors. The Run
118 data set, with 52.6 kg-days of Ge exposure before cuts, currently gives the world’s best exclusion limit for
spin-independent WIMP interactions: 4×10−43 cm2 for a WIMP mass of 60 GeV/c2 (90% confidence level).
Run 119 provides 110 kg-days of Ge exposure before cuts. The blinded analysis of this data set is in progress,
with an expected improvement in combined sensitivity of a factor of three.

1. Introduction

The Cryogenic Dark Matter Search (CDMS) seeks
to directly detect the Weakly Interacting Massive Par-
ticles (WIMPs) that may make up the majority of the
matter in the universe [1]. The present concordance
picture of cosmology, supported by a wide variety of
observations, suggests that 23% of the energy in the
universe is in non-baryonic dark matter of unknown
composition [2]. This dark matter governs the forma-
tion of structure and the dynamics of galaxy clusters.
The even more mysterious dark energy contributes an-
other 73%, and only 4% is in the form of familiar bary-
onic matter. More locally, the rotation curves of spiral
galaxies such as our own strongly confirm that the vis-
ible galactic disk is surrounded by a larger and more
massive dark halo [3]. Inert WIMPs left as relics of
the early universe are a strong candidate for the com-
position of this halo. They are also naturally present

as the lightest new particle in many supersymmetric
models, specifically those that conserve R-parity [4].

If the galaxy’s dark matter halo is indeed composed
of WIMPs, they should interact occasionally with the
target nuclei in dark matter detectors on the Earth,
depositing energies on a scale of 10 keV at a rate ∼<
1/kg/d [5]. The CDMS-II detectors are designed to
have a low energy threshold and a low background
event rate in the signal region in order to make them
sensitive to these expected rare, low-energy elastic
scatters. Because WIMPs are expected to interact
primarily with the target nuclei, while most of the
background scatters are electromagnetic, discriminat-
ing sensors can be used to achieve a very low effec-
tive background. The CDMS Z-sensitive Ionization
and Phonon (ZIP) detectors distinguish nuclear re-
coils from electron recoils and also distinguish events
caused by surface contaminants from bulk recoils in
the detector crystals.
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Figure 1: Ionization yield vs. recoil energy for Run 119
calibration data with a 252Cf source for the third
detector of tower 2 (Ge). The two-sigma electron- and
nuclear-recoil bands are shown, along with the analysis
threshold in the ionization channel (hyperbola) and
phonon channel (vertical line).

2. Experimental Apparatus

2.1. CDMS Detectors

Each CDMS-II ZIP detector is a 250-g (100-g) crys-
tal of germanium (silicon), 76 mm in diameter and 10
mm thick. One face of the crystal is patterned with su-
perconducting Transition Edge Sensors (TESs), which
collect athermal phonons as a measure of the total
energy of each particle interaction. The detector sub-
strates are kept below 50 mK, and the TESs self-heat
to the transition temperature of their tungsten thin
films, 70-100 mK. The energy of the phonons is trans-
mitted into the tungsten films via aluminum collector
fins on the crystal surface, and this energy is measured
as a heating and consequent change in resistance of
the tungsten TESs. The phonon sensors of each de-
tector are divided into four independent quadrants,
and the relative pulse height and delay in these four
channels gives substantial information about the po-
sition of each event within the crystal.

A 3-V bias (4 V for Si ZIPs) across the crystal
drifts electrons and holes produced in the interaction
to electrodes on the surfaces. This measurement of
ionization provides a second estimate of the energy
deposited in the crystal. Moreover, the ionization sig-
nal is quenched for nuclear recoils relative to electron
recoils by a factor of ∼3, so that the simultaneous
measurement of charge and phonons allows event-by-
event nuclear recoil discrimination. The ratio of ion-
ization to phonons, normalized to 1 for bulk electron
recoils, is known as “yield” and forms the primary dis-
crimination parameter for CDMS (See Fig. 1). Each
detector has two electrodes: a central disk defining

a fiducial volume (85% of the detector) and an outer
guard ring (15% of the detector) where edge effects
become significant.

The detectors are installed in close (2mm separa-
tion) vertical stacks (or “towers”) of six ZIPs. This
configuration allows important information to be ex-
tracted from events that deposit energy in more than
one detector, as described below.

Particle interactions in the crystal generate a pop-
ulation of prompt athermal phonons, but the charges
drifting through the electric field also produce a
second, much faster, population of Neganov-Luke
phonons [6]. At a 3-V bias (3.8V for Si), these
two populations have approximately equal energies for
electron recoils. Nuclear recoils, with ionization sup-
pressed by a factor of three, also have a smaller Luke
phonon population. Electron recoils, therefore, cause
phonon pulses with faster rising edges than nuclear
recoils. In addition, events near the surfaces of the
detectors have faster rising edges than bulk electron
recoils because of phonon interactions with the met-
allized surfaces. The risetime of phonon pulses, and
the delay of phonon pulses relative to phonons, there-
fore present a second way of rejecting electron recoil
backgrounds.

The ionization yield alone is very effective for re-
jecting bulk electron backgrounds such as gamma-
emitting contaminants. Very near the surfaces of the
crystals, however, is a thin “dead layer” in which the
ionization signal is suppressed because the electrons
and holes may travel to the wrong electrodes. This
allows surface events, caused for instance by beta-
emitting surface contaminants, to be mistaken for nu-
clear recoils. These are also the events for which the
ZIP detectors’ timing-based discrimination is most ef-
fective, so the combination of ionization yield and
phonon pulse timing together gives a very small leak-
age of electromagnetic backgrounds into the WIMP
signal region. The distribution of timing parameters
for bulk electromagnetic recoils, low-yield events near
the detector surface, and neutrons is shown in Fig. 2.

Neutrons passing through the ZIP detectors ap-
pear identical to WIMPs, both in ionization yield and
phonon timing. Therefore, neutrons can only be re-
jected statistically. A neutron has a significant (but
less than 10%) chance of interacting in several detec-
tors [10], while a WIMP has a scattering length of
light years and will never multiply scatter. Neutrons
are almost equally likely to scatter in silicon and ger-
manium ZIPs, and have a harder spectrum in silicon.
Given a 10-keV energy threshold, this leads to an ex-
pectation of about twice as many neutron scatters in
silicon as in germanium. WIMPs, on the other hand,
are expected to scatter much more often in germanium
because of the A-squared dependence of the WIMP
scattering cross section on the nuclear mass of the
target. Therefore, multiply scattering nuclear recoil
events and nuclear recoils in silicon can be used to
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Figure 2: Discrimination power in phonon pulse risetime (left) and delay (right) for Run 119 calibration data. The
points shown are from 133Ba (dark) and 252Cf (light) calibration data. The behavior of neutrons, bulk gammas, and
low-yield electromagnetic recoils is similar in the two quantities. The neutrons at left extend to longer risetime and
delay. The bulk electron recoils on the right have somewhat shorter risetime and delay, and the low-yield electron
recoils (detector surface events) in between have much faster timing. In these plots, all data quality cuts and the
fiducial volume cut have been imposed. The recoil energy range shown is 20-100 keV.

characterize any signal events as statistically consis-
tent with or inconsistent with a neutron background.

2.2. Experimental Site and Shielding

The first six ZIP detectors were operated in a shal-
low underground site at Stanford University until July
of 2002. The WIMP sensitivity of the experiment was
limited by the background of neutrons produced by
cosmic ray muons interacting in the concrete walls of
the chamber, outside the experiment’s shielding [10].
Reducing this background required moving the exper-
iment to a deeper site.

The CDMS-II deep experimental site is the Soudan
Underground Laboratory in northern Minnesota.
This site provides half a mile (2090 meters water
equivalent) of rock overburden, reducing the cosmic
ray muon flux by a factor of 5 × 104. The outermost
layer of shielding is an active muon veto constructed
of scintillator panels and photomultiplier tubes, which
can reject muons passing near the detector volume.
The efficiency of the muon veto is >99.9% for muons
passing through the apparatus, and >99.4% for muons
stopping within the shielding. Inside the active veto
are (from outside in) 45 cm of polyethylene neutron
moderator, 9 cm of lead, 4.5 cm of ancient lead (for
low 210Pb content), and another 10 cm of polyethy-
lene. The cryogenic volume or “icebox” is a series of
six nested copper cans cooled by an Oxford 400S di-
lution refrigerator outside the shielding. A set of six
copper tubes connects the refrigerator to the detec-
tor volume, allowing the detectors to operate at < 50
mK in the innermost icebox can without being phys-

ically near the refrigerator and its cryogens. It is de-
sirable for the refrigerator to be outside the shield be-
cause the refrigerator itself does not have as low a level
of radioactive contamination as the specially screened
copper of the icebox. The icebox is immediately sur-
rounded by a thin mu-metal shield for isolation from
external magnetic fields.

Beginning in November of 2003, the shield has been
purged with a constant flow of old air to remove radon
from the air near the detector volume. This purge
has reduced the radon decay rate in the air around
the icebox from 500 Bq/m3 to 35 Bq/m3, and the
background of electromagnetic recoil events with low
ionization yield in the detectors by a factor of two.

3. Data Sets

The first WIMP-search data set from Soudan was
Run 118, lasting from October 2003 through February
2004. Run 118 used the same four Ge and two Si de-
tectors (1 kg Ge, 200 g Si) as the Run 21 data set from
the shallow underground site at Stanford [10]. During
this period the detectors accumulated 52.6 kg-days of
Ge raw exposure (before cuts). The main causes of
dead time were cryogen transfers (3 hours/day), and
periods of elevated base temperature. After all data
quality and background-rejection cuts, this yielded
22 kg-days of WIMP-search exposure. The hardware
trigger threshold was below 2 keVin most detectors,
with a background trigger rate of 0.1 Hz during Run
118.

The second data set was Run 119, lasting from
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March through August of 2004. During this run, the
same six detectors plus an additional two Ge and four
Si (for a total of 1.5 kg Ge and 600 g Si) collected 110
kg-days of raw Ge exposure. The final WIMP-search
cuts and exposure for Run 119 are still in preparation.

During both Run 118 and Run 119, the low-
background data sets of the WIMP search were in-
terspersed with calibration data for which a radioac-
tive source was placed near the detectors. A 133Ba
gamma source produced gamma-ray energies of 276,
303, 356, and 384 keV for energy calibration and stud-
ies of detector stability, as well as providing a sample
of electromagnetic recoils against which background
rejection techniques were developed and tested. A
252Cf neutron-emitting source was used to develop the
nuclear-recoil selection cuts and to calculate the ef-
ficiencies of the data cuts for nuclear recoil events.
A comparison of the observed californium neutron
spectrum with Monte Carlo predictions also allows a
check of the recoil energy calibration for nuclear recoil
events.

During Run 118, the barium calibration data were
taken mainly in several very large data sets in early
December of 2003, and the californium calibration
data were taken at three discrete points during the
run. The Run 119 barium data sets, totaling 8 mil-
lion events, were taken more uniformly throughout
the run, giving a calibration sample that has both
high statistics and a similar distribution in time to
the WIMP-search data. Because exposure to the cal-
ifornium source activates the Ge substrate of ZIP de-
tectors, the neutron calibration sample was kept small
(215,000 events) and was not interspersed uniformly
with WIMP-search data.

In order to ensure an unbiased treatment, both Run
118 and Run 119 have been analyzed under formal
blinding schemes. A preliminary, wide WIMP-search
cut was defined, and all events passing this cut were
hidden from users until unblinding. This cut allowed
analysis of low-background data clearly outside of the
WIMP signal region, such as multiple scatters, elec-
tron recoils, and events coincident with muons in the
veto. The ionization yield cut used in the blinding
scheme is deliberately made wider than any of the
possible final cuts, so that the final signal region will
reliably be blinded. The pulse timing cut is not used
in the blinding, except for one problematic Ge detec-
tor (ZIP 1) in which the ionization yield is subject
to an unusually large variation with position in the
detector. Once all of the WIMP-search cuts were de-
fined, the full data set was unblinded for a counting
of WIMP candidate events.

For some data sets in Run 118 the cuts of the blind
analysis were defined on a different charge energy es-
timator than intended. This energy quantity is quite
similar to the intended ionization quantity, but is
slightly more sensitive to certain types of noise for the
charge channels. The problem was discovered imme-

diately after unblinding, so R118 has both a formally
blind analysis, and a second “intended” analysis. This
uses the same cuts, but applies them to the intended,
slightly better, charge energy quantities for all data
sets.

In Run 119, a similar blinding scheme has been im-
posed on the background data. This blinding remains
in place pending final studies of the WIMP-search
cuts.

With the very large calibration data sets now avail-
able, the Run 119 analysis has divided the barium
source data into two halves, interleaved throughout
the run. One half is used for developing cuts, es-
pecially the timing cuts for rejecting surface events.
Once the cuts are frozen, the second half of the bar-
ium data is used for estimating the leakage of elec-
tromagnetic backgrounds into the signal region. This
additional form of blinding allows the estimated back-
ground leakages - especially for the pulse timing cut
– to be calculated in a simple way from an indepen-
dent electron recoil data sample. This procedure was
not used in Run 118, which had a smaller sample of
barium calibration data. Instead, the timing cut was
defined to pass exactly one low-ionization electron re-
coil event in each detector from the entire barium cal-
ibration data set. This was then scaled to the smaller
number of electron recoils in the background data set
to give an expected WIMP-search leakage of 0.1 event.

, and the expected leakages for the background data
set followed from this definition.

4. Analysis

The CDMS analysis applies a number of data qual-
ity cuts to the WIMP-search data, followed by WIMP-
candidate selection cuts. The data quality cuts re-
move periods of known poor detector performance and
elevated base temperature; events with abnormally
shaped phonon pulses; events with energy below the
analysis threshold in recoil (ordinarily 10 keV, but as
low as 5 keV in analyses tailored to low-mass WIMPs)
or ionization energy (1-3 keV); and events with un-
usually high baseline noise before the trigger. These
data quality cuts remove 5% of the events. A fidu-
cial volume cut rejects the annular region near the
outer edge of the crystal (15% of the detector vol-
ume), where the ionization signal may be incomplete.
WIMP candidate events must also pass several back-
ground rejection cuts: they must be single scatters
interacting in only one detector, not coincide with a
muon in the veto, and have ionization yield and pulse
timing consistent with a nuclear recoil.

The ionization yield cuts are defined as two-sigma
band cuts, calculated for each detector from the cali-
fornium calibration neutrons. The band cut is a func-
tion of energy. This is the primary gamma background
rejection cut of the ZIP detectors.
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The phonon pulse timing cuts are an area of active
development. The cuts used in Run 118 achieved 80%
nuclear recoil acceptance for 20% electron-recoil ac-
ceptance by using independent cuts on the rise time of
the phonon pulses and their delay relative to the ion-
ization signal. The effectiveness of these cuts at reject-
ing low-yield events such as surface betas is substan-
tially higher. Further analyses under study in Run
119 define new pulse-timing parameters with richer
information, and combining the available parameters
together in more sophisticated ways to achieve better
performance. The rich timing and position informa-
tion provided by the ZIP detectors are expected to
allow substantial improvements in the pulse timing
cuts.

5. Results

The Run 118 blind analysis produced zero signal
events with 22 kg-days of exposure after all cuts [7].
The subsequent, “intended” analysis contained one
candidate event, which marginally passed the fiducial
volume cut in this analysis but was rejected in the
blinded analysis. This event, with a recoil energy of
64 keV, appears likely to be caused by surface con-
tamination. Its high energy makes it a poor match
for WIMPs with mass below about 50 GeV, so it has
little effect on the final WIMP exclusion limits below
this mass.

Because Run 119 remains blinded, the count of can-
didate events is unknown. However, some information
from the unblinded portion of the background data is
available and informative. There is one event in which
a throughgoing muon (tagged by the veto both when
entering and exiting) produced a neutron within the
shielding, and this neutron was seen in the detectors.
This neutron deposited 42 keV in the bottom (Si) de-
tector of the first tower, and 6 keV in the (Ge) detector
above it. Its ionization yield is consistent with a nu-
clear recoil in both detectors. This is the only muon-
coincident nuclear recoil event in the background data
set.

If a neutron is produced by a muon interacting in
the cavern wall, it may pass through the veto and
the passive shielding without being stopped or tagged.
Although such events came to limit the WIMP-search
sensitivity of CDMS at the shallow site, the low muon
flux in the Soudan Mine leads to an estimate of one un-
vetoed neutron in several years of WIMP-search run-
ning. If any such events scattered in several detectors,
they would not be subject to blinding; no such veto-
anticoincident neutron double scatters are seen in the
Run 119 low-background data with 110 kg-days before
cuts.

The WIMP exclusion limits in the cross-section -
mass plane are shown in Fig. 3. The Run 118 lim-
its are shown both for the zero-event blinded result,
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Figure 3: Current and projected WIMP exclusion limits
from CDMS-II at Soudan. Parameter space above each
curve is excluded at 90% confidence level. The upper
dotted line is the result from CDMS at Stanford, with no
background subtraction [10]. The solid line is the limit
from the Run 118 blind analysis, and the dashed line is
from the Run 118 intended analysis [7]. The lower dotted
line is the projected final sensitivity of CDMS-II at
Soudan. The solid region is the DAMA (1-4) 3σ allowed
region [11] under the same standard model assumptions.

and for the one-event intended analysis. The Run 119
curves are an expected sensitivity, since the number
of candidate events remains blinded at this time. The
Run 120 curves assume that the full complement of
thirty ZIP detectors will be run at Soudan for one
year. In all cases, a standard isothermal, spherical
WIMP halo is assumed, with a mean WIMP velocity
of 230 km/s. All cross-sections are normalized to a
single nucleon, and only the spin-independent case is
shown.

Although its primary analysis focuses on WIMPs
with spin-independent couplings, for which coherent
scattering from the entire nucleus enhances its sensi-
tivity, CDMS also sets competitive limits on WIMPS
with spin-dependent couplings [8].

6. Current Status

After the end of Run 119 in August 2004, an addi-
tional eighteen detectors were installed in the Soudan
icebox. These give a total of 4.75 kg Ge and 1.10
kg Si target mass, and the three newly-added ZIPs
are expected to be cleaner than the earlier ones from
the point of view of surface contamination. Prepa-
rations are underway for the beginning of the next
run with all thirty detectors. This completes the full
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complement of detectors for CDMS-II, although more
may be added as part of the SuperCDMS development
project [9].

7. Conclusion

Run 118 has established the current leading WIMP
exclusion limits for a wide range of WIMP masses un-
der standard halo assumptions. The Run 119 data in
hand will improve this sensitivity by a factor of two.
Continued running with thirty detectors is expected to
reach the CDMS-II projected sensitivity shown in Fig.
3. The already successful ZIP detectors form the ba-
sis of the SuperCDMS development project described
in these proceedings [9]. CDMS-II has already begun
to probe the ranges of parameter space predicted by
theoretically interesting supersymmetric models. The
experimental setup already in place will continue to
extend this reach, and the ZIP detector technology
provides a clear path forward for large-mass experi-
ments.
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The dynamics of charged particle of ultra high-energy moving in the Cosmic Microwave Background (CMB) is considered. 
Since the CMB parameters, 1) the intensity and 2) the ratio of quantum’s energy to the energy of charged particle are small, we 
handle the problem within the frameworks of Classical Electrodynamics. Solution of relativistic equation of motion results, 
after averaging over random phases of the waves, in a small additional acceleration, hence the well-known ‘GZK cut-off’ for 
charged Ultra High Energy Cosmic Rays (UHECR) becomes controversial. Owing to the relativistic invariance of the wave’s 
phase, the huge increase of frequency both in the rest and in the center of mass reference frames of the ultra high-energy 
charged particle results in the corresponding decrease of the length of interaction. Therefore, the obtained energy gain is 
independent of chosen reference frames. Thus, there is no theoretical constrains for UHECR originated in far Universe during 
their long journey to Earth. Spectrum of UHECR is discussed and both the knee and the ankle are considered. 

 

1 INTRODUCTION 

 
 
The ‘GZK cut-off’ imposes limitation on the 

possible highest energy of protons of UHECR due to 
the photoproduction of pions on the photons of CMB 
radiation [1]. However, it will be shown below that the 
‘GZK cut-off” is caused only by the kinematical 
transformation into the reference frame of high-speed 
particle, where the frequency of quantum increases 
essentially and the energy of photon “becomes 
sufficient” for the photoproduction. However, this 
transformation should depend also on the relative 
directions of propagation of particles and, which is 
even more important, on the dynamical characteristics 
like duration or length of interaction.  

From the point of view of the Random Processes 
Theory [2], the average density of electromagnetic 
energy, described by Plank’s formula, represen s by 
itself the spectral density of fluctuating electric E and 
magnetic B fields strengths of the thermal radiation 
field. In each of these plane waves  and all the 
directions are equiprobable.   

E H=

Thus, the dynamical and relativistic invariant turning 
on of charged UHECR particle interaction with the 
random electromagnetic fields of CMB [3] results in a 
simultaneous decrease of interaction time and 
photoproduction is impossible since an additional 
increase of energy of charged UHECR particle is 
negligible as compared with its initial energy even for 
the time comparable with the lifetime of the Universe. 

The switching on of electromagnetic interaction with 
charged particles considered below from the Classical 
and Quantum points of view. It is shown that the 
procedure of imposition of initial conditions in 
Classical Electrodynamics corresponds to imposition of 
initial and free wave function in Quantum 
Electrodynamics. 

 

2 QUANTUM APPOACH TO THE 
PROBLEM OF PROPAGATION OF 
CHARGED PARTICLE IN AN 
ELECTROMAGNETIC FIELDS 

 
The solution of Dirac’s equation for the charged 

particle moving in the field of plane electromagnetic 
wave (the so called Volkov’s solution [4]), is well 
known and may be found in almost any book of 
Quantum Electrodynamics or Quantum Field Theory 
(see for example, [5, 6]). Due to its simplicity, 
especially for the case of plane electromagnetic wave 
of circular polarization, when squared term by four 
vector-potential becomes constant, this solution is 
widely used for calculations of various processes in 
external plane electromagnetic fields.  

However, both the classical action, which enters the 
exponent of the wave function in Volkov’s solution, 
and the wave function itself are not relativistic 
invariant. If an arbitrary constant is added to the four-
dimensional vector potential, the action written for 
example in [6],  

 

( ) ( ) ( )
2

2

0

e eS px pA A d
pk 2 pk

ϕ ⎡ ⎤
= − − ⋅ − ⋅ ⋅ ϕ⎢ ⎥

⎣ ⎦
∫  (1) 

will be changed. Here pµ is some not well-defined in 
literature four-dimensional vector, usually treated like 
initial, A A (µ µ )= ϕ  is the four-dimensional vector-

potential,  k xµ
µϕ = ⋅ =  is the phase 

of electromagnetic wave at the point  

t k r= ω⋅ − ⋅

xµ of 4-

dimentional space, is the four-
dimensional wave vector, and in the vacuum 

k ( , kµ ≡ ω )

2k k k
µ

µ
µ= ⋅

 
2 2k 0= ω − = ,  is the cyclic 

frequency of the wave,  is the charge of particle.  

ω
e

Besides, the procedure of switching on of the 
electromagnetic wave, as described by Eq. (1) is 
controversial: the field is supposed to be absent at the 
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infinity−∞ , but the integration is carried from to0 ϕ . 
From the point of view of initial conditions, the case 
when particle is coming from infinity to the given point 
to interact with the photon, as is used in scattering 
matrix approach, contains two infinities: one infinite 
time is needed for particle to reach (with its finite 
velocity) a certain point, where the interaction takes 
place, and the same infinite time is needed to move to 
infinity again, where interaction is absent. 

  The situation is even worse in the medium, 2k 0≠ , 
where solutions obtained without the due regard for 
initial conditions result by approaching to the 
Cherencov angle of incidence in an imaginary number 
of radiated and emitted photons [7], while they should 
result in a free motion of particle along the direction of 
propagation of electromagnetic wave, that is, there 
should be the limiting case  of free particle, , 

if , where  is the 

refraction index, 

q pµ µ→

0pk 1 n∝ − ⋅β ⋅ 0cos 0ϑ → n

0
0

v
c

β = is the ratio of velocity of 

particle to the velocity of light, is an incidence 
angle between th  particle’s propagation direction and 
the wave vector . The physical meaning of this limit 
is evident: transformations of fields into the reference 
frame of this Cherencov particle result in the vanishing 
of the electrical component of the electromagnetic 
field; at the same time the interaction of motionless 
particle with the static magnetic field of the wave is 
absent.  

0ϑ
e
k

The cause of such historic error is that the 
experimental proof of all expressions for direct 
interaction for charged particles with electromagnetic 
waves was done only with the advent of lasers [8]. 

All these shortcomings are avoided, if we will seek 
for the solution of Dirac’s or Klein-Gordon equations 
in Quantum Electrodynamics with imposition of initial 
free wave function, that is,  

 
exp( i p x )µ

µψ ∝ − ⋅  
 
at the beginning, which results in the corresponding 
replacements A ( )µ ϕ   → 0A ( ) A ( )µ µϕ − ϕ  for vector 

potential and  for the lover limit of phase in 
the integral. However, it is better to use the Dirac or 
Klein-Gordon equations in the form, written in the 
Appendix of [3]. 

00 →ϕ

The exact modified solution for Dirac’s equation 
may be written as follows: 
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( ) ( )( )0

0

u e ? ? ?1 k A A
2 pk2p

Ψ ϕ
⎡ ⎤
⎢ ⎥= ⋅ + ⋅ ⋅ −⎢⎢⎣

( ) ( )
( )( ) ( )

( )

ϕ ⋅⎥⎥⎦

0

0 0

22
0 0

exp i p x i e A x x

2e p A( ) A( ) e A( ) A( )
i

2 pk

µ µ µ
µ µ

ϕ

ϕ

⎡⋅ − ⋅ − ⋅ ⋅ ϕ ⋅ − −⎣

d
⎤ϕ − ϕ − ϕ − ϕ
⎥− ⋅ ⋅ ϕ
⎥⎦

∫

 

where  is the zero component of four-vector, 0p
?k k µ

µ≡ ⋅ γ , where µγ are Dirac’s matrices,  and 

0

u
2p

 is an arbitrary constant bi-spinor, coinciding 

with the bi-spinor amplitude of the free plane wave, 
normalized by equation u u 2m⋅ = where is the 
mass of particle. 

m

 

3 CORRESPONDENCE BETWEEN 
QUANTUM AND CLASSICAL 
APPROACHES 

In the solution of Dirac’s equation for charged 
particle interacting with the electromagnetic wave in 
vacuum both the ratio of quantum’s 
energy  to the energy of 

charged particle 

4
CMB E 6 10 eV−

γω = ≥ ⋅

CMB
2 1

mc
ω

<<  and the parameter of 

intensity for the wave  rmseE 1
mc

ξ = <<
ω

 are small 

( 910−ξ ≈ for electrons and 1836 time lesser for 
protons), the problem may be considered within the 
frameworks of Classical Electrodynamics. 

For the case of transversal wave of linear 
polarization in vacuum, that is, A a cosµ µ= ⋅ ϕ    

2(k ka 0)= = the most general solution for particles 
four-momentum may be written as 

( )
( ) ( ) ( )( )

( ) ( )( )
( )

0

2
02 2

pa
q p e a k A A

pk

A A
k e a

2 pk

µ µ µ µ

µ

⎛ ⎞
= − ⋅ − ⋅ ϕ − ϕ −⎜ ⎟⎜ ⎟

⎝ ⎠

ϕ − ϕ
− ⋅ ⋅ ⋅

 (3) 

and the phase equation has the following form 
  ( )d p k

d
ϕ
τ
= ⋅  

where τ is the proper time. Since phase is 
relativistically invariant, the quantity (p is also 
invariant. Kinematical quantity is proportional 
to the frequency of the wave and energy of the particle. 
The kinematical huge increase of frequency is 
considered as an ample ground of increasing of 
“photons” energy, which became now “sufficient” to 
produce pions. However, the proper time  decreases 

as an inverse ratio of the energy

k)⋅ ⋅ τ
(p k)⋅

τ

p
2

p

E
t /

m c
⎛ ⎞

τ ⎜ ⎟⎜ ⎟⋅⎝ ⎠
∼ , 

hence the dynamical invariant  remains 
constant in any reference frame, as it should be 
according to the Principle of Relativity. 

(p k) inv⋅ ⋅ τ ≡

Moreover, additional, although small gain of energy 
is possible during the motion of charged UHECR 
particle in CMB. Thus for UHECR electrons and 
protons the pure gain approximately equal to 
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710 eV≅ and , respectively for the time 
comparable with the life time of the Universe. It is 
evident, that these values of energy are insufficient to 
produce even one pion.  

10eV≅

In energy distribution peaks originate and shifted to 
the higher values  

These curves are the results of interaction of initial 
Gauss-like distribution of charged particles with 
electromagnetic fields.  

Worth noting that such an approach, based on 
imposition of initial conditions for charged particle 
motion in the field of electromagnetic wave in 
Classical Electrodynamics [9], has been used for 
particle acceleration in a slow electromagnetic wave, 
when  [10] and to resolve the controversy with 
self-acceleration and runaway solutions in Lorentz-
Dirac equation for radiation damping [11]. In Quantum 
Electrodynamics, to obtain the same physical 
phenomena, the solution of Dirac or Klein-Gordon 
equations with imposition of initial wave function in 
the form of free plane wave.  

2k 0≠

As related to knee and ankle in the spectrum of 
cosmic rays, thus situation is similar to the 
modification of energy spectrum in external 
electromagnetic waves, when expose to these fields 
results in origination and spreading of peaks [10].  
 

4  RESOLVING THE 
CONTROVERSY WITH THE 
SELF-ACCELERATION IN THE 
RELATIVISTIC DIRAC’S 
EQUATION OF RADIATION 
DAMPING  

As an example of imposition of initial conditions, the 
exact solution of the relativistic Lorentz-Dirac equation 
of radiation damping [11, 12] for free particle is 
obtained in this Section. The initial conditions are 
imposed on the four-dimensional coordinate and 
momentum of charged particle. It is shown that in the 
absence of initial four- acceleration there is no self-
acceleration later, and the four-momentum of particle 
remains free and initial one. 

The Lorentz-Dirac’s equation of radiation damping 
may be written in the four-dimensional form [11] 

( )
22eq q q q

3µ µ µ⎡= ⋅ −⎣ q ⎤⎦   (4) 

where qµ and are the four-dimensional momentum 
and proper time and units are used. This 
equation should be solved with imposition of natural 
initial conditions: 

τ
m c 1= =

0 0x x ,q qµ µ µ µ= = 0τ =

0

=

1

 at  

and, for generality, ; despite, for free particle 
there should be no four-acceleration at the beginning. 

qµ ≠

Four-dimensional force in the right hand side is 
orthogonal to the four-dimensional vector,  

( )q q qq 0µ µ−   (5) 

Which results in 2q µ = , and derivative of this 

expression by the proper time results in ( )q q 0⋅ = . 

The multiplying Eq. (4) by results in the 
following equation 

qµ

2 2
22e d q( ) q

3 d 2
⋅ =
τ

,  (6) 

which is integrated easily  

2
3

2 2 2e
0q q e

⋅τ

µ = ⋅   (7) 
And the initial Eq. (4) may be written in the form 

2
32

2 2e
0

2eq q q q e
3

τ

µ µ µ

⎡ ⎤
= + ⋅ ⋅⎢ ⎥

⎢ ⎥⎣ ⎦
  (8) 

The change of variable
2

2
3ee

⋅τ
ζ =  reduces this 

equation to the well-known harmonic oscillation 
equation  

2
2
0

2eq ( ) q q ( ) 0
3µ µ′′ ζ + ⋅ ⋅ ζ =   (9) 

Solution of Eq. (6), which satisfies the natural initial 
conditions, may be written now as  

2 2
3 3

2e 2e

2 2
o 0 02

0
2 2

e 1 e 1
q

q ( ) q cos q sin q
3mc 3mcq
2e 2e

τ τ

µ
µ µ

⎡ ⎤ ⎡⎛ ⎞ ⎛
− −

⎤⎞
⎢ ⎥ ⎢⎜ ⎟ ⎜⎜ ⎟ ⎜ ⎟ ⎥⎟⎢ ⎥ ⎢⎝ ⎠ ⎝ ⎠τ = ⋅ + ⎥
⎢ ⎥ ⎢⎛ ⎞ ⎛ ⎞ ⎥
⎢ ⎥ ⎢⎜ ⎟ ⎜ ⎟

⎝ ⎠ ⎝ ⎠
⎥

⎢ ⎥ ⎢ ⎥⎣ ⎦ ⎣ ⎦

0

(10) 

where the parameters of mass and velocity are 
restored. 

m c

If we now consider Eq. (10) in the limit of absence 
of initial four-acceleration, q , we obtain 

that
µ →

0q qµ µ→ , that is, there is no self-acceleration, 
and four-momentum of particle remains constant.  

It is very interesting, that even in the hypothetic case 
of presence of some initial four-acceleration, three-
dimensional velocity remains constant. 

Since ( )q q 0⋅ = , this four-acceleration vector is 

spacelike one, that is, ant temporal component 

of acceleration

2
0q ≤ 0

000q = . However, from Eq.(7) for 

three-dimensional velocity  
0

qv
q

=  the trigonometric 

functions became the hyperbolic ones and in the limit 
τ → ∞  the initial three-dimensional velocity 
asymptotically tends to initial value, that is, the self-
acceleration is absent even in this hypothetic case.  

5. SUMMARY 

1. Method of imposition of initial conditions 
both in Classical and Quantum Electrodynamics 
seemed to be fruitful and provides good 
correspondence between these approaches. 
2. Owing to the relativistic invariance of the 
wave’s phase, the huge increase of frequency (both 
in the rest and CM reference frames for UHECR 
charged particle) is accompanied by the 
corresponding decrease of the time of interaction.  
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3. After averaging over the random phases of 
EM plane waves of CMB, the solution of 
relativistic equation of motion, applied to UHECR 
charged particle, results in a small additional 
acceleration of particle, however insufficient to 
produce even one pion for the tame comparable to 
the life of the Universe. 
4.    Due to the dynamical relativistic invariance, 
these results are independent on the chosen 
reference frames. 
5. There is no theoretical limitation for UHECR 
particles energy due to photoproduction of pions 
during charged particle propagation in the CMB.  
6. Hence, the GZK cut-off for UHECR charged 
particles becomes controversial.  
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Measurements of Coherent Cherenkov Radiation in Rock Salt:
Implications for GZK Neutrino Underground Detector
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D. Saltzberg and D. Williams
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We present results of the study of coherent Čerenkov radiation from negative charge excess in electromagnetic
cascades (Askaryan effect) in synthetic rock salt. In the first part of this work, the accelerator measurement
was performed in the Stanford Linear Accelerator with pulsed bunches of 28.5 GeV electrons passing through
Aluminum radiators, which produced a beam of bremsstrahlung photons in direction of the salt. Measurements
cover the range of shower energies from 2.7 × 1014eV up to 8.0 × 1018eV . With three different types of radio
frequency receivers which altogether span the range of 200 - 20000 MHz, we analyzed coherency of radiation
produced within the target salt. In the second part, we conducted a search for the coherent radio pulses induced
by high energy cosmic-rays. As a medium for detection of Čerenkov radiation, we use a 22 ton target of synthetic
rock salt contained within a scintillation counter cosmic-ray hodoscope. Two parallel arrays of crossed bowtie
antennas are put inside the salt bed and used as a detection tool. Here, we present expected rate for detection
of cosmic ray protons and secondary muons above ’Salt Factory’ sensitivity of 1.8 TeV. These measurements
provide an excellent baseline for the Monte Carlo simulation of the performance of the 15.6 km3 GZK neutrino
detector placed inside a salt-dome formation. Results of the simulations show that this kind of detector can be
used to put constraints on all GZK neutrino models in one year of work.

1. Introduction

The main messengers of the processes in the deep
universe, arriving to us, are protons, photons and neu-
trinos. Unfortunately, if the distance from a source is
greater than 50-100 mega parsecs, high energy pho-
tons will interact with the 2.7 K photons of Cosmic
Microwave Background (CMB) [1] before reaching de-
tectors on the Earth. The same fate awaits high
energy protons whose spectrum suddenly drops af-
ter 19.5 × 1019eV (Greisen, and Zatsepin & Kuzmin
(GZK) cut off [2, 3]).

Hence, only neutrinos are capable of passing great
distances (due to their extremely weak interaction
with matter) carrying the information about the mo-
ments as far back in time as just after the Big
Bang. However, the expected flux of ultra high en-
ergy neutrinos requires detectors with target volume
of the order of magnitude 1042 nucleons [4]. So far,
the most promising approach to extract information
about GZK neutrinos from these huge mass detectors
is by utilizing the Askaryan effect [5]. Ice, as a tar-
get material, has already been employed on Antarctic,
where the Radio Ice Cerenkov Experiment (RICE) [6]
has been operating for several years. Besides, there
is also a new promising experiment - the Antarctic
Impulsive Transient Antenna (ANITA) [7] expecting
results in 2007.

Our approach is to use a huge rock salt formation as
a target medium (first suggested by Askaryan [5]) for
GZK neutrino detection via Askaryan effect. Viability
of this approach is verified with accelerator measure-
ment of the Askaryan process in rock salt in the energy

range of interest for GZK neutrino detection (done in
June 2002), and also with the ’Salt factory’ detector
of Cosmic rays. Thus, these results open the road to
Teraton neutrino detectors.

2. Accelerator Measurement of the
Askaryan effect in Rock Salt

The experimental setup is shown in Fig. 1. Rock
salt, used in the experiment was in the form of trape-
zoid bricks with middle line dimensions of 15 × 10 ×
6 cm, with a single brick mass of 1.8 kg and manufac-
tured claimed purity of 99.5%. Attenuation length is
a couple of hundred meters [11] in the UHF regime for
the used frequency range. All together, almost 4 tons
of sodium chloride were put in the Final Focus Test
Beam (FFTB) facility at SLAC. When building the
target geometry, the care was taken, so that one side
of salt stack is within a 10◦ angle toward the beamline
(done with a 2.5 cm thick polyethylene sheet) to avoid
the total internal reflection of the Čerenkov radiation.
Inside the salt stack and 35 cm above the beamline, in
horizontal plane, an array of 21 printed-circuit board
(PCB) broadband dual-linear-polarization bowtie an-
tennas is buried. The centers of neighboring antennas
are on the same axis, with the average distances of
22 cm in the direction of the beam and 21 cm in the
perpendicular direction. The polarization of each an-
tenna was carefully arranged according to the shower
axis. Outside of salt and on the horizontal level of the
beam, we placed a C/X-band horn and a log-periodic
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salt stack

80cm

48.5 cm

polyethylene sheet

Figure 1: Experimental setup for measurement of
Askaryan effect in rock salt.

dipole array (LPDA) antenna, both on the distance
of 75 cm from the polyethylene wall in the direction
of the expected Čerenkov radiation after its refraction
from dielectric borders and positioned on the axis of
the shower maximum. With these three types of an-
tennas, covered frequency range is 0.2-18 GHz, where
bowtie antennas have good response in the range 0.2-
2 GHz, horn has good response in the frequency range
from 5 to 9 GHz and LPDA 1-18 GHz. Data collection
is done with two oscilloscopes, TDS694C for low and
CSA8000 for high frequency. Trigger was issued from
a microwave transition-radiation receiver, located up-
stream.

Beam of 28.5 GeV electrons was directed toward
the bremsstrahlung radiators located in front of the
main salt target at 3 m distance from it. Like in our
previous SLAC measurement [10], as a radiator for
production of bremsstrahlung gamma-rays, we used
Aluminum of different thickness from 0.06% to 1.5% of
a radiation length. The direction of electrons passing
through the radiators was changed in such a way that
electrons do not enter and initiate showers in the salt
target. By combining different thickness of available
radiators and changing the electron flux in the beam,
we were able to span measurements over 4 orders of
magnitude in shower energy. The measurements were
performed by averaging 1000 triggers and after that
100-1000 single shot triggers to monitor stability.

Figure 2: Time domain measurement of coherence
obtained with printed-circuit board broadband
(0.3-1.5GHz) dual-linear-polarization bowtie antennas.
The curve is a fit which shows a quadratic dependence of
power from shower energy.

2.1. Characteristics of Measured Electric
Field

The bands of antennas provide us with the oppor-
tunity to measure coherency of different parts of the
Čerenkov radiation spectrum. For the frequency be-
low the frequency of decoherency ν0 = 2700MHz (es-
timation for rock salt as a medium), we used bowtie
antennas which are positioned around the shower
maximum. With the distance between the beam
and antenna in the direction of the Čerenkov angle
R = 38 cm, the largest antenna dimension L = 20 cm,
and the angle θ = 25◦ toward antenna axis and for
the antenna bandwidth, conditions for far field ap-
proximation are satisfied. Fig. 2 shows the results
of the measurements of the relative radio-frequency
power as a function of shower energy. Here, we ex-
tend the energy range up to 8.0 × 1018eV and go as
low as 2.7 × 1014eV which can be compared to [10].
We do not observe any deviation from quadratic in-
crease of pulse power with shower energy. For an ac-
curate calculation of electric field strength received
by antennas, it is required that the antenna effective
area, spectral response, coupling efficiency, angular re-
sponse and, also in the case of shower induced field a
finite spatial region over which a pulse is formed coher-
ently (so called coherence zone, which is a function of
frequency), all be included in converting the measured
voltages to field strengths. For determining the coher-
ence at higher frequencies (2.2-15.0 GHz), around and
above ν0 we use the LPDA and the C/X-band horn an-
tennas, both of which had known effective areas and
antenna factors. Fig. 3 shows the measured electric
field strength vs. total shower energy at three dif-
ferent frequencies. Measurements were done with the
LPDA on 4.95 and 14.5 GHz, respectively, and with
the horn antenna at 7.4 GHz. Points represent mea-
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Figure 3: Measured electric field strength at 4.95, 14.5
with LPDA and 7.4 GHz with horn antennas
respectively, together with the least-square fit curves. It
indicates that coherency of RF signal in rock salt extends
to almost 15 GHz.
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Figure 4: Spectrum of the measured electric field
strength for shower energy 1.9 × 1018eV . The curve is
ZHS parameterization in rock salt.

sured values and lines are the least-square fit curves
|E| = AEsh

α, where E is the electric field and Esh

the shower energy. The fit for the exponent α gives:
α4.95 = 1.00±0.04 at 4.95 GHz, α14.5 = 1.02±0.11 at
14.5 GHz, α7.4 = 0.99 ± 0.05 at 7.4 GHz. The value
of α on all three frequencies indicates that the field
strength is in agreement with the full coherence of ra-
diation. Measurement of spectral dependence of the
absolute field strength is shown in Fig. 4. It is done
with the use of all antennas and few filters in sev-
eral frequency bands from 0.3-15.0 GHz. Horizontal
bars define bandwidth of antennas or filters. Plotted
curve is based on the parameterization given in [13],
scaled from ice to synthetic rock salt. The spectral
profile of the coherent Čerenkov radiation is in good
agreement with the expectation up to the highest mea-
sured frequency, where the significant variation of the
field as a consequence of decoherence caused by the

Figure 5: Top: Orientation and relative amplitude of the
electric field vector measured with the bowtie antenna.
Bottom: The normalized amplitude of the received RF
pulses along the center line of the antenna array. Curve
is a normalized EGS simulation of showers induced with
bremsstrahlung photons.

Figure 6: Angle of plane of polarization of the electric
field at transverse distance of the antennas to beam
vertical plane, (35 cm above the axis of the beam).
Curve shows the expected angle of projected field of the
Čerenkov radiation on the plane of the array.

shower profile can be seen. We also analyze the
polarization characteristics of the received signal that
was done with the crossed bowtie antennas (their ge-
ometry is adapted for simultaneous measurement of
orthogonal linear polarization). Cross-talk between
a co-polarized and the cross-polarized antennas from
the same strip is measured to be 15%. In order to
estimate the angle of projected plane of polarization,
it is necessary to determine the part of signal received
directly or as an inherent leakage on each antenna.(

V0

V90

)
=
(

cosΨ αsinΨ
αcosΨ sinΨ

)(
E · h0

E · h90

)

The vector effective height is |h| = |h0| = |h90| from
symmetry of receiving system, Ψ is projection of po-
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larization angle on the plane of antenna array. Middle
line of antennas is directly above and parallel with the
beam axis, and they provide accurate estimate of α,(
α = (V90/V0)|on−axis). Thus, the measured value of
Ψ is:

Ψ = − tan−1

(
α− V90/V0

αV90/V0 − 1

)
. (1)

Fig. 5 shows results of the polarization and relative
amplitude measurements for all bowtie antennas. The
top pane plots these as vectors with scaled lengths and
directions corresponding to the square root of the am-
plitude and the projected plane of the polarization Ψ.
In the lower pane of the figure, the normalized rela-
tive amplitude of the electric field measured with the
antennas along the center axis as a function of the
longitudinal distance along the shower (corrected for
the Čerenkov angle projection) is displayed. We also
plot the EGS4 simulation of the longitudinal develop-
ment of the charge excess along the shower. There is
an excellent agreement between the measured shape
of the amplitude response and the normalized charge
excess predictions from EGS4. Figure 6 shows data
for three antennas facing the shower maximum in the
direction of the Čerenkov angle, plotting the plane of
polarization as a function of the transverse position of
the antenna with respect to the beam vertical plane
in longitudinal direction. The solid curve shows the
expected change of projection of the angle of polariza-
tion of the Čerenkov radiation on the antenna plane.
From these results it is clear that radiation is linearly
polarized and it is lying in the plane of beam line and
Čerenkov radiation.

3. Salt Factory

After establishing characteristics of the RF radi-
ation in rock salt with accelerator beam, our next
goal is to make the first measurement of the coher-
ent Čerenkov radiation from natural origin - cosmic
rays induced cascade. Fig. 7 presents apparatus of
the test-bed experiment placed at Manoa campus of
University of Hawaii. As a detection media for the
radio waves we used 22000 kg of salt in the form of
blocks weighing 22.68 kg each. The purity of the salt
was between 93.0% and 96.0%. Interior walls of the
rectangular wooden box with dimensions 12.0 x 1.2 x
0.8 m were covered with zinc plated steel metal sheets
(thickness 0.5 mm). By making this Faraday cavity,
we achieved good noise reduction inside the box. Cav-
ity was filled with salt and 22.0 cm above the bottom
of the cavity, two arrays of antennas were installed.
Basic element of the arrays is the same (PCB) broad-
band dual-linear-polarization bowtie antenna as one
used in SLAC experiment. Bowtie antennas are ori-
ented 45◦ toward the axis of each array and placed

scintillator counter
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Figure 7: Experimental setup for the Salt factory.

27.0 cm apart. There are 48 bowties in every line
and linear distance between each two antennas in one
array is 25.0 cm. Due to the limited number of digi-
tizing channels, we had to combine signals from four
antennas with the same polarization orientation into
one channel, and a 4 to 1 hybrid combiner is used to
accomplish this.

The trigger system for the test-bed experiment is
based on macro counters: twelve 12”(30.5 cm diame-
ter) photomultiplier tubes (PMTs) were distributed in
three layers. The top layer was 142 cm above antenna
level while the middle PMT layer was 57 cm and bot-
tom PMT layer was 133 cm below the antenna’s layer.
Together, they formed one trigger system. Every layer
consisted of 12 m long, 0.7 m wide and 0.3 m high liq-
uid scintillator filled box. Two PMTs were placed on
each end of liquid scintillator box, facing the scintil-
lator. The threshold voltages for PMT signals were
defined separately for each detector layer, and they
were set to the PMT pulse height that corresponds to
the muon energy of ∼100GeV.

3.1. Analysis

Characteristics of the 4 to 1 hybrid signal was tested
in the SLAC Final Focus Test Beam facility and re-
sult is shown in the Fig. 8. It presents polarization
analysis of the ratio of the pulses recorded by parallel
and normally oriented parts of the crossed bowtie an-
tennas. The result shows that information about po-
larization characteristics of the radiation is contained
within the signal and justifies such a coupling. This
provides a solid baseline for calibration of the test-bed
detector capabilities. In addition, measurement of the
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Figure 8: The averaged polarization and amplitude of
pulse received by 4 in 1 hybrid combiner, from bowtie
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electronic component of the system provides 1.8 MeV
threshold energy for the 1σ effect. Fig. 9 shows the
simulation of the expected event rate from the pri-
mary CR protons and the secondary muons per year
at 1σ SNR, to be about 12 events. However, variation

Figure 9: Monte Carlo simulation of the expected event
rate per angle in the salt detector.

in noise caused with significant RF pollution and its
unpredictability indicates that 2σ SNR signal, at the
level which can be confidently confirmed, gives us the

event rate of 1.4 events per year. Single event analy-
sis of the first two months of data, did not show any
candidates that passed all analysis cuts.

4. Salt dome Shower Array (SalSA)

Results of the measurements demonstrate that
Askaryan effect in rock salt can be used to precisely
reconstruct shower development and the total shower
energy. The polarization properties of the produced
coherent Čerenkov radiation give excellent reconstruc-
tion of primary particles tracks. Together with the
measurement of attenuation of RF signal in salt domes
[9] which indicates ≥ 250 m attenuation length, our
results show that very large salt structures can suc-
cessfully be used for GZK neutrino detection. Luck-
ily, geological history of our planet is such, that all
around the world, hundreds of huge (tens of km3 in
size) compact formations of salt exist with purity as
high as 98.0% -99.0%. These huge salt dome forma-
tions can relatively easily be utilized for the develop-
ment of detectors for ultra-high energy particles, par-
ticularly neutrinos with energies around GZK cutoff.

We have created a Monte Carlo simulation of a
large-scale antenna array embedded in a salt dome
as described above. In the first approximation we as-
sumed cube geometry (in reality, detector geometry
will be optimized for the Čerenkov angle in salt and
for the angular distribution of probability of detec-
tion for different neutrino flavors), with 1728 antenna
nodes for whole detector, with a grid spacing of 225
m, based on estimates [9] of the attenuation length in
rock salt. The volume of complete detector is taken
to be just above 15 km3 and together with the volume
enclosing one attenuation length around it, increases
to 25km3 which is 137 km3 of water mass equivalent.

Each node consists of 6 RICE type dipoles with lin-
ear polarization oriented vertically, 6 slotted-cylinder
antennas with horizontal polarization and 0.75 m be-
tween each two consecutive antennas. The pattern
and frequency response of these antennas are well
known [14]. Antennas are optimized for frequencies
centered at about 200 MHz, with bandwidth of 100-
300 MHz. We require that signal must be above 2.8σ
on 5 out of 12 node cell antennas in order to trigger
the system and collect data. This kind of triggering
scheme will significantly reduce triggering from any
background noise.

The 225 m spacing will give shower energy threshold
slightly above 30 PeV for Lα = 250 m, but sensitiv-
ity to energies around 100 PeV, can be expected more
realistically, because of the contribution of additional
losses and uncertainties of interactions at these ener-
gies. These shower energies are in the range of the
GZK neutrino spectrum peak ∼ 100 PeV.

It was also assumed that neutrino flavors are com-
pletely mixed with ratio of 1:1:1 = νe : νµ : ντ (average
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Figure 10: Estimated sensitivity for SalSA for one year
of exposure. A set of GZK models is shown, as well as an
earlier estimate of SalSA sensitivity [19].

distance to source is longer than oscillation length),
flux is isotropic on the Earth surface and monoener-
getic at discrete energies in 1015eV − 1021eV range.
Estimates of the power of the radio emission is based
on the Zas-Alvarez-Muñiz parameterization [13] with
implementation of differences between ice and salt.

Fig. 10 shows the results of simulation for 1 year of
full operation of SalSA detector together with the ex-
pectation based on previous SalSA estimate (without
node cells) [19]. The plot also compares several classes
of models of GZK neutrino fluxes [16–18] with SalSA.
With 1 year of exposure SalSA will be able to put
constraints even for the most conservative prediction
(expected rate is 11-14 events), and in the case that
the optimistic models are to take place, the number of
events can rise above 100 events/year. Nature of de-
tector gives an opportunity for a long operating life,
which can collect huge amounts of data, enough to
characterize GZK neutrinos as an important piece for
solving mystery of the early universe. The dimensions
of the salt dome together with already existing tech-
nology for drilling deep holes (developed for oil indus-
try), give opportunity to build even larger detectors
for further exploration of GZK neutrino spectrum.
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The Antarctic Impulsive Transient Antenna (ANITA) experiment is being developed to search for ultra-high-
energy (UHE) neutrino interactions (> 3 × 1018 eV) in the Antarctic ice cap. A neutrino interaction in the
ice will produce a radio pulse by the means of the Askaryan effect. The large radio transparency of ice allows
for such a pulse to be recorded by a cluster of balloon-borne antennas. The details of the ANITA instrument,
now in a construction phase, and the science we hope to achieve is discussed. In order to prepare for the main
mission, we have flown ANITA-lite during the 2003/04 austral season. ANITA-lite consisted of two quad-ridge
horn antennas and a prototype RF (radio frequency) triggering and recording system. Here we present the
results of an impulsive RF background survey of Antarctica, as well as proof-of-principle gain, tracking, and
timing calibrations conducted by observing solar radio emissions and calibration radio-pulses. A preliminary
UHE neutrino flux limit based on ANITA-lite data is also presented.

1. INTRODUCTION

High-energy neutrinos (>few tens of GeV) are cur-
rently an unexplored information channel available to
particle astrophysicists. They are the third leg nec-
essary to support current astrophysical theories, and
combined with optical and cosmic-ray observations
can provide a more clear view into the inner workings
of the most energetic engines in the Universe. Due to
their low interaction cross-sections, neutrinos are dev-
ilishly hard to work with, and only in the last decade
experimental physics has been able to provide first
definitive results based on large scale neutrino obser-
vations. At the same time, the power law nature of as-
trophysical accelerators means that a particle flux de-
creases rapidly as one looks at higher energies. These
two facts imply that for high-energy neutrino observa-
tions one needs to instrument a very large target vol-
ume; for the expected fluxes at TeV energies observa-
tories of ∼1 km3·sr are required, while at EeV energies
one needs ∼1000 km3·sr. While neutrino observato-
ries at 1 km3 scale are currently being constructed [1],
in-situ instrumentation of much larger volumes is im-
practical. However, substantial transparency of cold
ice (< −20◦C) to radio frequency radiation, combined
with enhancement of radio emissions from high-energy

neutrino-induced showers in ice due to the Askaryan
effect, offers a promising way for reaching the required
target volumes. A balloon-borne radio telescope at an
altitude of 35-40 km above Antarctica would observe
∼ 106 km3 of radio-transparent ice. In this report, we
describe plans for such an experiment, starting with
a summary of Askaryan effect physics and the science
goals of the mission. We also present results from the
prototype flight and describe expected sensitivity to
ultra-high-energy neutrino flux.

1.1. Askaryan effect

G. Askaryan proposed in 1962 [2] that a com-
pact particle shower will produce a coherent radio
Cherenkov emission. Subsequent theoretical work in
the 80’s [3, 4, 5] and the 90’s [6] supported this
prediction. The experimental verification came in
2001 [7], with follow up measurements confirming fre-
quency and polarization properties of the emitted ra-
diation [8].

The emission of coherent radio signal comes about
from an appearance of the charge asymmetry as a par-
ticle shower develops in a dense medium. This asym-
metry is due to combined effects of positron annihi-
lation and Compton scattering of electrons at rest.
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There is ∼20% excess of electrons over positrons in
such a particle cascade, which moves as a compact
bunch a few cm wide and ∼1 cm thick at the veloc-
ity above the speed of light in the medium. The fre-
quency dependence of Cherenkov radiation emitted is
dP ∝ νdν. In addition, for radiation with wavelength
λ ≫ l, where l is the scale of the particle bunch, the
radiated signal will add coherently and thus be pro-
portional to the square of shower energy.

A radio signal emitted by a particle shower in a
material such as ice is coherent up to few GHz, is
linearly polarized, and lasts only about a nanosecond.
A neutrino with energy of 1019 eV interacting in the
ice produces a radio pulse with a peak strength of
∼ 10−3 V/m/MHz at a distance of 1 km.

Several experiments have already utilized Askaryan
effect to search for high-energy neutrino interactions,
RICE at the South Pole [9], FORTE in Greenland ice
cap [10], and GLUE in the lunar regolith [11].

1.2. Science Goals

Unlike photons, high-energy astrophysical neutrinos
propagate through the Universe unattenuated. They
carry information from distances beyond the photon
horizon which extends only to few hundred Mpc in
10-100 TeV range, and even less at PeV energies.
Thus, they stand as a unique probe to acceleration
processes associated with the sources of the highest
energy cosmic-rays which extend to 108 TeV. Addi-
tionally, the GZK process [12, 13], interaction of high-
energy cosmic-ray protons with the cosmic microwave
background, produces high-energy neutrino flux. Ob-
servation or strict constraints on such a neutrino flux
is crucial to resolution of GZK cutoff, which is cur-
rently one of the most controversial topics in cosmic
ray physics.

Beyond the Standard Model, certain models of mi-
croscopic hidden dimensions predict that high-energy
neutrino interactions in ice could produce highly un-
stable micro black holes (MBH) [14, 15]. The decay
of these MBH via Hawking radiation would produce
hadronic showers detectable through the Askaryan ef-
fect. The signature of this process would be an in-
crease in the expected event rate with a strong en-
ergy dependency. Besides observation of extra dimen-
sions, any top-down model of high-energy cosmic-ray
production produces an associated neutrino flux [16],
which would also be detectable.

2. ANITA

2.1. The Detection Concept

The ANtarctic Impulsive Transient Array (ANITA)
has been designed to detect radio pulses emitted by

~1.5 M square km

balloon at ~37km altitude

~700km to horizon

56ν

earth

antenna array
on payload

1−3 km

refracted RF

cascade produces
UHF−microwave EMP

antarctic ice sheet 1−3km

0.1−100 EeV neutrinos

observed area: 

ice

cascade

Cherenkov cone

Figure 1: A schematic of ANITA detection concept.

neutrino interactions in Antarctic ice sheet. At ener-
gies above 1018 eV, the Earth is opaque to neutrinos,
so ANITA would be sensitive only to neutrinos arriv-
ing at glancing angle with respect to the ice surface
(Figure 1). Neutrinos interacting in the ice will pro-
duce a radio pulse emitted along a Cherenkov cone.
This pulse will suffer very little attenuation before re-
fracting at the surface and exiting the ice [17]. The
interaction point and the direction of an incoming neu-
trino is determined by the time difference in radio
pulse arrival between antennas and by the polariza-
tion of the pulse.

2.2. The Detector

The ANITA instrument (Figure 2) will consist of
40 dual polarization, quad-ridged horn antennas ar-
ranged in cylindrically symmetric upper and lower
clusters. Each antenna records two linear polariza-
tions of an incoming radio pulse and has a beam width
of about 60◦. These antennas operate over 0.2 to 1.2
GHz, have approximately 10 dBi gain over the en-
tire frequency range, and a very small phase disper-
sion, resulting in a sub-nanosecond impulse response.
The separation between antenna clusters provides for
a vertical timing baseline needed to determine the ele-
vation angle of the arriving pulse. An overlap between
adjacent antenna beam patterns provides a pulse gra-
diometry for determination of the azimuthal angle.
The absolute azimuthal orientation will be measured
by Sun sensor instruments, while the instrument tilt
will be monitored by a differential GPS unit. The in-
strument will trigger on a coincident increase in RF
power in several antenna channels. On trigger, all
antennas will be readout and digitized at ∼3GSa/s
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Figure 2: A mechanical model of the ANITA instrument.

sampling rate, allowing a capture of ∼85 ns of data
per trigger. The DAQ system will be able to record
data rates up to 5 Hz.

3. ANITA-lite

ANITA-lite was a two antenna prototype of ANITA
that was flown during the 2003/04 Antarctic season as
a piggyback instrument on board Trans-Iron Galactic
Element Recorder (TIGER) payload [18]. The goals of
ANITA-lite were to conduct an RF background survey
of Antarctica and to test prototype antennas and RF
electronics which are to be used for ANITA. We have
also performed the timing calibration of the system
by sending RF pulses from the ground station to the
instrument in flight.

The ANITA-lite instrument triggered on a coinci-
dent increase in RF power in both antennas. The
data were digitized at 2 GSa/s, with 512 ns of data
per trigger. We collected the total of 130,000 triggers
(including the data taking and the calibration) over
18 days.

3.1. Timing calibration

Tone bursts at various frequencies and of various
durations were sent with a ridged horn antenna from
the ground to ANITA-lite at float. The signals were
observed out to distances greater than 200 km, the
main limitation being the loss of line-of-sight due to

Figure 3: The TIGER/ANITA-lite payload prior to
launch.
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Figure 4: Distribution of time differences between
co-polarized channels.

the Trans-antarctic mountain range. Calibration sig-
nals were bandpass filtered around the calibration fre-
quencies, and a time reference for each antenna was
measured by interpolating the zero-crossing of a sig-
nal. Correcting for the separation between the two
antennas, we measure the uncertainty in the signal
arrival time between co-polarized channels of σ∆t =
0.16 ns (Figure 4).

Based on this measurement, we estimate the time
resolution between antenna clusters in ANITA to im-
prove to σ∆t = 0.1 ns due to the increase in number
of channels receiving the signal and higher sampling
speed. Since the error in the pulse arrival angle for an-
tennas separated by the distance d is approximately
given by

σθ ≈ 180

π

σ∆tc

d
, (1)

we estimate 0.5◦ and 1.5◦ uncertainty in determining
the elevation and azimuth angles of arrival, respec-
tively, for pulses originating near the horizon.
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Figure 6: An average increase in the effective antenna
temperature when pointing to the Sun and the Galactic
Center. The top band is a model of the expected
temperature increase, the width of which accounts for
systematic uncertainties. The lower two bands give
contributions due to galactic and solar emissions,
respectively. The antenna frequency response is folded
into the model.

3.2. Thermal background survey

In addition to observing the Antarctic ice sheet,
ANITA-lite antennas have a significant portion of the
sky in their field-of-view. As the instrument rotates,
the two brightest radio sources in the sky, the Sun and
the Galactic Center (GC), come into view (Figure 5).

During the ANITA-lite campaign, they were sepa-
rated by 5-14 degrees, making it impossible to resolve
them with our broad-beam antennas. Figure 6 com-
pares an average increase in the observed background
radiation, expressed in terms of an effective antenna
temperature, as a function of frequency when pointed
in the direction of the Sun and the GC with a model
of the expected temperature increase. The model was
based on the quiet Sun model [19] corrected for the ob-
served solar activity during the ANITA-lite flight [20]
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Figure 7: Examples of the six most common types of
impulsive events recorded. Since they are repeatable and
have no correlation with instrument location or
orientation, we attribute them to locally generated RF
noise.
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Figure 8: An example Askaryan pulse as would be seen
by ANITA-lite.

and on the all-sky radio survey at 408 MHz [21] with
an assumption of synchrotron-like frequency depen-
dency of radio emissions from the galactic plane. The
good agreement between measured and expected an-
tenna temperature increase confirms that we have a
good understanding of the antenna and RF system be-
havior, as well as of instrument orientation tracking.

3.3. Impulsive RF background survey

The impulsive RF background analysis is based on
87,475 events recorded during 16.2 days of data tak-
ing with 38% average livetime. By comparing the
recorded waveforms with the expected shape of co-
herent Cherenkov radio pulses, we were able to reject
all of the recorded events while retaining 62% of sim-
ulated signal pulses. Over 90% of all recorded events
can be classified into six event categories (Figure 7),
which we believe are all due to radio noise generated
aboard the instrument1. Figure 8 shows an example of

1As a piggyback instrument, we could not enforce as strict
radio quiet conditions as would be required for this type of
measurement. This will not be a problem with ANITA.
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the expected coherent Cherenkov radio pulse as would
be recorded by ANITA-lite. Since we did not observe
any radio pulses that could be associated with high-
energy neutrino interactions in the ice, we can place
a limit on the high-energy neutrino flux based on the
ANITA-lite data. Currently, we are investigating the
ANITA-lite trigger efficiency which is required to set
the limit.

4. NEUTRINO FLUX SENSITIVITY

Simulating the performance of the full ANITA in-
strument and assuming an average flight trajectory
over Antarctica, we can calculate an expected flux
sensitivity and compare it with published high-energy
neutrino flux limits and with models of neutrino flux
(Figure 9). In the figure, the sensitivity is given for 45
days of flight. An average long duration balloon flight
above Antarctica is 15 days, although in 2004/05 sea-
son CREAM instrument flew for 42 days [22].

ANITA will be sensitive to neutrinos arriving from
low declinations (Figure 10). Instantaneous sky cov-
erage is few degrees wide, but by circumnavigating
Antarctica, the instrument will observe the region in-
dicated in the figure.

5. CONCLUSIONS

The Askaryan effect opens the possibility for use of
huge quantities of Antarctic ice as a neutrino detec-

Figure 10: Sensitivity of ANITA as function of neutrino
arrival declination and right ascension. The green region
indicates solid angle from which 90% of the detectable
flux originates, blue and green region account for 99%,
while blue, green and red account for 99.9%. Neutrinos
of 1019 eV were simulated.

tion medium. ANITA will be the first experiment with
sufficient sensitivity to test current models of neutrino
production due to GZK process and to probe for other
astrophysical sources of neutrinos in the energy range
from 0.1 to 100 EeV. ANITA-lite was a successful test
of almost all subsystems planned for the ANITA in-
strument. We have established that Antarctica is a
very radio quiet environment, suitable for a search of
neutrino-induced radio pulses. Also, we have demon-
strated required timing precision and RF system gain
calibration needed to perform accurate measurements
of such radio pulses.
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High-Energy Neutrinos Produced by Interactions of Relativistic
Protons in Shocked Pulsar Winds

S. Nagataki
Yukawa Institute for Theoretical Physics, Kyoto University, Oiwake-cho Kitashirakawa Sakyo-ku, Kyoto 606-8502,
Japan

We have estimated fluxes of neutrinos and gamma-rays that are generated from decays of charged and neutral
pions from a pulsar surrounded by supernova ejecta in our galaxy, including an effect that has not been taken
into consideration, that is, interactions between high energy cosmic rays themselves in the nebula flow, assuming
that hadronic components are the energetically dominant species in the pulsar wind. Bulk flow is assumed to be
randomized by passing through the termination shock and energy distribution functions of protons and electrons
behind the termination shock are assumed to obey the relativistic Maxwellians. We have found that fluxes of
neutrinos and gamma-rays depend very sensitively on the wind luminosity, which is assumed to be comparable
to the spin-down luminosity. In the case where B = 1012G and P = 1ms, neutrinos should be detected by
km3 high-energy neutrino detectors such as AMANDA and IceCube. Also, gamma-rays should be detected by
Cherenkov telescopes such as CANGAROO and H.E.S.S. as well as by gamma-ray satellites such as GLAST.
On the other hand, in the case where B = 1012G and P = 5ms, fluxes of neutrinos and gamma-rays will be too
low to be detected even by the next-generation detectors.

1. Introduction

It has been about 35 years since Goldreich and Ju-
lian (1969) pointed out that a rotating magnetic neu-
tron star generates huge electric potential differences
between different parts of its surface and, as a result,
should be surrounded with charged plasma, which is
called a magnetosphere. Gunn and Ostriker (1969)
also pointed out the possibility that a rotating mag-
netic neutron star may be a source of high energy cos-
mic rays. Such high energy cosmic rays are considered
to be driven along magnetic field lines since these lines
do not cross. Also, since part of the magnetic fields
around the neutron star passes through the light cylin-
der, which means such magnetic fields are open, accel-
erated charged particles are driven to outside of the
light cylinder, which are called as pulsar winds. The
pulsar winds are usually considered to be composed
of electron-positron pairs since electron-positron pairs
will be created so as to eliminate electric fields that
are parallel to magnetic fields at a region where net
charge density is not equal to the Goldreich-Julian
density. However, it is also pointed out that hadronic
component may exist in pulsar winds as a consequence
of the net charge neutrality in the outflow. Moreover,
it is pointed out that hadronic components may be
the energetically dominant species although they are
dominated by electron-positron pairs in number. This
is because inertial masses of hadrons are much larger
than that of electron.

Based on the assumption that hadronic components
are not negligible in pulsar winds, some scenarios
are proposed to produce high energy neutrinos and
gamma-rays from decays of charged and neutral pions
that are produced by interactions between hadronic,
accelerated high energy cosmic rays and surrounding
photon fields and/or matter. Atoyan and Aharonian

(1996) estimated flux of gamma-rays and discussed its
contribution on the observed spectrum of the Crab
nebula, although they concluded that its contribu-
tion may be important only at energies above 10 TeV.
Bednarek and Protheroe (1997) proposed that accel-
erated heavy nuclei can be photo-disintegrated in the
pulsar’s outer gap, injecting energetic neutrons which
decay into protons. The protons from neutron decay
inside the supernova ejecta should accumulate, pro-
ducing neutrinos and gamma-rays in collisions with
the matter in the supernova ejecta. There are some
papers based on this scenario and flux of neutrinos
and/or gamma-rays is estimated. Beal and Bednarek
(2002) proposed that accelerated cosmic rays will in-
teract with the photon fields inside the supernova rem-
nant at the very early phase (within ∼1 yr) of a su-
pernova explosion. Bednarek (2001) calculated the
extragalactic neutrino background based on this sce-
nario.

In this study, we estimate fluxes of neutrinos and
gamma-rays including an effect that has not been
taken into consideration, that is, interactions between
high energy cosmic rays themselves. This picture is
based on the works given by Rees and Gunn (1974)
and Kennel and Coroniti (1984). Rees and Gunn
(1974) pointed out that the supersonic pulsar wind
would terminate in a standing reverse shock located
at a distance rs from the pulsar. Beyond the ter-
mination shock, the highly relativistic, supersonic
flow is randomized and bulk speed becomes subsonic,
obeying the Rankine-Hugoniot relations. According
to Hoshino et al. (1992), who studied the theo-
retical properties of relativistic, transverse, magne-
tosonic collisionless shock waves in electron-positron-
heavy ion plasmas, proton distribution functions in
the down stream are found to be almost exactly de-
scribed by relativistic Maxwellians with temperatures
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Tp,2/γ1mpc
2 ∼ 0.34, where Tp,2 is temperature at

the down stream, γ1 is the bulk Lorenz factor of
protons in the up stream. It is noted that protons
are not thermalized through the interactions with
protons themselves, and/or electrons but just obeys
the Maxwellian distribution through transferring cy-
clotron waves. This subsonic flow speed would be,
by communicating with the nebula boundary at rN
via sound waves, adjusted to match the expansion
speed of the supernova remnant (that is, supernova
ejecta) at the innermost region. This subsonic flow
is called as nebula flow in the study of Kennel and
Coroniti (1984). We also adopt this definition in this
study. In this study, we calculate flux of neutrinos
and gamma-rays from charged and neutral pion de-
cays in the nebula flow which are produced through
the interactions between high energy protons them-
selves, assuming that energy distribution functions of
protons obey the relativistic Maxwellians.

In this study, as the previous works, we assume
that protons are energetically dominant in the pul-
sar winds. Thus, we describe the nebula flow us-
ing the proton mass as a unit of mass. We estimate
pion production rates due to the interactions between
high energy protons using proper Lorenz transforma-
tions. As for the cross sections between protons, scal-
ing model is adopted. Isobar model is not included in
this study since we consider production rates of high
energy pions. Calculating the spectrum of neutrinos
and gamma-rays in the termination shock rest frame,
we estimate these fluxes at the earth assuming that
the pulsar is located at 10 kpc away from the earth.

2. Method of Calculation

2.1. Nebular Flow

As stated in section 1, we adopt the model presented
by Kennel and Coroniti (1984), assuming that protons
are energetically dominant. In their model, the pul-
sar’s spin down luminosity L just ahead of the shock
is divided between particle and magnetic luminosity
as follows:

L = 4πnγr2smpc
3(1 + σ), (1)

where n is the proper density of proton, u is the radial
four speed of the flow, γ2 = 1 + u2, rs is the radial
distance of the shock from the pulsar, mp is the proton
mass, c is the speed of light, sigma is the ratio of
the magnetic plus electric energy flux to the particle
energy flux,

σ =
B2

4πnuγmpc2
, (2)

and B is the observer frame magnetic field. The max-
imum energy of the protons just ahead of the shock

is estimated by the potential difference between the
equatorial plane and pole of the rotating neutron star.

mpc
2γmax = 3 × 1012R6B12/P

2 eV, (3)

where R6 is the radius of the neutron star in 106 cm,
B12 is the amplitude of the magnetic field at pole of
the neutron star, and P is the period of rotation of the
pulsar in second. We adopt γmax for the bulk velocity
of the pulsar wind in the upstream.

The upstream flow is connected to the downstream
via the Rankine-Hugoniot relations for perpendicu-
lar shock. As for the downstream flow, the steady
state equation of motion is adopted. Position of the
termination shock is determined so as to achieve the
pressure balance between the supernova remnant and
downstream of the pulsar wind at the inner-edge of
the supernova remnant. We estimate the pressure in
the supernova remnant by assuming that the ratio of
the thermal energy relative to the kinetic energy is
about 0.02 in the supernova remnant. Total explosion
energy of a supernova is taken to be 1051 erg. The
velocity of the inner-edge of the supernova remnant is
set to be 2000 km s−1. As for the distribution of the
protons in the downstream, the Maxwellian with the
temperature that gives the required pressure at each
position is adopted.

2.2. Emissivity of High Energy
Gamma-rays and Neutrinos

Next, we calculate the emissivity of high-energy
gamma-rays and neutrinos using the formulation as
follows:

F (Eπ) = 2πc
∫
R2dR

∫ γ

1

dγ1

∫ ∞

γ

γ2

∫ 1

−1

d cos θ
dσ(γ1, γ2, cos θ)

dEπ
n(R, γ1)n(R, γ2)

×
√

( �β1 − �β2)2 − ( �β1 × �β2)2, (4)

where γ1, γ2 are the respective Lorenz factors of the
two protons, cos θ = �β1 · �β2/

∣∣∣ �β1

∣∣∣ ∣∣∣ �β2

∣∣∣, R is the radius
with respect to the neutron star, n(R, γ) is the differ-
ential number density of protons at position R, and
dσ(γ1, γ2, cos θ)/dEπ is the differential cross section of
proton-proton interaction.

The energy spectrum of gamma-rays produced
through the decays of neutral pions in the fluid-rest
frame is obtained as

F (Eγ) = 2
∫ ∞

Eπ,min

dEπ
F (Eπ)√
E2

π −m2
π

, (5)

where Eπ min is the minimum pion energy required
to produce a gamma-ray with energy Eγ . In the ob-
server’s frame, the energy spectrum of photons are
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Figure 1: Spectrum of energy fluxes of neutrinos from a
pulsar which is located 10 kpc away from the earth. The
amplitude of the magnetic field and period of the pulsar
is assumed to be 1012G and 1ms. The minimum
detectable energy flux of AMANDA-B10, AMANDA II
(1yr), and IceCube is represented by horizontal lines. The
atmospheric neutrino energy fluxes for a circular patch of
1◦ are also shown. The age of the pulsar is set to be 1yr.

expressed as

F ′(E′
γ)

dΩ′ =
∑
∆V

F (Eγ)
Γ2(1 − β cos θ′)

1
4π
, (6)

where Γ is the bulk Lorenz factor of the fluid ele-
ment at each position in the observer’s frame, θ′ is
the angle between the line of sight and direction of
the flow, and ∆V is the volume of the each fluid ele-
ment. The dashes(′) represent the quantum for the
observer’s frame. The flux of neutrinos and pions
can be obtained as a result of pion decays. although
µ± → e± + νe(ν̄e) + ν̄µ(νµ) is a 3-body process and
slightly complicated. As for the differential cross sec-
tion of pion production, we adopted the formulation
presented by Badhwar et al. (1977).

3. Results

In figures 1 and 2, we show spectrum of energy
fluxes of neutrinos from a pulsar which is located
10kpc away from the earth. The amplitude of the
magnetic field and period of the pulsar is assumed to
be 1012G and 1ms. The detection limits of the en-
ergy flux for AMANDA-B10, AMANDA II (1yr), and
IceCube are represented by horizontal lines. The at-
mospheric neutrino energy fluxes for a circular patch
of 1◦ are also shown. Figure 1 represents the case that
the age of the pulsar is 1yr, while Figure 2 represents
the case that the age is 102yr. From this figure, we
can find that there is a possibility to detect the signals
of neutrinos from pulsar winds in our galaxy.
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Figure 2: Same with Fig.1, but the age of the pulsar is
set to be 102yr.
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Figure 3: Same with Fig.1, but the age of the period of
the pulsar is set to be 5ms.

For comparison, in figures 3 and 4, we show the
spectrum of energy fluxes of neutrinos from a pulsar
of which the amplitude of the magnetic field and pe-
riod are assumed to be 1012G and 5ms. Location of
the pulsar is assumed to be 10 kpc away from the
earth. Figure 3 represents the case that the age of the
pulsar is 10yr, while Figure 4 represents the case that
the age is 103yr. In these cases, the fluxes of neutri-
nos are much lower than the atmospheric neutrinos
and detection limits of km3 high-energy neutrino de-
tectors. We can conclude that the detectability of the
signals from the pulsar winds strongly depends on the
period of the pulsar, which reflects the luminosity of
the pulsar winds.

In figures 5 and 6, integrated gamma-ray fluxes from
the neutral pion decays are shown assuming that the
supernova ejecta has been optically thin for gamma-
rays. The amplitude of the magnetic field and period
of the pulsar are assumed to be 1012G and 1ms. Fig-
ure 3 represents the case that the age of the pulsar is
1yr, while Figure 4 shows the case that the age of the
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Figure 4: Same with Fig.2, but the age of the period of
the pulsar is set to be 5ms.
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Figure 5: Integrated gamma-ray fluxes from the neutral
pion decays are shown. The amplitude of the magnetic
field and period of the pulsar are assumed to be 1012G
and 1ms. The age of the pulsar is set to be 1yr. The
minimum detectable integrated fluxes of GLAST,
STACEE, CELESTE, HEGRA, CANGAROO, MAGIC,
VERITAS, and H.E.S.S. are also shown.

pulsar is 102 yr. The detection limits of integrated
fluxes for GLAST, STACEE, CELESTE, HEGRA,
CANGAROO, MAGIC, VERITAS, and H.E.S.S. are
also shown. From these figures, we can find that there
is a possibility to detect gamma-rays from decays of
neutral pions by these telescopes.

On the other hand, we show the same figures in
figures 7 and 8, but for the case that the period of the
pulsar is 5ms. Figure 7 represents the case that the
age of the pulsar is 10yr, while Figure 8 shows the case
that the age of the pulsar is 103 yr. In these cases,
the flux of gamma-rays is too low to detect.
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Figure 6: Same with Fig.5, but the age of the pulsar is
set to be 102 yr.
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Figure 7: Same with Fig.5, but the period of the pulsar is
set to be 5ms and the age of the pulsar is set to be 10yr.

4. Summary and Conclusion

In this study, we have estimated fluxes of neutrinos
and gamma-rays that are generated from decays of
charged and neutral pions from a pulsar surrounded
by supernova ejecta in our galaxy, including an ef-
fect that has not been taken into consideration, that
is, interactions between high energy cosmic rays them-
selves in the nebula flow, assuming that hadronic com-
ponents be the energetically dominant species in the
pulsar wind. Bulk flow is assumed to be random-
ized by passing through the termination shock and
energy distribution functions of protons and electrons
behind the termination shock obey the relativistic
Maxwellians.

We have found that fluxes of neutrinos and gamma-
rays depend very sensitively on the wind luminosity,
which is assumed to be comparable with the spin-
down luminosity. In the case where B = 1012G
and P = 1ms, neutrinos should be detected by km3

high-energy neutrino detectors such as AMANDA
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Figure 8: Same with Fig.7, but the age of the pulsar is
set to be 103yr.

and IceCube. Also, gamma-rays should be detected
by Cherenkov telescopes such as CANGAROO and
H.E.S.S. as well as by gamma-ray satellites such as
GLAST. On the other hand, in the case where B =
1012G and P = 5ms, fluxes of neutrinos will be too low
to be detected even by the next-generation detectors.

We have found that interactions between high en-
ergy cosmic rays themselves are so effective that this
effect can be confirmed by future observations. Thus,
we conclude that it is worth while investigating this
effect further in the near future.
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Partic le Acceleration Timescales in Relativistic Shear Flows
Frank M. Rieger and Peter Duffy
Department of Mathematical Physics, University College Dublin, Belfield, Dublin 4, Ireland.

We review the acceleration of energetic particles in relativistic astrophysical jets characterized by a significant
velocity shear. The possible formation of power-law momentum spectra is discussed and typical acceleration
timescales are determined for a variety of different conditions such as parallel and azimuthal shear flows. Special
attendance is given to the analysis of parallel shear flows with either a linear decreasing or a Gaussian-type
velocity profile. It is shown that in the presence of a gradual shear flow and a particle mean free path scaling
with the gyroradius, synchrotron radiation losses may no longer be able to stop the acceleration once it has
started to work efficiently. Finally, the relevance of shear acceleration in small- and large-scale relativistic jets
is addressed.

1. INTRODUCTION

Relativistic jet outflows are observed across a wide
range of astrophysical scales, from galactic micro-
quasars to GRBs and radio-loud AGNs [2, 16, 31].
The fact that velocity gradients are a generic feature
of environments producing jets suggests that many
(if not all) of these outflows may possess a signifi-
cant internal velocity shear. Today, the phenomeno-
logical evidence for internal jet stratification is indeed
mounting and comprises evidence for universal struc-
tured jets in GRBs [12, 24], internal jet rotation in
AGNs [21, 22], and a multi-component jet structure
consisting (at least) of a fast moving inner spine and
a slower shear layer as indicated, for example, by the
detailed analysis of the brightness and polarization
systematics in kpc FR I jets [14, 15] or the inten-
sity and polarization maps of pc-scale FR I + II jets
[4, 20, 26]. It seems likely that in the presence of such
a velocity shear efficient acceleration of particles to
high energy may occur, provided particles are scat-
tered across the shear by magnetic inhomogeneities
carried within the flow [22, 23]. The theory of shear
acceleration deals with those cases where the impact
of the systematic velocity components of the scatter-
ing centers becomes dominant over their random mo-
tion components known as the source of second-order
Fermi acceleration effects.
Substantial theoretical contributions in the field of
shear acceleration have been given by several au-
thors (cf. [22] for a review): Berezhko & Krym-
skii (1981), for example, showed that (non-relativistic
gradual) shear acceleration can lead to power law par-
ticle momentum distributions resembling those of the
classical Fermi theory, whereas Earl, Jokipii & Mor-
fill (1988) derived the corresponding diffusive particle
transport equation in the diffusion approximation in-
cluding shear and inertial effects. The generalisation
of the work by Earl et al. to the relativistic regime
was achieved by Webb [28–30] using a mixed-frame
approach and applied by Rieger & Mannheim (2002)
to rotating and shearing jets in AGNs. Particle ac-
celeration in non-gradual relativistic shear flows (i.e.,

in the presence of a relativistic velocity jump), on the
other hand, has been analysed by Ostrowski [17–19]
using Monte Carlo methods, showing that very flat
momentum spectra may occur.

2. MICROSCOPIC PICTURE

Shear acceleration draws on a simple mechanism
which seems to be applicable to a wide range of astro-
physical flows such as accretion flows and structured
jets in GRBs and AGNs (cf. also [10]). According to
the underlying physical picture particles gain energy
by scattering off (small-scale) magnetic field irregu-
larities with different local velocities due to being sys-
tematically embedded in a collisionless velocity shear
flow. The scattering process is assumed to occur in
such a way that the particles are randomized in direc-
tion, with their energies being conserved in the local
commoving fluid frame. In the presence of a velocity
shear, the momentum of a particle travelling across
the shear will change with respect to the local scatter-
ing frame so that for an isotropic particle distribution
a net increase may occur [9]. For illustration consider
a continuous, non-relativistic shear flow with velocity
field given by

~u = uz(x)~ez . (1)

Let ~v = (vx, vy, vz) be the velocity vector, m the rela-
tivistic mass and ~p1 the initial momentum (relative to
local flow frame) of the particle. Within one scattering
time τ (initially assumed to be independent of momen-
tum) the particle travels a distance δx = vx τ across
the shear, so that in the presence of a gradual shear
the flow velocity will have changed by δ~u = δu ~ez, with
δu = (∂uz/∂x) δx. Hence the particle’s momentum
relative to the flow becomes ~p2 = ~p1 + m δ~u (Galilean
transformation), i.e.

p2
2 = p2

1 + 2 m δu p1,z + m2 (δu)2 . (2)

As the next scattering event preserves the magni-
tude of the particle momentum (in the local scatter-
ing frame) the particle magnitude will have this value
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in the local flow frame. Using spherical coordinates
and averaging over solid angle assuming an almost
isotropic particle distribution, the resultant average
rate of momentum change and the average rate of mo-
mentum dispersion scale with the square of the flow
velocity gradient [9, 23], i.e.,

〈

∆p

∆t

〉

∝ p

(

∂uz

∂x

)2

τ , (3)

〈

∆p2

∆t

〉

∝ p2

(

∂uz

∂x

)2

τ . (4)

Generalizing these results to a momentum-dependent
scattering time obeying a power law of the form
τ ∝ pα, we may write down a simple Fokker-Planck
transport equation for the phase space particle dis-
tribution function f(p), assuming a mono-energetic
injection of particles with momentum p0. Solving for
the steady-state with α > 0 one obtains (see [23])

f(p) ∝ p− (3+α) H(p − p0) , (5)

where H(p) is the Heaviside step function. Hence
for a mean scattering time scaling with the gyro-
radius (Bohm case), i.e. τ ∝ pα, α = 1, one obtains
f(p) ∝ p−4 , i.e., a power law particle number density
n(p) ∝ p−2 which translates into a synchrotron emis-
sivity jν ∝ ν−1/2. For a Kolmogorov-type (α = 1/3)
or Kraichnan-type (α = 1/2) scaling, on the other
hand, much flatter spectra may be obtained, i.e.,
the synchrotron emissivity becomes jν ∝ ν−1/6 and
jν ∝ ν−1/4, respectively.

3. ACCELERATION TIMESCALES

The efficiency of shear acceleration can be studied
by determining the acceleration timescales for typical
shear flow velocity profiles. In the present context we
will concentrate on well-collimated (cylindrical) rel-
ativistic AGN jets, leaving a detailed analysis of ex-
panding relativistic jet flows to the near future (Rieger
& Duffy, in preparation). In general, at least three dif-
ferent shear scenarios may be distinguished by means
of observational and theoretical arguments [22]:

3.1. Gradual shear flo w along the jet axis

As noted in the introduction, there is growing ev-
idence today for an internal velocity structure paral-
lel to the jet axis, with the simplest scenario consist-
ing of a fast moving inner spine and a slower moving
boundary layer. In addition, Laing et al. (1999) have
shown that the intensity and polarization systemat-
ics in kpc-scale FR I jets are suggestive of a radially
(continuously) decreasing velocity profile vz(r). In or-
der to estimate the particle acceleration efficiency in a

longitudinal gradual shear flow, the following applica-
tions seem thus to be particularly interesting (see also
Fig. 1): (i) a shear flow with velocity profile decreasing
linearly from relativistic speed uz,max to uz,min over a
characteristic length scale ∆r = (r2 − r1), and (ii) a
Gaussian-type velocity profile with core radius rc.

3.1.1. Linearly decreasing velocity profile

It can be shown (see Rieger & Duffy 2004) that for
a linearly decreasing velocity profile the shear accel-
eration timescale becomes

tacc(r) '
3

λ

(∆r)2

γb(r)2 [1 + γb(r)2 uz(r)2/c2]

c

(∆uz)2

(6)

where λ(γ′) is the mean free path for a particle with
commoving Lorentz factor γ′, ∆uz ≡ (uz,max −uz,min)

and γb(r) = 1/(1 − uz(r)2/c2)1/2 is the local bulk
flow Lorentz factor. For nonrelativistic uz,min and
γb(r1) larger than a few, the minimum acceleration
timescales is thus of order

tacc(r1) '
3 (∆r)2

γb(r1)4 λ c
. (7)

Note, however, that if uz,min is still relativistic with
uz,min ∼ 0.7 uz,max as suggested, for example, in
the case of FR I jets [14], the minimum accelera-
tion timescale might easily be an order of magnitude
larger. The evolution of the acceleration timescale
as a function of r is shown in Fig. 2. The accelera-
tion timescale increases significantly (up to a factor
∼ 2 · 103 for the application in Fig. 2a) while going
outwards with r due to the decrease in flow velocity,
suggesting that the higher energy emission will be lo-
cated closer to r1.

Any particle acceleration process will have to com-
pete at least with radiative energy losses. If one re-
quires efficient shear acceleration, this thus translates
into an upper limit for the allowed width ∆r of the
transition layer. In the case of synchrotron radia-
tion, for example, the cooling timescale is given by
tcool ∝ m3 γ′−1 B−2, with m the rest mass of the par-
ticle. For a gyro-dependent particle mean free path,
i.e., λ ∼ rg(γ′), the condition tacc(r1) < tcool thus
implies an upper limit

∆r <
∼ (c4/e5/2) γb(r1)2 m2 B−3/2 . (8)

For typical pc-scale parameters, i.e., magnetic field
strength of B ∼ 0.01 Gauss and γb(r1) ∼ 10, one
thus requires a width ∆re < 0.003 pc and ∆rp <
(mp/me)2 ∆re (improving the estimate in [22]) for ef-
ficient electron and proton acceleration, respectively.
While efficient acceleration of protons is thus very
likely, efficient acceleration of electrons on the pc-scale
and below appears quite restricted, i.e., only possible
if the transition layer is relatively thin. Note, however,
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Figure 1: Schematic illustration of a linearly decreasing and a Gaussian-type velocity profile for a shear flow parallel to
the jet axis, with uz,max up to an inner radius r1 and uz,min at r2, and rc = r1 for the Gaussian profile.
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Figure 2: The acceleration timescales for a gradual, parallel shear flow with linear decreasing velocity profile as a
function of the radial coordinate. Left: Shear flow with bulk Lorentz factors γb(r1) = 5 and 7, respectively, r2 = 50 r1

and uz(r2) = 0.05 uz(r1). The minimum acceleration timescale is defined by tacc(min) = tacc(r1) Right: Shear flow with
conditions more appropriate for FR I jets, i.e., bulk Lorentz factors γb(r1) = 2 and 4, respectively, r2 = 2 r1 and
uz(r2) = 0.7 uz(r1).

that for powerful large-scale relativistic jets (such as
the one in 3C 273) with typical parameters γb(r1) ∼ 5
and B ∼ 10−5 G, only ∆re < 30 pc would be re-
quired, suggesting that efficient electron acceleration
may be more likelier in large-scale relativistic jets.
Note also, that for λ scaling with the gyro-radius,
tacc ∝ tcool ∝ 1/γ′, so that radiation losses are no
longer able to stop the acceleration process once it
has started to operate efficiently.

3.1.2. Gaussian velocity profile

Consider for comparison a Gaussian-type velocity
profile, which for r ≥ r1 decreases as

uz(r) = uz,min + (∆uz) exp
[

−(r − r1)2/(2 r2
c )

]

, (9)

i.e., asymptotically approaches uz,min, where rc is the
core radius and ∆uz the velocity difference as defined

above. The acceleration timescale then becomes, cf.
Rieger & Duffy (2004),

tacc(r) =
t0 exp[(r − r1)2/r2

c ]

(r/rc − r1/rc)2 γb(r)2 [1 + γb(r)2 uz(r)2/c2]

(10)

with t0 = 3 c r2
c/[λ (∆uz)2] and r > r1. The minimum

of the acceleration timescale is then no longer located
at r1, but still close-by. The evolution of the accelera-
tion timescale as a function of the radial coordinate r
is shown on the left hand side of Fig. 3. The acceler-
ation timescale now first decreases up to a minimum
before eventually increasing again significantly due to
the diminishing velocity shear. An example, compar-
ing the acceleration timescale for a Gaussian with the
one for a linear-decreasing velocity profile, is shown
on the right hand side of Fig. 3, illustrating the range
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Figure 3: Left: The acceleration timescales for a longitudinal gradual shear flow with a Gaussian-type velocity profile
as a function of the radial coordinate for γb(r1) = 5, and uz,min = 0.5 uz,max and uz,min = 0.05 uz,max, respectively,
rc = r1 and r ≤ 4 r1. Right: The ratio of the acceleration timescale tG

acc for a Gaussian profile versus the acceleration
timescale tld

acc for a linear decreasing profile, shown using γb(r1) = 5, rc = r1, r2 = 4 r1, and uz,min = 0.5 uz,max.

over which a Gaussian is slightly preferable. Note,
however, that for the chosen parameters the minimum
Gaussian acceleration timescale is still higher by a fac-
tor of a few than the minimum acceleration timescale
for the linear decreasing profile.

3.2. Non-gradual shear flo w along the jet
axis

Suppose a particle becomes so energetic that its
mean free path λ exceeds the width ∆r of the velocity
transition layer. The particle may then be regarded as
essentially experiencing a non-gradual velocity shear,
i.e., a discontinuous jump in the flow velocity. It has
been pointed out by Ostrowski [17, 18] that the jet side
boundary in powerful AGN jets may naturally repre-
sent a relativistic example where efficient non-gradual
shear acceleration may occur. The minimum accel-
eration timescale (measured in the ambient medium
rest frame) can be estimated using Monte-Carlo sim-
ulations [17, 18] and appears to be comparable to the
minimum timescale of nonrelativistic shock accelera-
tion in the Bohm limit (λ ∼ rg), i.e.,

tacc ∼ 10
rg

c
provided rg > ∆r , (11)

where rg denotes the particle gyro-radius. Balanc-
ing the acceleration timescale with the synchrotron
cooling timescale then translates into an upper limit
for the maximum attainable particle Lorentz factor of
γ < 4 · 107 (m/me) B−1/2. Efficient acceleration thus
requires

∆r < 2 · 10−8

(

m

me

)2

B−3/2 pc . (12)

Hence, for a pc-scale magnetic field strength of B ∼
0.01 G, a width of ∆re < 2 · 10−5 pc and ∆rp <

(mp/me)2 ∆re would be needed in order to allow for
electron and proton acceleration, respectively. Effi-
cient electron acceleration on the pc-scale thus ap-
pears unlikely, while efficient acceleration of protons
could be well possible as long as the particle mean
free path remains smaller than the width of the jet.
Note that for the large-scale case with B ∼ 10−5 G

one would still need ∆re
<
∼ 0.6 pc, suggesting that

electrons are also not accelerated efficiently on kpc-
scales.

3.3. Gradual transver sal shear flo w

While the formation of relativistic jets generally
seems to be connected to the presence of an accretion
disk, a central black hole is not necessarily required
[5]. If jets indeed originate as collimated disk winds,
however, a significant amount of rotational energy of
the disk may be channeled into the jet leading to a flow
velocity field which is characterized by an additional
rotational component (cf. [21, 22] for more details). In
order to evaluate the acceleration potential associated
with such a shear flow, we have recently analyzed the
transport of energetic particles in rotating relativistic
jets [21]. Based on an analytical (mixed-frame) ap-
proach, and starting with the relativistic Boltzmann
equation and a (BKG) relaxation scattering term, we
have studied the acceleration of particles in a cylin-
drical jet model with relativistic outflow velocity uz

and different azimuthal rotation profiles. It turned
out, for example, that in the case of a simple (non-
relativistic) azimuthal Keplerian profile, where shear
effects dominate over centrifugal effects, local power
law distributions f(p) ∝ p−(3+α) are generated for
τ ∝ pα, α > 0, whereas for more complex rotational
profiles (e.g., flat rotation, where centrifugal effects
become relevant) steeper spectra may be produced.
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In order to gain insights into the acceleration effi-
ciency, we may consider a flow velocity field with con-
stant relativistic uz and azimuthal Keplerian rotation
profile of the form Ω(r) = Ωk (rin/r)3/2, where Ωk is a
constant. The acceleration timescale is then of order
(see [22])

tacc(r) '
c

λ

1

γb(r)4 (1 − u2
z/c2) Ω2

k

(

r

rin

)3

, (13)

assuming the flow to be radially confined to a re-
gion rin ≤ r ≤ rj , where rj is the jet radius and

γb(r) = 1/[1−Ω(r)2 r2/c2 −u2
z/c2]1/2 is the local flow

Lorentz factor. According to Eq. (13) efficient particle
acceleration generally requires a region with signifi-
cant rotation. As the acceleration timescale increases
considerably with r, the higher energy emission will
generally be concentrated closer to the axis (i.e., to-
wards smaller radii). A comparison of acceleration
and cooling timescales indicates that efficient electron
acceleration on the pc-scale is only possible close to
rin, whereas proton acceleration is not subject to such
a restriction. Note again that for λ ∝ γ, the ratio
of acceleration timescale to cooling timescale is inde-
pendent of γ, suggesting that losses are no longer able
to stop the acceleration process once it has started to
operate efficiently.

4. CONCLUSIONS

There is growing evidence today that astrophysical
jets may indeed be characterized by a significant shear
within their flow velocity field. Internal jet rotation,
for example, is likely to be present at least in the initial
parts of the flow. On the other hand, a significant
and continual velocity shear parallel to the jet axis,
is expected for most powerful jet sources. Applying
the results derived above thus suggests the following
conclusions:

• Gradual shear acceleration of electron occur-
ring in small-scale relativistic jets may natu-
rally account for a steady second population
of synchrotron-emitting particles, contributing
to the observed emission in addition to shock-
accelerated [11] ones. Depending on the level of
turbulence (i.e., the momentum index α for the
mean scattering time) shear-accelerated elec-
trons may lead to very flat synchrotron emission
spectra. On the other hand, if the Alfven veloc-
ity is very high, the radio and optical emission
properties of large-scale relativistic jets, such as
the one in 3C 273 [7, 8], may be dominated by
synchrotron emission from relativistic electrons
accelerated via second-order Fermi processes (cf.
[25]). The concrete details, however, will depend
on the energy scale at which shear acceleration
takes over [22].

• Gradual and non-gradual shear acceleration pro-
cesses usually work very well for protons, which
indicates that it may be possible to accelerate
cosmic-rays to ultra-high energies along power-
ful relativistic jets, cf. also [18, 19].

• Shear acceleration may generally represent an
efficient way of dissipating a considerable part
of the kinetic energy of the jet, thus possibly ac-
counting for the substantial deceleration of jets
in lower-power radio sources (e.g., [27]).

• If a jet and its shear layer decelerates and ex-
pands significantly with distance as expected,
for example, in FR I sources, the minimum shear
acceleration timescale will increase as well, sug-
gesting the existence of a distance scale above
which shear acceleration of electrons may no
longer overcome the energy losses.

• Compared with a simple homogeneous jet
model, the emission properties of astrophysical
shear flows may be much more complex, e.g.,
the inverse Compton emission can be strongly
boosted as each jet part will see an enhanced
radiation field from the other parts, cf. [6].
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The Soft Gamma-ray Detector (SGD) on board NeXT (Japanese future high energy astrophysics mission) is
a Compton telescope with narrow field of view, which utilizes Compton kinematics to enhance its background
rejection capabilities. It is realized as a hybrid semiconductor gamma-ray detector which consists of silicon and
Cadmium Telluride (CdTe) detectors. It can detect photons in an energy band 0.05–1 MeV at a background level
of 5×10−7 counts/s/cm2/keV; the silicon layers are required to improve the performance at a lower energy band
(<0.3 MeV). Excellent energy resolution is the key feature of the SGD to achieve both high angular resolution
and good background rejection capability. Its ability to measure gamma-ray polarization opens up a new window
to study gamma-ray emission in the universe. We will present the development of key technologies to realize
the SGD; high quality CdTe, low noise front-end VLSI and bump bonding technology. Energy resolutions of
1.7 keV (FWHM) for CdTe pixel detectors and 1.1 keV for silicon strip detectors have been measured. We also
present the validation of Monte Carlo simulation used to evaluate the performance of the SGD.

1. Introduction

The hard X-ray and gamma-ray bands have long
been recognized as important windows for exploring
the energetic universe. It is in these energy bands that
non-thermal emission, primarily due to accelerated
high energy particles, becomes dominant. However,
by comparison with the soft X-ray band, where the
spectacular data from the XMM-Newton and Chan-
dra satellites are revolutionizing our understanding
of the high-energy Universe, the sensitivities of hard
X-ray missions flown so far, or currently under con-
struction, have not dramatically improved over the
last decade. Clearly, the scope of discovery expected
with much improved sensitivity for both point and ex-
tended sources is enormous.

Recently, a new semiconductor detector based on
Cadmium Telluride (CdTe) emerged as a promising
detector technology for detection of MeV gamma-
rays [1, 2]. Taking advantage of significant progress
in CdTe technologies, we are developing a new gener-
ation of Compton telescopes, the SGD (Soft Gamma-
ray Detector) [3] to be deployed onboard the NeXT
(New X-ray Telescope) mission [4] proposed at ISAS
(Institute of Space and Astronautical Science) as a
successor of the Astro-E2.

The NeXT/SGD is a hybrid semiconductor gamma-

ray instrument which consists of silicon and CdTe sen-
sors to detect photons in a wide energy band (0.05–
1 MeV); the silicon layers are required to improve
the performance at a lower energy band (<0.3 MeV).
The silicon layers also improve the angular resolu-
tion because of smaller effect of the finite momen-
tum of the Compton-scattering electrons (Doppler
broadening) than CdTe. The SGD is a narrow FOV
(field-of-view) instrument which utilizes a Compton
kinematics telescope to enhance its background re-
jection capabilities to achieve very low background
(5× 10−7 counts/s/cm2/keV) [1]. Figure 1 (a) shows
expected SGD sensitivities for continuum emission
from point source, assuming an observation time of
100 ks and comparison with other instruments [3]. It
is evident that the SGD presents great improvement
in the soft gamma-ray band. The Compton kinemat-
ics rely on the excellent energy resolution afforded by
the detector material in the SGD module. This res-
olution (better than 1.5 keV @ 60 keV) allows the
instrument to achieve both high angular resolution
and good background rejection capability. As a nat-
ural consequence of the Compton approach used to
decrease backgrounds, the SGD module is quite sen-
sitive to X/γ-ray polarization, thereby opening up a
new window to study particle acceleration and radia-
tion mechanism in astronomical objects.
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Figure 1: (a) Expected SGD sensitivities for continuum emissions from point source, assuming an observation time of
100 ks and comparison with other instruments. (b) Conceptual drawing of a SGD detector unit. (c) Conceptual
drawing of the SGD instrument.

2. Instrument Description

The NeXT/SGD is a Compton telescope with nar-
row FOV, which provides a constraint on Compton
kinematics to enhance its background rejection capa-
bilities. The hybrid design of this module, illustrated
in Figure 1 (b), incorporates both silicon strips (to en-
hance response below ∼300 keV) and pixelated CdTe
detectors. The Compton telescope consists of 24 lay-
ers of DSSDs (double-sided silicon strip detectors) and
2 layers of thin (0.5 mm) CdTe pixelated detectors
surrounded by 5 mm thick CdTe pixelated detectors.
This arrangement is originated from a Si strip based
Compton telescope proposed by T. Kamae et al. [5].
The DSSD strip pitch is chosen to be 0.4 mm to opti-
mize the noise performance and power consumption.
The DSSD thickness is 0.5 mm mainly to avoid the
high depletion voltage while retaining moderate inter-
action probability. The pixel size of the CdTe detec-
tors is 2×2 mm2 to optimize the angular resolution of
the Compton kinematics and the number of channels
required. Thin CdTe detectors are placed underneath
the DSSD layer to reduce the effect of the backgrounds
as described in section 3. The size of DSSDs and thin
CdTe detectors is approximately 5× 5 cm2.

A copper collimator restricts the field of view of the
telescope to 0.5◦ for low energy photons (<100 keV),
which is essential to minimize the CXB (cosmic X-ray
backgrounds). A BGO (Bi4Ge3O12) active collimator
defines the FOV to 4◦ for high energy photons. A
BGO bottom shield unit detects escaped photons and
cosmic rays. Scintillation light from BGO crystals is
detected by avalanche photo-diodes (APDs) allowing
a compact design and low energy threshold compared
with phototubes. The combination of a Compton tele-
scope, BGO active collimator, a fine passive collimator
constructed of copper and a BGO bottom shield forms
a detector module that can detect photons in a wide
energy band (0.05–1 MeV) at a background level of
5× 10−7 counts/s/cm2/keV. These modules are then
arrayed to provide the required area. Figure 1 (c)
shows a conceptual drawing of the SGD instrument,
which consists of a 5 × 5 array of identical detector

modules surround by BGO shield units.
We require each SGD event to interact twice in the

stacked detector, once by Compton scattering in the
Si or thin CdTe part, and then by photo-absorption in
the CdTe part. Once the locations and energies of the
two interactions are measured as shown in Figure 1
(b), the Compton kinematics allows us to calculate
the angle between the telescope axis and the incident
direction of the event using the formula,

cos θ = 1 +
mec

2

E2 + E1
− mec

2

E2
, (1)

where θ is the polar angle of the Compton scatter-
ing, and E1 and E2 are the energy deposited in each
photon interaction. The direction of the incident pho-
ton can be confined to be on the surface of a cone
determined from θ and the two interaction positions.
The high energy resolution of the Si and CdTe devices
help reduce the width of these “Compton rings”. We
can determine the location of point sources as inter-
sections of multiple rings. The angular resolution is
limited to ∼8◦ at 100 keV due to the Doppler broad-
ening (assuming that the energy resolution is better
than 1.5 keV), which is comparable to the FOV of the
BGO collimators. Although the order of the events
can be uncertain, we can use the relation that the
energy deposition by Compton scattering is always
smaller than that of the photo absorption for ener-
gies below Eγ = 256 keV (Eγ = mec

2/2). This rela-
tion holds above this energy, if the scattering angle θ is
smaller than cos−1(1−mec

2/2Eγ). The major advan-
tage of employing the Compton kinematics, however,
is to reduce backgrounds. By having a narrow FOV,
and by requiring the Compton ring of a valid aper-
ture gamma-ray event to intersect with the FOV, we
can reject most of background events. This dramat-
ically reduces the background from radio-activation
of the detector materials, which is a dominant back-
ground source in the case of the Astro-E2 HXD (Hard
X-ray Detector) [6, 7]. Furthermore, we can elimi-
nate Compton rings produced by bright sources lo-
cated outside the FOV, which could produce signifi-
cant background in some circumstances. It is crucial
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to achieve low backgrounds since the photon sensitiv-
ity of the the HXD is limited by the backgrounds, not
the effective area.

3. Background Suppression

Dominant background sources in the hard X-ray
and soft gamma-ray bands are

• Source confusion and CXB (Cosmic X-ray Back-
ground)

• Cosmic rays and their secondary particles pro-
duced by the interactions with the satellite

• Internal background due to the contamination
of long-lived radio isotopes in the detector ma-
terial [7]

• Activation of the detector material due to the
interaction with cosmic rays.

The first source can be minimized by limiting the
FOV. The CXB is the dominant photon background
source for the energy band less than 100 keV. To ad-
dress this background term we implement a fine colli-
mator, constructed of 50 µm copper arranged to pro-
vide a 30 arc-minute field of view. The FOV in the
higher energy range is 4◦.

The backgrounds due to cosmic rays and secondary
particles can be suppressed by the active BGO colli-
mator and shield.

The radioisotope contamination will be a dominant
background source for the Astro-E2 HXD, which is the
predecessor of the SGD and utilizes a similar well-type
active shield configuration. The major contaminant
is from 152Gd in the GSO (Gd2SiO5) scintillator used
in the HXD. The semiconductor devices we propose
for use in the SGD are inherently free from any con-
tamination. We still need to be concerned about the
contamination in the BGO shields. Most of the back-
ground events emanating from the BGO shield are ab-
sorbed in the 5 mm thick CdTe detector and do not
produce hits in the DSSD and thin CdTe layers. The
self-background from the CdTe can be minimized by
limiting the volume of the CdTe detector illuminated
by the incident photons. Since the incident photons
with energies less than 80 keV are absorbed in the
thin CdTe layers, the activation background is sup-
pressed by a factor of ∼5 by requiring an interaction
in either DSSD or thin CdTe layers. Figure 2 shows
the speactra of the self-backgrounds for 0.5 mm thick
CdTe and 5 mm thick GSO. It clearly illustrates that
the continuum background is reduced by more than
an order of magnitude.

Further background suppression can be achieved by
using the Compton events. In fact, most backgrounds
can be rejected by simply requiring two hits (albeit
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Figure 2: Spectra for GSO and CdTe activation
backgrounds.

with an attendant reduction in the instrument effec-
tive area). Applying the Compton kinematics and re-
quiring consistency between the inferred incident pho-
ton direction and the FOV defined by the collimator
will virtually eliminate the backgrounds from the bot-
tom shield and CdTe detectors. The background from
the BGO and copper collimator cannot be eliminated,
but the source volume is small.

A background level of 5×10−7 counts/s/cm2/keV is
expected by employing these background suppression
techniques, which is 20–100 times better than that of
the HXD.

4. Expected Performance

The background level expected for the SGD is the
key feature to achieve the sensitivity required to meet
the science objectives of this project. In addition,
the effective area must be maximized to detect suf-
ficient number of photons for the observation of such
faint objects in a reasonable amount of time. Figure 3
(a) shows the effective area as a function of the inci-
dent energy estimated using an EGS4 simulation. The
solid curve represents the effective area with the ab-
sorption mode in which only total energy is measured
without Compton kinematic constraint. Incomplete
events are still suppressed by BGO anti-shield detec-
tors. The dotted curve indicates the effective area
with the Compton mode in which only events con-
sistent with one Compton scattering and one photo
absorption are accepted. The difference between the
absorption mode and the Compton mode is due to
zero-Compton scattering events in lower energy re-
gion (E < 100 keV) and multiple-Compton scattering
events in higher energy region (E > 100 keV). Includ-
ing multiple-Compton scattering events in the Comp-
ton mode can improve the effective area in the higher
energy region.

Figure 3 (b) shows the expected energy spectrum
for a 100 ks observation of 0.1–100 mCrab sources
with the Compton mode. A background level of
5 × 10−7 counts/s/cm2/keV is assumed. Figure 3
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Figure 3: (a) Effective area as a function of incident energy for the absorption mode (solid) and the Compton mode
(dotted). (b) Expected energy spectrum for a 100 ks observation of 0.1–100 mCrab sources with the Compton mode. A
background level of 5× 10−7 counts/s/cm2/keV is assumed. (c) Comparison of the energy spectrum for a 100 ks
observation of 1 mCarb source expected from the SGD Compton mode (bottom plot) and the instrument with the
effective area of 3300 cm2 and a background level of 5× 10−4 counts/s/cm2/keV (top plot).

(c) compares the energy spectrum for a 100 ks ob-
servation of 1 mCrab source expected from the SGD
Compton mode (bottom plot) and that for the instru-
ment with the effective area of 3300 cm2 (50 times
the SGD effective area) and a background level of
5 × 10−4 counts/s/cm2/keV (top plot). It clearly
demonstrates the importance of the low background.
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Figure 4: Azimuth angle (φ) distribution of the Compton
scattering reconstructed for a 100 ks observation of a 150
mCrab source with a 100% polarization.

Figure 4 shows the azimuth angle (φ) distribution
of the Compton scattering reconstructed for a 100 ks
observation of a 150 mCrab source with a 100% lin-
ear polarization. The distribution is fit to a formula,
AV G · (1+Q sin 2(φ−χ)), where AV G is the average
flux per bin, Q is the modulation factor which should
be proportional to the polarization, and χ is the po-
larization phase and perpendicular to the polarization
vector. The fit yields Q = (66.89±0.30)%, which cor-
responds to the 5σ polarization sensitivity of 2.3%.
Detailed studies of the SGD polarization performance
can be found in [8].

5. Detector Performance Verification

5.1. Energy Resolution

High energy resolution is one of the key require-
ments for the SGD to retain a low background level
with Compton kinematics. The energy resolution
around 1 keV is required to approach the physical
limit of the angular resolution due to Doppler broad-
ening. We have developed a low noise front-end ASIC
(Application-Specific Integrated Circuit), VA32TA, in
collaboration with Ideas ASA in Norway to realize this
goal. We have developed prototype modules for a low
noise DSSD system in order to evaluate noise sources.
To keep the strip yield close to 100% and eliminate
polysilicon bias resistor (a possible noise source), the
DSSD does not employ an integrated AC capacitor.
We have produced 0.3 mm thick DSSDs with a strip
length of 2.56 cm, a strip pitch of 0.4 mm and a
strip gap of 0.1 mm. The C-V measurement indicates
a depletion voltage of 65 V, therefore the following
measurements are performed with a 70 V bias volt-
age. The leakage current is 0.5 nA/strip at 20◦C and
0.05 nA/strip at 0◦C. The strip capacitance is mea-
sured to be 6.3 ± 0.2 pF. Intrinsic noise performance
with a silicon strip detector is measured to be 1.0 keV
(FWHM) at 0◦C, which is in good agreement with the
analytically calculated noise value of 0.9 keV [9]. The
energy resolution for γ-rays is investigated using the
14.4 keV and 122.06 keV γ-ray lines from 57Co and
the 59.54 keV γ-ray line from 241Am. Figure 5 (a)
shows the sum of the energy spectrum from 57Co for
all channels at −10◦C. Fits yield energy resolutions of
1.1 keV (FWHM) for the 14 keV line and 1.3 keV for
the 122 keV line [10]. Figure 5 (b) shows the energy
spectrum from 241Am at 0◦C. A fit yields an energy
resolution of 1.3 keV [9, 10]. The VA32TA perfor-
mance for a CdTe detector is also evaluated using an
8× 8 array of 2× 2 mm2 CdTe pixels. The thickness
of the detector is 0.5 mm. Each pixel is connected to
VA32TA via a fan-out board. Capacitance and leak-
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Figure 5: (a) Energy spectrum of 57Co for a DSSD measured at −10◦C. The 122 keV peak is magnified in the vertical
axis in inset plot. (b) Energy spectrum of 241Am for a DSSD measured at 0◦C. The 60 keV peak is magnified in the
vertical axis in inset plot. (c) The 241Am energy spectrum for a CdTe pixel detector.
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Figure 6: The 137Cs energy spectrum (a) for a
10× 10× 10 mm3 BGO crystal with an APD readout at
−20◦C and (b) for a 300× 48× 3 mm3 BGO crystal with
an APD readout at −15◦C.

age current of each pixel are 1 pF and a few pA at
0◦C. Low leakage current is realized by employing a
guard ring to absorb leakage current from the detector
edge [2]. Noise is measured to be 1.5 keV (FWHM).
Figure 5 (c) shows the 241Am energy spectrum at a
bias voltage of 600 V. We obtain an energy resolution
of 1.7 keV (FWHM) at 60 keV [9, 11].

The APD readout of BGO is a crucial part of the
SGD detector development since it is extremely dif-
ficult to read out BGO collimators with phototubes
due to mechanical constraints. Higher quantum effi-
ciency of the APD will also contribute to lower the
energy threshold of BGO. A large area reverse-type
APD (10×10 mm2), S8664-1010N, has been developed
by Hamamatsu Photonics. The reverse-type APD can
obtain sufficient internal gain at relatively lower bias
voltage and low leakage current. The S8664-1010N
achieves the internal gain of 50 with the bias volt-
age of ∼380 V at −20◦C while keeping the leakage
current at ∼60 pA [12]. We have evaluated the per-
formance of this APD attached to BGO crystals. Fig-
ure 6 (a) and (b) show the 137Cs energy spectrum
with a 10× 10× 10 mm3 BGO block at −20◦C and a
300× 48× 3 mm3 BGO plate at −15◦C, respectively.
The small BGO is attached directly to the APD while
the large BGO is attached to the APD via a light
guide. Energy resolutions are 7.1% (FWHM) for the

small BGO and 20.9% for the large BGO [12]. Mini-
mum detectable energies are 11 keV for the small BGO
and 60 keV for the large BGO. Preliminary measure-
ments with an array of eleven 3-mm diameter APDs
achieved minimum detectable energies of ∼40 keV at
−20◦C and ∼20 keV at −40◦C. We plan to develop
an APD which closely matches the cross section of the
large BGO plate to further improve the performance.

5.2. Compton Reconstruction

We have assembled a small prototype Compton tele-
scope that consists of a DSSD and two CdTe detec-
tors [13]. The DSSD and the CdTe detectors are
placed in parallel with a distance of 12.5 mm. In
this measurement, the telescope is exposed to 57Co
(122 and 136 keV) and 133Ba (81 keV, 303 keV and
356 keV) sources to study the performance in wide
energy range. Events with one Compton scattering in
the DSSD and one photo-absorption in the CdTe are
selected using Compton kinematics in a similar man-
ner above. Figure 7 (a) shows the angular resolution
as a function of the energy [13]. It also shows the
Geant4 MC simulation estimates for the total angular
resolution and contributions from Doppler broaden-
ing, energy resolution and position resolution. The
Doppler broadening effect is the dominant source of
the angular resolution up to 300 keV. The position
resolution becomes significant in higher energy. Using
the same data set, the effect of the background rejec-
tion by Compton kinematics is also studied. First, the
energy spectrum is obtained for events with one hit in
the DSSD and one hit in the CdTe. Then, the back-
ground rejection is applied by requiring |∆θ| < 16◦.
Figure 7 (b) shows the 133Ba spectra with (hatched
histogram) and without the background rejection by
Compton kinematics [13]. It clearly demonstrates
that the effect of this technique. Note that the back-
ground rejection criteria are not optimized, and can
be improved significantly, in particular in low energy
region. Detailed description of Compton reconstruc-
tion studies can be found elsewhere [10, 13, 14].

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

52525



(a)

50
Energy [keV]

50030020010070

A
n

g
u

la
r 

re
s

o
lu

ti
o

n
 [

d
e

g
re

e
]

Experiment
Simulation
Doppler broadening
Energy resolution
Position resolution

15

10

5

0

(b)
1000

500

100

50

10

5

1
0 100 200 300 400

Energy [keV]

C
o

u
n

ts

133Ba

Figure 7: (a) Angular resolution as a function of energy
for the experimental data and the MC simulation.
Contributions from Doppler broadening, energy
resolution and position resolution are also displayed. (b)
133Ba spectra with (hatched histogram) and without the
background rejection by Compton kinematics.

5.3. Polarization

In order to evaluate the polarization performance of
the prototype Compton telescope, we have carried out
a beam test at SPring-8 photon factory in Japan [11].
Figure 8 (a) shows the azimuth angle distribution of
the Compton scattering obtained using 177 keV pho-
ton beam with a 100% linear polarization. Figure 8
(b) shows the corresponding distribution simulated by
the EGS4 MC simulation. A fit on the experimental
measurement yields the modulation factor of 43± 3%
which is in a good agreement with the EGS4 result of
41± 2% [11]. These results validate our implementa-
tion of the EGS4 simulation at 10% level.

6. Conclusions

The NeXT/SGD is a Compton telescope with nar-
row field of view, which utilizes Compton kinemat-
ics to enhance its background rejection capabilities.
It is realized as a hybrid semiconductor gamma-ray
detector which consists of silicon and CdTe detec-
tors. We expect the sensitivity of the SGD to reach
5× 10−7 counts/s/cm2/keV, allowing the observation
of 1 mCrab sources in the energy range 0.05–1 MeV
in 100 ks. We also expect 5σ polarization sensitivity
of 8.7% for 10 mCrab sources.

We have developed low noise analog ASICs and
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C
o
u
n
ts

0

20

40

60

80

100

120

Azimuthal scatter angle (φ) [degree]
0 90 180 270 360

(b) EGS4 simulation

Azimuthal scatter angle (φ) [degree]
0 90 180 270 360

C
o
u
n
ts

0

100

200

300

Figure 8: (a) Azimuth angle distribution of the Compton
scattering obtained using a Compton camera consists of
a DSSD and CdTe pixel detectors with 177 keV polarized
photon beam at SPring-8. (b) Corresponding
distribution by EGS4 simulation.

CdTe detector technologies required to realize the
SGD. We have achieved 1.1 keV and 1.3 keV energy
resolutions for silicon strip detectors at 14 keV and
60–120 keV, respectively, and 1.7 keV for CdTe pixel
detectors at 60 keV. We have verified that the APD
readout of BGO crystal can detect the energy deposit
down to 11 keV.

We have demonstrated the performance of proto-
type Si/CdTe Compton telescopes. MC simulations
are validated against the experimental data on the
angular resolution and the polarization performance.
Doppler broadening is the dominant contribution to
the angular resolution and the energy resolution, and
position resolution is confirmed to be satisfactory.
These experimental results validate the SGD design
and specifications.
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We present results of test-particle simulations on both the first- and the second-order Fermi acceleration for
relativistic parallel shock waves. Our studies suggest that the role of the second-order mechanism in the
turbulent downstream of a relativistic shock may have been underestimated in the past, and that the stochastic
mechanism may have significant effects on the form of the particle spectra and its time evolution. Figures are
reproduced from Virtanen & Vainio 2005 [13] by the permission of the AAS.

1. INTRODUCTION

Particle acceleration in relativistic shocks is typi-
cally considered to be due to either the first- or the
second-order Fermi acceleration (stochastic accelera-
tion). The former of these acts at the shock front
where charged particles gain energy by subsequently
scattering on different sides of the shock front, whereas
for the latter case the velocity difference between the
scattering centers is provided by the turbulence alone.
The first-order mechanism is well known to produce
power-law particle energy spectrum N(E) ∝ E−σ

with spectral index σ depending on compression ratio
r of the shock as σ = (r+2)/(r−1) for nonrelativistic
speeds [e.g., 1], and approaching to value σ ≈ 2.2 as
the speed increases to ultrarelativistic, almost regard-
less of the other shock conditions [e.g., 2–5].

However, problems arise with flatter spectra (σ <
∼

2); although the first-order mechanism can produce
harder spectra with σ → 1 depending, for instance, on
the injection model [6] or the scattering center com-
pression ratio [e.g. 7–9], it is not able to produce spec-
tral indices flatter than σ = 1.

Stochastic acceleration, on the other hand, has been
known to be present in the turbulent downstream of
shocks, but mostly because it works on much longer
timescales than the almost instantaneous first-order
mechanism [e.g., 10, 11] it has been been neglected
for most of the cases (note, however, e.g. [12]). How-
ever, for non-thermal particle distributions radiating
in astrophysical objects the bulk of radiation is emit-
ted by the particles that have already left the shock
front towards the downstream. Thus, the second or-
der mechanism has, indeed, more time available to
for acceleration than the first-order process. So while
the neglecting of the stochastic process in calculation
of the accelerated particle spectra right at the shock
front could be justified, it is not possible to neglect its
effect on the spectrum in shocks in general, especially
when basically all of the astrophysical sources related
to relativistic shocks, remain still spatially unresolved.

Here we study the possibility of the stochastic pro-
cess to have visible effects on the particle energy spec-
trum in parallel relativistic shock waves in two differ-

ent cases: (i) particles injected at the shock front and
accelerated further by the first order mechanism and
(ii) particles drawn from the heated (but not shock
accelerated) particle population of the downstream re-
gion of the shock. We apply numerical Monte Carlo
test-particle simulations and focus on shocks that, in
addition to being parallel, have small-to-intermediate
Alfvénic Mach number. Low Mach numbers for rel-
ativistic shocks could prevail in magnetically domi-
nated jets that are lighter than their surroundings,
e.g. in pair-plasma jets.

2. MODEL

The applied model, together with its numerical im-
plementation, is described in detail in ref. [13], and
here only the essential parts of the model are ex-
plained.

We use the shock rest frame as our basic coordinate
system. In the case of parallel shock the flow direc-
tion – as well as the large scale magnetic field – is
perpendicular to the shock normal in this frame. In
this frame the shock lies at the origin, negative values
of location x mean the upstream and positive values
the downstream. The plasma frame, i.e. the frame
where the bulk of the plasma is at rest, is moving
with the local flow speed V with respect to the shock
frame. Waves propagate at phase speed Vφ in the
plasma frame in directions both parallel and antipar-
allel to the flow, so in the shock frame waves move at
speed (V +Vφ)/(1+V Vφ/c2) (c is the speed of light),
and the frame moving at this speed (i.e. flowing with
the waves) is called the wave frame or the rest frame
of the scattering centers. If the scattering centers are
taken to be fluctuations frozen-in to the plasma then
the speed of the waves with respect to the underlying
flow is Vφ = 0 and the plasma frame is also the rest
frame of the scattering centers. Here we assume the
waves to be Alfvén waves, and the phase speed to be
the Alfvén speed

vA =
B0c

√

4πhn + B2
0

, (1)

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2526



Figure 1: Ratio of the amplified wave intensities as
function of Alfvénic Mach number for three proper
Alfvén speeds. Here q = 5/3. [13]

where B0 is the large scale magnetic field, and h and
n the specific enthalpy and the number density, all in
the local plasma frame.

We set the proper speed of the shock to be u1 ≡
Γ1V1 = 10c (corresponding to shock speed V1 ≈
0.995 c), and model the shock transition with a very
thin hyperbolic tangent profile [14] with thickness
W ≈ 1

100
th of the mean free path of an upstream par-

ticle. For this width the shock can still be considered
almost step-like [5].

We model the downstream turbulence as a super-
position of Alfén waves propagating parallel and anti-
parallel to the plasma flow at constant speed. The
turbulence spectrum has a power-law form with spec-
tral index q for wavenumbers above some inverse cor-
relation length k0. For k < k0 the wave intensity
per logarithmic bandwidth is assumed to be equal to
the background field intensity, i.e., I(k) = B2

0k−1 for
k < k0. In this work we use two values for q: 2, pro-
ducing rigidity independent mean free paths, and 5/3,
being consistent with the Kolmogorov phenomenology
of turbulence.

The downstream wave intensities can be calculated
from known upstream parameters [e.g., 8, 9, 11], and
regardless of the cross helicity of the upstream wave
field (only parallel or anti-parallel waves, or both),
there are always both wave modes present in the
downstream region; in this work we assume the cross
helicity to vanish in the upstream. The amplification
of the waves at the shock depends on the strength of
the magnetic field as well as on the form of the tur-
bulence spectrum, as shown in Fig. 1 where the am-
plification of the different wave modes is shown as a
function of (quasi-Newtonian) Alfvénic Mach number

M = uA,1/u1. (2)

uA,1 = vA,1/
√

1 − β2
A,1, (3)

is the upstream Alfvén proper speed with βA,1 =
vA,1/c. The waves are seen to propagate pre-

dominantly backward for relatively low-Mach-number
shocks; this is the case for both the relativistic [8]
and the nonrelativistic [11] shocks. This enables the
scattering center compression ratio rk to grow larger
than the gas compression ratio r and, thus, to cause
significantly harder particle spectra compared to the
predictions of theories relying on fluctuations frozen-in
to plasma flow [8, 9]. As the Mach number increases,
the downstream wave intensities approach equiparti-
tion at the ultra-relativistic limit.

Electrons scatter off the magnetic fluctuations res-
onantly. The scattering frequency of electrons with
Lorentz factor γ is determined (see ref. [13] for details)
by the intensity of waves at the resonant wavenumber

kres =
Ωe

v
=

Ωe,0

c
√

γ2 − 1
, (4)

where Ωe =
Ωe,0

γ
is the relativistic electron gyrofre-

quency and Ωe,0 = eB
mec

is its non-relativistic counter-
part.

Scatterings are elastic in the wave frame and the
existence of waves propagating in both directions at
a given position, thus, leads to stochastic acceleration
[15]. Since the spectrum of waves is harder below
k = k0, scattering at energies

γ > γ0 ≡
Ωe,0

k0c
� 1 (5)

becomes less efficient. This suggests that the electron
acceleration efficiency should decrease at γ > γ0. In-
stead of trying to fix the value of k0, we use a constant
value γ0 = 106, which is in agreement with observa-
tions of maximum Lorentz factor of electrons in some
AGN jets [16].

In addition to scattering, the particles are also as-
sumed to lose energy via the synchrotron emission.

3. RESULTS & DISCUSSION

Simulations were run separately for low, intermedi-
ate and high Alfvénic-Mach-number shocks (M = 3,
M = 10, and M = 1000, respectively – see Fig. 1 for
the corresponding wave intensity ratios), and for four
cases of downstream turbulence; for turbulence spec-
tral index q = 2 and q = 5/3 with downstream wave
field calculated using wave transmission analysis de-
scribed earlier, and with the downstream forward and
backward waves being in equipartition. The proper
speed of the shock is set to u1 = 10 c in all simula-
tions.

Some of the results (including all of the case of M =
1000 for which the effects were, expectedly, barely vis-
ible, and all those for which the downstream turbu-
lence was calculated using the Alfvén wave transmis-
sion model) have been omitted from this paper due to
limited space; all of them are, however, available at
http://www.astro.utu.fi/red/qshock.html.

22nd Texas Symposium on Relativistic Astrophysics at Stanford University, Dec. 13-17, 2004

2526



Shock front at x=0
Flow direction

M=3, q=5/3

M=10, q=2

M=3, q=5/3

x=
0

x=
30

0
x=

60
0

x=
30

00x=
15

00

M=10, q=2

x=
0

x=100 x=400

x=
20

00

x=1000

Figure 2: Steady-state energy distribution of shock-injected particles at different distances from the shock. Upper
panels show contours of log(E dN

dE
) as function of energy and location, while the lower panels present the energy

distributions as slices at certain locations in the downstream. On the left hand panel is a case with a shock with
Alfvénic Mach number M = 3 and for turbulence corresponding to the Kolmogorov turbulence, and on the right panel
the same for M = 10 and turbulence corresponding to that created by the particles themselves. Equipartition is
assumed between forward and backward waves. [13].

3.1. Partic les Injected at the Shoc k

In the first case we studied the effect of stochas-
tic acceleration on particles that have been already
accelerated at the shock. We injected the particles
with relatively small initial energy into the simulation
right behind the shock and allowed them to continue
accelerating via the stochastic process. This kind of
injection simulates the case of some already-energized
downstream particles returning into the shock, but re-
moves need of processing the time consuming bulk of
non-accelerating thermal particles. The high-energy
part of the particle energy distribution – which we
are interested in in this study – is similar, regardless
of the injection energy.

In the case of high Alfvénic Mach number (M =
1000, corresponding to magnetic field B0 ' 1.4 mG in
a hydrogen plasma and ' 46 µG in a pair plasma) the
contribution of the stochastic process to the energy
distribution of the particles was, expectedly, very in-
significant compared to that of the first-order acceler-
ation at the shock. This was the case regardless of the

applied turbulence properties, and because the wave
intensities calculated from the Alfvén wave transmis-
sion analysis are very close to equipartition for high-
Mach-number shock (see Fig. 1), the difference to
the case of explicitely assumed equipartition was, as
expected, minimal.

For shocks with Alfvénic Mach number sufficiently
low (M = 10 and M = 3, corresponding to ≈ 0.1–
0.5 G in a hydrogen plasma, and to ≈ 5–15 mG in
a pair plasma) the effect was, on the contrary to the
high-M case, very pronounced. The stochastic process
began to re-accelerate particles immediately after the
shock front, and the whole spectrum started to slowly
shift to higher energies in all kinds of turbulence mod-
els studied. Two examples for the case assuming the
downstream wave intensities to be in equipartition are
shown in Fig. 2.

When comparing otherwise similar cases that differ
only for the downstream cross helicity (i.e., whether
the wave field is resulting from the wave transmis-
sion calculations [8] or an equipartition of parallel and
anti-parallel waves is assumed), the calculated wave-
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Figure 3: Same as Fig. 2 but for particles injected uniformly throughout the downstream region. [13].

transmission cases with more anti-parallel waves (see
[8] and Fig.1) show stronger first-order acceleration,
but weaker stochastic acceleration. This is because
of the larger scattering center compression ratio in
the wave-transmission case leading to more efficient
first-order acceleration [8, and Virtanen & Vainio, in
preparation] and, on the other hand, faster momen-
tum diffusion rate in the equipartition case leading to
more efficient stochastic acceleration.

3.2. Partic les Injected Acr oss the
Downstream

Next we assumed that a constant injection mecha-
nism exists throughout the downstream region – this
mimics a case where turbulent fluctuations cascade to
higher wavenumbers and inject a fraction of the ther-
mal electrons to the stochastic acceleration process.
We injected particles at a constant initial energy uni-
formly and isotropically within the whole downstream
region. Examples of results are shown in Fig. 3 for pa-
rameters otherwise equal to those in Fig. 2.

The general behavior of the acceleration process is
very similar for both injection methods: the piling up
of the particles with γ > γ0 is visible and the effect of

the turbulence spectrum is the same. For the constant
injection, however, particles begin to form a power-
law plateau in the energy range between the injection
energy and γ0. The produced spectral index depends
on the spectral index of the magnetic field fluctuations
q as σ = q − 1 [13, 15]; for q = 2, the particle spectral
index σ ' 1, and for q = 5/3, σ ' 0.6.

Also here the composition of the downstream wave
field affects the resulting spectrum: in the case of
downstream turbulence calculated using the wave
transmission model the particle population immedi-
ately behind the shock front extends to slightly higher
energies than in the equipartition case, but for the
latter the stochastic acceleration is clearly quicker.
The former effect is due to the scattering center com-
pression ratio being larger for lower-M shocks, while
the latter is due to larger velocity differences in the
equipartition wave field.

3.3. ”Re-acceleration of Re-accelerated
Partic les”

The prolonging of the mean free path of particles
with γ > γ0 (or kres < k0) has, in addition to the
drop of the stochastic acceleration efficiency, another
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M=3, q=2

Figure 4: Stochastically accelerated particles return to the shock and get re-accelerated by the first-order process. On
the right the particles are gathered at downstream free-escape boundary. [13]

interesting feature: particles that are already ener-
gized first in the shock by the first-order mechanism
and then in the downstream by the second-order ac-
celeration, become able to return back to the shock
and get ”re-injected” into the first-order acceleration
process. Injection energies for this second injection
are very high, or course, so particles get accelerated
to ultra-high energies; this is seen as a distortion of
the high-energy part of the left-hand contour panels
in Figs. 2 and 3, and especially clear in Fig.4, where
the low Mach number M = 3 and turbulence corre-
sponding to q = 2, both favorable for fast stochastic
acceleration, allow particles to be accelerated to en-
ergies of the order of γ0 while still being sufficiently
close to the shock front in order to being able to return
to the first-order acceleration process. As a result, a
clearly visible high-energy (quasi) power-law is seen
in the upper part of the contour as well in the energy
spectrum collected at the downstream border.

3.4. Combination of Injection
Mechanisms

We also investigated what kind of particle energy
spectra the two injection schemes – one operating at
the shock, and another operating uniformly through-
out the downstream region – are able to create. Fig. 5
gives an example of combination of these. In simula-
tions these two acceleration cases were mostly kept
separate for the sake of simplicity, but there should
be no reason to assume the separation be present also
in nature. Also the relative amounts of shock- and
downstream-injected particles are not fixed by our
model, but instead considered a parameter.

4. CONCLUSIONS

We have studied stochastic particle acceleration in
the downstream region of a relativistic parallel shock.

Figure 5: Example of a combination (solid line) energy
spectra of particles injected to the acceleration process at
the shock (dotted) and throughout the downstream
region (dashed). (Model parameters are q = 5/3 and
M = 10.) The particles are collected at the downstream
free escape boundary, ∼ 4 × 1012 cm away from the
shock, and the number of the particles injected at the
shock is larger than the number of uniformly injected
particles by a factor of 100. [13]

Applying the wave transmission calculations of [8] and
assuming the cross helicity to vanish in the upstream,
we have modeled the turbulence of the downstream
region as a superposition of Alfvén waves propagat-
ing parallel and anti-parallel to the plasma flow. Us-
ing a kinetic Monte Carlo simulation we have modeled
the second-order Fermi acceleration of electrons in the
shock environment, and considered cases of accelera-
tion of downstream-injected particles, as well as that
of particles injected at the shock. We have shown that
the stochastic acceleration can, indeed, have remark-
able effects in both cases. This result is even more
pronounced if the two downstream Alfvén wave fields
are assumed to be in equipartition.

The behavior of the particle energy distribution in
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the stochastic process depends heavily on the strength
of the background magnetic field; in the cases of weak
magnetic field and large quasi-Newtonian Alfvénic
Mach number the effects of stochastic acceleration are
faded out by the much stronger first order accelera-
tion. Also the magnetic field turbulence spectrum af-
fects the acceleration efficiency: for Kolmogorov tur-
bulence with q = 5/3 the spatial scales are up to an
order of magnitude shorter than in the case of q = 2
turbulence. Although the spatial scales in simulations
presented here are enormous compared to those asso-
ciated with shock acceleration (the first-order process
in the immediate vicinity of the shock front), in case
of blazars and other active galactic nuclei the scales
are still orders of magnitude too small to be resolved
even in the VLBI pictures – regardless of the turbu-
lence and used magnetic field strength. Also the ac-
celeration time scales are short: the time required to
shift the whole spectrum from the initial energy range
to γbulk

>
∼ 106 ranged from 10 to 50 minutes in the

M = 10 case, and for M = 3 the times were <
∼ 1

minute, as measured in the shock frame.
In the cases where the stochastic acceleration was

quick enough for particles to reach the γ0 energy while
being still sufficiently close to the shock in order to
be able to make their way back to the upstream re-
gion due to their prolonged mean free path, the first-
order mechanism was able to re-accelerate the return-
ing high-energy particles to even higher energies. This
led to forming of a new (quasi-)power-law at energies
γ >

∼ 107 in some cases.
One notable feature of the present model is that in

the case of a uniform injection process in the down-
stream region, power-law spectra with high and low
energy cut-offs are formed. Depending on the turbu-
lence, particle energy spectra have power-law spectral
indices of 0.5–1 with lower and higher energy cut-offs
at γ1 ≈ 101 ' γinjection and γ2 ∼ 106 = γ0, respec-
tively. These particles would produce synchrotron
spectra with photon spectral indices −0.5 < α < 0
in the GHz–THz regime for various initial parame-
ters. These properties are quite similar to those of
flat-spectrum sources, for which typical spectra with
α >

∼ −0.5 in the GHz region and flare spectra with
α ≈ −0.2 in the optically thin region of the spectrum
are seen; see e.g. [17] and references therein.

To conclude, the main results of this study are:

• Stochastic acceleration can be a very efficient
mechanism in the downstream region of parallel
relativistic shocks, provided that the magnetic
field strength is large enough in order to make
the Alfvénic Mach number approach the critical
Mach number (Mc =

√
r) of the shock, i.e., to

increase the downstream Alfvén speed enough to
allow for sufficient difference in speeds of parallel
and anti-parallel Alfvén waves required for rapid
stochastic acceleration.

• In the case of a continuous injection mechanism
in the downstream region particle energy distri-
butions with hard spectral indices can be formed
between the injection energy and γ0. The accel-
erated particle populations could produce syn-
chrotron spectra very similar to those of flat
spectrum sources.

• The interplay between the first- and second-
order Fermi acceleration at relativistic shocks
can produce a variety of spectral forms not lim-
ited to single power laws.

Remark: We wand to emphasize that these simu-
lations are based on the test-particle approximation,
i.e., the effects of the particles on the turbulent wave
spectrum and on the shock structure are neglected.
Including these effects in a self-consistent manner may
lead to notable effects on the resulting spectrum, see
e.g. [18]. Including these effects to our model is, how-
ever, beyond of the scope of the present simulations.
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Cosmic Ray Transport in MHD Turbulence
Huirong Yan and A. Lazarian
Department of Astronomy, University of Wisconsin-Madison

Recent advances in understanding of magnetohydrodynamic (MHD) turbulence call for revisions in the picture
of cosmic ray transport. In this paper we use recently obtained scaling laws for MHD modes to obtain the
scattering frequency for cosmic rays. We account for the turbulence cutoff arising from both collisional and
collisionless damping. We obtain the scattering rate and show that fast modes provide the dominant contribution
to cosmic ray scattering for the typical interstellar conditions in spite of the fact that fast modes are subjected
to damping. We determine how the efficiency of the scattering depends on the characteristics of ionized media,
e.g. plasma β. We show that streaming instability is suppressed by the ambient MHD turbulence.

1. Introduction

This field is

Although cosmic ray
diffusion can happen while cosmic rays follow wander-
ing magnetic fields ([14]), the acceleration of cosmic
rays requires efficient scattering. For instance, scat-
tering of cosmic rays back into the shock is a vital
component of the first order Fermi acceleration.

While most investigations are restricted to Alfvén
modes propagating along an external magnetic field
(the so-called slab model of Alfvénic turbulence),
obliquely propagating MHD modes have been in-
cluded in [17] and later studies [25]. A more com-
plex models were obtained by combining the results of
the Reduced MHD with parallel slab-like modes have
been also considered [3]. Here we attempt to use mod-
els that are motivated by the recent studies of MHD
turbulence ([12], see [8] for a review and references
therein).

The efficiency of scattering depends on turbulence
anisotropy [20]. Therefore the calculations of CR scat-
tering must be done using a realistic MHD turbu-
lence model. An important attempt in this direction
was carried out in [6]. However, only incompressible
motions were considered. On the contrary, ISM is
highly compressible. Compressible MHD turbulence
has been studied recently (see review by [10] and ref-
erences therein). [28] addressed the scattering by fast
modes. But they did not consider the damping, which
is essential for fast modes. In this paper we include

modes.

2. MHD turbulence and its damping

2.1. Model of MHD turbulence

Analogous to MHD perturbations that can be de-
composed into Alfvénic, slow and fast waves with well-
defined dispersion relations, MHD perturbations that
characterize turbulence can be separated into distinct
modes. The separation into Alfvén and pseudo-Alfvén
modes, which are the incompressible limit of slow
modes, is an essential element of the GS95 [12] model.
Even in a compressible medium, MHD turbulence is
not an inseparable mess in spite of the fact that MHD
turbulence is a highly non-linear phenomenon [9, 21].
The actual decomposition of MHD turbulence into
Alfvén, slow and fast modes was addressed in [9, 10],
who used a statistical procedure of decomposition in
the Fourier space, where the basis of the Alfvén, slow
and fast perturbations was defined.

Unlike hydrodynamic turbulence, Alfvénic one is
anisotropic, with eddies elongated along the magnetic
field. On the intuitive level it can be explained as
the result of the following fact: it is easier to mix
the magnetic field lines perpendicular to the direction
of the magnetic field rather than to bend them. How-
ever, one cannot do mixing in the perpendicular direc-
tion to very small scales without affecting the parallel
scales. This is probably the major difference between
the adopted model of Alfvénic perturbations and the
Reduced MHD [4]. In the GS95 model as well as in its
generalizations for compressible medium mixing mo-
tions induce the reductions of the scales of the parallel
perturbations.

The corresponding scaling can be easily obtained.
For instance, calculations in [7] prove that motions
perpendicular to magnetic field lines are essentially
hydrodynamic. As the result, energy transfer rate due
to those motions is constant Ėk ∼ v2

k/τk, where τk is
the energy eddy turnover time ∼ (vkk⊥)−1, where k⊥
is the perpendicular component of the wave vector
k. The mixing motions couple to the wave-like mo-
tions parallel to magnetic field giving a critical balance
condition, i.e., k⊥vk ∼ k‖VA, where k‖ is the paral-
lel component of the wave vector k, VA is the Alfvén

by their interaction with magnetic field.
turbulent and therefore, the resonant interaction of
cosmic rays with MHD turbulence has been discussed
by many authors as the principal mechanism to scat-
ter and isotropize cosmic rays.

various damping processes which can affect the fast

The propagation of cosmic rays (CRs) is affected
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speed1. From these arguments, the scale dependent
anisotropy k‖ ∝ k

2/3
⊥ and a Kolmogorov-like spectrum

for the perpendicular motions vk ∝ k−1/3 can be ob-
tained [19].

It was conjectured in [21] that GS95 scaling should
be approximately true for Alfvén and slow modes in
moderately compressible plasma. For magnetically
dominated, the so-called low β plasma, [9] showed
that the coupling of Alfvénic and compressible modes
is weak and that the Alfvénic and slow modes follow
the GS95 spectrum. This is consistent with the anal-
ysis of HI velocity statistics [18, 29] as well as with
the electron density statistics [2]. Calculations in [10]
demonstrated that fast modes are marginally affected
by Alfvén modes and follow acoustic cascade in both
high and low β medium. In what follows, we consider
both Alfvén modes and compressible modes and use
the description of those modes obtained in [9, 10] to
study CR scattering by MHD turbulence.

2.2. Damping of Turbulence

In many earlier papers Alfvénic turbulence was con-
sidered by many authors as the default model of inter-
stellar magnetic turbulence. This was partially moti-
vated by the fact that unlike compressible modes, the
Alfvén ones are essentially free of damping in fully ion-
ized medium2. However, it was shown that compress-
ible fast modes are particularly important for cosmic
ray scattering [31, 33]. For them damping is essential.

At small scales turbulence spectrum is altered by
damping. Various processes can damp the MHD mo-
tions (see [33] for details). In partially ionized plasma,
the ion-neutral collisions are the dominant damp-
ing process. In fully ionized plasma, there are basi-
cally two kinds of damping: collisional or collisionless
damping. Their relative importance depends on the
mean free path in the medium. If the wavelength is
larger than the mean free path, viscous damping dom-
inates. If, on the other hand, the wavelength is smaller
than mean free path, then the plasma is in the colli-
sionless regime and collisionless damping is dominant.

To obtain the truncation scale, the damping time
Γ−1

d should be compared to the cascading time τk.
As we mentioned earlier, the Alfvénic turbulence cas-
cades over one eddy turn over time (k⊥vk)−1 ∼

1note that the linear dispersion relation is used for Alfvén
modes.

2This picture contradicts to an erroneous assumption of
strong coupling of compressible and incompressible MHD
modes that still percolates the literature on turbulent star for-
mation (see discussion in [15]). However, little cross talk be-
tween the different astrophysical communities allowed these two
different pictures to coexist peacefully.

Figure 1: Damping scale vs. the angle θ between k and
B in halo, HIM and WIM. The peak on the curve of HIM
(dashdot line) is smeared out by randomization of both k
and B [33].

(k‖VA)−1. The cascade of fast modes takes a bit
longer:

τk = ω/k2v2
k = (k/L)−1/2 × Vph/V

2,

where V is the turbulence velocity at the injection
scale, Vph is is the phase speed of fast modes and
equal to Alfvén and sound velocity for high and low β
plasma, respectively [9]. If the damping is faster than
the turbulence cascade, the turbulence gets truncated.
Otherwise, for the sake of simplicity, we ignore the
damping and assume that the turbulence cascade is
unaffected. As the transfer of energy between Alfvén,
slow and fast modes of MHD turbulence is suppressed
at the scales less than the injection scale, we consider
different components of MHD cascade independently.

We get the cutoff scale kc by equating the damping
rate and cascading rate τkΓd � 1. Then we check
whether it is self-consistent by comparing the kc with
the relevant scales, e.g., injection scale, mean free path
and the ion gyro-scale.

Damping is, in general, anisotropic, i.e., the linear
damping (see [33] Appendix A) depends on the angle
θ between the wave vector k and local direction of
magnetic field B. Unless randomization of θ is com-
parable to the cascading rate the damping scale gets
angle-dependent3. The angle θ varies because of both
the randomization of wave vector k and the wander-
ing of magnetic field lines ( see[33] for detail). With
this input at hand, one can determine the turbulence
damping scales given a medium.

3The fast increase of collisionless damping with θ was ap-
plied to rotating stars, where [30] showed that the collisionless
damping can be a dominant heating source for stellar wind.
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3. Interactions between turbulence and
particles

Basically there are two types of resonant interac-
tions: gyroresonance acceleration and transit accel-
eration (henceforth TTD). The resonant condition is
ω − k‖vµ = nΩ (n = 0,±1, 2...), where ω is the wave
frequency, Ω = Ω0/γ is the gyrofrequency of relativis-
tic particle, µ = cos ξ, where ξ is the pitch angle of
particles. TTD formally corresponds to n = 0 and it
requires compressible perturbations.

We employ quasi-linear theory (QLT) to obtain our
estimates. If mean magnetic field is larger than the
fluctuations at the injection scale, we may say that the
QLT treatment we employ defines parallel diffusion.
Taking into account only the dominant interaction at
n = ±1, we obtain the Fokker-Planck coefficients (see
also [27, 33]),

(
Dµµ

Dpp

)
=
πΩ2(1 − µ2)

2

∫ kmax

kmin

dk3δ(k‖v‖ − ω ± Ω)

[ (
1 + µVph

vζ

)2

m2V 2
A

]{
(J2

2 (
k⊥v⊥

Ω
) + J2

0 (
k⊥v⊥

Ω
))

[
MRR(k) +MLL(k)
KRR(k) +KLL(k)

]
− 2J2(

k⊥v⊥
Ω

)J0(
k⊥v⊥

Ω
)

[
ei2φ

[
MRL(k)
KRL(k)

]
+ e−i2φ

[
MLR(k)
KLR(k)

]]}
,(1)

where ζ = 1 for Alfvén modes and ζ = k‖/k for fast
modes, kmin = L−1, kmax = Ω0/vth corresponds to
the dissipation scale, m = γmH is the relativistic mass
of the proton, v⊥ is the particle’s velocity component
perpendicular to B0, φ = arctan(ky/kx), L,R = (x±
iy)/

√
2 represent left and right hand polarization.

The delta function δ(k‖v‖ − ω + nΩ) approxima-
tion to real interaction is true when magnetic pertur-
bations can be considered static4 . For cosmic rays,
k‖v‖ � ω so that the resonant condition is essentially
k‖vµ − nΩ = 0. From this resonance condition, we
know that the most important interaction occurs at
k‖ = k‖,res = Ω/v‖. This is generally true except for
small µ (or scattering near 90o).

4. Scattering of cosmic rays

4.1. Scattering by Alfvénic turbulence

As we discussed above, Alfvén modes are
anisotropic, eddies are elongated along the magnetic

4Cosmic rays have such high velocities that the slow varia-
tion of the magnetic field with time can be neglected.

field, i.e., k⊥ > k‖. The scattering of CRs by Alfvén
modes is suppressed first because most turbulent en-
ergy goes to k⊥ due to the anisotropy of the Alfvénic
turbulence so that there is much less energy left in
the resonance point k‖,res = Ω/v‖ ∼ r−1

L . Further-
more, k⊥ � k‖ means k⊥ � r−1

L so that cosmic ray
particles have to be interacting with lots of eddies in
one gyro period. This random walk substantially de-
creases the scattering efficiency. The scattering by re-
alistic Alfvénic turbulence was studied in [31]. In case
that the pitch angle ξ not close to 0, the analytical
result is

[
Dµµ

Dpp

]
=

v2.5µ5.5

Ω1.5L2.5(1 − µ2)0.5
Γ[6.5, k−

2
3

maxk‖,resL
1
3 ]

[
1

m2V 2
A

]
, (2)

where Γ[a, z] is the incomplete gamma function. The
presence of this gamma function in our solution makes
our results orders of magnitude larger than those5 in
[6] for the most of energies considered. However, the
scattering frequency,

ν = 2Dµµ/(1 − µ2), (3)

are still much smaller than the estimates for isotropic
and slab model [31]. As the anisotropy of the Alfvén
modes is increasing with the decrease of scales, the
interaction with Alfvén modes becomes more efficient
for higher energy cosmic rays. When the Larmor ra-
dius of the particle becomes comparable to the injec-
tion scale, which is likely to be true in the shock region
as well as for very high energy cosmic rays in diffuse
ISM, Alfvén modes get important.

It’s worthwhile to mention the imbalanced cascade
of Alfvén modes [7]. Our basic assumption above was
that Alfvén modes were balanced, meaning that the
energy of modes propagating one way was equal to
that in opposite direction. In reality, many turbulence
sources are localized so that the modes leaving the
sources are more energetic than those coming toward
the sources. The energy transfer in the imbalanced
cascade occurs at a slower rate, and the Alfvén modes
behave more like waves. The scattering by these im-
balanced Alfvén modes could be more efficient. How-
ever, as the actual degree of anisotropy of imbalanced
cascade is currently uncertain, and the process will be
discussed elsewhere6.

5We compared our result with the resonant term as the non-
resonant term is spurious as noted by [6].

6Preliminary results by one of us show that the inertial range
over which the degree of anisotropy of imbalanced turbulence
is small is very limited.
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4.2. Scattering by fast modes

The contribution from slow modes is no more than
that by Alfvén modes since the slow modes have
the similar anisotropies and scalings. More promis-
ing are fast modes, which are isotropic. With fast
modes there can be both gyroresonance and transit-
time damping (TTD).

TTD happens due to the resonant interaction with
parallel magnetic mirror force. The advantage of TTD
is that it doesn’t have a distinct resonant scale associ-
ated with it. TTD is thus an alternative to scattering
of low energy CRs which Larmor radii are below the
damping scale of the fast modes. Moreover, we shall
show later that TTD can contribute substantially to
cosmic ray acceleration (also known as the second or-
der Fermi acceleration). This can be crucial in some
circumstances, e.g., for γ ray burst ([16]), and acceler-
ation of charged particles [32]. Different from gyrores-
onance, the resonance function of TTD is broadened
even for CRs with small pitch angles. The formal reso-
nance peak k‖/k = Vph/v‖ favors quasi-perpendicular
modes. However, these quasi-perpendicular modes
cannot form an effective mirror to confine CRs be-
cause the gradient of magnetic perturbations along
the mean field direction ∇‖B is small. Thus the reso-
nance peak is weighted out and the Breit-Wigner-type
[27] resonance function should be adopted.

Here we apply our analysis to the various phases
of ISM. In low β medium, both collisionless and col-
lisional damping increases with θ unless θ is close to
π/2. This means that those quasi-parallel fast modes
are least damped. For these modes the argument for
the Bessel function in Eq.(1) is k⊥ tan ξ/k‖,res < 1
unless ξ is close to 90o. So we can take advantage
of the anisotropy of the damped fast modes and use
the asymptotic form of Bessel function for small argu-
ment Jn(x) � (x/2)n/n! to obtain the corresponding
analytical result for this case:

[
Dµµ

Dpp

]
=
π(Ωvµ)0.5(1 − µ2)

2L0.5⎡
⎢⎣ (1 − (

(
k⊥,c

k‖,res

)2

+ 1)−
7
4 )/7

(1 − (
(

k⊥,c

k‖,res

)2

+ 1)−
3
4 )m2V 2

A/3

⎤
⎥⎦ (4)

In high β medium and partially ionized medium,
fast modes are subjected to severe damping and trun-
cated at scale larger than the resonant scale of CRs,
∼ Ω/c. The only available scattering mechanism is
TTD, which can still provide much more efficient scat-
tering for CRs comparing with Alfvén modes (see [33]
for detail).

A special case is that the cosmic rays propagate
nearly perpendicular to the magnetic field, so called
the 90o scattering problem. It should be noted that
with resonance broadening associated with the tur-
bulence, the requirement v‖ = Vph/ cos θ > Vph is
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Figure 2: Scattering frequency ν given by Eq.(3) vs. the
kinetic energy Ek of cosmic rays (a) in halo, (b) in WIM.
The ’x’ lines refer to scattering by gyroresonance and
solid lines are the corresponding analytical results given
by Eq.(4). The dashed line are the results for TTD (from
[33]).
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lines refer to scattering by gyroresonance and solid lines
are the corresponding analytical results given by Eq.(4).
The dashed and diamond lines are the results for TTD
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relieved. The contribution from TTD thus becomes
dominant for sufficiently small µ. However, since
quasi-linear approximation is not accurate in this
regime, proper calculation should be carried out with
non-linear effects taken into account [13, 23].

5. Cosmic ray self confinement by
streaming instability

When cosmic rays stream at a velocity much larger
than Alfvén velocity, they can excite by gyroresonance
MHD modes which in turn scatter cosmic rays back,
thus increasing the amplitude of the resonant mode.
This runaway process is known as streaming insta-
bility. It was claimed that the instability could pro-
vide confinement for cosmic rays with energy less than
∼ 102GeV [5]. However, this was calculated in an
ideal regime, namely, there was no background MHD
turbulence. In other words, it was thought that the
self-excited modes would not be appreciably damped
in fully ionized gas.

This is not true for turbulent medium, however. [31]
pointed out that the streaming instability is partially
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suppressed in the presence of background turbulence7.
More recently, detailed calculations of the streaming
instability in the presence of background Alfvénic tur-
bulence were presented in [11].

For interaction with fast modes, it happens at the
rate τk ∼ (k/L)−1/2Vph/V

2 (see Eq.(2.2)). By equat-
ing the growth rate [22],

Γ(k) = Ω0
N(≥ E)
np

(−1 +
vstream

VA
) (5)

and the damping rate Eq.(2.2), we can find that the
streaming instability is only applicable for particles
with energy less than

γmax � 1.5 × 10−9[n−1
p (Vph/V )(LvΩ0/V

2)0.5]1/1.1,
(6)

which for HIM, provides ∼ 20GeV if taking the injec-
tion speed to be V � 25km/s.

One of the most vital cases for streaming instabil-
ity is that of cosmic ray acceleration in strong MHD
shocks. Such shocks produced by supernovae explo-
sions scatter cosmic rays by the postshock turbulence
and by preshock magnetic perturbations created by
cosmic ray streaming. The perturbations of the mag-
netic field may be substantially larger than the regular
magnetic field. The corresponding nonlinear growth
rate is ([26]):

Γ(k) � akεU3

cVA(γa
max − (1 + a)−1)(krg0)a(1 +A2

tot)(1−a)/2
,

(7)
where ε is the ratio of the pressure of CRs at the shock
and the upstream momentum flux entering the shock
front, U is the shock front speed, a−4 is the spectrum
index of CRs at the shock front, rg0 = c/Ω0, Atot is the
dimensionless amplitude of the random field A2

tot =
δB2/B2

0 .
Magnetic field itself is likely to be amplified through

an inverse cascade of magnetic energy at which per-
turbations created at a particular k diffuse in k space
to smaller k thus inducing inverse cascade. As the re-
sult the magnetic perturbations at smaller k get larger
than the regular field. As the result, even if the insta-
bility is suppressed for the growth rate given by eq.
(5) it gets efficient due to the increase of perturbations
of magnetic field stemming from the inverse cascade.

Whether or not the streaming instability is efficient
in scattering accelerated cosmic rays back depends on
whether the growth rate of the streaming instability is
larger or smaller than the damping rate. The precise

7The fast cascade induces fast non-linear damping of MHD
turbulence. Essentially the damping of Alfvénic turbulence
happens in one eddy turnover time for large eddies. This ef-
fect was invoked in [24] to explain the small transversal size of
X-ray filaments observed ([1])

picture of the process depends on yet not completely
clear details of the inverse cascade of magnetic field.
If, however, we assume that the small scale driving
provides at the scales of interest isotropic turbulence
the nonlinear damping happens on the scale of one
eddy turnover time. Assuming the shock front speed
U is low, we attain the maximum energy of particles
accelerated in the shock by equating the growth rate
of the instability Eq.(7) to the damping rate due to
turbulence cascade Eq.(2.2):

γmax � (
aε(LeB0)0.5U3

m0.5V 2c2
)1/(0.5+a). (8)

From this we can estimate γmax � 2×107(t/kyr)−9/4

in HIM.
As shown in the Eq.(5) and (7), the growth rate

depends on the CRs’ density. In those regions where
high energy particles are produced, e.g., shock fronts
in ISM, γ ray burst, SN, the streaming instability is
more important.

6. Summary

In the paper above we characterized interaction
of cosmic rays with balanced interstellar turbulence
driven at a large scale. Our results can be summa-
rized as follows:

1. fast modes provide the dominant contribution
to scattering of cosmic rays in different phases of in-
terstellar medium provided that the turbulent energy
is injected at large scales. This happens in spite of
the fact that the fast modes are more subjected to
damping compared to Alfvén modes.

2. As damping of fast modes depends on the angle
between the magnetic field and the wave direction of
propagation, we find that field wondering determined
by Alfvén modes affects the damping of fast modes.
At small scales the anisotropy of fast mode damping
makes gyroresonant scattering within slab approxi-
mation applicable. At larger scales where damping
is negligible the isotropic gyroresonant scattering ap-
proximation is applicable.

3. Transient time damping (TTD) provides an im-
portant means of cosmic ray transport. Use of δ func-
tion resonance entails errors, and therefore, resonance
broadening is essential for TTD. Our study shows that
it is vital for low energy and large pitch angle scatter-
ing. And it dominates scattering of cosmic rays in
HIM and the partially ionized interstellar gas where
fast modes are severely damped.

4. Streaming instability is subjected to non-linear
damping due to the interaction of the emerging mag-
netic perturbations with the surrounding turbulence.
The energy at which the streaming instability is sup-
pressed depends on whether on the inverse cascade
of magnetic energy as the instability gets more easily
excited for low energy particles.
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Presently the CDMS-II collaboration’s Weakly Interacting Massive Particle (WIMP) search at the Soudan
Underground Laboratory sets the most stringent exclusion limits of any WIMP cold dark matter direct-detection
experiment. To extend our reach further, to WIMP-nucleon cross sections in the range 10−46 − 10−44cm2, we
propose SuperCDMS, which would take advantage of a very deep site. One promising site is the recently
approved SNOLab facility in Canada. In this paper we will present our overall plan, identify primary issues,
and set the goals that need to be met prior to embarking upon each phase of SuperCDMS.

1. INTRODUCTION

The identification of dark matter is of fundamen-
tal importance to cosmology, astrophysics and high-
energy particle physics [1]. Over the last decade a
variety of cosmological observations, from the primor-
dial abundance of light elements to the study of large-
scale structure, in combination with high-redshift su-
pernovae findings, weak-lensing observations, and de-
tailed mapping of the anisotropy of the cosmic mi-
crowave background, have led to the construction of
a concordance model of cosmology. In this very suc-
cessful model, the universe is made of ∼ 4% baryons
which constitute the ordinary matter, ∼ 23% non-
baryonic dark matter which dominates structure for-
mation, and ∼ 73 % dark energy [2].

A leading hypothesis is that the dark matter is
comprised of Weakly Interacting Massive Particles, or
WIMPs, a hypothetical elementary particle that was
produced moments after the Big Bang. Supersym-
metry extensions to the standard model of particle

physics predict a stable particle with the appropri-
ate properties, the Lightest Supersymmetric Particle
(LSP) [3].

If WIMPs are indeed the dark matter they can be
detected via elastic scattering from nuclei in a suit-
able target [4]. The predicted energy depositions and
event rate of these expected nuclear recoils are low.
The direct WIMP-search experiments, in particular
CDMS II [5], EDELWEISS [6], and ZEPLIN I [7]
are beginning to set significant upper limits on the
WIMP-nucleon scattering cross-section. The CDMS
ZIP (Z-dependent Ionization and Phonon) detectors,
which are sensitive to both ionization and athermal
phonon signals, have demonstrated extraordinary se-
lectivity for the nuclear recoils expected from WIMP
interactions and are currently the most sensitive de-
tectors in the search for WIMPs [5].

While the present direct WIMP-search experi-
ments, with target masses of a few kgs, already
provide interesting constraints on the hypothetical
WIMP particle properties (and thus constraints on
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models of supersymmetry), there is a strong demand
to perform more sensitive direct WIMP searches with
larger detector mass.

Figure 1 shows the present CDMS II WIMP-
exclusion limit and the allowed regions of mass and
cross-section that arise from a number of favoured su-
persymmetry models. Also shown is the SuperCDMS
program which is proposed to increase the ultimate
WIMP-search reach by a factor of a few hundred past
that of CDMS-II. This would allow a sensitivity in
the WIMP-nucleon scalar cross-section to complement
that of upcoming supersymmetry searches, notably at
the Large Hadron Collider (LHC).

Figure 2 shows the overall time-line, including the
commissioning and data-taking for each proposed Su-
perCDMS phase. Note that the detector deployment
is phased, commensurate with the fabrication and
testing schedule required for the new ZIP-style detec-
tors.

Funding approval for SuperCDMS would enable a
new generation of direct detection experiments utiliz-
ing ZIP-style detectors with target masses starting at
27 kg (Phase A), growing to 145 kg (Phase B), and
up to 1100 kg (Phase C) to study a potential WIMP
signal.

WIMP Mass [GeV]

W
IM

P
−

N
uc

le
on

 C
ro

ss
−

S
ec

tio
n 

[p
b]

A

B

C

10
1

10
2

10
3

10
4

10
−12

10
−10

10
−8

10
−6

10
−4

Figure 1: Present CDMS II (solid curve) [5] WIMP
exclusion limit (90% C.L. above curve); projected
sensitivity goal of CDMS II (dot-dashed curve), and
projected SuperCDMS phases A, B & C (labelled dashed
curves). The lightest grey region is the allowed
WIMP-nucleon cross-section under standard model
assumptions for the Minimal SuperSymmetric Model
(MSSM) parameter space [8]. SuperCDMS will probe
nearly all split-supersymmetry models (×’s [9] and
dots [10]) and much of the mSUGRA region [11]
(medium grey), including most post-LEP benchmark
points (circles) [12] and nearly all the subset (dark grey)
consistent with a supersymmetric interpretation of the
muon g − 2 measurement.

2. SUPERCDMS

The goal of each phase of SuperCDMS is to oper-
ate with a nuclear-recoil event background close to
zero. The resultant WIMP-search sensitivity would
then scale linearly with exposure and allow each phase
of SuperCDMS to be conducted within a few years.

Scaling from the recent CDMS Soudan results [5],
the sensitivity goal of 2 × 10−45cm2 for SuperCDMS
Phase A (for a 60 GeV mass WIMP, see Fig. 1) corre-
sponds to an event rate of 4×10−4/kg/day, integrated
over the nuclear recoil energy range of interest: 15-
45 keV. However, this sensitivity goal is for setting a
90% confidence WIMP-exclusion upper limit. The de-
sired “zero-background” contamination level required
is ∼ 1 × 10−4/kg/day for 15-45 keV. Experience with
the ZIP detectors of CDMS suggests an integrated ex-
posure of one to two years with 27 kg of Ge ZIP-style
detectors would be required to reach the SuperCDMS
Phase A goal, assuming zero background events.

2.1. Site Selection: Neutron Background

The CDMS II WIMP-search experiment is oper-
ated at the Soudan Mine with an overburden of
2090 meter-water-equivalent (m.w.e.) and an ac-
tive muon-veto shield and substantial polyethylene,
all to mitigate neutron backgrounds [5]. The neu-
tron background at Soudan that could mimic WIMP
events in the CDMS II experiment is estimated to be
4 × 10−4/kg/day (with an uncertainty of a factor of
two) for the Ge nuclear recoil energy range of inter-
est, 15-45 keV [13]. Thus, the SuperCDMS Phase A
zero-background goal cannot be accomplished at the
Soudan site with our present shielding configura-
tion. Although further shielding measures at Soudan
could accomplish the Phase A goal, later SuperCDMS
phases would still remain out of reach.

During the last year a significant development oc-
curred with the approval in Canada of the SNO-
Lab deep-site facility at the Sudbury Mine. The
∼ 6000 m.w.e. overburden at this site results in over
two orders of magnitude suppression in the neutron
background compared to Soudan and would even al-
low SuperCDMS Phase C (with 1100 kg of Ge de-
tectors running for several years) to be accomplished.
The SuperCDMS proposal has generated strong inter-
est at SNOLab and further discussions are in progress.

With the possibility of SNOLab occupancy in 2007,
Fig. 2 shows a possible timeline for the execution
of the SuperCDMS program. The Phase A WIMP-
search would commence at the new deep site in a new
cryogenic system, which would also be used for the
following Phases B & C.
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Figure 2: Proposed timeline for the SuperCDMS Development program and SuperCDMS Phases A & B. Note the
phased deployment of detectors to allow early science returns, even in the Development program. The WIMP-search
running of the 27 kg of Ge of Phase A and the 145 kg of Ge of Phase B are proposed to occur at SNOLab.

2.2. Detector Performance: Gamma and
Beta Backgrounds

Recent results from the CDMS II detectors at
Soudan [5, 13] confirm the excellent discrimination
ability of the ZIP detectors against the most com-
mon source of background events, photons from exter-
nal sources of radioactivity interacting in the bulk of
the detector. Thus, the expected gamma background
of SuperCDMS (∼ 1/keV/kg/day) is not an immedi-
ate source of concern for SuperCDMS Phases A & B.
However, a more problematic source of backgrounds
that does need to be addressed prior to SuperCDMS
Phase A is that due to electromagnetic events near
the detector surfaces.

Electromagnetic interactions within the first 35 µm
of the present ZIP detector surface give a suppressed
ionization signal, and for events within the first 1 µm
of the surface the suppression is sufficiently severe that
the ionization yield measured mimics nuclear recoils.
The great advantage of the ZIP detectors of CDMS
is that the athermal phonon signal for such surface
events have measurably faster risetimes. Thus soft-
ware analysis cuts can be established to remove them.

The CDMS II data analysis approach for each
WIMP-search run at Soudan has been to use the
in-situ photon and neutron calibrations, laboratory
calibrations with beta sources, and their Monte-
Carlo simulations to establish event identification
cuts, which are estimated to leave less than one “beta-
leakage” event in the (blinded) nuclear-recoil WIMP-
search data [5, 13]. Clearly, the more aggressive the

cuts need to be to reduce the beta-leakage estimate,
the lower the net efficiency for true nuclear recoil iden-
tification and the less sensitive the WIMP-search be-
comes. No statistical subtraction of beta events in
the WIMP-search data is presently attempted, nor as-
sumed for SuperCDMS.

Studies [13] of the detector stacking configuration
used by CDMS show that single-scatter events caused
by electrons ejected from nearby material by an in-
cident photon have a depth distribution in the de-
tector that is deeper, and thus less problematic,
than electrons of similar deposited energy emitted
from beta sources on the detector surfaces. With
the expected gamma background of SuperCDMS, the
ejected-electrons due to photon-induced events are not
a source of concern. Instead, the source of back-
ground that needs to be reduced is electrons due to
beta contamination. Here we take beta contamination
to include beta-emitters, internal-conversion sources,
Auger electrons and soft X-ray sources as well, al-
though the source is most likely to be a beta-emitter.

The present ZIP detectors’ discrimination perfor-
mance and data analysis results in an inferred “mis-
identified beta” background due to beta-emitter con-
taminants of ∼ 1 × 10−2/kg/day for the 15-45 keV
nuclear recoil energy range of interest [5, 13]. This is
a factor of one hundred too high for Phase A.

2.3. Detector Advances Required

In order to achieve the sensitivity goals of the pro-
posed SuperCDMS Phases A & B (with zero back-
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ground events), a number of improvements are re-
quired to the present CDMS II ZIP detector technol-
ogy to reduce the inferred mis-identified beta back-
ground. We have identified three approaches, all of
which we believe will contribute at a similar level:
improved ZIP-style detector performance, advances in
analysis techniques, and actual reduction of the source
of beta-contamination itself. Table I summarizes our
expectations for the target improvement factors that
will contribute to both Phases A & B.

Table I Target improvement factors to achieve the
SuperCDMS Phase A and Phase B WIMP-search
sensitivities. The first and third columns are relative to
the present CDMS II ZIP detector performance at
Soudan [5].

Improve Phase A Phase B Combined

Detector

rejection ×5 ×2 ×10

Analysis

discrimination ×4 ×2 ×8

Contamination

reduction ×5 ×2 ×10

Total

improvement = ×100 = ×8 = ×800

Referring to Table I and focussing on the require-
ments for Phase A, the primary ZIP detector develop-
ment requirement for SuperCDMS is to increase the
detector thickness from the present 10 mm to 25 mm.
This will both give an effective increase of a factor
2.5 in detector rejection capability for beta-like sur-
face events, and increase the throughput in detector
fabrication, testing, and calibration.

The remaining factor of two in detector background
rejection capability we believe will come from optimiz-
ing the hydrogenation of the amorphous-Si electrodes
used for the ionization signal measurement. For tech-
nical reasons hydrogenation of the amorphous Si for
the ZIP detectors deployed in CDMS II at Soudan
was not possible. However, earlier detectors used by
CDMS had higher ionization-only based rejection ca-
pability, thus our interest in developing this option
further.

Further improvements in software analysis of the
athermal phonon pulse shapes will also increase our
background rejection ability. Most of the desired im-
provement (factor of four) for SuperCDMS Phase A
(relative to the first analysis of CDMS II Soudan
data [5]) is already close at hand.

Finally, we are also investigating the possible
sources of beta contamination present in the first
CDMS II detectors run at Soudan. The domi-
nant radioactive background appears to be Pb-210,
most likely from Radon plate-out. Studies[13] of

the Soudan data, Monte-Carlo simulations of possible
sources, and surface-analysis of test samples appear
to indicate that the other likely candidates, K-40 and
C-14, are not significant (< 20% of the present total)
so no remedial actions are required for those sources
prior to SuperCDMS Phase A. During the course of
CDMS II more rigorous procedures were put in place
to mitigate radon plate-out. The impact of these ef-
forts will only be known as later detector towers of
CDMS II come into operation at Soudan over the next
year. Of course it is possible that a significant fraction
of the present beta contamination is due to a source
not yet identified. Inductively-coupled plasma mass
spectroscopy (ICP-MS) is a quick method for identi-
fying most of the potential exotics. Alpha, beta and
gamma screeners are able to identify the others.

Note that it is only the combined affect of
these three approaches to the misidentified beta-
contamination background that matters: some ap-
proaches will be more or less successful than originally
anticipated, but they will all be pursued under the Su-
perCDMS program to ensure that the overall risk is
minimized.

2.4. SuperCDMS Development Project

The first part of SuperCDMS, proposed jointly to
the DOE & NSF in late 2004, is the Development
Project that will demonstrate that all the detector
advances required for Phase A (outlined above) have
been met.

An additional goal of the Development Project in-
dicated in Fig. 2 is to continue our present operations
at Soudan to extend our WIMP-search reach beyond
the CDMS II goals. The first new ZIP-style Ge de-
tectors of SuperCDMS would also first be tested at
Soudan (designated “ST6 1” in Fig. 2), in the present
Soudan ice-box along-with the incumbent five towers
of CDMS II detectors (designated as T* in Fig. 2) and
thus allow further science returns prior to a deeper
site, such as SNOLab, becoming operational.

The SuperCDMS Development Project would also
allow development of additional longer lead-time
items that would be required to achieve the Super-
CDMS Phases B & C goals. These include both the
increased zero-background goals, and accelerated de-
tector manufacturing rates.

2.5. SuperCDMS Apparatus Concepts

Here we will outline the longer-term infrastructure
needs of SuperCDMS and highlight some of the ele-
ments we consider necessary for the later Phases.

2.5.1. Cryogenics

In order to deploy the larger mass of Ge detec-
tors for SuperCDMS a new, larger cryogenic facility
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at a new, deeper site is required. To accommodate
1000 kg-worth of Ge detectors requires a cold volume
of ' 1 m3. Figure 3 shows a possible arrangement of
the 25 mm thick ZIP-style detectors of SuperCDMS
for each phase of the program within the new cold
volume.

Figure 3: Plan and elevation views of the SuperCDMS
cold-volume showing deployment of 7 towers of 6
detectors each for SuperCDMS Phase A (darkest circles),
19 towers of 12 detectors each in the 145 kg Phase B
(grey circles), and 73 towers of 24 detectors each in the
1.1 tonne Phase C (open circles). The required
cold-volume will be three times larger in each dimension
(dashes) than that of CDMS.

A conceptual sketch of the envisioned overall cryo-
genic design is shown in Fig. 4 and is similar to the
present CDMS II arrangement at Soudan [14]. An
MRI proposal to the NSF for both the design and
construction of the desired system was submitted in
early 2005. One of the design philosophies is that the
mounting and electrical readout of detectors is modu-
lar, so that some flexibility is possible in the utilization
of the cryogenic facility.

2.5.2. Electronics

The readout of the ionization signals in CDMS
presently requires FETs self-heated to 140 K relatively
close to the detectors. As we increase the number
of detectors for the later phases of SuperCDMS, the

heat-load will necessitate the replacement of the FET
readout with the lower power dissipation of SQUID-
based charge readout [15]. Such concepts require fur-
ther development under the SuperCDMS program and
related long-term R & D proposals.

As the number of phonon-signal readout channels
is increased there is additional motivation to move
from the present CDMS single-stage SQUID readout
to two-stage configurations. Apart from ease in man-
ufacture and demonstrated multiplexing schemes [16],
opportunities are present for improving the detec-
tor phonon sensor design. Larger phonon collec-
tion area designs would be possible and substitution
of the present W Transition-Edge-Sensor (TES) ele-
ments with Al-Mn TESs [17] would also be possible.
These avenues are of interest both for improving the
phonon sensor performance and easing the manufac-
ture of future ZIP-style detectors.

2.5.3. Detectors

An alternative configuration of the ionization and
phonon channels to that of CDMS II had been sug-
gested by Luke [18] where the ionization bias elec-
trodes are interdigitated with the phonon sensors such
that electric fields are now present tangentially to the
detector surface in addition to the usual bulk drift field
through the detector. This would allow vetoing of ion-
izing surface events. We suspect that such a scheme
may be required to achieve the detector performance
goals of SuperCDMS Phase B.

Alternative double-sided phonon sensor readout
schemes would also improve our utilization of ather-
mal phonon signal pulse-shape analysis and event re-
construction. The biasing of the CDMS II-style ion-
ization electrodes would be more complicated for these
schemes but is being studied under long-term R & D
base programs.

3. Conclusion

The potential of the CDMS ZIP detectors has be-
come readily apparent over the last few years, with
CDMS II presently the world-leading WIMP-search
direction-detection experiment [5]. The measurement
of both ionization and phonon signals for each event
avoids possible ambiguities at the low recoil of ener-
gies of interest. A positive signal identification from
any WIMP-search experiment must be compelling -
with no other alternative sources of events, detector
pathologies, or systematic affects clouding the issue.
We believe SuperCDMS will satisfy these demands.

SuperCDMS is by no means the only way forward,
but we believe that it will be a strong contender with
other large-mass detector concepts [19].

Indeed, comparison of any WIMP discovery by com-
plementary detector technologies is a scientific neces-
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Figure 4: Design concept for cryogenic facility showing (left to right) a commercial dilution refrigerator connected to
the radio-pure copper vessel containing the Ge detectors, with electrical readout through the stem to the right cooled
by a closed-cycle cryocooler.

sity and will also aid in refining properties of the
WIMPs, for example their mass, velocity distribution
and coupling strengths to nucleonic matter. The age
of WIMP astronomy is approaching.
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Limits on Spin-Dependent WIMP-Nucleon Interactions
from the Cryogenic Dark Matter Search

Jeffrey P. Filippini, for the CDMS Collaboration
Department of Physics, University of California, Berkeley, CA 94720, USA

We give a brief introduction to the physics of spin-dependent WIMP interactions and report the results of
an analysis of recent data sets from the Cryogenic Dark Matter Search (CDMS) in terms of spin-dependent
WIMP-nucleon interactions on 73Ge and 29Si. The primary data are from the first run of CDMS at the Soudan
Underground Laboratory, and data from a prior run at the Stanford Underground Facility (6.6 raw kg-day Si
exposure at 20 mwe) are used to extend our reach in the case of low WIMP mass. These data exclude new
regions of spin-dependent WIMP-nucleon interaction parameter space. The parameter space explored is relevant
to spin-dependent interpretations of the annual modulation signal reported by the DAMA experiment, but does
not yet probe preferred regions of supergravity parameter space.

1. Introduction

Determining the nature of the dark matter which
dominates the evolution of structure in our universe
is one of the most pressing questions of modern cos-
mology. The most promising class of candidates for
this dark matter is weakly interacting massive parti-
cles (WIMPs) [1], in particular the lightest neutralino
in supersymmetric (SUSY) extensions to the Standard
Model [2]. In recent years, numerous experimental
groups have sought to detect WIMPs directly via their
elastic scattering off atomic nuclei in a target mass [3].

In the extreme nonrelativistic limit, the nucleon
coupling of any WIMP is characterized by two distinct
terms: scalar and axial vector [4]. The former leads
to an interaction amplitude dependent on the num-
bers of WIMPs and nucleons present, known as “spin-
independent” coupling. The latter gives an amplitude
dependent on the scalar product of the WIMP and
nucleon spins, known as “spin-dependent” coupling.
For the purposes of direct detection, a WIMP can-
didate may thus be characterized by five quantities:
its mass (Mχ), its spin-independent couplings to the
proton and neutron (fp, fn), and its spin-dependent
couplings to these nucleons (ap, an). In order to com-
pute an event rate, it is also necessary to assume some
phase space distribution for the WIMPs comprising
the galactic halo, e.g. the “standard halo model” [5].

The expected direct detection signal of SUSY
neutralinos are generally dominated by their spin-
independent couplings. The various WIMP-nucleon
scattering amplitudes add coherently across the nu-
cleus (with corrections for finite-momentum-transfer
effects using a form factor F 2(q)) to give a total
WIMP-nucleus elastic scattering cross section

dσSI
χN

dq2
=

1

πv2
[Zfp + (A − Z)fn]2F 2(q),

where v is the incident WIMP velocity, q is the mo-
mentum transferred, Z is the atomic number of the
target nucleus, and A is its mass number. Neutralino-
nucleon interaction processes (usually dominated by

Higgs exchange) are expected to give fp ≈ fn [2],
yielding σSI

A ∼ f2
p A2. This A2 factor may be very

large (e.g. ∼ 5000 for Ge), leading scalar interactions
to dominate detection event rates for experiments us-
ing heavy target nuclides. Such experiments quote
model-independent results in terms of a single limit
curve (or allowed region) in the σSI

p − Mχ plane.
In contrast, the total spin-dependent scattering am-

plitude on a pair of nucleons with opposite spin is
negligible for low momentum transfers, leaving the
scattering amplitude determined roughly by the spins
of the unpaired nucleons in a given nucleus. Sensi-
tivity to such interactions thus demands the use of
target nuclides with unpaired neutrons or protons.
The general form of the differential cross section for
WIMP-nucleus elastic scattering, valid at any momen-
tum transfer q, is [6]

dσSD
χN

dq2
=

8G2
F

(2J + 1)v2
S(q), (1)

where J is the nuclear spin, GF is Fermi’s constant,
and

S(q) = a2
0S00(q) + a0a1S01(q) + a2

1S11(q), (2)

with a0 = ap + an and a1 = ap − an. In
SUSY neutralino models, neutralino-nucleon cross
spin-dependent couplings, given primarily by Z0 and
squark exchange, are generally several orders of mag-
nitude larger than in the spin-independent case [7],
but usually fail to dominate direct detection event
rates because they do not benefit from A2 scaling.
Nonetheless, such interactions may become impor-
tant if the spin-independent coupling is strongly sup-
pressed (i.e. for a pure gaugino WIMP [2]), and can
often provide a lower limit to the WIMP-nucleus elas-
tic cross section by dominating the scattering ampli-
tude in less-detectable regions of parameter space [8].
In general, consideration of such couplings when in-
terpreting experimental results more fully constrains
WIMP parameter space and allows exploration of al-
ternate interpretations of possible signals [9, 10].
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Figure 1: A CDMS II ZIP (Z-sensitive Ionization and
Phonon) detector and its housing. Data for this analysis
were taken with a single “tower” of six such detectors.

2. Data Sets

The Cryogenic Dark Matter Search (CDMS) [11, 12]
is an experiment designed to search for WIMPs via
their interaction with nuclei in semiconductor crys-
tals at millikelvin temperatures. CDMS utilizes ZIP
detector technology (see Figure 1) [13] to discriminate
between electron recoils (most backgrounds) and nu-
clear recoils (WIMPs and neutrons) on an event-by-
event basis via a simultaneous measurement of ioniza-
tion and athermal phonons. Under the assumptions
of the standard halo model, CDMS currently sets the
lowest limit on spin-independent WIMP interactions.

The CDMS detectors are made of natural Ge and
Si. Both materials are composed predominantly of
spinless isotopes with negligible sensitivity to spin-
dependent WIMP interactions. Each does, however,
contain one isotope with non-zero nuclear spin in sig-
nificant proportion: 73Ge (spin-9/2) makes up 7.73%
of natural Ge, while 29Si (spin-1/2) comprises 4.68%
of natural Si. Each isotope contains a single un-
paired neutron, making CDMS sensitive primarily
to spin-dependent interactions with atomic neutrons
(an) rather than protons (ap).

The analysis presented here is based on two CDMS
II data runs using the first “tower” of six ZIP detec-
tors. The primary data set was taken between Octo-
ber 11, 2003 and January 11, 2004 at the Soudan Un-
derground Laboratory in northern Minnesota. This
run accumulated 52.6 raw (before cuts) kg-days of Ge
exposure (5.3 raw kg-days Si exposure), and is de-
scribed in detail in [11, 14]. Due to the conservative
analysis thresholds used in this run (10 keV for 3 Ge
ZIPs, 20 keV for Si ZIPs and 1 Ge ZIP), we have also
incorporated data from a run of the same detectors at
the shallow Stanford Underground Facility between
December 2001 and April 2002, described in detail in
[15]. This run collected 65.8 raw kg-days of Ge ex-

posure (6.6 raw kg-days Si) with substantially lower
thresholds (5 keV on all detectors except 20 keV on
one Ge ZIP), but due to its limited rock overburden
a number of events (presumably muon-induced neu-
trons) were observed. The former run found no signal
events in the initial blind analysis and one event in
the subsequent non-blind analysis. The latter found
20 Ge and 2 Si single-scatter nuclear recoil events in
the signal region, consistent with the expected neu-
tron background.

The data, cuts, and resulting event counts used here
are identical to those from the original references. In
the case of the first Soudan run, we choose to plot re-
sults from the second, non-blind analysis (blind analy-
sis curves are essentially identical). The Si data from
this analysis has not previously been published. Scal-
ing the raw exposures down by the isotopic abun-
dances above, we obtain 4.1 raw kg-days 73Ge (0.25
raw kg-days 29Si) exposure at the deep site and 5.1
raw kg-days 73Ge (0.31 raw kg-days 29Si) at the shal-
low site.

3. Model-independent Analysis
Framework

It is significantly more complex to compute a model-
independent result in the case of spin-dependent
WIMP interactions than in the spin-independent case.
Spin structure varies substantially between nuclear
species and demands detailed nuclear modeling. Fur-
ther, the WIMP-proton and WIMP-neutron couplings
are not necessarily equal [16] (though they are often
of similar magnitude in models of interest [17]). In
this section we review a model-independent frame-
work due to Tovey et al. [16] and expanded upon
by [10, 18] for the interpretation of experimental re-
sults in terms of spin-dependent interactions. From
here on, we make the assumption that fp = fn = 0
(pure spin-dependent coupling).

3.1. Spin Structure

The “spin structure function” S(q) encompasses the
magnitude of the spin associated with the protons
and neutrons of the desired nucleus (often quoted as
the proton and neutron spin expectation values in the
limit of vanishing momentum transfer, 〈Sp〉 and 〈Sn〉),
as well as the momentum-transfer effects of the spa-
tial distribution of that spin. The function S(q) is
clearly WIMP model-dependent, with its form deter-
mined by the ratio ap/an and its magnitude by a2

p+a2
n.

In the absence of direct measurements, the spin struc-
ture function must be determined separately for each
nuclide using a nuclear structure model.

For 29Si, the major efforts at computing nuclear
spin structure have been via large-basis shell model
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Figure 2: Spin-dependent structure functions S00(q)
(solid), S11(q) (dashed), and S01(q) (dotted) used in this
analysis. The Ge structure functions (dark, bold) are
taken from [19], while the Si functions (light, thin) are
taken from [20].

simulations by Ressell et al. [20] and Divari et al.
[21]. The results of both calculations agree in the zero-
momentum transfer limit within their reported preci-
sions (〈Sp〉 = 0.002, 〈Sn〉 = 0.13), and both reproduce
the experimental magnetic moment (µ = −0.555µN )
to within 10% without explicit rescaling (“quench-
ing”). We use the results of Ressell et al. in this
analysis.

The most complete shell model studies of 73Ge to
date have been carried out by Ressell et al. [20]
and Dimitrov et al. [19]. The former result re-
quires “quenching” to bring its predicted value of
the nuclear magnetic moment (µ = −1.239µN before
quenching) in line with experiment (µ = −0.879µN ),
while the “hybrid model” used in the latter does not
(µ = −0.920µN ). Both models give zero-momentum
transfer values of 〈Sn〉 within ∼ 2% of one another,
but their values for 〈Sp〉 differ by a factor of 3. We fol-
low the results of Dimitrov et al., and these structure
functions are illustrated in Figure 2.

3.2. Plotting Conventions

For easy comparisons between experiments, we fol-
low Tovey et al. and report two two-dimensional al-
lowed regions for each experiment: one in the case
an = 0 (pure proton coupling), one in the case ap = 0
(pure neutron coupling). For this purpose, we define
standard WIMP-nucleon cross sections

σSD
p,n =

8(J + 1)

πJ
G2

F µ2
χp,na2

p,n, (3)

where µχp,n is the WIMP-nucleon reduced mass. In
each case, we use the spin structure function S(q) ap-

propriate to the the assumed couplings. Each experi-
ment thus determines allowed regions in two σSD−Mχ

planes, allowing for easy comparison.
In order to explore more generic models in which

ap and an are both non-zero, we plot directly the al-
lowed region of the ap−an plane for various choices of
WIMP mass Mχ. This framework has been described
by Giuliani [18] in the limit of vanishing momentum
transfer and generalized by Savage et al. [10]. Null
experimental results yield elliptical allowed regions in
this formalism, while signal observations correspond
to elliptical “rings”. The orientation of each ellipse is
determined by the given experiment’s choice of tar-
get material, and so combining results from multiple
target materials can substantially restrict the allowed
region.

4. Limits on WIMP Parameters

4.1. Pure Neutron or Proton Couplings

In Figure 3 we plot upper-limit contours in the
Mχ − σSD plane in the limiting cases of pure neutron
coupling (ap = 0) and pure proton coupling (an = 0)
for the CDMS data sets described above. All CDMS
curves are computed using Yellin’s Optimum Interval
method [25]. The resulting Ge limit is comparable to
that estimated in [10], but our use of experimentally-
determined efficiencies makes the current limit some-
what stronger (∼ 20% near 50 GeV/c2). For com-
parison, we also plot interpretations from [10] of the
DAMA annual modulation signal [9]. Further com-
parison with other experiments and with theory are
given in Figure 5. Combined, the various CDMS data
runs exclude new regions of parameter space for pure
WIMP-neutron spin-dependent couplings. These data
are inconsistent with an interpretation of the DAMA
signal in terms of such interactions within the stan-
dard halo model.

In the case of purely proton-coupled WIMPs, the
lack of unpaired protons in its nuclides limits the sen-
sitivity of CDMS. Contributions from nuclear excita-
tions with non-zero 〈Sp〉, however, give 73Ge a non-
vanishing sensitivity to such couplings. CDMS has
begun to explore the regions of pure WIMP-proton
parameter space associated with the DAMA annual
modulation signal, and will explore substantially more
by the end of CDMS II’s run.

4.2. General Limits on Parameter Space

CDMS’s limits can also be expressed in the ap − an

plane for various choices of WIMP mass. Two such
choices (13 GeV/c2 and 50 GeV/c2) are shown in Fig-
ure 4. Again, limit contours are determined using the
Optimum Interval method. The left plot illustrates
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Figure 3: 90% confidence level contours for recent data sets from CDMS and other experiments, plotted in the cases of
(left) pure neutron and (right) pure proton coupling. The region above each limit curve is excluded by the
corresponding experimental data set. The CDMS limit curves are, respectively, Stanford Si (light solid), Soudan Si
(crosses), and Soudan Ge (dark solid). As benchmarks, we also include interpretations of the DAMA annual
modulation signal (filled regions), as computed in [10]. Other experimental curves are: left Edelweiss [22] (dashed) and
DAMA/Xe (as computed in [10]) (dotted); right CRESST I (as computed in [10]) (dark dashed) and SIMPLE
[23](light dashed). Plots made with [24].
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Figure 4: Regions in the ap − an plane allowed (at the 90% confidence level) by analyses of various CDMS data sets.
Each analysis excludes the exterior of the corresponding ellipse. Two choices of WIMP mass Mχ are shown: 13 GeV/c2

(left) and 50 GeV/c2 (right). Counting inward on the plot at right, the ellipses represent limits due to CDMS Stanford
Si, CDMS Soudan Si, and CDMS Soudan Ge. The limits at left are due to CDMS Stanford Si (larger) and CDMS
Soudan Ge (smaller). Due to the 20 keV analysis threshold in the Soudan Si data set, no limit can be set using that
data set within the standard halo model for WIMP masses below ∼ 20 GeV/c2.

the advantage of using two active isotopes: the region
allowed by both nuclides (approximately the overlap
of the two ellipses) may be significantly smaller than
either ellipse individually. In the case of CDMS, 73Ge
provides the best overall sensitivity, but the gener-
ally weaker constraint from 29Si gives further con-
straint at low masses. In particular, the long “ends” of

both ellipses are cut off. The lengths of these ellipses
are based on near-cancellations in the spin-dependent
structure functions, and so are expected to have sub-
stantial uncertainties.
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Figure 5: Limits (90% confidence level) on spin-dependent WIMP-nucleon interactions in the case of (left) pure
neutron and (right) pure proton coupling. The envelopes of the lowest CDMS curves in Figure 3 are shown as solid
lines. Allowed regions from other major experiments are as shown in Figure 3, with the addition of the results of
Super-Kamiokande’s indirect search [26] in terms of spin-dependent proton interactions (crosses). In both plots, upper
filled regions represent the DAMA/NaI signal region and lower filled regions are allowed regions from mSUGRA models
[27], both with (dark filled) and without (light filled) a 1σ g-2 constraint. The lower dotted lines represents the
expected reach of CDMS II at Soudan.

4.3. Supersymmetric Dark Matter

Spin-dependent couplings are generally less promis-
ing in the context of direct detection of supersymmet-
ric dark matter. Scans of mSUGRA parameter space
suggest [7] that event rates due to spin-independent
interactions exceed those due to spin-dependent in-
teractions in models with all but the lowest cross sec-
tions. In Figure 5 we compare the CDMS limit curves
in Figure 3 with the results of Markov Chain Monte
Carlo scans of WMAP-allowed mSUGRA parameter
space by Baltz and Gondolo [27, 28]. CDMS II is
not expected to explore the parameter space of such
models. An increase in exposure by at least two or-
ders of magnitude is required, which may be possible
with larger-scale implementations of similar detector
technology (e.g. the proposed SuperCDMS [29]).

5. Conclusions and Future Prospects

Due to its large exposure and excellent background
discrimination, CDMS possesses a substantial sensi-
tivity to spin-dependent WIMP-nucleon interactions,
despite the predominantly spinless nature of its target
materials. This sensitivity is competitive with that of
other major experiments, and in particular its limit is
among the best yet published under the assumptions
of pure neutron coupling and a standard galactic halo.
Such limits also further constrain possible interpreta-
tions of the DAMA annual modulation signal.

In the upcoming months, our collaboration will ac-
quire and analyze two substantially larger data sets
that will extend our reach by a factor of ≈ 20. We are
currently analyzing data from a run with 12 ZIP detec-
tors at Soudan in 2004, and we will shortly begin a run
with our full complement of 30 ZIPs. These data will
allow us to explore far deeper into spin-independent
and spin-dependent WIMP parameter space.
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